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C1, C1, AND CO AS TRACERS OF GAS PHASE CARBON

Jocelyn Keene
California Institute of Technology

In this talk I will be discussing the form of gas phase carbon in the dense interstellar medium. Since this is a
very mixed audience, I will make this talk more of a tutorial, using illustrative references only, than a comprehensive
review. Some relevant questions for this discussion are:

1. What are the major forms of gas phase carbon in the dense interstellar medium?
2. What are their abundances relative to hydrogen?
3. How are the major components related?
4. What controls their relative abundances and distribution?
I will try to answer the first two of these questions and will only briefly touch on the last two.

The discussion will center on dense molecular clouds for two reasons: a) molecular clouds are the sites of most
of the interesting chemical processes in the interstellar medium and b) gaseous carbon in the diffuse interstellar
medium is thought to be almost entirely singly ionized. Typical molecular clouds have kinetic temperatures of 10—
100 K, depending on whether they are associated with star-formation regions. Average densities for giant molecular
clouds are n(Hz) 2 10? cm=2, but this discussion will be slanted toward smaller and denser condensations,
n(Hz) 2 10* cm=3, often associated with star formation.

It is thought that molecular clouds contain approximately half of the Galaxy’s total gaseous mass although
they occupy only a small fraction of the volume of the Galaxy. The imbalance between mass and volume occurs
because, except for dense self-gravitating clouds, the general interstellar medium is approximately in pressure
equilibrium and the other gas phases have higher temperatures and lower densities. Another small volume is
occupied by cool neutral atomic gas, T S 100, concentrated in structures called “diffuse clouds™ which may be
associated with molecular clouds. About half of the volume of the Galaxy is occupied by neutral atomic and
ionized gas components with temperatures T' S 8000K and rest of it is occupied by a very hot, T' ~ 10° K, highly
ionized gas component.!

FUNDAMENTAL DATA

Table 1 is a list of the most abundant elements, with their ionization potentials.? It is important to notice three
things:

1. carbon is the fourth most abundant element in the universe, with an abundance relative to hydrogen of
33 x 1074,

2. carbon’s ionization potential, 11.26 eV, is the only one of the first 6 elements in this table lower than that
of hydrogen. Not until iron, which'is a factor of 8 less abundant, do you find a lower ionization potential.
This means that, among atoms, carbon has virtually no competition for the interstellar ultraviolet radiation
with photon energy between 11.26 and 13.6 eV and it will be easily ionized unless it is shielded by dust, an
efficient continuum absorber of radiation.

3. the dissociation potential for the carbon monoxide molecule, listed at the bottom of the table, is very close
to the ionization potential for carbon. Carbon monoxide is a very stable molecule, not highly reactive. In
a shielded environment in which chemical reactions can occur it is the endpoint of these reactions. Also,
oxygen, which is the other component of carbon monoxide, is twice as abundant as carbon. Therefore in a
shielded environment it would be reasonable to expect most of the carbon to be in the form of CO.
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TABLE 1

CosMIC ABUNDANCES

Element Abundance Ionization
Potential (eV)
H 1.0 13.60
He 8.5 x 10-2 24.59
0 6.6 x 104 13.62
C 3.3x 104 11.26
N 9.1 x 103 14.53
Ne 8.3 x 103 21.56
Fe 4.0x 10-3 7.87
Si 3.3x 103 8.15
Mg 2.6 x 1075 7.65
S 1.6 x 10~3 10.36
Molecule Dissociation
Potential (eV)
co 11.09
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FIG. 1. - Fractional abundances as a function of visual extinction into a cloud left) from Langer,3

with T' = 20 K, n(H) = 10* cm~3, G = G,; righ) from Tielens and Hollenbach,* with T' = T(Ay),
n(H)=23x10° em=3, G = 10° G,
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RESULTS OF CALCULATIONS

Steady state calculations, including the effects of the ultraviolet radiation field and chemical reactions, show
that one might expect most of the carbon outside dense clouds to be ionized (hereafter C 11), most of it within
dark clouds to be in the form of carbon monoxide (CO), and, at the edges of clouds between these two regions, a
fraction of it to be in a thin layer of neutral atomic carbon (C1). All other gas phase forms of carbon should be
negligible compared with these. Figure 1 shows the results of two calculations on the abundances of carbon species
near the edge of a cloud under different sets of conditions: leff) a calculation for the case of a cool (20 K) cloud
immersed in the general interstellar radiation field, and right) the Orion Molecular Cloud which lies just behind
the Orion Nebula. The ultraviolet field illuminating the cloud (G, measured in units of G, = 1.6 x 10~ ergs cm™2
s, the average intensity of the interstellar field) in the Orion model is enhanced by a factor of 10° because of the
presence of the hot stars which produce the ionized nebula. Both these calculations show the qualitative results
discussed above, i.c., that the carbon is expected to be mostly in the form of C1i outside the cloud (Ay < 110 2)
and in the form of CO within the cloud. The exact dividing line between these two regimes and the position of
the anticipated narrow shell of C1is determined by the amount of ultraviolet radiation illuminating the cloud.
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FIG. 2. — Fractional abundances as a function of time at the center of a well shielded cloud of density
n(Hz) = 2 x 10* cm~3 from Leung, Herbst, and Heubner.’

Other calculations which follow the chemical time evolution of clouds show analogous effects. Figure 2 shows
the results of an evolutionary model which at its origin in time had all the carbon in the form of C I, as a cloud
would have before its collapse from the diffuse interstellar medium.5 Since this calculation did not include the
effects of ultraviolet radiation, these results are valid only for a region at the center of a cloud which is completely
shielded from the ultraviolet radiation field at the edge. The calculation illustrates the point that ~ 10° years after
the initial collapse of a cloud there should be no C1 left in the shielded cloud interiors. Since molecular clouds are
thought to exist for at least 107 years, shown by the presence of young stars within many of them, the endpoint of
this calculation should be relevant for the interiors of most molecular clouds today.

SPECTRA OF CARBON SPECIES

C1, C11, and CO all have transitions in the far-infrared to millimeter wavelength region of the spectrum. This
is important because only long wavelengths can pass through the dense material which makes up molecular clouds.
They also have transitions in the ultraviolet to infrared spectral region that are useful for studying their abundances
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FIG. 3. ~ Energy levels of the three most common species of gas phase carbon and their transition
wavelengths. The lowest transitions of these species all lie in the millimeter to far-infrared wavelength
region. The energy levels are appropriate for excitation in typical interstellar clouds (T =~ 10-100 K).

in more diffuse matter. Figure 3 shows the low-lying transitions for all three species and the energy of the upper
states in units of E/k. The transitions of both C1 and C Il are magnetic-dipole fine-structure transitions, whereas
those of CO are electric-dipole rotational transitions. The CI and CO transitions are well suited to studying both
the cold (T' < 20 K) and the warm (T > 50 K) interstellar media because of the presence of energy levels only
10’s of degrees above the ground state, as well as higher levels. Unfortunately, the only ClI ground state transition
is quite high in energy (91 K) and is easily observed only in warm objects.

CO ABUNDANCES

We would like to estimate the abundance of CO relative to hydrogen. This ratio is most often calculated by
comparing the line of sight abundance of CO (column density) with the visual extinction (4y) from dust grains
in the same line of sight. It is commonly assumed that the dust to hydrogen mass ratio is constant throughout the
Galaxy so the column ratio of CO to hydrogen can be derived.

In order to compute column densities of CO, we have to understand its distribution among the available
excitation levels and the photon propagation processes for individual clouds. The lines of the most common form
of CO, 12C'0, are usually optically thick, so that they cannot be used to measure the column density. Luckily
both carbon and oxygen have isotopes which, although rare, are observable. In the Solar system the abundance
ratios of the main isotopes to the rarer ones are: 2C/'C = 89, 160/'¥0 = 500, and 60170 = 2750.5 The ratios
in the interstellar medium are different from the Solar System values and are a function of position in the Galaxy.”
Of course the isotopes can also be found in combinations, such as 13C!80. (Hereafter, I will use the atomic mass
superscript only when referring to one of the rare isotopes of carbon or oxygen.) 3CO is usually only moderately
optically thick (r = 1 in many sources), and C80 is usually optically thin so that radiative transfer problems are
minimized. These, as well as the even rarer forms, can be used to determine the abundance in one of the levels
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of the observed transition along a line of sight. One must then correct for both the ratio of the main isotope of
CO to the rare species and also for the population which is in other energy levels. One commonly used method
for finding the column density of CO, the LTE method, is discussed in the Appendix.

Visual extinction in large areas of clouds is most often measured by the star-counting method in which
comparisons of the number of stars in obscured and unobscured regions of sky in the vicinity are used to deduce
the amount of extinction.8® Measurements of the ultraviolet H1 and H; line absorption in the light from hot, bright
stars compared with measurements of the visual extinction towards the same stars show that the ratio of hydrogen
column density to visual extinction is 1.9 x 10% atoms cm~=2.1°

RESULTS FROM CO
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FIG. 4. — The LTE derived column density of ®CO vs Ay in two dark clouds, from Bachiller and
Cemicharo.!!

Figure 4 shows some results for the relation between N (*CO) and Ay in two different molecular clouds.
Table 2 contains a summary of many such studies adapted from Bachiller and Cemicharo.!! Typically the slope
of the relation between N(13CO) and Ay is 2 x 10'3. Since N(CO)/N (13C0) = 60 in the solar neighborhood’
and since N(H+2H;)/Ay = 1.9 x 10*' atoms cm=2, the ratio between CO and total hydrogen abundance is
approximately 6.3 x 10~5. It is possible to use observations of C'80 rather than 12CO; the results are similar.
Referring back to Table 1 we sece that this implies that within molecular clouds about 20% of the carbon is in the
form of CO.

PROBLEMS WITH CO

There are several problems associated with deriving the ratio of CO column density to Hj via visual extinction.

1. The ratio of HI plus H; column density to visual extinction has been measured only in lines of sight with less
than 2 mag of extinction.!® Even at such low extinctions some clouds have a law for extinction as a function
of wavelength that is different from that of the average. The implications of this are that such clouds, for
example the one near the star p Ophiuchi, contain dust grains which differ from grains in more diffuse clouds,
most probably in the grain size distribution. For the same total mass of dust, a cloud which has large dust
grains will have less extinction than one with small grains. This means that N(H +2H;)/ Av may vary from
cloud to cloud and even from center to edge of the same cloud.

2. Over large areas of sky only small values of visual extinction can be measured reliably. At positions of
large extinction no background stars are visible and thus the extinction is not measurable. For this reason,
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RELATION BETWEEN CO ABUNDANCE AND Av

TABLE 2

Cloud N(MCO) (cm~—2) N(C®0) (cm~2) Comments  Reference
p Oph 2.5x 10 Ay 14
L134 3.8x 10 4, 15
many 2.0x 10' Ay 16
143 1.5 x 105 4y 17
Taurus 1.4 x 10¥ (Ay - 1.0) 0.7 x 10" (4y - 1.9) 2< Ay <4 18
Taurus 24 x 1044y - 2.9) S5<Ay <11 18
p Oph 2.7 x 10% (4y — 1.6) 1.7 x 104 (4y — 3.9) 18
Heiles # 2 1.3 x 105 (4y — 0.5) 2.5 x 104(Ay — 1.5) 19
L1495 2.0 x 10 (4y - 0.5) 22 x 10%(4y — 1.1) 20
Perseus 2.5x 10" (Ay - 0.8) 11
L1506 1.4 x 108 (Ay - 0.6) 21
L1529 0.9 x 10" (Ay - 0.9) 21

measurements of CO column density versus visual extinction have generally been limited to visual extinctions
less than 8 mag.

3. The ratio of CO to '3CO is not well known and may be variable. In cold clouds (T < 20 K) the abundance
of 1*CO is enhanced by chemical fractionation. That is, it is energetically more favorable to form 2CO than
CO (AE/k = 35 K), so that an atom of 13C will preferentially exchange with '2C in CO. In cold clouds there
is not enough kinetic energy available to reverse the exchange and the abundance of 1*CO will eventually be
enhanced. !

4. On the edges of clouds '*CO and C'®0 are selectively photodissociated because their abundances are not high
enough for self-shielding from the ambient interstellar radiation field. Thus at low extinctions, the column
density derived from these species underestimates the total abundance of CO.!3

C1 ABUNDANCES

Since we have established the CO to H; relation, it is now only necessary to compare Ct and CO directly.2.2.24
Again the LTE method of abundance calculation is discussed in the Appendix. Unfortunately, the collisional
excitation of C1by Hj is not well understood. A recent estimate gives ~ 10* cm~2 for the critical density of the
3ip - 3 Py transition.?’ If the new estimate is correct the validity of the LTE method of abundance determination
is questionable. Earlier estimates were ~ 2000 ¢cm—2, approximately the same as 3C0.%

RESULTS FROM C1

In many cases it has been found that the spectral lines of the *P; — 3P, transition of C1 strongly resemble
the J =1 — 0 lines of 1CO (e.g., see Figure 5), particularly the observed linewidths and lineshapes. The line
intensities are also often similar. This implies that the optical depth of the C1 lines is moderate and is similar to
that of 3CO and that the C1 and *CO emission lines arise in areas of similar density and temperature.

Comparing Equations (9) and (11) in the Appendix we see that in a region in LTE with T, = 30 K having
lines of C1 and "*CO of equal integrated intensity and optical depth the ratio N(C 1)/N(3CO) = 7.5. Since
N(CO)/N(*3CO) = 60 in the Solar neighborhood that would imply that N(C 1)/N(CO) =~ 0.13 or that about 3%
of the total carbon abundance is in the form of C1 in molecular clouds.

Figures 6 and 7 show that the situation is somewhat more complex than outlined above. These figures combine
submillimeter and millimeter wavelength observations of C I and CO in the dense cloud associated with the star
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FIG. 5. — A comparison of the lines of CO, 1*CO and C 1 across the ionization front in M17.2 The
ionization front is at position 25 and the dense molecular cloud lies to the right. The intensity scale of
the CO line is a factor of 3 smaller than the C1 and 3CO scales in the plot. The C1 line bears a strong
resemblance to the *CO line at most of these positions.
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FIG. 6. — The ratio of N(C 1) to N(CO) as a function of Ay. In diffuse clouds the ratio generally has
values of 2-10; within moderately opaque dense clouds, 4 < Ay < 30 mag, the ratio decreases from
about 0.5 to 0.1; at higher Ay’s the ratio appears to drop further but this effect may be due to strong
self-absorption in the C1 line. At Ay < 2 the data are from ultraviolet absorption observations,?’#® at
higher Ay 's they are from millimeter and submillimeter emission line observations.?*

p Ophiuchi with ultraviolet observations of C1 and CO in diffuse clouds.242728 It can be seen in Figure 6 that the
ratio N(C1)/ N (CO) decreases from about 5 to 0.1 as the extinction increases from Ay of about 1 to 30. At higher
Ay ’s the ratio appears to decrease further but, as discussed in the next section, that conclusion is confused by the
high opacity and resultant self-absorption of the C1 lines at large Av.

Figure 7 shows the results of comparing N(C1) with N(H+2H;). The interesting points are that the fractional
abundance of C1 is low outside dense clouds (Ay < 1), is fairly constant within dense clouds 4 < Ay < 30)
at 10~3 relative to hydrogen, i.e. 3% of the total abundance of carbon, and may decrease in the centers of dense
clouds (Ay > 30), but the behavior at the largest extinctions is not yet well established.
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FIG. 7. — The column density of C1 as a function of total hydrogen column density. The line indicates a
constant N(C1) / N(H + 2H,) ratio of 10~ or 3% of the cosmic abundance of carbon in the form of C1.
The data for N(CI) < 10" are from ultraviolet observations of diffuse clouds?” and for higher values from
submillimeter observations of the dense dark cloud associated with p Ophiuchi. It can be seen that the
fractional abundance of CI reaches a peak in moderately opaque clouds, 8x 102! < N(H + 2H,) < 4x 102
or4 < Ay < 20. It may decrease at higher opacities but that conclusion is as yet uncertain.

Figures 5-7 show that the simple picture of C I distribution developed by the classical photodissociation
models (Fig. 1) does not match the observations. The abundance of C1 is higher throughout molecular clouds
than is predicted by such models. The generally high abundances observed via the 3P; — 3P, line have been
confirmed recently by observations of the 3P, — 3P line.?>*® Many models have been produced to explain these
observations (see the review by Keene et al.2). An attractive model has been proposed in connection with CI and
C 11 line observations of M17.%? In this model the molecular cloud is assumed to be clumpy, allowing ultraviolet
radiation from exterior and interior sources to reach most parts of the molecular cloud, producing C1 (and C 1)
throughout the cloud. .

PROBLEMS WITH C I ABUNDANCE DETERMINATIONS

The problems associated with determining the abundance of C1 are similar to those associated with CO.

1. The excitation temperature is unknown and is often assumed to be same as the CO excitation temperature.
Knowledge of the temperature is necessary to calculate the partition function, correcting for the population
in unobserved energy levels. The level populations depend on the critical density for excitation by H; which
has not yet been calculated.

2. The optical depth of the C1 lines is also unknown. The lines usually appear to be of moderate optical depth
SO opacity corrections are not unreasonably large. However, at large extinctions, the C1 lines are seen to be
optically thick and occasionally display symptoms of self-absorption similar to that often seen in CO and,
less commonly, in CO. Figure 8 contains an example of a high-extinction region in the p Oph dark cloud
which has both strong CO and CO self-absorption. This is evident in the high degree of asymmetry of
the lines and the displacement of their peak velocities relative to the more optically thin C'®0. It is clear
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from Figure 8 that C1 also shows effects of self-absorption. Unfortunately, measuring the optical depth of the C1
transitions, independent of CO observations, is difficult. It is not possible to observe the 3p, — 3P, transition of
1301 because the brightest hyperfine component is separated from the C1 line by only about 3 MHz (1.8 km s™h,
less than the linewidth in a typical warm cloud. Although it should be possible to observe the 3P, — 3P, transition
of 13C1 - the F = 5/2 — 3/2 hyperfine component of the *C1 3P, — *P; line is separated from the C1 line
by about 153 MHz (57 km s=1)>! — it has not yet been done. Since the optical depths are often only moderate in
both the C1 lines the corresponding '3C1 lines will be difficult to detect.
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FIG. 8. — A comparison of the spectral lines of CO and its rarer isotopes with C1in the p Oph dark
cloud.

OPPORTUNITIES FOR FUTURE WORK ON C1

Although there remain problems with the CT observations and unanswered questions about the abundance of

C1, the hopes for future work are high. Submillimeter emission from the 3P, — 3P, transition of C1 was first

observed in 1979 and the 3P, — 3P, transition was first observed in 1985.32:33 There has not yet been a systematic

program to observe both of these transitions at the same positions with the same angular resolutions. When this

- is done the results should place constraints on the temperature and optical depths of the regions. Also, the earth’s

atmosphere is partially transparent (from very dry sites) at the wavelengths of both the 3py - 3Py and 3P, — 3P

transitions. This means that the new submillimeter wavelength telescopes which are just being commissioned at
the Mauna Kea Observatory and other places will be useful for making such studies of CL
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High spatial resolution observations will enable us to study the detailed distribution of C1, and to determine
whether it has a smooth or clumpy distribution. If there are strong localized abundance peaks we will have to
interpret them as being caused by localized sources of C I, such as embedded stars or nearby H1I regions. It is
also important to determine whether the C1 fractional abundance decreases at the densest positions in molecular
cloud cores or whether that apparent effect is an artifact of high opacity in the C13P, — 3P line.

Cnn ABUNDANCES

The 2P, 2 = 2p, /2 transition of C1 lies in an opaque region of the atmosphere and can only be observed
from above most of the earth’s atmospheric water vapor, i.e., from an airplane, balloon, or spacecraft. This limits
the spatial resolution with which it can be observed and the length of time spent observing it. Also until very
recently it had been observed only at low spectral resolution with either grating or Fabry-Perot spectrometers. 335
Even with the relatively low resolution available (200 < v/Av < 1.2 x 10% 1500 > AV > 25 kms~!) it was
obvious that C Il emission is related to CO J =1 — 0 emission.

RESULTS FROM C 11

The distribution of C 11 emission across the Galactic plane resembles that of CO, not in detail but enough to
see that it is closely associated with molecular clouds.? Also, over two orders of magnitude and in many different
objects, the C 1 line intensity has been observed to be proportional to the intensity of the J = 1 — 0 line of
CO (Figure 9).% These observations similarly imply that the C1I emission is intimately associated with molecular
clouds. Since the presence of C il emission necessarily indicates that ultraviolet radiation is present, these results
have been interpreted in terms of warm, T =~ 300 K, photodissociation regions lying at the interfaces between
bright HII regions and molecular clouds.*35 At such a high temperature the emission from such regions would be
optically thin.
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F1G. 9. — Correlation between C 11 and CO integrated line intensities for Galactic molecular clouds and
other galaxies.

Extensive observations of C1I in the M17 region have shown that the emission is spread widely through the
entire cloud, not just concentrated at the H 11 region, molecular cloud interface.?” In fact the C I line intensity
away from the interface follows the CO intensity and is a factor of 20 higher than predicted by photodissociation
models. This has been interpreted as being due to a possible clumpy structure of the M17 molecular cloud which
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allows ultraviolet radiation from a) luminous, hot, young stars within the H1I region, b) less luminous and hot
stars embedded within the molecular cloud, and c) the general interstellar radiation field to penetrate the entire
molecular cloud, producing C 11 (and also C1) throughout the cloud.
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FIG. 10. — Spectra of the 2Py, — 2Py, line of C1 from two positions in the Orion Nebula.3®

Recent heterodyne observations have modified the above interpretations somewhat. Figure 10 shows the
results of observations of C II at two positions in the Orion Nebula.*® The main line in each spectrum, of course,
is that of CII; about 11 km s=! toward higher velocity is a feature which possibly is the F' = 2 — 1 hyperfine line
of BCIL If the feature is real it implies that the optical depth in the main line is high, 7 = 5. In addition, since
the optical depth is probably large and the critical density of C 1 is small (10° cm~3), the observed brightness
temperature is equal to the excitation temperature unless there is a non-unity beam filling factor. In OMC-1 the
Planck corrected brightness temperature is in the range 90-130 K, thus the emission originates from regions closer
to 100 K than 300 K in temperature, similar to the temperature in the molecular region.

It is difficult, without the benefit of large Galactic surveys, to calculate the total amount of C11. We can
nevertheless get some idea of the amount of C I from surveys of many objects. Assuming that the CII emission
is optically thin and originates in high temperature regions where all the carbon is in the form of C 11, Crawford
et al.35 have calculated that the ratio of mass in C II regions to that in molecular clouds, H; regions, is at least
3%. The heterodyne spectroscopy by Boreiko, Betz, and Zmuidzinas®® show that this estimate may be low by a
factor of as much as 5 (cf. eq. [14] in the Appendix). Therefore probably about 5-15%, say 10%, of the Galactic
carbon associated with molecular clouds may be found in the form of CIL

PROBLEMS WITH AND OPPORTUNITIES FOR C Il ABUNDANCE DETERMINATIONS

Because the excitation energy of the 2P; /2 level is high it is difficult to observe in cold regions. Thus the
estimate given above, 10% of Galactic carbon in molecular clouds in the form of C 11, really only refers to high-
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temperature regions associated with star formation where the levels of ultraviolet radiation are enhanced. We have
not yet measured the possibly much lower abundance of C Il associated with dark molecular clouds.

As is the case with C1, the determinations of the kinetic temperature of emission regions and line optical
depths present problems for the interpretation of CII observations. Luckily, with the advent of sensitive far-infrared
heterodyne spectrometers that problem is ripe for solving. The 2P, /2 — Zp, /2 line of C11 is considerably brighter
than either the 3Py — 3Py or 3P, — 3P, line of C1 so that observations of the F = 2 — 1 hyperfine component of
the 3C1 2Py, — 2Py, line are possible. Measurement of the brightness of that line in many sources will lead
to a better determination of the overall C 11 abundance.

Also with the high sensitivity and frequency resolution of heterodyne receivers now available we can begin
to develop an understanding of the relative kinematics of the C Il and various atomic and molecular components
of the dense gas.

SUMMARY

In the dense interstellar medium, we find that about 20% of the total carbon abundance is in the form of
CO, about 3% in C1, and 10% in C Il with uncertainties of factors of order 2. The abundance of other forms of
gaseous carbon is negligible. CO is widespread throughout molecular clouds as is C1. CII has only been observed
near bright star-formation regions so far because of its high excitation energy. Further from ultraviolet sources it
may be less abundant. Altogether we have accounted for about 1/3 of the total carbon abundance associated with
dense molecular clouds. Since the other gascous forms are thought to have negligible abundances the rest of the
carbon is probably in solid form.

APPENDIX

CO COLUMN DENSITIES

CO is an example of the most common type of diatomic molecule, in its ground electronic state it has no net
electronic angular momentum, i.e., the ground electronic state is !T. This greatly decreases the number of available
energy levels and facilitates the calculation of their energies and transition probabilities. The rotational states in
the ground vibrational state (displayed for CO in Figure 3) have energies above the J = 0 ground state which are
given 1o first order by E; = J(J + 1)hB, where J =0, 1,2... is the rotational quantum number (actually the total
angular momentum quantum number) and B is the rotational constant. For CO, hB/k = 2.77 K, for 1>CO, 2.64
K and, for C!80, 2.63 K. The statistical weights of the levels are given by g; = 2J + 1.

If the emission lines under consideration are optically thin, which is almost certainly the case for 13C180
and CV0, is often the case for C!®0, is sometimes the case for ’CO, and is almost never the case for co,
the calculation of column densities is relatively straightforward. The average column density of molecules in the
telescope beam in upper level J, Ny, is simply related to the energy intensity averaged over the telescope beam,
I, as

4r =
Ny= I, dv. 1
r= / g )
Ay, g is the Einstein coefficient for spontaneous emission in the J — J' transition.

In millimeter-wave astronomy the energy intensity is more conveniently expressed in temperature units pro-
portional to the average energy intensity in the beam. The “antenna temperature” corrected for all telescope losses,
T also sometimes called T, is such a unit. Its definition is

kT A,
hvy ~ 2hv¥

2)

In the long-wavelength or high-temperature limit, T is the temperature of a blackbody with intensity I, but in
the submillimeter and far-infrared wavelength regions the Planck corrections are usually not negligible.
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In terms of the observed antenna temperature, the average column density of molecules in state J observed
via the optically thin J — J’ emission line is

8rki?
ELLLLAN I 3
Ny= s / % v, 3

where the integral is taken over all velocities in the line.
The Einstein A coefficient for any transition is related to the dipole matrix element, | p¢,s |, by
64r* V3 gy

S ALENA i P L @

For a molecule with a !'Z electronic ground state, the dipole matrix element is given by

J
| psorg P = MZF_‘T ®)

and radiative transitions other than AJ = +1 are forbidden. The dipole moment, p, for CO (as well as all its
isotopes) is 0.11 Debyes (0.11 x 10~!® cgs), thus the Einstein A; o coefficient for CO is 7.2 x 10-% s~1, for 13CO
is 6.3 x 1078 5=, and for C'*0 is 6.2 x 1073 s~ 1.

To calculate the total abundance of molecules we must correct for those in levels other than the observed one.
The distribution of molecules among the various levels is commonly parameterized by the “excitation temperature”,
T,.. The ratio of the population in level J, ny, to that in the level J’, n, is given by the Bolizmann equation,

ng _ gJ E; - EJ')
— == exp| ——————}, ()]
ng qJ P ( kTez

which is actually the definition of excitation temperature. The “partition function” is the function that is needed
to correct the abundance calculation in equation (1) to the total abundance. For a molecule with only angular
momentum states J available the partition function, f, is

f=Y" g1 exp(— Ey[kTez). 7
J

A good approximation to this function (for a 'E electronic ground state molecule at high T.;) is f = kT, /hBY

The expression for the partition function given above has made use of a very common approximation, i.e.,
that all the CO energy levels are characterized by the same excitation temperature which is the local gas kinetic
temperature. This approximation is described by the term “local thermodynamic equilibrium” (LTE). The kinetic
temperature of isothermal gas in LTE is equal to the brightness temperature of an optically thick emission line, in
this case the CO J = 1 — 0 emission line. This LTE assumption is approximately valid for the following reason.

At densities higher than the “critical density” for a given molecular transition, the excitation temperature
approaches the kinetic temperature of the gas. In the limit of zero optical depth the critical density is the space
density at which the rate of collisional de-excitations of a given energy level is equal to the rate of radiative
de-excitations. However, if the emission lines resulting from radiative de-excitation are optically thick then the
critical density is decreased by a factor of about r, the optical depth.®’ In dense clouds, low-lying transitions of
CO are optically thick and easily excited — the critical density of the J =1 — 0 transition is n(Hz) ~ 2500
cm=3. Since 7(CO) is typically 50 to 100, it is obvious that these low energy states of CO should be thermalized,
i.., in LTE, in dense clouds. It is less clear that the states of the rare CO isotopic species will be in LTE. The
assumption of LTE for these species is likely to overestimate their abundance since the upper energy levels are
probably underpopulated relative to their lower ones.

The total number of molecules is related to the integrated antenna temperature of an optically thin line as

1 E; 8rkv?
~— 1dV. 8
Nr 97 oxP (kTez) f Ajph /TAd ®
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If the line used in the above analysis has moderate optical depth, i, 7 ~ 1, we can multiply the result by
To/(1 — e~7*), where 7, is the optical depth at the center of the line, as an approximate correction. The central
optical depth can be derived from comparison of the line brightness with the brightness in an optically thick line,
ie,COJ=1-0.

For the J =1 — 0 line of both *CO and C'®0 the final result for the total isotopic abundance is

53 T
~ 13 o "
Nr =47 x 10" T, exp (——Tu) —-——(1 e /TA dv, 9]

where [ T'; dV is measured in units of K km s~
Finally the abundance must be corrected to the main isotope by using the isotopic abundance ratios. These
are typically taken to be N(CO)/N(3CO) ~ 60 and N (CO)/N(C'®0) ~ 500.7

C 1 COLUMN DENSITIES

We analyze the C I column density as we did that of CO, making use of the same definitions for excitation
temperature and partition function. The carbon atom has a 3P ground term, split by spin-orbit coupling into three
levels. The total electronic angular momentum quantum number, called J, has the values 0, 1 and 2 resulting in
ground term levels *Py, 3Py and 3P,. The statistical weights, g, of these lowest three energy levels are again
equal to 2J + 1,

Because C1 has only three accessible energy states at temperatures common in the interstellar medium
(T < 100 K), with energies Eo = 0, E, [k =23.6K and E,/k = 62.5 K, the partition function is given by

f=1+3exp (—21'?'6) +5exp (— 6;5) . (10)

exr exr

The total number of atoms of atomic carbon observed in an optically thin line is given by equation (8). The
Einstein A, coefficients for C1are Aj0=7.9 x 107% s~ and A;; =2.7 x 10-7 s~14 Inserting the numerical
constants for the 3P, — 3P, line of C1 in equation (8) and including the correction for finite optical depth, we
obtain for the total number of C I atoms

236 38.0 T
—_ 15 - [ -
Nr=19x10 [cxp(T“) +3+5exp( T. )] (l—c—f-)/TAdV’ (11)

where again [ T4 dV is measured in Kkm s—.

The collisional cross sections for C1 with Hy have not been calculated, so the critical density for excitation
of CI by H; is not well known. However, Monteiro and Flower? estimate that the cross section for excitation
of the 3P, level from the 3Py level by Hz is about 0.1 times the cross section for excitation by atomic hydrogen
calculated by Launay and Roueff.*? That makes the critical density for the 3P, — 3P, transition ~ 10* cm—2.
With such a high critical density the LTE assumption may be questionable. Luckily the P, — 3P, transition is
observable and seems to have a smaller critical density for excitation by H; than does the 3P; — 3P, transition.

C 1t COLUMN DENSITIES

Singly ionized carbon, C11, has a 2P ground state term, split by spin-orbit coupling into the levels 2P, /2 and
lp, /2. Again, the statistical weight of each level is 2J + 1 where J has the values 1 /2 and 3/2. The energies of the
levels are Ey;; =0 and E3/3/k =91.2 K. In the dense interstellar medium only these two levels have significant
populations.

To solve for the number of ionized carbon atoms we once again assume that the population distribution of
the C 1l energy levels can be described by LTE. The partition function is then

f=2+4exp (—9,1,1,'2) . (12)

exr
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The value of the Einstein A coefficient for the 2Py, — 2Py, transition is 2.4 x 10-6 s—!. The total number of
atoms of ionized carbon is

91.2 T
~ 15 —=2 [ T34V, 13)
Nr=~15x10 [exp(Tw)+2] (l—e-fe)/ A (

where the correction factor for finite optical depth has been included.
In the past it has not been common to express the intensity of C 1l emission in terms of antenna temperature
because the lines are generally not spectrally resolved. In terms of energy intensity equation (13) can be written

(as in eq. [1]), 012 .
~ 20 : — _|I 14
Nr=~21x10 [cxp(Tw)+2] (l—e-fo)/l"du (14)

2

1

where [ I, dv is in units of ergs s=! cm™? st~
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