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ABSTRACT

Context. The origin of the observed population of Wolf-Rayet (WR) stars in low-metallicity galaxies, such as the Small Magellanic
Cloud (SMC), is not yet understood. Standard, single-star evolutionary models predict that WR stars should stem from very massive
O-type star progenitors, but these are very rare. On the other hand, binary evolutionary models predict that WR stars could originate
from primary stars in close binaries.
Aims. We conduct an analysis of the massive O star, AzV 14, to spectroscopically determine its fundamental and stellar wind param-
eters, which are then used to investigate evolutionary paths from the O-type to the WR stage with stellar evolutionary models.
Methods. Multi-epoch UV and optical spectra of AzV 14 are analyzed using the non-local thermodynamic equilibrium (LTE) stellar
atmosphere code PoWR. An optical TESS light curve was extracted and analyzed using the PHOEBE code. The obtained parameters
are put into an evolutionary context, using the MESA code.
Results. AzV 14 is a close binary system with a period of P = 3.7058 ± 0.0013 d. The binary consists of two similar main sequence
stars with masses of M1,2 ≈ 32 M�. Both stars have weak stellar winds with mass-loss rates of log Ṁ/(M� yr−1) = −7.7 ± 0.2. Binary
evolutionary models can explain the empirically derived stellar and orbital parameters, including the position of the AzV 14 compo-
nents on the Hertzsprung-Russell diagram, revealing its current age of 3.3 Myr. The model predicts that the primary will evolve into a
WR star with Teff ≈ 100 kK, while the secondary, which will accrete significant amounts of mass during the first mass transfer phase,
will become a cooler WR star with Teff ≈ 50 kK. Furthermore, WR stars that descend from binary components that have accreted
significant amount of mass are predicted to have increased oxygen abundances compared to other WR stars. This model prediction is
supported by a spectroscopic analysis of a WR star in the SMC.
Conclusions. Inspired by the binary evolutionary models, we hypothesize that the populations of WR stars in low-metallicity galax-
ies may have bimodal temperature distributions. Hotter WR stars might originate from primary stars, while cooler WR stars are the
evolutionary descendants of the secondary stars if they accreted a significant amount of mass. These results may have wide-ranging
implications for our understanding of massive star feedback and binary evolution channels at low metallicity.

Key words. binaries: close – binaries: spectroscopic – stars: early-type – binaries: eclipsing – stars: fundamental parameters –
stars: individual: AzV 14

1. Introduction

Massive stars (Minitial > 8 M�) in all evolutionary phases
strongly affect their galactic neighborhood via stellar winds and
ionizing fluxes. During core-H burning on the main sequence,
they have spectral types O and early B. As massive stars evolve,

their outer hydrogen (H) rich envelopes could be removed by
stellar winds. The majority of massive stars are born in binary
systems (e.g Sana et al. 2012, 2014; Moe & Di Stefano 2017),
and interactions with a companion star may also lead to a
removal of the outer envelope. Highly evolved massive stars that
lost a large portion of their outer H-rich layers and have optically
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thick winds are spectroscopically classified as Wolf-Rayet (WR)
stars. The WR stars are typically hotter and have stronger, opti-
cally thick winds when compared with their evolutionary pre-
decessors. These stars come in two major subtypes, WN and
WC, which are spectroscopically identified by strong emission
lines of nitrogen and carbon, respectively. WR stars end their
lives with a core-collapse event, likely leading to the formation
of black holes (BHs; e.g., Sukhbold et al. 2016; Gal-Yam et al.
2022). Understanding the formation pathways of WR stars in
nearby low-metallicity galaxies is needed for quantifying stellar
feedback and compact object populations in conditions resem-
bling the early Universe.

The Small Magellanic Cloud (SMC) galaxy has a metallic-
ity of Z ≈ 1/7 Z� (Hunter et al. 2007; Trundle et al. 2007) and
is nearby (d ≈ 61 kpc; Hilditch et al. 2005), thus providing
an excellent test bed for investigating stars at low metallicity.
The proximity of the SMC and its low foreground and intrin-
sic extinction allows for a detailed study of stellar and wind
parameters of low-metallicity populations of O and WR stars.
This enables us to obtain a realistic understanding of massive
star evolution and feedback at low metallicity in general.

Yet what we have learned so far is perplexing. Only 12 WR
stars exist in the SMC. All of them are very luminous and (except
for one WO-type star) contain some hydrogen (Hainich et al.
2015; Shenar et al. 2016). According to the standard, single-
star evolutionary tracks, their progenitors are O-type stars with
masses &40 M� (Shenar et al. 2020a, and references therein).
For an order of magnitude estimate, one can assume that a mas-
sive star spends 10% of its life in a WR stage. This implies that
a galaxy containing approximately ten WR stars should contain
approximately one-hundred massive O stars. However, there is a
severe paucity of such O-stars in the SMC (Ramachandran et al.
2019; Schootemeijer et al. 2021).

Close binary evolution is expected to play a princi-
pal role in the formation of WR stars (Paczyński 1967;
Kippenhahn & Weigert 1967). However, the importance of bina-
rity is still under debate and different studies have come to dif-
ferent conclusions (e.g., Vanbeveren et al. 2007; Eldridge et al.
2017; Shenar et al. 2020a; Pauli et al. 2022a). Up to now, the
evolution toward the WR stage in binaries has chiefly been stud-
ied for primary stars, while the evolution of secondary stars has
been largely neglected. In this paper, we aim to gain insights
into the evolution of both components in a binary with well-
established stellar parameters.

One of the youngest and earliest O-type stars in the SMC
is AzV 14, the main ionizing source of the H ii region NGC 261
(see Fig. 1). Previously, single epoch optical spectra of AzV 14
have been analyzed by Massey et al. (2004) and Mokiem et al.
(2006). The star was classified as O5 V with a reported spectro-
scopic mass of 74 M�−90 M� being in the mass range of poten-
tial WR single-star progenitors. From a newly obtained light
curve, we know now that AzV 14 is in fact a binary. In this paper,
we complement recently obtained spectra of AzV 14 in the UV
and optical by archival data, aiming at securely determining stel-
lar parameters and, on this basis, to model the evolution of the
AzV 14 components toward WR stages.

2. Observations

Presently, six spectra of AzV 14 obtained at different epochs
covering the far-UV, UV and optical wavelength ranges exist
in telescope archives. One far-UV spectrum was taken with
the Far Ultraviolet Spectroscopic Explorer (FUSE; Oegerle et al.
2000), two UV spectra with the Hubble Space Telescope’s (HST)

N

E

Fig. 1. False-color HST image composed of the images in the F475W
(blue) and F657N (yellow) filters. The position of AzV 14 and the
approximate size of the NGC 261 H ii region are indicated by white
circles.

Faint Object Spectrograph (FOS; Keyes et al. 1995) and Space
Telescope Imaging Spectrograph (STIS; Branton & Riley 2021),
and three optical spectra with the European Southern Obser-
vatory (ESO) Very Large Telescopes (VLT) Ultraviolet and
Visual Echelle Spectrograph (UVES; Dekker et al. 2000) and
the X-shooter (Vernet et al. 2011) spectrograph. One X-shooter
spectrum was taken as part of the XShootU project1 (from
here on “X-shooter (2020)”) and one as part of our program,
ID 109.22V0.001 (from here on “X-shooter (2022)”). A detailed
description of the individual spectra and photometry can be
found in Appendix A.

AzV 14 is close to the SMC bar, thus we adopt a distance mod-
ulus of DM = 18.9 mag (Westerlund 1997; Harries et al. 2003;
Hilditch et al. 2005). The radial velocities (RV) of the different
regions in the SMC are not uniform (e.g., De Propris et al.
2010). We estimate the RV shift of the NGC 261 com-
plex by fitting Gaussians to interstellar absorption lines as
vNGC 261 = 148 ± 2 km s−1. All spectra shown in this work are in
the rest frame of NGC 261.

AzV 14 was observed by the NASA Transiting Exo-
planet Survey Satellite (TESS; Ricker et al. 2015) mission
(TIC 180206579) during its sectors 1, 27 and 28 in full-frame
image (FFI) mode with a cadence of 30, 10 and 10 min, respec-
tively. TESS has a low spatial resolution of 21′′ px−1. However,
since AzV 14 is the brightest optical object in this region we can
extract its light curve (see Appendix C). Furthermore, AzV 14
was detected by the Chandra X-ray telescope (Weisskopf et al.
2000).

3. Spectral analysis

3.1. Spectral line variability reveals AzV 14 as a close binary

The multi-epoch spectroscopy allows us to search for signs of
binarity. In Fig. 2, we show selected He i and He ii lines in

1 https://massivestars.org/xshootu/
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Fig. 2. Comparison of selected lines in the UVES (solid blue) and the X-shooter (dashed pink and dotted yellow) optical spectra. The high
resolution UVES spectrum is binned by 0.15 Å to match the X-shooter spectra. All spectra are convolved with a Gaussian having a FWHM =

0.05 Å for a better comparison. The lines in the UVES and X-shooter (2022) spectra are separated, while they are blended in the X-shooter (2020)
spectrum. This provides a clear indication for binarity.

the UVES and X-shooter spectra, taken at different epochs.
Massey et al. (2004) and Mokiem et al. (2006) attributed the
apparent emission feature in the middle of helium absorption
lines of the UVES to a nebular contamination. New multi-epoch
X-shooter spectra clearly show that the profiles of helium lines
are complex and variable. They are well explained as composite
lines originating from two components of a binary system. The
UVES and X-shooter (2022) spectra must have been taken at a
comparable orbital phase, as the line profile is similar in both
spectra, while the X-shooter (2020) spectrum must have been
obtained close to conjunction. This is confirmed by the binary
ephemeris derived in Sect. 4.

3.2. Establishing projected rotation velocity and RVs

The projected rotation velocity as well as the RV shifts of the
individual binary components are necessary ingredients of spec-
tral modeling. In the following we describe how we derived these
quantities.

3.2.1. Projected rotation velocities

The helium lines in UVES and X-shooter (2022) spectra are
resolved into two components with lines of similar depths
and widths, indicating that the components of the binary
system are similar stars. We employ the iacob broad tool
(Simón-Díaz & Herrero 2014) to measure the projected rota-
tional velocities for each binary component. For the fitting
procedure the lines He ii λ4200, He i λ4471, He ii λ4542, and
He ii λ4686 were used, while cutting off the parts of the lines
that are blended by the companion. Although helium lines are
not only rotationally, but also pressure broadened, they were
analyzed because of the lack of available metal lines. The
iacob broad tool derives two different values for the pro-
jected rotational velocities, one from a Fourier transformation
(FT) and one from the goodness of the fit (GoF). We quote the
average value obtained by the different methods. As the esti-
mates on the projected rotation velocities are based on blended
lines, we adopt conservative error margins. We find that both
binary components have similar projected rotational velocities
of vrot sin i = 90 ± 20 km s−1.

3.2.2. RVs of the binary components in each spectrum

The RVs of all spectra are determined by shifting the
synthetic spectra until they fit the observations using a
Markov chain Monte Carlo method combined with a least

square fitting (Pauli et al. 2022b, their Sect. 3.1.2 and their
Appendix A).

The UVES spectrum shows RVs of v1 = −101.9 ± 2.6 km s−1

and v2 = 80.5 ± 3.2 km s−1 for the primary and the secondary,
respectively. This is comparable to those of the X-shooter (2022)
spectrum, yielding RV shifts of v1 = −112.4 ± 2.6 km s−1 and
v2 = 98.6 ± 2.9 km s−1. In the X-shooter (2020) spectrum the
lines are not split due to an orbital phase close to conjunction. We
estimated v1 = −46.1 ± 5.8 km s−1 and v2 = 22.3 ± 5.9 km s−1

for the primary and secondary, respectively. Accurate measure-
ments of RV shifts in the optical spectra allow us to estimate the
temperature and surface gravity of the individual binary compo-
nents (see Sect. 3.3.1).

In the STIS spectrum, the He ii λ1640 line is split into
two individual components of similar strength (see Fig. D.4),
yielding RVs of v1 = −128.6 ± 2.5 km s−1 for the primary and
v2 = 113.2 ± 2.3 km s−1 for the secondary. Measuring RVs in the
UV spectra allows to determine the terminal wind velocity (v∞)
and thus the mass-loss rate (Ṁ) more precisely (see Sect. 3.3.4).
We estimated the RVs in the low resolution FOS spectrum such
that the width of the oxygen lines in the range of 1330 Å–1420 Å
can be matched, arriving at v1 = 92.9 ± 6.2 km s−1 for the pri-
mary and v2 = 113.2 ± 2.8 km s−1 for the secondary.

3.3. Stellar atmosphere modeling

To analyze the spectra, we employ the Potsdam Wolf-
Rayet (PoWR) model atmosphere code (Gräfener et al. 2002;
Hamann & Gräfener 2003, 2004; Todt et al. 2015; Sander et al.
2015). A short characterization of the code is given in
Appendix B.

3.3.1. Temperatures and surface gravities

We measure the stellar temperatures using the ratio between
He i to He ii lines (see Fig. D.1). To constrain the surface grav-
ities, we used the wings of the Balmer, Hβ, Hγ, and Hδ lines
in the UVES and X-shooter (2022) spectra. For the primary we
obtained an effective temperature of T1 = 43 ± 2 kK, while the
secondary is slightly cooler with T2 = 42 ± 2 kK. The surface
gravity is log g = 4.0 ± 0.2 for both binary components.

3.3.2. Stellar luminosities and spectroscopic masses

Luminosity L and color excess EB−V are determined by fit-
ting the composite spectral energy distribution (SED) – con-
taining the synthetic flux of both stellar components – to
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Table 1. Summary of the stellar parameters of both binary compo-
nents obtained from spectroscopic analysis conducted with the PoWR
code.

Parameter Primary Secondary Unit

Teff
(a) 42.8 ± 2.0 41.8 ± 2.0 [kK]

log g 4.0 ± 0.2 4.0 ± 0.2 [cm s−2]
log L 5.41 ± 0.15 5.38 ± 0.15 [L�]
R 9.3 ± 0.5 9.2 ± 0.5 [R�]

RRL
(b) 15.6 ± 0.8 15.2 ± 0.7 [R�]

R/RRL 0.60 ± 0.04 0.61 ± 0.04

Mspec 32+8
−7 31+8

−7 [M�]

log Ṁ −7.7 ± 0.2 −7.7 ± 0.2 [M� yr−1]

v∞ 1600 ± 200 1600 ± 200 [km s−1]

vrot sin i (c) 90 ± 20 90 ± 20 [km s−1]

vrot
(d) 157 ± 40 157 ± 40 [km s−1]

Prot
(d) 3.0 ± 0.8 3.0 ± 0.8 [d]

log QH 49.13 49.10 [s−1]

log QHe i 48.41 48.35 [s−1]

log QHe ii 43.41 43.27 [s−1]

Notes. (a)For a definition, see Appendix B. (b)Calculated using the
orbital parameters obtained with the PHOEBE code (see Sect. 4) and the
formula of Eggleton (1983). (c)Obtained with the iacob broad tool.
(d)Based on the inclination i = 35◦ obtained with the PHOEBE code
(see Sect. 4).

photometry (see Fig. D.2). The color excess is modeled as a
combined effect of Galactic foreground, using the reddening law
by Seaton (1979) with EB−V,Gal = 0.03 mag, and SMC back-
ground, using the reddening law by Bouchet et al. (1985) with
EB−V,SMC = 0.11 mag.

The luminosities of the two binary components are cho-
sen such that the ratio of the depths of the synthetic helium
lines match all spectra. Additionally, we use the C iii λ1175
line in the UV, which is sensitive to changes in the light
ratio. Both stars have comparable luminosities in the optical
and UV. The final luminosities are log(L1/L�) = 5.41 ± 0.15
and log(L2/L�) = 5.38 ± 0.15 for the primary and secondary,
respectively. Accordingly, the masses of the primary and sec-
ondary are Mspec, 1 = 32+8

−7 M� and Mspec, 2 = 31+8
−7 M�. The spec-

troscopic mass ratio is qspec = 0.97. When employing the method
of Wilson (1941), one can derive an independent measure of the
mass ratio from the RVs. This yields qWilson = 0.95± 0.02 which
is in agreement with the spectroscopic results.

3.3.3. CNO surface abundances

All metal lines are well-matched with standard initial abun-
dances of the SMC (see Table B.1 and Fig. D.3). The only line
which is not well reproduced is the N iv λ3479 line, which is
deeper than predicted by the synthetic spectrum. This absorption
line is quite narrow, suggesting that the N iv λ3479 line might
be blended with an unidentified ISM line. Pristine abundances
prompt us to conclude that the AzV 14 components are young
unevolved stars which have not yet interacted.
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Fig. 3. Comparison of the phased observed and synthetic light and RV
curve of AzV 14. Upper panel: phased TESS light curve (dots) and best
fit obtained with the PHOEBE code (red line). For the PHOEBE model
we show the 1σ and 2σ deviations as pink shaded areas. Lower panel:
observed (triangles) and fitted RV curves (solid lines) of the primary
(green) and secondary (red) component.

3.3.4. Wind mass-loss rates

In the optical spectra of AzV 14, Hα and He ii λ4686 do not
show any contribution from winds. However, in the UV one can
see wind lines with P Cygni profiles. Key diagnostic lines are
the Nv λλ1239, 1243 and C iv λλ1548, 1551 resonance doublets
and the He ii λ1640 line. By fitting the observed Nv and C iv
resonance doublets in the STIS and FOS spectra consistently
yields a terminal wind velocity of v∞ = 1600 ± 200 km s−1 and a
mass loss rate of log(Ṁ/(M� yr−1)) = −7.7 for each of the stars
(see Fig. D.4).

To match the Ovi λλ1032, 1038 resonance doublet in the
FUSE spectrum, we include in the model a hot plasma component
with TX = 3 MK emitting X-rays with LX,mod = 2 × 1030 erg s−1.
According to the Chandra Point Source Catalog v.2.0
(Evans et al. 2010), the X-ray flux of AzV 14 in the 0.5 keV–
7.0 keV band is FX = 7.3 × 10−16 erg s−1 cm−2, corresponding
to an X-ray luminosity corrected for reddening (see Fig. D.2)
LX ≈ 5 × 1032 erg s−1 or log(LX/Lbol) ≈ −6. We suggest that
the majority of the observed X-rays originate from a colliding
wind zone between two binary components in common with
O-type binaries in the Galaxy (Rauw & Nazé 2016). A sum-
mary of the empirically determined stellar parameters is given
in Table 1.

4. Orbital analysis

The TESS light curve of AzV 14 displays periodic variabil-
ity (originating from ellipsoidal variability, see Fig. 3). We
employed a frequency analysis and phase folding techniques
to determine the dominant periodicity in the TESS light curve,
yielding an orbital period of Porb = 3.7058 ± 0.0013 d (see
Appendix C).

Orbital parameters from the light and RV curve are deter-
mined consistently with the Physics of Eclipsing Binaries
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(PHOEBE) code version 2.4.5 (Prša & Zwitter 2005; Prša
2011; Prša et al. 2016; Horvat et al. 2018; Jones et al. 2020;
Conroy et al. 2020). The input parameters are provided by the
spectral analysis (Table 1). To reduce the free parameter space,
the orbital period is fixed to the period measured from the TESS
light curve. Since the light curve is sinusoidal and has minima at
phases Φ = 0.0 and Φ = 0.5, the binary orbit must be close to
circular (e = 0). We fit the remaining orbital parameters, includ-
ing the inclination. A more detailed description can be found in
Appendix E.

The best fit is achieved with an inclination of
i = 35 ± 5◦ and an epoch of the primary eclipse of
T0 = 2459036.101 ± 0.004 HJD. The orbital masses are
Morb, 1 = 33.6+5.0

−3.7 and Morb, 1 = 31.9+4.8
−3.5, being in agreement with

the spectroscopic analysis. The remaining orbital parameters are
listed in Tables E.1 and E.2. The best fitting light and RV curves
are shown in Fig. 3, including the phases at which each spectrum
was taken. The X-shooter (2020) spectrum was obtained in
the orbital phase close to conjunction, while the UVES and
X-shooter (2022) spectra were measured at comparable phases
out of conjunction.

Given the inclination of the system, the rotation veloci-
ties of the two components are vrot = 157 ± 40 km s−1. Hence,
the rotation period of each star is Prot = 3.0 ± 0.8 d which
is close to the orbital period, implying that the binary is
tidally locked.

Using the orbital period and the mass-ratio, we calculated the
Roche radii for each star (see Table 1). By comparison to the pre-
viously determined stellar radii we conclude that both stars are
underfilling their Roche lobe (R/RRL = 0.6), further supporting
our conclusion that both stars have not interacted yet.

5. Binary evolution models predict the formation of
WR stars

Empirically derived stellar parameters of the binary components
of AzV 14 (Table 1) are used to anchor the position of the sys-
tem on the Hertzsprung–Russell diagram (HRD), and on this
basis to investigate their possible future evolution. We calcu-
lated binary evolution models with the Modules for Experiments
in Stellar Astrophysics (MESA) code (Paxton et al. 2011, 2013,
2015, 2018, 2019). The methods and basic assumptions made in
our models are described in Appendix F. In our models, a star
enters WR evolutionary stages when the optical depth at its sur-
face is τ ≥ 0.2. For further information we refer to Appendix G.

The current positions of the binary components in the HRD
can be explained best by a binary evolutionary model with ini-
tial masses of M1,ini = 35.0 M� and M2,ini = 33.5 M�, and an ini-
tial period of Porb,ini = 3.7 d. The model predicts that AzV 14
formed 3.3 Myr ago. The corresponding evolutionary tracks are
shown in Fig. 4, and the best fitting stellar parameters are listed
in Table 2. According to the evolutionary model the binary com-
ponents have not interacted yet, but will exchange mass in the
future. During the future mass-transfer event, it is predicted that
the secondary will accrete about 15 M�. Both binary components
evolve successively into WR stars.

Both components will become H-poor WN type stars simi-
lar to WN stars observed in the SMC. For comparison the HRD
shown in Fig. 4 includes the positions of the apparently single
WR stars SMC AB 10 and AB 4. The primary will enter the WN
stage at an age of 5.9 Myr and spends most of its WR lifetime
(0.35 Myr) close to the helium zero-age main sequence, which
is roughly at log(Teff/K) ≈ 5.0 (SMC AB 10 matches this posi-
tion). During the WR stage, the primary will have a mass of
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Table 2. Summary of the stellar parameters of both binary components
reproduced with the MESA stellar evolution code.

Parameter Primary Secondary Unit

Teff 42.5 42.2 [kK]

log g 4.04 4.05 [cm s−2]
log L 5.41 5.36 [L�]
R 9.5 9.1 [R�]
Mini 35.0 33.5 [M�]
Mevo 33.7 32.4 [M�]

log Ṁ (a) −6.5 −6.6 [M� yr−1]

vrot 129 123 [km s−1]

Notes. (a)According to the mass-loss recipes used in our evolutionary
models (see Appendix F).

17 M�, while being accompanied by a 50 M� main sequence star
in an ≈8.5 d orbit. The mass ratio has only a second-order effect
on the amount of mass removed during the mass-transfer phase
(e.g., Pauli et al. 2022a, their Sect. 3.2), meaning that the pri-
mary would be located (if it goes through a stable mass-transfer
event) at a comparable position in the HRD, even if it had a less
massive companion that could prevent or complicate a detec-
tion. We presume that at the end of its evolution, the primary
will directly collapse into a BH and remains bound.

The remaining secondary star, will continue its evolution on
the main sequence. Shortly after that stage, it will initiate mass-
transfer onto the BH, stripping off parts of its H-rich envelope
and entering the WR phase at an age of 6.9 Myr. The result-
ing secondary WR star will spend most of its lifetime (also
0.35 Myr) at much lower temperatures (log(Teff/K) ≈ 4.75) than
the primary WR star while being similarly massive with 25 M�
(SMC AB 4 is at this position). This relatively cool WR star is
accompanied by a BH with a mass of 16 M� in an orbit of 3.3 d.

Our binary evolutionary models of AzV 14 predict the for-
mation of WR stars with different temperatures. Indeed, the WR
population in the SMC (Hainich et al. 2015; Shenar et al. 2016,
2018) has a bimodal temperature distribution which is compa-
rable to the predicted temperature regimes of the evolutionary
models of AzV 14 (see Fig. 5). In the following, we elaborate on
this idea further and discuss the implications and robustness of
our findings.

6. Discussion

6.1. Exploring the parameter space by computing a small
grid of binary evolutionary models

Inspired by the insights gained from the binary evolutionary
models of AzV 14 (see Sect. 5), we explore if the bimodal
temperature distribution of WR stars at low metallicity is also
predicted by binary evolutionary models with different initial
masses and initial orbital periods. Therefore, we calculated a
small grid covering initial primary masses of 30, 45, and 60 M�,
while having a fixed mass ratio of q = 0.85. The initial primary
masses are chosen to roughly represent the full luminosity dis-
tribution of the observed WR population of the SMC. The mod-
els are calculated for initial orbital periods of 5, 50, and 500 d.
A HRD containing the evolutionary tracks of all the models is
shown in Fig. 6.
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Fig. 5. Observed temperature distribution of the WR stars in the SMC
(gray area) compared to the time our evolutionary model of the primary
(blue) and secondary (orange) are predicted to spend in the different
temperature ranges during their WR phase. The observations are shown
as Gaussians that have standard deviations corresponding to the obser-
vational uncertainties (see Table G.1). We excluded the binary SMC
AB5 from this plot, as it has a different evolutionary origin.

Figure 7 depicts a simplified picture of the different forma-
tion channels of hotter and cooler WR stars. The flow chart is
based on those models in our small grid that have a stable mass-
transfer phase.

The evolutionary tracks of the primaries with initial masses
of 30 M� are similar to those of AzV 14. All of the primary stars
expand and initiate mass-transfer events, during which they lose
most of the H-rich envelope, resulting in the formation of hot-
ter WR stars (log Teff > 4.9). The evolution of the secondaries
depends on the initial parameters. The secondary in the system
with initial period of 5 d accretes about ∼5 M� of material, lead-
ing to a rejuvenation of the core. After hydrogen is depleted in its
core, the stellar model expands and quickly initiates mass trans-
fer, stripping off parts of the accreted envelope. After the mass-
transfer event the secondary has a temperature of log Teff ≈ 4.7
and a high surface H-abundance of XH = 0.5 (left side of Fig. 7).
On the other hand, the secondary in the system with initial period
of 50 d accretes less than 0.5 M�. This is a big difference to the
short-period model, which is explained by the fact that in our
models accretion is only allowed when the accretor can avoid
rapid rotation. In the short-period binaries, the stars are tidally
locked, slowing down the rotation sufficiently for the accretor
to stay below critical rotation during the accretion process. In a
long-period binary, the star spins up quickly, limiting the amount
of mass that can be accreted (Petrovic et al. 2005; de Mink et al.
2007; Shao & Li 2016). In such long-period systems (right side
of Fig. 7) the secondary initiates mass transfer after core-H burn-
ing during its evolution toward the blue (BSG) and yellow super-
giant (YSG) phase, leading to the formation of a hotter WR star
with log Teff ≈ 4.9 (i.e., the same temperature regime that is also
populated by the primary models). In even longer period systems
(P = 500 d) mass transfer is initiates when the star is evolving
toward a red supergiant (RSG). The model has already formed
a large convective envelope which expands adiabatically, mak-
ing mass-transfer unstable. Potentially, this leads to a common
envelope evolution which is not modeled here.

The models with initial primary masses of 45 M� and initial
periods of 5 and 50 d also predict the formation of hotter WR
stars (log Teff > 4.85). However, the primary model with initial
period of 500 d is on its way to becoming a RSG and has already
formed a large outer convection region. Similar to the models
presented above, this leads to an unstable mass transfer and
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Fig. 6. Evolutionary tracks of primary (left) and secondary (right) models with initial primary masses of 30 (green gray), 45 (blue gray), and
60 M� (red gray), fixed mass ratio q = 0.85 and initial orbital periods of 5 (solid), 50 (dashed), and 500 d (dotted). We highlighted the WR phase
(i.e., τ ≥ 0.2) in bold colors. Equidistant time steps of 0.3 Myr are marked by black dots during the WR stage. In the background, we marked the
positions of all observed WR stars in the SMC.

possibly a common envelope evolution. In the model with an
initial period of 5 d the secondary accretes a significant amount
of mass (>10 M�) and initiates mass transfer after its main
sequence evolution. After the mass transfer event the surface H
fraction drops to XH = 0.35 and the temperature is log Teff > 4.7.
The secondary will end its life as a cooler WR (left side of
Fig. 7). For an initially wider orbit (50 d) the secondary accretes
only negligible amounts of material and, similar to the primary
models, evolves into a hotter WR star (right side of Fig. 7).

The primary models with initial masses of 60 M� populate a
wide range of effective temperatures (log Teff = 4.65−5.0). The
broad temperature range can be explained by the changing effi-
ciency of envelope stripping and its dependence on initial period
and mass ratio. The efficiency is linked to the point in the pri-
mary’s evolution when it transitions into the core-He burning
stage, which happens before or during the mass transfer (see
also Klencki et al. 2022, their Fig. 3). In the primary model of
the system with initial period of 5 d the mass transfer is very
efficient in removing the H-rich envelope and with the help of
the strong WR winds the model is able to remove a significant
amount of the envelope, making the star appear hot. On the other
hand, in the primary model with initial period of 500 d the mass-
transfer is less efficient, making the WR star appear cooler. The
secondary in the system with an initial period of 5 d accretes a
significant amount of mass (>10 M�). It initiates mass transfer
after the main sequence, stripping off parts of the accreted enve-
lope, resulting in the formation of a cooler WR. The secondary in
the system with an initial period of 50 d behaves similarly to its
corresponding primary model and forms a hotter WR star. The

secondary in the system with initial period 500 d initiates mass
transfer when it is on its way to becoming a RSG and has already
formed an extended outer convection zone. Mass-transfer in this
model is unstable.

6.2. Bimodal temperature distribution of WR stars at low
metallicity

From considering different evolutionary pathways probed by our
exploratory model grid, we learned that primaries and secon-
daries which have not accreted a significant amount of material
evolve to hotter WR stars. Only secondaries that have accreted
a fair amount of mass (i.e., those with the shortest periods)
evolve into cooler WR stars. There are two main factors that may
be responsible for this behavior. Firstly, evolved accretors are
characterized by a steep chemical gradient at the core-envelope
boundary, producing cooler WR stars once the outer envelope
is lost (Schootemeijer & Langer 2018, their Fig. 9). Secondly,
accretors that are not fully rejuvenated tend to remain compact
after the end of MS and begin the core-He burning phase as
BSGs (Vanbeveren et al. 2013; Justham et al. 2014). Mass trans-
fer from such stars leads to less efficient envelope stripping and
cooler WR products (Klencki et al. 2022). This is different from
the single star models (e.g., Georgy et al. 2012; Choi et al. 2016;
Eldridge et al. 2017; Limongi & Chieffi 2018) which can only
explain the hottest and most luminous WR stars.

Based on our models, we hypothesize that there must be
a bimodal temperature distribution of faint WR stars at low
metallicity. First, hotter WR stars of any luminosity can be
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well explained by the primary models as well as by the sec-
ondary models that did accrete negligible amounts of material
(i.e., those in wide orbits). Second, cool and faint WR stars
(log Teff = 4.65−4.7 and log(L/L�) ' 5.5−5.9) must arise from
secondaries that have accreted a significant amount of mate-
rial, leading to a rejuvenation and high envelope-to-core mass
ratios. Third, hotter and luminous WR stars (log Teff = 4.65−4.7
and log(L/L�) ' 5.9−6.2) can be explained by primary, sec-

ondary, and single star models. We note that according to our
models the cool and faint WR stars should all be accompanied
by a compact companion, which can avoid detection and can
help to explain observed apparently single cooler WR stars. We
sketched the morphology of the WR population in the SMC in
Fig. 8.

It is less clear whether cooler WR stars at higher metallic-
ities are formed in the same way as in low-metallcity galaxies.
Two reasons should be considered. First, at high metallicity, the
observed effective temperatures of WR stars can be lower, due to
stronger winds (e.g., Sander & Vink 2020; Sander et al. 2023),
also termed “dynamic inflation” (Grassitelli et al. 2018). Sec-
ond, at higher metallicity WR stars additionally suffer from the
effect of hydrostatically inflated envelopes (e.g., Gräfener et al.
2012; Sanyal et al. 2015), yielding again lower effective temper-
atures. Third, the stellar winds in the pre-WR stage at higher
metallicity are stronger, stripping off more of the H-rich enve-
lope, which is left after mass transfer. While the latter leads to
the formation of hotter WR stars (as shown in Sect. 6.4.1), the
effect on the observed temperature might partially be counter-
balanced by the higher wind densities. All these effects make
it difficult to distinguish between WR stars formed from stars
which have accreted significant amounts of material in the past
and intrinsically inflated WR stars.

Hence, in order to clearly see a bimodal temperature distri-
bution of WR stars originating from post interaction binaries,
populations at low metallcity must be considered. However, the
number of WR stars decreases with decreasing metallicity (e.g.,
Shenar et al. 2020a), enforcing us to rely on small number statis-
tics. In the SMC, the sample of WR stars is complete which
minimizes selection biases. Therefore, despite the small num-
ber statistics, it remains the best representative sample of an WR
population at low metallicity. In order to confirm or falsify our
predictions, further observations of complete populations of WR
stars in other low metallicity galaxies in combination with cal-
culations of binary evolutionary models are necessary.
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Our findings and other recent results (Renzo & Götberg
2021; Renzo et al. 2023) indicate that evolution of past accre-
tors may be systematically different to those of normal (primary)
stars. This impacts our understanding of stellar evolution and
feedback. For instance, in the SMC hotter WR stars like AB 10
(log(QHe ii/s−1) = 48.1), have strong He ii ionizing fluxes, while
cooler WR stars like AB 4 (log(QHe ii/s−1) = 37.5) have five
orders of magnitude lower ionizing flux. Broader implications
for binary evolution channels, proposed in this work, are yet to
be explored.

6.3. Observational fingerprints of previous evolutionary
channels

Our model predicts that the observed effective temperature is
one of the key diagnostics to differentiate between the evolu-
tionary origin of WN type stars at low metallicity, as explained
in Sect. 6.2. However, for WN stars originating from past accre-
tors, a low effective temperature is not the only diagnostic.

The surface H-abundance can be considered as another clue,
as all of our rejuvenated secondary model show XH & 0.3, while
for their corresponding primary models the surface H-abundance
are noticeably lower XH ∼ 0.2. However, for our most luminous
models (Mini, 1 = 60 M�) in the systems with the widest orbits,
the primaries have low temperatures and the H-abundances are
comparable to those of the rejuvenated secondaries. Hence, a
high hydrogen abundance and a low temperature are not a robust
criterion to identify the previous evolutionary path.

In our search for additional fingerprints to detect past accre-
tors, we identified a difference in the predicted CNO surface
composition of normal (primary) stars and the rejuvenated sec-
ondaries. It is expected that both, the primaries and nonrejuve-
nated secondaries, have CNO equilibrium composition (XC =
1−2× 10−5, XN = 139× 10−5, and XO = 1−3× 10−5). In a direct
comparison, the models of the rejuvenated secondaries have a
decreased surface N-abundance, while the surface O-abundance
is increased by about one order of magnitude (XC = 1−2× 10−5,
XN ≈ 120 × 10−5, and XO = 10−25×10−5), due to the formation
of a shallow chemical gradient extending through the accreted
envelope. Therefore, we predict that oxygen lines should be
present in spectra of cooler WN stars formed from past accre-
tors.

For the analysis of larger WN samples (e.g., Hamann et al.
2006; Sana et al. 2014; Hainich et al. 2015; Shenar et al. 2016),
traditionally the N-abundance has been fixed to a value reflecting
CNO equilibrium, while oxygen has not been included at all,
due to its weak or absent spectral imprint in the optical regime.
To predict the spectral appearance of WN stars which originate
from stars that have accreted significant amounts of material in
the past, synthetic spectra now need to include oxygen as well.
Given the temperatures of WR stars O iv and Ov are expected
to be dominant ions.

In order to check this prediction, we select the WR star
SMC AB 4 (WN6h), as its empirical position in the HRD
can only be explained by our models of secondaries that
have accreted material during mass transfer. A spectrum of
AB4 taken with X-shooter at the ESO-VLT within the ESO
program 106.211Z (PI: J. S. Vink) is available from the
archive. We re-calculated the stellar atmosphere model of AB 4,
from Hainich et al. (2015) with an enhanced O-abundances of
XO = 20 × 10−5 as well as with the CNO equilibrium value of
XO = 2 × 10−5. Indeed, the model with ten times enhanced oxy-
gen abundance reproduces the O iv lines at wavelengths 3403 Å
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Fig. 9. Close-up view of the O ivmultiplet in the X-shooter spectrum of
the WR star SMC AB 4. The observed spectrum is shown as a blue solid
line, the synthetic spectra are calculated with an oxygen abundance of
XO = 2 × 10−5 and XO = 20 × 10−5 and are shown as green dotted and
red dotted lines, respectively.

and 3414 Å just as observed, while the CNO equilibrium abun-
dance fails by far (see Fig. 9).

As illustrated by this example, WN stars with enhanced oxy-
gen abundance, such as AB 4, may be explained by the evolu-
tionary models assuming that they accreted a significant amount
of matter in the past. We suggest that the oxygen abundance
of WN type stars is an important diagnostic which can help to
identify WR stars originating from binary components that have
accreted significant amounts of material in the past.

6.4. Sensitivity of the evolutionary model to different
parameters

Estimating uncertainties in stellar evolution models is a nontriv-
ial task, as it does not only depend on the numerical uncertainty
but also on the physical assumptions made within the model
itself. Stellar evolution models rely on many free parameters
that can alter the evolution of a star, for instance mass-loss and
mixing processes. Exploring the impact of all free parameters,
quickly opens a large parameter space and needs intensive com-
putational power. Such an investigation is far beyond the scope
of the present paper. In the following, we briefly discuss two
examples of how these parameters can impact our predictions
on the temperature distribution of WR stars in low-metallicity
environments.

6.4.1. Example 1: Enhanced mass-loss rates

In the binary model presented in this paper, the mass-transfer
takes place while the primary is still core-H burning. Therefore,
the evolution of the secondary is not really sensitive to the
mass-loss rates of O stars. However, both stars spend a signifi-
cant amount of their lifetime in the WR stage. Hence, we decided
to test how the evolution would be affected if the WR mass-loss
rate is increased by a factor of 3.

Figure 10 shows the resulting tracks. By comparison to
Fig. 4, the predicted temperature regimes and the surface chem-
ical composition during the WR phases changes. The primary
loses a larger fraction of its H-poor envelope and spends more
time at higher temperatures. At the end of core-He burning the
stellar evolution model starts to contract instead of expanding.
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Fig. 10. Same as Fig. 4, but now with
the WR mass-loss rates enhanced by a
factor 3.
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Fig. 11. Same as Fig. 4, but now with an
increased efficiency of semiconvection.

On the other hand, the stellar evolution model of the secondary
shows even stronger response to the increased mass-loss rate.
Instead of becoming a cooler WR star with plenty of hydrogen
in the envelope, it is now able to remove large fractions of this
envelope and position itself at higher temperatures in the HRD.
We note that the region in the HRD where the stellar evolution
model of the secondary is located is not populated by an obser-
vational counterpart.

The above example shows that the choice of the mass-loss
recipe during different evolutionary phases can have a drastic
impact on the evolution of massive stars. Only when using ade-
quate mass-loss recipes, one can explain the cooler WR stars
observed in the SMC. We note that in the case of WR winds
being weaker than we assume in this work, the prediction on the
morphology of the temperature distribution of WR stars would
shift to lower metallicities.

6.4.2. Example 2: More efficient mixing

There are several mixing processes within stellar interiors,
including convective mixing, semiconvective mixing, overshoot-
ing, rotational mixing, pulsational mixing, etc. Typically, these
mixing processes are parameterized by free parameters, for
example the mean free path a photon can travel, or the effi-
ciency of a specific mixing process which cannot be predicted

by theory. In the literature there are many works trying to
limit the parameter space of the different free parameters (e.g.,
Schootemeijer et al. 2019; Higgins & Vink 2019; Gilkis et al.
2021; Michielsen et al. 2021). In this section, we want to show-
case how changing one of the free parameters can impact the
evolution of a star.

One of the least constrained, yet important, mixing process
is the efficiency of semiconvective mixing. Schootemeijer et al.
(2019) used the population of the BSGs and RGSs to constrain
semiconvective mixing efficiencies, but were able only to limit it
to αsc & 1. They report that higher values only barely impact the
number ratio of blue and red supergiants in galaxies. In our mod-
els presented above we used αsc = 1. For the models presented
in this section, however, we increased the efficiency to αsc = 10
in order to see how it changes our understanding of the evolution
of the binary.

The evolutionary tracks of the primary and secondary with
the more efficient semiconvective mixing are shown in Fig. 11.
By comparing these tracks to those shown in Fig. 4, one can see
that the evolution of the primary barely changes. Semiconvec-
tive mixing becomes important only in evolutionary stages after
the main sequence. The primary begins mass transfer already
during its main sequence evolution and spends its post-main
sequence evolution as a WR star, leaving the semiconvective
mixing no time to impact the evolution. On the other hand, the
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evolution of the secondary changes because during the accre-
tion phase it forms extensive convective and semiconvective
regions in its envelope. The secondary initiates mass-transfer
after the main sequence evolution, giving semiconvection some
time to efficiently mix material. In addition, due to more efficient
semiconvection, the secondary expands less in the transition
to the core-He burning phase and initiates mass transfer at a
somewhat more advanced evolutionary stage, consequently los-
ing less mass during mass-transfer and producing a cooler WR
star with an even higher surface H abundance. This is reflected
in the higher surface H-abundance and the cooler tempera-
ture. Klencki et al. (2022) recently reported something similar:
Binary models at low metallicity with highly efficient semicon-
vective mixing will not become WR/helium stars after Case B
mass transfer. Their models managed to stay at the position in
the HRD at which they initiated the mass transfer and hence are
core-He burning stars, disguised as O- or B-type stars. It is worth
mentioning that according to our criterion based on the optical
depth, the secondary of the binary evolutionary model with effi-
cient semiconvective mixing would spend only a short time as a
WR star at low temperature.

These two examples illustrate that binary evolution mod-
els are quite sensitive to the input parameters. A more detailed
study based on grids of detailed binary evolutionary models
and population synthesis are needed to confirm or disprove
our predictions on the morphology of WR populations at low
metallicity.

7. Summary and conclusions

A consistent analysis of multi-epoch optical and UV spec-
tra of one of the earlierst O-type stars in the SMC,
AzV 14, reveals its binary nature. Furthermore, our analy-
sis uncovered that the systems’ two components are very
similar. The primary and secondary have temperatures of
Teff, 1 = 42.8 ± 2 kK and Teff, 2 = 41.8 ± 2 kK, luminosities of
log(L1/L�) = 5.41 ± 0.15 and log(L2/L�) = 5.38 ± 0.15 and
surface gravities of log(g1,2/(cm s−2)) = 4.0 ± 0.2, respectively.
The analysis of a TESS light curve confirms the binary nature
of AzV 14 with an orbital period of 3.7058 ± 0.0013 d. Their
spectroscopic masses of M1 = 32 ± 8 M� and M2 = 31 ± 8 M�
are confirmed by the orbital analysis. Both binary com-
ponents drive weak stellar winds with mass-loss rates
of about log(Ṁ/(M� yr−1)) = −7.7 ± 0.2. The relatively high
observed X-ray emission of AzV 14 is attributed to colliding
winds.

The new empirically derived stellar parameters and the cur-
rent orbital period of AzV 14 are well explained by our evo-
lutionary models. In particular, the spectroscopic and orbital
masses of the binary components are in agreement with the evo-
lutionary ones. According to the evolutionary models, the com-
ponents of AzV 14 did not yet exchange mass. Most interest-
ingly, the binary evolutionary model of AzV 14 predicts that the
primary will evolve into a hotter WR star, while the secondary is
destined to evolve into a cooler WR star.

Inspired by these results we calculated a small evolutionary
model grid to investigate the conditions for the formation of hot-
ter and cooler WR stars. Guided by these calculations, we antic-
ipate that WR populations in low metallicity galaxies should
show bimodal temperature distributions. According to our mod-
els, stars born in long-period binaries both evolve to hotter WR
stars. On the other hand, for stars born in short-period binaries
only the primary is destined to become a hot WR star, while
the secondary evolves into a cooler WR star. In our models we

assume that accretion in short-period binaries is efficient, lead-
ing to a rejuvenation of the core and a different envelope-to-core
mass ratio. This eventually allows the past accretors to stay at
lower temperatures during their WR stage.

These results are sensitive to the input physics, but if turned
out to be correct they would have a vast impact on our under-
standing of binary evolution at low metallicity, stellar feedback,
and, hence, on galaxy formation and evolution. To test if our
models are reliable and cooler WR stars originate from past
accretors we introduced an additional criterion: the surface oxy-
gen abundance. From standard evolutionary models one expects
that a WR star has a surface composition which corresponds to
the CNO equilibrium value. However, in our models the cooler
WR stars, formed by stars that accreted a significant amount of
material in the past, all have surface oxygen abundance which
are increased by a factor of about ten. We tested this prediction
with archival spectra of the apparently single WN star AB4 in
the SMC. We detect oxygen lines in its optical spectrum, and
measure the high oxygen abundance which is in agreement with
our evolutionary model predictions. This empirically supports
the new evolutionary pathway to the formation of WR stars at
low metallcity proposed in this paper.
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Appendix A: Spectroscopic and photometric data

The information on all observed spectra used in this work is
given in Table A.1. All spectra are in a reduced state from the
individual observatories pipeline. Apart from the UVES spec-
trum, all other spectra analyzed in this work had been corrected
for barycentric motion by the automated extraction pipeline. For

the UVES spectrum we had to calculate this correction our-
selves. With the help of the tool from Wright & Eastman (2014)
we obtained vbary = −10.6 km s−1. A summary of the estimated
RVs and the calculated orbital phases of the individual observed
spectra that are used in our analysis are listed in Table A.2.
The photometric data employed for the SED fitting are listed in
Table A.3.

Table A.1. Spectroscopic observations of AzV 14.

Instrument Wavelength Resolving power Exposure time S/N MJD (a) Program ID PI
[Å] [s] [d]

FUSE 950–1 150 20 000 6770 7.4 51726.5778 p1175301000 J. B. Hutching
HST/FOS 1 140–1 606 250 480 ≈ 20 49985.5561 Y25U0101T C. Robert
HST/STIS 1 140–1 740 45 800 2767 ≈ 66 58981.1081 15629 L. Mahy

UVES 3 731–4 999 ≈ 41 000 2400 47.3 52180.0263 67.D-0238(A) P. Crowther
X-Shooter (2020) 3 000–24 800 & 5500 ≈ 1000 & 100 59156.1955 106.211Z J. S. Vink
X-Shooter (2022) 3 000–24 800 & 5500 900 & 90 59847.3603 109.22V0.001 D. Pauli

Notes. (a)Mid-exposure time in HJD−2400000.5.

Table A.2. Fitted RV shifts of the binary components of AzV 14 in each spectrum. The given RVs are in addition to the RV of NGC 261
(148 km s−1). The phases are calculated according to our ephemeris (see Sect. 4).

Instrument Phase Φ(b) RV1 RV2
[km s−1] [km s−1]

FUSE 0.4021 62.7 ± 4.7 −95.3 ± 4.3
HST/FOS 0.1924 92.9 ± 6.2 −113 ± 6.4
HST/STIS -0.3173 −128.6 ± 2.5 113.2 ± 2.8

UVES -0.1315 −101.9 ± 2.6 80.5 ± 3.2
X-Shooter (2020) -0.0302 −46.1 ± 5.8 22.3 ± 5.9
X-Shooter (2022) -0.3625 −112.4 ± 2.6 98.6 ± 2.9

Table A.3. Photometry of AzV 14. The UBI photometry from Bonanos et al. (2010), V-band photometry from Meyssonnier & Azzopardi (1993),
JHK photometry from the 2MASS catalog (Cutri et al. 2003), Gaia EDR3 G-band photometry (Gaia Collaboration 2016, 2021), and YJsKs pho-
tometry from the VMC survey (Cioni et al. 2011).

Band Apparent magnitude
[mag]

U 12.53 ± 0.03
B 13.59 ± 0.04
V 13.7
G 13.822 ± 0.003

GBP 13.675 ± 0.003
GRP 13.964 ± 0.004

I 13.85 ± 0.04
J 14.193 ± 0.035
H 14.301 ± 0.046
K 14.208 ± 0.067
Y 14.181 ± 0.010
Js 14.251 ± 0.013
Ks 14.309 ± 0.008
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Appendix B: Spectral modeling with the PoWR
stellar atmosphere code

PoWR assumes that the atmosphere, including the stellar wind,
is stationary, spherically symmetric, energy conserving, and in
radiative equilibrium. Hot star atmospheres cannot be approxi-
mated by LTE. Instead, the equations of radiative transfer and
the statistical equilibrium have to be solved consistently in the
comoving frame. This is achieved by iteration with the “approx-
imate lambda operator” technique, yielding population numbers
of the individual elements.

The stellar atmosphere models which we apply here account
for detailed model atoms of the elements: H, He, C, N, O, Mg,
Si, P, S. The iron group elements Fe, Sc, Ti, V, Cr, Mn, Co, and
Ni are treated as one generic element (“G”) using a superlevel
approach (see Gräfener et al. 2002). The individual abundances
for each element and the considered ionization levels adopted
here are listed in Table B.1.

To calculate the detailed synthetic spectrum we assume a
depth dependent micro-turbulence velocity. In our model cal-
culations it is assumed that the micro-turbulence velocity starts
with ζph = 10 km s−1 in the photosphere and grows linearly with
the wind velocity as 0.1 v(r).

The density stratification in the photosphere is calculated
from the hydrostatic equations, taking the radiation pressure
fully into account (Sander et al. 2015). The velocity field in the
supersonic regions, is adopted as a β-law (Castor et al. 1975)
with the standard exponent of β = 0.8 (Pauldrach et al. 1986).

The stellar parameters, namely effective temperature Teff ,
surface gravity g, wind mass-loss rate Ṁ, terminal wind veloc-
ity v∞, as well as the chemical composition, are determined by a
comparison of the synthetic spectrum to the observation. The
effective temperature Teff is defined as referring to the radius
where the Rosseland mean continuum optical depth is τ = 2/3.

Stellar winds are inhomogeneous; this is taken into account
using the approximation for optically thin clumps (microclump-
ing). The clumping factor D describes by how much the density
within the clumps is increased compared to a smooth wind with
the same mass-loss rate (Hamann & Koesterke 1998). For our
analysis, we adopt depth-dependent clumping that starts at the
sonic radius and increases outward, until a clumping factor of
D = 10 is reached at a radius of 10 R∗.

Table B.1. Chemical elements and the ionization stages included in the
PoWR models for AzV 14.

Element Abundance Ions Reference
[mass frac.]

H 0.7375 i, ii Asplund et al. (2005)
He 0.2605 i, ii, iii Y = 1 − X − Z
C 21 × 10−5 iii - vi Trundle et al. (2007)
N 3 × 10−5 iii - vi Trundle et al. (2007)
O 113 × 10−5 ii - vii Trundle et al. (2007)

Mg 10 × 10−5 ii - v Trundle et al. (2007)
Si 13 × 10−5 iii - vii Trundle et al. (2007)
P 8 × 10−7 iv, v, vi Scott et al. (2015) (a)

S 4 × 10−5 iv - vii Scott et al. (2015) (a)

G 35 × 10−5 iii - ix Trundle et al. (2007)
Scott et al. (2015) (a)

Notes. (a)We scaled their solar values by a factor of 1/7 to account for
the lower metallicity of the SMC.

Appendix C: Extraction of the TESS light curve

AzV 14 was observed with TESS, but has no automated pipeline
processed light curve yet. Hence, we followed the method of
Bowman et al. (2022) and extracted pixel cutouts of size 20× 20
using astrocut (Brasseur et al. 2019) provided by MAST2

to extract a custom light curve and search for photometric
variability. We tried differently sized aperture masks for an
optimum light curve using the lightcurve software package
(Lightkurve Collaboration 2018). Since AzV 14 is a relatively
faint target (V = 13.9 mag) for TESS and because the pixel size
of TESS is 21′′, the aperture mask that maximized the signal-
to-noise of the variability in the light curve and minimized the
contribution of contaminating stars was found to be only a sin-
gle pixel. We note that the field around AzV 14 is quite crowded
and that the employed TESS pixel contains several other stars.
However, all stars identified by Gaia within this single neigh-
boring pixels have V & 16.5. This is three orders of magnitude
fainter than our target. None of this stars is known to be vari-
able and combined they contribute less than <5% of the total
measured flux. Pixel masks larger than a single pixel had larger
percentage contamination and diminished signal from our tar-
get, thus justifying our extraction method. The background flux
was estimated by calculating the median observed flux per frame
whilst excluding pixels that predominantly contain stellar flux.
The background flux was subtracted, and then we normalized
the extracted light curve by dividing through the median flux.

TESS sector 1 data are known to be quite noisy and contain
problematic systematics. For such a faint target this presented a
significant challenge in extracting a reliable light curve. How-
ever, the light curves from sectors 27 and 28 are judged to be
robust, and span a combined total of 50.8 d.

The variability in the combined sectors 27 and 28 of the TESS
data for AzV 14 is well described as periodic. To determine the
dominant periodicity we identified the highest-amplitude peak
in the amplitude spectrum of the light curve. Next, we opti-
mized the frequency and amplitude and determined uncertain-
ties for this dominant periodicity by fitting a sinusoid to the light
curve using nonlinear least-squares methods with the period04
software tool (Lenz & Breger 2005). We determined the dom-
inant frequency to be 0.53969 ± 0.00019 d−1, corresponding to
a period of 1.85292 ± 0.00065 d. Yet, as demonstrated from our
spectroscopic analysis (see Sect. 3.1), AzV 14 contains two simi-
lar massive stars. Hence, periodic sinusoidal variability in such
a system implies grazing eclipses or ellipsoidal variability. In
phase space, however, one expects a symmetric double wave for
such variability, meaning that the true dominant frequency is
1.07938 ± 0.00038 d−1, and thus the orbital period of the system
is Porb = 3.7058 ± 0.0013 d. The phase-folded light curve on this
inferred orbital period is shown in Fig. 3. We also find this fre-
quency to be significant in the TESS data, but it has a smaller
amplitude, hence is not the dominant frequency. It is not uncom-
mon for the (sub)harmonic of the true orbital frequency to have a
larger amplitude in the amplitude spectra of (eclipsing) binary star
or ellipsoidal variable light curves (see e.g., IJspeert et al. 2021;
Southworth & Bowman 2022).

TESS has a low spatial resolution from its large pixel sizes,
which when combined with our small aperture mask results in a
relatively large scatter in the light curve. Nonetheless, it is possi-
ble to use the TESS data to constrain the inclination of the binary.
In turn, this allows us to compare inclination dependent param-
eters, such as the projected rotation velocities to predictions of
binary evolutionary models.
2 https://archive.stsci.edu/
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Appendix D: Additional figures
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Fig. D.1. Hydrogen and helium lines in the two X-Shooter spectra and the UVES spectrum (blue) compared to the combined synthetic spectrum
(red). The individual unweighted synthetic spectra of the primary and secondary components are represented as black dotted and green dotted
lines, respectively.
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Fig. D.3. Close-up view of the metal lines in the X-Shooter (2020) and UVES spectra. The observed spectrum is shown as a solid blue solid line,
the individual unweighted synthetic spectra of the primary and the secondary component are represented as black dotted and green dotted lines,
respectively and the combined synthetic spectrum as red dashed line. In the combined synthetic spectrum ISM absorption lines, which originate
from the Galactic foreground and in the SMC, are included. They are labeled as “(is)”.
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Fig. D.4. Close-up view of the wind diagnostic lines in the STIS and FOS spectra, as well as Hα, which is part of the X-Shooter (2020) spectrum.
The observed spectrum is shown in blue and needs to be compared to the combined synthetic spectrum, shown in red. In the combined synthetic
spectrum ISM absorption lines, which originate from the Galactic foreground and in the SMC, are included and labeled as “(is)”. For the STIS
and FOS spectrum we plot the weighted synthetic spectra. For the X-Shooter (2020) spectrum we show the unweighted synthetic spectra of the
primary and the secondary as black dotted and green dotted lines, respectively. A close-up view of the He ii λ4686 wind diagnostic line can be
found in Fig. D.1.
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Appendix E: Light and RV curve modeling with the
PHOEBE code

The PHOEBE code does not contain atmosphere tables for
hot stars. Therefore, we approximated the AzV 14 spec-
trum as a blackbody. From comparison of a blackbody and
our synthetic spectrum in the V-band, we find that this is
a reasonable approximation. To model the effect of limb-
darkening, we adopt a quadratic approximation for the intensity
(Diaz-Cordoves & Gimenez 1992)

I(µ) = I(1)[1 − ai(1 − µ) − bi(1 − µ)2], (E.1)

where µ = cos θ is the cosine of the directional angle and ai and
bi are the linear and quadratic coefficients of the binary compo-
nent i. The coefficients are determined by fitting the Eq. (E.1)
to the emergent intensity distribution in our best fitting PoWR
model. For the primary, we derive a1 = 0.1474 and b1 = 0.0985,
and for the secondary, a2 = 0.1489 and b2 = 0.1025. The effect
of gravitational darkening is approximated by a power-law with
exponent βgrav = 1. For simplicity, we assume that both stars are
rotating synchronously with the orbit, a reasonable approach for
stars in binaries with orbital periods on the order of a few days.
In our simulations, the effect of ellipsoidal variability, which is
important in short-period binaries, is also included. The reflec-
tion effect (Wilson 1990) is modeled with two reflections.

As a fitting routine, we choose the built-in option of the
emcee sampler (Foreman-Mackey et al. 2013), enabling us to
consistently model the light and RV curve. From our PHOEBE
model, we conclude that the observed light curve originates
purely from ellipsoidal modulations, meaning that the flux dur-
ing quadrature is the highest and lowest when the stars are
aligned. The resulting parameters are listed in Table E.1 and E.2.

Table E.1. Orbital parameters of AzV 14 obtained using the PHOEBE
code.

parameter value unit

P 3.7058 ± 0.0013 (fixed) (a) [d]
ω0 0 ± 2 [◦]
T0 2459036.101 ± 0.004 [d]
v0 −13 ± 3 [km s−1]

qorb 0.95 ± 0.01
i 35+5

−5 [◦]
a 40.6 ± 1.8 [R�]

Notes. (a)Adopted from the analysis of the TESS light curve.

Table E.2. Orbital parameters of the individual binary components
obtained using the PHOEBE code.

parameter primary secondary unit

K 125 ± 5 132 ± 5 [km s−1]
Morb 33.6+5.0

−3.7 31.9+4.8
−3.5 [M�]

Appendix F: Input physics in the MESA binary
evolutionary model

Our binary evolutionary models are calculated with the MESA
version r15140. The chemical composition is adjusted to the

SMC. Following Brott et al. (2011), we use tailored abundances
for H, He, C, N, O, Mg, Si, and Fe in the evolutionary models.
We note that these are similar to those used in the PoWR atmo-
sphere models (see Table B.1). As initial parameters, we only set
the initial masses of the binary components as well as the initial
orbital period. We assume that the binary is initially tidally syn-
chronized, a simplification adopted to reduce the free parameter
space.

Our models include rotational mixing and treat it as a
diffusive process, which encompasses the effects of dynam-
ical and secular shear instabilities, the Goldreich-Schubert-
Fricke instability, as well as Eddingtion-Sweet circulations
(Heger et al. 2000). The efficiency coefficients of rotational mix-
ing are adopted from Brott et al. (2011) and set to fc = 1/30
and fµ = 0.1. On top of that, we include the angular momen-
tum transport via magnetic fields from a Taylor-Spruit dynamo
(Spruit 2002).

We use the standard mixing length theory (Böhm-Vitense
1958) with a mixing length coefficient αmlt = 1.5 and the Ledoux
criterion to model convection. Our models include the effect of
envelope inflation, which occurs in regions within the star that
approach the Eddington limit (Sanyal et al. 2015). Semiconvec-
tive mixing is taken into account with an efficiency coefficient
of αsc = 1 (Langer et al. 1983; Schootemeijer et al. 2019) and
for core-H burning we include step overshooting in such a way
that the convective core is extended by 0.335HP (Brott et al.
2011; Schootemeijer et al. 2019). Thermohaline mixing, which
becomes important for late evolutionary stages and during the
accretion phase of the companion star, is modeled with an effi-
ciency coefficient of αth = 1 (Kippenhahn et al. 1980).

The choice of mass-loss rates is crucial for stellar evolution-
ary models. In particular, the mass-loss rates during the WR
stages are important for those binaries which avoid evolving
toward the cool side of the HRD. In the literature a discussion
is ongoing on the efficiency of the WR winds at low metallic-
ity. For example, Sander & Vink (2020) argue that below some
limiting metallicity the WR winds become inefficient in remov-
ing mass. This limiting metallicity is thought to be close to the
metallicity of the SMC. Therefore, we adjust the WR mass-loss
recipes such that they are adequate for the SMC metallicity. We
include mass-loss as follows: for main sequence stars (XH > 0.7)
we use the mass-loss rates by Vink et al. (2001) (which are an
order of magnitude higher than those empirically derived for
AzV 14 in this work). For temperatures below the so-called bi-
stability jump we use the maximum value of either Vink et al.
(2001) or Nieuwenhuijzen & de Jager (1990). And for the WR
phase, this is when the surface hydrogen abundance drops below
XH < 0.4, the recipe of Shenar et al. (2019, 2020b) is used. For
surface abundances in the range of 0.7 > XH > 0.4 we linearly
interpolate between Vink et al. (2001) and Shenar et al. (2019,
2020b).

Mass transfer is modeled implicitly using the “contact”
scheme of the MESA code. Mass transfer is treated as rotation-
dependent mass accretion. This means, in our models mass trans-
fer is conservative as long as the accretor can stay below critical
rotation. As soon as it is rotating critically, we assume that all
mass is lost from the system. In addition to that, we assume mass
accretion from a stellar wind.

The model calculation of a binary component is stopped after
core-He depletion. It is assumed that as soon as the primary
model depletes helium in its core, it directly collapses into a
BH (Dessart et al. 2011). This means that the orbit is not per-
turbed by a supernova explosion. Under the assumption that we
are able to model mass-transfer from the former secondary to the
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BH produced by the former primary. Recently it was reported
that the first supernova originating from a WR progenitor was
observed (Gal-Yam et al. 2022). We estimate that in the case of
a supernova event the mass of the BH in our models might be
overestimated by a factor 2 to 4. However, the main parameter
defining the size of the Roche lobe, and thus the start and end
of mass transfer is the orbital separation and not the mass ratio
(Eggleton 1983, their equation 2). We assume that the impact of
this simplification on the evolution of the former secondary is
negligible. During the mass-transfer phase, we assume that the
BH can only accrete material with the Eddington accretion rate.

Appendix G: Identifying WR phases in stellar
evolutionary models

We calculated the optical depth at the surface of a star in our
evolutionary model calculation with the formula from Langer
(1989)

τ =
−κṀ

4πR(v∞ − v0)
ln

(
v∞
v0

)
· (G.1)

In this equation, the opacity κ is approximated by the electron
scattering opacity κes = 0.2 (1 + XH) cm2 g−1, Ṁ is the wind
mass-loss rate, R is the radius of the star, v∞ is the terminal wind

Table G.1. Summary of the stellar parameters of the WR stars in the SMC that are used to calibrate the threshold of the optical depth τ.

star id Teff R∗ log L log Ṁ log ṀShenar
(a) v∞ XH τ binary reference

[AB] [kK] [R�] [L�] [M� yr−1] [M� yr−1] [km s−1] [mass fr.]

1 79+10
−10

(b) 5.7+1.3
−1.3

(c) 6.07 ± 0.2 −5.58 ± 0.2 -5.33 1700±200 0.50 ± 0.05 0.26 — Hainich et al. (2015)
2 47+3

−3 9.1+1.1
−1.1

(c) 5.57 ± 0.1 −5.75 ± 0.2 -5.64 900±100 0.55 ± 0.05 0.19 — Hainich et al. (2015)
3 77+5

−5 5.0+1
−1 5.93 ± 0.05 −5.30 ± 0.1 -5.23 1500±200 0.25 ± 0.05 0.53 x Shenar et al. (2016)

4 44+3
−3 13.0+1.8

−1.8
(c) 5.78 ± 0.1 −5.18 ± 0.2 -5.14 1000±100 0.25 ± 0.05 0.37 — Hainich et al. (2015)

5a 43+5
−5 24.0+10

−7 6.35 ± 0.1 −4.50 ± 0.1 -4.80 2200±200 0.25 ± 0.05 0.51 x Shenar et al. (2016)
5b 43+10

−10 22.0+15
−10 6.25 ± 0.15 −4.50 ± 0.3 -4.86 2000±200 0.25 ± 0.05 0.60 x Shenar et al. (2016)

6 78+20
−5 4.7+1.5

−2.3 5.87 ± 0.15 −5.20 ± 0.2 -5.27 2000±200 0.25 ± 0.05 0.56 x Shenar et al. (2018)
7 98+20

−10 3.4+1.2
−1.2 6.10 ± 0.1 −5.00 ± 0.2 -5.28 1700±200 0.15 ± 0.05 1.29 x Shenar et al. (2016)

9 99+10
−10

(b) 3.5+0.8
−0.8

(c) 6.05 ± 0.2 −5.65 ± 0.2 -5.23 1800±200 0.35 ± 0.05 0.31 — Hainich et al. (2015)
10 98+10

−10
(b) 2.2+0.5

−0.5
(c) 5.65 ± 0.2 −5.85 ± 0.2 -5.47 2000±200 0.35 ± 0.05 0.29 — Hainich et al. (2015)

11 89+10
−10

(b) 3.5+0.8
−0.8

(c) 5.85 ± 0.2 −5.56 ± 0.2 -5.52 2200±200 0.40 ± 0.05 0.34 — Hainich et al. (2015)
12 112+10

−10
(b) 2.4+0.5

−0.5
(c) 5.90 ± 0.2 −5.79 ± 0.2 -5.45 1800±200 0.20 ± 0.05 0.30 — Hainich et al. (2015)

Notes. (a)Calculated using the mass-loss recipe of Shenar et al. (2019, 2020b). (b)We adopt a typical uncertainty of 10 kK (i.e., this is equivalent to one step in their used model
grid). (c)Calculated using Gaussian error propagation.

velocity, and v0 is the expansion velocity at the base of the wind,
which, for simplicity, is assumed to be constant v0 = 20 km s−1.
Gräfener et al. (2017) found that v∞ can be linked to the escape
velocity vesc by

v∞ = α · vesc = α ·
√

2GM
R

(1 − Γ), (G.2)

where Γ is the Eddington factor and α is an evolutionary depen-
dent scaling factor. We assume α = 1.3 during the main sequence
and WN phase. For factors used in the other phases we refer to
Pauli et al. (2022a), their section 2.2.

Ideally the threshold to differentiate between optically thin
and thick winds, He-stars or WR stars, is τ ≥ 1. However,
in the calculation of the optical depth several simplifications
are included. Therefore, a calibration to observations is needed.
Aguilera-Dena et al. (2022) already did this for H-free WN stars
and determined a threshold value of τ ≥ 1.45. On the other side,
Pauli et al. (2022a) find that for H-poor WN stars a lower thresh-
old might be needed to reproduce observations. In the SMC only
H-poor WN stars (and one WO type star) are present. To find
a threshold value that can reproduce the observations, we cal-
culated the optical depths of all the H-poor WN stars in the
SMC. Their stellar parameters and optical depths are listed in
Table G.1. We find that all have an optical depth value of τ & 0.2,
which we set here as our new threshold.
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