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ABSTRACT

Numerous circumbinary planets have been discovered in surveys of transiting planets. Often, these planets are found

to orbit near to the zone of dynamical instability, close to the central binary. The existence of these planets has been

explained by hydrodynamical simulations that show that migrating circumbinary planets, embedded in circumbinary

discs, halt at the central cavity that is formed by the central binary. Transit surveys are naturally most sensitive to

finding circumbinary planets with the shortest orbital periods. The future promise of detecting longer period systems

using radial-velocity searches, combined with the anticipated detection of numerous circumbinary planets by ESA’s

PLATO mission, points to the need to model and understand the formation and evolution of circumbinary planets in

a more general sense than has been considered before. With this goal in mind, we present a newly developed global

model of circumbinary planet formation that is based on the mercury6 symplectic N-body integrator, combined

with a model for the circumbinary disc and prescriptions for a range of processes involved in planet formation such

as pebble accretion, gas envelope accretion and migration. Our results show that under reasonable assumptions, the

pebble accretion scenario can produce circumbinary systems that are similar to those observed, and in particular is

able to produce planets akin to Kepler-16b and Kepler-34b. Comparing our results to other systems, we find that our

models also adequately reproduce such systems, including multi-planet systems. Resonances between neighbouring

planets are frequently obtained, whilst ejections of planets by the central binary acts as an effective source of free

floating planets.

Key words: planets and satellites: formation – planet-disc interactions – protoplanetary discs – binaries: general.

1 INTRODUCTION

Fourteen circumbinary planets have been discovered via tran-
sit surveys since the first was announced in 2011. Kepler-16b,
the first such planet to be discovered (Doyle et al. 2011), is
a ∼ Saturn-mass planet (Triaud et al. 2022) with an orbital
period of 229 days orbiting a pair of sub-Solar mass stars
that are on moderately eccentric orbits. The discoveries of
Kepler-34b and -35b (Welsh et al. 2012) followed closely af-
terwards, with Kepler-34b being a ∼ 70 M⊕ planet orbiting
a pair of Solar-mass stars on significantly eccentric orbits.
The discovery of the Kepler-47 system of three circumbi-
nary planets (Orosz et al. 2012) holds the current record for
the largest known multiplicity within a circumbinary system.
More recently TESS found a transiting planet orbiting TOI-
1338/BEBOP-1 (Kostov et al. 2020), whilst radial velocity
observations of the system have found an additional planet
orbiting further out in the system, whilst also placing an up-
per limit on the mass of the transiting planet (Standing et al.
2023). One interesting feature shared by the majority of the
circumbinary planetary systems is that they host a body that
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orbits near to the zone of dynamical instability (Holman &
Wiegert 1999), inside of which a planet would be dynamically
unstable due to gravitational perturbations from the central
binary (see Martin 2018, for a review of discovered circumbi-
nary planets). More recent work, however, has shown that the
instability region is more complex, with the outer edge of the
zone of dynamical instability actually being the outer edge of
an exclusion zone associated with the 3:1 mean-motion reso-
nance with the central binary, accompanied by stable trajec-
tories closer to the binary linked to resonant geometries and
bifurcating limit cycles (Langford & Weiss 2023).

In situ formation is one of the possible pathways that has
been explored when attempting to explain the origins of these
circumbinary planets. This scenario suffers from a number
of issues that likely hinder the formation of planets near to
the instability zone, including: gravitational interactions with
non-axisymmetric features within circumbinary discs lead-
ing to large impact velocities between planetesimals (Marzari
et al. 2008; Kley & Nelson 2010); differential pericentre align-
ment of eccentric planetesimals of different sizes that leads
to corrosive collisions (Scholl et al. 2007); excitation of plan-
etesimal eccentricities through N-body interactions resulting
in large relative velocities, which are disruptive for accre-
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tion onto planetary bodies (Meschiari 2012a,b; Paardekooper
et al. 2012; Lines et al. 2014; Bromley & Kenyon 2015). Ways
to overcome the problems with in situ formation have been
explored, including having extremely massive protoplanetary
discs (Marzari & Scholl 2000; Martin et al. 2013; Meschiari
2014; Rafikov & Silsbee 2015), or if the fragments are reac-
creted and form second or later generations of planetesi-
mals (Paardekooper & Leinhardt 2010). More recently, it has
been shown that in situ pebble accretion scenarios also suffer
from difficulties because a parametric instability can generate
hydrodynamical turbulence that stirs up pebbles, rendering
pebble accretion onto planetary embryos inefficient (Pierens
et al. 2020, 2021).

An alternative model is that the planets formed at a larger
distance from the binary and then migrated to their observed
orbits (Nelson 2003; Pierens & Nelson 2007, 2008a,b; Thun
& Kley 2018). Numerous works have shown that migrating
planets in circumbinary discs stall when they reach the cen-
tral cavity. The precise stopping location depends on param-
eters such as the planet mass. Giant planets open a gap in the
disc and circularise the eccentric inner cavity that is created
by the binary. These planets tend to park closer to the binary
(although this increases the probability they may be ejected;
Nelson 2003; Pierens & Nelson 2008a; Thun & Kley 2018).
Lower mass planets migrate to the edge of the inner cavity
and their migration ceases there due to a strong corotation
torque that counteracts the Lindblad torque (Pierens & Nel-
son 2007, 2008b). The orbits of these low mass planets align
with the inner eccentric disc and precess with it in a state of
apsidal corotation (Thun & Kley 2018). However, it has also
been shown that low mass planets migrating slowly through
mean-motion resonances with the binary can be ejected from
the systems under certain conditions (Martin & Fitzmaurice
2022). Other works have found that the stopping locations
and planet eccentricities are influenced by the mass of the
discs that they form in (Dunhill & Alexander 2013), by the
effects of gas self-gravity on the disc structure (Mutter et al.
2017b), or by the local dust-to-gas ratio close to the inner
cavity (Coleman et al. 2022). In a recent study, Penzlin et al.
(2021) found that disc parameters including the viscosity pa-
rameter α and the disc aspect ratio H/R also affect the stop-
ping locations of migrating planets, mainly by permitting the
planets to open partial gaps in the disc, forcing the disc to
become more circularised and allowing the planets to migrate
closer to central binary. In attempting to match the locations
of known circumbinary planets using hydrodynamical simu-
lations, one outstanding problem has been to match systems
such as Kepler-34b because the central cavity that forms is
very large and eccentric in this case, causing simulated plan-
ets to park too far away from the central binary compared to
what is observed (e.g. Pierens & Nelson 2013; Penzlin et al.
2021).

In this work, we investigate whether a comprehensive
model of circumbinary planet formation that includes pebble
accretion and planet migration is able to form planets that
are similar to Kepler-16b and Kepler-34b. We use an updated
version of the mercury6 symplectic integrator, taking into
account the gravitational interactions between forming plan-
ets and the central binary (Chambers 1999; Chambers et al.
2002). This is combined with a 1D viscous disc model that in-
corporates thermal evolution through stellar irradiation from
both central stars, viscous heating and blackbody cooling. We

also include prescriptions pertaining specifically to circumbi-
nary discs, including: an eccentric cavity formed through tidal
torques from the central binary (Artymowicz & Lubow 1994;
Dutrey et al. 1994; Pierens & Nelson 2013; Mutter et al.
2017a); gravitational torques arising through interactions be-
tween planets and material concentrated at the apocentres
of the eccentric cavity; and approximating a two-dimensional
disc when calculating gas and pebble velocities for pebble
accretion rates. The simulations also incorporate up-to-date
prescriptions for planet migration (Paardekooper et al. 2010,
2011; Lin & Papaloizou 1986), gas accretion onto planetary
cores (Poon et al. 2021), and gas disc dispersal through pho-
toevaporation on million-year time-scales (Dullemond et al.
2007; Matsuyama et al. 2003). To account for pebbles in the
disc, we use the evolution models of (Lambrechts & Johansen
2014) in which a pebble production forms, leading to a flux of
inwardly drifting pebbles that can be accreted by planetary
embryos (Lambrechts & Johansen 2012). Our models success-
fully produce Kepler-16b and Kepler-34b analogues via the
accretion of pebbles far from the central binary, before the
planets migrate in towards the central cavity, and demon-
strate more generally that circumbinary planetary systems
similar to those that have been discovered can form through
a combination of pebble accretion and migration.

This paper is organised as follows. Section 2 outlines the
basic physical model, while Section 3 details the additions to
the model due to the inclusion of a central binary system. In
Section 4, we describe the evolution of an example circumbi-
nary disc. We present our results in Section 5 for Kepler-16
and Section 6 for Kepler-34. Finally, we discuss interesting
outcomes of our results as a whole in Section 7 before we
draw our conclusions in Section 8.

2 PHYSICAL MODEL

In the following sections, we provide details of the physical
model we adopt and the numerical scheme used to under-
take the simulations. We only model the circumbinary sys-
tems of Kepler-16 and Kepler-34, since they were amongst
the first circumbinary planets to be discovered, and as such
their formation processes and the evolution of their circumbi-
nary discs are the most studied and well understood. In fu-
ture work we will expand our studies to explore circumbi-
nary planet formation around a diverse population of binary
stars, containing different binary parameters. Initially we will
present the general model that is similar to what we have pre-
viously used for simulations around single stars (e.g. Coleman
& Nelson 2014, 2016a,b), and then we will detail the addi-
tions to the model that take into account the effects of the
binary stars on the inner regions of the circumbinary discs.

The N-body simulations presented here were performed us-
ing the mercury6 symplectic N-body integrator (Chambers
1999), updated to accurately model planetary orbits around
a pair of binary stars (Chambers et al. 2002). We utilise the
‘close-binary’ algorithm described in Chambers et al. (2002)
that calculates the temporal evolution of the positions and
velocities of each body in the simulations with respect to the
centre of mass of the binary stars, subject to gravitational
perturbations from both stars and other large bodies. Note
that in this work we are interested in exploring the formation
of circumbinary planets around systems that mimic Kepler-16
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and -34, which have well-defined orbital parameters. Hence,
we do not include the gravitational forces from planets and
planetary embryos on to the central binary stars since this
can lead to changes in their orbital elements away from the
observed values. In future work, we will explore the conse-
quences of this choice and examine the influence of the plan-
ets on the orbital evolution of the central binaries. We also do
not include disc–binary interactions (e.g. Penzlin et al. 2022)
since this can also drive evolution of the binary.

Our model includes prescriptions for the evolution of pro-
toplanetary discs and disc-planet interactions, which we de-
scribe below.

2.1 Gas disc

We adopt a 1D viscous disc model where the equilibrium
temperature is calculated by balancing irradiation heating
from the central stars, background heating from the residual
molecular cloud, viscous heating and blackbody cooling. The
surface density, Σ, is evolved by solving the standard diffusion
equation

dΣ

dt
=

1

r

d

dr

[
3r1/2 d

dr

(
νΣr1/2

)
− 2ΛΣr3/2

GMbin

]
− dΣpe

dt
, (1)

where
dΣpe

dt
=
dΣpe,int

dt
+
dΣpe,ext

dt
is the rate change in sur-

face density due to internally and externally driven photoe-
vaporative winds, Λ is the disc-planet torque that operates
when a planet becomes massive enough to open a gap in the
disc, Mbin is the combined stellar mass, and ν is the disc
viscosity (Shakura & Sunyaev 1973)

ν = αc2s/Ω, (2)

where cs is the local isothermal sound speed, Ω =
√

GMbin
r3

is the Keplerian frequency and α is the viscosity parameter.
The disc-planet torque per unit mass that applies for planets
whose masses are large enough to open gaps is given by Lin
& Papaloizou (1986)

Λ = sign(r − rp)q2GMbin

2r

(
r

|∆p|

)4

(3)

where q is the planet/star mass ratio, rp is the planet orbital
radius, and |∆p| = max(H, |r − rp|), where H is the local
disc scale height.

As the disc should be in thermal equilibrium, we use an
iterative method to solve the following equation (D’Angelo &
Marzari 2012)

Qirr,A +Qirr,B +Qν +Qcloud −Qcool = 0, (4)

where Qirr,A and Qirr,B are the radiative heating rates due to
the binary stars, Qν is the viscous heating rate per unit area
of the disc, Qcloud is the radiative heating due to the residual
molecular cloud, and Qcool is the radiative cooling rate. For
a Keplerian disc, the energy flux due to dissipation is given
by Mihalas & Mihalas (1984) as

Qν =
9

4
νΣΩ2. (5)

The heating rate due to stellar irradiation from the ith star
is given by Menou & Goodman (2004)

Qirr,i = 2σT 4
irr,i/τeff , (6)

where

τeff =
3τR
8

+
1

2
+

1

4τP
, (7)

and τR and τP are the optical depths due to the Rosseland
and Planck mean opacities respectively (assumed to be equiv-
alent in this work). For the irradiation temperature we follow
D’Angelo & Marzari (2012) and take

T 4
irr,i = (T 4

i + T 4
acc,i)(1− εalb)

(
Ri
r

)2

WG. (8)

Here εalb is the disc albedo (estimated to be 0.5 in agreement
with D’Angelo & Marzari (2012)), Ti and Ri are the effective
temperature and radii of the ith star, Tacc,i is the contribution
made to the irradiation temperature by the accretion of gas
on to the stars

T 4
acc,i =

GMiṀdisc

16πσR3
i

(9)

where Ṁdisc is the accretion rate recorded at the disc inner
edge, and we assume that half of the gas accretes onto each
star. The geometrical factor WG determines the flux of radia-
tion that is intercepted by the disc surface, and approximates
to

WG = 0.4

(
R∗

r

)
+

2

7

H

r
, (10)

as given by D’Angelo & Marzari (2012). The scale height of
the disc is denoted by H in the equation above and is equal
to cs/Ω. We note that because a 1D disc model is adopted,
the actual locations of the stars are not taken into account
in the irradiation prescription, and instead the stars are both
assumed to sit at the centre of mass of the system. For Qcloud

we have

Qcloud = 2σT 4
cloud/τeff (11)

where we take Tcloud as being equal to 10 K, consistent with
observed temperatures of molecular clouds (Wilson et al.
1997). For the cooling of the disc we have

Qcool = 2σT 4
mid/τeff (12)

with Tmid being the disc midplane temperature and is found
iteratively using Brent’s method (Press et al. 2007).

We take the opacity, κ, to be equal to the Rosseland mean
opacity, with the temperature and density dependencies cal-
culated using the formulae in Bell et al. (1997) for temper-
atures below 3730 K, and by Bell & Lin (1994) above 3730
K. To account for changes in the disc metallicity, we multiply
the opacity by the dust contribution to the metallicity rela-
tive to solar. The full opacity table can be found in Appendix
A.

2.2 Photoevaporation

The absorption of UV radiation by the disc can heat the
gas above the local escape velocity, and hence drive photoe-
vaporative winds. For extreme ultra-violet radiation (EUV),
this creates a layer of ionised hydrogen with temperature
∼10,000 K (Clarke et al. 2001), whereas for far ultra-violet
radiation (FUV), this creates a neutral layer of dissociated
hydrogen with temperature of roughly 1000 K (Matsuyama
et al. 2003). We incorporate both EUV radiation from the
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central stars (internal photoevaporation) and FUV radiation
from other nearby stars (external photoevaporation). We do
not include here X-ray induced internal photoevaporation
(e.g. Owen et al. 2012; Picogna et al. 2019), since this op-
erates in the outer regions of the disc where external pho-
toevaporation operates, and the interplay between internal
and external photoevaporation is poorly understood. FUV
radiation from the central stars is also neglected, since it also
operates in a similar location to FUV external photoevapora-
tion, which we assume dominates the evolution of the disc in
this region. Whilst the internally originating FUV radiation
is an important process, models for this are strongly depen-
dent on the local disc properties, e.g. the size of dust in the
penetrated region of the disc (Gorti et al. 2015), as well as
complex photochemistry, including the photo- and chromo-
spheres of the central stars (Gorti & Hollenbach 2009; Gorti
et al. 2009).

2.2.1 Internal photoevaporation

To account for the radiation from the central stars we adopt
the formula provided by Dullemond et al. (2007) to calculate
the rate at which the surface density decreases due to this
wind

dΣpe,int

dt
= 1.16× 10−11Gfact

√
f41

(
1

rg,euv

)3/2( M⊙
au2 yr

)
(13)

where Gfact is a scaling factor defined as

Gfact =


( rg,euv

r

)2

e
1
2

(
1−

rg,euv

r

)
r ≤ rg,euv,

( rg,euv

r

)5/2

r > rg,euv.

(14)

Here, rg,euv is the characteristic radius beyond which gas
becomes unbound from the system as a result of the EUV ra-
diation launching a wind with a temperature of 104 K, which
is set to 7.6 au and 17.7 au for Kepler-16 and -34 respectively,
and f41 is the combined rate at which extreme UV ionising
photons are emitted by the central stars in units of 1041 s−1.

When the inner region of the disc becomes optically thin
(i.e. when the gas surface density drops below a critical value
within 0.2 × rg,euv, which we take as 10−5gcm−2), ionising
photons can launch a wind off the inner edge of the disc,
enhancing the photoevaporation rate. The direct photoevap-
oration prescription that we adopt is taken from Alexander
& Armitage (2007) and Alexander & Armitage (2009), where
the photoevaporative mass loss rate is given by

dΣpe,int

dt
= 2C2µmHcs

(
f41

4παBhr3
in

)1/2(
r

rin

)−2.42

. (15)

Here, C2 = 0.235, αB is the Case B recombination coefficient
for atomic hydrogen at 104K, having a value of αB = 2.6 ×
10−19m3s−1 (Cox 2000), and rin is the radial location of the
inner disc edge. We note that whilst the inner cavity region
is optically thin in our models, and the inner edge of the disc
is further out than occurs because of the magnetospheres of
single stars, the cavity edge is always closer to the central
stars than the location where a photoevaporative wind can be
launched (∼ 0.2× rg,euv). Therefore in our models, the only

way direct photoevaporation can be triggered is if a giant
planet removes material from this region by either accretion
or through tidal torques, thus rendering the whole inner disc
region optically thin, or by the inner disc around the cavity
accreting on to the central stars.

2.2.2 External photoevaporation

In addition to EUV radiation from the central stars photo-
evaporating the protoplanetary disc, there is also a contri-
bution from the discs external environment. This is typically
considered to be the radiation that is emanating from newly
formed stars, in particular young, hot, massive stars that re-
lease vast amounts of high-energy radiation. Here we include
the effects of external photoevaporation due to far-ultraviolet
(FUV) radiation emanating from massive stars in the vicin-
ity of the discs (Matsuyama et al. 2003). This drives a wind
outside of the gravitational radius where the sound speed in
the heated layer is T ∼1000 K, denoted rg,fuv. This leads to
a reduction in the gas surface density as follows (Matsuyama
et al. 2003)

dΣpe,ext

dt
=


0 r ≤ β rg,fuv,

Ṁpe,ext

π(r2
max − β2 rg,fuv

2)
r > β rg,fuv.

(16)

where β = 0.14 (similar to Alexander & Pascucci 2012) gives
the effective gravitational radius that external photoevapo-
ration operates above. To ensure realistic disc lifetimes for
both systems, we take the total rate Ṁpe,ext to be equal to
3× 10−8M�/yr, consistent with the rates found in Haworth
et al. (2018) for protoplanetary discs in low G0 environments,
where G0 is the flux integral over 912–2400Å, normalised to
the value in the solar neighbourhood (Habing 1968). Note
that by also modifying the viscous alpha parameter, as well
as the internal photoevaporation rate, realistic disc lifetimes
can be obtained with weaker/stronger external photoevapo-
ration rates.

2.3 Planet Migration

2.3.1 Type I migration

Planets with masses that significantly exceed a Lunar-mass
undergo substantial migration through gravitational interac-
tions with the surrounding disc for discs with masses sim-
ilar to the Minimum Mass Solar Nebula (MMSN) model
such as those studied here. In our simulations we imple-
ment the torque formulae presented by Paardekooper et al.
(2010, 2011). These formulae take into account how planet
masses, and changes in local disc conditions, modify the var-
ious torque contributions for the planet. Corotation torques
are especially sensitive to the ratio of the horseshoe libration
time-scale to either the viscous or thermal diffusion time-
scales across the horseshoe region.

In using equations 50-53 in Paardekooper et al. (2011), we
obtain an expression giving the total type I torque acting on
a planet,

ΓI,tot = FLΓLR + {ΓVHSFpvGpv

+ΓEHSFpvFpχ
√
GpvGpχ + ΓLVCT(1−Kpv )

+ΓLECT

√
(1−Kpv )(1−Kpχ)

}
FeFi

(17)
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where ΓLR, ΓVHS, ΓEHS, ΓLVCT and ΓLECT, are the Lindblad
torque, vorticity and entropy related horseshoe drag torques,
and linear vorticity and entropy related corotation torques,
respectively, as given by equations 3-7 in Paardekooper et al.
(2011). The functions Fpv , Fpχ , Gpv , Gpχ , Kpv and Kpχ

are related to the ratio between viscous/thermal diffusion
time scales and horseshoe libration/horseshoe U-turn time-
scales, as given by equations 23, 30 and 31 in Paardekooper
et al. (2011). Changes in local disc conditions brought about
by changes in temperature, surface density, and metallic-
ity/opacity, can alter the magnitude of the functions given
in Paardekooper et al. (2011), and thus the magnitude and
possibly the direction of the torque calculated in Equation 17.
The factors Fe and Fi, multiplying all terms relating to the
corotation torque, allow for the fact that a planet’s eccen-
tricity and inclination can attenuate the corotation torque
(Bitsch & Kley 2010). To account for the effect of eccentric-
ity, we use the formula suggested by Fendyke & Nelson (2014)

Fe = exp

(
− e

ef

)
, (18)

where e is the planet’s eccentricity and ef is defined as

ef = h/2 + 0.01 (19)

where h is the disc aspect ratio at the planet’s location. To
account for the effect of orbital inclination we define Fi as

Fi = 1− tanh(i/h), (20)

where i is the inclination of the planet.
The factor FL in Equation 17 accounts for the reduction

in Lindblad torques when planets are on eccentric or inclined
orbits, and is given by Cresswell & Nelson (2008)

FL =

[
Pe +

(
Pe
|Pe|

)
×
{

0.07

(
i

h

)
+

0.085

(
i

h

)4

− 0.08
( e
h

)( i
h

)2
}]−1 (21)

where Pe is defined as

Pe =
1 +

( e

2.25h

)1.2

+
( e

2.84h

)6

1−
( e

2.02h

)4 . (22)

To damp planet eccentricities and inclinations we follow the
damping formulae given by Papaloizou & Larwood (2000),

Fdamp,e = − 2vr

tedamp
, Fdamp,i = − vz

tidamp
(23)

where the damping time-scales follow Cresswell & Nelson
(2008)

tedamp =
twave

0.78

×

[
1− 0.14

( e
h

)2

+ 0.06
( e
h

)3

+ 0.18
( e
h

)( i
h

)2
]
,

and

tidamp =
twave

0.544

×

[
1− 0.3

(
i

h

)2

+ 0.24

(
i

h

)3

+ 0.14

(
i

h

)( e
h

)2
]

(24)

where twave is specified as

twave =

(
mp

Mbin

)−1(
apΩp

cs

)−4(Σpa
2
p

Mbin

)−1

Ω−1
p . (25)

with the subscript ’p’ denoting the values taken at the
planet’s location (Tanaka & Ward 2004).

2.3.2 Type II migration

Once a planet becomes massive enough to form a gap in a
disc, its migration changes from type I to type II. This is
where more massive planets begin to carve annular gaps cen-
tered on their orbits, until such a point that the viscous forces
balance planetary torques, and the gaps reach an equilibrium
state. More recent work by Crida et al. (2006), showed that
not only viscous forces worked to balance planetary torques,
but pressure forces arising from density waves launched by
the planet assisted by transporting some of the gravitational
torque away from the planet. In balancing viscous and pres-
sure forces with gravitational torques, Crida et al. (2006)
showed that a gap can be opened in the disc when the fol-
lowing condition is satisfied

3

4

H

rH
+

50

qRe
≤ 1, (26)

where rH is the planet Hill radius, q is the planet to binary
mass ratio, and Re = r2

pΩp/ν is the Reynolds number of the
disc at the planet’s location.

When the planet has opened a gap in the disc, the type II
migration torque per unit mass is then given by

ΓII = − 2π

mp

∫ rout

rin

rΛΣgdr. (27)

where Λ is the disc-planet torque per unit mass as given by
eq. 3.

2.4 Gas Accretion

Once a planet has significantly increased its mass through
mutual collisions with other planets and via pebble accretion,
it is able to accrete a gaseous envelope from the surround-
ing disc. Ideally we would incorporate 1D envelope structure
models (e.g. Coleman et al. 2017b) into our simulations. How-
ever these calculations are computationally expensive and
would considerably increase simulation run times, therefore
we opted to instead include fits to gas accretion rates obtained
from 1D structure models. Recently, Poon et al. (2021) pre-
sented fits to gas accretion rates obtained using a 1D envelope
structure model (Papaloizou & Terquem 1999; Papaloizou &
Nelson 2005; Coleman et al. 2017b). To calculate these fits,
Poon et al. (2021) performed numerous simulations, embed-
ding planets with initial core masses between 2–15 M⊕ at
orbital radii spanning 0.2–50 au, within gas discs of differ-
ent masses. This allowed for the effects of varying local disc
properties to be taken into account when calculating the fits,
which is a significant improvement on fits from earlier works
(e.g. Hellary & Nelson 2012; Coleman & Nelson 2016a). Using
the 1D envelope structure model of Coleman et al. (2017b),
the embedded planets were then able to accrete gas from
the surrounding gas disc until either the protoplanetary disc
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6 G. A. L. Coleman et al

dispersed, or the planets reached a critical state where they
would then undergo runaway gas accretion. With the results
of these growing planets, Poon et al. (2021) calculated fits
to the gas accretion rates taking into account properties of
both the planet and the local disc. The gas accretion rate we
adopt is(
dMge

dt

)
local

=10−10.199

(
M⊕

yr

)
f−0.963

opa

(
Tlocal

1 K

)−0.7049

×
(
Mcore

M⊕

)5.6549(
Mge

M⊕

)−1.159

×
[
exp

(
Mge

Mcore

)]3.6334

. (28)

where Tlocal is the local disc temperature, fopa is an envelope
opacity reduction factor and Mcore and Mge are the planet’s
core and envelope masses, respectively. When comparing the
masses of gas accreting planets calculated through eq. 28 to
the actual masses obtained using the 1D envelope structure
model of Coleman et al. (2017b), Poon et al. (2021) found
excellent agreement.

In our simulations, we allow planets to start accreting a
gaseous envelope once their mass exceeds an Earth mass. The
gas accretion rate given by eq. 28 then applies until either the
planet opens a gap in the disc (i.e. when eq. 26 is satisfied),
or until the planet undergoes runaway gas accretion. Once
a planet undergoes runaway gas accretion, it can rapidly ac-
crete material from its feeding zone until it reaches its ‘gas
isolation mass’, where the feeding zone has emptied and a gap
has formed in the disc. To calculate the gas isolation mass we
follow the steps outlined in Coleman & Nelson (2016b):
(i) Calculate the gas isolation mass, miso, according to:

miso = 2πrpΣg(rp)∆r (29)

where Σg(rp) is the gas surface density taken at the planet’s
location, and ∆r is given by

∆r = 6
√

3RH (30)

where RH is the planet’s Hill radius.
(ii) Recalculate miso at each time step to account for the drop
in Σg as the material in the planet’s feeding zone diminishes.
(iii) Allow the planet to grow rapidly to miso by removing gas
from the disc around the planet and adding it to the planet,
using eq. 28. Once the planet reaches miso, it transitions to
type II migration and begins accreting at the minimum be-
tween eq. 28 and the viscous supply rate that is calculated at
a distance of 10 planetary Hill radii exterior to the planet’s
orbit.

dMge

dt
= min

[(
dMge

dt

)
local

, 3πνΣ

]
. (31)

We define the point at which a planet undergoes runaway
gas accretion when the gas accretion rate

dMge

dt
≥ 2 M⊕ per

1000 yr. When the gas isolation mass is calculated we as-
sume a maximum gas isolation mass of 400

√
Mbin M⊕ which

accounts for when a planet enters the runaway gas accre-
tion phase in a massive disc, where tidal torques from the
planet would evacuate the feeding zone before the gas isola-
tion mass was reached. We note that a planet that does not
reach the runaway gas accretion mass prior to reaching the
local gap-forming mass would instead transition directly to
type II migration without accreting the material within its
feeding zone, and will begin accreting using eq. 31.

2.5 Pebble Accretion

To account for the pebbles in the disc, we implement the peb-
ble models of Lambrechts & Johansen (2012, 2014) into our
disc model. As a protoplanetary disc evolves, a pebble pro-
duction front extends outwards from the centre of the system
as small pebbles and dust grains fall towards the disc mid-
plane, gradually growing in size. Once the pebbles that form
reach a sufficient size they begin to migrate inwards through
the disc due to aerodynamic drag. The location of this pebble
production front is defined as:

rg(t) =

(
3

16

)1/3

(GMbin)1/3(εdZ0)2/3t2/3, (32)

where εd = 0.05 is a free parameter that depends on the
growth efficiency of pebbles, whilst Z0 is the solids-to-gas
ratio. Since this front moves outwards over time, this provides
a constant mass flux of inwardly drifting pebbles equal to:

Ṁflux = 2πrg
drg

dt
Zpeb(rg)Σgas(rg), (33)

where Zpeb denotes the metallicity that is comprised solely
of pebbles. Combining the metallicity locked within pebbles
with that to which contributes to the remaining dust in the
disc, gives the total metallicity of the system:

Z0 = Zpeb + Zdust. (34)

Here, we assume that 90 per cent of the total metallicity is
converted into pebbles, and that this ratio remains constant
throughout the entire disc lifetime. The remaining metallicity
is locked up within small dust grains that contribute to the
opacity of the disc when calculating its thermal structure, and
again we assume this remains constant over time. Assuming
that the mass flux of pebbles originating from rg is constant
throughout the disc, we follow Lambrechts & Johansen (2014)
in defining the pebble surface density, Σpeb, as the following:

Σpeb =
Ṁflux

2πrvr
, (35)

where vr is the radial velocity of the pebbles equal to

vr = 2
St

St2 + 1
ηvK −

vr,gas

1 + St2 (36)

(Weidenschilling 1977; Nakagawa et al. 1986), where St is the
Stokes number of the pebbles, vK is the local Keplerian veloc-
ity, vr,gas is the gas radial velocity, and η is the dimensionless
measure of gas pressure support (Nakagawa et al. 1986),

η = −1

2
h2 ∂ lnP

∂ lnr
. (37)

For the Stokes number, we assume it is equal to:

St = min( Stdrift, Stfrag) (38)

where Stdrift is the drift-limited Stokes number that is ob-
tained through an equilibrium between the drift and growth
of pebbles to fit constraints of observations of pebbles in
protoplanetary discs and from advanced coagulation models
(Birnstiel et al. 2012)

Stdrift =

√
3

8

εp
η

Σpeb

Σgas
, (39)

where εp is the coagulation efficiency between pebbles. As
well as the drift-limited Stokes number, we also include the
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fragmentation-limited Stokes number, ( Stfrag) which we fol-
low Ormel & Cuzzi (2007) and is equal to

Stfrag =
v2

frag

3αc2s
(40)

where vfrag is the impact velocity required for fragmentation,
which we model as the smoothed function

vfrag

1m s−1
= 100.5+0.5 tanh ((r−rsnow)/5H). (41)

The fragmentation velocity therefore varies between 1m s−1

for rocky pebbles (Güttler et al. 2010), to 10m s−1 for icy
pebbles, consistent with some results in the literature (though
this is still an area of open research Gundlach & Blum 2015;
Musiolik & Wurm 2019).

As pebbles drift inwards, eventually they cross the water
iceline, which we take as being where the local disc temper-
ature is equal to 170 K. Since pebbles are mostly comprised
of ice and silicates, when they cross the iceline, the ices sub-
limate releasing trapped silicates, reducing the mass and size
of the remaining silicate pebbles. To account for the sublima-
tion of ices, of which we assume comprise 50% of the pebble
mass, we multiply the mass flux of pebbles drifting through
the disc at radial locations interior to the iceline by a factor
of 0.5 (Lambrechts & Johansen 2014).

As the pebbles drift through the disc, they can encounter
planetary embryos and, given the right conditions, they can
be accreted by the embryos. This is due to the increased
gas drag forces that allows them to become captured by the
planet’s gravity (Lambrechts & Johansen 2012). To calculate
this accretion rate, we follow Johansen & Lambrechts (2017)
by distinguishing between the Bondi regime (small bodies)
and the Hill regime (massive bodies). The Bondi accretion
regime occurs for low mass bodies where they do not accrete
all of the pebbles that pass through their Hill sphere, i.e.
the body’s Bondi radius is smaller than the Hill radius. Once
the Bondi radius becomes comparable to the Hill radius, the
accretion rate becomes Hill sphere limited, and so the body
accretes in the Hill regime. Normally, planets begin accreting
in the Bondi regime before transitioning to the Hill regime
when they reach the transition mass where the Bondi radius
is equal to the Hill radius,

Mtrans = η3Mbin. (42)

A further distinction within the two regimes, is whether the
body is accreting in a 2D or a 3D mode. This is dependent
on the relation between the Hill radius of the body and the
scale height of the pebbles in the disc. For bodies with a
Hill radius smaller than the scale height of pebbles, the ac-
cretion is in the 3D mode since pebbles are passing through
the entire Hill sphere, whilst for bodies with a Hill radius
larger than the pebble scale height, regions of the Hill sphere
remain empty of pebbles and as such the accretion rate be-
comes 2D as the body’s mass increases. Following Johansen &
Lambrechts (2017) the equations for the 2D and 3D accretion
rates are

Ṁ2D = 2RaccΣpebδv, (43)

and

Ṁ3D = πR2
accρpebδv, (44)

where Σpeb is the azimuthally averaged pebble surface den-

sity1, while ρpeb is the midplane pebble density. Here δv =
∆v+ ΩRacc is the approach speed, with ∆v being the differ-
ence in velocity between the pebbles and accreting planets.
The accretion radius Racc depends on whether the accreting
object is in the Hill or Bondi regime, and also on the friction
time of the pebbles. In order for pebbles to be accreted they
must be able to significantly change direction on time-scales
shorter than the friction time. This inputs a dependence of
the friction time onto the accretion radius, forming a criterion
accretion radius R̂acc which is equal to

R̂acc =

(
4tf
tB

)1/2

RB, (45)

for the Bondi regime, and:

R̂acc =

(
Ωtf
0.1

)1/3

RH, (46)

for the Hill regime. Here RB is the Bondi radius, while RH

is the Hill radius, tB = RB/∆v is the Bondi sphere crossing
time, and tf = St/Ω is the friction time. The accretion radius
is then equal to

Racc = R̂acc exp[−χ(tf/tp)γ ] (47)

where tp = Gmp/(∆v + ΩRH)3 is the characteristic passing
time-scale, χ = 0.4 and γ = 0.65 (Ormel & Klahr 2010).
Since some of the pebbles are being accreted by the planets,
they can no longer drift further inwards. This alters the mass
flux of pebbles defined in eq. 33 to the following:

Ṁflux(r) = Ṁflux − Ṁc(rp > r) (48)

where Ṁc(rp > r) sums up the mass flux of pebbles accreted
by embryos exterior to an orbital radius r.

The planet then grows by accreting pebbles until it reaches
the so-called pebble isolation mass, that is the mass required
to perturb the gas pressure gradient in the disc: i.e. the gas
velocity becomes super-Keplerian in a narrow ring outside
the planet’s orbit reversing the action of the gas drag. The
pebbles are therefore pushed outwards rather than inwards
and accumulate at the outer edge of this ring stopping the
core from accreting solids (Paardekooper & Mellema 2006;
Rice et al. 2006). We follow Lambrechts & Johansen (2014)
and define the pebble isolation mass as:

qiso =
h3

2
, (49)

where qiso = miso/Mbin. Once the pebble isolation mass is
reached, we follow previous works (e.g. Coleman et al. 2017a,
2019; Coleman 2021) and halt pebble accretion for planets
downstream of the isolating planet, since the drifting pebbles
will be trapped at the exterior pressure bump. More recent
calculations of the pebble isolation mass have included depen-
dencies on local disc properties, such as the viscosity parame-
ter α and the Stokes number of the pebbles (Bitsch et al. 2018;

1 We use the azimuthally averaged surface density instead of the

instantaneous to be consistent with other accretion routines that
are azimuthally averaged. In the area where there are significant
deviations in surface density with azimuth (i.e. near the cavity, see

sect. 3), we tested that this was an adequate assumption. In those
regions the changes in relative velocity due to eccentric planets
and/or pebble orbits, sufficiently reduced accretion rates, resulting
in the differences in choice of values for Σpeb being negligible.
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Ataiee et al. 2018) and also planet eccentricities (Chametla
et al. 2022). Note that whilst we did not use the more com-
plex prescriptions for the pebble isolation mass, the simpler
version from Lambrechts & Johansen (2014) only differs in
mass by at most being factor two smaller, and was typically
within ∼ 20% of the other prescribed masses, mainly due to
the Stokes numbers being ∼ 0.1. We also note that even with
the smaller pebble isolation masses, when planets reached
this mass (∼ 10–15 M⊕), they had typically migrated in near
the cavity region, where the eccentric orbits of the pebbles
relative to the planets would have resulted in substantially
reduced pebble accretion rates. Even with the more massive
cores with a more massive pebble isolation mass, the accre-
tion rates would have been severely hindered by the eccentric
orbits, and so we do not expect our results to change de-
pending on which pebble isolation mass prescription is used.
In future work, We will include the more advanced prescrip-
tions for the pebble isolation mass, taking into account the
local disc properties.

2.5.1 Eccentric pebble orbits

In eqs 43 and 44, the relative velocity between the pebbles
drifting through the disc and the accreting planets is used to
calculate δv. Around single stars, where the discs can be as-
sumed to be axisymmetric, pebbles are assumed to be moving
at a sub-Keplerian velocity, and as such the relative velocity
between pebbles drifting past an accreting planet follows (Jo-
hansen & Lambrechts 2017),

∆v = {[evK cos(θ)]2 + [−(1/2)evK sin(θ) + ηvK]2

+ [ivK cos(θ)]2}
(50)

where e and i are the planet eccentricities and inclinations, vK

is the Keplerian velocity, and θ is the mean longitude of the
planet. For single stars, and for the regions of circumbinary
discs where the gas pressure support dominates the effects of
the eccentric binary, we calculate and average the relative ve-
locity around the entire planet’s orbit, taking into account the
planet’s eccentricity and inclination that also increases the
relative velocity between a planet and pebbles drift through
the planet’s orbital plane. However, circumbinary discs con-
tain an inner region where the binary stars can perturb the
disc, making it eccentric. In this region of the disc, where
the disc eccentricity is dominated by the binary effects, we
assume that the pebbles are following the gas streamlines (ap-
propriate for particles with low Stokes numbers or low dust-
to-gas ratios (Coleman et al. 2022)), and as such the relative
velocities between pebbles and planets is now a function of
azimuth. With this being the case, we directly calculate the
relative velocities between a planet’s instantaneous velocity
and the gas/pebble velocity at the planet’s location. In the
next section, we discuss how we calculate the disc eccentricity
as a function of radius, as well as the implementation of an
inner cavity.

3 MODELLING THE INNER DISC REGIONS

The model described in Sect. 2 is mostly appropriate for ax-
isymmetric protoplanetary discs around single stars. However
the inner regions of circumbinary discs are not axisymmet-
ric, since tidal torques from the central binary lead to the

Figure 1. Comparison of the surface density profile for a 1D model

with varying α (blue line), and an azimuthally averaged profile
from hydrodynamic simulations (black line). The varying α pro-

file is shown as the red line. The top panel shows the profiles for

Kepler-16 with the bottom panel showing Kepler-34.

formation of an eccentric inner cavity, through which gas ac-
cretes onto the stars via gas streamers. The eccentricity of
the inner disc creates azimuthal asymmetries in the surface
density and velocities that affect the interactions between gas
and pebbles/planets. In the following sections, we outline the
prescriptions we include to model these effects in the inner
regions of circumbinary discs, and their subsequent effects on
the forming planets.

3.1 Obtaining an inner cavity

To mimic the decrease in the gas surface density inside the in-
ner cavity, we adjust the viscous parameter α (see eq. 2) in the
regions of the disc close to binary stars. In a steady 1D disc
with constant mass flow, there is a constant value of νΣ where
ν is the kinematic viscosity and Σ is the gas surface density.
Therefore, by increasing the α parameter within the viscos-
ity component, the surface density will decrease to maintain a
constant flow rate. The decreases in surface density can then
be calibrated against azimuthally averaged values from hy-
drodynamical simulations using fargo3d (Beńıtez-Llambay
& Masset 2016), to obtain a cavity of approximately the cor-
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rect form in the gas surrounding the central binary stars. As
a function of radius, our prescription for α becomes:

α(r) = αb + αc − αapo (51)

where αb is equal to 2× 10−3, αc is equal to

αc = 200αb ×
(

tanh

(
3( rc/4− r)

3 rc/4

)
+ 1

)
(52)

and αapo equals

αapo =


3αb

4
× exp

(
−(r − C1 rc,a)2

C2 rc,a
2

)
,

r

rc,a
≤ C1

3αb

4
× exp

(
−(r − C1, rc,a)2

C3 rc,a
2

)
, C1 <

r

rc,a
.

(53)

In the above equations, rc is the cavity radius, and rc,a is
the apocentre of the cavity ( rc(1+ec)) where ec is the cavity
eccentricity.

In eq. 51, the first component of the right hand side denotes
our nominal α value for the majority of the disc, far from the
central binary where the effects of the varying gravitational
potential are negligible. This can be seen in the outer regions
of the disc in the red profiles in fig. 1 that shows α as a func-
tion of radius in units of binary semi-major axes. The second
component of eq. 51, αc, shows the significant increase in α
that carves out the cavity region close to the central binary
as seen by the sharp increase in α as the distance to the bi-
nary stars decreases in the inner region of fig. 1. The third
component of eq. 51, αapo, represents a decrease and then
increase in α that allows for an increase in surface density
to arise around the apocentre of the eccentric cavity, as has
been seen in multiple works (Mutter et al. 2017a; Thun et al.
2017). This decrease and then increase in α can also be seen
in the central regions of fig. 1. The two factors, C2 and C3, in
eq. 53 allow for the slopes of the cavity apocentre to be eas-
ily adjusted, since the scale of the concentration of material
at the cavity apocentre can change depending on the binary
parameters. Indeed the differences in concentrations can be
seen in the black and blue profiles in fig. 1, that compares the
surface densities as a function of orbital distance of our 1D
discs to their 2D azimuthally averaged counterparts derived
from fargo3d simulations (Beńıtez-Llambay & Masset 2016)
for Kepler-16 (top panel) and Kepler-34 (bottom panel). It
can be seen that the agreement in the profiles is good when
comparing the 1D to the 2D discs, except for the innermost
regions close to the central binary, where the 2D discs tend to
have significantly lower surface densities. In order to attain
such low surface densities in the 1D disc, α would have to be
extremely high in that region (>1) and as such the time-step
required to evolve the disc would be very short which would
result in extremely long and unfeasible simulation run times.
However, given that the surface density we obtain in that re-
gion is extremely low (at least two orders of magnitude lower
than the cavity edge), and given that N-body interactions be-
tween the binary stars and individual planets will dominate
their evolution, the inaccuracy in surface density compared
to the 2D simulations should have negligible effects and is
retained to allow for feasible simulation run times.

We note that an alternative way to treat the interaction

Figure 2. Gravitational torque map from the eccentric cavity acting

on solid objects as a function of azimuth in respect to the cavity
apocentre and distance from the central binary.

between the central binary and the disc would have been to
include the torque from the binary stars using an impulse
approximation, similar to the way in which the torque on the
disc due to a giant planet is included (see eq. 27 or the work of
Alexander (2012)). The problem with this approach is that it
would result in complete tidal truncation of the disc, without
mass flow into the cavity and onto the stars occurring, be-
cause of the dominance of the tidal torque, and this behaviour
is different to that which is observed in multi-dimensional hy-
drodynamical simulations of circumbinary discs, where signif-
icant accretion through the cavity is in fact observed.

3.2 Gravitational potential of a 2D-disc

Whilst the cavities now simulated in the 1D model are ax-
isymmetric and match the azimuthally averaged 2D profiles,
those in the fargo3d simulations are typically eccentric. This
eccentricity results in the concentration of gas at the apocen-
tre of the cavity. With such an imbalance of mass at a specific
location of the disc (up to an order of magnitude), the grav-
itational potential of the disc can no longer be considered
axisymmetric as would be the case in typical 1D discs. This
azimuthally asymmetric potential induces significant pertur-
bations in the orbits of planets and planetesimals, as seen in
Marzari et al. (2013).

To account for the potential from the non-axisymmetric
disc, we compute the average surface densities that arise in
2D fargo3d simulations of both Kepler-16 and Kepler-34.
These simulations have been allowed to reach a steady state,
and we average the surface densities over the final 5000 binary
orbits.2 Using the average surface densities, a map of the
gravitational potential was then generated as a function of
the distance to the centre of the system and the azimuth
in respect to the azimuth of the cavity apocentre. Figure 2

2 Other numbers of orbits were also checked to ensure consistency
in calculating an average surface density, and thus gravitational

potential.
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Figure 3. Azimuthally averaged eccentricity profile of a disc around

Kepler-16 (blue line), with coloured patches denoting different re-
gions. The black dashed lines show the fits to the eccentricity from

eq. 54.

shows the generated map for the Kepler-16 system, with the
Kepler-34 map containing similar characteristics. The colour
scale in fig. 2 shows the specific torque that would act on
a planet/planetesimal located at a specific R and φ in the
disc, with zero indicating no torque acting on a planet, as
it would be in an axisymmetric disc. We include the forces
arising from such a torque map on planets/planetesimals in
our simulations.

3.3 Two dimensional gas velocities

The eccentric inner region of the disc not only produces an
asymmetric gravitational potential, it will also significantly
affect the gas velocities that are used to calculate the pebble
velocities when planets in the region are accreting pebbles
that drift past their orbits. The extent to which the gas ve-
locities deviate from axisymmetry is also dependent on the
distance to the central binary, with the strongest deviations
occurring close to the central binary, in and around the cavity
region.

Figure 3 shows the azimuthally averaged eccentricity profile
arising from a 2D fargo3D simulation of a disc in the Kepler-
16 system (blue line). As can be seen by the profile of the
eccentricity and the shaded regions, the eccentricity of the
disc as a function of radius can be split into three components.
The eccentricity in the outer region of the disc at r > 15 ab,
shown by the green shaded area, is dominated by the pressure
support in the disc, η, and as such remains at a low value.
Since this region of the disc is far from the central binary, the
time-varying gravitational potential is barely felt by the gas,
i.e. the gas acts as if orbiting a single star, and as such the
excitation of the gas orbits is diminished compared the effects
of gas pressure support. Though the eccentricity seems to be
constant here, this is due to the simulation parameters with
a constant aspect ratio, and similar surface density profiles in
the outer disc region. In the 1D simulations presented later
in this work, the discs will have a varying η across the disc,

since the temperature and therefore the scale height of the
disc are calculated to be in thermal equilibrium (eq. 4).

Moving inwards closer to the stars, it is clear that the ec-
centricity profile can be fit by two power laws, shown by the
dashed black lines and the red and blue shaded regions in fig.
3. The inner power law fit extends from the central binary
out to the vicinity of the cavity apocentre (5.6 ab for Kepler-
16), with the other extending further out towards the outer
regions of the disc. The two power laws correspond to

e(r) =


ec × 10(−0.34959−1.0315×log10(r)), r ≤ 1.1× rc,a

ec × 10(−0.26591−3.622×log10(r)), r > 1.1× rc,a,

(54)

for Kepler-16, and

e(r) =


ec × 10(−0.38874−0.81896×log10(r)), r ≤ 1.05× rc,a

ec × 10(−0.32367−4.0975×log10(r)), r > 1.05× rc,a,

(55)

for Kepler-34. With the stellar masses, orbital separations
and eccentricities being different for Kepler-16 and -34, the
perturbations induced by the binaries on their respective
discs are quantitatively different, which causes different pro-
files in the disc eccentricities. This causes the fitting values
in eqs. 54 and 55 to have different values to accurately fit the
disc eccentricity.

With equations 54 and 55, we now have a function for the
eccentricity as a function of orbital distance. This does not
however give us a value for the velocity of the gas as a function
of azimuth. Therefore using the equations for eccentricity, we
numerically calculate the semi-major axis of gas at a given
azimuth, assuming that the orientation of gas is the same
as that of the precessing inner disc, that we assume has a
precession period equal to 3,000 binary orbits, consistent with
values typically found in hydrodynamical simulations (e.g.
Thun et al. 2017; Kley et al. 2019; Coleman et al. 2022). Once
the semi-major axis is known, we can therefore then calculate
the velocities of the gas and pebbles that are included in the
pebble accretion rates where necessary.

4 BASIC SETUP AND DISC EVOLUTION

With the above sections describing the physical model and
additions due to the binary stars, we now describe the ini-
tial conditions for the simulations and then present a fiducial
model of the discs around both Kepler-16 and Kepler-34, and
describe the evolution of the gas surface densities, tempera-
tures and aspect ratios, as well as the migration behaviours
of embedded planets. We initialise the disc surface density
and temperature profiles using, Σg(r) = Σg,1 au(r/ au)−αand
T (r) = T1 au(r/ au)−β respectively, where the values for
Σg,1 au, T1 au, α, and β can be found in Table 1. The stel-
lar and other disc parameters for Kepler-16 and -34 can also
be found in Table 1.

We include 37 and 47 planets in the simulations for Kepler-
16 and Kepler-34 respectively, with their mass being set to
10−3 M⊕. We choose this mass as it is similar to the tran-
sition mass through the disc (with typical values between
10−4–10−2 M⊕ (Bitsch et al. 2015; Coleman 2021), and also
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Parameter Kepler-16 Kepler-34 References

MA ( M�) 0.6897 1.0479 1,2

MB ( M�) 0.2025 1.0208 1,2

Mbin ( M�) 0.8922 2.0687 1,2

TA (K) 4000 4300

TB (K) 3200 4300
RA ( R�) 2 2

RB ( R�) 1.5 2

ab ( au) 0.224 0.228 1,2

eb 0.15944 0.52087 1,2

Metallicity [m/H] (dex) -0.3 -0.1 1,3

rc ( ab) 3.8135 6.424

ec 0.4124 0.5598
rc,a ( ab) 5.3862 10.02

C1 1.2 1.05

C2 0.08 0.045
C3 2.0 0.18

αb 2 × 10−3 2 × 10−3

Rin ( au) 0.224 0.228
Rout ( au) 100 100

f41 10 10

rg( au) 7.66 17.76

Ṁpe,ext (M�/yr) 3 × 10−8 3 × 10−8

fopa 1 1
Zpeb/Z0 0.9 0.9

Zdust/Z0 0.1 0.1

Σg,1 au (gcm−2) 1265 2933
α 1 1

T1 au (K) 543 899

β 0.5 0.5

Table 1. System and disc parameters. References: 1 Doyle et al.

(2011); Triaud et al. (2022), 2 Welsh et al. (2012), 3 Everett et al.
(2013).

consistent with the most massive object that forms from the
gravitational collapse of a pebble cloud yielding a distribu-
tion of planetesimals sizes that follows a power law plus an
exponential tail (Schäfer et al. 2017; Abod et al. 2019; Liu
et al. 2020; Coleman 2021). In each disc the planets were
placed with equidistant spacing in the interval 2.25–20 au
for Kepler-16 and between 3–25 au for Kepler-34. The rea-
son for the increased number of planets and the wider ini-
tial semimajor axis range is due to the increased combined
stellar mass of the Kepler-34 system, which reduces the for-
mation and growth times of planets through initial planetes-
imal accretion and oligarchic growth. This allows planetesi-
mals that form further out in the disc to grow into planets
and undergo substantial migration and pebble accretion. We
set the planet densities to either 1.5 or 3 gcm−2 depending
on whether they form outside or inside the iceline respec-
tively. Planet eccentricities and inclinations were initialised
randomly between 0–0.02, and 0–0.36o, respectively. These
non-zero values represent the initial formation process of the
planets where they attain non-zero eccentricities through in-
teractions with other planets and planetesimals, and through
non-axisymmetric perturbations in the circumbinary discs.
The disc properties that we vary as part of our parameter
study are limited to the initial disc mass and metallicity3,

3 We take the metallicity relative to Solar, which we assume is
equal to 1%.

Figure 4. Temporal evolution of the surface density (top panel),

midplane temperature (middle panel) and aspect ratio (bottom

panel) for a disc around Kepler-16. The vertical lines denote the
outer edge of the zone of dynamical instability (solid line) and the

cavity apocentre (dashed line), whilst the horizontal dashed line

in the middle panel represents the water iceline.

with our parameter choices shown in Table 2. For each com-
bination of parameters we run 10 realisations where we use a
different random number seed to generate the initial planet
positions and velocities.

4.1 Disc Profiles

Figure 4 shows the temporal evolution of the gas surface den-
sity (top panel), temperature (middle panel), and aspect ratio
(bottom panel), for our fiducial disc around Kepler-16. The
initial disc had a mass equal to 0.1Mbin, and had a lifetime
of 3.9 Myr which we define as when there is only 10−2 M⊕ of
gas remaining in the disc. The black vertical lines denote the
outer edge of the zone of dynamical instability (inner line),
and the location of the cavity apocentre (outer line). The ef-
fects of the binary stars on creating a central cavity can be
easily seen in the inner regions of the disc (<2 au), where
material concentrates at the apocentre of the cavity region,
before the tidal torques from the binary stars carve out the
central cavity. This central cavity can be seen here in the left-
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12 G. A. L. Coleman et al

Figure 5. Temporal evolution of the surface density (top panel),

midplane temperature (middle panel) and aspect ratio (bottom

panel) for a disc around Kepler-34. The vertical lines denote the
outer edge of the zone of dynamical instability (solid line) and the

cavity apocentre (dashed line), whilst the horizontal dashed line

in the middle panel represents the water iceline.

hand most parts of fig. 4 where the surface density decreases
by three orders of magnitude.

The accumulation of material just outside the cavity is also
clearly evident in all of the surface density profiles between
1–2 au. This build-up of material, induces significant viscous
heating at this location, increasing the midplane temperature
above that of an irradiation dominated disc. With the cavity
being present just interior to this location, this leads to a de-
crease in the viscous heating due to the depletion of gas. This
is seen by the flat temperature profile, sometimes decreasing
between the cavity apocentre, and just interior to the outer
edge of the zone of dynamical instability, where the temper-
ature becomes consistent with that calculated by irradiation
alone. Interestingly, for Kepler-16, the region where material
accumulates also corresponds to the expected location of the
water iceline for our disc models, where T ∼ 170 K. Around
this temperature, there are numerous transitions in the opac-
ity, depending on the expected composition and structure of
the dust grains. These transitions can act as planet migra-
tion traps due to generating more favourable surface density

and temperature gradients that allow corotation torques to
balance Lindblad torques.

As the disc evolves, the effects of photoevaporation can be
seen in the outer part of the disc after 2 Myr (yellow line),
where external photoevaporation is beginning to truncate the
disc. This truncation continues in the purple line, whilst inter-
nal photoevaporation and accretion onto the central stars also
continue to operate, removing material from the disc. When
looking at the temperature around the cavity, the reduction
of gas as the disc evolves limits the amount of viscous heating,
reducing the temperature in this region. This can be seen in
the middle panel of fig. 4 as the midplane temperature grad-
ually relaxes to the irradiation dominated temperature as the
disc evolves. After 3.9 Myr, photoevaporation has completely
cleared the disc exterior to the cavity in an outside-in manner
(Coleman & Haworth 2022), leaving only a small amount of
gas to finish accreting onto the central stars before the disc
is fully dispersed.

Qualitatively, the evolution of the disc around Kepler-34,
is similar to that of Kepler-16, in regards to the profiles in the
disc, as well as the temporal evolution when including pho-
toevaporation. These similarities can be seen in fig. 5 which
again shows the gas surface density (top panel), temperature
(middle panel) and aspect ratio (bottom panel), but for a
disc with lifetime 5.8 Myr, around Kepler-34. Like the disc for
Kepler-16, the cavity can be easily seen in the left most parts
of the disc, with the concentration of material at the cavity
apocentre, before the surface density significantly drops in
the cavity. The longer disc lifetime arises due to the signif-
icantly larger initial disc mass, even though both examples
had initial disc masses of 10 per cent of the combined binary
mass, the Kepler-34 binary system has a combined mass that
is ∼ 2.3× larger than that of Kepler-16.

4.2 Migration behaviour

In fig. 6 we show the migration time-scales for planets of dif-
ferent mass (y-axis) located at different locations of the disc
(x-axis), after an evolution time of 0.1 Myr. The colours show
the migration time-scales in Myr, with red denoting inwards
migration, and blue showing outwards migration. The darker
the colour, the longer the migration time-scale. The vertical
dashed line denotes the location of the cavity apocentre, since
it can act as a significant migration trap, and the solid black
line shows the gap opening mass (eq. 26) with the white re-
gion above showing that planets are in the type II migration
regime. In the left panel, we show the contours for a disc in
the Kepler-16 system, with the right panel being for Kepler-
34.

Features seen in previous works (e.g. Coleman & Nelson
2014, 2016a) such as the outward migration regions near
opacity transitions (i.e. the iceline) are again seen in the cir-
cumbinary discs around Kepler-16 and -34. This is seen for
planets of masses 2–4 M⊕ at around 2.5 au around Kepler-
16, and 2–10 M⊕ between 4–7 au for Kepler-34. The outward
migration region is larger in the discs for Kepler-34 since
the the discs are slightly hotter due to the increased vis-
cous heating and irradiation temperatures, as well as ther-
mal diffusion time-scales being more comparable to horse-
shoe libration time-scales for lower mass planets. The latter
effect increases the strength of the entropy components of the
horseshoe drag and linear corotation torques, allowing them
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Figure 6. Migration time-scales for discs around Kepler-16 (left panel) and Kepler-34 (right panel) with an initial disc mass of 0.1×Mbin

after a time of 0.1 Myr. Red regions show migration time-scales for inwardly migrating planets, whilst blue regions show outwardly

migrating regions. The vertical dashed lines denote the outer edge of the zone of dynamical instability, and the vertical dotted lines show
the water iceline. The upper black solid line shows the gap opening mass where migration switches from type-1 to type-2 migration.

Parameter Kepler-16 Kepler-34

Initial disc mass (Mbin) [0.05,0.01,0.2] [0.05,0.01,0.15]

Metallicity (Solar) [0.5,1,2] [0.5,0.75,1,2]
No. of realisations 10 10

Initial mp ( M⊕) 10−3 10−3

Initial ap range ( au) 2.25–20 3–25
No. of planets 37 47

Table 2. Simulation parameters for Kepler-16 and Kepler-34

to overcome Lindblad torques and create the regions of out-
wards migration.

The main difference in the migration maps to previous
works, is the introduction of the inner cavity, carved by the
binary stars. The strong positive surface gradients associated
with the cavity can be seen by the large region of outward
migration around and interior to the cavity apocentre, shown
by the vertical dashed lines. Such strong positive surface den-
sity gradients act to substantially increase the strength of the
corotation torque, for both the viscous and thermal compo-
nents, so that it becomes stronger than planetary Lindblad
torque and forms a migration trap. This trap acts to halt the
migration of low-mass planets undergoing type-I migration,
until they reach masses in excess of 30 M⊕, at which point
those planets are about to enter the runaway gas accretion
regime and open a gap in the disc, transitioning to type-II
migration.

As the discs evolve, the migration trap located around the
cavity region remains, but reduces in effectiveness and as such
moves to slightly lower planet masses. In regards to the out-
ward migration region due to the changes in disc opacities,
this region diminishes as the disc evolves, and the scale of vis-
cous heating reduces and causes the disc midplane tempera-
ture to be similar to that derived from an irridated disc. The
reduction in temperature unfavourably alters the tempera-
ture gradients, making the corotation torque weaker than the
Lindblad torque, and thus removing the region of outwards
migration.

Figure 7. Temporal evolution of planet semimajor axes (top), eccen-

tricities (middle) and masses (bottom) for the example simulation
described in sect. 5.1. The dashed horizontal black line denotes the
outer edge of the zone of dynamical instability.

5 KEPLER 16

We now present the results of our simulations around Kepler-
16. Initially we will discuss the formation of a system simi-
lar to Kepler-16, before analysing the planet population pro-
duced by the simulations as a whole.

MNRAS 000, 1–23 (2023)



14 G. A. L. Coleman et al

Figure 8. Evolution of planet mass versus semimajor axis for the

example simulation described in sect. 5.1. Filled black circles rep-
resent final masses and semimajor axes for surviving planets. The

black cross shows the mass and semimajor axis of Kepler-16b,

whilst the dashed vertical black line denotes the outer edge of the
zone of dynamical instability.

5.1 Forming a Kepler-16b analogue

Figure 7 shows the temporal evolution of planet semimajor
axes (top panel), eccentricities (middle panel) and masses
(bottom panel) of one simulation that formed a system sim-
ilar to Kepler-16b. Figure 8 shows the mass versus semima-
jor axis evolution of forming planets, where the black points
represent the final planet masses and semimajor axes. The
dashed black line in figs. 7 and 8 shows the outer edge of
the zone of dynamical instability for Kepler-16 (Holman &
Wiegert 1999), while the black cross represents Kepler-16b
(Doyle et al. 2011). The initial disc mass for this simulation
was equal to 16% of the combined stellar mass and the metal-
licity was equal to 0.5 × the Solar metallicity.

As the disc evolves in time, a pebble production front moves
slowly outwards, converting dust into pebbles at the midplane
that then drift in towards the central stars. Planets are then
able to accrete pebbles as they drift inwards. As the amount
of pebbles that are accreted by the planets depends on their
eccentricities and inclinations (see eq. 50), two populations of
planets quickly appear, those that are on circular and copla-
nar orbits that can increase their mass, and those that are
on slightly inclined and eccentric orbits which accrete very
few pebbles. After ∼ 0.3 Myr, a number of planets around
3 au grow to the super-Earth mass regime and begin to mi-
grate in towards the inner cavity region. Interactions within
this group of planets lead to a number of collisions, allowing
some of the planets to increase their core mass and accrete
more pebbles, and reach masses around 10 M⊕ that slowly
accrete gas from the surrounding disc. This pebble accretion
can be seen in the rapid increase in mass of planets from
10−3 M⊕ to 10 M⊕ in the far left part of the bottom panel of
fig. 7. This group of planets forms a resonant convoy that mi-
grates to the cavity region before being trapped there due to
the positive surface density gradients allowing the corotation
torques to balance the Lindblad torques, halting migration.

Over the next 0.25 Myr, three other planets accrete pebbles
and migrate towards the cavity, joining the resonant chain.
This acts to slightly destabilise the chain of planets, leading
to collisions between planetary cores. Ultimately this period
of instability reduces the number of planets in the chain from
ten to seven after 1 Myr, with the most massive planet now
being equal to 22 M⊕. This planet continues to accrete gas
and reaches a mass of 25 M⊕ after 1.45 Myr, where the res-
onant chain becomes unstable. The instability in the chain
leads to a 10 M⊕ core colliding with the more massive planet,
creating a 35 M⊕ core. This planet then migrates in past the
cavity apocentre to halt its migration near the zone of dy-
namical instability. As the planet migrates, it induces a num-
ber of other collisions, whilst also causing another planet to
be ejected from the system. The planet continues to orbit
near the zone of dynamical instability, accreting gas, until
1.75 Myr where it interacted with the binary and was ejected
from the system with a final mass of 80 M⊕.

While the more massive planet orbits near the zone of dy-
namical instability and grows, a chain of five planets grows
and migrates towards the cavity, becoming trapped there.
This chain of planets continues to grow, until the innermost
planet reaches a mass of 21 M⊕ and migrates past the cavity
apocentre, into the cavity. The other planets in the chain then
migrate inwards to orbit near the cavity apocentre. All of the
planets continue to accrete gas, where the inner planet orbit-
ing near the zone of dynamical instability begins to accrete
at a significantly faster rate after 3.9 Myr when it reaches
a mass of 40 M⊕. This allows the planet to quickly reach a
mass of 70 M⊕ where its torques were able to influence the
disc and open a common gap with cavity. The planet then
transitioned to the slower viscous accretion regime.

After 4.55 Myr, the disc is fully dispersed, leaving the gi-
ant planet with a mass of 100 M⊕ near the zone of dynam-
ical instability, as well as a chain of four planets outside of
where the cavity was. A number of planets less than 0.2 M⊕
are also orbiting further out in the system. Whilst the giant
planet with mass and period properties similar to Kepler-16b
survives until the end of the simulation after 10 Myr, the res-
onant chain of planets quickly destabilises, and after 4.9 Myr,
only one planet remains, having ejected one planet and after
colliding with the remaining two. This planet has a mass of
14 M⊕, orbiting with an orbital period of 1.8 yrs.

5.2 Overall population

With the section above describing the formation of a system
containing a planet similar to Kepler-16b, we now examine
the population as a whole that arises from our suite of Kepler-
16 simulations. Whilst a number of simulations were not able
to form a planet similar to Kepler-16b, the general formation
pathways of the planets accreting pebbles and migrating to
the edge of the cavity in resonant chains remained the same.
In fig. 9, we show the masses versus semimajor axes for all
planets in the simulations. Planets denoted by grey points
are those that have been lost from the simulations, either
through collisions with other planets or via ejections following
interactions with the central binary. The colour coding for the
surviving planets shows the metallicity of the circumbinary
disc in which they formed, whilst the black cross shows the
location of Kepler-16b. The dashed black line denotes the
outer edge of the zone of dynamical instability.
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Figure 9. Mass versus semimajor axis plot for all planets from the

Kepler-16 simulations. Grey points show planets that have been
lost from the simulations either by collisions or ejections. Coloured

points show the surviving planets with different colours represent-

ing different initial disc metallicities: 0.5× Solar (blue), 1× Solar
(green) and 2× Solar (red). The dashed vertical black line denotes

the outer edge of the zone of dynamical instability, whilst the black

cross shows the mass and semimajor axis of Kepler-16b.

As can be seen in fig. 9, there are an abundance of planets
with masses between 5–40 M⊕ with orbits outside the zone
of dynamical instability, and extending to ∼ 2 au, roughly the
region around and immediately exterior to the cavity carved
by the central binary. Also apparent from fig. 9 is the trap-
ping of planets at the cavity, near 1.4 au, as well as the effects
of the zone of dynamical instability where very few surviving
planets are orbiting inside of the limit. Those planets that
are orbiting inside the stability are only just inside the limit,
showing that there are orbital configurations that allow plan-
ets to orbit slightly closer than the empirically defined outer
edge of the zone dynamical instability allows.

Interestingly, there are very few giants that form in the
simulations, with only a handful of giant planets seen to be
orbiting near the zone of dynamical instability. The lack of
giant planets has two main roots: migration into the cavity
of cores that form in higher metallicity systems before they
can undergo runaway gas accretion, and in lower metallic-
ity systems the lack of sufficiently massive cores that form
because of the abundance of solids being too small. Whilst
the migration affects all simulations, with the discs evolving
similarly, the lack of mass in solids can be addressed by in-
creasing the metallicity of the disc. Increasing the metallicity
boosts the amount of pebbles that can be accreted by the
planets, allowing more massive cores to form, with some of
them able to undergo runaway gas accretion within the disc
lifetime. This metallicity effect can be seen in fig. 9 where
as the metallicity increases (shown by blue points going to
green and then red), the distribution of planets at higher
masses also increases. This can be particularly seen for plan-
ets above 100 M⊕, where only those discs with metallicities
of Solar or twice Solar are able to form such surviving plan-
ets. For the giants that were formed in the discs and then
subsequently ejected, 57 giant planets formed in discs with

Figure 10. Profiles showing the average radial distribution of mass

accreted by planets througohut the circumbinary disc. Solid accre-
tion is shown in blue whilst gas accretion is shown in red.

2× Solar metallicity, compared to 18 in discs with 0.5× Solar
metallicity, again showing the effects of increased metallicity,
whilst the average giant mass was 22% higher for those that
formed in the metal-rich discs compared to those in metal-
poor discs.

When comparing the resultant population to Kepler-16b,
fig. 9 shows there are a few simulated planets that match the
mass and period of the real system. With the mass of Kepler-
16b being roughly a Saturn mass, this places the planet
amidst the runaway gas accretion regime, where cores can
quickly bypass this mass by growing quickly into giant plan-
ets, as can be seen by the number of surviving giant planets
above Kepler-16b in fig. 9. However some planets, similar to
that described in sect. 5.1, were able to fortuitously time their
formation so that they reached a mass similar to Kepler-16b
late in the disc lifetime. Interestingly, the simulations were
able to produce Kepler-16b analogues in discs with all tested
metallicities, however the more metal-rich discs formed de-
cent analogues more frequently.

5.3 Where is mass accreted?

Where planets accrete material can be important for the fi-
nal composition of the planet (Öberg et al. 2011). Figure 10
shows the locations where mass is accreted in circumbinary
discs averaged across all of the simulations. The blue line
shows the distribution for mass accreted in solids, the red
line shows for gas, and the dashed line again shows the outer
edge of the zone of dynamical instability. Looking at the blue
line, it is clear that solids are accreted throughout the discs
where there are growing embryos. This is especially true in
the outer disc at distances > 3 au. At around 2.5 au, there is
a spike in mass accreted, arising from an opacity transition
acting to slow down migration for low mass planets (see the
dark red region showing slow inward migration at this loca-
tion in the left panel of fig. 6). An additional spike is also
seen around the apocentre of the cavity region. As discussed
previously, the structure of the cavities act as efficient migra-
tion traps by driving enhanced positive corotation torques,
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Figure 11. Amplitudes of libration for resonant pairs of planets.

Points are situated for the outer resonant planet. Colours show
the degree of resonance, e.g. 2:1, 3:2, etc.

that allows planets to congregate in these regions. This al-
lows planets more time to accrete pebbles at this location.
Collisions also occur here, due to the concentration of plan-
ets, again increasing accretion in this region. Interestingly,
the average amount of mass accreted drops interior to this
location, since pebbles are unable to drift into this region as
a result of trapping at the cavity outer edge. However some
planets are seen to grown in solid mass here, again a result
of mutual collisions between planets.

Whilst the mass accreted in solids is spread across the ma-
jority of the circumbinary discs, the same cannot be said for
gas. With migration acting to bring giant planet cores close
to the central stars, this gives such cores little time to ac-
crete gas at large orbital distances. The red line in fig. 10
shows this, where there is little gas accreted in each sim-
ulation at distances larger than 3 au. In fact, the majority
of gas accreted by planets in the simulations is situated in
and around the cavity region. Spikes in the gas mass ac-
creted can be seen at the cavity apocentre (rp ∼ 1.4 au),
and close to the zone of dynamical instability. These cor-
respond to the locations where planet’s become trapped as
their migration stalls, allowing them to slowly accrete the
surrounding gas and undergo runaway gas accretion. With
the majority of the accreted gas originating near the cavity,
for planets around Kepler-16b, this corresponds thermally to
temperatures just interior to the water iceline, assumed here
to be where T = 150 K. This would result in the planets
accreting gas with low C/O ratios since water would be in
the gaseous phase, and accreted along with the gas, instead
of as ices (Öberg et al. 2011). Should the atmospheres of
observed circumbinary planets such as Kepler-16b be charac-
terised (see e.g. Madhusudhan 2019, for a recent review), it
could in principle be determined whether or not the planets
did indeed accrete their envelopes near the water iceline, and
close to the cavity region.

5.4 Systems in resonance

Whilst numerous single star systems containing multiple
planets with integer period ratios have been observed (e.g.
Kepler-223 (Mills et al. 2016), Trappist-1 (Gillon et al. 2017),
to name a couple), such systems have yet to be observed in
circumbinary systems. Resonant systems are also a natural
outcome of planet formation scenarios (see for example Cole-
man & Nelson 2016a,b; Coleman et al. 2019) but how fre-
quently they form around circumbinary stars has yet to be
tested. In sect. 5.1 we described how resonant chains formed
and migrated towards the central cavity, and we will now
examine the prevalence of resonances throughout the entire
population.

To account for N-body interactions after the end of the
disc lifetime, we evolved all of the systems up to 100 Myr,
and then checked over a 0.1 Myr time period whether the
planets were in resonance. We check all first-order resonances
between 2:1 and 10:9, and define them as being in resonance
if their libration amplitudes do not exceed 330 degrees. Fig-
ure 11 shows the libration amplitudes for all planet pairs in
resonance as a function of orbital distance, in which all plan-
ets have masses mp > 1 M⊕. The colours denote the degree
of resonance. As can be seen a large number of planet pairs
remain in resonance after 100 Myr, with 68% of these being
in either 2:1, 3:2 or 4:3. The sculpting of the resonant popu-
lation by the binary can also be seen in the left part of the
distribution, where the planet pairs closer to the binary have
larger amplitudes of libration on average, and the minimum
libration amplitude increases the closer the planet pairs get
to the binary. There are also a number of planet pairs with
larger amplitudes of libration that are close to falling out of
resonance.

We now look at systems close to the central binary and
of observable mass, and how these demographics change over
time. For this we limit our planet pairs to those with periods
P ≤ 3yrs, and masses mp > 1 M⊕. After 10 Myr, 339 out
of 480 systems contain planets within the observable region,
with 133 being single planet systems and 206 multi-planet
systems. Of these 206 multi-planet systems, 141 contain res-
onant pairs of planets. As the systems evolve up to 100 Myr,
some of the resonant chains in the multiple planet systems be-
come unstable leading to some collisions, but mainly ejections
after planets interact with the central binary. This reduces
the number of systems with planets in the observable region
to 305 out of 480, with single planet systems comprising 150
of these and 155 remaining as multiple planet systems, and
only 123 systems with resonant pairs.

In terms of the total number of resonant pairs, interac-
tions over the 100 Myr time period reduced the number of
pairs from 303 to 257, such that roughly a sixth go unstable.
This is still a large number of resonant pairs compared to
the number of systems, with a quarter of systems containing
resonant pairs of planets. Given that this outcome is simi-
lar to populations around single stars that over predict the
number of resonances (e.g. Coleman & Nelson 2016a, albeit
they only ran for 10 Myr), this may imply that the number
of resonant systems here are equally over predicted. With
the systems here evolved until 100 Myr, and with the extra
perturbations arising from interactions with the binary stars,
should the number of resonant systems be over predicted, this
would imply that the resonant systems go unstable before the
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Figure 12. Evolution of planet mass versus semimajor axis for an

simulation resulting in resonant system. Filled black circles repre-
sent final masses and semimajor axes for surviving planets. The

inset plot shows a zoom in of the inner system, with solid lines

denoting resonant pairs of planets with the respective resonances
denoted above the lines. The black cross shows the mass and semi-

major axis of Kepler-16b, whilst the dashed vertical black line de-

notes the outer edge of the zone of dynamical instability.

end of the disc lifetimes. Such instabilities could arise out of
2D effects, such as stochastic migration (Adams et al. 2008;
Rein & Papaloizou 2009) or overstability in librations around
resonant centres (Goldreich & Schlichting 2014). Studies in-
cluding two-dimensional effects will be investigated in future
work.

Figure 12 shows the mass versus semimajor axis evolution
of an example resonant planetary system that forms in the
simulations, and is stable for at least 100 Myr. The system
contains 6 planets with masses between 3–20 M⊕, which form
further out in the disc and migrate in towards the central
binary before getting trapped at the opacity transition and
then at the cavity, with both traps allowing the planets to
grow either through pebble accretion or collisions. The inset
of fig. 12 shows the final 6 planet system, along with the
resonances between planet pairs. Note that the second and
third planet in the system form a coorbital pair, with libration
angles indicating a trojan configuration. A number of these
coorbital planets appeared in other simulations as well, all in
resonant chains, which have been found to aid in stabilising
the coorbital resonance (Leleu et al. 2019). This system is
representative of most resonant systems that formed in the
simulations for Kepler-16.

6 KEPLER 34

We now discuss the simulations for the Kepler-34 system.
Even though the mass of the central binary is over twice that
of Kepler-16, the general formation processes are found to be
qualitatively similar to that described in sect. 5.1. As plane-
tary embryos grow and accrete pebbles, they begin to migrate
in towards the central binary, where they become trapped
at either one of the opacity transitions (note from the right
panel of fig. 6 the blue region denoting outwards migration

Figure 13. Same as fig. 9 but for Kepler-34, with the black cross

representing Kepler-34b.

at around 4–5 au), or at the edge of the cavity carved by the
binary. Once at these locations, planets can then grow with-
out undergoing much migration, which allows them to at-
tain masses conducive to undergoing runaway gas accretion.
With the combined mass of the central binary MAB ∼ 2 M�,
the initial circumbinary discs were more massive, providing a
greater abundance of pebbles, that allowed giant planet cores
to more easily form than around Kepler-16. Once the gas
discs dispersed, the systems were again evolved for 100 Myr
to determine final states of systems after undergoing N-body
interactions in the absence of damping by a gaseous disc.

Figure 13 shows the mass versus semimajor axis for all
planets in simulations around Kepler-34. The colours of the
dots again denote the metallicity of the system, whilst the
dashed line indicates the outer edge of the zone of dynamical
instability, and the black cross shows the mass and semimajor
axis for Kepler-34b. Planets that were lost in the simulations,
either through collisions or ejections, are shown by grey dots.
As can be seen, there are a large number of giant planets
(those with mp > 100 M⊕) that have formed in the simula-
tions. These giant planets are mainly situated near the cavity
at 1–2 au. Some giant planets are orbiting further away, out
at 5 au, though these planets are typically in multiple giant
planet systems, with an inner giant orbiting near where the
cavity would have been located. The increase in the numbers
of giant planets compared to Kepler-16 is not unsurprising
given that the total mass of the binary system is more than
double for our chosen parameters. The scaling of disc mass
with central binary mass allows many giant planet cores to
form and undergo runaway gas accretion.

Whilst there are an abundance of giant planets forming
around Kepler-34, fig. 13 also shows a large number of super-
Earth to Neptune mass planets (5–30 M⊕) orbiting near the
cavity, out to a semimajor axis ∼ 10 au. With migration act-
ing to bring planets in this mass range in towards the cavity
region, the large population orbiting with semimajor axes less
than 3 au is unsurprising. However, there is then a question
of how so many super-Earths and Neptune mass planets are
orbiting with semimajor axes out to 10 au, since migration
should bring them to the cavity region. Looking at the other
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Figure 14. Cumulative distribution functions of planet masses for

planets with periods less than 3 years and masses greater than
1 M⊕. The black line shows the combined distribution, whilst the

coloured lines show the distributions for discs with initial metal-

licites equal to: 0.5× Solar (blue), 0.75× Solar (red), 1× Solar (yel-
low) and 2× Solar (purple). The green lines shows the combined

mass distribution from the Kepler-16 simulations.

planets in these systems reveals that there are actually two
populations of super-Earth and Neptune mass planets. The
majority of the planets in the first population that are orbit-
ing near the cavity are doing so in systems that do not con-
tain giant planets, either due to giants not forming in those
discs, or because the giant planets have been ejected from
the system. For the super-Earths and Neptune mass plan-
ets orbiting further away from the central stars, the second
population, these systems contain at least one interior giant
planet. The presence of inner giant planets can have multiple
effects that explain the exterior population of planets. These
include: scattering of the planets to larger semimajor axes,
from where they can migrate back in whilst damping their
eccentricities; forming chains of planets that dynamically act
against the migration torques, stalling their migration; and
forming gaps that act as migration traps. Observing such low
mass planets in these regions would therefore indicate that
there should either be giant planets also orbiting in the sys-
tem, or that giant planets did form in the system before later
being lost, most likely through ejections.

Having discussed the populations of giant planets and
super-Earths/Neptunes, it is interesting to look at the dis-
tributions of planets that form around Kepler-34. Figure 14
shows cumulative distribution functions for planet mass for
all planets with periods P < 3 yrs, and masses mp > 1 M⊕.
The black line shows the distribution for all simulations,
whilst the coloured lines show the distributions for discs with
different metallicities. The green line shows the same com-
bined distribution, but for the Kepler-16 simulations. From
the black line, the fraction of giant planets that orbit near
the cavity is clear, with 70% of planets with periods less than
3 years having masses greater than 100 M⊕. The sharp gra-
dient shows that a large fraction of the planets have masses
between 1.5–3 MJ. The effect of higher metallicities can also
easily be seen in fig. 14 where giant planets comprised of 55%

of the planets in discs with metallicities of 0.5× Solar, com-
pared to 80% for discs with twice Solar metallicity. This is
not unexpected as the higher metallicities allow planets to
accrete more mass in pebbles, resulting in greater numbers of
giant planet cores that can undergo runaway gas accretion.
For the metal-rich discs, there are also very few planets with
masses below 10 M⊕. Interestingly, there are very few planets
with masses less than 4 M⊕ across discs with all metallicities.
This is due to the efficiency of pebble accretion for Earth
mass planets.

In comparing the combined distribution (black line) for
Kepler-34 to that for Kepler-16 (green line), the populations
of planets are clearly different. The distribution for Kepler-
16 is pushed to much lower masses, with only ∼1% of the
planets being giant planets, compared to 70% for Kepler-34.
This is down to the increase in mass of the Kepler-34 binary,
and thus the initial mass in solids within the circumbinary
discs. Interestingly, for both distributions, planets between
10–30 M⊕ are relatively common, more so around Kepler-16
where they could not accrete sufficient amounts of solids to
allow their cores to undergo runaway gas accretion, but also
for Kepler-34 where they are the largest population of planets
after the giant planet population. It would therefore be ex-
pected that planets of this mass range, and with periods less
than 3 years could be common around binary stars, and could
possibly be observed with future missions such as PLATO.

Turning now to the issue of how well Kepler-34b is emu-
lated in the population, fig. 13 shows that there are a few
planets with masses similar to that inferred from the obser-
vations. Generally though these planets are orbiting slightly
further from the central stars, typically where the apocen-
tre of the cavity was situated ∼ 2.5 au. These planets stalled
their migration there as giant planet cores, but were unable
to undergo runaway gas accretion before the end of the disc
lifetime, leaving them with masses similar to Kepler-34b. In
regards to also matching the period of Kepler-34b, those plan-
ets that were most similar also contained giant planets in
their systems, which acted to push the Kepler-34b analogues
through the trap at the apocentre of the cavity to their fi-
nal locations. This presents a problem for reproducing the
observations, since to date there is no giant planet observed
orbiting further out in the Kepler-34 system. One effect that
is not included in these simulations is partial gap opening
which could allow the planet to affect the cavity structure,
circularising it, and allowing the planets to migrate closer to
the observed period of Kepler-34b (Penzlin et al. 2021).

7 DISCUSSION

Sections 5 and 6 detailed example simulations and the re-
sultant populations around Kepler-16 and Kepler-34 respec-
tively. We now simultaneously examine both populations,
looking at possible observable characteristics.

7.1 Ejections

Around single stars, the majority of planets lost in N-body
simulations is either through mutual collisions with other
planets or collisions with the central star itself. This is be-
cause in such populations, planet masses are not large enough
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to increase another planet’s velocity to greater than the es-
cape speed from the system during close encounters, and as
such collisions normally occur between planets instead of ejec-
tion. With Kepler-16 and Kepler-34 being binary systems,
this is no longer the case, since the main perturbers in the
system are the binary stars themselves. Once planets become
slightly eccentric near the cavity, they then interact with one
or both of the central binary stars, increasing their velocity.
Eventually their velocity becomes larger than the escape ve-
locity of the system, and they are ejected. In total, of the
planets lost around Kepler-16 and Kepler-34, ejections from
the systems accounted for 40% and 56%, respectively. It is
understandable that there were more ejections in the Kepler-
34 simulations, as more massive planets were able to form,
increasing the relative velocities that planets would attain be-
fore interacting with the central binaries, that are also more
massive and on more eccentric orbits.

Whilst it is interesting to know the percentage of planets
ejected in the systems, understanding the mass distribution
of ejected planets could be tested by future observations. As-
suming that the ejected planets do not collide with other
objects or become captured by other stars, such free-floating
objects can be detected through microlensing surveys (e.g.
Nancy Grace Roman Telescope (Spergel et al. 2015; Bennett
et al. 2018) or the Large Synoptic Survey Telescope (Ivezić
et al. 2019)). Looking at the number of planets ejected from
the simulations, we find that Kepler-16 like systems ejected
6.3 planets on average, whilst Kepler-34 like systems ejected
9.3 planets per system. This increase in the number of plan-
ets is due to more giant planets forming in discs around
Kepler-34 increasing the strength of the perturbations felt
by other smaller planets. In terms of the number of giant
planets ejected, systems around Kepler-16 ejected 0.26 giant
planets on average whilst those around Kepler-34 ejected 0.33
giants per system. This shows that typically for binaries sim-
ilar to Kepler-16 and Kepler-34, in terms of combined central
mass and binary separation or eccentricity, 1 in 3 to 1 in 4
systems will eject a giant planet. Naturally this work has not
investigated populations of binary systems, but rather two
specific examples, and as such we are unable to accurately
comment on the total number of free-floating giant planets
that originated in circumbinary discs.

Whilst the number of planets and giant planets ejected can
yield insights into the frequency of free floating planets, the
mass distribution of ejected planets is also relevant. Figure
15 shows the cumulative distribution function for all ejected
planets above 1 M⊕ for Kepler-16 (blue line) and Kepler-34
(red line). Interestingly it is clear that a greater fraction of
planets ejected around Kepler-34 are giant planets, approxi-
mately 23%, compared to only 6% from Kepler-16. Note that
the ratio between these percentages is different to the ra-
tio of giant planets ejected from each system, since ejections
from systems around Kepler-34 involved a large number of
planets with sub-terrestrial masses. This was due to more
massive planets forming earlier in those discs, exciting the
eccentricities of neighbouring planets that resulted in them
accreting fewer pebbles due to larger relative velocities be-
tween the planets and pebbles. Whilst the fraction of giant
planets ejected around Kepler-34 were higher, it is interest-
ing to see that fig. 15 shows that super-earths and Neptune
mass planets are most commonly ejected, that is of all planets
with mp ≥ 1 M⊕. For both Kepler-16 and Kepler-34, ∼ 60%

Figure 15. Cumulative distribution functions of planet masses for

planets that were ejected in the Kepler-16 (blue line) and Kepler-
34 (red line) simulations. We only show planets with masses mp ≥
1 M⊕.

Figure 16. Cumulative distribution functions of planet inclinations

for surviving planets with periods less than 3 years and masses
greater than 1 M⊕ for Kepler-16 (blue line) and Kepler-34 (red
line).

of planets with masses greater than 1 M⊕ were in the mass
range 5–30 M⊕, showing that for detectable free floating plan-
ets, super-Earths and Neptune mass planets are the most
common.

7.2 Transiting Probabilities

As Kepler-16b and Kepler-34b were both found with tran-
sit surveys (Doyle et al. 2011; Welsh et al. 2012), and with
transit surveys discovering the majority of currently known
circumbinary planets, it is useful to judge the transit ob-
servability for planets formed in our simulations. Since the
transit probability depends on the mutual inclination of the
planets compared to the binary stars, fig. 16 shows the cumu-
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lative distribution function of planet inclinations for planets
with periods less than 3 years and masses greater than 1 M⊕.
Interestingly, the coplanarity of the formed planets is signif-
icant with 55% of all selected planets in both the Kepler-16
and Kepler-34 models having inclinations less than 10−4 de-
grees. This is due to the damping from the gas disc acting
on the planets, and with few vertical perturbations due to
there only being a small number of planets, their inclinations
remained low. Such perturbations could arise through inter-
actions with nearby planets and planetesimals on inclined
orbits or through density perturbations in the vertical and
azimuthal plane in a 3D gas disc.

One main difference between the inclination distributions
between Kepler-16 and Kepler-34, is that Kepler-16 appears
to have two populations of planets based on their inclina-
tions. This can be seen by the blue line in fig. 16 for Kepler-
16 where few planets have inclinations between 10−2 and 1
degree (7%), but 21% of planets have inclinations greater
than 1 degree. The main reason for these populations arising
in the Kepler-16 systems is that in the systems where mass
growth was limited, i.e. only super-Earths were able to form,
planet inclinations were able to remain high since inclination
damping due to the disc was not able to overcome excitation
through mutual planet interactions. This allowed planet in-
clinations to remain non-negligible. For systems where plan-
ets were able to reach masses similar to Neptune, damping
from the circumbinary discs reduced planet inclinations to
less than 10−2, of which it was then difficult to excite them
back to meaningful values.

For planets in the Kepler-34 systems on the other hand,
there appears to only be a continuous distribution. This dis-
tribution arises, because in many systems around Kepler-34,
many planets were able to reach larger masses and reduce
their inclinations. However, as many giant planets formed in
the Kepler-34 models, they were able to significantly perturb
other planets in the system, resulting in those planets attain-
ing some inclination.

Assuming that a potential observer is located in the plane
of the binary system, circumbinary planets will always tran-
sit their parent stars when their maximum height above the
plane of the binary stars is less than the radius of the stars
themselves, which we take to be equal to the minimum of
the two stars present day values (0.22 R� for Kepler-16 and
1.09 R� for Kepler-34). When looking at the fraction of plan-
ets that are always transiting, we find that for Kepler-16 like
systems, 73% of planets with periods less than 3 years and
masses greater than 1 M⊕ have low inclinations allowing them
to always transit. This fraction of transiting planets increases
to 83.6% for planets that formed around Kepler-34. The dif-
ference in the fraction of transiting planets is a result of a
number of effects. Planets around Kepler-34 are more mas-
sive than those around Kepler-16, allowing them to more ef-
fectively damp their inclinations closer to the midplane of
the disc, and thus the binary orbital plane. Other planets in
the systems also excite planetary inclinations through mu-
tual interactions, and when examining the multiplicity of
planets around Kepler-16 and Kepler-34, we find that sys-
tems around Kepler-16 are more plentiful. On average sys-
tems around Kepler-16 contain 2 planets with periods less
than 3 years, whilst for Kepler-34, there are only 1.77 plan-
ets on average. Systems around Kepler-16 are also more likely
to host larger numbers of planets, with 13% of systems con-

taining 4 or more planets, compared to 0.5% for Kepler-34.
This is a result of the the cavity being more extended around
Kepler-34, as well as the more massive planets decreasing the
stability of large chains of planets.

7.3 Other Circumbinary Systems

Whilst this work focuses on the Kepler-16 and Kepler-34, a
number of other discovered circumbinary planetary systems
have binary parameters similar to those explored here, and it
is therefore possible that the planets that form around those
systems should be similar to the results of our simulations.

7.3.1 Kepler-47

The Kepler-47 system was the first multi-planet circumbi-
nary system to be found, with three planets of masses be-
tween 2–19 M⊕, orbiting binary stars with properties similar
to Kepler-16 (Orosz et al. 2012, 2019). As discussed in sect. 5,
super-Earth and Neptune mass planets were the most com-
mon to form around Kepler-16, since they were not massive
enough to undergo runaway gas accretion. They also typi-
cally formed in resonant chains that migrated in to the cavity
region, before some underwent dynamical instabilities. Given
that current estimates of the planetary compositions indicate
they are icy bodies (Orosz et al. 2019), this lends weight to
the scenario of formation and migration from outside of the
water snowline, as seen in the multi-planet systems discussed
in sect. 5. The planetary system around Kepler-47 fits in well
with the results of the Kepler-16 simulations presented here,
and as such is a good example of those types of systems that
are seen to form.

7.3.2 Kepler-1647

The more recent discovery of Kepler-1647b, a ∼ 1.5MJ planet
orbiting a 1.2 and 0.97 M� binary pair, far from where the
cavity would have been(Kostov et al. 2016), raises questions
as to how it formed and why it is not orbiting near the
zone of dynamical instability, similar to previously discov-
ered circumbinary planets. With the planet also currently
being the most massive of the known circumbinary planets,
this also raises questions as to how it formed and survived
in the system, since previous hydrodynamical simulations of
giant planets showed that they should be migrate towards
the central cavity, where interactions with the binary stars
could lead to their ejection (Pierens & Nelson 2008b). Given
that the combined central mass of the system is similar to
that for Kepler-34, we compare the planet to our results in
sect. 6, finding that it’s observed semi-major axis and mass
is compatible with the more distant giant planets formed in
those simulations. As can be seen, those planets are not found
at the location of the cavity. This arises due to their forma-
tion pathways, where they either formed in multiple giant
planet systems and so torques from more interior giant plan-
ets acted to prevent them from migrating closer to the cavity,
or the planets did migrate near to the cavity, but interactions
with other planets scattered them outwards where they could
then damp their eccentricities through interactions with the
surrounding gas disc. In both of these scenarios, scattering
events could have ejected the other giant planets, leaving
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only a single giant planet on a longer period orbit, similar
to Kepler-1647b.

7.3.3 TOI-1338/BEBOP-1

Whilst most circumbinary planets have been discovered by
Kepler, recently TESS has begun finding transiting circumbi-
nary planets. TOI-1338/BEBOP-1 is the first such system
found with TESS where a 7R⊕ planet is orbiting near the
zone of dynamical instability in a binary system with a simi-
lar mass ratio and binary eccentricity to Kepler-16, although
the combined binary mass is ∼50% larger than Kepler-16
(Kostov et al. 2020). Radial velocity observations from the
BEBOP program (Martin et al. 2019) have recently discov-
ered an additional ∼ 65 M⊕ planet on a longer period or-
bit than the transiting planet (Standing et al. 2023). The
transiting planet seen by TESS was not seen in the radial
velocity data yielding an upper mass limit of 22 M⊕. Given
the similarity in the binary properties between Kepler-16 and
TOI-1338/BEBOP-1c, we can compare the population to the
observed planets, finding that the inner planet is well placed
amongst the population of super-Earth–Neptune mass plan-
ets orbiting just exterior to the zone of dynamical instability,
with the outer planet being situated near the edge of surviv-
ing planets. Typically such planets that formed were part of
a multiple planet system, indicating that there could be ad-
ditional planets in the system, as has been found by Standing
et al. (2023).

8 CONCLUSIONS

In this work, we have explored the formation of circumbi-
nary planets and planetary systems around systems akin to
Kepler-16 and Kepler-34. We used an updated version of N-
body code mercury6 including the effects of a central binary,
and coupled to this a self-consistent 1D viscously evolving
disc model containing prescriptions for planet migration, ac-
cretion of gaseous envelopes, pebble accretion and disc re-
moval through photoevaporative winds. To account for the
eccentric precessing cavity carved by the binary stars, we ad-
justed the viscous α parameter to evacuate the inner disc of
gas similar to that seen in 2D hydrodynamical models. We
also included prescriptions for the gravitational torque ex-
erted by the precessing, eccentric circumbinary disc, and the
role of non-Keplerian gas/dust velocities on pebble accretion
rates. Whilst we mainly focused on the Kepler-16 and Kepler-
34 systems, we also compared our results to other observed
circumbinary systems. The main results from our study can
be summarised as follows.

(1) Planets are found to accrete pebbles mainly outside of
the water snowline, far from the cavity. This allows them to
significantly increase their mass up to super-Earth–Neptune
masses, where they begin to migrate in resonant chains
towards the binary stars, where they eventually become
trapped at the outer edge of the eccentric cavity, carved by
the binaries. Whilst trapped around the cavity, the more mas-
sive planets are able to accrete sufficient quantities of gas, and
undergo runaway gas accretion forming giant planets. Some
of the resonant chains go unstable leading to collisions, and
quite often, ejections from the system.

(2) For Kepler-16, the initial solid mass is insufficient to

consistently grow cores massive enough to undergo runaway
gas accretion. Only the more metal rich discs were able to
form giant planets around the cavity region. Typically, most
systems forming around Kepler-16 contained multiple super-
Earth–Neptune mass planets, orbiting near and exterior to
the cavity. In comparing Kepler-16b to the model results, we
find that some systems were able to form similar planets,
where a resonant chain went unstable leaving a more massive
core that was able to effectively accrete gas, allowing it to
reach a final mass similar to Kepler-16b once the disc fully
dispersed.

(3) With Kepler-34 being a much more massive central bi-
nary than Kepler-16, this allows more planets to attain core
masses amenable to undergoing runaway gas accretion, re-
sulting in a larger number of giant planets forming around
the cavity region. These giant planets are then able to sur-
vive until after the disc is fully dispersed by settling into
stable orbits, either in multiple planet systems or singularly
around the central binary. The effects of increasing metal-
licity is also evident, as more giant planets form in systems
with super-Solar metallicity compared to sub-Solar. Examin-
ing the planets in the inner region of the disc, with periods
of up to 3 years, the fraction of giant planets also increases
with metallicity, rising from 55% to 80% when increasing the
metallicity from 0.5 to 2 × Solar. In regards to Kepler-34b,
few systems contained planets similar to that observed. This
was due to the mass of Kepler-34b, ∼ 60 M⊕, being amidst
the mass range that runaway gas accretion tends to quickly
bypass, forming giant planets instead, as seen in fig. 13. Of
the planets that could match the mass of Kepler-34b, they
typically orbit with slightly longer periods, and other mech-
anisms, such as partial gap opening, may be required for the
models to better match both the observed mass and period
of Kepler-34b.

(4) An interesting outcome of the simulations is the num-
ber of resonant systems that form, especially around Kepler-
16 analogues, where fewer giant planets were able to form,
resulting in many systems containing multiple super-Earth–
Neptune like planets. Whilst no resonant circumbinary sys-
tems have been found to date, the large number that formed
and survived for 100 Myr in the simulations indicates that
they could be observed by future missions. The main hurdle
to observing such planets would be the long orbital periods
of planets in such long chains, as seen in fig. 12, which can
be much longer than typical discovery missions.

(5) With the central systems being two binary stars, inter-
actions with either of the stars can easily lead to ejection from
the circumbinary systems. Our suite of simulations show that
a large number of planets are ejected from both the Kepler-
16 and Kepler-34 analogues, including both terrestrial plan-
ets and gas giants. For Kepler-16, each system on average
ejected 6.3 planets, with 0.26 of these being giant planets.
These values changed to 9.3 and 0.33 per system respectively
for Kepler-34. The simulations therefore show that around
1-in-3 to 1-in-4 binary systems eject giant planets, yielding
a large number of giant free floating planets that can be de-
tected by microlensing surveys (Spergel et al. 2015; Ivezić
et al. 2019).

(6) Whilst this work mainly focused on the Kepler-16 and
Kepler-34 systems, other circumbinary planets orbit stars
with similar binary properties. In comparing those planets
to the simulation results, it is clear that the models can ade-
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quately reproduce the currently observed circumbinary plan-
ets, including multiple planetary systems such as Kepler-47.
The models can also place predictions on the presence of other
planets in the systems, for example the TOI-1338/BEBOP-1
system, as well as the formation history of others, such as the
possibility of giant planets being ejected from the Kepler-1647
system.

The simulations we have presented here show that cir-
cumbinary planets akin to Kepler-16b and Kepler-34b can
easily form through the pebble accretion scenario in circumbi-
nary discs. However it has yet to be investigated whether
other flavours of planet formation, e.g. via planetesimal ac-
cretion, or a hybrid pebble/planetesimal scenario, yield sim-
ilar results. Whilst such a question is beyond the scope of
this study, other works have compared such scenarios around
single stars. Coleman et al. (2019) compared the two sce-
narios for systems forming around low mass stars similar to
Trappist-1, and found that both scenarios consistently formed
planetary systems similar to those observed. More recently,
Brügger et al. (2020) compared pebble accretion to planetes-
imal accretion scenarios for single planet populations around
single solar-mass stars, and found that both scenarios could
form a wide diversity of planets from a wide range of initial
parameters. However the time that such planets formed and
the initial disc parameters they formed from differed across
the two scenarios, which would have implications on the prop-
erties of those planets, i.e. composition.

In future work, we will compute a planetesimal accretion
scenario population for circumbinary planets, and compare
to the results from the pebble accretion scenario presented
here. If the results of the two scenarios are materially dif-
ferent, then comparing them to observations could yield in-
sights into the formation of circumbinary planets, and into
which accretion scenario may be dominant for planet forma-
tion around circumbinary systems and around single stars.
Comparing simulated circumbinary populations to single star
populations could also give hints into planet formation pro-
cesses as observable properties that are similar or different
can be tested with observations of circumbinary planets, as
well as the much larger exoplanet population around single
stars.
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APPENDIX A: OPACITY TABLE

The opacity κ is calculated using the temperature and density
dependant formulae from Bell et al. (1997) for temperatures
below 3730 K, and by Bell & Lin (1994) above 3730 K:

κ[cm2/g] =



10−4T2.1 T < 132 K
3T−0.01 132 ≤ T < 170 K
0.01T−1.1 170 ≤ T < 375 K
5x104T−1.5 375 ≤ T < 390 K
0.1T0.7 390 ≤ T < 580 K
2x1015T−5.2 580 ≤ T < 680 K
0.02T0.8 680 ≤ T < 9601 K
2x1081ρT−24 960 ≤ T < 15701 K

10−8ρ2/3T3 1570 ≤ T < 37301 K

10−36ρ1/3T10 3730 ≤ T < 100001 K

(A1)

For the purpose of the above equations, where opacity is de-
pendant on the local gas density, a density of 10−9gcm−3 is
used to calculate the temperature ranges where that opacity
law is appropriate.
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