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Abstract

The High Energy Stereoscopic System (H.E.S.S.) is a ground-based telescope which
detects gigaelectronvot (GeV) and teraelectronvolt (TeV) γ-rays. Many TeV γ-ray
sources are associated with high-energy environments such as pulsar wind nebulae
(PWNe) and supernova remnants (SNRs). However, the majority of these TeV γ-ray
sources are ‘unidentified’ or ‘dark’ sources as no clear counterpart to be powering
the γ-rays has been discovered. One of these ‘unidentified’ TeV γ-ray sources is
HESS J1804−216, which is the focus of this thesis. HESS J1804−216 has several
plausible counterparts investigated in detail in this thesis.

It is vital to have an understanding of the interstellar medium (ISM) surrounding
a very high energy (VHE) Galactic γ-ray source as it can lead to constraining the
nature of the source. Several scenarios for the origin of VHE γ-ray emission from
HESS J1804−216 have been considered. For a hadronic scenario, SNR G8.7−0.1 is
a plausible candidate for the acceleration of CR protons. Sufficient interstellar gas
as a target for CR collisions and γ-ray production is present in the corresponding
velocity component. Assuming an isotropic diffusion model, the CR proton spectra
from SNR G8.7−0.1 showed that this interpretation requires slow diffusion to match
the observed values. For an alternate hadronic scenario, the undetected progenitor
SNR of PSR J1803−2137 is another promising candidate. This is due to the derived
CR enhancement factors for this case matching the γ-ray observations well. For a
leptonic scenario, the TeV emission is produced by highly energetic electrons from
PSR J1803−2137 as a PWNe. A TeV γ-ray efficiency of 3% supports the PWN
scenario from an energetics point of view.

Expanding on this further, modelling of the diffusive energy-dependent escape of
CR protons and interaction with the surrounding ISM in the hadronic scenario is
performed for the two plausible SNR counterparts. The spatial and spectral distri-
butions of CRs are generated for a range of model parameters, describing, amongst
others, the diffusion and the injection spectrum of CRs. Gamma-ray morphology
maps and spectral distributions are created based on these CR distributions and the
ISM distribution for the two nearby plausible CR accelerators: SNR G8.7−0.1 and
the progenitor SNR of PSR J1803−2137.

Finally, all the available H.E.S.S. data is analysed to produce spatial morphol-
ogy maps and spectral distributions. The analysis shows that the spectrum of
HESS J1804−216 extends up to tens of TeV with a cutoff of Ecutoff = 24.7±18.4 TeV.
This is indicative of a PeVatron source. The morphology of γ-ray emission towards
HESS J1804−216 is investigated over different energy bands to perform an energy-
dependent morphology study. Both PWNe and SNR scenarios are investigated
for any energy-dependent morphology. The PWNe scenario is expected to exhibit
clear energy-dependent morphology, which is not consistent with the morphology
from this study. No clear evidence of energy-dependent morphology was found, as
supported by statistical tests. The observations for the SNR scenarios showed no
compelling evidence of energy-dependence. The modelled γ-ray emission, however,
indicated the presence of energy-dependent morphology. Therefore, the observations
and model for the SNR scenario were significantly different from one another.

v
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1 Introduction

Curiosity is the essence of our existence.

— Gene Cernan, American Astronaut

For thousands of years humans have gazed into the skies and marvelled at what lay
before them. Driven by our deeply curious nature, humans have continually ques-
tioned the unknown, searching for the answers to the many unanswered questions
about our universe. The field of astronomy is an ever changing one, advancing at
astronomical speeds. We once relied only on the naked eye for observation of the
night sky, however, with technological advances we can now detect light across the
entire electromagnetic spectrum.

Gamma rays are the most energetic form of electromagnetic radiation, found at the
farthest end of the electromagnetic spectrum. The highest energy γ-rays, often hav-
ing energy in the TeV (Tera-electron Volt ≡ 1012 eV) range, are generally produced
by particles with a non-thermal energy distribution, in the most extreme and vio-
lent processes in our universe. Hence, γ-rays become a useful probe in the study of
non-thermal astrophysical environments.

Very-high-energy (VHE) γ-rays are produced when accelerated “charged” cosmic
rays (hereafter cosmic rays or CRs refers to “charged” cosmic rays) collide with
matter. Earth is constantly bombarded by these CR particles from space. One of the
most intriguing mysteries in modern astrophysics is the origin of these CRs (protons,
nuclei). Since their discovery by Austrian physicist Victor Hess in the early 20th
century (Hess, 1912), they have become one of the most researched topics. Unveiling
the origin of CRs allows us to learn about high-energy astrophysical environments,
and hence γ-ray sources. By studying TeV γ-rays, an impact can be made on the
understanding of the extreme universe.

The state of the art facility to detect TeV γ-rays is the High Energy Stereoscopic
System (H.E.S.S.). H.E.S.S. has identified numerous sources in our Milky Way
galaxy (or ‘Galactic sources’), however, the exact nature of over 30% of these sources
still remains unknown (H.E.S.S. Collaboration et al., 2018). A significant portion
of these sources are classified as ‘unidentified’, meaning no convincing counterpart
to power the γ-ray source has been discovered.

TeV γ-rays are produced via two pathways in astrophysical environments; hadroni-
cally and leptonically. The hadronic production of γ-rays involves neutral pion de-
cay, when an accelerated CR collides with the interstellar medium (ISM). Leptonic
γ-rays are produced dominantly via inverse-Compton scattering, the upscattering of
background photons by high-energy electrons. Morphological matches between the
ISM gas and γ-ray emission are an indication of hadronic interactions, whilst for a
leptonic accelerator the ISM gas is expected to anti-correlate with the γ-ray source.
Mapping the ISM surrounding a TeV γ-ray source can therefore help to determine
the nature of the source. Radio telescopes are used to detect these molecular and
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atomic clouds in space.

This thesis makes use of radio telescopes to investigate the ISM to gain an under-
standing of the unidentified Galactic TeV γ-ray source HESS J1804−216.
HESS J1804−216 is one of the brightest and most mysterious γ-ray sources dis-
covered by H.E.S.S.. It has several potential counterparts which are investigated
throughout this thesis to place limits on the object that is powering the source.
This is done by using multi-wavelength data, in particular that from the ISM to
gain an understanding of the target material for cosmic rays. Modelling of the γ-ray
emission towards HESS J1804−216 using the ISM data will help to constrain the
nature.

The thesis is structured as follows:

Chapter 2 gives an overview of high-energy astrophysics with a focus on γ-ray as-
tronomy and the instruments used to detect these high-energy particles.

Chapter 3 summarises the techniques used to detect γ-rays, along with a brief ex-
planation of the instruments used throughout this thesis.

Chapter 4 gives a review of the basic theory behind tracing the ISM, including
explanations on molecular line emission physics, as well as the gas tracers utilised
within this thesis.

Chapter 5 is the first journal publication paper: K. Feijen et al. (2020), “Arcminute-
scale studies of the interstellar gas towards HESS J1804−216: Still an unidentified
TeV γ-ray source” PASA, 37, E056.

Chapter 6 is the second journal publication paper: K. Feijen et al. (2022), “Mod-
elling the Gamma-Ray Morphology of HESS J1804−216 from Two Supernova Rem-
nants in a Hadronic Scenario” MNRAS, 511, 5915-5926.

Chapter 7 describes the background and methods required to model the γ-ray emis-
sion from SNRs and to create the Python code ‘mario: modelling galactic gamma-
ray emission’.

Chapter 8 presents the methods used to analyse the H.E.S.S. data using the Python
package gammapy. This chapter involves looking for any indication of energy-dependent
morphology and the evidence for acceleration of particles to PeV energies.
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2 High-Energy Astrophysics

Somewhere, something incredible is waiting to be known.

— Carl Sagan, American Astronomer

Gamma-rays

CRs deflected by

magnetic fields

Neutrinos

CR Source
i.e. PSR, SNR,

AGN

Figure 2.1: High-energy astrophysical messengers: CRs, neutrinos and γ-rays, as
they propagate from their source (i.e. PSR, SNR, AGN) to Earth. Each messenger
has different properties and therefore may or may not interact with magnetic fields,
the interstellar medium or the Earths atmosphere as they propagate to Earth.
They can be detected by various instruments both in space and by ground-based
techniques. Image adapted from Einecke, 2017.

High-energy astrophysics is the study of highly energetic phenomena in the Uni-
verse. There are three types of messengers from high-energy astrophysical objects:
neutrinos, cosmic rays (CRs) and γ-rays (as shown in Figure 2.1). CRs are affected
by magnetic fields as they travel to Earth, resulting in a direction change (Berezin-
skii et al., 1990). This makes tracing their origin difficult, except at the highest
energies (1019 eV). As a CR enters the Earth’s upper atmosphere it interacts leading
to a shower of particles. These particles are detected with ground-based meth-
ods such as the Pierre Auger Observatory (The Pierre Auger Collaboration, 2015)
which is a CR observatory in Argentina that aims to decipher their origin and ex-
istence. Gamma rays and neutrinos are however uncharged particles, so their paths
are not altered by magnetic fields. Gamma rays are detected by both space-based
(i.e. Fermi-LAT, Atwood et al., 2009) and ground-based techniques. The primary
γ-ray can interact with the Earths upper atmosphere inducing an air shower. The
Cherenkov light originating from these showers can be detected with Imaging Atmo-
spheric Cherenkov Telescopes, such as H.E.S.S. (High Energy Stereoscopic System,
Aharonian et al., 2005) and CTA (Cherenkov Telescope Array, CTA Consortium
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et al., 2018). Neutrinos have a low chance of interacting, so are not affected as
they travel through the Universe. This, however, means that large detector volumes
are required to increase the chance of interaction within the detector. IceCube is a
neutrino detector at the South Pole which utilises the ice to detect the Cherenkov
light from neutrino induced interactions (Aartsen et al., 2017).

The following chapter describes the high-energy astrophysical events which lead to
the production of γ-rays. An overview of CR protons and electrons, including how
they are accelerated to high energies is presented. Finally, the production pathways
of high-energy γ-rays are described.

2.1 Galactic TeV Gamma-ray Sources

In 1989, the first detection of TeV γ-rays was achieved, with observations of the Crab
Nebula by ground-based methods (Weekes et al., 1989). Since then, many different
sources of γ-rays have been established using both space-based (at GeV energies)
and ground-based γ-ray observatories. The H.E.S.S. Galactic Plane Survey (HGPS,
H.E.S.S. Collaboration et al., 2018) provides the most extensive list of VHE Galac-
tic γ-ray sources to date, with 78 catalogued sources. VERITAS (Very Energetic
Radiation Imaging Telescope Array System, Weekes et al., 2002) is another γ-ray
telescope array which has surveyed the Cygnus region in depth at γ-ray energies
(Abeysekara et al., 2018). HAWC (High Altitude Water Cherenkov, Abeysekara
et al., 2012) is a very high-energy γ-ray observatory which maps the northern sky.
The 3HWC catalog (Albert et al., 2020) provides an all-sky survey of point-like
and extended sources. LHAASO (Large High Altitude Air Shower Observatory)
will provide information on the highest energy γ-rays, with a particular focus on
accelerating particles to PeV energies (Cao et al., 2019; Cao et al., 2021).

Particles are accelerated to high energies by various events which are both Galactic
and extragalactic in origin. This thesis focuses on Galactic sources such as supernova
remnants, pulsar wind nebulae, massive stars, and stellar clusters. The majority of
these sources are located along the Galactic plane, as shown in Figure 2.2. Figure 2.3
shows the distribution of Galactic TeV γ-ray sources from the HGPS, note the large
fraction of unidentified sources.

2.1.1 Unidentified Sources

A significant portion (over 30%) of the Galactic TeV sources discovered to date are
classified as ‘unidentified’. This means no convincing candidate has yet been found
to power the source. It is often the case that these source candidates lack emission
in multiple wavelengths, making them difficult to identify (Hinton and Hofmann,
2009). Numerous unidentified sources have several plausible candidates which could
be powering the γ-ray source. As the particle acceleration mechanism is unclear,
they are frequently referred to as ‘dark accelerators’. It is often suggested that these
γ-ray sources are hadronic in origin as they lack X-ray synchrotron emission which
limits the presence of multi-TeV electrons (Hinton and Hofmann, 2009).
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90°
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PWN
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Figure 2.2: Sky map of the TeV γ-ray sources as of June 2021, plotted in Galactic
coordinates. The lower bar shows a zoomed in image of a portion of the Galactic
plane. Image adapted from the online source catalogue, TeVCat (Wakely and
Horan, 2021).

PWNSNR
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78
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Figure 2.3: Pie chart showing the Galactic TeV γ-ray sources from the HGPS
(H.E.S.S. Collaboration et al., 2018), noting that a large population of sources
remains unidentified.
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A promising method used for investigating and potentially determining the nature of
these unidentified sources is by studying the interstellar gas which surrounds the TeV
γ-ray source. By analysing the morphology of the gas using different tracers (i.e.
hydrogen, carbon monoxide, carbon monosulfide, see Chapter 4), in conjunction
with spectral line absorption and emission, it is possible to distinguish between
hadronic and leptonic acceleration, and between different source types. Multiple
authors (Moriguchi et al., 2005; Fukui et al., 2012; Lau et al., 2017; de Wilt et
al., 2017; Voisin et al., 2019; Sano et al., 2019) have investigated the distribution
and morphology of the ISM towards Galactic TeV γ-ray sources (in particular the
unidentified ones) using radio observations (described in Chapter 3).

2.1.2 Supernova Remnants

A prominent candidate for accelerating CRs are supernova remnants (SNRs, Baade
and Zwicky, 1934). During a supernova the gravitational collapse overcomes electron
degeneracy pressure causing atoms to break into their constituent nuclides. The
core then reaches nuclear density. Neutron degeneracy pressure stops this collapse,
allowing the neutrinos that were trapped in the core to be released causing an intense
explosion. The initial object is known as the ‘progenitor’ star.

Supernova are observationally classified by two types: Type I or Type II. Type I are
divided into three or more subtypes: Ia, Ib, and Ic. Type Ia are of interest in the
thesis. Type Ia supernova occur in a binary system in which the companion star
accretes matter onto a white dwarf. When the mass of the white dwarf exceeds the
Chandrasekhar limit (1.44M�) the core collapses causing a thermonuclear explosion.
Type II supernova (or core-collapse supernova) occur in stars with mass≥ 8M�. The
star burns through layers of fuel as the core contracts and heats which causes ignition
of heavier elements in the star. Once the star burns through most of its fuel, it is
left as an iron core surrounded by shell burning materials. These outer layers of
the star fall towards the core, and bounce back causing a supernova explosion. For
further details on both types of supernova explosion see e.g. Woosley and Weaver,
1986; Leibundgut, 2000.

The evolution of SNRs is described by three main stages: the free expansion phase,
Sedov-Taylor phase and radiative phase (Chevalier, 1977). Free expansion occurs
for age less than ∼300 yr. As a supernova explodes its shock wave expands into
the surrounding ISM creating a forward shock which moves into the ISM and a
reverse shock travelling back into the ejecta (see Figure 2.4). During this phase
(free expansion) the ISM has no influence on the expansion of the shock. The shock
radius scales as Rsh = vsht, where the shock velocity, vsh, is constant. The SNR
accelerates CRs to the highest energies in the transition between this phase and the
Sedov-Taylor phase (Ptuskin and Zirakashvili, 2005). The reverse shock continues
to travel inwards, whilst continuing to cool adiabatically. The initial shock velocity
remains constant until the Sedov-Taylor phase is initiated in which the mass of the
swept up material exceeds the mass of the supernova ejecta (Sedov, 1959; Taylor,
1950; Truelove and McKee, 1999).
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Figure 2.4: Schematic of supernova structure (Truelove and McKee, 1999).

In Sedov-Taylor phase the shock radius and velocity are given by Equations 2.1
and 2.2, respectively (Truelove and McKee, 1999).

Rsh =
(
ξ0
ESN

ρ0

)1/5

t2/5 (2.1)

vsh = 2
5

(
ξ0
ESN

ρ0

)1/5

t−3/5 (2.2)

where ESN is the kinetic energy released in the supernova explosion, ρ0 is the density
of the ISM and ξ0 = 2.026 (Taylor, 1950; Sedov, 1959). Equations 2.1 and 2.2 assume
the shock is expanding into a uniform medium. The Sedov-Taylor phase occurs until
an SNR age of ∼20 kyr. The shock begins to slow down as it continues to expand
and cool adiabatically until temperatures of ∼106 K, when it enters the radiative
phase (Blondin et al., 1998). The radiative phase has a shock radius of Rsh ∝ t1/4

and shock velocity of vsh ∝ t−3/4 (Cioffi et al., 1988). Ionised atoms start to capture
free electrons and lose their energy by radiation. When these radiative losses become
significant, the adiabatic expansion of the SNR ends (Reynolds, 2008) allowing the
shock to cool further. The SNR will then dissipate into the surrounding ISM. The
evolution of the SNR described here is depicted in Figure 2.5.
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Figure 2.5: Evolution phases of SNRs as described in the text. Image adapted
from Padmanabhan, 2001.

For a typical supernova explosion, several solar masses of material are released at
initial speeds of ∼104 km/s. The matter ejected in this process has a total canonical
kinetic energy of more than 1051 erg. Of this ∼10− 50% is expected to be converted
into CRs (Chevalier, 1977; Canto, 1977; Drury et al., 1989; Berezhko and Völk,
1997). The expanding shock wave interacts with the ISM. This creates an expand-
ing nebula structure which is known as a SNR. The particles, often protons, are
accelerated as they are deflected back and forth across the shock wave by magnetic
fields. These conditions allow diffusive shock acceleration (DSA) to occur (Fermi,
1949, see Section 2.2.2). Particles gain enough energy to escape the shock front and
interact with molecular clouds to create γ-rays.

SNRs are believed to accelerate both CR protons and electrons at their shock front
(Blandford and Ostriker, 1978). In an SNR environment TeV γ-rays can there-
fore be produced either via hadronic processes (proton-proton collisions) or leptonic
(electron interactions) processes. Evidence of proton acceleration is seen at multiple
SNR sites, for example SNR W28, SNR W44 and IC 443 (H. Li and Chen, 2010;
Ackermann et al., 2013; H.E.S.S. Collaboration et al., 2018). X-ray observations
of various SNRs show the acceleration of electrons to high energies is plausible at
the shock front (Koyama et al., 1995; Keohane et al., 1997; Slane et al., 1999; Slane
et al., 2001; Ohira et al., 2012). It is likely that SNRs produce γ-rays through a
combination of both accelerated CR protons and electrons.
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2.1.3 Pulsar Wind Nebulae

Another dominant source of TeV γ-rays are pulsar wind nebulae (PWNe, H.E.S.S.
Collaboration et al., 2018). A pulsar is a highly magnetised, rapidly-rotating neutron
star, resulting from the collapse of the progenitor star’s compact core during a
supernova explosion. The spin period of a pulsar slows down due to the magnetic
axis being misaligned to the rotation axis, causing the loss of rotational energy. The
rate of rotational energy loss is described through the spin-down power given by:

Ė = 4π2IṖ

P 3 , (2.3)

where I is the moment of inertia of the pulsar, P is the spin period and Ṗ is the
period derivative. The strong rotating magnetic field causes an electric field to be
produced hence allowing charged particles, commonly electrons, to be accelerated
to very high energies. This creates a plasma around the pulsar region, which forms
a dense magnetosphere defined by the closed magnetic field lines. Figure 2.6 shows
a schematic of pulsar with its magnetic field lines.

Radiation 

beam

Magnetic axis

Neutron 

star

Rotation axis

Magnetic

field lines

Figure 2.6: Structure of pulsar environment with its magnetic fields lines, show-
ing the magnetic field is misaligned to the rotation axis. Image adapted from
Kaspi et al., 2006.

The strong magnetic field lines lead to particles being accelerated to relativistic
speeds. As these particles emanate from the pulsar, a shock front is created as they
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interact with the ISM. This results in relativistic winds of charged particles, often
comprised of electrons and positrons. These winds form a pulsar wind nebula as
they travel radially outwards.

Figure 2.7 shows the different stages of PWNe evolution as described here. Stage
1 occurs when the age of the pulsar is less than 10 kyr, in which the pulsar is still
positioned close to its birthplace. It is surrounded by the electron-positron wind.
In this stage, the PWNe is still surrounded by the expanding SNR, which creates a
forward shock. (FS) as the supernova ejecta moves outwards into the surrounding
ISM. A reverse shock (RS) is also present in which the ejecta is decelerated. The
contact discontinuity (CD) is the region between the two shocks. At later times
where t ∼ 10-100 kyr (Stage 2), the reverse shock meets the PWNe leading to
disruption and compression of the PWNe. This compression leads to an increase
in pressure causing the PWN to rapidly expand again. The system repeats this
behaviour several times (Blondin et al., 2001), resulting in a distorted nebula. This
is typically ‘crushed’ on one side and the pulsar is offset from the central position
of the nebula. After ∼100 kyr (Stage 3) the pulsar escapes its SNR interior and
propagates through the ISM. A bow shock is formed, allowing high energy particles
to be accelerated and form a ‘TeV halo’. Further information on the evolution of
PWNe see e.g. Blondin et al., 2001; Gaensler and Slane, 2006; Giacinti et al., 2020.A&A proofs: manuscript no. aanda
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Fig. 1. Sketch of the main evolutionary stages of a PWN. The upper left panel shows early times, t . 10 kyr (“stage 1”), when the PWN is
contained inside the SNR and before the reverse shock (RS) interacts with it. The SNR forward shock (FS) and contact discontinuity (CD) are
plotted with green lines. The electrons that are responsible for the TeV gamma-ray emission of the nebula are thought to be confined within the
nebula at this stage. The upper right panel shows intermediate times, t ∼ 10− 100 kyr (“stage 2”), after the PWN is disrupted by the reverse shock,
but before the pulsar escapes its SNR. At this stage, TeV gamma-ray emitting electrons start to escape from the PWN, into the SNR and possibly
into the ISM. The lower panel depicts the system at late times, t & 100 kyr (“stage 3”), when the pulsar has escaped from its —now fading—
parent SNR. At this stage, high-energy electrons escape into the surrounding ISM, and may, only then, form a halo. See the text in Section 2 for
more details. The key is in the lower left corner. In all three panels, the ISM density gradient is upwards, and the pulsar “kick” velocity towards
the left.

than the physical size of the PWN as determined in other wave-
lengths. Within the X-ray domain, the physical PWN size is
also often energy dependent, which is interpreted as a signature
of the rapid cooling of the highest energy electrons producing
the keV synchrotron emission. Indeed, the typical cooling time
of electrons emitting photons with characteristic energy hνc is
∼ 103 yr (B/10 µG)−3/2(hνc/5 keV)−1/2. In the radio domain, the
cooling effect is unimportant, but surface brightness sensitivity
is usually sufficient only for young and compact sources.

Here we consider various estimates of the expected size of
the nebulae around pulsars that have been associated to TeV
emission, comparing these estimates to the measured sources
sizes. We also assess the fraction of the power that is present in
sources with and without halos and hence their contribution to
the total gamma-ray emission of all pulsars within star-forming
systems.

2. Pulsar Wind Nebula Evolution

According to the above definition, halos may exist only around
PWN whose electrons and positrons have started to escape into
the surrounding, unperturbed ISM. It is therefore instructive to
recall briefly the main stages of the evolution of a PWN. The
environment of pulsars changes dramatically over time, firstly
as contained within an evolving supernova remnant (SNR), and
finally within the general ISM when the “kick” velocity received

by the pulsar at birth moves it beyond the decelerated shell of the
host SNR. There is considerable literature associated with PWN
evolution, including several reviews, see in particular Gaensler
& Slane (2006). In general, however, the existing work focuses
on X-ray and radio, rather than TeV emission, and/or exclusively
on the early to middle ages (� 100 kyr) of PWN evolution. Here
we consider briefly the physical properties of the region from
which TeV emission originates during the lifetime of a pulsar.

Figure 1 illustrates three stages in the evolution of a TeV-
emitting PWN. We depict in chronological order: first, the sys-
tem at early times t . 10 kyr after the supernova in the upper
left panel, then intermediate times t ∼ 10 − 100 kyr in the upper
right panel, and, finally, late times t & 100 kyr in the lower panel.
Hereafter, we refer to these three stages as “stage 1”, “stage 2”,
and “stage 3”, respectively. In all three panels of this sketch, the
“kick” velocity that is initially imparted to the pulsar during the
supernova explosion is assumed to point towards the left, and
the ISM density gradient in which the SNR evolves to point “up-
wards”. The areas shaded in grey correspond to the SNR, and
the surrounding —solid, dashed or dotted— green lines denote
the location of its forward shock. The black dots show the lo-
cation of the pulsar, the PWN is shaded in blue, and the pulsar
wind termination shock is represented with the thin solid blue
line inside the PWN. The inset in the lower panel corresponds
to an enlargement of the innermost regions of the PWN in stage
3. The high-energy electrons and, or, positrons that are respon-

Article number, page 2 of 10

Figure 2.7: Sketch of the stages of PWNe evolution. Stage 1: the pulsar is
close to its birth position and the PWN is contained in the SNR. RS, CD and FS
indicate the reverse shock, contact discontinuity and forward shock, respectively,
as described in text. Stage 2: the PWN has been disrupted leading to an irregular
nebula. Stage 3: the pulsar leaves the SNR interior as high-energy electrons
interact with the surrounding ISM forming a ‘TeV halo’. Image from Giacinti et
al., 2020.
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TeV γ-rays may be produced by these PWNe. Emission of γ-rays from PWNe
is plausible via two main mechanisms: inverse Compton scattering of low-energy
photons by accelerated electrons, or non-thermal synchrotron radiation (typically
observed in the radio to X-ray band). The Crab pulsar is a well-studied example of
a pulsar producing high-energy γ-rays (Bogovalov and Aharonian, 2000).

2.1.4 Stellar Clusters

Stellar clusters are believed to be another source of TeV γ-rays. These clusters
contain a large number of energetic stars, with high-velocity stellar winds. These
strong winds collide with one another to form a termination shock, which is able to
accelerate particles to high energies (Abramowski et al., 2012). Two stellar clusters
detected with H.E.S.S. are Westerlund 1 and Westerlund 2, which are young clusters
containing evolved high-mass stars such as Wolf-Rayets and OB supergiants and
hypergiants (Abramowski et al., 2012; Aharonian et al., 2007). Given that these
clusters can contain many different CR accelerators such as SNRs and pulsars, this
makes the emission mechanism difficult to determine.

2.2 Cosmic-ray Protons and Electrons

CRs are highly energetic protons, electrons and heavier nuclei which travel through
the universe at speeds close to the speed of light, until they collide with other
particles or convert their energy to photons in the cosmic microwave background
(CMB). Due to their charged nature, their direction is altered as they travel through
Galactic magnetic fields, making CR directional analysis difficult.

2.2.1 The Origin of Cosmic Rays

Victor Hess performed various experiments on a hot air balloon flight, to find that
the atmospheric ionisation rate increases with altitude (Hess, 1912). He concluded
that this radiation comes from outer space, which led to the discovery of CRs. One
of the most intriguing mysteries in modern astrophysics is the origin of these CRs.

These highly energetic CRs are constantly incident upon Earth with a large range
of energies from 107 eV to as high as 1020 eV. The CR energy distribution at Earth
is described by the power law:

dN

dE
∝ E−α , (2.4)

where N is the number of particles incident upon the Earth’s atmosphere, E is the
energy of CRs and α is the spectral index which varies with energy (Thoudam et al.,
2016). The behaviour of a power law means the CR flux decreases rapidly as energy
increases, as shown by the energy spectrum of CRs in Figure 2.8. At CR energies of
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∼1013 eV there is approximately 1 particle/m2/s, whilst at higher energies (1019 eV)
this is dramatically reduced to only 1 particle/km2/year.

Figure 2.8: The CR energy spectrum (and mass composition) as viewed at
Earth with data points from numerous CR experiments. Image from Schröder
et al., 2019.

The energy spectrum of CRs in Figure 2.8 exhibits the power law behaviour from
Equation 2.4, however, there are four areas in which the spectrum varies. These are
known as the ‘knee’, ‘second knee’, ‘ankle’ and the high-energy cut-off. At an energy
of ∼3×1015 eV the flux of the CRs begins to steepen from a spectral index of α ∼ 2.7
to α ∼ 3.1, at ∼1018 eV the flux steepens again to α ∼ 3.3, then at ∼4 × 1018 eV
the flux begins to flatten out with a spectral index of α ∼ 2.7, these are the ‘knee’,
‘second knee’ and ‘ankle’ respectively (Thoudam et al., 2016). The flux decreases
rapidly at energies above ∼6 × 1019 eV which is known as the Greisen-Zatsepin-
Kuzmin (GZK) cut-off. CRs above this energy can no longer reach us directly due
to losing energy through interactions with CMB photons as they propagate to Earth
(Greisen, 1966; Zatsepin and Kuz’min, 1966) or due to the limits on the available
energy of the accelerator (Hillas, 1984).

CRs with energies below 1010 eV have strong evidence of being solar CRs (Kotera
and Olinto, 2011). For GeV (109 eV) and TeV (1012 eV) energies, CRs are believed
to originate from Galactic sources, for example SNR shock environments or PWNe
(Thoudam et al., 2016). The SNR population is believed to have sufficient power
(∼1041 erg/s) to support the total Galactic CRs up to the knee (Blandford and
Eichler, 1987). The higher energy CRs are believed to originate from extragalactic
sources such as clusters of galaxies, Active Galactic Nuclei (AGN) or γ-ray bursts.
The exact origin of CRs in the energy region between the ‘knee’ and ‘ankle’ is still
unclear, as this region involves a mixture of both galactic and extragalactic origins
(Swordy, 2001; Jokipii and Morfill, 1987; Protheroe and Szabo, 1992).
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2.2.2 Cosmic-ray Acceleration

As discussed previously CRs are accelerated by various extreme astrophysical objects
(see Section 2.1). The following section discusses the method for accelerating CRs
to high energies. In 1949, Fermi proposed a model to explain the acceleration of
low-energy particles to ultra-high energies. Fermi acceleration is the acceleration of
low-energy CRs by the interaction of such particles with the magnetic fields inside
interstellar clouds (Fermi, 1949). This mechanism is believed to be the primary way
in which particles gain energy in a shock environment. There are two classifications
of Fermi acceleration: first-order and second-order.

Second-Order Fermi Acceleration
Molecular clouds have regular motion around the galaxy. In addition, these clouds
also exhibit turbulence in their magnetic fields caused by the local random velocities
of ∼15 km/s (Fermi, 1949; Protheroe and Clay, 2004). As a CR enters a molecular
cloud, it is deflected by turbulent magnetic fields within the cloud, leading to either
a gain or loss in energy. The energy change is dependent on the type of collision; a
head-on collision results in an energy gain, whilst a tail-on collision ends in an energy
loss. A charged particle with energy Ei enters a cloud at an angle of θi with respect
to the clouds velocity, vcloud. The particle is scattered by the turbulent magnetic
fields inside the cloud and escapes at an angle of θf with energy Ef . This process is
depicted in Figure 2.9. Two frames are considered for this scenario; the cloud frame
(primed) and the laboratory frame (unprimed). It is possible to move between these
frames using Lorentz transformations.

Laboratory frame Cloud frame

𝑣cloud
𝐸f

𝐸i

𝑣cloud

𝜃i 𝜃f

𝐸f′

𝐸i′

𝜃i′ 𝜃f′

Figure 2.9: Illustration of Fermi acceleration. Left: The laboratory frame, the
particle of energy Ei enters the cloud, with velocity vcloud, at an angle of θi. This
particle exits the cloud, after being scattered by the magnetic field, at an energy
of Ef and angle of θf . Right: The cloud frame (primed frame), which is described
by the same process. Image adapted from Protheroe and Clay, 2004.
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The initial energy in the cloud frame is given by:

E ′i = γcloudEi(1− βcloud cos θi) , (2.5)

where βcloud = vcloud/c and γcloud = 1/
√

1− β2
cloud. The scattering of the CR by the

cloud is collisionless, hence there is no change in energy in this frame:

E ′f = E ′i
= γcloud Ei(1− βcloud cos θi) .

(2.6)

In the laboratory frame, the energy of the particle exiting the cloud is:

Ef = γcloudE
′
f(1 + βcloud cos θ′f)

= γ2
cloudEi(1− βcloud cos θi)(1 + βcloud cos θ′f) .

(2.7)

In this frame there is a fractional change in the energy entering and exiting the
cloud, as shown by Equation 2.8.

∆E
E

= Ef − Ei

Ei

= 1− βcloud cos θi + βcloud cos θ′f − β2
cloud cos θi cos θ′f

1− β2
cloud

− 1 .
(2.8)

To determine the average fractional energy change per crossing the average values
for cos θi and cos θ′f need to be determined. Inside the cloud, the direction of the CR
is randomized as it scatters off the magnetic field irregularities, hence 〈cos θ′f〉 = 0.
Calculating the average of cos θi however depends on the collision rate of CRs with
the cloud at different angles. The probability of collision is Pcoll ∝ (1− βcloud cos θi)
for −1 < cos θi < 1. Therefore, the average of the cosine of the incident angle is

〈cos θi〉 =
∫

cos θi Pcoll d(cos θi)∫
Pcoll d(cos θi)

= −βcloud

3 . (2.9)

Using the above results, the average fractional energy change is obtained from Equa-
tion 2.8.

〈
∆E
E

〉
= 4

3 β
2
cloud (2.10)

Equation 2.10 shows that the average change in energy is positive. This means a
head-on collision is more probable than a tail-on collision and so on average the
CRs gain energy, i.e. the CRs are accelerated on average. It is important to note,
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however, that this average energy gain is very small due to βcloud � 1. This process
would later be called ‘second-order Fermi acceleration’, due to the proportionality
to the square of βcloud. There are almost as many head-on collisions (energy gains)
as tail-on collisions (energy loss) in this system in addition to a very small energy
gain, therefore it is not possible for this process to account for the observed flux of
accelerated CRs.

First-Order Fermi Acceleration
In the 1970s a new theory was suggested (Bell, 1978; Blandford and Ostriker, 1978;
Axford et al., 1977), to modify Fermi’s original model to include a description of
the acceleration at astrophysical shock fronts. In this scenario, CRs are able to
pass the shock front where they are scattered off the magnetic field existing within
the medium on the opposite side of the shock, allowing the CR to return to the
other side of the shock. As this can occur a number of times and the collisions are
head-on, the CR particle gains energy after each crossing. This process is known as
‘first-order Fermi acceleration’ or more commonly ‘diffusive shock acceleration’.

A shock front is created as the ISM and associated magnetic field pile up in front of
the matter ejected from a violent astrophysical event, such as a supernova explosion.
This shock front travels at a very high velocity (vshock) compared to the velocity of
the surrounding medium. The magnetic field irregularities on either side of the shock
cause the CRs to be scattered. These magnetic irregularities can be visualised as
magnetised clouds which move at a velocity of vejecta (see Figure 2.10). A CR can be
scattered off a magnetised cloud to pass the shock front from downstream (behind
the shock) to upstream (ahead of the shock), and back. This CR will cross the shock
multiple times before it escapes the system.

For non-relativistic shocks (vejecta � c) the rate at which CRs cross the shock from
upstream to downstream (RU→D) and downstream to upstream (RD→U) with respect
to the CR number density, nCR, and CR speed, vCR is given by:

RU→D ∼ −nCR vCR cos θi

RD→U ∼ nCR vCR cos θ′f .
(2.11)

Here, θi is the angle between the direction of the CR and the shock (90◦ < θi < 180◦)
in the laboratory frame as the particle moves downstream and θ′f is the angle between
the direction of the CR and the shock (0◦ < θ′f < 90◦) in the shock frame as the
particle moves upstream. The average values for cos θi and cos θ′f , provided the
distribution of CRs is isotropic, are given in Equation 2.12. The probability of
cos θi on shock crossing is P (cos θi) ∝ − cos θi and for cos θ′f on shock crossing is
P (cos θ′f) ∝ cos θ′f .



2 HIGH-ENERGY ASTROPHYSICS 17

Downstream Upstream

𝜃𝑖

𝜃𝑓

𝐸i

𝐸i

𝐸i 𝐸i

𝐸f𝐸f
𝐸f

𝐸f

𝑣ejecta

𝑣ejecta

𝑣shock

shock

Figure 2.10: Particles being scattered off magnetised clouds on either side of a
shock. The velocity of the shock and eject are, vshock and vejecta, respectively. In
this simplified schematic the particle crosses the shock only twice, but in reality
this would occur multiple times. Image adapted from Protheroe and Clay, 2004.

〈cos θi〉 =
∫ 0
−1 P (cos θi) cos θi d(cos θi)∫ 0
−1 P (cos θi) d(cos θi)

=
∫ 0
−1 cos2 θi d(cos θi)∫ 0
−1 cos θi d(cos θi)

= −2
3

〈cos θ′f〉 =
∫ 1

0 P (cos θ′f) cos θ′f d(cos θ′f)∫ 1
0 P (cos θ′f) d(cos θ′f)

=
∫ 1

0 cos2 θ′f d(cos θ′f)∫ 1
0 cos θ′f d(cos θ′f)

= 2
3

(2.12)

The average fractional change per crossing is found by combining Equation 2.8
(where vcloud = vejecta) and Equation 2.12, and assuming βejecta = vejecta/c.

〈
∆E
E

〉
=

1− βejecta〈cos θi〉+ βejecta〈cos θ′f〉 − β2
ejecta〈cos θi〉〈cos θ′f〉

1− β2
ejecta

− 1 (2.13)

For βejecta � 1: 〈
∆E
E

〉
∼ 4

3 βejecta = 4
3
vejecta

c
. (2.14)

The compression ratio, R ≡ ρshocked/ρunshocked, is used to relate the velocity of the
shock vshock and the velocity of the ejecta vejecta (see Equation 2.15). For strong
shocks, such as a supernova shock, the ratio of the density of the shocked and
unshocked gas is R = 4 (Reynolds, 2008).
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vshock

vejecta
= R

R− 1 = 4
3 (2.15)

Applying this to Equation 2.13, the average fractional change in energy is〈
∆E
E

〉
∼ 4

3
vejecta

c
= vshock

c
. (2.16)

The fractional energy change per collision for this process is higher than Fermi’s
original theory due to being first order in βshock = vshock/c. Thus, diffusive shock
acceleration is more efficient at accelerating particles than second-order Fermi ac-
celeration and is more likely to accelerate CRs to the observed energies.

Diffusive shock acceleration leads to a differential CR spectrum of

dN

dE
∝ E−

R+2
R−1 . (2.17)

See Appendix A for further information. The well-known result of dN/dE = E−2 is
obtained assuming a strong shock (R = 4) and that the particles do not effect the
shock. Variation of the spectral index is expected between different models due to
uncertainty in the shock dynamics. For example, Marcowith et al., 2006 obtain a
spectral index of α ∼ 2.3. Energy-losses are significant during propagation of the
particles from their source to Earth. Heavier CR nuclei (e.g. Fe, C, O) are expected
to experience spallation from collisions during their propagation to Earth, which
would create secondary (lighter) CR nuclei (e.g. Li, Be, B, Cheng and Romero,
2004). These factors result in a steepening of the CR energy spectrum, which could
explain the spectral index of α ∼ 2.7 in the observed CR spectrum at Earth.

2.3 Production of Gamma Rays

Throughout the universe, thermal radiation is observed across most of the electro-
magnetic spectrum. The radiation from these thermal sources obey Planck’s law,
which describes the emission from a black-body. This black-body radiation is char-
acteristic to the source, where the temperature is proportional to the peak frequency
emitted. These thermal sources, however, cannot account for all radiation detected.
Non-thermal processes can produce electromagnetic radiation from low-energy ra-
dio emission to the highest energy photons in our universe, γ-rays. There are two
pathways in which γ-rays are produced in astrophysical environments; hadronically
(from protons and nuclei) and leptonically (from electrons). Figure 2.11 shows these
scenarios. This section outlines the common processes in which high-energy γ-rays
are produced.
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Figure 2.11: The different production mechanisms of high-energy γ-rays.

2.3.1 Hadronic Origin of Gamma Rays

The hadronic mechanism of γ-ray production occurs when a CR collides with the
nuclei of matter. This is most commonly a proton-proton interaction (the same
as in the Large Hadron Collider at CERN) which results in γ-rays being produced
via pion decay (see e.g. Ginzburg and Syrovatskii, 1964). There are three different
channels; neutral pion decay and charged pion decay (positive and negative). The
mean lifetime of a neutral pion ∼10−16 s is much shorter than a charged pions mean
lifetime ∼10−8 s (Martin and Shaw, 2009). These pions are produced in roughly
equal quantities at high energies.

p+ p→


π0 + p+ p

π+ + π− + p+ p

π+ + n+ p

(2.18)

where p represents a proton in the form of a CR and a proton from the ISM. Neutral
pions, π0, decay to produce a pair of γ-ray photons.

π0 → 2γ (2.19)
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Charged pions, π±, decay to produce muons, muon neutrinos and muon anti-neutrinos.
These products then go on to decay to produce electrons and positrons, as shown
by Equations 2.20 and 2.21 (see e.g. Martin and Shaw, 2009, for an overview).

π+ → µ+ + νµ

π− → µ− + νµ
(2.20)

µ+ → e+ + νe + νµ

µ− → e− + νe + νµ
(2.21)

In a proton-proton interaction, the primary proton loses approximately half of its en-
ergy to the leading proton or nuclei. The rest of the energy is used in the production
of pions. Due to this, a significant amount of the energy from the primary proton
is given to the γ-rays produced (Eγ ∼ 0.17Ep, Kelner et al., 2006). The energy
loss rate of protons for proton-proton interactions depends on the ambient medium
number density, n, the total cross section of proton-proton collisions, σpp, and the
inelasticity for a single interaction, f ∼ 0.5 (Gaisser, 1990), shown in Equation 2.22.

dEp

dt
= nσpp f cEp , (2.22)

where Ep is the energy of the initial proton.

The cooling time is described as the time taken for a particle to radiate all its energy
through a single process, given by τi ∼ Ei/(dEi/dt) (Rybicki and Lightman, 1986).
The radiative cooling time of protons through proton-proton collisions is (Aharonian
and Atoyan, 1996):

τpp = (nσpp f c)−1 ≈ 6× 107 (n/cm−3)−1 yr , (2.23)

where σpp and κ are the cross-section and inelasticity of proton-proton collisions,
respectively. These parameters are approximated by the mean values of σpp ≈ 40 mb
and κ ≈ 0.45 from Gaisser, 1990.

2.3.2 Leptonic Origin of Gamma Rays

Leptonic γ-rays are produced through electron interactions. There are three main
processes; inverse Compton scattering, Bremsstrahlung and synchrotron radiation.
As electrons are less massive than CRs, they lose energy faster and are more influ-
enced by different effects, such as synchrotron losses.
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Inverse Compton Scattering
Inverse Compton scattering is a process in which high-energy electrons and positrons
(e±LE) scatter low-energy photons (γLE) to produce γ-rays in the MeV energy range
and above, shown by Equation 2.24 (Blumenthal and Gould, 1970). These low-
energy photons are generated in a number of different ways, such as radio, infrared,
optical, however, they are most commonly from the CMB which is spread throughout
the universe.

e±HE + γLE → e
′±
LE + γTeV (2.24)

The energy loss rate of electrons for the inverse Compton scenario is given by (Blu-
menthal and Gould, 1970):

dEe

dt

∣∣∣∣∣
IC

= 4
3 Urad c γ

2 σ , (2.25)

where Urad is the radiation energy density, c is the speed of light and γ is the
electron Lorentz factor. The interaction cross-section, σ, can be approximated by
the Thomson cross-section, σT (Equation 2.26), when the rest mass energy is much
greater than the electron energy.

σT = 8π
3

q2

4π ε0me c2 (2.26)

The charge and mass of the electron is q and me, respectively. The permittivity of
free space is ε0 ∼ 8.86 × 10−12 m−3 kg−1 s4 A2 (Longair, 2011). For electrons, the
Thomson cross-section is σT = 6.65× 10−29 m2. For higher electron energies, where
the electron energy is much greater than the rest mass energy, the inverse Compton
scattering emission is suppressed. This causes a cut-off in the photon spectra at an
energy of ∼50 TeV. Above this energy is the Klein-Nishina regime (Moderski et al.,
2005). The Klein-Nishina cross-section is

σKN = πr2
e

1
x

([
1− 2(x+ 1)

x2

]
ln(2x+ 1) + 1

2 + 4
x
− 1

2(2x+ 1)2

)
, (2.27)

where the electron radius is re = e2/(4πε0mec
2) and x = ~ω/mec

2. Here ~ =
h/2π, where h = 6.626 × 10−24 J s is Planck’s constant and ω is the frequency of
the incoming photon. The Klein-Nishina cross-section in the ultra-relativistic limit
(γ � 1) can be approximated by:

σKN = πr2
e

1
x

[
ln(2x) + 1

2

]
. (2.28)

An initial photon of energy, εi, undergoes inverse Compton scattering with an elec-
tron of energy, Ee, where the resulting energy of the photon produced, Eγ, is:



2 HIGH-ENERGY ASTROPHYSICS 22

Eγ ≈
(
Ee

mc2

)
εi = γ2

e εi . (2.29)

The inverse Compton cooling time tIC is given by (Aharonian, 2004):

τIC ≈ 3× 108(Urad/eV/cm3)−1(Ee/GeV)−1 yr , (2.30)

where Urad is 0.26 eV/cm3 (the energy density of the CMB) and Ee is the electron
energy. For any given H.E.S.S. source 100 GeV γ-rays (the lower limit detectable by
H.E.S.S.) are expected to be produced by inverse Compton scattering to correspond
to electron of energies of Ee ∼ 6 TeV (Ee ∼ 20

√
Eγ for the Thomson scattering

regime).

Bremsstrahlung
Bremsstrahlung (German for ‘braking radiation’) is a process in which electrons
convert their energy to photons after being scattered within the field of a nucleus
in interstellar gas. When the mass of the electron is much smaller than the mass
of the nucleus, it causes the deceleration of the atomic nucleus when deflected by
the electron and Bremsstrahlung radiation to be emitted (Blumenthal and Gould,
1970). The γ-ray energy is equal to the difference in the initial and final energy of
the electron.

e− +N → e
′− + γ , (2.31)

where e− is the initial electron, N is the nucleus of the molecule, e′− is the deflected
electron and γ is Bremsstrahlung radiation.

The energy loss rate of electrons due to Bremsstrahlung radiation is

dEe

dt

∣∣∣∣∣
Brems

= cmp np
Ee

X0
, (2.32)

where c is the speed of light, mp is the proton mass, np is the ambient matter density
and X0 = 7

9
ρ

np σ0
is the radiation length, where the matter density is ρ = mp np

and σ0 is the pair production cross section (Aharonian, 2004).

The Bremsstrahlung cooling time τbrem is given by (Aharonian, 2004):

τbrem ≈ 4× 107(n/cm3)−1 yr , (2.33)

where n is the ambient matter number density.
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Synchrotron Radiation
Synchrotron radiation is the most prominent process to produce non-thermal radio
to X-ray radiation. The photons are produced when an electron traverses a magnetic
field (B). The force from the magnetic field causes the electron to spiral around
the magnetic field lines, slowly accelerating, and producing synchrotron radiation
(Blumenthal and Gould, 1970). For TeV electrons, the radiation generated is in the
X-ray energy range, whilst GeV electrons produce radio, optical or UV radiation, as
seen by Equation 2.34.

e−TeV +BµG → e
′− + γkeV X-rays

e−GeV +BµG → e
′− + γeV Radio/optical/UV

(2.34)

The energy loss rate of charged particles through synchrotron radiation is (Rybicki
and Lightman, 1986)

dEe

dt

∣∣∣∣∣
sync

= 4
3 σT c UB γ

2 , (2.35)

where σT is the Thomson cross section in Equation 2.26, c is the speed of light,
UB = B2/2µ0 is the magnetic energy density, and γ = Ee/mec

2 is the Lorentz
factor.

The synchrotron cooling time τsync is given by:

τsync ≈ 1.2× 107(B/µG)−2(Ee/TeV)−1 yr , (2.36)

whereB is the magnetic field strength which is commonly described by Equation 2.37
(Crutcher et al., 2010).

B =


B0 forn < 300 cm−3

B0

(
n

300 cm−3

)0.65
forn > 300 cm−3 ,

(2.37)

where the average number density is n and B0 = 10µG.

In many γ-ray and X-ray sources (e.g. PWNe) the synchrotron and inverse Compton
emission occur within a population of electrons and hence the two processes compete
for the energy. The ratio of energy loss from inverse Compton scattering (FIC) of
CMB photons in the Thomson regime and synchrotron radiation (Fsync) is dependent
on the magnetic field strength B (see Equation 2.38, Aharonian et al., 1997a).

FIC

Fsync
= 1

10(B/10µG)2 (2.38)
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As the magnetic field increases (B > 10µG), the synchrotron emission will domi-
nate over the emission from inverse Compton processes. This is also shown through
the timescales of the synchrotron and inverse Compton cooling in Equations 2.30
and 2.36 respectively. The synchrotron cooling time decreases with magnetic field
as it is proportional to B−2, allowing high energy electrons to emit X-rays via syn-
chrotron radiation for strong magnetic fields.
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3 Detecting TeV Gamma Rays and the Interstel-
lar Medium

I’m comfortable with the unknown – that’s the point of
science. There are places out there, billions of places
out there, that we know nothing about. And the fact
that we know nothing about them excites me, and I
want to go out and find out about them. And that’s

what science is.

— Brian Cox, English Astrophysicist

The sky has been observed for decades by both ground-based and space-based tele-
scopes. Radio astronomy is utilised in the study of specific γ-ray investigations,
such as SNRs in the hadronic scenario, as this production method relies on the pres-
ence of molecular clouds. This chapter briefly discusses high-energy γ-ray detection
methods, as well as the various telescopes which have contributed data to this thesis
(i.e. H.E.S.S., Mopra, ATCA and Parkes). Figure 3.1 shows the location of each
telescope discussed in this chapter.

MopraH.E.S.S. Parkes

ATCA

CTA-South

CTA-North

Figure 3.1: The location of various telescopes discussed throughout this chapter.
Image credit for each telescope is found within this chapter.
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3.1 Gamma-ray Astronomy

One of the long-standing mysteries in astrophysics is the origin of cosmic rays (CRs).
Due to their charged nature, CRs are deflected by both Galactic and extragalactic
magnetic fields, meaning we cannot trace these particles back to their origin. To
overcome this, various astronomical messengers such as γ-rays are used as they
are not affected by magnetic fields. These messengers provide information about
high-energy astrophysical environments.

γ-rays cannot be directly observed from the Earth’s surface, due to atmospheric
attenuation. Space-based detectors are also limited in detecting TeV γ-rays as the
low flux of these γ-rays would require a large collection area which is impractical
in space (Aharonian et al., 2008). Various γ-ray techniques are employed in order
to overcome these issues. The concept for ground-based detection is to detect the
Cherenkov light which originates from secondary particles created when a γ-ray in-
teracts with the Earth’s atmosphere, which creates a showering effect of particles
(discussed further in Sections 3.1.1 and 3.1.2, see Engel et al., 2011 for a review).
This creates a cone of light on the ground which can be detected using large tele-
scopes with segmented mirrors to reflect the Cherenkov light to the photon detector.
From this detection, the arrival direction and energy of the primary particle can be
determined. This method is known as the imaging air Cherenkov technique (Porter
and Weekes, 1977). These Imaging Atmospheric Cherenkov Telescopes (IACTs, i.e.
H.E.S.S., MAGIC, VERITAS, CTA) have a field of view of a few degrees and can
only be operated at night time, but provide high resolution. Another technique
involves using water tanks at high altitude (Weekes, 1988; Amenomori et al., 1990).
As particles pass through the water they emit Cherenkov light which is recorded
by photon detectors. These detectors (i.e. HAWC) have a wide field of view and
are used over a 24 hour period, with sensitivity to γ-rays in the GeV to TeV energy
range, however, have a poorer resolution than IACTs (Sinnis, 2009).

A shower is also produced when a CR enters the Earth’s atmosphere. Figure 3.2
shows the lateral spread is larger and more irregular for hadronic air showers, com-
pared to a shower initiated by a γ-ray. This is due to secondary particles in the
hadronic component receiving a higher transverse momentum leading to a larger
lateral extent (Hillas, 1996). Air showers initiated by hadrons contain various sec-
ondary particles such as pions, muons and neutrinos which are not present in γ-ray
initiated showers (as shown in Section 3.1.1 and Section 3.1.2). These multi-particle
processes lead to further fluctuations and makes them irregular compared to γ-ray
air showers which are dominated by three particle types. These differences allow
γ-ray and hadron initiated showers to be distinguished from one another with use
of computer simulations i.e. Monte Carlo simulations with CORSIKA (Heck et al.,
1998).
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Gamma-ray shower Hadronic shower

Figure 3.2: Simulated extensive air showers initiated by a 1 TeV γ-ray (left) and
100 GeV proton (right). The particle type is shown by its track colour. Red is for
electrons, positrons and γ-rays, green is for muons and blue is for hadrons (i.e.
protons). Top: the x-z plane showing the vertical axis of the shower. Bottom:
the x-y plane, where the x and y axes are perpendicular to the shower direction.
Image from Schmidt, 2021.
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3.1.1 Electromagnetic Extensive Air Showers

Many ground-based telescope systems, such as H.E.S.S., are classified as IACTs
which employ the use of the stereoscopic atmospheric imaging technique to detect
TeV γ-rays (Porter and Weekes, 1977). As a primary γ-ray enters and interacts with
the Earth’s upper atmosphere, it undergoes pair production to create a positron-
electron pair. Over the next radiation length these particles undergo Bremsstrahlung
from the interaction of the positron-electron pair with atmospheric nuclei to create
more secondary photons (γ-rays), which in turn allows pair production to occur
again, restarting the whole process and creating a cascade of particles, known as an
electromagnetic cascade (see Equation 3.1). This process continues to grow expo-
nentially, deep into the atmosphere, until the energy of the particles reaches some
critical energy, Ec. At this energy the ionisation losses begin to dominate over the
Bremsstrahlung energy loss, and the number of photons will no longer increase,
hence terminating the shower (see Heitler, 1954; Matthews, 2005 for further infor-
mation). Electromagnetic air showers can also be initiated by an electron/positron,
in which γ-rays are produced through Bremsstrahlung as described by Equation 3.1.

e± +N = e± +N + γ

γ +N = e+ + e− +N
(3.1)

A simplified model of an electromagnetic cascade was introduced by Heitler, 1954. In
his model, it is assumed that the cascade of particles consists of only Bremsstrahlung
and positron-electron pair production, and the interaction length of these is equal.
In reality, the interaction length of Bremsstrahlung is equal to 7/9 th’s of the interac-
tion length of pair production. The Heitler model is therefore within approximately
20% of the true case. The Heitler model ensures that both pair production and
Bremsstrahlung grow at the same rate, making it possible to clearly see each inter-
action in the shower, as shown in Figure 3.3.

The number of particles, N , in the electromagnetic cascade is (Heitler, 1954):

N = 2n , (3.2)

where the number of interaction lengths is n. The energy of a particle in the cascade,
En, is calculated using the energy, E0, of the particle which initiated the Extensive
Air Shower (EAS, see Equation 3.3).

En = E0/N (3.3)
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Figure 3.3: Sketch of an electromagnetic cascade according to the Heitler model
(Heitler, 1954). The interaction length is given by X0, four interaction lengths are
shown here. The primary γ-ray has initial energy, E0. The average energy of each
particle changes according to this initial energy.

The maximum depth of particles in the shower is Xmax = nX0, where X0 is the
interaction length. Using this information, along with Equation 3.2, gives the max-
imum number of particles in the cascade in terms of the maximum depth (Heitler,
1954):

Nmax = 2
Xmax
X0 . (3.4)

The maximum number of particles can also be expressed as:

Nmax = E0

Ec
(3.5)

Combining these gives an expression for the maximum shower depth (Equation 3.6),
in terms of the initial γ-ray energy, E0, and critical energy, Ec = 86 MeV in air (Engel
et al., 2011).

Xmax =
X0 ln

(
E0
Ec

)
ln (2) (3.6)
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3.1.2 Hadronic Extensive Air Showers

In addition to EAS initiated by γ-rays, the initial particle interacting with the
Earth’s upper atmosphere could be hadronic in nature. Air showers initiated by a
hadron lead to further secondary particles such as muons, pions, and nucleons, which
differ from the electromagnetic air showers discussed previously (see Matthews, 2005,
for the generalised Heitler model for hadronic showers). The initial hadron interacts
with protons in the atmosphere, leading to a proton-proton interaction which pro-
duces neutral and charged pions. The neutral pions, π0, go on to create γ-rays, which
decay to produce an electron-positron pair, known as the electromagnetic compo-
nent (see Figure 3.4 and Equation 2.19, Martin and Shaw, 2009). The charged pions,
π±, decay into a pair of muons and neutrinos, these decay again to produce neutri-
nos, positrons, and electrons (see Equations 2.20 and 2.21) this is called the mesonic
component. The hadronic component comes from the primary hadron colliding with
a nucleon in the atmosphere and creating a high-energy nucleon, N , which decays
into protons and neutrons. These hadronic components have a longer interaction
length than the electromagnetic air showers, so the sub-shower can reach a deeper
point in the atmosphere.
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Figure 3.4: Sketch of a hadronic extended air shower. This shower contains
three components: electromagnetic, mesonic and hadronic. Image adapted from
Haungs et al., 2003.

3.1.3 Cherenkov Radiation and Imaging

The shower of charged particles described in Sections 3.1.1 and 3.1.2 move faster
than the local velocity of light, and emit Cherenkov radiation (Čerenkov, 1934).
This radiation peaks in the UV band to create a faint blue light. As the charged
particles propagate, they temporarily polarise the atoms in the medium. Pulses of
electromagnetic radiation are emitted as the polarised molecules oscillate to restore
equilibrium. If the velocity of the charged particles is less than the local speed of
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light (v < c/n, where n is the refractive index of the medium, in this case air)
radiation is not detected as the pulses interfere with one another destructively. If
the velocity is greater than the speed of light in the medium (v > c/n), then the
pulses constructively interfere. This effect is analogous to a sonic boom (Jennings,
1962). The Cherenkov light from a single particle creates a forward cone, which
is demonstrated through the Huygens construction of the track pulse (wavelet) in
Figure 3.5.

Charged particle

Cherenkov

Cherenkov 

radiation

wavefront

θ

𝒗 > 𝒄/𝒏

Figure 3.5: Sketch of Huygens construction of wavelets to show how the
Cherenkov light wave-front forms due to constructive interference, where the
charged particle moves at a velocity of v > c/n. The angle between the charged
particle’s propagation direction and the Cherenkov wavefront is θ. Image adapted
from Jelley, 1958.

The cosine of angle of the Cherenkov light cone relative to the particles trajectory,
θ, for v > c/n is (Čerenkov, 1934):

cos(θ) = 1
β n

, (3.7)

where β = v/c, c is the speed of light, n is the refractive index of the medium
and v is the velocity of the particle. In the ultra-relativistic limit (β → 1) we
find θmax = arccos(1/n). For the atmosphere, where the refractive index is roughly
n ∼ 1.0003 at sea-level, the maximum angle is θ ∼ 1.3◦ (Jennings, 1962).

For a single particle that emits Cherenkov radiation, it will have a forward light cone
covering an angle of ∼1◦, slowly increasing as the particle travels downwards (Völk
and Bernlöhr, 2009). The amount of Cherenkov light generated by the electromag-
netic cascade illuminates the ground below to create a light pool. This often has a
radius of approximately 125 m for a primary γ-ray of ∼100 GeV (Hofmann, 2012a,
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as depicted in Figure 3.6). As the primary particle energy increases so too does the
radius of the light pool. The light pool can be up to 1 km in radius, achieved with
high energy particles and a large zenith angle. For an initial γ-ray of TeV energy,
there are approximately one hundred photons per square metre arriving at ground
level.

~1°

~10 km

𝛾-ray

Particle shower

~125 m

Figure 3.6: Cherenkov light pool with diameter of 250 m, as generated by a
∼100 GeV γ-ray entering the Earth’s atmosphere. The telescopes detect any γ-
ray events which fall within the light pool. Image adapted from Hofmann, 2012a.

The optical/UV component of Cherenkov radiation emitted can be viewed at ground
level by the telescope (Völk and Bernlöhr, 2009). IACTs use spherical or parabolic
reflectors which are comprised of mirrors to focus the light to an array of photon
detectors (e.g. photomultiplier tubes, PMTs), to form an image at the focal plane
(camera position, see Figure 3.7). This is known as the camera image. The PMTs
convert the number of incident photons to photoelectrons1, hence digitising the
output as a number of counts with an analog-to-digital converter (ADC). The ADC
digitises the analogue pulse from the PMTs by integrating over the height of the
pulse over a given time (Konopelko, 2005).

1Equivalent conversion of one photon to an electron.
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Figure 3.7: IACT: mirror dish with camera located at the focus of these mir-
rors (left) and the camera containing the PMTs (right). Image credit: H.E.S.S.
Collaboration, Frikkie van Greunen, 2012.

Using a multi-telescope array allows for multiple views of a shower (see Figure 3.8,
described as a ‘stereoscopic’ view) which allows for better reconstruction of the
energy and direction of the primary particle. It also improves angular resolution
and reduces backgrounds, for example, a shower induced by CRs, which is far more
complex and isotropic leading to better gamma-hadron separation (Aharonian et
al., 1997b). Many IACTs, such as H.E.S.S., utilise this stereoscopic approach, hence
requiring a shower to trigger a minimum of two telescopes for the cascade event to
be recorded (Mirzoyan et al., 1994). A reconstruction of the initial direction and
energy of the primary γ-ray is performed from the information obtained about the
intensity and shape of the Cherenkov image in each camera (Hillas, 1985).

Figure 3.8: Cherenkov light images of an air shower induced by a γ-ray, as
captured by photon detectors in five telescopes. The intensity of the image is
related to the energy of the γ-ray. Image from Hofmann, 2012b.

Figure 3.9 shows a schematic of a set of Cherenkov images of an air shower. The
Cherenkov images are parametrised by an ellipse, which is described by the ‘Hillas
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parameters’ (Hillas, 1985), namely the width and length which are determined by
taking the second moment along the minor and major axes of the shower ellipse,
respectively. The arrival direction and impact distance of the air shower can be
reconstructed geometrically. The source position in this model is determined by the
angular separation, θ, from the reconstructed source position. The energy of the
initial γ-ray is estimated from the reconstructed shower images (Hillas, 1985).

Source 

Position

Reconstructed 

source position Three 

intersection 

points

Image 1

Image 2

Image 3
Length

Width

θ

Figure 3.9: Sketch of the geometric direction reconstruction from three
Cherenkov images. The shower images in the camera are illustrated by an el-
lipse. The major axis of each ellipse is used to determine the reconstructed arrival
direction. The parameter θ is the angular offset between the reconstructed event
direction on the sky and the true source position on the sky. Image adapted from
Hofmann et al., 1999.

3.1.4 Fermi Gamma-ray Space Telescope

The Fermi gamma-ray space telescope is an all-sky high-energy γ-ray telescope in
low Earth orbit (at an altitude of 550 km). Its main instrument is the Large Area
Telescope (hereafter Fermi-LAT), which covers an energy range from below 20 MeV
to above 300 GeV (Atwood et al., 2009). Its secondary instrument is the Gamma-
ray Burst Monitor (GBM), which aims to detect bursts with a photon sensitivity as
low as 8 keV. The energy range of Fermi-LAT overlapping with the H.E.S.S. energy
coverage means the two complement each other well. Fermi-LAT has a large field of
view, such that it can survey 2.4 steradians at 1 GeV, with a resolution of 1 arcminute
(Atwood et al., 2009). This large coverage is one advantage of space-based γ-ray
telescopes, however, it is not possible for Fermi-LAT to detect very high energy
γ-rays due to their low flux, and the small collection area of the telescope.
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Fermi-LAT comprises of four subsystems that are used to detect γ-rays, whilst
rejecting the background CRs (as described in Atwood et al., 2009, and summarised
here). As a γ-ray enters the detector it passes through the ‘Anticoincidence Detector
(ACD)’, converting the γ-ray into an electron-positron pair through pair production.
The ‘Tracker’ measures the path of the electron-positron pair which is produced
from the primary γ-ray (see Figure 3.10) using silicon strips. From here the arrival
direction of the γ-ray is determined. The energy of the particles is measured by the
‘Calorimeter’, which is also used to reject CRs due to their distinctly different energy
deposition pattern compared to γ-rays. The ACD produces a signal only when hit
by charged particles i.e. CRs, sending a message to the ‘Data Acquisition System
(DAQ)’ to reject that signal. The ACD therefore rejects any signals produced by
CRs, with an efficiency of 99.97% (Atwood et al., 2009).
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Figure 3.10: Simplified 2D schematic of the Fermi-LAT detector showing the
conversion from an electron-positron pair to γ-ray. Image adapted from Atwood
et al., 2009.

Fermi was launched in 2008, initially named the Gamma-ray Large Area Space
Telescope (GLAST), until NASA renamed it to Fermi, to honour Enrico Fermi, who
introduced the theory on the acceleration of charged particles (see Section 2.2.2).
Since then, it has provided many source catalogs available at https://fermi.gsfc.
nasa.gov/ssc/data/access/. The catalogs utilised throughout this thesis include
the Extended Sources in the Galactic Plane (FGES) catalog (Ackermann et al.,
2017), and the Third Catalog of Hard Fermi-LAT Sources (3FHL, Ajello et al.,
2017). The FGES includes 6 years of the most recent Fermi-LAT data covering an
energy range from 10 GeV to 2 TeV for low Galactic latitude sources (±7◦). It is
the first catalog of extended sources, with spectral and morphology characteristics
described for 46 sources. The 3FHL uses the first 7 years of Fermi-LAT data in
the same energy range as the FGES catalog and contains 1556 objects. The lower

https://fermi.gsfc.nasa.gov/ssc/data/access/
https://fermi.gsfc.nasa.gov/ssc/data/access/
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limit of 10 GeV for both catalogs allows for a narrow PSF of less than 0.2◦. The
3FHL contains twice as many sources above 10 GeV than the previous 2FHL which
detected sources above 50 GeV (Ajello et al., 2017).

The region surrounding the source of interest in this thesis HESS J1804−216 is shown
in the Fermi-LAT sky map in Figure 3.11. The GeV γ-ray source of interest here
is FGES J1804.8−2144 (also designated 3FHL J1804.7−2144e). This source has a
disk radius of 0.38◦ with its centroid coinciding with HESS J1804−216 (Ackermann
et al., 2017).

Figure 3.11: Fermi-LAT 5 year image of γ-rays above 1 GeV. The white cir-
cle in the centre of the image indicates SNR G8.7−0.1 which is close by to
HESS J1804−216. Image adapted from NASA/DOE/Fermi LAT Collaboration,
2013.

3.1.5 High Energy Stereoscopic System

Ground-based telescopes have been extremely useful in detecting TeV γ-rays. H.E.S.S.
is one of the many telescope arrays in operation, located in the Khomas Highlands
of Namibia, at an altitude of ∼1.8 km. Whilst the name is an acronym it was also
chosen to honour Victor Hess, who discovered cosmic radiation in 1912 and later in
1936 was awarded the Nobel Prize for the discovery. H.E.S.S. consists of an array of
five telescopes (as shown by Figure 3.12); four identical telescopes (Phase I) with a
12 m mirror diameter and one larger telescope (Phase II) in the centre of the array
with a 28 m mirror diameter. H.E.S.S. is sensitive to γ-rays of energy tens of GeV
to ∼100 TeV. The five telescopes work in conjunction with one another to detect
Cherenkov light that originates from EAS. The original survey covered the inner
Galactic Plane from ±3◦ latitude (b) and ±30◦ longitude (l) conducted in 2005.
However, the current range has been extended to b = ±3.5◦ and l = 250◦ to 65◦.
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Figure 3.12: H.E.S.S. array of telescopes; four smaller telescopes and one larger
telescope located in the centre of the array. Image credit: H.E.S.S. Collaboration,
Clementina Medina, 2012.

The Phase I telescopes (CT1-4) are set on an alt-azimuth mount so that they can
view all points in the sky. This is composed of a base frame to adjust the elevation
and a dish, which are both driven by a computer to track any object in the sky.
Each telescope is made up of 382 spherical mirrors which are positioned to create a
hexagonal shape. An energy threshold of ∼100 GeV is obtained for Phase I, along
with an angular resolution of < 0.1◦ for individual γ-rays (Bernlöhr et al., 2003). To
detect 5% of the Crab Nebula flux at a significance of 5σ above the CR background,
it takes only one hour of observations.

Phase II is a single dish (CT5) positioned at the centre of the array, with 875 mirrors,
which also adopts an alt-azimuth mounted dish. This telescope has a total mirror
area of ∼600 m2, which has an equivalent area to two tennis courts. The size of
the telescope allows for greater energy coverage, sensitivity, and angular resolution.
Phase II has a lower energy threshold allowing coverage over a wider energy range in
addition to improved sensitivity above the 100 GeV of Phase I (Cornils et al., 2005).

H.E.S.S. has been used to survey and detect Galactic TeV γ-ray emitters to create
the H.E.S.S. Galactic Plane Survey (HGPS, H.E.S.S. Collaboration et al., 2018).
This incorporates data from January 2004 to January 2013. It was found that
TeV γ-ray sources are often also the sites of CR accelerators. The population of
these sources are dominated by objects within their final stages of stellar evolution.
The most common being supernova remnants and pulsar wind nebulae powered
by pulsars (H.E.S.S. Collaboration et al., 2018). A large portion of the sources
discovered, however, are still unidentified (shown in Figure 2.3), meaning there has
been no confirmation of the counterpart which powers the source. The Crab Nebula
is a large TeV γ-ray source, which has been detected with different instruments
including H.E.S.S.. Due to its large flux and stable emission, it has become a
reference for various γ-ray detection methods.

The source of interest in this thesis is HESS J1804−216. Like many of the detected
H.E.S.S. sources, HESS J1804−216 is an unidentified source located along the Galac-
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tic plane (Aharonian et al., 2006c). A detailed analysis of the interstellar medium
(ISM) towards HESS J1804−216, as well as the modelling of the γ-ray emission
from HESS J1804−216 is presented here, in order to help find the origin of the TeV
γ-rays from HESS J1804−216. HESS J1804−216 is circled in green in Figure 3.13,
which shows the statistical significance for the HGPS, which is given by the standard
deviation above the CR background.
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Figure 3.13: Significance map of sources from the H.E.S.S. Galactic Plane Sur-
vey. The green circle indicates the source of focus for this thesis, HESS J1804−216.
Image adapted from H.E.S.S. Collaboration et al., 2018.

3.1.6 Cherenkov Telescope Array

Future γ-ray observations will be taken by the next-generation ground-based obser-
vatory, the Cherenkov Telescope Array (CTA). CTA will consist of over 100 IACTs
located both in the Southern (Chile) and Northern (La Palma) Hemisphere to al-
low for full sky coverage (locations shown in Figure 3.1, CTA Consortium et al.,
2018). The array will consist of three different sized telescopes to allow for large en-
ergy coverage; small-sized telescopes (SSTs), medium-sized telescopes (MSTs), and
large-sized telescopes (LSTs). The current official configuration known as the Alpha
configuration will consist of 4 LSTs and 9 MSTs at CTA-North and 14 MSTs and
37 SSTs at CTA-South (CTA Collaboration, 2021). Figure 3.14 shows a rendered
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image of the north and south sites. The SSTs are for detecting the highest energy
γ-rays (few TeV to 300 TeV), the MSTs for the mid-range energy γ-rays (100 GeV to
10 TeV) and the LSTs will detect the lowest energy γ-rays (∼20 GeV to 200 GeV).

CTA-North

CTA-South

Figure 3.14: A rendered image of the CTA-North site (top, image credit: IAC,
Gabriel Pérez Diaz, 2017) and CTA-South site (bottom, image credit: IAC,
Gabriel Pérez Diaz and CTAO, Marc-André Besel, 2015).

The LSTs have an alt-azimuth mount, with a 23 m diameter parabolic mirror. It
has a very large surface area of 400 m2, with a height of 45 m. Despite its large
design, it will be able to move quickly taking ∼20 seconds to re-position, which is
a critical component in studying Galactic transients, high redshift active galactic
nuclei, and γ-ray bursts (CTA Consortium et al., 2018). The first CTA LST tele-
scope was completed in 2018 at the North Site, in the Canary Islands. The MST
will be a modified Davies-Cotton telescope on a polar mount, with a mirror of 12 m
diameter. The SST configuration is a dual-mirror Schwarzschild-Couder telescope,
consisting of a 4.3 m diameter primary mirror with hexagonal-shaped mirror facets
and a secondary mirror of 1.8 m diameter (CTA Collaboration, 2016).

CTA will achieve much better efficiency and sensitivity than the existing ground-
based γ-ray instruments, providing higher angular resolution, and energy and di-
rectional analysis, see Figure 3.15. The higher sensitivity and angular resolution of
CTA will provide a more detailed look into the many unidentified γ-ray sources. See
CTA Consortium et al., 2018 for further information on the science goals for CTA.
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Figure 3.15: The CTA differential flux sensitivity for point-like sources, as com-
pared to other current γ-ray instruments. The black and red curves show the
performance for an observation time of 50 hours for CTA-North and CTA-South,
respectively. These curves are a factor of five to ten better than other arrays
depending on the energy range. Image from CTA Collaboration, 2021.

3.2 Radio Spectral Line Astronomy

In 1932 Karl Jansky first discovered radio waves through the use of a rotating
antenna. These were recorded as peaks which had a specific period. Since this, the
radio band of the electromagnetic spectrum has been studied closely. The detection
of radio emission towards different objects in the Milky Way galaxy has allowed us
to learn more about the important processes occurring near or in these objects. The
spectral line emission from various atoms and molecules in the ISM are typically
within the millimeter band of the electromagnetic spectrum. This section discusses
the different radio telescopes used to obtain data from the ISM.

3.2.1 Mopra

Located near Coonabarabran in New South Wales, Australia, is the Mopra Telescope
(see Figure 3.16, Ladd et al., 2005). Mopra is a radio millimetre band telescope pri-
marily used to survey the southern Galactic plane for carbon monoxide (CO). It
surveys the four CO isotopologue lines simultaneously (12CO, 13CO, C17O & C18O,
Braiding et al., 2015). It was operated by the CSIRO (Commonwealth Scientific and
Industrial Research Organisation) and is part of the Australia Telescope National
Facility (ATNF). From 2013 to 2019 it was operated by external groups. The Uni-
versity of Adelaide and University of New South Wales are among several institutes
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which have contributed to both funding and operation, with interest in creating
the Mopra Southern Galactic Plane CO Survey, which has involved multiple data
releases (DR0, DR1, DR2, and DR3, shown in Burton et al., 2013; Braiding et al.,
2015; Rebolledo et al., 2016; Braiding et al., 2018, respectively).

Figure 3.16: The Mopra radio telescope. Image from CSIRO, 2021a.

Mopra consists of a single dish with a 22 m diameter surface, with three different
wavelength receivers. The 3 mm receiver covers the frequency range 76-117 GHz, the
7 mm receiver covering a frequency range of 30-50 GHz and a 12 mm band receiver
covering a frequency range 16-27 GHz. MOPS (Mopra spectrometer) is a backend
system which produces two 8 GHz intermediate frequencies (IFs) for each bandwidth
channel (Urquhart et al., 2010). MOPS operates in two different configurations:
‘zoom’ and ‘wideband’. The wideband mode consists of four overlapping sub-bands,
which are 2.2 GHz wide with a total of 8096 channels per polarisation. These four
sub-bands are then split into a further four zoom bands (or ‘windows’) to produce 16
bands in the zoom mode. In this mode, the windows are 137.5 MHz in width with
4096 channels per polarisation. Table 3.1 shows the characteristics of the Mopra
telescope for each wavelength receiver.

Table 3.1: Characteristics of the Mopra telescope. The three beams with their
central frequency and full-width-half-maximum (FWHM). The bandwidth and
spectral resolution for both the wideband and zoom modes are also shown. Values
taken from Ladd et al., 2005 and Urquhart et al., 2010.

Band Central frequency FWHM Bandwidth (km/s) Spectral Resolution (km/s)

(GHz) (”) Wideband Zoom Wideband Zoom

3 mm 90 36 30378 505 0.915 0.11
7 mm 42 70 56025 932 1.69 0.21
12 mm 24 120 112050 1826 3.38 0.41
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3.2.2 Parkes and ATCA

The Parkes telescope is located in New South Wales, Australia just outside the town
of Parkes (hence its name). Parkes (more colloquially named ‘The Dish’) is a radio
telescope with a 64 m parabolic dish, run by the CSIRO and part of the ATNF
(Staveley-Smith et al., 1996). Parkes is typically used for cm wavelengths, including
surveying the sky for HI at 21 cm.

The Australia Telescope Compact Array (ATCA) is also a well-known array of radio
telescopes, located in Narrabri, New South Wales, Australia. ATCA consists of six
22 m dishes, which all work together along with the use of interferometry to produce
radio images in fine detail (Frater et al., 1992).

Figure 3.17: Five of the ATCA radio telescopes (left, image credit: CSIRO,
David Smyth) and the Parkes radio telescope (right, image from CSIRO, 2021b).

With the use of ATCA and Parkes (see Figure 3.17), the Southern Galactic Plane
Survey (SGPS) mapped the atomic hydrogen (HI) emission along the Galactic plane,
for latitudes of ±1.5◦ and longitudes covering 253◦ to 358◦ (SGPS I) as well as 5◦ to
20◦ (SGPS II, McClure-Griffiths et al., 2005). The data has an angular resolution
of a few arcminutes with an RMS sensitivity of 1.6 K.
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4 Tracing the Interstellar Medium

The good thing about science is that it’s true whether or not you believe in it.

— Neil deGrasse Tyson, American Astrophysicist

It is vital to have a detailed understanding of the interstellar medium (ISM) sur-
rounding a TeV γ-ray source in order to constrain its production mechanism. The
radio emission from the ISM spread throughout the Galaxy is detected with various
radio telescopes, such as those discussed in Section 3.2. Atomic and molecular gas
can be probed by spectral line emission in order to learn more about the physical
characteristics of the gas, such as density, mass, and energy, hence furthering our
knowledge about different gas components towards γ-ray sources.

This chapter outlines the fundamentals of radiation transfer theory and the basics of
molecular line emission. The concepts of radio astronomy and radiative theory are
discussed in detail in the following books Wilson et al., 2010, Rybicki and Lightman,
1986 and Townes and Schwalow, 1955. The spectral lines used throughout this thesis
are discussed in Section 4.6. These include atomic hydrogen (HI) from the SGPS
survey and molecular hydrogen (H2), detected through carbon monoxide (CO) from
Mopra CO Survey.

4.1 Fundamentals of Radiation Theory

As light travels from its radiation source to Earth it can be absorbed, emitted,
or scattered. In order to understand astrophysical environments and the physical
properties of gas clouds, it is crucial to understand the aforementioned processes.
This section outlines the concept of thermal radiation and radiative transfer.

4.1.1 Intensity, Flux and Luminosity

The specific intensity (or brightness) from direction Ω̂, in the frequency range from
ν to (ν + dν) is given by:

Iν(Ω̂) = dE

dAdt dν dΩ [W m−2 Hz−1 sr−1] , (4.1)

where dE is the energy received in an area of dA over a time interval of dt from
some solid angle dΩ. This is depicted in Figure 4.1. The specific intensity, Iν ,
gives the power emitted by some astrophysical source over some time, per area, unit
frequency, and solid angle.
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Figure 4.1: Diagram showing the radiation produced by some source, located
some distance from a detector of area dA. The specific intensity, flux and lumi-
nosity of the source are given by Equations 4.1, 4.4 and 4.5 respectively. Image
adapted from Rybicki and Lightman, 1986.

The specific flux, Fν , is obtained by integrating the specific intensity, Iν , with respect
to the solid angle, dΩ (Equation 4.2). This assumes radiation is coming from some
astrophysical source with an angular diameter of dΩ.

Fν =
∫
Iν(Ω̂) cos θ dΩ (4.2)

The net flux, assuming the telescope is pointed directly towards the source
(cos θ ∼ 1), is therefore:

Fν =
∫
Iν (Ω̂) dΩ [W m−2 Hz−1] . (4.3)

This is simplified to Equation 4.4 for a source which has uniform intensity and
subtends a small solid angle ∆Ω.

Fν = Iν∆Ω [W m−2 Hz−1] (4.4)

The specific luminosity, Lν , is the total radiative energy from a source, between the
frequency range from ν to (ν + dν). The radiative energy is spread across a sphere
with surface area 4πd2 where the distance is given by d. The specific luminosity for
an isotropically emitting source is given by:
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Lν = 4πd2Fν [W Hz−1] . (4.5)

By integrating Iν , Fν and Lν with respect to frequency the bolometric intensity, flux
and luminosity are obtained.

Assuming the flux is isotropic, this allows us to define the well known flux-luminosity
relationship for a source located at a distance d from Earth (or the detector):

F = L

4πd2 [erg s−1] . (4.6)

4.1.2 Radiative Transfer Fundamentals

As light travels through interstellar space towards Earth it can be absorbed and
emitted by the gas in the ISM, which allows us to examine the characteristics of
molecular clouds. Their spectral lines can be analysed to understand the physical
properties of the gas.

Radiation from some astrophysical source enters a cloud with an initial intensity
of Iν , as shown by Figure 4.2. The gas cloud can be approximated by a cylinder
with length ds and cross-sectional area dA and volume dV = dAds. The volume
contains a number of absorbing particles with a number density n and absorption
cross-section σν . The number of absorbers is then N = n dV = n dAds, giving
an absorbing area of N σν = n ds dAσν . The radiation after travelling through the
volume is described by Iν + dIν , as shown by Figure 4.2.

dA

ds

dV = dA ds

I(s) I(s) + dI
source detector

N = n dV absorbers

Figure 4.2: Diagram of radiation of frequency ν being absorbed by a gas cloud
of length ds in the ISM. The particles in this gas column both emit and absorb the
radiation, which causes a change in intensity of dIν . Image adapted from Wilson
et al., 2010.

The equation of radiative transfer through the ISM is described by the absorption
and emission coefficients, αν(s) and jν(s) respectively.
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dIν
ds

= −αν(s)Iν(s) + jν(s) , (4.7)

where αν(s) (m−1) is the number of absorption interactions and jν(s) (W m−3 Hz−1)
is the amount of power emitted by an infinitesimal volume. The absorption coeffi-
cient for a medium with number density, n, is αν = nσν for a constant absorption
cross section σν . The absorption mean free path is given by the inverse of the ab-
sorption coefficient, lν = α−1

ν = (nσν)−1. This is the distance photons will travel
before ∼63% (1/e) are absorbed.

The absorption coefficient, however, is not directly measurable, instead the optical
depth, τν , defined by dτν = ανds is utilised. By dividing Equation 4.7 by the
absorption coefficient, the equation of radiative transfer is obtained in terms of the
optical depth:

dIν
dτν

= −Iν(τν) + Sν(τν) , (4.8)

where the source function, Sν(τν) = jν(τν)/αν(τν), describes the ratio of emitted
photons to absorbed photons by the medium.

Equation 4.8 is a First Order Linear Differential Equation with solution:

Iν(τν) = Iν(0)e−τν + e−τν
∫ τν

0
e−τ

′
νSν(τ ′ν)dτ ′ν , (4.9)

where the first term represents the attenuation of the background intensity as it
passes through the medium. The second term represents the radiation originating
from the medium. If the source function, Sν , is constant throughout the source then
Equation 4.9 becomes:

Iν(τν) = Sν + e−τν [Iν(0)− Sν ] . (4.10)

For an optically thick scenario (τν � 1), the medium is opaque and the observer
only sees photons which are emitted from the outside regions of the medium:

e−τν → 0,
∴ Iν(τν)→ Sν .

(4.11)

For an optically thin scenario (τν � 1), the observer sees the radiation from back-
ground sources:

e−τν ∼ 1− τν + ...,

Iν(τν) ∼ Sν + (1− τν)[Iν(0)− Sν ],
∴ Iν(τν) ∼ (1− τν)Iν(0) = τνSν .

(4.12)
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Equation 4.10 can be expressed in term of the brightness temperature (as defined
in Equation 4.19):

Tb(ν) = Ts + e−τν [Tbg(ν − Ts] , (4.13)

where Ts is the brightness temperature of the source and Tbg is the brightness tem-
perature of the background. The common technique employed for radio astronomy
is to point the telescope at both the source position (called the ‘on-region’) and a
background region which is expected to have no signal. The brightness temperature
of the background region is subtracted from the brightness temperature of the on-
source position, to obtain the source signal above any background noise. Using this
information, in addition to Equation 4.13, leads to the detection equation:

Tb(ν) = Ts + e−τν [Tbg(ν − Ts]− Tbg

= (1− e−τν )(Ts − Tbg) .
(4.14)

4.1.3 Thermal Radiation and Brightness Temperature

In radio astronomy, brightness temperature is a useful measure of the received inten-
sity from a source. From our knowledge of black-body radiation using Planck’s law,
it is possible to derive an expression for brightness temperature (see Equation 4.19).
Brightness temperature can be defined as the temperature required by an equivalent
black body to match the same surface brightness.

Thermal radiation is the radiation produced by the random motion of particles.
The ideal case is a black body, which absorbs all radiation incident upon it. At
thermal equilibrium, the intensity of the thermal radiation for a black body is given
by Planck’s law:

Bν = 2hν3/c2

exp(hν/kT )− 1 , (4.15)

where h = 6.626× 10−24 J s is Planck’s constant, ν is the frequency of the radiation,
c is the speed of light, k = 1.38 × 10−23 J K−1 is the Boltzmann constant and T
is the temperature of the body. The energy flux radiated from a black body is
proportional to the fourth power of the temperature of that body, which is given by
the Stefan-Boltzmann law:

F = σT 4 , (4.16)

where σ = 5.67× 10−8W m−2 K−4 is the Stefan-Boltzmann constant. In a region of
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thermodynamic equilibrium Kirchoff’s law is applicable:

Bν(T ) = jν(T )
αν(T ) , (4.17)

where Bν(T ) is the specific intensity of black-body radiation, jν(T ) is the emission
coefficient and αν(T ) is the absorption coefficient. In the low frequency (radio and
microwave) band, Planck’s law (Equation 4.15) is approximated by the Rayleigh-
Jeans Law, Equation 4.18, where hν << kT . This is done using a Taylor series
expansion of the exponential term in Equation 4.15.

Bν(Tb) = Iν = 2ν2

c2 kT (4.18)

This can be rearranged for T , to give an expression for the brightness temperature,
Tb (Equation 4.19).

Tb = c2

2ν2k
Iν , (4.19)

where Tb is the brightness temperature, c is the speed of light, ν is the frequency
and k = 1.38× 10−23 J K−1 is the Boltzmann constant.

4.2 Source and Antenna Temperature

Single dish radio telescopes record the antenna temperature T ∗A in a given region
of the sky, which presents the power detected by the telescope in terms of the
brightness temperature. The typical observing mode for such telescopes involve
pointing the telescope in a region in which signal is expected, called the ‘on-region’.
The background is then measured in another region without a source, called the
‘off-region’. When observing the on-region, the telescope records T ∗A in terms of
the source temperature, Tsrc, and the background temperature, Tbg, usually the
cosmic microwave background (CMB). The total recorded signal by the telescope
also incorporates the instrument electronics which have brightness temperature Tnoise
and the absorption of photons by the atmosphere which has brightness temperature
Tatmos. When observing the off-region there should be no source signal, hence the
antenna temperature T ∗A = 0. Figure 4.3 shows a schematic of this situation.

During the on and off observations the power received by the telescope is given by:

PON = C[e−τν (T ∗A + Tbg) + Tatmos(1− e−τν ) + Tnoise]
POFF = C[e−τνTbg + Tatmos(1− e−τν ) + Tnoise] ,

(4.20)

where C is the constant used to convert from brightness temperature to power
received and τν is the optical depth of the atmosphere. By subtracting PON from
POFF and rearranging, the antenna temperature is found:
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Figure 4.3: Graphical representation of the radiation source contributing to the
total signal received by the telescope. The total measured power is a combination
of: the CMB (Tbg), the desired source (Tsrc), the atmosphere (Tatmos) and the
electronic noise from the receiver (Tnoise). Image adapted from Nicholas, 2011.

T ∗A = PON − POFF

C
e−τν . (4.21)

In radio astronomy a common measure is the system temperature, Tsys, which ac-
counts for the noise from the background radiation, telescope electronics and atmo-
sphere:

Tsys = POFF

C
eτν

= Tbg + Tatmos(eτν − 1) + eτνTnoise .
(4.22)

The system temperature and antenna temperature are therefore related through:

T ∗A = PON − POFF

POFF
Tsys . (4.23)

For a radio telescope, the antenna response consists of a main beam, described as a
central core with a Gaussian shape, along with a number of smaller peaks known as
side lobes. The true antenna temperature of the source, T ∗A′, is given by calibrating
the antenna temperature for the main beam efficiency, ηmb, of the telescope:

T ∗A
′ = T ∗A

ηmb
. (4.24)
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In the case where the angular diameter of the source is much greater than the
diameter of the antenna beam (θs � θFWHM), a large fraction of the total power is
transferred to the side lobes. To account for this, the extended beam coefficient,
ηxb, is introduced to obtain the true antenna temperature:

T ∗A
′ = T ∗A

ηxb
. (4.25)

The source temperature, Tsrc (Equation 4.26), is related to the true antenna tem-
perature, T ∗A′, assuming the source solid angle, ∆Ωs, is small compared to the beam
solid angle, ∆Ωb.

Tsrc = T ∗A
′
(

∆Ωb

∆Ωs

)
(4.26)

Assuming the main beam pattern is approximated by a Gaussian function, the beam
solid angle is given by Equation 4.27.

∆Ωb =
∫ 2π

0

∫ ∞
0

exp
(
− 4θ2

θ2
FWHM

ln 2
)
θdθdφ

= πθ2
FWHM

4 ln 2

(4.27)

Whilst the solid angle of the source is approximated by a disk, ∆Ωs = πθ2
s/4. Taking

the ratio of ∆Ωb to ∆Ωs gives the beam dilution factor:

f = ∆Ωb

∆Ωs
= θ2

FWHM
θ2

s ln 2 . (4.28)

By introducing an additional correction factor K, the source temperature can be
recovered from the true antenna temperature:

Tsrc = T ∗A
′fK , (4.29)

where
K = f−1

1− e−f−1 . (4.30)

For the Mopra radio telescope the correction factors f and K for the 7 mm and
12 mm receivers can be found in Table 3 of Urquhart et al., 2010. This table also
contains the beam efficiencies, ηmb and ηxb, for various frequencies. For the 3 mm
receiver the beam efficiencies are outlined in Ladd et al., 2005. The values of beam
efficiency used in Chapter 5 are shown in Table 4.1.
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Table 4.1: Beam efficiency values for molecular lines used throughout this thesis.
For a full list see Urquhart et al., 2010 and Ladd et al., 2005.

Receiver Frequency (GHz) Line ηxb

3 mm 115 CO(1-0) 0.55
7 mm 49 CS(1-0) 0.56
7 mm 45 HC3N(5-4) 0.67
7 mm 43 SiO(1-0, v=0) 0.69
12 mm 23 NH3(1,1) 0.6

4.3 Molecular Line Emission

Gas clouds contain a variety of molecules which store internal energy in three ways;
translational, rotational, and vibrational modes. The population of each of these
energy levels depends on the interaction undergone with particles external to the
cloud. Radiative processes can lead to transitions between the energy levels, result-
ing in emission and/or absorption of photons with characteristic spectral lines. For
a photon that transitions from an energy state j to another state k, the frequency
of the photon absorbed/emitted in this process is given by:

νjk = |Ej − Ek|
h

, (4.31)

where h = 6.626 × 10−24 J s is Planck’s constant. This process is known as line
emission. The different characteristics of these spectral lines, which allow us to gain
knowledge on the population of particles, are discussed throughout this section.

4.3.1 Energy Levels

The total energy of a molecule is given by the sum of the translational, rotational,
electronic, and vibrational energies:

Etotal = Etrans + Erot + Eelec + Evib . (4.32)

Rotational line emission is of interest here, as these emissions typically occur in the
radio to microwave band. The rotational energy can be described using quantum
mechanics under the assumption of a harmonic oscillator. Consider a single molecule
in 3D with perpendicular axes x, y and z, with angular momentum Jx, Jy and Jz
respectively. The total rotational energy of the particle is related to the moment of
inertia, Ii, for each axis, as shown in Equation 4.33.
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Erot = J2
x

2Ix
+
J2
y

2Iy
+ J2

z

2Iz
(4.33)

The moment of inertia is given by:

Ii =
∑

miri , (4.34)

where mi is the mass of the atom and ri is the distance from the rotational axis.

Molecules can be categorised into four different ‘rotor’ groups, based on their mo-
ments of inertia, as summarised in Table 4.2.

Table 4.2: Rotor types along with the conditions which must be met for their
moment of inertia, along with examples of molecular rotors.

Rotor type Moment of Inertia Example Molecules

Linear rotor Ix = 0, Iy = Iz CO, CS, OH, SiO
Spherical rotor Ix = Iy = Iz CH4, SiH4

Symmetric rotor Ix = Iy 6= Iz NH3, CH3CN
Asymmetric rotor Ix 6= Iy 6= Iz H2O, CH3OH

Linear rotor
One of the most common rotor types in the ISM is a linear rotor molecule. A linear
rotor has one component equal to zero (Ix = 0), whilst the other two principal
components are non-zero identical perpendicular axes (Iy = Iz ≡ I⊥). The rotational
energy of the molecule is:

Erot = J2
⊥

2I⊥
, (4.35)

where J⊥ is the angular momentum perpendicular to the rotation axis and I⊥ is the
moment of inertia (as defined in Equation 4.34). The angular momentum can be
expressed in terms of the quantum number, J , leading to the following equation for
rotational energy:

Erot = J(J + 1)~2

2I⊥
. (4.36)

For a linear rotor the frequency of a photon which is emitted or absorbed by the
molecule is ν = ∆Erot/2π~, where ∆E is the energy difference between two ro-
tational energy levels and ~ = h/2π. The absorption/emission transitions are re-
stricted to an angular momentum of ∆J = ±1, due to photons having a spin of 1.
The frequency of the photon is then:
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ν = ~
2πI (JL + 1) , (4.37)

where JL is the angular momentum quantum number of the lower energy state. An
example of a linear rotor molecule which is detected throughout the ISM through
radio telescopes is CO (discussed further in Section 4.6).

4.3.2 Einstein Coefficients

The Einstein Coefficients can be used to describe the rate of emission and absorp-
tion of photons in a medium, due to the change in energy state. There are three
mechanisms of importance, shown in Figure 4.4, which are discussed below.

Lower energy level (1)

Upper energy level (2)

Spontaneous emission

Photon

Stimulated emissionAbsorption

2 2

11

Figure 4.4: Mechanisms associated with line emission, resulting in a change
in the energy state of the molecule. The frequency of the photon is ν21 with
corresponding energy hν21 equal to the difference in the energy states 2 and 1.
Image adapted from Rybicki and Lightman, 1986.

Spontaneous emission
Spontaneous emission is the process in which a single photon is emitted when a
molecule spontaneously decays from a higher excited energy state, 2, to a lower
energy state, 1, as shown in the left panel of Figure 4.4. The rate at which this
transition occurs per unit time is given by the Einstein coefficient in Equation 4.38.

A21 = 16π3ν3
21

3ε0hc3 |µ
2
21| [s−1] , (4.38)

where ν21 = (E2 − E1)/h is the central frequency for the transition and µ21 is the
electric dipole moment of the molecule for the transition.

Absorption
Absorption occurs when a single photon is spontaneously absorbed causing a tran-
sition from the lower energy state, 1, to a higher energy state, 2, as shown by the
middle panel of Figure 4.4. The rate of transition for this process is given by the
Einstein coefficient for absorption, denoted B12 (units of W−1 cm2 Hz sr s−1), which
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is proportional to the specific intensity of the photons, Iν . The rate of absorption is
B12Iν .

Stimulated emission
For the absorption process described above, the reverse transition is expected at the
same rate. This process is known as stimulated emission (or negative absorption)
in which a molecule in the higher energy state, 2, interacts with a photon with
frequency ν21, causing a transition to the lower energy state, 1. Resulting in the
emission of two photons of the same frequency, ν21, as shown by the right panel in
Figure 4.4. Similar to absorption, stimulated emission depends on the specific inten-
sity of the photons, Iν , and the Einstein coefficient B21 (units of W−1 cm2 Hz sr s−1).

Local Thermodynamic Equilibrium
The Einstein coefficients for spontaneous (B12) and stimulated emission (B21), and
absorption (A21) are related assuming the system is in local thermodynamic equi-
librium (LTE). LTE assumes that the population of particles is in thermodynamic
equilibrium and that the distribution of the energy levels follows the Boltzmann
distribution:

ni = gi exp
(
− Ei
kT

)
, (4.39)

where i is the energy state, ni is the population density, gi is the degeneracy of the
state, Ei is the energy, k is the Boltzmann constant and T is the temperature.

Consider a system where a molecule has two energy states. The lower energy state
E1 has a population density n1 and the higher energy state E2 has a population
density n2. The ratio of the number density of the two states is:

n2

n1
= g2

g1
exp

(
−E2 − E1

kTx

)
= g2

g1
exp

(
−hν21

kTx

)
, (4.40)

where g2 and g1 are the degeneracies of each state and Tx is the kinetic/excitation
temperature of the transition. In LTE the rate at which particles transition to the
upper energy state must be equal to the rate at which particles transition to the
lower energy state. Giving the following relation between the transition rates:

n2A21 + n2B21Bν(T ) = n1B12Bν(T ) . (4.41)

Rearranging Equation 4.41 for the specific intensity gives:
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Bν(T ) = n2A21

n1B12 − n2B21

= A21
n1
n2
B12 −B21

.
(4.42)

The specific intensity here is for thermal radiation as given by Planck’s law in
Equation 4.15. Combining these two equations along with Equation 4.40 gives the
following relationship:

2hν3/c2

exp(hν/kT )− 1 = A21
g1
g2

exp(hν/kT )B12 −B21

= A21/B21
g1B12
g2B21

exp(hν/kT )− 1
.

(4.43)

The above is only true if A and B Einstein coefficients obey the following relation-
ships:

g2B21 = g1B12

A21 = 2hν2

c2 B21 .
(4.44)

The Einstein coefficients can be used to redefined the expressions for the absorption,
αν , and emission, jν , coefficients, discussed in Section 4.1.2.

jν = hν21

4π n1A12φ(ν) (4.45)

αν = hν21

4π (n1B12 − n2B21)φ(ν) , (4.46)

where hν21 is the photon energy, A12, B12, B21 are the emission/absorption rates and
φ(ν) is the normalised shape function. This function characterises the spectral line
emission from thermal motions caused by Doppler effects, as a function of frequency,
ν (see Section 4.5.1).

4.3.3 Critical Density

In addition to the radiative processes already discussed, molecules are also excited/de-
excited to different energy states through collisions. To study the critical density a
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simple two-level system is considered, in which the Einstein coefficients C12 and C21
describe the collisional excitation rate and de-excitation rate, respectively. The crit-
ical density, nc, for any molecular transition is the density when the rate of collisions
(excitation) and rate of de-excitation (radiative) are equal:

nc = A21

C12
≈ A21

< σv >
[cm−3] , (4.47)

where A21 is the spontaneous emission rate, σ is the collisional cross-section and
v =

√
3kT/m is the average thermal velocity of the molecule.

Different molecules have different critical densities, as shown in Table 4.3, which are
used to determine different properties of molecular gas in the ISM (discussed further
in Section 4.6).

Table 4.3: Critical density, nc, values given the Einstein coefficients, A21, for
various molecular transitions in the ISM. Values taken from Wilson et al., 2010.

Molecule Transition A21 (s−1) Critical density (cm−3)

CO J = 1− 0 7.4× 10−8 ∼ 5.0× 102

CS J = 1− 0 1.8× 10−6 ∼ 1.8× 104

SiO J = 1− 0, v = 0 3.0× 10−6 ∼ 6.0× 104

NH3 J,K = 1, 1 1.7× 10−7 ∼ 1.0× 103

If the density of the ISM is larger than the critical density, nc, then a population
inversion occurs in which collisional excitations occur at a higher rate than radiative
de-excitation. This behaviour allows detection of the line emission above the back-
ground signal. For example, CO has a relatively low critical density in addition to
a low excitation temperature, making it easier to detect the diffuse CO gas in the
ISM.

4.4 Physical Parameters of the ISM

As light travels through interstellar space towards Earth it can be absorbed and
emitted by the gas in the ISM, which allows us to examine the characteristics of
molecular clouds. Their spectral lines can be analysed to understand the physical
properties of the gas, including column density, optical depth, mass, and density.
The following section discusses various methods and analysis techniques for obtain-
ing the physical properties of gas data.
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4.4.1 Optical Depth

It is necessary to have an understanding of optical depth when considering different
gases in the ISM. The optical depth of interstellar gas varies throughout our galaxy,
hence it can provide useful information about the structure of various astrophysical
environments. Optical depth is a measure of the amount of radiation that a particle
has absorbed over a given distance. It is a unitless parameter, which is dependent
on both the absorption coefficient, αν and the path length, ds. The optical depth,
τν , is defined as:

τν =
∫
ανds (4.48)

The optical depth varies throughout interstellar space depending on the absorptivity
of the environment. The optical depth is defined such that for τν << 1 the gas is
optically thin, whilst for τν >> 1 the gas is optically thick. If τν = 1, we do not
expect to see any deeper into the cloud. Due to this, it is possible to see much
further into a diffuse medium as opposed to a dense medium.

4.4.2 Column Density

The column density of the ISM is an important parameter used to estimate the
amount of gas along the line of sight in the ISM, typically given in units of atoms
per square centimetre. Previously, in Equation 4.46 the absorption coefficient was
defined in terms of the Einstein coefficients. Combining this equation along with
the relationships in Equation 4.44, gives the following:

αν = c2

8πν2
21
A21

(
n1
g2

g1
− n2

)
φ(ν) . (4.49)

For a thermally excited spectral line, the Boltzmann relation (Equation 4.40) is
assumed, giving the following equation for the absorption coefficient:

αν = c2

8πν2
21
A21n2

(
exp

(
hν21

kT

)
− 1

)
φ(ν) . (4.50)

For the upper energy state, 2, the column density is defined as N2 =
∫
n2 ds, where

ds is a distance element along the line of sight. The optical depth is found by
integrating the absorption coefficient along the line of sight and expressing this in
terms of the column density, N2 (Equation 4.51).
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τν =
∫
αν ds

=
∫ c2

8πν2
21
A21

(
exp

(
hν21

kT

)
− 1

)
n2 ds

= c2

8πν2
21
A21N2

(
exp

(
hν21

kT

)
− 1

) (4.51)

Consider a case in which no background radiation is present (i.e. Tbg = 0), multi-
plying Equation 4.14 by τν/τν gives:

Tb(ν) = Ts

(
1− e−τν

τν

)
τν . (4.52)

Assuming the source is thermally excited, Ts can be approximated by Equation 4.53.

Ts = hν21

k

[
exp

(
hν21

kT

)
− 1

]−1

(4.53)

By combining Equation 4.52 and Equation 4.53 the column density is related to the
antenna temperature, T ∗A, through:

Tb(ν) ≡ T ∗A = hc2

8πν21k
A21N2

(
1− e−τν

τν

)
φ(ν) . (4.54)

The integral of the antenna temperature over all frequencies, assuming a constant
optical depth over the frequency range, is:

∫ ∞
−∞

T ∗Adν = hc2

8πν21k
A21N2

(
1− e−τν

τν

)∫ ∞
−∞

φ(ν)dν . (4.55)

The antenna temperature can be expressed in terms of the Doppler-shifted velocity,
v (discussed later in Section 4.5.1):∫ ∞

−∞
T ∗Adν = ν

c

∫ ∞
−∞

T ∗Adv . (4.56)

Whilst the integral of the normalised shape function is
∫∞
−∞ φ(ν)dν = 1. Applying

both of these to Equation 4.55 and rearranging gives an expression for the column
density:

N2 = 8πν2
21k

A21hc3
τν

1− e−τν
∫ ∞
−∞

T ∗Adv . (4.57)
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This equation is suitable for calculating the column density provided we assume
the medium is optically thin, meaning τν

1− e−τν ∼ 1 (from the Taylor expansion of
exp(−τν)).

A common way to estimate the column density for a specific spectral line is to use
the X-factor approximation given by:

N = X
∫
TB dv , (4.58)

where TB is the brightness temperature, dv is the integration over the velocity of
the cloud and X is the X-factor for the given molecule (see Section 4.6 for further
information).

4.5 Estimating Distances in the Milky Way

The distances to different sources of interest are not easily resolved in astronomy.
However, from the Doppler shifting of spectral lines, it is possible to estimate the
distance to different objects within our galaxy. This is done using the Galactic
rotation curve (Brand and Blitz, 1993), as discussed in this section.

4.5.1 Doppler Effect

Molecular clouds exhibit motion within the galaxy. Various types of particle motion
are present within these clouds. Turbulent movement inside the cloud is caused by
the randomized motions of individual particles as they are scattered off the magnetic
irregularities contained within the cloud itself. Bulk motion is also present from gas
‘clumps’ as they move around the Galactic Centre (GC). Clouds also have intrinsic
motion around the galaxy. Each of these combined causes the gas to have motion
relative to the Earth. Bulk movement causes the spectral lines to systematically
shift, whilst thermal motion of the particles leads to the broadening of spectral lines
with respect to a stationary observer at Earth, commonly know as Doppler (thermal)
broadening. Therefore, the observed frequency of clouds, νobs, are Doppler shifted
from their original frequency, ν0, shown by Equation 4.59.

νobs = v + vobs

v + vsrc
ν0 , (4.59)

where vsrc is the velocity of the source, vobs is the velocity of the observer and v is the
velocity of the emitted wave, often taken to be the speed of light, c. Broadening can
also occur from the interaction between atoms and molecules leading to a difference
in the energy level spacings and therefore a broader range of frequencies. This is
commonly known as ‘pressure’ broadening.



4 TRACING THE INTERSTELLAR MEDIUM 60

The observed frequency of spectral lines (both emission and absorption) may deviate
from their rest frequencies due to the motion of the particles. This frequency shift
can be expressed in terms of a Doppler-shifted velocity, with respect to some rest
frame. The local standard of rest (LSR) is defined by a point coincident with the
Suns position in its circular orbit around the GC. The LSR is commonly adopted
as the reference frame when interpreting such velocities:

vLSR = c(ν0 − ν)
ν0

, (4.60)

where vLSR, is the Doppler-shifted velocity, typically obtained using the Galactic
Rotation Curve (GRC, discussed further in Section 4.5.2), ν is the frequency and c
is the speed of light.

The thermal motion of particles results in Doppler-shifted velocities, which can be
described by a Gaussian line profile dependent on frequency, as shown by Equa-
tion 4.61.

φ(ν) =

√√√√ mc2

2πkTν2
0

exp
(
−(ν − ν0)2mc2

2kTν2
0

)
, (4.61)

where m is the mass of the molecule, k = 1.38 × 10−23 J K−1 is the Boltzmann
constant and T is the temperature.

For a line shape function that is normalised, φ(ν)dν = 1, the line width for thermal
Doppler broadening is given by:

∆ν ∼ ν0

√
kT/mc2 , (4.62)

where ∆ν = ν − ν0.

The Doppler-shifted velocity with respect to the LSR, vLSR, is redefined to include
the Doppler-shifted velocity, v0:

vLSR = c(ν0 − ν)
ν0

+ v0

∴ ν = ν0 −
(vLSR − v0)ν0

c
.

(4.63)

The line profile in Equation 4.61 is then adjusted to be expressed in terms of the
Doppler-shifted velocity:

φ(vLSR) =

√√√√ mc2

2πkTν2
0

exp
(
−m(vLSR − v0)2

2kT

)
. (4.64)
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Typically, the spectral line emission profiles can be described in velocity-space only
with a Gaussian function given by:

φ(vLSR) = A exp−4(vLSR − v0)2

∆v2
FWHM

ln 2 , (4.65)

where A is the emission line amplitude, and ∆vFWHM is the full width half maximum,
which is given by Equation 4.66 provided the broadening of the line is due only to
thermal motions.

∆vFWHM =
√

8kT ln 2
m

, (4.66)

where m is the mass of the molecule.

4.5.2 Galactic Rotation Curve

Objects within the galaxy are rotating around the Galactic Centre (GC), see Fig-
ure 4.5). The Galactic rotation curve is a model which gives the average Doppler-
shifted velocity of an object in the galaxy with respect to the GC as a function
of distance. The velocity given to particular objects depends on the motion of the
observer, as well as motions described in Section 4.5.1. In the case of Earth, the
rotation and orbit must be considered in addition to the motion of the Sun around
our galaxy. The local standard of rest (LSR) is commonly adopted as the reference
frame when interpreting such velocities. It is noted that the velocity field includes
non-circular motions so it is the radial velocity (vLSR) which is of importance. Hence,
the kinematic distance to an object can be found by knowing the position and radial
velocity of the given object, from Equation 4.67 (Brand and Blitz, 1993).

vLSR =
[

ΘR0

R
−Θ0

]
sin l cos b , (4.67)

where R is the galactocentric distance to the object2 and Θ is the circular rotation
velocity of the object. R0 is the galactocentric distance from the sun and Θ0 is the
circular rotation velocity at the position of the Sun, commonly given values 8.5 kpc
and 220 km s−1 respectively (Kerr and Lynden-Bell, 1986). The Galactic coordinates
are given by l (Galactic longitude) and b (Galactic latitude).

Brand and Blitz, 1993 provide the following relationship between R and Θ:

Θ
Θ0

= a1

(
R

R0

)a2

+ a3 , (4.68)

2The galactocentric distance is the distance of an object from the centre of the Milky Way
galaxy
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Figure 4.5: Matter rotating about the GC with velocity Θ0. The Galactic
Longitude, l, is the angle between the line which connects the centre of the galaxy
with the Sun and the line which connects the Sun with the object. The red arrows
are the velocity projected along the line of sight of the Sun and green arrows show
the tangential velocity. Image adapted from (Sofue, 2013).

where a1 = 1.00767, a2 = 0.0394 and a3 = 0.00712 are observationally derived, and
the galactocentric distance, R, is found through trigonometry:

R =
√
d2 cos2 b+R2

0 − 2R0d cos b cos l . (4.69)

The distance to some object in the Galaxy, d, is found by solving Equations 4.67
and 4.68 numerically. For objects which are closer to the Galactic Centre than the
Sun (R < R0), degeneracy occurs, resulting in two solutions called the ‘near’ and
‘far’ distances. The Galactic model along the line of sight for HESS J1804−216 is
shown by Figure 4.6. Other models for the rotation curve are also used throughout
literature in which the equations follow a different form. For example Reid et al.,
2014 use a polynomial to describe the relationship between R and Θ, however, Persic
et al., 1996 describe a ‘universal’ rotation curve. Russeil et al., 2017 discuss and test
various rotation curve models for our Galaxy.
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Figure 4.6: Model of the Galaxy along the line of sight of HESS J1804−216.
Parameters used in this model are from Vallée, 2014 for each spiral arm shown
by the solid coloured lines, Perseus (light blue), Sagittarius (light green), Scutum-
Crux (red) and Norma (black). The dashed lines for each spiral arm show their
extent. The coloured wedge shows the expected line of sight for HESS J1804−216
from the Sun for the radial velocities (vLSR) using the Galactic rotation model
from Brand and Blitz, 1993. The numbers along this wedge show the distance to
the source in kilo-parsecs (kpc). The spatial coordinates along the axes are given
in kpc also. Image courtesy of Nigel Maxted.

4.6 Gas Tracers

An interstellar gas cloud commonly has a dense core, surrounded by thinner layers
of gas (see Figure 4.7). The inner layers are composed of molecular hydrogen (H2)
and carbon monoxide (CO), whilst the outer layers contain atomic hydrogen (HI).
CO is not often found on the outer layers of a gas cloud as the ultra-violet (UV)
radiation from stars breaks the CO up into its constituents; carbon (CI) and oxygen
(OI). The following section describes some of the most abundant gas tracers, which
have been used within the project.
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Figure 4.7: Schematic of an interstellar gas cloud profile. The dense core in-
dicated by the dark grey region and surrounding first layer (indicated by grey
region) consisting of primarily H2 and CO. The boundary between the first and
outer layer consists of both HI and H2. The outer layer indicated by the light grey
region consists of predominately HI, OI, and CI. Observations made in this thesis
will measure the HI and CO components in this diagram.

The mass of a region of gas can be calculated through:

M = µmHNA , (4.70)

where µ is the weighting factor, mH is the mass of hydrogen atom, N is the column
density of the region and A is the cross-sectional area of the region. Assuming that
the gas consists of mostly molecular hydrogen with ∼10% helium atoms and the
other components of the gas are negligible, µ = 2.

4.6.1 Atomic Hydrogen

The most abundant molecule in the Universe is hydrogen. Hydrogen can easily exist
in its atomic form (HI) consisting of only one proton and one electron at low densi-
ties, typically found in space. HI produces a characteristic 21 cm hyperfine spectral
line in both emission and absorption, making it possible to trace atomic hydrogen.
The 21 cm hyperfine spectral line is the radiation emitted from the interaction of the
spin state of the electron and proton (shown in Figure 4.8). The average tempera-
ture of the CMB and hence the universe is approximately 2.7 K, making it unlikely
for HI to be ionised, as temperatures above 1000 K are required. The primary form
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of emission is therefore from interactions of the spin states of both the electron and
proton (Furlanetto, 2016). The 21 cm transition corresponds to a frequency emitted
of f = 1.42× 109 Hz.

+ Proton Electron-

Emitted photon

λ=21cm
Spin flip

Parallel spin

+ Proton Electron-

Antiparallel spin

Figure 4.8: Diagram of the electromagnetic radiation emitted, with wavelength
of 21 cm, when a hydrogen atom changes energy state leading to the HI spectral
line.

The density of the medium varies as the temperature changes. A diffuse warm
medium has a density of 10−2 cm−3 whilst a cold neutral medium has a density
102 cm−3. To calculate the column density corresponding to a specific region, the
X-factor is used (Dickey and Lockman, 1990):

NH = XHI

∫
Tbdv , (4.71)

where
∫
Tb dv is the integrated velocity (K km /s) and the X-factor for HI assuming

an optically thin medium is:

XHI = 1.823× 1018 cm−2K−1km−1s . (4.72)

If the medium is not optically thin this value will be an underestimate of the X-
factor (Fukui et al., 2015). The X-factor is empirically derived and depends on the
conditions of the ISM (i.e. Strong et al., 2004; Fukui and Kawamura, 2010; Bolatto
et al., 2013). It encompasses the physical parameters of the gas cloud and its envi-
ronment. The X-factor depends on the cloud density. It has a latitude dependence,
meaning XHI varies throughout the galaxy. The HI data used in this thesis was
taken from the SGPS, available at the CSIRO website3. This data provided full
coverage of the source of interest.

3CSIRO: http://www.atnf.csiro.au/research/HI/sgps/fits_files.html

http://www.atnf.csiro.au/research/HI/sgps/fits_files.html
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4.6.2 Carbon Monoxide

Molecular hydrogen (H2) can be difficult to detect as it does not emit in the radio
range. H2 also has a very high excitation temperature to reach the first rotational
excited state (> 300 K, Habart et al., 2005). Vibrational excitation temperatures
are even higher than this. CO makes for an ideal tracer of H2 as it is the next most
abundant molecule, and emits/absorbs electromagnetic radiation in the millimetre
(radio) range. It is a linear rotor (see Section 4.3.1) with a weak dipole moment,
∼0.1 Debye, therefore spontaneous de-excitation is small. CO also has a low exci-
tation temperature of ∼10-20 K, in addition to a relatively low critical density (see
Section 4.3.3) of 10-1000 particles/cm3, allowing it to be excited in molecular clouds
of lower temperatures. CO is commonly detected in the J=1→0 transition (i.e.
CO(1-0)), where J represents the rotational level. This is the rotational transition
that occurs between the first excited state and the ground state (see Heyer and
Dame, 2015 for a review).

The standard method in determining the column density of H2 from CO is adopted,
in which the brightness temperature is converted to column density with the use of
the X-factor (see Equation 4.73).

XCO = N(H2)
WCO

. (4.73)

Here, N(H2) is the column density of H2, WCO is the integrated intensity of J=1→0
transition of either 12CO or 13CO and XCO is a scaling factor. Bolatto et al., 2013
provide an overview of the various methods used to obtain the X-factor for CO. In
this thesis we adopt the X-factor as determined by Dame et al., 2001 and Simon
et al., 2001 for 12CO and 13CO respectively:

X12CO = 1.8× 1020 cm−2 K−1 km −1 s
X13CO = 4.92× 1020 cm−2 K−1 km −1 s .

(4.74)

12CO(1-0) is the standard molecule used to traced diffuse H2 gas. 13CO(1-0) on
the other hand is far less dense and most often optically thin. The 13CO therefore
provides a deeper look into the inside of a molecular cloud. As CO emission is a
suitable tracer for H2, it can be used to estimate both the mass of a molecular cloud
(given by Equation 4.70) and the column density of the molecular hydrogen, within
a specific region of cloud.

4.6.3 Carbon Monosulfide

Carbon monosulfide (CS) is a diatomic molecule found in molecular clouds in the
ISM. It has a high electric dipole moment of µ = 1.9 Debye. CS is far less abundant
(Penzias et al., 1971) than hydrogen and has a much higher critical density, on the



4 TRACING THE INTERSTELLAR MEDIUM 67

order of 104 cm−3 (see Table 4.3). The abundance ratio between CS and molecular
hydrogen is taken from Frerking et al., 1980 to be ∼10−9. Due to these factors,
CS is known to be a good tracer of dense molecular gas, especially in cases where
the CO is optically thick. The abundance ratio can also be used to convert the CS
column density to the H2 column density, NH2 = NCS/10−9. In cases where the ISM
is particularly dense (> 105 cm−3) or at temperatures as low as ∼10 K it is possible
for CS to ‘freeze out’ onto dust grains, hence lowering the abundance of CS (Tafalla
et al., 2004).

CS has multiple observable transitions including J=3-2, J=2-1, and J=1-0. The
focus for the work shown in this thesis is CS(J=1-0) which has a line frequency of
∼49 GHz meaning it is observable by the Mopra 7 mm receiver. The CS(J=1-0) line
provides a look into the dense cores of clouds, allowing further information on the
internal dynamics and physical conditions of these clouds to be explored.

4.6.4 Silicon Monoxide

Similar to CS, silicon monoxide (SiO) is a linear rotor, with a high electric dipole
moment of µ = 3.09 Debye and critical density of ∼104 cm−3. SiO is therefore also
a tracer of dense gas (n > 104 cm−3), and detectable via observing with a 7 mm
receiver.

The SiO molecule originates in the compressed gas behind the shock produced by
molecular clouds (Martin-Pintado et al., 1992). These are typically C-type shocks
(continuous shocks), which are found in star-forming regions or SNRs when they
interact with the surrounding ISM (Gusdorf et al., 2008). Therefore, SiO can be a
useful signpost of disrupted or shocked molecular clouds, where the SiO abundance
is higher (e.g. Martin-Pintado et al., 1992).

SiO is rarer than other dense gas tracers such as CS, as silicon is depleted in large
fractions onto dust grains. Silicates are, however, expected to be released, when
dust particles are bombarded by molecules, such as CO, in shocks of sufficiently
high speeds (vs ∼ 25 km s−1). The released Si particles are eroded by oxygen atoms
which eventually leads to the formation of SiO (Gusdorf et al., 2008). This process
occurs in dense clouds and can be described with the following reaction chain (Herbst
et al., 1989):

Si + O2 → SiO + O . (4.75)

4.6.5 Ammonia

Ammonia (NH3) is a polyatomic molecule with a pyramidal symmetric top in which
three hydrogen atoms form the base of the pyramid and one nitrogen atom at the
apex of the molecule. The abundance ratio of NH3 to H2 is typically between
10−5 and 10−7, so NH3 is far less abundant than H2 (Ho and Townes, 1983). The
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rotational transition of the ammonia molecule is denoted NH3(J,K), for different
quantum numbers J and K. There are two species of NH3, the ortho-NH3 and para-
NH3. Ortho-NH3 occurs when all three hydrogen nuclei spins are aligned and K is a
multiple of 3 (K= 3n). Para-NH3 occurs when the three hydrogen nuclei spins are
not aligned (i.e. one spin is anti-parallel to the other two) and K is not a multiple
of 3 (K6= 3n).

Similar to SiO and CS, NH3 also traces high density gas (104 cm−3) in dense cores
and star-forming regions (i.e. young stars, Ho and Townes, 1983). NH3 typically
indicates cold (< 30 K) dense clouds or for temperatures between 30 K and 100 K
it can indicate the presence of compact HII regions and maser sources. The NH3
molecule can also display maser action, however, the pumping mechanism for the
maser emission is unclear for most NH3 masers, as discussed in Walsh et al., 2007.
NH3 masers are typically found with other collisional masers such as H2O. These
NH3 masers have been detected towards various sources, such as W51 and W33
(Walsh et al., 2011; Wilson and Schilke, 1993).

The NH3(1,1), NH3(2,2) and NH3(3,3) inversion transitions are detected between 23-
25 GHz, which are observable with the 12 mm receiver on the Mopra radio telescope
(Walsh et al., 2011). These inversion transitions have a unique spectra containing
the main emission line surrounded by the weaker hyperfine components, called the
satellite lines (see Fig. 2 in Ho and Townes, 1983).

4.6.6 Hydroxyl

The hydroxyl (OH) radical is detected at radio wavelengths in the ISM and can be
important in tracing shocked gas. OH contains one oxygen atom and one hydrogen
atom bound together covalently. OH molecules populate the four hyperfine levels of
the ground state; 1612 MHz, 1665 MHz, 1667 MHz and 1720 MHz, all of which are
observable in the radio range for both emission and absorption. The 1665 MHz and
1667 MHz lines are the strongest of the four and are often referred to as the main
lines, whereas 1612 MHz and 1720 MHz are weaker and known as satellite lines (see
Figure 4.9). The 1720 MHz satellite line requires temperatures between 25 K and
200 K, a density of∼105 cm−3 and an OH column density of 1016−1017 cm−2 (Lockett
et al., 1999). Due to the large critical density, the emission is often characteristic
of warm, dense material. Dawson et al., 2014 provide a survey (SPLASH) of OH
in each of the four ground state transitions. See Dawson et al., 2014 and references
therein for further information.

Hydroxyl maser
There are various sources of astrophysical masers in our universe. A maser (Mi-
crowave Amplification by Stimulated Emission of Radiation) is the natural form of
the man-made laser in the microwave range, which produces stimulated electromag-
netic emission from excited atoms. Astrophysical masers are slightly different to
those created in a laboratory, as they lack resonance, meaning the emission from
an astrophysical maser is produced via one pass through the gain medium. Masers
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can provide information on the temperature and velocity structure of astrophysical
regions. There are many different species which have been observed, however, the
species of interest in this case is the 1720 MHz OH maser. This particular species is
believed to be a strong tracer in the study of the relationship between SNR shocks
and molecular clouds (Frail and G. F. Mitchell, 1998).

Within a 1720 MHz region of low temperature the molecules populate the lowest
rotational energy state (J=3/2). The molecules can also be excited to the higher
rotational levels, in which they emit radiation to then fall back to the ground state.
The 1720 MHz transition is inverted when the final decay is from the first excited
state with J=5/2, which is simply due to the structure of OH (Lockett et al., 1999).
The OH J=3/2 state is split in two by the Lambda doubling effect. This effect is
when the rotation of the nuclei and motion of an unpaired electron interact with
one another, often resulting in a slight change in energy. These ‘Lambda-doubled’
levels can then split into sublevels via hyperfine splitting, creating the four hyperfine
levels of the ground state (see Figure 4.9, Lockett et al., 1999).

J=3/2 Λ doubling

1720 MHz

1612 MHz

1667 MHz

1665 MHz

Hyperfine

splitting

Figure 4.9: Ground state energy level of OH, including transitions of the hyper-
fine sublevels. Image adapted from Lockett et al., 1999.

The 1720 MHz OH maser is excited by collisionally pumped gas. The common type
of pumped environment is that of a C-type shock (continuous shock), which is most
often the result of a supernova explosion. The OH maser has been an extremely
effective way for investigating the correlation between SNRs and molecular clouds
(Lockett et al., 1999). It is believed that the 1720 MHz OH maser originates in the
post-shock environment, in which the SNR shock interacts with dense molecular
clouds surrounding the SNR. This theory is supported by various observations, and
should be noted that these conditions do not occur within other ground state masers.
Many 1720 MHz OH masers have been seen towards other TeV γ-ray SNRs, such as
W44, which provides evidence of interaction between molecular gas and this SNR
(Frail and G. F. Mitchell, 1998).
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5 Paper 1: Interstellar Gas towards
HESS J1804−216

The following paper entitled ‘Arc-minute-scale studies of the interstellar gas towards
HESS J1804−216: Still an unidentified TeV γ-ray source’ was published in the peer-
reviewed journal Publications of the Astronomical Society of Australia (PASA). In
this paper we present a detailed study of the interstellar gas towards the γ-ray
source HESS J1804−216. Several origin scenarios for the TeV γ-ray emission from
HESS J1804−216 are identified and studied. This paper also models the energy
spectra of CR protons in the hadronic scenario for two different SNRs.
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Abstract
The Galactic TeV γ -ray source HESS J1804−216 is currently an unidentified source. In an attempt to unveil its origin, we present here the
most detailed study of interstellar gas using data from the Mopra Southern Galactic Plane CO Survey, 7- and 12-mm wavelength Mopra
surveys and Southern Galactic Plane Survey of HI. Several components of atomic and molecular gas are found to overlap HESS J1804−216
at various velocities along the line of sight. The CS(1-0) emission clumps confirm the presence of dense gas. Both correlation and anti-
correlation between the gas and TeV γ -ray emission have been identified in various gas tracers, enabling several origin scenarios for the
TeV γ -ray emission from HESS J1804−216. For a hadronic scenario, SNRG8.7−0.1 and the progenitor supernova remnant (SNR) of
PSR J1803−2137 require cosmic ray (CR) enhancement factors of ∼50 times the solar neighbour CR flux value to produce the TeV γ -
ray emission. Assuming an isotropic diffusion model, CRs from both these SNRs require a slow diffusion coefficient, as found for other TeV
SNRs associated with adjacent ISM gas. The morphology of gas located at 3.8 kpc (the dispersion measure distance to PSR J1803−2137)
tends to anti-correlate with features of the TeV emission from HESS J1804−216, making the leptonic scenario possible. Both pure hadronic
and pure leptonic scenarios thus remain plausible.

Keywords: ISM: clouds – ISM: cosmic rays – ISM: individual objects (HESS J1804–216) – gamma rays: ISM – molecular data
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1. Introduction

HESS J1804−216 is one of the brightest unidentified γ -ray
sources, discovered by the High Energy Stereoscopic System
(H.E.S.S.) in 2004 as part of the first H.E.S.S. Galactic Plane Survey
(Aharonian et al. 2005). HESS J1804−216 features extended emis-
sion with a radius of ∼22 arcmin, a photon flux of almost 25%
of the Crab Nebula above 200 GeV (Aharonian et al. 2006), and
a TeV luminosity of 5× 1033(d/kpc)2 erg s−1 and is one of the
softest galactic sources with a photon index of � = 2.69± 0.04
(H.E.S.S. Collaboration et al. 2018a).

High-Altitude Water Cherenkov observatory (HAWC)
detected emission at ∼4σ towards the north of HESS J1804−216;
however, no source has been identified.

The GeV γ -ray source, FGES J1804.8−2144, (Ackermann et al.
2017) is a disc of radius ∼23 arcmin, coincident with the TeV
emission from HESS J1804−216 (see Figure 1).

HESS J1804−216 has several possible counterparts found
within∼1◦ of its centroid, but none of these have been unambigu-
ously associated with the TeV source. Two prominent candidates
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for the acceleration of cosmic rays (CRs) are supernova remnants
(SNRs) and pulsar wind nebulae (PWNe). Here, the potential
counterparts are SNRG8.7−0.1, SNR 8.3−0.1 (also referred to
as SNR G8.3−0.0 in other literature, see Hewitt & Yusef-Zadeh
2009), PSR J1803−2137, PSR J1803−2149, and PSR J1806−2125.
The location of each counterpart with respect to HESS J1804−216
is shown in Figure 1. The γ -ray contours used here were obtained
from Aharonian et al. (2006).

SNR 8.3−0.1 has radio shell-like morphology with a radius
of 0.04◦ (Kilpatrick, Bieging, & Rieke 2016; Acero et al. 2016).
Kilpatrick et al. (2016) find a systematic velocity of +2.6 km s−1,
placing it at a kinematic distance of 16.4 kpc, hence it is in
the background. SNR 8.3−0.1 would have an unusually high
TeV luminosity (H.E.S.S. Collaboration et al. 2018a) at 16.4
kpc of 1.34× 1036 erg s−1, making it unlikely to be powering
HESS J1804−216.

SNRG8.7−0.1 has a large radius of 26arcmin as determined by
radio observations (Fang & Zhang 2008). It has been associated
with a number of young HII regions, forming the W30 complex,
a large star-forming region with a ∼1◦ region of radio continuum
emission (Kassim &Weiler 1990). SNRG8.7−0.1 is a mature SNR
with an age of 15 kyr (Odegard 1986). A distance of 4.5 kpc is
adopted here, which is found through X-ray observations and the
column density of neutral hydrogen (Hewitt & Yusef-Zadeh 2009).
Ajello et al. (2012) modelled the GeV to TeV emission assuming
CRs are accelerated by this SNR.
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Table 1. Pulsar characteristics, including spin period (P), period derivative ( Ṗ),
characteristic age (τc), spin-down power (Ė), distance, and TeV luminosity at that
distance.

P Ṗ τc Ė Distance TeV luminosity

Pulsar name (ms) (10−14) (kyr) (1035 erg s−1) (kpc) (1034 erg s−1)
J1803−2137a 133.6 13.41 15.8 22.2 3.8 7.2

J1803−2149b 106.3 1.95 86.4 6.41 1.3 0.8

J1806−2125c 481.8 11.73 65.0 0.41 10 50
aFrom Brisken et al. (2006).
bFrom Abdo et al. (2013).
cFromMorris et al. (2002).

Figure 1. TeV γ -ray significance map of HESS J1804−216, along with potential coun-
terparts. SNRG8.7−0.1 and SNR 8.3−0.1 are indicated by the blue dashed circles,
PSR J1803−2137, PSR J1803−2149, and PSR J1806−2125 are indicated by the white
dots and the 1720-MHz OH is indicated by a purple cross. FGES J1804.8−2144 is shown
by the yellow dashed circle. The TeV γ -ray emission for 5-10σ is shown by the solid
white contours. Image adapted from H.E.S.S. Collaboration et al. (2018a).

A 1720-MHz OH is located along the southern edge of
SNRG8.7−0.1 (Hewitt & Yusef-Zadeh 2009). It is currently
categorised as an SNR-type maser, as no compact radio source
has been found within 5 arcmin and it is believed to originate in
a post-shock environment (Fernandez et al. 2013). It is located at
a velocity (vlsr) of 36 km s−1 corresponding to a distance of ∼4.55
kpc, similar to the distance to SNRG8.7−0.1. The coexistence of
molecular clouds with SNRG8.7−0.1 and the location of the OH
maser suggest that the SNR is interacting with nearby molecular
clouds (Hewitt & Yusef-Zadeh 2009).

The characteristics of the pulsars are summarised in Table 1.
PSR J1803−2137 was found by high-frequency radio observations
by Clifton & Lyne (1986). A dispersion measure distance of 3.8
kpc is used here (Kargaltsev, Pavlov, & Garmire 2007a). Chandra
detected a faint and small (∼7 arcsec× 4 arcsec) synchrotron
nebula around PSR J1803−2137, with the inner PWN positioned
perpendicular to the direction of proper motion of the pulsar
(Kargaltsev et al. 2007a).

PSR J1803−2137 is located towards the north-eastern edge of
SNRG8.7−0.1, but their association is highly unlikely accord-
ing to a proper motion study of the pulsar (Brisken et al. 2006).
This study showed that for the pulsar to be born at the cen-
tre of SNRG8.7−0.1, a transverse velocity of ∼1700 km s−1 is
required. Therefore, PSR J1803−2137 was born outside the central

region of SNRG8.7−0.1 (see Figure A1). The pulsar is most likely
moving towards this area, rather than away from it, ruling out
their connection (Brisken et al. 2006).

PSR J1806−2125 is a γ -ray-quiet radio pulsar discovered with
the Parkes radio telescope (Morris et al. 2002), and is located at a
distance of ∼10 kpc. Comparing the inferred γ -ray luminosity at
10 kpc to the spin-down power, we obtain a TeV γ -ray efficiency
(ηγ = Lγ /Ė) of more than 100%, excluding it as a plausible
counterpart.

PSR J1803−2149 is a radio-quiet γ -ray pulsar located at a dis-
tance of 1.3 kpc (Pletsch et al. 2012). This distance is obtained by
inverting the γ -ray luminosity equation (see Saz Parkinson et al.
2010) and is discussed further in Section 5.1.

Multiple studies (Higashi et al. 2008; Kargaltsev, Pavlov, &
Garmire 2007b; Lin, Webb, & Barret 2013) have found a lack
of X-ray emission towards HESS J1804−216, particularly towards
SNRG8.7−0.1 and PSR J1803−2137. As mentioned previously,
there is a faint and small X-ray nebula towards PSR J1803−2137.
No SNR shell has been detected within the field of view of the
Chandra imaging (Kargaltsev et al. 2007b). Investigation of this
region by XMM-Newton (Lin et al. 2013) showed that the detected
X-ray sources (both extended and point-like) are unlikely to be
associated with HESS J1804−216 due to them being located far
away from the TeV peak.

Our detailed arcminute-scale ISM study here follows on from
earlier work by de Wilt et al. (2017) who revealed dense clumpy
gas using the ammonia inversion line tracer. By studying the dis-
tribution and density of the ISM towards HESS J1804−216 on
arcminute scales, we can investigate morphological differences
between hadronic and leptonic scenarios for the γ -ray production.
We will utilise data from the Mopra radio telescope and Southern
Galactic Plane Survey (SGPS) in order to carry out such an inves-
tigation and look at an isotropic CR diffusion model for further
insight into the likelihood of a hadronic interpretation.

2. ISM observations

In this work, we utilised the publicly available SGPSa of atomic
hydrogen (HI) and 3, 7, and 12 mm (frequency ranges 76–117,
30–50, and 16–27 GHz, respectively) data taken with the Mopra
radio telescope towards the HESS J1804−216 region.

The Australia Telescope Compact Array (ATCA) and Parkes
telescope together mapped the HI emission along the Galactic
Plane to form the SGPS. The survey is for latitudes of b= ±1.5◦
and longitudes covering l= 253◦ – 358◦ (SGPS I) as well as l= 5◦
– 20◦ (SGPS II, McClure-Griffiths et al. 2005).

Mopra is a single dish with a 22-m diameter surface. The 3-
mm data were taken from the Mopra SGPS, which is designed to
map the fourth quadrant in the CO isotopologues (e.g. Braiding et
al. 2018b). The Mopra spectrometer (MOPS) was used in wide-
band mode at 8 GHz in Fast-On-The-Fly (FOTF) mapping to
detect the four isotopologue lines (12CO, 13CO, C17O, and C18O).
FOTF mapping is conducted by scanning across 1 square degree
segments. To reduce artefacts in the data, each segment contains
a longitudinal and latitudinal scan. The target region covering
HESS J1804−216 is b= ±0.5◦ and l= 7.0 – 9.0◦ for the two CO
isotopologue lines of interest: 12CO and 13CO.

aData can be found at https://www.atnf.csiro.au/research/HI/sgps/fits_files.html
bPublished Mopra data can be found at https://dataverse.harvard.edu/dataverse/

harvard/
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The 7-mm studies towards HESS J1804−216 were taken in
2011 and 2012. The 7-mm coverage is for a 49× 52 arcmin region
centred on l= 8.45◦ and b= −0.07◦. MOPS was used in ‘zoom’
mode for these observations. This provides 16 different subbands
each with 4096 channels and a bandwidth of 137.5MHz (Urquhart
et al. 2010). Table F.1 lists the various spectral lines at 7 mm.

The 12-mm receiver on the Mopra telescope was used to
carry out the H2O SGPS (Walsh et al. 2011, HOPS). This survey
also detected other molecules such as the different inversion
transitions of ammonia (NH3). HOPS utilised On-The-Fly (OTF)
mode with the Mopra wide-bandwidth spectrometer. HOPS
mapped the region surrounding HESS J1804−216; b= ±0.5◦ and
l= 7.0◦ – 9.0◦.

The Mopra 3-, 7-, and 12-mm data must be corrected to
account for the extended beam efficiency of Mopra before any
data analysis can be performed. The main beam brightness tem-
perature is obtained by dividing the antenna temperature by the
extended beam efficiency (ηXB). At 3mm (115GHz), for the CO(1-
0) lines (12CO and 13CO), a value of ηXB = 0.55 (Ladd et al. 2005)
is used. Following Urquhart et al. (2010), the 7-mm data are cor-
rected to account for the beam efficiency of each frequency from
Table F.1. At 12 mm for the NH3(1,1) (24 GHz) line, the main
beam efficiency of ηmb = 0.6 is used (Walsh et al. 2011).

The Mopra data were processed using the Australia
Telescope National Facility (ATNF) analysis software, LIVE-
DATA, GRIDZILLA, and MIRIAD

c . Custom IDL scripts were written
to add further corrections and adjustments to the data (see
Braiding et al. 2018). LIVEDATA was used first to calibrate each
map by the given OFF position and apply a baseline subtraction to
the spectra. Next, GRIDZILLA was used to regrid and combine the
data from each scan to create three-dimensional cubes (one for
each molecular line in Table F.1) of Galactic longitude, Galactic
latitude, and velocity along the line of sight (vlsr). The produced
FITS file is processed with both MIRIAD and IDL.

3. Spectral line analysis

IDL and MIRIAD were used to create integrated intensity maps.
Different parameters, such as the mass and density, are calcu-
lated using these integrated intensity maps for each line described
within this section. These parameters are examined to calcu-
late important characteristics of each gas component towards
HESS J1804−216 (as shown in Sections 5.1 and 5.2).

The mass of each gas region can be calculated, assuming that
the gas consists of mostly molecular hydrogen with other con-
stituents of the gas being negligible. The mass relationship is then
given by:

M = 2mHNH2A, (1)
wheremH is the mass of a hydrogen atom,NH2 is the mean column
density as obtained from each region, and A is the cross-sectional
area of the region. The number density of the gas, n, is estimated
using the area, A, column density, NH2 , and volume, V of the
gas region, n=NH2 A/V . For simplicity, we assume a spherical
volume for the clouds.

3.1. Carbonmonoxide

The focus for the 3-mm study is the J = 11-0 transition of the
12CO and 13CO lines. 12CO(1-0) is the standard molecule used to

chttp://www.atnf.csiro.au/computing/software/

trace diffuse H2 gas, as it is abundant and has a critical density of
∼103 cm−3 (Bolatto, Wolfire, & Leroy 2013). The CO brightness
temperature is converted to column density with the use of an
X-factor according to Equation (2):

NH2 =WCO XCO cm−2. (2)

Here, NH2 is the column density of H2, WCO is the integrated
intensity of the J = 1-0 transition of either 12CO or 13CO, and
XCO is a scaling factor with values presented in Equation (3), from
Dame, Hartmann, & Thaddeus (2001) and Simon et al. (2001) for
12CO and 13CO, respectively:

X12CO = 1.8× 1020 cm−2 (K km/s)−1,

X13CO = 4.92× 1020 cm−2 (K km/s)−1. (3)

Since the 13CO(1-0) line is generally optically thin, as 13CO is 50
times less abundant than 12CO (Burton et al. 2013), the 13CO(1-0)
line tends to follow denser regions of gas. The 13CO data will pro-
vide indication of the dense molecular gas components towards
HESS J1804−216.

3.2. Atomic hydrogen

The atomic form of hydrogen is detected through the 21-cm line.
The column density corresponding to a specific region is calcu-
lated through the relationship NHI =WHI XHI. Here, the X-factor
is from Dickey & Lockman (1990) (assuming the line is optically
thin), as given by Equation (4):

XHI = 1.823× 1018 cm−2 (K km/s)−1. (4)

3.3. Dense gas tracers

As 12CO is one of the most abundant molecules in the universe, it
quickly becomes optically thick towards dense gas clumps. Tracers
of dense gas (n> 104 cm−3) are required to understand the inter-
nal dynamics and physical conditions of dense cloud cores. The
following paragraphs outline the properties of various molecules
used to trace the dense molecular clouds. These have a higher crit-
ical density and typically a much lower abundance compared to
12CO.

Carbon monosulfide

Carbon monosulfide (CS) is far less abundant (Penzias et al.
1971) than the other molecules previously mentioned and has a
much higher critical density, on the order 104 cm−3. The aver-
age abundance ratio between CS and molecular hydrogen is taken
from Frerking et al. (1980) for quiescent gas to be ∼10−9. CS is
known to be a good tracer of dense molecular gas, especially in
cases where the CO is optically thick. The focus here is CS(J =
1-0) which is observable with the Mopra 7-mm receiver.

Silicon monoxide

Similar to CS, silicon monoxide (SiO) is a tracer of dense
gas and detectable via observing with a 7-mm receiver. The SiO
molecule originates in the compressed gas behind a shock mov-
ing through the ISM (Martin-Pintado, Bachiller, & Fuente 1992).
Such a shock can be found in star formation regions and in SNRs
as they interact with the ISM (Gusdorf et al. 2008). SiO can be a
useful signpost of disruption in molecular clouds, where the SiO
abundance is higher. Nicholas et al. (2012) detected clumps of
SiO(1-0) towards various TeV sources, including the W28 SNR.
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W28 shows a cluster of 1720-MHz OH masers around the SiO
emission, providing evidence of disrupted molecular clouds.

Methanol

Methanol (CH3OH) emission is a marker for star formation
outflows and is an abundant organic molecule in the ISM (Qasim
et al. 2018). The CH3OH line is often seen as a Class I maser.
The detection of CH3OH can be indicative of young massive stars
and hence star formation regions. CH3OH has also been detected
in SNR shocks, where the gas is heated behind the shock front
(Voronkov et al. 2010; Nicholas et al. 2012).

Cyanopolyyne

A cyanopolyyne is a long chain of carbon triple bonds
(HC2n+1N) found in the ISM often representing the beginning
stages of high-mass star formation. The cyanopolyyne used here is
cyanoacetylene, HC3N. HC3N is typically detected in warmmolec-
ular clouds and hot cores. It is present in dense molecular clouds
and can be associated with star formation andHII regions (Jackson
et al. 2013).

Ammonia

The inversion transition of the ammonia molecule is denoted
as NH3(J, K), for different quantum numbers J and K. NH3 traces
the higher density (n∼104 cm−3) gas which can be associated with
young stars (Ho & Townes 1983; Walsh et al. 2011). It is read-
ily observed in dense molecular clouds and towards various HII
regions. One common transition is NH3(1, 1) detected at a line
frequency of ∼23.69 GHz (Walsh et al. 2011). The spectra of this
inversion transition contain the main emission line surrounded
by four weaker satellite lines. A study by de Wilt et al. (2017)
detected NH3(1, 1) emission towards H2O masers in the vicinity
of HESS J1804−216.

4. Results

The distribution and morphology of interstellar gas along the line
of sight of the TeV γ -ray source HESS J1804−216 are investigated
in depth within this section. Multiple line emissions are analysed
to investigate the characteristics of each ISM gas component along
the line of sight. In particular, we are interested in any spatial cor-
relation or anti-correlation between the gas and the TeV γ -ray
emission, as mentioned in Section 1.

4.1. Interstellar gas towards HESS J1804−216
A circular region with a radius of 0.42◦ which encompasses the
extent of the TeV γ -ray emission from HESS J1804−216 (shown
by the cyan circle in Figure B.1) is used to obtain spectra of the
various molecular lines. The emission spectrum of the Mopra
CO(1-0) data (Figure 2) shows large regions of gas which overlap
with HESS J1804−216 and encompasses the bulk of its emission.
Figure C.1 shows a position–velocity (PV) plot of the Mopra
12CO(1-0) data, revealing the structure of the gas in velocity space.

The CO(1-0) spectra show a large portion of the emission cor-
responds to a velocity range of vlsr ≈ −40 to 160 km s−1. There are
six main regions of emission along the line of sight as denoted by
Table 2 and Figure 2. The galactic rotation curve (GRC) model for
HESS J1804−216 (Figure D.1) is used to obtain ‘near’ and ‘far’ dis-
tances, based on the kinematic velocities to different ISM features.

Table 2. Velocity (vlsr) integration intervals, with the corresponding distance
measures, towards HESS J1804−216 based on the components derived from the
CO(1-0) spectra in Figure 2.

Component vlsr Near distance Far distance

( km s−1) (kpc) (kpc)
A −27 to−10 0.1 17

B −10 to 8 0.2 16.7

C 8 to 26 3.0 13.8

D 26 to 56 4.9 11.9

E 56 to 105 6.4 10.4

F 105 to 153 7.4 9.5

Figure 2. CO(1-0) spectra towards HESS J1804−216 with a radius of 0.42◦ centred on
[l, b]= [8.4,−0.02] (see Figure B.1). Solid black lines and blue lines represent the emis-
sion spectra for Mopra 12CO(1-0) and 13CO(1-0) (scaled by a factor of 2), respectively.
Velocity integration intervals for components A through F are shown by the coloured
rectangles.

The spectra for the HI data towards HESS J1804−216 exhibit
emission and absorption as shown in Figure E.1. Given HI is
extremely abundant in the ISM, the data analysis will use the same
velocity components as defined above from the COdata (Figure 2).

4.2. Discussion of ISM components

It is important to look at both atomic and molecular hydrogen as
they provide a look at the total target material available for CRs.
The column density of both 12CO and HI are calculated using
the X-factors from Equations (2) and (4), respectively. Maps of
total column density for the selected integrated velocity ranges are
essential in comparing the γ -ray emission and column density for
the hadronic scenario. The total hydrogen column density, NH, is
the sum of 2NH2 and NHI from Mopra 12CO (smoothed up to the
beam size of the SGPS HI data) and SGPSHI observations, respec-
tively, giving the total proton content for each gas component.
Figure F.5 shows the ratio between the column densities of molec-
ular hydrogen and atomic hydrogen. This figure shows that the
molecular gas tends to dominate over the atomic gas. The total col-
umn density maps for the defined velocity components are shown
in Figure 3. This excludes components E and F (shown in Figure
F.4) as these have the weakest emission features and are distant.
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(A)

(B)

(C)

(D)

(C+D)

Figure 3. Total column density maps, 2NH2 + NHI, (cm−2) towards HESS J1804−216, for gas components A, B, C, D, and C+D. The two dashed blue circles indicate SNRG8.7− 0.1
and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown by the solid
black contours.
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Figure 3 also shows an extra component which covers the
velocity range vlsr = 8 to 56 km s−1 encompassing both com-
ponents C and D, showing features that overlap much of
HESS J1804−216. The dense gas structures in components C and
D are connected by a lane of gas as shown in the PV plot (Figures
C.1). This indicates that some of the gas in these components are
physically close to one another. The distances obtained from the
galactic rotation model remain uncertain closer to the Galactic
Centre (GC). Due to this, it is possible that the velocity/distance
differences in component C and D (see Table 2) arise from local
motion.

Figures F.1, F.2, and F.3 show mosaics of the integrated inten-
sity maps of the Mopra 12CO(1-0), 13CO(1-0), and SGPS HI data,
respectively. The integrated intensity maps for the dense gas trac-
ers are shown in the Appendix by Figures F.7, F.8, F.9, F.11, and
F.11. The CS(1-0) and NH3(1, 1) will be discussed here. A number
of HII regions seen towards HESS J1804−216 (see Figure B.1)
overlap with dense regions of interstellar gas, as discussed here.

4.2.1. Component A

The 12CO(1-0) and 13CO(1-0) emission in component A (vlsr =
−27 to −10 km s−1) show little overlap with HESS J1804−216.
The emission in this component appears to be localised to the
Galactic West of the TeV source.

In HI, there is a gas feature overlapping with the Galactic East
edge of SNRG8.7−0.1 which coincides with the central region of
HESS J1804−216.

The NH3(1, 1) emission towards component A has no dis-
tinct features. The CS(1-0) data show two dense features, one
in the Galactic North-East of HESS J1804−216 and the other to
the Galactic South-East of the TeV source. The Galactic North-
East feature overlaps two HII regions, G008.103+00.340 and
G008.138+00.228, shown in Figure B.1.

4.2.2. Component B

In component B (vlsr = −10 to 8 km s−1), the 12CO(1-0) emission
overlaps most of HESS J1804−216. There is gas filling the inner
region of SNRG8.7−0.1, with significant overlap with the Galactic
South-West to Galactic West of the TeV source. This emission
also extends West beyond both the SNR and TeV source. The
13CO(1-0) emission in this component follows a similar spatial
morphology to the 12CO(1-0).

There is no HI overlap with HESS J1804−216 for this com-
ponent. The HI appears to anti-correlate with the 12CO(1-0)
emission.

There is an intense point-like region of NH3(1, 1) emission in
the central region of SNRG8.7−0.1, which corresponds to a maser
detection in both CH3OH and H2O (see Figure F.11). CS(1-0)
emission in this component is quite weak.

4.2.3. Component C

Component C (vlsr = 8 to 26 km s−1) shows some morphologi-
cal matches between the 12CO(1-0) emission and the TeV γ -ray
emission. There is, however, a depletion in molecular emission
slightly south of the centre of HESS J1804−216 (also seen in the
13CO(1-0) emission) which anti-correlates with the southern TeV
peak. Additionally, there is a prominent structure of gas running
from Galactic East to Galactic West at the bottom of this panel (to
the Galactic South of the TeV source). Towards the Galactic West

of HESS J1804−216, there is a molecular cloud which is position-
ally coincident with the northern edge of SNRG8.7−0.1, as well as
another clump of intense emission to theGalactic East of this. Both
of these features are also prominent in the 13CO(1-0) emission.

The HI emission (Figure F.3) appears to anti-correlate with
the TeV γ -ray emission in component C, with very little emis-
sion detected in this area. Two clumps of HI gas overlap with the
TeV source to the Galactic North-West and East of SNR 8.3−0.1.
In component C, there is also a dense region of gas to the Galactic
North-West, the aforementioned clumps are not consistent with
the 12CO(1-0) data.

The intense emission towards the Galactic East of
PSR J1803−2137 in the total column density map (Figure 3)
is also visible in both the CS(1-0) and NH3(1, 1) (Figures F.7 and
F.11). The significant CS(1-0) emission confirms the presence of
dense gas in this region. This dense region is consistent with the
infrared (IR) bright clouds and the HII regions G008.103+00.340
and G008.138+00.228, as shown by Figure B.1.

4.2.4. Component D

In component D (vlsr = 26 to 56 km s−1), there is a distinct dense
structure in the Galactic South of HESS J1804−216 present in
both the 12CO(1-0) and 13CO(1-0) Mopra data. This dense emis-
sion overlaps with both SNRG8.7−0.1 and HESS J1804−216, so
this region is likely to be associated with the SNR. This feature is
consistent with several HII regions: G008.362-00.303, G008.373-
00.352, G008.438-00.331, and G008.666-00.351 (as indicated in
Figures F.2 and B.1).

There is an intensity gradient in the CO emission as there is less
gas towards the Galactic North of this region. The CO emission
towards the Galactic North is weak and sparse. There is also weak
emission seen outside HESS J1804−216 towards the GalacticWest
and Galactic East.

The HI emission shows a clear arm-like structure of emis-
sion that flows from the Galactic East to Galactic West through
HESS J1804−216, most likely corresponding to the Norma
Galactic Arm. This overlaps much of the central region of the
source.

The NH3(1, 1) data for component D show two distinct clumps
in the Galactic South which coincide with the previously discussed
dense features from the molecular gas. These dense regions over-
lap with IR emission detected by the Spitzer GLIMPSE Survey in
Figure B.1. The IR emission is spatially coincident with several HII
regions. The clump outside HESS J1804−216 is also traced by the
CS(1-0) emission.

4.2.5. Component E

In component E (vlsr = 56 to 105 km s−1), the 12CO(1-0) overlaps
only a small portion of HESS J1804−216, corresponding to the
central region of SNRG8.7−0.1. There is a region of intense emis-
sion to the Galactic North, near PSR J1803−2137. The 13CO(1-0)
emission has less-defined structure with no apparent overlap with
the TeV source.

The HI emission appears to have an arm-like structure which
extends from the Galactic East to West of HESS J1804−216, with
the denser regions towards the Galactic West.

Both the NH3(1, 1) and CS(1-0) lines have almost no emission.
A dense feature in the Galactic South-West of HESS J1804−216
overlaps the small HII region G008.66−0.00351, shown in
Figure B.1.
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4.2.6. Component F

Both the 12CO(1-0) and 13CO(1-0) emission in component F
(vlsr = 105 to 153 km s−1) show no overlap with the TeV source.
This velocity component has little molecular emission aside from
the clouds to the Galactic South of HESS J1804−216.

A large HI feature overlaps HESS J1804−216, extending fur-
ther to the Galactic East in this component.

There is no significant NH3(1, 1) emission in component F. In
the CS(1-0) data, there is a dense core to the Galactic South-East
that has no spatial connection to the TeV γ -ray emission.

5. Discussion

Two different parent particle scenarios will be considered to
be producing HESS J1804−216, a purely hadronic scenario and
a purely leptonic scenario. As SNRs and PWNe are two can-
didates for accelerating CRs, the TeV γ -ray emission from
HESS J1804−216 could be the result of either scenario as both of
these types are present within the field of view. The characteristics
(i.e. mass and total column density) of the interstellar gas can be
analysed to further investigate the complex nature of emission and
to place a limit on which scenario is powering the TeV source.

5.1. Purely hadronic scenario

The hadronic production of TeV γ -rays involves the interaction
of CRs and matter in the ISM. A study by Yamazaki et al. (2006)
showed that old SNRs tend to have a large enough hadronic con-
tribution to account for the TeV γ -ray emission. This is seen both
at the SNR shock location and at the associated molecular clouds.

CRs from SNRG8.7−0.1

Many 1720-MHz OH masers have been seen towards other
TeV γ -ray SNRs, such as W28, W44, and IC 443 (Frail, Goss, &
Slysh 1994; Claussen et al. 1997), which provides evidence of inter-
action between the SNR shock and molecular clouds surrounding
it (e.g. Nicholas et al. 2012). The presence of the 1720-MHz OH
towards SNRG8.7−0.1 is consistent with CRs being accelerated by
this SNR. Therefore, this section will assume that SNRG8.7−0.1 is
the accelerator of hadronic CRs.

To test whether a hadronic scenario is initially feasible, the total
energy budget of CRs,Wp,TeV, is calculated using:

Wp,TeV = Lγ τpp, (5)

where Lγ is the luminosity of the γ -ray source. The TeV γ -ray
luminosity varies depending on the distance to each counterpart,
Lγ ∼5× 1033(d/kpc)2 erg s−1. The cooling time of proton–proton
collisions is given by Aharonian & Atoyan (1996):

τpp = 6× 107 (n/cm−3)−1 yr, (6)

where n is the number density of the target ambient gas, found in
a circular region which encompasses the TeV γ -ray contours of
HESS J1804−216 above 5σ , with a radius of 0.42◦.

Another relationship can be made between the amount of CRs
that are incident upon the gas and the γ -ray flux F(> Eγ ) above
some energy Eγ . The CRs have diffused through the ISM allowing
the spectra to steepen from an E−2 power law at the accelera-
tor to E−2.6 at some distance from the CR source. Therefore, we
assume an E−1.6 integral power law spectrum from the integration

Table 3. CR enhancement values, kCR (Equation (7)), and total energy budget of
CRs,Wp,TeV (Equation (5)), for each velocity component defined in Figure 2. Each
of these numbers are calculated from the maximum extent of HESS J1804−216
(circle of radius 0.42◦). The values for total mass and and column density are
obtained from the total column density of hydrogen, using the 12CO and HI data
from Mopra and SGPS, respectively. The near distances were derived using the
GRCpresented in Figure D.1. Themagnetic field is calculated using Equation (11).

Component d n NH M kCR Wp,TeV B

(kpc) (cm−3) (1021 cm−2) (104 M�) (1048 erg) (µG)
A 0.1 2835 8.6 0.01 123 3× 10−5 43

B 0.2 4385 18.8 0.05 56 4× 10−5 57

Ca 3.8 325 29.4 36 57 0.5 11

Db 4.5 160 23.7 79 37 1.1 10

C+D 4.4 400 52.9 138 20 0.5 12

E 6.4 25 4.8 27 221 15.8 10

F 7.4 5 1.3 9 842 91.8 10
The values of distance are taken from the kinematic velocity average of each component.
aComponent C values are taken specifically for PSR J1803−2137.
bComponent D values are taken specifically for SNRG8.7−0.1.

of dNp = E−2.6 dEp, as given by (Aharonian 1991):

F(≥ Eγ )= 2.85× 10−13E−1.6
TeV

(
M5

d2kpc

)
kCR cm−2 s−1. (7)

The photon flux for γ -rays from HESS J1804−216 is F(≥
200 GeV)= 5.32× 10−11 cm−2 s−1 (Aharonian et al. 2006). The
distance to the gas component in kpc is dkpc and M5 is the mass
of the CR target material in units 105 M�. The CR enhancement
factor, kCR, is the ratio of the CR flux at the ISM interaction point
compared to that of Earth-like CR flux.

The maps of total column density (2NH2 +NHI) in Figure 3
were used to find the mean column density of each velocity
component in order to calculate both the number densities and
masses of each velocity component. Equations 5 and 7 are used to
calculate the total CR energy budget (Wp,TeV) and the CR enhance-
ment factor (kCR) for each gas component, respectively (shown in
Table 3).

An SNR has a total canonical kinetic energy budget of ∼1051
erg, of this we expect an amount of ∼1050 erg (∼10%) to be
converted into CRs. From Table 3, the total energy budget for
components C, D, and C+D are on the order ofWp,TeV = 1048 erg
which suits the criteria of being < 1050 erg. The values of kCR for
these ISM components are on the order of ∼10, which is accept-
able provided we have a young to middle aged (103 to 105 yrs)
impulsive CR accelerator within 10 to 30 pc of the target material
(Aharonian & Atoyan 1996).

At a distance of 4.5 kpc, SNRG8.7−0.1 is placed at a kine-
matic velocity of ∼35 km s−1 according to the GRC (outlined
in Appendix D). This corresponds to component D as shown in
Table 2. The values for total energy budget, Wp,TeV, in Table 3 are
considered as a lower limit on the total CR energy budget as we
are considering γ -rays of energies above 200 GeV corresponding
to CR energies of ∼1.2 TeV (from the relation Eγ ∼0.17ECR, in
Kelner, Aharonian, & Bugayov 2006). For SNRG8.7−0.1 (com-
ponent D), we require a CR enhancement factor, kCR, of ∼37
times that of the Earth-like CR density to produce the observed
γ -ray flux towards HESS J1804−216 for a hadronic scenario to be
plausible.
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The total column density map (Figure 3) shows the ISM par-
tially overlapping the TeV γ -ray emission from HESS J1804−216.
This cloud shows a good morphological match with component D
(see Figure 3), corresponding to the distance of SNRG8.7−0.1. It
is, therefore, possible that this cloud is a target for CRs generated
by SNRG8.7−0.1.

Following Aharonian & Atoyan (1996), the volume distribu-
tion of CRs (cm–3 GeV–1) as a function of the injection spec-
trum, N0E−α , is given by Equation (8). This assumes a spherically
symmetric case for the diffusion equation, in which relativistic
particles accelerated by a source, escape and enter the ISM:

f (E, R, t)≈ N0E−α

π 3/2R3
dif

exp
(

− (α − 1)t
τpp

− R2

R2
dif

)
, (8)

where the diffusion radius:

Rdif ≡ Rdif(E, t)= 2

√
D(E)t

exp (tδ/τpp)− 1
tδ/τpp

, (9)

is the radius given for CR protons of energy E propagating though
the ISM during time t. The proton–proton cooling time, τpp, is
given by Equation (6) and α = 2. We consider a specific CR accel-
erator model in which the age of SNRG8.7−0.1 is taken to be
15 kyr and 28 kyr from Finley & Oegelman (1994). The diffusion
coefficient, D(E), is determined using Equation (10) from Gabici,
Aharonian, & Blasi (2007):

D(E)= χD0

(
E/GeV
B/3µG

)δ

, (10)

where χ is a diffusion suppression factor (typically χ<1 inside a
molecular cloud). The factor χ from Aharonian & Atoyan (1996)
takes values of 0.01 and 1 to represent ‘slow’ and ‘fast’ diffusion,
respectively. A value of χ =0.01 is usually taken to account for
the dense regions of interstellar gas that CRs may diffuse through.
Various diffusion suppression factors have been found through
different studies on the W28 SNR (Li & Chen 2010; Giuliani et
al. 2010; Gabici et al. 2010). Li & Chen (2010) assume χ = 0.1,
Giuliani et al. (2010) use χ = 0.01, whilst Gabici et al. (2010) adopt
a value of χ = 0.06. It is clear that the diffusion suppression factor
is poorly constrained. Here, we adopt a value from χ = 0.001 to
0.1. The index of diffusion coefficient, δ, is typically given a value
of 0.3–0.7 (Berezinskii et al. 1990). D0 and δ are given the galactic
values of 3× 1027 cm2 s−1 and 0.5, respectively, whilst 3 µG is the
Galactic disc’s average magnetic field. Crutcher et al. (2010) gives a
relationship between the magnetic field B and number density n of
a given region, shown by Equation (11). They found that the mag-
netic field is enhanced in dense (n> 300 cm−3) molecular clouds:

B=
{
B0 for n< 300 cm−3

B0(n/n0)0.65 for n> 300 cm−3
, (11)

where n is the number density in the cloud, n0 is a constant
number density set to 300 cm-3, B is the maximum magnetic field
in the cloud, and B0∼10µG. The various magnetic field values for
each ISM component are shown in Table 3.

The normalisation factor, N0, is determined assuming the SNR
is at an early epoch of evolution (∼1 yr) meaning Rdif is approx-
imated by the size of the SNR (i.e. Rdif = R). The CR energy
produced by the SNR is < 1050 erg. It is taken here to be 2× 1048
erg to match the observed GeV and TeV CR enhancement fac-
tors as shown in Figure 5. We note that N0 is considered a lower
limit, since the kCR constant from Equation (7) assumes all of the

Figure 4. Schematic of CRs escaping SNRG8.7−0.1 before interacting with the molec-
ular clouds in component D to create the TeV γ -ray emission from HESS J1804−216.
The red circle shows the release point of CR protons at a radius of Rc∼5 pc. The
black line shows the physical distance between the cloud and the release point of CRs
(R∼12 pc).

cloud mass is impacted by CRs and converted to γ -rays. Energy-
dependent diffusion and penetration (e.g. Gabici et al. 2007) inside
the dense clouds, highlighted by the 13CO peaks in Figure F.2,
could however infer a higher kCR value. In addition, clouds are
typically not physically connected, given the typically wide range
of distances inferred from the cloud velocities spanning Galactic
arms (c.f. Figure C.1).

The initial power law distribution is assumed to be dN/dE=
E−2 for determining N0.

The radius of the SNR shock during the Sedov phase (when
mass of the swept-up material exceeds the mass of the supernova
ejecta) is given by Equation (12) (Reynolds 2008):

Rc = 0.31
(
E51

n0

)1/5 (μ1

1.4

)−1/5
t2/5yr pc, (12)

where E51 is the ejected supernova kinetic energy in units of 1051
erg, n0 is the number density, μ1 is the mean mass per particle
(taken to be 1.4, from Reynolds 2008), and tyr is the escape time
of CR protons. We assume Rc is the radius at which CR protons
are released from the accelerator, which can then be used to calcu-
late the distance to the cloud in component D. For SNRG8.7−0.1,
we assume E51 = 1, with a number density of n0 = 160 cm−3 for
component D. The escape time of CRs (e.g. Gabici, Aharonian, &
Casanova 2009) from a SNR shock is

tesc = tSedov
(

Ep

Ep,max

)−1/δp
, (13)

where the maximum energy of CR protons is Ep,max = 500 TeV,
tSedov = 100 yr, Ep = 150 TeV, and δp = 0.5 (Casanova et al. 2010).
Using Equation (12), the release point of the CRs is taken to be
Rc∼5 pc; therefore, the physical distance to the cloud from this
point is R∼12 pc. Figure 4 shows a schematic of this scenario
where CRs are accelerated by SNRG8.7−0.1 and escape before
interacting with the nearby cloud structure defined by component
D (Figure 3).

The differential flux of CR protons is then given by:

J(E, R, t)= (c/4π)f (E, R, t) cm−2 s−1 GeV−1 sr−1. (14)

Figure 5 shows the derived energy spectrum of CR protons
escaping from SNRG8.7−0.1 from Equation (8). The scenario
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CR flux at Earth

CR flux at Earth

Figure 5. Modelled energy spectra of CR protons (Equation (14)) escaping from a
potential impulsive accelerator (e.g. SNRG8.7−0.1), with a total energy of 2× 1048 erg
in CRs. The model shows different values for the diffusion suppression factor, χ , and
index of the diffusion coefficient, δ. A power law spectrum with an index of α = 2 is
assumed. Thenumber density is taken to ben= 160 cm−3. Thedistance from the accel-
erator to the cloud is R∼12 pc and ages of the source are taken to be 15 kyr and 28 kyr
for the cyan and black curves, respectively. Themagenta dashed line represents the CR
flux observed at Earth. The red dashed line represents the calculated CR enhancement
factor for HESS J1804−216 (kCR ≈ 37). The green dashed line represents the calculated
CR enhancement factor for FGES J1804.8−2144 (kCR ≈ 9).

assumes that SNRG8.7−0.1 is an impulsive accelerator meaning
the bulk of CRs escape the SNR at t = 0, compared to the con-
tinuous case in which CRs are continuously injected in the ISM.
The CR enhancement factors for component D are shown for TeV
energies (fromEquation (7) and Table 3) andGeV energies (kCR∼9
from Equation (G.1)). Here, we show the two cases that broadly
match the observed GeV and TeV CR enhancement factors where
δ is 0.5 or 0.7 (Equation (9)) and χ = 0.01. The parameters δ and χ

were varied, as shown in Appendix G (Figure G.1), until a reason-
able match was found. The contribution from the spectrum of CR
protons observed at Earth (i.e. in the solar neighbourhood from
Dermer 1986), as given by Equation (15), is also shown:

J�(E)= 2.2E−2.75 cm−2 s−1 GeV−1 sr−1. (15)

The results in Figure 5 show that the older age assumption for
SNRG8.7−0.1 (28 kyr) has a lower energy population of CRs, and
the higher energy CRs are seen to escape first, as expected. The
total CR energy budget of 2× 1048 erg is consistent with Wp,TeV
from Equation (5) (c.f. Table 3) as computed using component
D and tends to match the observed CR enhancement factors. It
is evident that the pure hadronic scenario requires slow diffu-
sion (χ ≤ 0.01) in order to contribute to the γ -ray emission for

HESS J1804−216. Small values of χ<0.05 are noted in other stud-
ies (Li & Chen 2012; Protheroe et al. 2008; Gabici et al. 2010)
for various sources including the W28 SNR, W44, and IC443, all
with similar ages to SNRG8.7−0.1. Our diffusion index of δ in
the range 0.5 to 0.7 is consistent with Ajello et al. (2012) who
found a diffusion index of δ = 0.6 from their modelling of the GeV
to TeV emission. We note that the GeV emission position now
overlaps the TeV position (Ackermann et al. 2017), whereas pre-
viously (in Ajello et al. 2012) the GeV emission was located closer
to SNRG8.7−0.1.

In Figure 5, both ages tend to match the CR enhancement
factors for HESS J1804−216 and FGES J1804.8−2144.

CRs from the progenitor SNR of PSR J1803−2137

PSR J1803−2137 currently has no known SNR associated with
it. Here, we discuss the possibility that the undetected progen-
itor SNR from PSR J1803−2137 is accelerating CRs. Using the
hadronic scenario outlined above, we assume the centre of this
SNR is located at the birth position of PSR J1803−2137, plac-
ing it in gas component C (consistent with PSR J1803−2137). We
assume the progenitor SNR is 16-kyr-old, consistent with the age
of PSR J1803−2137. A distance of ∼ 10 pc is used as the distance
from the release point of CRs to the cloud to the Galactic South-
West of PSR J1803−2137 in component C. The model in Figure
G.2 shows the energy spectrum of CR protons escaping from the
progenitor SNR of PSR J1803−2137. The CR enhancement fac-
tors for component C are shown for TeV energies (kCR∼57) and
GeV energies (kCR∼14 from Equation (G.1)). A χ value of 0.01 for
δ = 0.5, 0.7 or χ = 0.001 for δ = 0.7 could potentially match the
observed values from HESS J1804−216 and FGES J1804.8−2144.

5.2. Purely leptonic scenario

PSR J1803−2137 powered PWN
Here, we consider TeV γ -ray emission produced by high-

energy (multi-TeV) electrons primarily interacting with soft pho-
ton fields via the inverse-Compton process. PSR J1803−2137
is located ∼0.2◦ from the centre of HESS J1804−216 (as seen
in Figure 1). PSR J1803−2137 is at a distance of 3.8 kpc (see
Section 1) which corresponds to a velocity of ∼25 km s−1, plac-
ing this pulsar in gas component C. Due to the extended
nature of HESS J1804−216, and the high spin-down luminosity
of PSR J1803−2137, it is possible that the TeV emission is pro-
duced by high-energy electrons from PSR J1803−2137 as a PWN.
A recent study (H.E.S.S. Collaboration et al. 2018b) shows that
14 firmly identified PWNe contribute to the TeV population of
H.E.S.S. sources.

The spin-down luminosity of PSR J1803−2137 (Ė=
2.2× 1036 erg s−1) is compared with the γ -ray luminosity of
HESS J1804−216 Lγ = 7.1× 1034 erg s−1 at 3.8 kpc to obtain
a TeV γ -ray efficiency of ηγ = Lγ /Ė∼ 3%. This is consistent
with the typical efficiency of pulsars (potentially) associated with
TeV sources according to H.E.S.S. Collaboration et al. (2018b),
meaning leptonic γ -ray emission from a PWN is supported from
an energetics point of view.

In the scenario of a PWN-driven TeV γ -ray source, the TeV
emission is expected to anti-correlate with the surroundingmolec-
ular gas. High-energy electrons suffer significant synchrotron
radiation losses due to the enhanced magnetic field strength in
molecular clouds, leading to anti-correlation between the gas and
γ -rays. Assuming the gas in component C is located at the same
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Table 4. Cooling times for synchrotron radiation, tsync (Equation (17)), and
Bremsstrahlung, tbrem (Equation (18)), towards HESS J1804−216 for each veloc-
ity component defined in Figure 2. The diffusion coefficient, D(E), is calculated
using Equation (10) with use of the magnetic field strength, B, within each com-
ponent. The diffusion time, tdiff , for particles to cross the 30 pc distance (from
PSR J1803−2137 to the nearby cloud in component C), is also shown here.
Component B tIC tsync tbrem D(E) tdiff

(µG) (kyr) (kyr) (kyr) (1027 cm2 s−1) (kyr)
A 43 230 1.3 14 5.6 24

B 57 230 0.73 9 4.9 28

C 11 230 21.6 123 11 12

D 10 230 24.0 253 12 12

E 10 230 24.0 1620 12 12

F 10 230 24.0 7120 12 12

distance as PSR J1803−2137, there is indeed some anti-correlation
between the total column density in Figure 3 and the TeV emission
towards the Galactic South of the TeV peak.

To account for the observed TeV γ -ray emission, electrons
must be able to diffuse across the extent of the GeV and TeV
sources. Electrons are therefore required to travel a distance of
R∼30 pc from PSR J1803−2137 to the nearby cloud in compo-
nent C (see Figure 3). The radiative cooling times are calculated
based on the assumption that electrons are being accelerated by
PSR J1803−2137.

The inverse-Compton cooling time tIC in the Thomson regime
is given by:

tIC ≈ 3× 108(Urad/eV/cm3)−1(Ee/GeV)−1 yr, (16)

where Urad is 0.26 eV/cm3 (the energy density of the Cosmic
Microwave Background). For any given H.E.S.S. source, we expect
100 GeV γ -rays (the lower limit detectable by H.E.S.S.) as pro-
duced by inverse-Compton scattering to correspond to electron
of energies of Ee∼6 TeV (Ee∼20

√
Eγ for the Thomson scattering

regime).
The synchrotron cooling time tsync is given by:

tsync ≈ 12× 106(B/µG)−2(Ee/TeV)−1 yr, (17)

where B is given by Equation (11).
The Bremsstrahlung cooling time tbrem is given by:

tbrem ≈ 4× 107(n/cm3)−1 yr, (18)

where n is the number density for each given component.
The time, tdiff, takes for CRs to diffuse across a given distance,

R, is given by:

tdiff = R2/2D(E), (19)

where D(E) is the diffusion coefficient (given by Equation (10) for
χ = 0.1) for particles of energy, E.

The cooling time for inverse-Compton scattering (tIC) is esti-
mated to be 230 kyr for all ISM components, as it is independent
of the ISM density. The various cooling times for the synchrotron
and Bremsstrahlung processes, magnetic field (Equation (11)), dif-
fusion coefficient (Equation (10)), and diffusion times (Equation
(19)) for each gas component are displayed in Table 4.

Referring to Table 4, component C has a magnetic field value of
B= 11µ G and diffusion coefficient of D(E)= 1.1× 1028 cm2 s−1,
with a corresponding diffusion time of 12 kyr for electrons to cross
the TeV source.

As the pulsar’s age (16 kyr) is much less than each of the
cooling times, the energy losses from each of the cooling effects
are negligible at this stage in the pulsar’s life. The diffusion time
(Equation (19)) for CR electrons of 12 kyr is similar to the age
of PSR J1803−2137, suggesting electrons are able to diffuse the
required distance of 30 pc in order to contribute to the leptonic
TeV emission from HESS J1804−216. Therefore, the leptonic sce-
nario cannot be ruled out and the spatial extent of the emission is
limited by diffusion.

PSR J1803−2149 powered PWN

The spin-down power 6.41× 1035 erg s−1 for PSR J1803−2149
and TeV luminosity of 8.45× 1033 erg s−1 at 1.3 kpc gives a TeV γ -
ray efficiency of 1% for PSR J1803−2149. Therefore, it is possible
that PSR J1803−2149 could contribute to the TeV γ -ray emission
from HESS J1804−216.

Figure 6 from Abdo et al. (2010) shows the population of pul-
sars with their given γ -ray luminosity Lγ and spin-down power
Ė. There is a spread to the data, allowing the authors to place
upper (Lγ = Ė) and lower (Lγ ∝ Ė1/2) bands to this figure. Here,
the γ -ray luminosity is given by:

Lγ ≡ 4πd2f�G100 erg s−1, (20)

where f� is the flux correction factor set equal to 1 and
G100 = 13.1× 10−11 erg cm−2 s−1 is the energy flux obtained from
Pletsch et al. (2012). Equation (20) can constrain the distance to
PSR J1803−2149. The lower and upper limits lead to distances
of 1.3 kpc and 6.3 kpc, respectively. As this is within the dis-
tances to other counterparts, it is possible that PSR J1803−2149
could be associated with HESS J1804−216. The large angular off-
set between the TeV peak of HESS J1804−216 and the best-fit
position of PSR J1803−2149 of ∼0.37◦ indicates that a PWN sce-
nario seems unlikely. More detailed investigation is, however,
required to understand if PSR J1803−2149 is a viable counterpart
to power the source.

6. Conclusion

In this paper, molecular ISM data from the Mopra radio telescope
and HI data from the SGPS were used to study the interstel-
lar gas towards the mysterious unidentified TeV γ -ray source
HESS J1804−216. CO(1-0) observations showed different veloc-
ity components along the line of sight of HESS J1804−216 which
were used to define intriguing features of the interstellar gas along
with morphological matches with the TeV γ -ray emission.

The ISM mass and density derived from the total column
density maps were used to test the validity of both the purely
hadronic and purely leptonic scenarios for the potential CR accel-
erators towards HESS J1804−216. Components C, D, and C+D
were found to contain the bulk of the gas emission towards
HESS J1804−216. Component C shows morphological matches
between the 12CO and TeV gamma-ray emission. There is also
a depletion of gas which anti-correlates with the southern TeV
peak. Dense gas emission overlaps both SNRG8.7−0.1 and
HESS J1804−216 in component D. The addition of components
C and D shows an interesting gas feature which follows the outer
most contours of HESS J1804−216 to the south. The southern
region of the TeV peak contains a void of gas in this component
(C+D).

For the purely hadronic scenario, SNRG8.7−0.1 was assumed
to be the accelerator of CRs. Sufficient target material for CRs is
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present in component D (vlsr = 26 to 56 km s−1), correspond-
ing to the distance of SNRG8.7−0.1. A total energy budget of
Wp,TeV∼1.1× 1048 erg for CRs is required, as calculated from the
mass of the total target material. For this scenario, we assume
CRs have propagated a distance of R∼12 pc from the accelera-
tor to the cloud, within the lifetime of the SNR. Modelling of the
CR spectra showed that the CR interpretation requires slow diffu-
sion (χ ≤ 0.01) in order to match the observed GeV and TeV CR
enhancement factors. It is, therefore, possible for SNRG8.7−0.1
to generate the TeV γ -ray emission from HESS J1804−216 for
the hadronic scenario. We also consider CRs being produced
from the undetected progenitor SNR of PSR J1803−2137 for
the hadronic scenario. The derived CR enhancement factors for
HESS J1804−216 and FGES J1804.8−2144 are well matched for
χ = 0.01 or 0.001.

For the purely leptonic scenario, the TeV emission is produced
by highly energetic electrons from PSR J1803−2137 as a PWN. A
TeV γ -ray efficiency of ∼3% was found, supporting this scenario
from an energetics point of view. As the diffusion time for CR elec-
trons of 12 kyr is less than the age of PSR J1803−2137 (16 kyr), the
electrons are able to diffuse 30 pc to create a TeV source of this size.
Component C (corresponding to the distance of PSR J1803−2137)
shows gas structures which anti-correlate with the TeV emis-
sion from HESS J1804−216, typical of a PWN-driven TeV source.
A PWN from PSR J1803−2137 could, therefore, potentially con-
tributes to the TeV γ -ray emission, so the leptonic scenario cannot
be ruled out.

PSR J1803−2149 is also considered for the leptonic scenario.
The TeV luminosity at the distance to this pulsar, 1.3 kpc,
requires a 1% conversion efficiency of the spin-down power of
PSR J1803−2149, a value within the typical efficiencies seen in
other firmly identified PWN. However, the large offset between
PSR J1803−2149 and the TeV peak of HESS J1804−216 indicates
a PWN scenario is unlikely.

HESS J1804−216 still remains unidentified in nature due to the
complex environment of the initial detection; however, a middle-
aged SNR or PSR provides a valid interpretation. It may also be
possible that the TeV emission has contributions from both lep-
tonic and hadronic processes. Future work will focus onmodelling
the spectral energy distribution in more detail, in particular for
the case of high-energy electrons. Future γ -ray observations from
the next-generation ground-based observatory, the Cherenkov
Telescope Array (CTA), will provide improved angular resolution
(few arcminutes) and sensitivity compared to the currently oper-
ating telescope arrays. These will provide a more detailed look
intomany unidentified γ -ray sources, includingHESS J1804−216,
allowing us to further constrain the nature of HESS J1804−216.
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Appendix

A. Pulsar proper motion
The proper motion of PSR J1803−2137 has been studied by Brisken et
al. (2006) via radio observations. The proper motion of PSR J1803−2137
has been calculated for the right ascension (RA) and declination (Dec),
μα = (11.6± 1.8)× 10−3 arcsec yr–1 and μδ = (14.8± 2.3)× 10−3 arcsec
yr–1, respectively. Given an age of ∼16 kyr for PSR J1803−2137, a birth
position for the pulsar of RA = 18h03m38s.0 and Dec = −21◦41′18′ ′.2 is
obtained, placing it on edge of the W30 SNR, SNRG8.7−0.1.

B. HII regions
HII data were used from the WISE (Anderson et al. 2014b) satellite in order
to reveal the known HII regions towards HESS J1804−216 (Figure B.1).
These regions were chosen such that their radius was larger than 50 arcmins.
The online catalogue (Anderson et al. 2014a) provides the velocity (vlsr) of
each HII region, which correspond to kinematic distances ranging from 3 to
5 kpc.

C. PV plot
Figure C.1 is a PV plot towards the HESS J1804−216 region. This figure
shows distinct Mopra 12CO(1-0) emission in the velocity ranges from vlsr =
10 to 25 km s−1 and vlsr = 35 to 40 km s−1 which is consistent with the
molecular gas discussed in Section 4.2.

D. Galactic rotation curve
Objects within the galaxy are rotating around the GC. The GRC is a model
which gives the average velocity of an object in the galaxy with respect to
the GC as a function of distance. The kinematic distance to an object can be
found by knowing the position and radial velocity of the given object, from
Equation (D.1) (Brand & Blitz 1993):

vlsr =
[

�R0
R

− �0

]
sin (l) cos (b) (D.1)

where R is the galactocentric distance (distance of an object from the centre
of the Milky Way galaxy) to the object and � is the circular rotation veloc-
ity of object. R0 is the galactocentric distance from the Sun and �0 is the
circular rotation velocity at the position of the Sun, commonly given values
8.5 kpc and 220 km s−1, respectively. The galactic coordinates are given by

Figure A.1. TeV γ -ray significance image of HESS J1804−216 (H.E.S.S. Collaboration
et al. 2018a), showing the proposed proper motion of PSR J1803−2137 (Brisken
et al. 2006). The TeV γ -ray emission for 5-10σ is shown by the solid white con-
tours, SNRG8.7−0.1 is shown by the blue dashed circle, and the white dots indicate
PSR J1803−2137 and its birth position.

Figure B.1. 24µm infrared image [M Jy sr–1] towardsHESS J1804−216 from the Spitzer
GLIMPSE Survey. The TeV γ -ray emission for 5-10σ is shown by the solid white con-
tours, with the cyan circle showing the extent of HESS J1804−216. HII regions with a
radius greater than 50 arcmin are indicated by the white circles from WISE (Anderson
et al. 2014b).

l (galactic longitude) and b (galactic latitude). The galactic model along the
line of sight for HESS J1804−216 is shown by Figure D.1.

E. HI spectra and absorption
The spectra of the HI data are shown in Figure E.1. Dips tend to occur
in the HI spectra which result from either the presence of a background
source that leads to absorption or from HI self-absorption. A well-defined
HI absorption feature is present at vlsr + ∼20 km s−1 which corresponds
to a strong emission feature in the 12CO spectra (shown in Figure 2). This
strong absorption feature could be due to a continuum source, such as
SNRG8.7−0.1. These properties indicate that the gas is most likely to be
foreground to SNRG8.7−0.1. This helps to constrain the distance to the
SNR, proving that the pre-defined distance of 4.5 kpc (seen in Section 1) is
consistent with the gas data analysis shown here.

F. Integrated intensity maps
The ISM is made up of both atomic and molecular gas, primary HI and
12CO emission, respectively. However, there are regions in which these gas
tracers become ‘invisible’, due to a lack of emission. It has been shown that
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Figure C.1. Position–velocity plot of Mopra 12CO(1-0) emission (K) towards
HESS J1804−216. The black vertical lines show the longitudinal extent of
HESS J1804−216. The black cross indicates the location of PSR J1803−2137 at
its assumed velocity of ∼25 km s−1. The 1720-MHz OH maser is shown by the purple
cross at its velocity of 36 km s−1. The centre of SNRG8.7−0.1 is shown by the blue dot,
whilst the blue line shows its radial extent. The green dashed lines are estimates of
the Galactic spiral arms along the line of sight for HESS J1804−216 (from the model in
Vallée 2014).

vlsr (km s–1)

Figure D.1. Model of the galaxy along the line of sight of HESS J1804−216. Parameters
used in this model are from Vallée (2014) for each spiral arm shown by the solid
coloured lines, Perseus (light blue), Sagittarius (light green), Scutum-Crux (red), and
Norma (black). The dashed lines for each spiral arm show their extent. The coloured
wedge shows the expected line of sight for HESS J1804−216 from the Sun for the radial
velocities (vlsr) using the galactic rotation model from Brand & Blitz (1993). The num-
bers along this wedge show the distance to the source in kiloparsecs (kpc). The spatial
coordinates along the axes are given in kpc also.

Table F.1 Molecular lines with each of their rest line frequencies
from the 7-mm receiver of the Mopra telescope.

Molecular line Line rest frequency (GHz)
30SiO(1-0, v = 0) 42.373365

SiO(1-0, v= 3) 42.519373

SiO(1-0, v = 2) 42.820582

SiO(1-0, v = 1) 43.122079

SiO(1-0, v = 0) 43.423864

CH3OH(I) 44.069476

HC7N(40-39) 45.119064

HC5N(17-16) 45.264750

HC3N(5–4, F = 5-5) 45.488839
13CS(1-0) 46.247580

HC5N(16-15) 47.927275

C34S(1-0) 48.206946

OCS(4-3) 48.651604

CS(1-0) 48.990957

Figure E.1. Emission spectrum towards HESS J1804−216. Solid black lines and cyan
lines represent the spectrum for Mopra 12CO(1-0) and SGPS HI, respectively. 12CO is
scaled by a factor of 10 for clarity.

there is a component of gas which has not been detected, commonly known
as ‘dark’ gas (Li et al. 2018).
In addition to the common neutral gas tracers (HI and 12CO), a compo-

nent of ionised gas is present in interstellar clouds. For cases in which clouds
are optically thick, the dust opacity that maps from the Planck collaboration
(Planck Collaboration et al. 2016) can be used to estimate a hydrogen col-
umn density (Ade et al. 2011). The column density derived via this method
contains no distance information as the dust opacity map has been summed
over the line of sight. The Planck hydrogen column density is, therefore, an
upper limit.
To determine the Planck HII column density, the free–free emission map

was required (Planck Collaboration et al. 2016). To convert the emission
map into a free–free intensitymap, the conversion factor is Iν = 46.04 Jy sr–1
at 353 GHz (from Finkbeiner 2003) was applied. Equation (5) from Sodroski
et al. (1997) is then used to derive the HII column density. Here, we use
an effective electron density (neff) of 10 cm−3 as a lower limit. Similarly to
the Planck hydrogen column density, the HII column density is integrated
along the whole line of sight. The bottom panel of Figure F.6 shows the ratio
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between column density derived from the dust opacity map and column
density from free–free emission (HII column density).
The total hydrogen column density traced by the HI and 12CO emis-

sion is taken along the entire line of sight (vlsr+ = 50 to 150 km s−1) to
allow for comparison between it and the Planck data, which has no distance
information.
The total hydrogen column density (top panel of Figure F.6) has mor-

phological similarities to the total column density as derived from the dust
opacity map, as demonstrated in the middle panel of Figure F.6. In particu-
lar, we note the dense region of gas to the Galactic South of the TeV source
present in both column density maps. They are also on the same order of
magnitude; hence to compare the HII column density with the total hydro-
gen column density, it is acceptable to use the dust opacity column density.
This ratio is presented in the bottom panel of Figure F.6. The ratio val-
ues indicate that the total neutral column density is dominating over the
component of ionised gas. For this purpose, the total column density used
throughout this paper does not take the ionised gas into account.

F.1. Dense gas tracer mosaics
Table F.1 shows the molecular lines that were observed by the 7-mm
observing set-up for the MOPS.
The integrated intensity maps for the various dense gas tracers towards

HESS J1804−216 are presented in Figure F.7, F.8, F.9, F.10 and F.11.
SiO(1-0, v = 0) emission has been detected towards HESS J1804−216;

however, it is quite weak. There are a few dense features in components B,
C, and D; however, these show features which have already been seen in the
other dense gas tracers (see Section 4.2).

In Figure F.11, we have included the known H2O maser positions from
Walsh et al. (2011), at their given velocities.

G. CR spectra model
Equation (7) can be adjusted to calculate the CR enhancement factor from
the GeV γ -rays from FGES J1804.8−2144, as shown by Equation (G.1).
An integral power law spectrum of E−1.75 is assumed, following Aharonian
(1991) for GeV energies:

F(≥ Eγ )= 1.45× 10−13E−1.75
TeV

(
M5

d2kpc

)
kCR cm−2 s−1, (G.1)

The photon flux for γ -rays from FGES J1804.8−2144 is F(≥ 10 GeV)=
1.56× 10−9 cm−2 s−1 (Ackermann et al. 2017). This leads to a CR enhance-
ment factor, kCR, of ∼9 times that of the Earth-like CR density for
SNRG8.7−0.1 (component D) at GeV energies.
Using Equation (14), the energy spectrum of CR protons is obtained for

a range of diffusion suppression factors, χ ’s, and indices of the diffusion
coefficient, δ’s, to test the validity of each value, as shown in Figure G.1.
Values of δ = 0.5 & 0.7 for χ = 0.01 are themost plausible for the hadronic

scenario for SNRG8.7−0.1 (see Section 5.1).
Figure G.2 shows the energy spectrum of CR protons escaping from the

progenitor SNR of PSR J1803−2137. The total energy budget of CRs in
this scenario is taken to be 1048 erg which is consistent with Wp,TeV from
Equation (5) (see also Table 3) using component C. A CR enhancement fac-
tor, kCR, of ∼57 is obtained for TeV energies (using Equation (7)) and ∼14
for GeV energies (using Equation (G.1)).
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Figure F.1. Mosaic of Mopra 12CO integrated intensity maps (K km s−1) towards HESS J1804−216, for gas components A–F as defined in Figure 2. The two dashed blue circles
indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is
shown by the solid black contours.
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Figure F.2. Mosaic of Mopra 13CO integrated intensity maps (K km s−1) towards HESS J1804−216. The two dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-
MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown by the solid black contours. The aqua circles
in component D indicate HII regions.
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Figure F.3. Mosaic of SGPS HI integrated intensitymaps (K km s−1) towards HESS J1804−216. The two dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz
OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown by the solid black contours.
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Figure F.4. Total column density maps, 2NH2 + NHI, (cm−2) towards HESS J1804−216, for gas components E and F. The two dashed blue circles indicate SNRG8.7−0.1 and
SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown by the solid
black contours.
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Figure F.5. Ratio ofmolecular hydrogen (NH2 ) and atomic hydrogen (NHI) columndensities towardsHESS J1804−216, for gas components A–E. The twodashedblue circles indicate
SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown
by the solid black contours.
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Figure F.6. Top: Total column density map (cm−2) from the SGPS HI and Mopra 12CO emission, along the entire line of sight (vlsr = 50 to 150 km s−1) of HESS J1804−216. Middle:
Planck hydrogen column density. Bottom: Ratio of hydrogen column density as derived from Planck dust opacity and HII column density from free–free emission. All: The two
dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray
emission for 5-10σ is shown by the solid black contours.
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Figure F.7. CS(1-0) integrated intensity maps (K km s−1) towards HESS J1804−216. For components A through F, the Trms is 2.5, 2.7, 2.8, 3.5, 4.3, and 4.2 K, respectively. The two
dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray
emission for 5-10σ is shown by the solid black contours.

Figure F.8. SiO(1-0, v = 0) integrated intensity maps (K km s−1) towards HESS J1804−216. For components A through F, the Trms is 1.3 K, 1.3 K, 1.4 K, 1.7 K, 2.2 K, and 2.2 K,
respectively. The two dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the
black dot. The TeV γ -ray emission for 5-10σ is shown by the solid black contours.
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Figure F.9. HC3N(5-4) integrated intensitymaps (K km s−1) towards HESS J1804−216. For components A through F, the Trms is 3.6 K, 3.8 K, 3.8 K, 4.9 K, 6.1 K, and 6.1 K, respectively.
The two dashed blue circles indicate SNRG8.7− 0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The
TeV γ -ray emission for 5-10σ is shown by the solid black contours.

Figure F.10. CH3OH integrated intensity maps (K km s−1, uncleaned) towards HESS J1804−216. For components A through F, the Trms is 0.8 K, 0.9 K, 0.9 K, 1.1 K, 1.4 K, and 1.4
K, respectively. The two dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The 1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the
black dot. The TeV γ -ray emission for 5-10σ is shown by the solid black contours.
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Figure F.11. NH3(1, 1) integrated intensity maps (K km s−1) towards HESS J1804−216 using HOPS data. The two dashed blue circles indicate SNRG8.7−0.1 and SNR 8.3−0.1. The
1720-MHz OH is indicated by the purple cross and PSR J1803−2137 is indicated by the black dot. The TeV γ -ray emission for 5-10σ is shown by the solid black contours. H2Omaser
positions are shown by the green dots.
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Figure G.1. Modelled energy spectra of CR protons (Equation (14)) escaping from the potential impulsive accelerator SNRG8.7−0.1, with a total energy of 2× 1048 erg in CRs.
Various values of diffusion suppression factor, χ , and index of the diffusion coefficient, δ, are shown here. A power law spectrum with a spectral index of α = 2 is assumed. The
number density is taken to be n= 160 cm−3. The distance from the accelerator to the cloud is R∼12 pc and age of the source are taken to be 15 kyr and 28 kyr for the cyan and
black curves, respectively. The magenta dashed line represents the CR flux observed at Earth. The red represents the calculated CR enhancement factor for HESS J1804−216
(kCR ≈ 37). The green represents the calculated CR enhancement factor for FGES J1804.8−2144 (kCR ≈ 9).

https://www.cambridge.org/core/terms. https://doi.org/10.1017/pasa.2020.47
Downloaded from https://www.cambridge.org/core. IP address: 1.121.147.93, on 22 Jan 2021 at 03:36:13, subject to the Cambridge Core terms of use, available at



Publications of the Astronomical Society of Australia 25

Figure G.2. Modelled energy spectra of CR protons (Equation (14)) escaping from the potential impulsive accelerator (progenitor SNR from PSR J1803−2137), with a total energy
of 1048 erg in CRs. Various values of diffusion suppression factor, χ , and index of the diffusion coefficient, δ, are shown here. A power law spectrum with a spectral index of α = 2
is assumed. The number density is taken to be n= 325 cm−3. The distance from the accelerator to the cloud is R∼10 pc and age of the source is taken to be 16 kyr for the black
curves. The magenta dashed line represents the CR flux observed at Earth. The red represents the calculated CR enhancement factor for HESS J1804−216 (kCR ≈ 57). The green
represents the calculated CR enhancement factor for FGES J1804.8−2144 (kCR ≈ 14).
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6 Paper 2: Modelling the Hadronic Scenario for
HESS J1804−216

The following paper entitled ‘Modelling the Gamma-Ray Morphology of
HESS J1804−216 from Two Supernova Remnants in a Hadronic Scenario’ has been
published in the peer-reviewed journal Monthly Notices of the Royal Astronomi-
cal Society (MNRAS). In this contribution, the simulated γ-ray morphology from
hadronic interactions is compared to recent observations of HESS J1804−216. The
spatial and spectral distributions of cosmic-rays are generated for a range of model
parameters, describing, amongst others, the diffusion and the injection spectrum
of cosmic rays. Based on these cosmic-ray distributions and measurements of the
ISM, the spatial and spectral distributions of γ-rays are created. A comparison be-
tween these models and γ-ray observations may reveal the origin and corresponding
acceleration processes at place for HESS J1804−216.
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A B S T R A C T 

HESS J1804 −216 is one of the brightest yet most mysterious TeV γ -ray sources disco v ered to date. Previous arc-minute scale 
studies of the interstellar medium (ISM) surrounding this TeV γ -ray source revealed HESS J1804 −216 is likely powered by a 
mature supernova remnant (SNR) or pulsar, hence its origin remains uncertain. In this paper, we focus on the dif fusi ve escape 
of cosmic ray protons from potential SNR accelerators. These cosmic rays interact with the ISM to produce TeV γ -rays. We 
utilize the isotropic diffusion equation solution for particles escaping from a shell, to model the energy-dependent escape and 

propagation of protons into the ISM. This work is the first attempt at modelling the spatial morphology of γ -rays towards 
HESS J1804 −216, using arc-minute ISM observations from both Mopra and the Southern Galactic Plane Surv e y. The spectral 
and spatial distributions of γ -rays for the two nearby potential SNR counterparts, SNR G8.7 −0.1 and the progenitor SNR of 
PSR J1803 −2137, are presented here. We vary the diffusion parameters and particle spectrum and use a grid search approach to 

find the best combination of model parameters. We conclude that moderately slo w dif fusion is required for both candidates. The 
most promising candidate to be powering the TeV γ -rays from HESS J1804 −216 in a hadronic scenario is the progenitor SNR 

of PSR J1803 −2137. 

Key words: cosmic-rays – ISM: individual objects ( HESS J1804 −216) – Gamma-rays: ISM. 

1  I N T RO D U C T I O N  

The High Energy Stereoscopic System (H.E.S.S.) has a sensitivity 
to γ -rays of energy 100 GeV to tens of TeV. H.E.S.S. has identified 
numerous γ -ray sources in the Milky Way (or ‘Galactic sources’), 
ho we v er, the e xact nature of o v er 30 per cent of these sources remains 
unknown (H.E.S.S. Collaboration 2018a ). These sources are also 
possibly the sites of cosmic ray (CR) accelerators, the population of 
these sources are dominated by objects within their final stages of 
stellar evolution. 

HESS J1804 −216 is one of the brightest unidentified TeV γ -ray 
sources detected, with a soft spectral index of � = 2.69. The GeV γ - 
ray source, 3FHL J1804.7 −2144e, was detected at the same location 
as the TeV γ -ray source HESS J1804 −216 (see Fig. 1 ). 

In a previous paper (Feijen et al. 2020 ), we studied the interstellar 
medium (ISM) towards HESS J1804 −216 in detail at arc-min 
scales, to help determine the nature of the γ -ray emission. We 
investigated multiple plausible CR accelerators and concluded that a 
mature supernova remnant (SNR G8.7 −0.1 or the progenitor SNR of 
PSR J1803 −2137) or a pulsar (PSR J1803 −2137) are viable acceler- 
ators of CRs to produce the TeV γ -ray emission in the hadronic and 

� Email: kirsty.feijen@adelaide.edu.au (KF); sabrina.einecke@adelaide. 
edu.au (SE) 
† Presently at: Australian Space Agency, Adelaide, Australia 

leptonic scenarios, respectively. The hadronic production of γ -rays 
involves accelerated CR protons interacting with the ISM to produce 
γ -rays through neutral pion decay (Ackermann et al. 2013 ). The 
leptonic scenario primarily involves TeV emission being produced 
by inverse-Compton upscattering by highly energetic electrons. The 
TeV emission from HESS J1804 −216 could be produced by high- 
energy electrons from a pulsar wind nebulae (PWNe) powered by 
PSR J1803 −2137 (H.E.S.S. Collaboration 2018b ), as supported by 
the high spin-down luminosity. The modelled energy spectra of CR 

protons towards both SNR G8.7 −0.1 and the progenitor SNR of 
PSR J1803 −2137 matched with GeV and TeV observations, making 
it plausible for either SNR to generate the GeV and TeV γ -ray 
emission from HESS J1804 −216. 

SNRs are a typical candidate in accelerating CR protons at their 
shock front (Blandford & Ostriker 1980 ). The hadronic production of 
γ -rays is investigated in this paper, assuming either SNR G8.7 −0.1 
or the progenitor SNR of PSR J1803 −2137 (shown in Fig. 1 ) are the 
plausible CR accelerators. A 1720 MHz OH maser is present at the 
southern edge of SNR G8.7 −0.1 at 36 km s −1 indicating the SNR 

(at a velocity of 35 km s −1 ) is interacting with the ISM (Hewitt & 

Yusef-Zadeh 2009 ). 
Models of the γ -ray emission from escaping CRs have previously 

been presented for different γ -ray sources, such as Casanova et al. 
( 2010 ) for SNR RX J1713.7 −3946 and Mitchell et al. ( 2021 ) for 
multiple SNRs. Casanova et al. ( 2010 ) model accelerated CRs escap- 
ing SNR RX J1713.7 −3946 in the hadronic and leptonic scenarios. 

© 2022 The Author(s) 
Published by Oxford University Press on behalf of Royal Astronomical Society 
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Figure 1. Integrated flux map (cm 

−2 s −1 ) abo v e 1 TeV adapted from 

H.E.S.S. Collaboration ( 2018a ). The dashed purple circle indicates 
SNR G8.7 −0.1, the purple cross indicates the 1720 MHz OH maser and the 
progenitor SNR of PSR J1803 −2137 is indicated by the blue dot. The TeV 

γ -ray emission from H.E.S.S. Collaboration ( 2018a ) is shown by the solid 
black contours (2 × 10 −13 to 6 × 10 −13 cm 

−2 s −1 levels). 

Morphology maps of the γ -ray energy flux at 1 TeV were obtained 
using the distribution of the ambient gas for different diffusion 
conditions. Casanova et al. ( 2010 ) model the γ -ray morphology by 
utilizing the LAB surv e y of HI and the Nanten surv e y of CO, which 
provides a detailed look into the distribution of γ -ray emission. 

This work expands on our previous paper by predicting the 
morphology arising from the dif fusi ve energy-dependent escape 
of CR protons and interaction with the surrounding ISM in the 
hadronic scenario. We make use of the spherically symmetric case for 
the isotropic transport equation from Aharonian & Atoyan ( 1996 ), 
assuming CR protons are accelerated by a single source and the 
energy-dependent diffusion coefficient is constant with position. The 
γ -ray emission is modelled across all pixels of the gas column density 
map from the Mopra 12 CO(1-0) surv e y and the Southern Galactic 
Plane Surv e y (SGPS) of HI for a wide range of parameters, to find 
the best combination of model parameters to match the observations. 
We present a first look at the 2D spatial morphology of γ -rays 
towards HESS J1804 −216. This provides an important framework 
for understanding the region surrounding γ -ray sources, in particular 
the dif fusi ve transport of particles from SNRs into the ISM. 

2  DATA  

The distribution of atomic hydrogen (HI) from the SGPS 

1 (McClure- 
Griffiths et al. 2005 ) and molecular hydrogen, specifically 12 CO(1-0), 
from the Mopra radio telescope 2 are utilized. The Australia Telescope 
National Facility (ATNF) analysis software, LIVEDATA , GRIDZILLA , 
and MIRIAD in addition to custom IDL routines were used to process 
the data from Mopra (Burton et al. 2013 ; Braiding et al. 2018 ). 
Integrated emission maps were generated from the FITS cubes. 

In this work, we use maps of total column density as these 
provide the distribution of the total target material towards 

1 SGPS data can be found at ht tps://www.at nf .csiro.au/research/HI/sgps/f it 
s files.html 
2 Published Mopra data can be found at https:// dataverse.harvard.edu/ datave 
rse/ harvard/ 

HESS J1804 −216. The total hydrogen column density, N H , is the 
sum of N HI and 2 N H 2 , from SGPS HI observations and Mopra 12 CO 

(regridded to the SGPS HI pixel size of ∼40 arcsec). 
The two plausible counterparts of interest are SNR G8.7 −0.1 and 

the progenitor SNR of PSR J1803 −2137 which are at distances of 
4.5 kpc (Hewitt & Yusef-Zadeh 2009 ) and 3.8 kpc (Brisken et al. 
2006 ), respectively. SNR G8.7 −0.1 has an age of 15–28 kyr (Fin- 
ley & Oegelman 1994 ) and the progenitor SNR of PSR J1803 −2137 
has an age of 16 kyr (Brisken et al. 2006 ), assumed to be the same 
age as the pulsar it is attached to. 

An 1720 MHz OH maser is indicative of interaction between SNRs 
and ISM clouds (Hewitt & Yusef-Zadeh 2009 ). Given the OH maser 
velocity of 36 km s −1 , we expect SNR G8.7 −0.1 to be at a similar 
velocity. With use of the Galactic Rotation Curve (GRC, Brand & 

Blitz 1993 ) and the distance to each SNR, the progenitor SNR of 
PSR J1803 −2137 and SNR G8.7 −0.1 are placed at a velocity of 
∼25 km s −1 and ∼35 km s −1 , respectively. 

The velocity components are determined by taking the velocity 
of each counterpart as the mid point of our range. If the velocity 
ranges chosen are too large, additional gas emission which is likely 
not connected to the source will be included. Due to local motions in 
the gas and the uncertainty of the GRC model, we estimate that the 
velocity bands should span 10 km s −1 . The position-velocity plots in 
Figs A1 and A2 show that our defined velocity regions are reasonable 
as they do not include too much of the gas located in the Galactic 
arms. Currently, the SGPS HI data (Fig. A2 ) does not reveal any HI 
voids making it hard to narrow down these velocity ranges further. 
Future HI surv e ys, such as the GASKAP HI surv e y (Dicke y et al. 
2013 ), will have a higher resolution and be more sensitive to voids 
and bubbles in the HI gas. Fig. 2 shows the total column density maps 
derived from SGPS HI and Mopra CO for components 1 (v lsr = 20 
to 30 km s −1 ) and 2 (v lsr = 30 to 40 km s −1 ). 

The TeV γ -ray data used throughout this paper are from H.E.S.S.. 
Fig. 1 shows the γ -ray flux map abo v e 1 TeV of HESS J1804 −216 
from the H.E.S.S Galactic Plane Surv e y (HGPS, H.E.S.S Collabora- 
tion 2018a ). The HGPS γ -ray flux maps are available as o v ersampled 
maps which are obtained by dividing the surv e y re gion into a grid of 
0.02 ◦, then summing all values within a circular radius of 0.1 ◦ for 
each grid point. 

The spectral γ -ray data from Aharonian et al. ( 2006 ) is utilized, as 
this paper focused on the TeV γ -ray sources in the inner part of the 
Galactic plane, including HESS J1804 −216, providing a detailed 
look at the spectra and morphology of the TeV γ -ray observations. 
The Aharonian et al. ( 2006 ) and H.E.S.S Collaboration ( 2018a ) data 
show good spectral matches as shown in Fig. C1 . The Aharonian et al. 
( 2006 ) data provides more spectral data points which will allow the 
spectral shape of our model to be compared with observations. The 
HESS J1804 −216 spectral γ -ray observations from Aharonian et al. 
( 2006 ) were extracted from a circular region of ∼0.36 ◦ radius centred 
on HESS J1804 −216 ( l = 8.4 ◦, b = −0.03 ◦). We also make use of 
the spectral γ -ray data of 3FHL J1804.7 −2144e from Ajello et al. 
( 2017 ), extracted from a disk region of 0.38 ◦ (centred on l = 8.4 ◦, 
b = −0.09 ◦). 

3  M O D E L L I N G  

SNRs can be described as impulsive accelerators, in which CRs 
are accelerated by the SNR shock front, and escape into the ISM. 
We model the energy-dependent escape and subsequent dif fusi ve 
transport of these particles using the solution to the isotropic dif fusi ve 
transport equation (Aharonian & Atoyan 1996 ). The injection of CRs 
is assumed to follow a power law, E 

−α
p , with a spectral index of α. 
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Figure 2. Total column density maps, N HI + 2 N H 2 , ( cm 

−2 ) towards 
HESS J1804 −216, for gas components 1 and 2. The progenitor SNR of 
PSR J1803 −2137 is indicated by the blue dot and the dashed purple circle 
indicates SNR G8.7 −0.1. The TeV γ -ray emission from H.E.S.S Collab- 
oration et al. ( 2018a ) is shown by the solid black contours (2 ×10 −13 to 
6 ×10 −13 cm 

−2 s −1 levels). 

Protons of different energies escape the accelerator at different times, 
where the higher energy protons leave the shock earlier than lower 
energy protons. Particles then diffuse through the ISM and interact to 
produce γ -rays. Where rele v ant, we assume either a type Ia or type 
II superno va e xplosion occurs with a total kinetic energy of E SN , and 
an energy budget in CRs of W p = ηE SN , where η ≤ 0.5 (Berezhko & 

V ̈olk 1997 , 2000 ; Ackermann et al. 2013 ). 

3.1 Proton flux 

The v olume distrib ution of CRs, escaping from a shell, taking into 
account the time-dependent escape of protons of energy E p is given 
by equation ( 1 ). 

J p ( E p , R, t) = N 0 E 

−α
p f p ( E p , R, t) TeV 

−1 cm 

−3 , (1) 

where f p ( E p , R , t ) is the probability density function (PDF) of protons, 
describing the probability of finding a particle of energy E p at some 
distance from the accelerator, R . The time, t , is the time after the SN 

explosion. As we are interested in the evolutionary state of the SNR, 
we will use t = t SNR in our model. The number density in our model 
is low ( n H < 10 2 cm 

−3 ) which leads to a high proton–proton cooling 
time, τpp ∼ 6 × 10 7 ( n H / cm 

−3 ) −1 yr. As we consider relatively young 
accelerators ( τ pp � t , where t < 100 kyr), we can neglect the cooling 
term in our model. 

We assume the energy budget in CRs is the total energy of particles 
with energies from E p,min to E p,max , W p = N 0 

∫ E p , max 

E p , min 
E E 

−αd E. From 

this definition, we determine the normalization factor, N 0 , where the 
maximum energy is, E p,max and the minimum energy is E p,min = 

1 GeV. 

We note that equation ( 3 ) from Aharonian & Atoyan ( 1996 ) relates 
to particles released from a point source. Our model instead, describes 
the time-dependent release of particles from a shell, so a modification 
(explained shortly) to account for this is adopted. The PDF of CR 

protons of energy E p is given by: 

f p ( E p , R, t) = 

⎧ 

⎨ 

⎩ 

f bubble ( E p , R, t) E p < E p , esc , R < R esc 

f dif ( E p , R, t) E p > E p , esc , R > R esc 

0 Otherwise 
(2) 

The radius at which CR protons are released from the accelerator 
is given by equation ( 3 ) (Reynolds 2008 ). 

R esc = 0 . 31 

(
E SN 

10 51 erg 

)1 / 5 ( n 0 

cm 

−3 

)−1 / 5 
(

t esc 

yr 

)2 / 5 

pc , (3) 

where n 0 is the ISM number density the SNR shock wave expands 
into (Ptuskin & Zirakashvili 2005 ; Reynolds 2008 ; Ptuskin, Zi- 
rakashvili & Seo 2010 ). The escape time of CR protons is (Gabici, 
Aharonian & Casanova 2009 ): 

t esc ( E p ) = t sedov 

(
E p 

E p , max 

)−1 /δp 

, (4) 

where E p,max are the most energetic particles present at the start of 
the Sedov–Taylor phase. The onset of the Sedov–Taylor phase, t sedov , 
is defined by equation ( B1 ). 

The escape energy of protons is defined by rearranging equation ( 4 ) 
and setting t esc = t SNR : 

E p , esc = E p , max 

(
t sedov 

t SNR 

)δp 

. (5) 

Particles at distance less than R esc and with energy less than E p,esc 

are trapped inside a sphere, which we call the ‘bubble’. We assume 
that particles are uniformly distributed within this bubble, therefore 
the CR proton distribution can be described through: 

f bubble ( E p , R, t) = 

1 

(4 / 3) πR 

3 
esc 

. (6) 

The PDF for diffused CR protons is given by (Mitchell et al. 
2021 ): 

f dif ( E p , R, t) = 

f 0 

π3 / 2 R 

3 
dif 

exp 

[
− ( R − R esc ) 2 

R 

2 
dif 

]
. (7) 

We require our equation to be normalized, with a factor: 

f 0 = 

√ 

πR 

3 
dif 

( 
√ 

πR 

2 
dif + 2 

√ 

πR 

2 
esc ) | R dif | + 4 R esc R 

2 
dif 

. (8) 

The diffusion radius is 

R dif ≡ R dif ( E p , t) = 2 
√ 

D( E p ) t ′ , (9) 

where t ′ = t − t esc ( E p ) represents the time the particles spend in 
the ISM. The energy-dependent diffusion coefficient from Gabici, 
Aharonian & Blasi ( 2007 ) is used: 

D( E p ) = χD 0 

(
E p / GeV 

B/ 3 μG 

)δ

, (10) 

where D 0 takes the Galactic average value of 
3 × 10 27 cm 

2 s −1 (Berezinskii et al. 1990 ), the diffusion suppression 
factor is χ and the index of diffusion is δ. The magnetic field is 
taken as a constant value of B = B 0 = 10 μG as the average number 
density of the ISM surrounding HESS J1804 −216 is low ( n H < 

300 cm 

−3 , Crutcher et al. 2010 ). At low density, the magnetic field 
does not scale with density, due to diffuse clouds (low density) 
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being assembled by motions along the magnetic field. The estimates 
from Zeeman splitting are also neglected at low density, as they are 
only significant for the dense ISM. This low magnetic field means 
particles in our model diffuse faster, as the diffusion coefficient 
increases. 

3.2 Gamma-ray flux 

The differential γ -ray flux (TeV 

−1 cm 

−2 s −1 ) for the energy interval 
( E γ , E γ + d E γ ) at position R and time t is computed through 
(Kelner, Aharonian & Bugayov 2006 ): 

F γ ( E γ , R, t) = 

N H A 

4 πD 

2 
c 

∞ ∫ 

E γ

σpp ( E p ) J p ( E p , R, t) F γ

(
E γ

E p 
, E γ

)
d E p 

E p 
, 

(11) 

where A and N H are the area, and total hydrogen column density of 
the region of interest, D is the distance from Earth to the accelerator 
and c is the speed of light. The inelastic cross-section of proton–
proton interactions is σ pp (equation B2 ) and F γ is the number of 
photons per collision given by equation ( B3 ). 

4  M E T H O D O L O G Y  

We calculate the volume distribution of CR protons using equation ( 1 ) 
at every pixel in the total column density map, for a range of proton 
energies. The predicted 3D γ -ray map is created with the z-axis being 
γ -ray energy, via equation ( 11 ), by combining the proton map with 
the ISM distribution. The resulting γ -ray ‘cube’ is used to extract 
spectra and integrated flux maps. Fig. 3 shows a schematic of the 
model. 

Our model has a range of parameters. Multiple parameters have 
a similar effect on the model, for example, χ and δ, which both 
ef fect the dif fusion coef ficient, which leads to a redundancy in our 
model solution. Due to this, we cannot perform a purely quantitative 
optimization across the entire parameter space. Instead, we perform 

a systematic grid search o v er a range of model parameters, in 
which each combination is modelled, based on typical values from 

literature, as discussed below and compare these models to γ -ray 
observations. We calculate metrics to quantify the agreement of 
GeV–TeV observations with our model. To compare the modelled 
morphology to the HGPS observations, the o v ersampling method 
from H.E.S.S. is applied, as described in Section 2 . 

The spatial model of γ -rays is largely biased by the bubble 
component because the accelerators considered here lie within the 
extension of the γ -ray source. Therefore, we use the spectral model 
to determine the best matching model. We use the following metric 
for the spectral optimization: 

χ2 

m 

= 

( ∑ 

i 

( O i − F i ) 2 

G 

2 
i 

) 

1 

m 

, (12) 

where O i is the observed flux, F i is the model flux, G i is the 
uncertainty in the observations, i denotes each data point and m is 
the number of data points. For testing the spatial agreement, we 
integrated the γ -ray cube from 1 TeV to 100 TeV to compare to the 
flux map from H.E.S.S Collaboration ( 2018a ). As a metric for the 
spatial model we calculate the standard deviation, S (equation 13 ), 
of the residuals but exclude the bubble region as we do not model 
the distribution of particles in detail there. 

S = 

∑ 

i ( R i − μ) 2 

N 

(13) 

Figure 3. Schematic illustrating our model. Top: example distribution of CR 

protons (equation 2 ). Middle: example distribution of the total column density 
gas. Bottom: example distribution of γ -ray flux (equation 11 ) by integrating 
o v er the top and middle panels with some constant. 

Here R i = O i − F i is the residual from the spatial morphology map 
(residual maps are provided in the supplementary material) for the 
i th pixel, μ is the mean and N is the number of pixels in the residual 
map. 

Model parameter variation 

SNRs are thought to be the main source of CRs for energies below 

the knee of the CR spectrum (at PeV energies, Lucek & Bell 2000 ). 
We define the maximum energy of protons, E p,max , at the start of the 
Sedov phase to be either 1 PeV or 5 PeV (Gabici et al. 2009 ), for 
equations ( 4 ) and ( 5 ) and in the normalization factor, N 0 . The energy 
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Table 1. Model parameters with their discrete values. The spectral index is 
α, the diffusion suppression factor and the index of diffusion coefficient are 
given by χ and δ, respectively. The maximum CR proton energy is E p,max and 
δp describes the energy-dependent release of CRs. E SN is the kinetic energy 
released at the supernova explosion and M ej is the mass of the ejecta. 

Parameter Values 

α 1.8, 2.0, 2.2, 2.4 
χ 0.001, 0.01, 0.1, 1.0 
δ 0.3, 0.4, 0.5, 0.6, 0.7 
δp 0.2, 1.4, 2.5 
E p, max 1, 5 PeV 

1 M 
 and 10 51 erg (type Ia) 
M ej and E SN 10 M 
, 20 M 
, and 10 51 erg (type II) 

10 M 
, 20 M 
, and 10 52 erg (type II) 
n 0 ∗ 0.1, 1, 10, 20 cm 

−3 

Note . ∗ F or progenitor SNR of PSR J1803 −2137 

budget, W p , is a free parameter which is optimized by minimizing the 
residual between the observations and model spectra. From diffusive 
shock acceleration theory, we expect a power law with a spectral 
index of α ≈ 2 (Malkov & Drury 2001 ). Therefore, we vary the 
spectral index from 1.8 to 2.4 in our model. 

The factor χ varies from 0.001 to 1, the lower limit ( χ = 0.001) 
is potentially applicable to the dense regions of interstellar gas that 
the CRs may diffuse through, and the upper limit is taken from 

v arious observ ations (see Feijen et al. 2020 , and references therein). 
Typically, δ varies from 0.3 to 0.7 (Berezinskii et al. 1990 ) to 
allow for a range of turbulent spectra to be investigated. Here 0.3 
corresponds to Kolmogorov turbulence (indicating slower diffusion), 
0.5 indicates Kraichnan turbulence (Strong, Moskalenko & Ptuskin 
2007 ) and 0.7 is consistent with a good fit to the Boron to Carbon 
ratio measurements. 

In equation ( 4 ), δp describes the energy-dependent release of CRs. 
The lower limit is taken to be 1/5 which is for a simple stationary 
particle and the upper limit is taken to be 2.5 (Ptuskin & Zirakashvili 
2005 ; Gabici et al. 2009 ; Celli et al. 2019 ). For the Sedov time in 
equation ( B1 ) we take the typical mass and energy values for different 
supernovae types. We find for type Ia, where M ej = 1 M 
 (Ptuskin & 

Zirakashvili 2005 ) and E SN = 10 51 erg, the Sedov time is t sedov ∼ 230 
yr. For yype II, where M ej = 10 M 
 and M ej = 20 M 
 (Heger et al. 
2003 ) with E SN = 10 51 erg, the Sedov time is t sedov ∼ 1600 yr and 
t sedov ∼ 2850 yr, respectively. Type II can also have a higher total 
kinetic energy (Nomoto et al. 2004 ) of E SN = 10 52 erg for M ej = 

10 M 
 and M ej = 20 M 
, where the Sedov time is t sedov ∼ 500 yr and 
t sedov ∼ 900 yr, respectively. 

We expect n 0 , from equation ( 3 ), to be a small value as it is close 
to ‘SNR birth’ before the shock wave has interacted with the gas. If 
we know the age, t SNR , and radius, R SNR , of the SNR we estimate n 0 
by rearranging equation ( 3 ): 

n 0 = 

[ 

0 . 31 pc 

R SNR 

(
E SN 

10 51 erg 

)1 / 5 (
t SNR 

yr 

)2 / 5 
] 5 

cm 

−3 . (14) 

If R SNR is not known, n 0 takes on values from 0.1 to 20 cm 

−3 . The 
model parameters discussed are summarized in Table 1 . 

5  BEST  M AT C H I N G  M O D E L S  

The following section considers the best matching models for each 
accelerator, based on the parameter space and minimizing the spectral 
and spatial criteria (equations 12 and 13 , respectively), as described 

Figure 4. Best matching spectral and spatial model (G4a) for SNR G8.7 −0.1 
with an age of 15 kyr. Top: γ -ray spectral model shown in blue. The diffused 
and bubble spectra are shown by the dashed black curve and dot-dashed red 
curv e, respectiv ely, with HESS J1804 −216 observations in dark grey and 
3FHL J1804.7 −2144e observations in light grey. Bottom: γ -ray flux map 
abo v e 1 TeV towards HESS J1804 −216. The escape radius, R esc , is shown 
by cyan dashed circle. The TeV γ -ray emission from H.E.S.S. Collaboration 
( 2018a ) shown by the solid white contours (2 × 10 −13 to 6 × 10 −13 cm 

−2 s −1 

le vels). The lo wer limit of the colorbar is set to 10 −13 cm 

−2 s −1 to exclude 
any emission below the sensitivity of H.E.S.S.. Model parameters: α = 2.0, 
χ = 0.01, δ = 0.6, δp = 2.5, E p, max = 1 PeV, type II SN, E p, esc = 15.8 TeV. 
For the spectral model χ2 / m = 1.1. 

in Section 4 . Specifically, the 5 best matching spectral models are 
chosen for each accelerator. 

5.1 SNR G8.7 −0.1 

SNR G8.7 −0.1 is believed to be contained in component 2 (v lsr = 30 
to 40 km s −1 ). We test the various model parameters for both type Ia 
and type II supernovae for both suggested ages of SNR G8.7 −0.1, 
15 kyr and 28 kyr, the results shown here are the closest matching 
spectra to the observations. Tables D1 and D2 show the 5 best 
matching spectral models with their ranking parameters for the 
spectral and spatial models, χ2 / m and S respectively. 

The 5 best matching models for SNR G8.7 −0.1 for each age show 

a range of χ and δ values. Typically a moderately slow diffusion 
with χ = 0.001 or 0.01 is seen, which is consistent with other studies 
in which the diffusion coefficient is suppressed (Gabici et al. 2007 ; 
Giuliani et al. 2010 ; Li & Chen 2010 ). The index for the energy- 
dependent release of CRs, δp , takes on values of 1.4 or 2.5. A mixture 
of the E p,max values are present. For SNR G8.7 −0.1, we find both a 
type Ia SN and type II SN, match the γ -ray spectra well for both ages 
of this accelerator. The escape energy of protons, E p,esc , in Figs 4 and 
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Figure 5. Best matching spectral and spatial model (G2b) for SNR G8.7 −0.1 
with an age of 28 kyr. Top: γ -ray spectral model shown in blue. The diffused 
and bubble spectra are shown by the dashed black curve and dot-dashed red 
curv e, respectiv ely, with HESS J1804 −216 observations in dark grey and 
3FHL J1804.7 −2144e observations in light grey. Bottom: γ -ray flux map 
abo v e 1 TeV towards HESS J1804 −216. The escape radius, R esc , is shown 
by cyan dashed circle. The TeV γ -ray emission from H.E.S.S. Collaboration 
( 2018a ) shown by the solid white contours (2 ×10 −13 to 6 ×10 −13 cm 

−2 s −1 

levels). Model parameters: α = 1.8, χ = 0.1, δ = 0.4, δp = 1.4, E p,max = 

5 PeV, type Ia SN, E p,esc = 6.2 TeV. For the spectral model χ2 / m = 0.8. 

5 are 15.8 TeV and 6.2 TeV respectively. CR protons with energy 
lower than E p,esc are still confined in the bubble, ho we ver higher 
energy particles have escaped. This is shown by splitting the spectra 
into its bubble and diffused components as depicted in the top panels 
of Figs 4 and 5 . 

For our best matching models, Figs 4 and 5 , the spectra tend to 
match well at low energies. The escape energies for these spectra are 
quite high, therefore the model spectra are largely dominated by the 
bubble component. This is seen at higher energies, where the model 
begins to deviate from the observations, particularly in Fig. 4 . 

The spatial morphology abo v e 1 TeV cannot explain the γ -ray 
emission from HESS J1804 −216. One contributing factor is the 
bubble component encompassing a large area of the H.E.S.S. source. 
The simulated γ -ray emission shows a peak toward the northern 
edge of HESS J1804 −216 and a lack of γ -ray emission towards the 
western TeV peak of HESS J1804 −216. Simulated γ -ray emission is 
also present at the outer western edge of SNR G8.7 −0.1 for both ages, 
which is not present in the observations from H.E.S.S.. The closest 
TeV γ -ray source from the HGPS is HESS J1808 −204, which is an 
extended source located at l = 10.01 ◦, b = −0.24 ◦, which is not 
close enough to SNR G8.7 −0.1 to provide the γ -ray emission at this 
position. 

Figure 6. Best matching spectral and spatial model (P1) for the progenitor 
SNR of PSR J1803 −2137. Top: γ -ray spectral model shown in blue. The 
diffused and bubble spectra are shown by the dashed black curve and dot- 
dashed red curv e, respectiv ely, with HESS J1804 −216 observations in dark 
grey and 3FHL J1804.7 −2144e observations in light grey. Bottom: γ -ray 
flux map abo v e 1 TeV towards HESS J1804 −216. The progenitor SNR of 
PSR J1803 −2137 is indicated by the cyan dot and the escape radius, R esc , 
is shown by cyan dashed circle. The TeV γ -ray emission from H.E.S.S. 
Collaboration ( 2018a ) shown by the solid white contours (2 ×10 −13 to 
6 ×10 −13 cm 

−2 s −1 levels). Model parameters: α = 1.8, χ = 0.01, δ = 0.6, 
δp = 2.5, E p, max = 5 PeV, type II SN, E p,esc = 3.8 TeV. For the spectral 
model χ2 / m = 0.9. 

5.2 Progenitor SNR of PSR J1803 −2137 

The progenitor SNR is assumed to have an age of 16 kyr, as per 
the age of PSR J1803 −2137, and is placed at the birth position of 
PSR J1803 −2137 as shown in Fig. 1 . The progenitor SNR is believed 
to be in component 1 (v lsr = 20 to 30 km s −1 ). We test a range of 
combinations of model parameters for a core-collapse supernova, 
as a pulsar is attached to the system. The 5 best matching spectral 
models with their ranking parameters for the spectral and spatial 
models, χ2 / m and S respectively, are shown in Table D3 . 

Table D3 shows the 5 best matching spectral models typically have 
a spectral index of α = 1.8, with χ = 0.001 or 0.01 and a range of δ. 
Similarly to SNR G8.7 −0.1, this indicates moderately slow diffusion 
of particles. Both values of the maximum energy, E p,max , are present 
and n 0 takes on all values in the parameter space. The total kinetic 
energy, E SN , is typically the higher value from our parameter space 
of 10 52 erg, with the ejecta mass being either 10 M 
 or 20 M 
. The 
index for the energy-dependent release of CRs δp = 2.5, the highest 
value chosen in our parameter space. The escape energy for the top 
model is E p,esc = 3.8 TeV, therefore some particles are still trapped 
in the bubble and some have diffused, this can be seen in the spectral 
components in Fig. 6 . 
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For this accelerator, both the spectral and spatial morphology 
match the observations well. The modelled integrated γ -ray map 
peaks towards the northern TeV peak of HESS J1804 −216 from 

H.E.S.S Collaboration ( 2018a ). There is weaker modelled γ -ray 
emission o v erlapping the entire γ -ray source and a lack of mod- 
elled emission outside the HESS J1804 −216 region. No strong 
γ -ray emission is present outside HESS J1804 −216 unlike with 
SNR G8.7 −0.1. Ho we ver, parts of the morphology do not match 
well due to the bubble component and the lack of γ -ray emission in 
the southern and eastern edges of HESS J1804 −216. 

6  D ISC U SSION  

In the previous section, we compared the model emission with 
observational γ -ray emission abo v e 1 TeV. Fig. 17 from Aharonian 
et al. ( 2006 ) shows the morphology of HESS J1804 −216 abo v e 
0.2 TeV, which is similar to the integrated flux morphology abo v e 
1 TeV in Fig. 1 (H.E.S.S Collaboration 2018a ). Extensions of both 
HESS J1804 −216 and 3FHL J1804.7 −2144e o v erlap (Fig. 1 ). To 
probe the effects of the bubble and diffused components we look at 
the γ -ray emission in different energy bands: E γ = 10 − 100 GeV, 
E γ = 0.1 − 1 TeV, E γ = 1 − 10 TeV, and E γ = 10 − 100 TeV. 

The morphology of the different energy bands for the 
SNR G8.7 −0.1 accelerator show that the bubble component provides 
stronger γ -ray emission compared to the diffused component (as 
shown in Figs 7 and 8 ). At higher energies ( E γ = 1 – 10 TeV, and 
E γ = 10 – 100 TeV) the model exhibits strong emission towards the 
southern edge of HESS J1804 −216, which does not o v erlap with 
the TeV peak. In comparing the four energy bands to morphology of 
HESS J1804 −216, it is clear the morphology is quite different. 

Fig. 9 shows the morphology from different energy bands for the 
best model of the progenitor SNR. The bubble tends to dominate at 
the two lower energy bands ( E γ = 10 – 100 GeV and E γ = 0.1 –
1 TeV), with strong emission towards the pulsar birth position. The 
two higher energy bands ( E γ = 1 – 10 TeV and E γ = 10 – 100 TeV) 
show the γ -ray peak mo v es a way from the pulsar position and closer 
to the TeV γ -ray peak from HGPS. The emission in these bands 
becomes diffusion dominated with extended emission outside the 
bubble. 

Overall, the γ -ray emission in the lower energy bands of Figs 7 –9 
are dominated by the bubble component as the particles have energy 
less than the escape energy, so are still confined to the bubble region. 
Ho we v er, abo v e 1 TeV the diffused component becomes dominant. 
The morphology of the lower energy band can be compared with the 
spatial morphology of Fermi -LAT observ ations. Ho we ver, Fermi - 
LAT has poor resolution (with a PSF of 0.2 ◦ abo v e 10 GeV), so 
the spatial map from Fermi -LAT observations is described only 
by a circular region. Therefore, we can only compare the model 
morphology with the position and extent of 3FHL J1804.7 −2144e 
(seen in Fig. 1 ). For each accelerator model, the peak of γ -ray 
emission is offset from the 3FHL catalog position (by up to 0.4 ◦). 

There are a number of known limitations in our model. These arise 
from: 

(i) 2D propagation of CR protons 
(ii) 2D arrangement of the ISM 

(iii) Uniform distribution of CRs inside bubble 
(iv) Simple assumption of ISM inside bubble 
(v) Spherical uniformity of the SNR evolution 

The main limitation comes from assuming a 2D geometry for the 
proton model in addition to the accelerators lying within the γ -ray 
source. This 2D approach to modelling the γ -rays has previously 

Figure 7. γ -ray flux maps for various energy bands towards 
HESS J1804 −216 for the best matching model (G4a) for SNR G8.7 −0.1 
with an age of 15 kyr. The escape radius, R esc , is shown by cyan dashed 
circle. The green cross indicates the centroid of 3FHL J1804.7 −2144e. The 
first energy band ( E γ = 10 – 100 GeV) corresponds to energies detected by 
Fermi-LAT so is smoothed using the Fermi -LAT PSF of ∼0.2 ◦ abo v e 10 GeV 

(Ackermann et al. 2017 ). The other energy bands are o v ersampled using the 
H.E.S.S. method described in Section 2 . The TeV γ -ray emission abo v e 1 TeV 

from H.E.S.S. Collaboration ( 2018a ) is shown by the solid white contours in 
the third panel (2 ×10 −13 to 6 ×10 −13 cm 

−2 s −1 levels) and by grey contours 
in the other panels as a reference for where the γ -ray emission is expected. 
Model parameters as described in Fig. 4 . 
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Figure 8. γ -ray flux maps for various energy bands towards 
HESS J1804 −216 for the best matching model (G2b) for SNR G8.7 −0.1 
with an age of 28 kyr. The escape radius, R esc , is shown by cyan dashed 
circle. The green cross indicates the centroid of 3FHL J1804.7 −2144e. The 
solid white/grey contours are as described in Fig. 7 . Model parameters as 
described in Fig. 5 . 

been implemented e.g. Casanova et al. ( 2010 ), in which the acceler- 
ator is further away from the γ -ray source. In our model, we have 
a special case in which both accelerators lie within the extension of 
the γ -ray source. As we do not model the diffusion inside the bubble 
component, our results are biased. In our 2D proton model, we do 
not consider particles diffusing along our line of sight, therefore we 
are not taking into account the emission foreground/background to 
the SNR bubble. This makes reconciling the morphology inside the 

Figure 9. γ -ray flux maps for various energy bands towards 
HESS J1804 −216 for the best matching model (P1) for the progenitor SNR 

of PSR J1803 −2137. The escape radius, R esc , is shown by cyan dashed circle. 
The green cross indicates the centroid of 3FHL J1804.7 −2144e. The solid 
white/grey contours are as described in Fig. 7 . Model parameters as described 
in Fig. 6 . 

bubble with the observ ations dif ficult and is the reason we do not use 
the spatial criterion (equation 13 ) to test which model performs best. 

Another limitation comes from the assumptions regarding the ISM 

surrounding HESS J1804 −216. We assume a 2D model in which the 
brightness temperature gas cube is integrated over to obtain a total 
column density map. By using the column density map we assume 
that all gas we integrated over is interacting with the CRs. Due to 
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this, we could be including gas that is foreground and/or background 
to the accelerator, which may not be physically able to interact with 
the accelerated protons. This effect is more prominent for the bubble 
component which has radius R esc ∼ 30 pc compared to the entire 
column which is inte grated o v er 10 km s −1 corresponding to ∼800 pc 
from the GRC. Our model could therefore be o v er predicting the 
bubble component. 

One of the largest uncertainties in our model comes from the 
distribution of CRs and density of the ISM inside the bubble. We 
assume the CRs are uniformly distributed in the bubble (see e.g. 
Zirakashvili & Aharonian 2010 ), ho we ver realistically the particle 
distribution is more complex, with CRs likely accumulating in the 
shock region (i.e. the expanding SNR shell), as explored by some 
theoretical studies (Ptuskin & Zirakashvili 2005 ; Celli et al. 2019 ; 
Brose et al. 2020 ). They suggest the CR distribution can be shell 
brightened. From dif fusi ve shock acceleration theory, it is possible 
that the shocked ISM could be ∼4 times denser than the unshocked 
gas (Reynolds 2008 ), according to the expected shock compression 
factor. Furthermore, it is possible for some of the ISM here to be 
dissociated by the SNR shock, thereby reducing the density (Fukui 
et al. 2003 ; Sano et al. 2020 ). 

For limitation (v) we assume a constant number density for the 
SNR evolution ( n 0 , in equation 3 ), leading to spherical uniformity of 
the particle escape radius. The escape energy is dependent upon δp , 
which describes the energy dependent release of CRs, which can also 
ef fect the e volution of the SNR. A future version of the model would 
involve tracing the evolution of the shock in closer detail, including 
the escape radius as it changed with ISM density. 

7  C O N C L U S I O N S  

We developed a model to investigate the distribution of γ -rays 
tow ards HESS J1804 −216 for tw o SNRs in the hadronic scenario. 
This is a first attempt to model the morphology of γ -rays towards 
HESS J1804 −216. Gamma-ray spectra and morphology maps of 
SNR G8.7 −0.1 and the progenitor SNR of PSR J1803 −2137 were 
generated for a range of model parameters and compared to observa- 
tions to gain an understanding of the origin of HESS J1804 −216. It 
was found that the progenitor SNR is the most promising candidate 
to be creating the TeV γ -rays, ho we ver, we are limited by the bubble 
component. The modelled γ -ray morphology from SNR G8.7 −0.1 
does not match the γ -ray morphology from observations well, 
therefore it is either only a minor contributor or does not contribute 
to the observed γ -ray emission. 

The γ -ray observatory CTA (Cherenkov Telescope Array) aims to 
impro v e the current measurements from other Imaging Atmospheric 
Cherenkov Telescope. More detailed features in the morphology may 
be resolved with CTA, which will provide unprecedented angular 
resolution and sensitivity. The angular resolution of CTA will reach 
a few arcmins, comparable to the angular resolution of the Mopra 
radio telescope, which is utilized for our gas measurements. Here, 
we compare the best matching model of the progenitor SNR of 
PSR J1803 −2137 (P1) for three different angular resolutions using 
different o v ersampling settings for each instrument. The original 
model (no o v ersampling, same resolution as the gas maps), the 
H.E.S.S. o v er sample (radius = 0.1 ◦ with a grid size of 0.02 ◦) and 
the e xpected CTA o v ersample (radius = 0.03 ◦ with a grid size of 
0.01 ◦, as per the expected angular resolution from CTA Consortium 

et al. 2018 ) maps are shown in Fig. 10 . 
Fig. 10 shows that the o v ersampling of CTA (bottom panel) is able 

to resolve features, comparable to the gas map resolution (middle 

Figure 10. γ -ray flux maps abo v e 1 TeV towards HESS J1804 −216 with the 
progenitor SNR of PSR J1803 −2137 as the accelerator (for the top model, 
P1). The TeV γ -ray emission from H.E.S.S. Collaboration ( 2018a ) shown by 
the solid white contours (2 ×10 −13 to 6 ×10 −13 cm 

−2 s −1 levels). Top: map 
o v ersampled with H.E.S.S. factor of radius = 0.1 ◦ with grid size of 0.02 ◦. 
Middle: map not o v ersampled, with same resolution as gas map. Bottom: 
map o v ersampled with CTA factor of radius = 0.03 ◦ with grid size of 0.01 ◦. 

panel with no o v ersample), meaning the morphology can be further 
probed with CTA. 

Our model provides a good framework for future studies, including 
insight into what parameters are required. A numerical approach in 
3D could be used to more precisely model the particles injected, 
for each time step. This involves tracing the accelerated particles 
as they propagate and subsequently interact with the ISM, based on 
the magnetic field and diffusion parameters of each grid point in the 
model, hence it is a very computationally expensive approach. 

For our model, we currently consider an impulsive injection of 
particles from the accelerator for the hadronic scenario. Mature aged 
SNRs may also produce γ -rays leptonically through the inverse- 
Compton effect (e.g. Araya & Frutos 2012 ; Devin et al. 2018 ; Fukui 
et al. 2021 ). To finally confirm the accelerator of HESS J1804 −216, 
we need to explore the leptonic scenario, assuming the SNR is 
accelerating electrons which may contribute to the TeV γ -ray 
emission as discussed by Ajello et al. ( 2012 ), Liu et al. ( 2019 ). 
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TeV emission from a PWNe is a reasonable assumption due to 
the turn o v er in the GeV/TeV spectrum, which could be caused 
by cooling effects of electrons. Along with this, a continuous 
acceleration scenario should be investigated for both leptonic (typical 
of PWNe) and hadronic origins. Our model predicts an energy- 
dependent morphology, largely due to the bubble component, which 
is not implied by the GeV/TeV observations. Future work will include 
an energy-dependent morphology study of the H.E.S.S. data, to 
investigate this further. A dedicated study of the Fermi -LAT data 
could also help to resolve the morphology of γ -rays at lower energies, 
in addition to the use of CTA in the future. These methods will 
hopefully help reveal the nature of HESS J1804 −216. 
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SUPPORTING  I N F O R M AT I O N  

Supplementary data are available at MNRAS online. 

Figure S1 . γ -ray flux map abo v e 0.2 TeV towards HESS J1804–216 
for SNR G8.7–0.1 with an age of 15 kyr. 
Figure S2 . γ -ray flux map abo v e 0.2 TeV towards HESS J1804–216 
for SNR G8.7–0.1 with an age of 28 kyr. 
Figure S3 . γ -ray flux map abo v e 0.2 TeV towards HESS J1804–216 
for the progenitor SNR of PSR J1803–2137. 
Figure S4 . Best matching spectral and spatial model (G4a) for SNR 

G8.7–0.1 with an age of 15 kyr, showing the residual of the spatial 
model. 
Figure S5 . Best matching spectral and spatial model (G2b) for SNR 

G8.7–0.1 with an age of 28 kyr, showing the residual of the spatial 
model. 
Figure S6 . Best matching spectral and spatial model (P1) for PSR 

J1803–2137 with an age of 16 kyr, showing the residual of the spatial 
model. 

Please note: Oxford University Press is not responsible for the content 
or functionality of any supporting materials supplied by the authors. 
Any queries (other than missing material) should be directed to the 
corresponding author for the article. 

APPENDI X  A :  POSI TION-VELOCI TY  PLOTS  

Figs A1 and A2 are position-velocity plots for the 12 CO(1-0) and HI 
data, respectively, towards the HESS J1804 −216 region, integrated 
o v er latitudes b = −0 . 49 ◦ to 0 . 49 ◦. Using this figure, we defined 
two gas v elocity re gions, component 1 (v lsr = 20 to 30 km s −1 ) and 
component 2 (v lsr = 30 to 40 km s −1 ), as shown by the dashed navy 
lines. 
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Figure A1. Position-velocity plot of Mopra 12 CO(1-0) emission (K) towards 
HESS J1804 −216, inte grated o v er latitudes from −0.49 ◦ to 0.49 ◦. The black 
vertical lines show the longitudinal extent of HESS J1804 −216. The blue 
cross indicates the birth position of PSR J1803 −2137 at its assumed velocity 
of ∼25 km s −1 . The 1720 MHz OH maser is shown by the purple cross at its 
velocity of 36 km s −1 . The centre of SNR G8.7 −0.1 is shown by the purple 
dot, whilst the purple line shows its radial extent, at a velocity of 35 km s −1 . 
The green dashed lines are estimates of the Galactic spiral arms along the line 
of sight for HESS J1804 −216 (from the model in Vall ́ee 2014 ). Components 
1 and 2 are indicated by the dashed navy lines. 

Figure A2. Position-velocity plot of SGPS HI emission (K) towards 
HESS J1804 −216. The annotations are described in Fig. A1 . 

APPEN D IX  B:  A D D I T I O NA L  M O D E L  TERMS  

The onset of the Sedov–Taylor phase is defined in Celli et al. ( 2019 ): 

t sedov ∼ 1 . 6 × 10 3 
(

E SN 

10 51 erg 

)−1 / 2 (
M ej 

10 M 


)5 / 6 

yr (B1) 

where E SN is the ejected supernova total kinetic energy and M ej is 
the mass of the ejecta. 

The inelastic cross section of proton–proton collisions is taken 
from the most recent parametrization by Kafexhiu et al. ( 2014 ). 
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where E p is the kinetic energy of the proton and E 

th 
p = 2 m π + 

m 

2 
π/ 2 m p ∼ 0 . 2797 GeV is the threshold kinetic energy. 
The total γ -ray spectrum is given by equation ( B3 ), for simplicity 

x = E γ / E p . 

F γ

(
x, E p 

) = B γ

ln ( x) 

x 

(
1 − x βγ

1 + k γ x βγ (1 − x βγ ) 

)4 

×
[

1 

ln ( x) 
− 4 βγ x βγ

1 − x βγ
− 4 k γ βγ x βγ (1 − 2 x βγ ) 

1 + k γ x βγ (1 − x βγ ) 

]
(B3) 

The additional parameters, B γ , βγ , and k γ , are an approxima- 
tion from numerical calculation using the best least square fit 
and dependent on the energy of the CR protons. For the proton 
energy range from 0.1–10 5 TeV these parameters are defined 
as: 

B γ = 1 . 3 + 0 . 14 L + 0 . 011 L 

2 

βγ = 

(
1 . 79 + 0 . 11 L + 0 . 008 L 

2 
)−1 

k γ = 

(
0 . 801 + 0 . 049 L + 0 . 014 L 

2 
)−1 

(B4) 

APPENDI X  C :  HESS  J 1 8 0 4  −2 1 6  SPECTRAL  

C O M PA R I S O N  

Fig. C1 shows the spectral comparison between the H.E.S.S. 
2006 surv e y of the inner Galaxy (Aharonian et al. 2006 ) and 
the 2018 HGPS data (H.E.S.S Collaboration 2018a ) towards 
HESS J1804 −216. These spectra tend to match well. The obser- 
vations from Aharonian et al. ( 2006 ) are between 2004 May and 
July with 11.7 hours of observation time. The data from H.E.S.S 

Collaboration ( 2018a ) was collected between 2006 January and 2013 

Figure C1. TeV γ -ray spectra towards HESS J1804 −216 from Aharonian 
et al. ( 2006 ) in red and H.E.S.S Collaboration ( 2018a ) in green. Aharonian 
et al. ( 2006 ) has more spectral points as this involved a dedicated source 
analysis on HESS J1804 −216. 
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January with ∼44 hours of observations. Aharonian et al. ( 2006 ) 
provide a dedicated source analysis on HESS J1804 −216 with more 
spectral data points than H.E.S.S Collaboration ( 2018a ) which has 
a total of six bins (fixed bin number for all sources). The data from 

Aharonian et al. ( 2006 ) is utilized here, as we want to compare the 
spectral shape of the observations with our model. 

APPENDI X  D :  BEST  M AT C H I N G  M O D E L S  

The following tables show the model parameters for the best 
matching spectral models based on their χ2 / m v alues, sho wn here in 
ascending order. Each model is given a name identifier, used within 
the main text. 

Table D1. The 5 best matching spectral models for accelerator SNR G8.7 −0.1 for an age of 15 kyr with their model parameters. 

Model α χ δ δp E p,max SN Type M ej E SN W p E p,esc χ2 / m S 
name (PeV) ( M 
) (erg) (10 49 erg) (TeV) (Spectral) (Spatial, 10 −13 ) 

G1a 2.0 0 .001 0.5 1.4 5.0 Ia 1 10 51 7.0 14.8 1.0 2.8 
G2a 2.0 0 .001 0.4 2.5 5.0 II 10 10 51 6.9 18.6 1.1 3.2 
G3a 2.0 0 .01 0.3 1.4 5.0 Ia 1 10 51 7.0 14.8 1.1 3.0 
G4a ∗ 2.0 0 .01 0.6 2.5 1.0 II 20 10 51 6.2 15.7 1.1 2.7 
G5a 2.0 0 .001 0.4 2.5 1.0 II 20 10 51 6.2 15.7 1.1 2.8 

Note. ∗ Best spatial model 

Table D2. The 5 best matching spectral models for accelerator SNR G8.7 −0.1 for an age of 28 kyr with their model parameters. 

Model α χ δ δp E p, max SN Type M ej E SN W p E p, esc χ2 / m S 
name (PeV) ( M 
) (erg) (10 50 erg) (TeV) (Spectral) (Spatial, 10 −13 ) 

G1b 1.8 0 .01 0.6 1.4 5.0 Ia 1 10 51 1.5 6.2 0.6 1.9 
G2b ∗ 1.8 0 .1 0.4 1.4 5.0 Ia 1 10 51 1.5 6.2 0.8 1.6 
G3b 1.8 0 .001 0.4 1.4 1.0 II 20 10 52 1.0 8.1 1.0 2.3 
G4b 2.0 0 .001 0.4 1.4 5.0 II 10 10 52 0.7 18.1 1.0 3.2 
G5b 1.8 0 .1 0.4 1.4 1.0 II 20 10 52 1.0 8.1 1.0 2.0 

Note. ∗ Best spatial model 

Table D3. The 5 best matching spectral models for accelerator progenitor SNR of PSR J1803 −2137 for an age of 16 kyr with their model 
parameters. 

Model α χ δ δp n 0 E p,max SN Type M ej E SN W p E p,esc χ2 / m S 
name (cm 

−3 ) (PeV) ( M 
) (erg) (10 49 erg) (TeV) (Spectral) (Spatial, 10 −13 ) 

P1 ∗ 1.8 0.01 0.6 2.5 20 5.0 II 20 10 52 3.8 3.8 0.9 1.2 
P2 1.8 0.01 0.6 2.5 10 5.0 II 20 10 52 4.5 3.8 0.9 1.4 
P3 1.8 0.001 0.3 1.4 20 1.0 II 10 10 52 2.6 8.0 1.0 2.6 
P4 1.8 0.01 0.6 2.5 1 5.0 II 20 10 52 8.7 3.8 1.0 2.6 
P5 2.0 0.001 0.4 2.5 0.1 1.0 II 20 10 51 3.5 13.4 1.0 1.2 

Note. ∗ Best spatial model 

This paper has been typeset from a T E 

X/L 

A T E 

X file prepared by the author. 
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HESS J1804−216 1

SUPPLEMENTARY MATERIAL

1 GAMMA-RAY FLUX ABOVE 0.2 TEV

Fig. 17 from Aharonian et al. (2006) shows a smoothed excess 𝛾-
ray counts maps for energies above 0.2 TeV for HESS J1804−216.
Figs. 1 to 3 show the integrated 𝛾-ray flux maps above 0.2 TeV from
the model with the contours obtained from Aharonian et al. (2006).

Each of these figures show that the bubble component is dom-
inating over the diffused component. The modelled morphology
for both ages for SNR G8.7−0.1 do not match the observations
well, with a distinct bright ring feature shown to the southern
edge of SNR G8.7−0.1. The 𝛾-ray model for progenitor SNR of
PSR J1803−2137 (Fig. 3) shows some overlap with the northern part
of the TeV peak, however, there is a lack of emission towards the
southern peak.

2 RESIDUALS

Residual maps, equation (1), for the best matching model for each
accelerator are shown in Figs. 4 to 6.

𝑅𝑖 = 𝑂𝑖 − 𝐹𝑖 (1)

where𝑂𝑖 are the observation data points and 𝐹𝑖 are the model data
points.

References
Aharonian F., et al., 2006, ApJ, 636, 777
H. E. S. S. Collaboration et al., 2018, A&A, 612, A1

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure 1. 𝛾-ray flux map above 0.2 TeV towards HESS J1804−216 for
SNR G8.7−0.1 with an age of 15 kyr. The escape radius, 𝑅esc, is shown
by cyan dashed circle. The TeV 𝛾-ray emission from the excess counts map in
Aharonian et al. (2006) is shown by the solid white contours (5-10𝜎 levels).
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Figure 2. 𝛾-ray flux map above 0.2 TeV towards HESS J1804−216 for
SNR G8.7−0.1 with an age of 28 kyr. The escape radius, 𝑅esc, is shown
by cyan dashed circle. The TeV 𝛾-ray emission from the excess counts map in
Aharonian et al. (2006) is shown by the solid white contours (5-10𝜎 levels).
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Figure 3. 𝛾-ray flux map above 0.2 TeV towards HESS J1804−216 for the
progenitor SNR of PSR J1803−2137. The escape radius, 𝑅esc, is shown by
cyan dashed circle. The TeV 𝛾-ray emission from the excess counts map in
Aharonian et al. (2006) is shown by the solid white contours (5-10𝜎 levels).
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Figure 4. Best matching spectral and spatial model (G4a) for SNR G8.7−0.1
with an age of 15 kyr, showing the residual of the spatial model. The TeV
𝛾-ray emission from H. E. S. S. Collaboration et al. (2018) shown by the solid
grey contours (2 × 10−13 to 6 × 10−13 cm−2 s−1 levels).
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Figure 5. Best matching spectral and spatial model (G2b) for SNR G8.7−0.1
with an age of 28 kyr, showing the residual of the spatial model. The TeV
𝛾-ray emission from H. E. S. S. Collaboration et al. (2018) shown by the solid
grey contours (2 × 10−13 to 6 × 10−13 cm−2 s−1 levels).
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Figure 6. Best matching spectral and spatial model (P1) for PSR J1803−2137
with an age of 16 kyr, showing the residual of the spatial model. The TeV
𝛾-ray emission from H. E. S. S. Collaboration et al. (2018) shown by the solid
grey contours (2 × 10−13 to 6 × 10−13 cm−2 s−1 levels).
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7 Modelling Galactic Gamma-Ray Emission

I like to think of ideas as potential energy. They’re
really wonderful, but nothing will happen until we

risk putting them into action.

— Mae Jemison, American engineer, physicist and NASA astronaut

The hadronic modelling of supernova remnants (SNRs) with the use of interstel-
lar medium (ISM) gas clouds has been performed previously by multiple authors
(Drury et al., 1994; Naito and Takahara, 1994; Ackermann et al., 2013; Jogler and
Funk, 2016; A. M. W. Mitchell et al., 2021), to gain an understanding of both
the γ-ray spectrum and spatial distribution of γ-rays (i.e. Casanova et al., 2010).
A. M. W. Mitchell et al., 2021 present γ-ray energy spectra towards multiple SNRs
from hadronic interactions. This study considers interstellar clouds at a specific
position with a given mass, density and radius, which act as a target for cosmic-ray
(CR) proton collisions. The authors make use of the interstellar cloud catalogue by
Rice et al., 2016 along with Green’s SNR catalogue (Green, 2019) to pair clouds
with nearby SNRs. A. M. W. Mitchell et al., 2021 are able to obtain a realistic
description of the γ-ray spectra but do not model the spatial morphology. Casanova
et al., 2010 model the morphology of γ-rays in the hadronic and leptonic scenarios
assuming SNR RX J1713.7−3946 is the accelerator. They make use of the LAB sur-
vey of HI with resolution of 0.6◦ and the Nanten survey of CO with a resolution of
4′ for their total target material.

This chapter outlines a new framework for modelling both the spatial and spec-
tral distributions of the γ-ray emission originating from SNRs in the hadronic sce-
nario. For this model, we consider both SNR G8.7−0.1 and the progenitor SNR of
PSR J1803−2137 as the accelerators of CR protons. Casanova et al., 2010 provide a
model for the spectral and spatial morphology of γ-rays towards
SNR RX J1713.7−3946, in which the accelerator is at a distance from the γ-ray
source. For our case, both of the SNRs considered lie within the extension of the γ-
ray source HESS J1804−216, so a different approach must be implemented (outlined
in this chapter). This approach allows the γ-rays to be modelled in detail towards
HESS J1804−216 using high resolution gas data and a grid search approach over the
model parameter space to find the best matching model to the observations.

7.1 Particle Transport in the Interstellar Medium

CR propagation through the Galaxy can be described through the transport equa-
tion. The three-dimensional partial differential transport equation for a particular
CR species is given by (e.g. Strong et al., 2007):
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∂ψ

∂t
=Q(~r, p, t)

+ ~∇ · [Dxx
~∇ψ − ~V ψ]

+ ∂

∂p
p2Dpp

∂

∂p

ψ

p2

− ∂

∂p

[
ṗψ − p

3(~∇ · ~V )ψ
]

− ψ

τf
− ψ

τr

(7.1)

where ψ ≡ ψ(~r, p, t) is the number density per unit of total particle momentum,
p, which can be expressed in terms of the phase-space density, f(~r, ~p, t), with
ψ(~r, p, t)dp = 4πp2f(~r, ~p, t). The source term is Q(~r, p, t). The source term can
be described by the injection of particles from either an impulsive or continuous
source. An impulsive source involves particles being injected into the ISM at the
same time. The impulsive injection of particles is valid for relatively small accelerator
ages tacc ≤ (103-104) yr (Aharonian and Atoyan, 1996). A continuous accelerator,
as the name suggests, involves particles being continuously ejected into the ISM
over the lifetime of the source. The second term describes both diffusive losses and
advection, where the spatial diffusion coefficient is Dxx ≡ Dxx(~r, p) and the con-
vection velocity is ~V ≡ ~V (~r). The third term describes diffusion reacceleration via
second order Fermi acceleration, where the momentum-space diffusion coefficient is
Dpp ≡ Dpp(~r, p). The fourth term describes radiative losses and adiabatic expansion.
The momentum loss rate is given by ṗ ≡ ṗ(~r, p) = dp/dt. The final term accounts
for nuclear fragmentation and radioactive decay of larger nuclei, with timescales of
τf and τr, respectively.

It is possible for this transport equation to be solved either numerically or analyti-
cally. In the case of electrons, a numerical solution is vital as the situation is more
complex, involving three different radiation mechanisms which compete for the en-
ergy (see Section 2.3.2). These solutions are often quite sophisticated and attempt
to include all relevant physics to model the propagation in high detail.

The full transport equation (Equation 7.1) is too complex to be solved in general an-
alytically. To solve the equation analytically, various simplifications must be made.
Firstly, the geometry must be simplified, for example spherical or cylindrical sym-
metry. As the formulae are complex, other simplifications that can be made include
simplified energy losses, gas distributions, and magnetic fields. As the equation is
solved analytically, the computational time is fast with no instabilities. For the
purpose of this thesis, the transport equation can be rewritten as the well-known
reduced standard diffusion transport equation (neglecting convection and reacceler-
ation, Ginzburg and Syrovatskii, 1964):

∂f

∂t
= D

R2
∂

∂R

(
R2 ∂f

∂R

)
+ ∂

∂E
(Pf) +Q . (7.2)
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for the spherically symmetric case. Here, f is the particle distribution function, the
continuous energy-loss rate is P = −dE/dt, the source function is Q ≡ Q(E,R, t)
and D ≡ D(E) is the energy-dependent diffusion coefficient.

For the numerical solution, gas parameters from interstellar gas surveys are utilised,
a 3D Galactic magnetic field model including both the regular and random compo-
nents, including direction, can be used and there is a full consideration of energy
losses, i.e. no simplifications for the energy loss equations are used. Using a numeri-
cal method means taking advantage of computing power to overcome the limitations
of analytical solutions. One numerical solution is to create a grid in space (x, y, z)
and energy, E, to trace the propagation of particles at every time step ∆t. A tem-
plate of the ISM which describes both the magnetic field and number density (used
for the diffusion coefficient equation) at each grid point is utilised. This gives a
detailed description of the diffusion coefficient, D, for each step in space, along with
accounting for energy losses (dE/dt) from particle interactions. The energy density
for each time step is then calculated. This is incremented over every cell in the grid
and time step until the time equals the age of the accelerator. Having a series of
time steps allows for a detailed model of the evolution and injection of particles.

The numerical approach provides a way to implement both magnetic field and gas
density maps which vary across space. This numerical approach can more precisely
model the injected particles over each step taken, however, this also means a large
amount of computational memory is required and the computational time is long for
high-resolution results. The analytical solution utilised in this thesis, whilst an ef-
fective representation of particle acceleration, transport, and interaction, also comes
with limitations. Various simplifications were made in order to make the model an-
alytically solvable. A constant diffusion coefficient for each energy is implemented,
however, in reality this should vary as a function of position. This comes from using
a constant number density and hence magnetic field in the diffusion coefficient when
this should vary as a function of position. The use of the analytical approach with
simple approximations decreases both the computational time and expense to find
a fast solution to the diffusion equation. This solution provides a good overview of
the diffusion of particles from a single source distributed across space and time.

7.2 Cosmic-Ray Particle Distribution

One simple analytical solution to Equation 7.2, involves utilising the Green’s func-
tion technique. For this case, the source function is given by
Q(E,R, t) = N0finj(E)δ(R)δ(t) for an arbitrary injection spectrum finj(E) (Atoyan
et al., 1995), where N0 is a normalisation factor. The particle distribution is given
by f ≡ f(E,R, t). This solution is a simple analytical equation which allows for
easy analysis of the diffusion of particles distributed over space and time. For the
purpose of this thesis, we are interested in the distribution of CR protons, hence the
following sections will discuss these equations in terms of CR protons. In this case,
particles are injected into the ISM from a point source with a power law injection
spectrum, finj(Ep) = E−αp , leading to the solution:
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f(Ep, R, t) ≈
N0E

−α
p

π3/2R3
dif

exp
(
−(α− 1)t

τpp
− R2

R2
dif

)
, (7.3)

where the diffusion length,

Rdif ≡ Rdif(Ep, t) =

√√√√4D(Ep)texp(tδ/τpp)− 1
tδ/τpp

, (7.4)

is the length given for CR protons of energy Ep propagating through the ISM during
time t. This is called the ‘point origin model’. The energy-dependent diffusion
coefficient is taken from Gabici et al., 2007, as given by Equation 7.5.

D(E) = χD0

(
Ep/GeV
B/3µG

)δ
, (7.5)

where χ is the diffusion suppression factor, δ is the index of diffusion and B is the
magnetic field (shown by Equation 7.6, Crutcher et al., 2010).

B =


B0 fornH < 300 cm−3

B0

(
nH

300 cm−3

)0.65
fornH > 300 cm−3 .

(7.6)

The cooling time of proton-proton collisions is given by Aharonian and Atoyan,
1996:

τpp = 6× 107 (nH/cm−3)−1 yr . (7.7)

In the limit nH < 102 cm−3 for relatively young accelerators (t < 100 kyr, Aharonian
and Atoyan, 1996) the proton-proton cooling time term can be neglected as τpp � t.
The diffusion length can then also be simplified to Rdif =

√
4D(Ep)t.

The equations involved in this thesis (described below) are considered for the source
class of SNRs. A specific case is valid in which particles of different energies are
released from the accelerator at different times. Equation 7.3 is adapted to account
for particles being released from the SNR shell, as this is a more realistic approach.
This accounts for particles which have escaped the SNR radius and are diffusing
into the ISM, as well as particles which are still trapped within the SNR shell, or
‘bubble’. The probability density function (PDF) to describe the energy-dependent
release and transport of particles through the ISM is:

f(Ep, R, t) =


fbubble(Ep, R, t) Ep < Ep,esc, R < Resc

fdif(Ep, R, t) Ep > Ep,esc, R > Resc

0 Otherwise .
(7.8)
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This model is hereafter called the ‘shell origin model’. Assuming the limit
nH < 102 cm−3 applies, the PDF for the diffused emission is:

fdif(Ep, R, t) =
f0N0E

−α
p

π3/2R3
dif

exp
(
−(R−Resc)2

R2
dif

)
, (7.9)

where the diffusion length is

Rdif ≡ Rdif(Ep, t) =
√

4D(Ep)t′ , (7.10)

where t′ = t − tesc(Ep) represents the time the particles spend in the ISM. For
the above solution to be valid, the probability density function must satisfy the
condition

∫∞
0 f(Ep, R, t) dV =

∫∞
0 f(Ep, R, t)4πR2dR = 1. Therefore an extra term,

f0, is included, as defined by Equation 7.11 and derived in Section B.1.

f0 =
√
πR3

dif
(
√
πR2

dif + 2
√
πR2

esc)|Rdif |+ 4RescR2
dif

(7.11)

Equation 7.9 was also verified to be a solution to Equation 7.2 using the Green’s
function technique. As the particles are released at different times depending on
their energy there are some particles which have not escaped the SNR shock radius,
i.e. the ‘bubble’. Particles of energy Ep < Ep,esc and radius R < Resc are confined
within the SNR bubble. The distribution of CR particles in the bubble contains
some uncertainty. Realistically, the CR particles would accumulate in the shock
region leading to ‘shell’ brightening as explored by theoretical studies (Ptuskin and
Zirakashvili, 2005; Celli et al., 2019; Brose et al., 2020). To obtain the realistic
distribution involves solving again the transport equation where the diffusion term
is neglected. This approach is complex and involves further assumptions about
the distribution of gas that the SNR expands into, therefore we look for a simple
solution. In this case, we choose to distribute the CR particles uniformly (see e.g.
Atoyan et al., 1995; Zirakashvili and Aharonian, 2010) over the bubble volume, as we
do not consider diffusion inside this region. The bubble emission is then described
through:

fbubble(Ep, R, t) = 1
(4/3)πR3

esc
. (7.12)

7.3 Gamma-Ray Production

Kelner et al., 2006 provide analytical parameterisations for the spectra of γ-rays
assuming they are created hadronically through the decay of neutral pions. These
formulae are approximated from simulations of proton-proton collisions using the
SIBYLL code (Fletcher et al., 1994). SIBYLL is a Monte Carlo simulation code
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which provides a description of hadronic particle production. The analytical repre-
sentation for the numerical simulations is accurate down to a few percent for γ-ray
energies above 1 GeV. For a proton with energy Ep the number of photons per col-
lision for the interval from x to x+ dx is given by:

Fγ(x,Ep) = Bγ
ln(x)
x

(
1− xβγ

1 + kγxβγ (1− xβγ )

)4

×[
1

ln(x) −
4βγxβγ
1− xβγ −

4kγβγxβγ (1− 2xβγ )
1 + kγxβγ (1− xβγ )

]
. (7.13)

Here, the variable x = Eγ/Ep. The parameters Bγ, βγ and kγ are estimated by
taking the best least squares fit to the numerical calculation of the spectra, given
by Equation 7.15.

Bγ = 1.3 + 0.14L+ 0.011L2

βγ = (1.79 + 0.11L+ 0.008L2)−1 (7.14)
kγ = (0.801 + 0.049L+ 0.014L2)−1 ,

where L = ln(Ep/1 TeV). This is valid for incident protons of energy
0.1 TeV ≤ Ep ≤ 105 TeV. Using the above parameterisation, Kelner et al., 2006
calculate the production rate of γ-rays for some energy distribution of protons.
The volume distribution of protons in the energy interval from Ep to Ep + dEp
is dNp = Jp(Ep) dEp. The γ-ray production rate in the energy interval from
Eγ to Eγ + dEγ is then (Kelner et al., 2006):

Φγ(Eγ) ≡
dNγ

dEγ
= c nH(R)

∫ ∞
Eγ

σpp(Ep) f(Ep, R, t)Fγ
(
Eγ
Ep
, Ep

)
dEp

Ep
, (7.15)

where c is the speed of light, the ambient number density of hydrogen gas is nH, the
inelastic cross-section of proton-proton collisions is σpp(Ep) (Kafexhiu et al., 2014)
and Fγ is the total γ-ray spectrum given by Equation 7.13.

The differential γ-ray spectrum, F , is obtained by integrating the γ-ray production
rate, Φγ, over the step size, dl, equal to the line of sight distance. The differential
γ-ray flux (TeV−1 s−1 cm−2) is normalised to each cell in the map by accounting for
the steradian of the cell, Ω.

F = Ω
4π

∫ l

0
Φγ(Eγ) dl = Φγ(Eγ)

4π
A

D2 l , (7.16)

where A is the area and D is the distance from the source to Earth. Combining
the above with Equation 7.15, where NH = nH l, gives the differential γ-ray flux
(TeV−1 cm−2 s−1):
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Fγ(Eγ, R, t) = NHA

4πD2 c

∞∫
Eγ

σpp(Ep) Jp(Ep, R, t)Fγ
(
Eγ
Ep
, Eγ

)
dEp

Ep
. (7.17)

Here, the volume distribution of CRs is:

Jp(Ep, R, t) = c

4πf(E,R, t) , (7.18)

where f(Ep, R, t) is from Equation 7.3 for the point origin model and Equation 7.8
for the shell origin model.

7.4 The Modelling Software mario

We adopt a model in this thesis for the injection of CR protons from an SNR and
their subsequent escape and transport through the ISM. For this purpose we devel-
oped a Python package called mario (Modelling gAlactic gamma-Ray emissIOn4).
This modelling software was used to obtain the results in Chapter 6. mario uses a
2D approach to model the diffusion of CR protons, which have escaped the SNR,
over each pixel in the total column density map. The emission inside the bubble
region is also modelled using the same pixel-by-pixel approach. These maps are
then used to produce γ-ray flux maps towards HESS J1804−216, and compared
with observations.

mario provides both the point origin and shell origin models as described by Equa-
tions 7.3 and 7.8, respectively. The point origin model involves particles being
injected into the ISM isotropically from the centre of the SNR. The shell origin
model consists of two different components. The particles which have been injected
and diffuse into the ISM upon escaping the shell of the SNR and the particles which
are still trapped within the ‘bubble’ described by Equation 7.12.

Figure 7.1 shows a comparison of the CR proton spectra from the point origin and
shell origin models for the same model parameters. For the shell origin model the
escape radius is Resc = 25 pc, therefore the proton fluxes at R = 24 pc and R = 26 pc
are shown to represent both the bubble component and diffused component, respec-
tively. The point origin model in Figure 7.1 shows only the diffused component,
which is the same for both radii at higher energies (> 1 TeV). As the energy de-
creases further, the CR proton flux from the point origin model at R = 26 pc (red
curve) decreases more rapidly than the point origin model at R = 24 pc (light red
curve). For the shell origin model, there is a clear difference between the CR proton
spectra from the diffused and bubble components. The light blue curve in Figure 7.1
(with R = 24 pc) shows the emission from inside the bubble, as the escape radius for

4mario code available at GitHub https://github.com/Astro-Kirsty/mario

https://github.com/Astro-Kirsty/mario
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this model is Resc = 25 pc. This emission is only seen for energies below the escape
energy of Ep,esc ∼ 2.5 TeV, as this is a condition of the bubble (see Equation 7.8). At
energies above the escape energy the diffused component of the CR proton flux at
R = 26 pc is present (as shown by the navy curve in Figure 7.1). This curve overlaps
with the point origin model (shown by the red curve in Figure 7.1), as these are
both the diffused component of the emission using the same model parameters.
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Figure 7.1: Comparison of the point origin and shell origin models for an
arbitrary injection spectrum. The escape radius for the shell origin model is
Resc = 25 pc. The light red curve shows the point origin model using a radius of
R = 24 pc and the red curve shows the point origin model with R = 26 pc. The
light blue curve shows the shell origin model inside the SNR bubble with a radius
of R = 24 pc and the dark blue curve shows the shell origin model outside the SNR
bubble with a radius of R = 26 pc. For energies greater than the escape energy,
Ep,esc ∼ 2.5 TeV, both the point origin and shell origin models largely overlap, as
this represents the diffused component of the CR flux. At energies below this, the
shell origin model is described by a uniform distribution, whereas the point origin
models are still described by the diffused emission.

The shell origin model is utilised throughout this thesis (see Equation 7.8). Fig-
ure 7.2 shows a schematic of the model in 2D, in which CRs leave the SNR bubble
and interact with each pixel in the map, which has multiple characteristics. The
column density, NH, from the gas observations along with the volume distribution
of CRs (Equation 7.18) are used to create a γ-ray flux, F(Eγ) (Equation 7.17), for
each pixel in the map. The purple region of Figure 7.2 indicates the bubble com-
ponent as described by Equation 7.12 where Ep < Ep,esc and R < Resc. The yellow
region of Figure 7.2 indicates the region of diffused emission which is described by
Equation 7.9.
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CRs
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𝑭(𝑬𝜸)

Figure 7.2: Schematic illustrating the release point of CRs from the SNR bubble
(shown in purple) and their subsequent propagation to interact with the ISM to
create γ-rays. Each pixel has characteristics of NH and F(Eγ). The purple pixels
inside the bubble have a PDF described by fbubble(Ep, R, t) and the yellow pixels
outside of the bubble have a PDF described by fdif(Ep, R, t).

For the model, a proton flux map is created for every pixel in the map for a range of
energies, giving a proton flux ‘cube’. Combining this with the total column density
map gives a γ-ray flux ‘cube’, again with energy along the third axis. This γ-ray flux
cube means that each pixel in the map has an associated γ-ray spectra (an example
shown in Figure 7.3). The γ-ray source spectra can also be obtained by taking a
region around the γ-ray source and summing all fluxes within that region.

For the shell origin model there are two components: the diffused emission outside
the bubble component and the uniformly described emission inside the bubble. To
investigate the results for these components, the emission is investigated for two
different pixels in the γ-ray flux map, one inside the bubble and another outside.
Figure 7.3 shows a comparison between these two components for an arbitrary SNR
accelerator. This figure shows a clear distinction between the bubble and diffused
components, which are separated by the escape energy Ep,esc ∼ 3.8 TeV.
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Figure 7.3: Comparison between the bubble and diffused emission as taken from
a γ-ray map. The escape energy is Ep,esc ∼ 3.8 TeV. Left: the γ-ray flux map for
an arbitrary source indicating the SNR bubble by the dashed cyan circle. The
red pixel is inside the bubble and the cyan pixel is outside the bubble. Right: the
diffused component of the γ-ray flux shown by the blue curve taken from the cyan
pixel in the left panel. The bubble component taken from the red pixel in the left
panel shown by the red curve. The flux from the bubble component rapidly drops
off when the escape energy is reached, where the diffused component begins to
dominate.

Figure 7.4 shows an example of the 2D approach used here. Panel A of Figure 7.4
shows the total column density map (NH) for two example clouds with constant
number density. The proton flux distribution, Jp(Ep, R, t), at 2 TeV for an arbitrary
source is shown in Panel B1 of Figure 7.4. This panel shows the component of
the bubble emission where the escape energy is Ep,esc ∼ 3 TeV. Panel B2 shows the
proton flux distribution for the diffused emission, at 10 TeV. Combining Panels A
and B2 from Figure 7.4 through Equation 7.17 gives an example of the γ-ray flux
map at 1 TeV (Panel C of Figure 7.4).

Panel B1 of Figure 7.4 shows a slice of the proton flux cube at 2 TeV. As this is
lower than the escape energy, Ep,esc ∼ 3 TeV, this represents the bubble component
and so is ‘bubble-filled’. Panel B2 in Figure 7.4 shows the proton flux at 10 TeV
which is higher than the escape energy, therefore this is the diffused component of
the emission. This shows that the bubble is no longer filled and the proton flux is
dominant outside the SNR bubble radius. Combining the proton flux map and the
total column density map gives the γ-ray flux map, as shown at 1 TeV in Panel C of
Figure 7.4. At this energy it is possible to see both the influence of the bubble and
diffused components. The navy circle in the centre presents the contribution from
the bubble component. Outside of this, the two gas clouds become clearly visible
with the strongest emission just outside the bubble radius.
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Figure 7.4: An example figure showing the 2D approach used in this thesis.
Panel A: Total column density towards two example clouds for a constant
number density throughout the clouds. Panel B1: The proton flux at 2 TeV
for an arbitrary source, representing the bubble emission. This model has an
escape energy of Ep,esc ∼ 3 TeV, therefore this panel is clearly dominated by the
bubble emission. Panel B2: The proton flux at 10 TeV, representing the diffused
emission. This shows that the bubble component is not visible. The emission
outside the bubble radius is strongest close to the bubble radius, and begins to
decrease as you move away from this radius. Panel C: The γ-ray flux at 1 TeV.
The contribution from the two gas clouds is clearly visible.
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7.5 Verification of mario

The following section outlines the verification of the mario code. This is done by
comparing specific sections of the code with figures from other publications such as
Aharonian and Atoyan, 1996; Kelner et al., 2006. In addition, the implementation
of the code is verified.

7.5.1 Verification with other publications

To verify our model is producing accurate results several tests were performed.
Firstly, to ensure each equation is implemented correctly, various figures from liter-
ature (i.e. Aharonian and Atoyan, 1996; Kelner et al., 2006) are reproduced. Figs 1a
and b of Aharonian and Atoyan, 1996 are replicated using an energy budget of
Wp = 1050 erg, spectral index of α = 2.2, number density of nH = 1 cm−3 and index
of diffusion coefficient of δ = 0.5, for various source ages and distances, as shown in
Figure 7.5. The diffusion coefficient from Aharonian and Atoyan, 1996 is:

D(Ep) = D10(Ep/10 GeV)δ , (7.19)

where D10 is the diffusion coefficient at Ep = 10 GeV given by 1028 cm2 s−1 for
fast diffusion and 1026 cm2 s−1 for slow diffusion. This equation is equivalent to
Equation 7.5 from Gabici et al., 2007 when B = 3µG, D0 takes the Galactic average
value of ∼ 3 × 1027 cm2 s−1 where χ = 1 for fast diffusion and χ = 0.01 for slow
diffusion. Figure 7.5 replicates the Aharonian and Atoyan, 1996 figure, therefore
the section of code for the distribution of protons from the point origin model is
validated.

Modelling of the γ-ray production rate has been performed by Kelner et al., 2006.
Fig 7 from Kelner et al., 2006 shows the energy spectra of γ-rays as produced by
proton-proton interactions for three different initial CR proton energies, Ep=0.1 TeV,
10 TeV5, 1000 TeV. Using Equation 7.13 this plot is reproduced as shown in Fig-
ure 7.6. The reproduced plot matches the results from Kelner et al., 2006, so the
implementation of the γ-ray equation from Equation 7.17 in mario is verified.

We are able to replicate both the proton distribution and the γ-ray flux spectra for
the point origin model, verifying these sections of the mario code. It is not possible
to compare the shell origin model from any figures in literature, however, as the
curves from the point origin and shell origin models are the same for the diffused
component (see Figure 7.1), we can be confident that the code is implemented well
for the shell origin model. The physics behind the diffused component of the mario
code is the same for both the point origin and shell origin models.

5There is a misprint in Fig 7 of Kelner et al., 2006, 100 TeV should be replaced by 10 TeV.
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Figure 7.5: Evolution of escaping CRs from an impulsive accelerator using the
point origin model. Curves show dash dot-dotted, solid, dashed and dot-dashed
for ages of the source t=103 yr, 104 yr, 105 yr and 106 yr, respectively. The energy-
dependent diffusion coefficient from Equation 7.19 has a power law index of δ = 0.5
with D10 = 1028 cm2 s−1 for fast diffusion (left panel) and D10 = 1026 cm2 s−1 for
slow diffusion (right panel). The spectral index is α = 2.2 with an energy budget of
Wp = 1050 erg. The dashed blue curve shows the CR flux at Earth. Image
replicated from Aharonian and Atoyan, 1996.
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Figure 7.6: Energy spectra of γ-rays using the number of photons per collision Fγ
from Equation 7.13 for different energy for the incident protons. The black, dark
grey and light grey curves show proton energies of 0.1 TeV, 10 TeV and 1000 TeV,
respectively. Image replicated from Kelner et al., 2006.

7.5.2 Verification of the implementation

Further validation of the model involves investigating the energy budget. It is ex-
pected that the volume integrated energy spectra after simulations will be the same
as the injected spectrum of CRs. The volume integrated spectrum is obtained
through

∫
4πR2f(Ep, R, t)dR, where f(Ep, R, t) is the PDF described by Equa-

tion 7.8. The injected spectrum of CRs is described by N0E
−α
p . Figure 7.7 shows

this comparison for an arbitrary source, in which both spectra match.

For some arbitrary source with an energy budget of Wp = 1050 erg, it is expected
this will equal the final energy budget after simulations, given by Equation 7.20.

Wp,final =
∫

4πR2 dRWd erg , (7.20)

where Wd =
∫
Ep f(Ep, R, t)N0E

−α
p dEp is the energy density (erg cm−3) for each

distance, R. This can be visualised by the energy budget distribution with respect to
the distance from the source, R, as shown in Figure 7.8. The left panel of Figure 7.8
shows the cumulative sum of the energy budget, Wps = 4πR2 dRWd, distributed
over the space. The plots tends to plateau at an energy budget of Wp,final = 1050 erg
as expected from the input energy budget, Wp. The right hand panel of Figure 7.8
shows the energy density (Wd) distributed over all space. It is clear that most of
the energy is distributed within the SNR radius, indicated by Resc. Both panels of
Figure 7.8 show that most of the energy in contained within 100 pc of the accelerator.
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Right: the energy density, Wd, as distributed over R. These plots show that the
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7 MODELLING GALACTIC GAMMA-RAY EMISSION 130

7.6 Influence of Model Parameter Variation

It is important to investigate the parameter space of our model to ensure each
parameter behaves as it is expected to. Figure 7.9 shows the effect of varying
different parameters in the model. The parameter space is outlined in Table 1 of
Chapter 6. The models shown in Figure 7.9 have an arbitrary base model with the
parameters shown in Table 7.1. The parameters of this base model are then varied
individually to see the effect of the model parameters on the spectra, as shown in
Figure 7.9.

Table 7.1: Base model parameters for Figure 7.9.

χ δ Ep,max δp α ESN tsedov Mej

(PeV) (erg) (yr) (M�)
0.01 0.5 1 2.5 1.8 1051 1600 10

Figure 7.9 panel A and B, show that as the diffusion parameters δ and χ increase,
the flux decreases at higher energies. A higher δ or χ value gives a higher diffu-
sion coefficient (Equation 7.5) which means the particles are transported quickly.
Equation 7.5 is inversely proportional to the γ-ray flux from Equation 7.17 resulting
in a decrease in γ-ray flux as δ and χ increase. These plots also show that below
the escape energy the γ-ray fluxes for the parameters start to match, which is at-
tributed to the bubble component of the flux. Panel C shows the dependency of
δp on the escape energy, Ep,esc. These parameters are related through Equation (5)
in Chapter 6. As δp increases, the escape energy decreases rapidly. This is evident
in Equation (5) where tsedov < tSNR which makes δp and Ep,esc indirectly propor-
tional. This figure therefore shows how δp effects the energy at which the diffusion
component dominates over the bubble component. This effect is seen for δp = 1.4
and δp = 2.5 as the corresponding escape energies are in the energy range shown
in Figure 7.9. In Figure 7.9 panel D shows the effect of the maximum CR proton
energy on the escape energy. There is only a slight variation in the curvature of the
models, particularly at low energies and at ∼1 TeV. The maximum proton energy,
Ep,max, is proportional to the escape energy, Ep,esc, as shown by Equation (5) in
Chapter 6, therefore as Ep,max increases so too does Ep,esc. As the escape energy
increases, more of the spectra is dominated by the bubble. In panel D of Figure 7.9,
Ep,esc = 15.8 TeV for Ep,max = 5 PeV, therefore the bubble component of the γ-ray
emission extends to higher energies than for Ep,max = 1 PeV. The variation in cur-
vature is attributed to the change between the bubble and diffused emission being
at different energies. Panel E shows that as the spectral index α increases, the flux
above ∼1 TeV decreases. This behaviour is due to these parameters being inversely
proportional, as shown in Equation 7.18. This effect is most prominent at higher
energies.
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Figure 7.9: Modelled γ-ray spectra for different model parameters, with the
base model described in Table 7.1. The escape energy, Ep,esc, is shown for each
parameter variation. A: As the index of the diffusion coefficient, δ, varies from
0.3 to 0.7 the flux decreases. B: By varying the diffusion suppression factor,
χ, from 0.001 to 0.1 the flux begins to decrease. C: The γ-ray flux increases
with lower values of the parameter for the energy-dependent release of CRs, δp.
D: By varying the maximum CR proton energy, Ep,max, there is only slight vari-
ation in the spectra. E: As the spectral index, α, increases from 1.8 to 2.4 the
γ-ray flux above ∼1 TeV decreases.
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7.7 Optimisation Procedure

The model described throughout this thesis has a range of model parameters. Multi-
ple parameters have a similar effect on the model results, as outlined in Section 7.6,
leading to a redundancy in the model solution. Therefore, a purely quantitative
optimisation across all parameters is not possible. To overcome this, a systematic
grid search over the parameter space is performed, in which each combination of pa-
rameters is modelled. Many parameters in the model have a parameter space which
is defined from typical values in literature as determined through both experimental
and theoretical studies. The energy budget (Wp = ηESN), however, is scaled to fit
the spectral data. The sum of the absolute value of the residuals, r, is minimised
using the least absolute deviations method to determine the optimal η value which
provides a match to the observations.

r =
∑
i

(|Fobs − ηi Fmodel|) , (7.21)

where ηi is varied from 0.001 to 1, Fobs is the observed flux and Fmodel is the model
flux. Each ηi value is evaluated until the residual is minimised by η. The energy
budget, Wp, as determined from above will shift the spectrum up and down to match
the observations.

To determine the best matching model to the GeV-TeV observations two different
metrics are used for the spectral and spatial γ-ray distributions. The metric used
here for the spectral analysis is given by Equation 7.22 which quantifies how well
the model data fits the observations.

χ2

m
=
(∑

i

(Fobs,i − Fmodel,i)2

σ2
model,i

)
1
m
, (7.22)

where Fobs,i is the observed flux, Fmodel,i is the model flux, σmodel,i is the uncertainty
in the observations, i denotes each spectral data point and m is the number of data
points. For the model to match the observations well, χ2/m is expected to be one.

For the spatial model we want the γ-ray flux values for the model inside the γ-
ray source region to be similar to the observation values in the same region. The
metric used to examine the spatial agreement with observations is the standard
deviation which measures how far the spread of the model deviates from the mean
(see Equation 7.23). The bubble component for this metric is excluded as the
distribution of particles are not modelled in detail here.

S =
∑
i(Ri − µ)2

N
, (7.23)

where Ri = Fobs,i − Fmodel,i is the residual from the integrated flux map from 1 TeV
to 100 TeV (to match the H.E.S.S. Collaboration et al., 2018 observations) for each
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pixel i in the residual map, µ is the mean of the residual map and N is the number
of pixels in the residual map. To ensure this method is acceptable two different
spatial models are considered, shown in Figure 7.10. The left panel of Figure 7.10
shows that the morphology matches observations well in comparison to the right
panel where the morphology shows a peak in γ-ray emission offset from the position
of the γ-ray observation peak. This clear distinction is quantitatively confirmed
through the standard deviation values, where the lower value of S indicates the
model matches the observations better.
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Figure 7.10: γ-ray flux maps for two different models for an arbitrary accelerator
compared to observations shown by the solid white contours. Left: γ-ray flux for
a standard deviation of S = 8 × 10−13 cm−2 s−1. Right: γ-ray flux for a standard
deviation of S = 2× 10−12 cm−2 s−1. This shows that the lower value of standard
deviation (left panel) matches the observations better than the higher value (right
panel).

In determining the best model there are a few criteria that must be met. Firstly, the
modelled emission should not be ‘bubble-filled’ as the emission in that component
is not modelled in great detail. The emission is considered bubble-dominated if
the emission inside the bubble is 10 % greater than the emission outside the bubble
region. Another criterion to be met is that the η value is less than 50% of the
total kinetic energy (Ackermann et al., 2013; Berezhko and Völk, 1997; Berezhko
and Völk, 2000). Once excluding these models, the best matching models for each
accelerator are chosen by sorting the models in ascending order of the spectral
criterion, Equation 7.22. The top 5 models are chosen based on this criterion as
we are largely biased by the bubble component for the spatial emission. The best
matching model should also have a well matched spatial morphology, therefore we
take the lowest value of the spatial criterion (Equation 7.23) from the top 5 spectral
models. This model then becomes the best matching model.
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7.8 Discussion

Chapter 6 shows the results for the best matching spectral and spatial model for
each accelerator. The best matching model is chosen by taking the 5 best matching
spectral models (lowest values of χ2/m from Equation 7.22), and choosing the low-
est standard deviation from the spatial model (Equation 7.23). The top 5 models
are chosen as they are within the tail of the χ2/m distribution as shown for each
accelerator in Figure 7.11.
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Figure 7.11: χ2/m distribution for each accelerator. The red shaded regions
indicate the 5 best matching models for the spectral criterion.

The spatial and spectral plots for the 5 best matching models are shown in this
section. For completeness, the energy bands defined in Chapter 6 are also shown
here for the 5 best matching models.

7.8.1 SNR G8.7−0.1: 15 kyr

The 5 best matching models for SNR G8.7−0.1 with an age of 15 kyr are shown in
Figure 7.12. The morphology for the different energy bands defined in Chapter 6
are shown by Figures B.1 and B.2.

The 5 best matching spatial models of the integrated flux above 1 TeV for
SNR G8.7−0.1 with an age of 15 kyr have similar morphology with a bright band
of modelled γ-ray emission towards the southern edge of SNR G8.7−0.1. The top
5 models contain a range of δ, δp and Ep,max values and SN types (see Table D1 of
Chapter 6), given the similarity in morphology means the models are not sensitive
enough to the change in these parameters. The stronger emission does not over-
lap with the TeV peak of HESS J1804−216 from observations. For each model, the
results are highly biased by the bubble component, due to its large size.

The spectral plots for SNR G8.7−0.1 show that the model matches the observations
well at lower energies. At energies above 5 TeV, however, the model deviates from
the spectral observations. The escape energy for SNR G8.7−0.1 with an age of 15 kyr
is ∼15 TeV-19 TeV. This high value means the bubble component is dominating for
each of the top 5 models, which is shown by splitting the spectra into their bubble
and diffused components. The bubble component contains some uncertainty due to
the uniform distribution of particles. Therefore, as the bubble dominates the γ-ray
spectra there is some uncertainty associated with the figure.
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Figure 7.12: The top 5 best matching models for SNR G8.7−0.1 with an age of
15 kyr. The model parameters for each figure are given in Table E.1 of Chapter 6.
Figure information same as Figure 4 in Chapter 6.
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The top 5 models for SNR G8.7−0.1 with an age of 15 kyr have very similar mor-
phology with a bright band of emission towards the southern edge of SNR G8.7−0.1
in their different energy bands (Figures B.1 and B.2). The bubble is typically dom-
inant for the first three energy bands i.e. from 10 GeV to 10 TeV, as expected from
the escape energy of Ep,esc ∼ 15 TeV. For the highest energy band (Eγ=10−100 TeV)
the diffused emission starts to become more dominant. There is strong emission in
a ring-like feature which follows the southern edge of SNR G8.7−0.1 with a peak in
the modelled emission towards the Galactic south. This feature does not overlap
with the TeV peak from the HESS J1804−216 observations.

7.8.2 SNR G8.7−0.1: 28 kyr

The 5 best matching models for SNR G8.7−0.1 with an age of 28 kyr are shown in
Figure 7.13. The morphology for the different energy bands defined in Chapter 6
are shown by Figures B.3 and B.4.

The top 5 models for the integrated flux above 1 TeV for SNR G8.7−0.1 with an
age of 28 kyr show very similar morphology to an age of 15 kyr. The bright ring
of emission towards the southern edge of SNR G8.7−0.1 is present for both ages.
The top 4 models for 28 kyr have a much lower escape energy (Ep,esc ∼ 6 − 8 TeV)
than the top 4 models for 15 kyr (Ep,esc ∼ 15 TeV), leading to some differences in
the morphology and spectral plots. The ring feature at the inner southern edge of
SNR G8.7−0.1 is more prominent for 15 kyr, as more particles are still trapped in
the bubble region. The models for 28 kyr tend to be less filled towards the northern
edge of SNR G8.7−0.1, however, for 15 kyr the top 5 models have emission in this
region. All the spatial morphology maps for 28 kyr show a peak of γ-ray emission
towards the southern edge of SNR G8.7−0.1. This emission is seen as a small blob
of emission in the first panel of Figure 7.13, then slowly grows to become a large
band of strong emission which covers much of the southern part of SNR G8.7−0.1 in
the final panel. This behaviour is attributed to the lower escape energy of ∼ 6.2 TeV
of the first two panels, therefore the bubble component is less dominant for these
panels. As the emission in the southern part of the SNR increases so too does
the escape energy (up to ∼ 18 TeV), therefore more particles are trapped inside the
bubble. The spectra for the top 3 models match well across all energies (top three
panels of Figure 7.13). The spectra in the last two panels match the observations
at lower energies but start to show differences between the model and observation
at energies above 5 TeV.

The morphology in the different energy bands (Figures B.3 and B.4) for SNR G8.7−0.1
with an age of 28 kyr have similar behaviour to the 15 kyr age. In summary, the first
three energy bands are typically dominated by bubble emission, and the emission in
the last energy band becomes diffusion dominated.
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Figure 7.13: The top 5 best matching models for SNR G8.7−0.1 with an age of
28 kyr. The model parameters for each figure are given in Table E.2 of Chapter 6.
Figure information same as Figure 5 in Chapter 6.
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7.8.3 The Progenitor SNR of PSR J1803−2137: 16 kyr

The 5 best matching models for the progenitor with an age of 16 kyr are shown in
Figure 7.14. The morphology for the different energy bands defined in Chapter 6
are shown by Figures B.5 and B.6.

The top 5 models for the progenitor SNR of PSR J1803−2137 have a changing escape
radius, as the n0 value changes for each model (noting P1 and P3 have the same
initial number density, n0 = 20 cm−3). As this is a currently undetected progenitor
SNR there is no known SNR radius, therefore the escape radius takes on a number of
values. This was not an issue previously for SNR G8.7−0.1 as this has an associated
SNR radius from radio observations. Due to the different escape radii there is some
variation in each of the top 5 spatial models. The common feature in each of the
top 5 morphology models is a peak of emission towards the outer western edge of
the progenitor radius, which is due to the morphology of the ISM here. The escape
energies for each model vary from 4 TeV to 13 TeV, which determines how dominant
the bubble component is for the spatial maps. P5 and P3 are clearly dominated by
the bubble component with very little diffused emission. P1, P2 and P4 however
have a lower escape energy and therefore the diffused emission begins to dominate.
Splitting the spectra into the bubble and diffused components shows how the escape
energy effects the curvature of the spectra.

For the top 5 models of the progenitor the energy bands (Figures B.5 and B.6) show a
bubble-filled morphology at lower energies, as expected from the high escape energy
of the models. For P5 and P3 the emission is bubble-dominated for the first three
energy bands, and for the highest energy band the emission is tightly constrained
in a ring around the progenitor SNR radius. These two models do not match the
spatial morphology from observations. The other 3 models (P1, P2 and P4) have
bubble-dominated emission for the two lower energies panels (Eγ=10−100 GeV and
Eγ=0.1−1 TeV), and diffusion dominated emission for the two higher energy pan-
els (Eγ=1−10 TeV, and Eγ=10−100 TeV). The diffused emission in the two higher
energy panels is well outside the bounds of HESS J1804−216.



7 MODELLING GALACTIC GAMMA-RAY EMISSION 139

0.
40

°
0.

00
°

-0
.4

0°
Ga

la
ct

ic 
La

tit
ud

e
>1 TeVHESS oversample

P1

Progenitor SNR

1

2

3

4

5

6 Integrated flux (cm
2 s

1)

1e 13

10 12

10 11

-ra
y 

en
er

gy
 fl

ux
 (T

eV
 c

m
2 s

1 ) Ep, esc=3.8 TeV

Bubble emission
Diffused emission
Total emission
HESS J1804 216
3FHL J1804.7 2144e

0.
40

°
0.

00
°

-0
.4

0°
Ga

la
ct

ic 
La

tit
ud

e

>1 TeVHESS oversample

P5

Progenitor SNR

1

2

3

4

5

6 Integrated flux (cm
2 s

1)

1e 13

10 12

10 11

-ra
y 

en
er

gy
 fl

ux
 (T

eV
 c

m
2 s

1 ) Ep, esc=13.4 TeV

Bubble emission
Diffused emission
Total emission
HESS J1804 216
3FHL J1804.7 2144e

0.
40

°
0.

00
°

-0
.4

0°
Ga

la
ct

ic 
La

tit
ud

e

>1 TeVHESS oversample

P2

Progenitor SNR

1

2

3

4

5

6 Integrated flux (cm
2 s

1)

1e 13

10 12

10 11

-ra
y 

en
er

gy
 fl

ux
 (T

eV
 c

m
2 s

1 ) Ep, esc=3.8 TeV

Bubble emission
Diffused emission
Total emission
HESS J1804 216
3FHL J1804.7 2144e

0.
40

°
0.

00
°

-0
.4

0°
Ga

la
ct

ic 
La

tit
ud

e

>1 TeVHESS oversample

P3

Progenitor SNR

1

2

3

4

5

6 Integrated flux (cm
2 s

1)

1e 13

10 12

10 11

-ra
y 

en
er

gy
 fl

ux
 (T

eV
 c

m
2 s

1 ) Ep, esc=7.9 TeV

Bubble emission
Diffused emission
Total emission
HESS J1804 216
3FHL J1804.7 2144e

9.20° 8.80° 8.40° 8.00° 7.60°

0.
40

°
0.

00
°

-0
.4

0°

Galactic Longitude

Ga
la

ct
ic 

La
tit

ud
e

>1 TeVHESS oversample

P4

Progenitor SNR

1

2

3

4

5

6 Integrated flux (cm
2 s

1)

1e 13

10 2 10 1 100 101

Energy (TeV)

10 12

10 11

-ra
y 

en
er

gy
 fl

ux
 (T

eV
 c

m
2 s

1 ) Ep, esc=3.8 TeV

Bubble emission
Diffused emission
Total emission
HESS J1804 216
3FHL J1804.7 2144e

Figure 7.14: The top 5 best matching models for the progenitor SNR of
PSR J1803−2137 with an age of 16 kyr. The model parameters for each figure
are given in Table E.3 of Chapter 6. Figure information same as Figure 6 in Chap-
ter 6.
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8 Examining the morphology of HESS J1804−216
at different energies

Most of the fundamental ideas of science are essentially
simple, and may, as a rule, be expressed in a language

comprehensible to everyone.

— Albert Einstein, German Physicist

This chapter outlines the analysis of the H.E.S.S. observations using the γ-ray as-
tronomy open-source Python package gammapy (Deil et al., 2020). The H.E.S.S.
data used throughout this thesis is the publicly available H.E.S.S. Galactic Plane
Survey (HGPS, H.E.S.S. Collaboration et al., 2018) which combines observations
from January 2004 to January 2013. The HGPS includes observations carried out by
the four H.E.S.S. Phase I telescopes (CT1-4, described in Section 3.1.5). Since 2013
however, HESS J1804−216 has been observed further with more data now available
as compared to the HGPS. This extra data could provide further information about
HESS J1804−216. The publicly available data also has limited FITS file survey sky
maps and limited spectral information available. The sky maps include a 2D inte-
grated flux map above 1 TeV and a 2D statistical significance map. By analysing
the H.E.S.S. data again, it is possible to produce updated spectral plots and sky
maps for multiple energy-bands. The aim of this chapter is to analyse all avail-
able H.E.S.S. data across different energy bands to perform an energy-dependent
morphology study and inspect the γ-ray spectrum at the highest energies.

It is possible for γ-ray sources to exhibit energy-dependent morphology, in which
the spatial morphology of the γ-rays are different for different energy bands. This
is plausible for different source types including pulsar wind nebulae (PWNe) and
SNRs. PWNe are expected to accelerate particles to high energies. The evolutionary
phases of a PWNe (as described in Section 2.1.3) lead to a unique γ-ray morphol-
ogy. Evolved PWNe detected by H.E.S.S. are seen to exhibit an energy-dependent
morphology in γ-rays (e.g. Aharonian et al., 2006a; H.E.S.S. Collaboration et al.,
2012). For PWNe, the emission is expected to be compact and close to the pulsar
position at high energies, however, for lower energies the emission is expected to be
more extended with an offset from the pulsar position.

HESS J1825−137 is a well-known example of a PWNe which shows a clear energy-
dependent γ-ray morphology (Aharonian et al., 2006a; H.E.S.S. Collaboration et al.,
2019; Principe et al., 2020). A compact nebula with an extended diffuse nebula was
discovered in X-rays towards PSR B1823−13 with asymmetric morphology (Finley
et al., 1996). Aharonian et al., 2005 discovered an extended very-high-energy γ-ray
nebula towards this region, designated HESS J1825−137. The size of the nebula is
seen to increase with decreasing energy (H.E.S.S. Collaboration et al., 2019), shown
by Figure 8.1. This behaviour is indicative of the population of electrons in the
nebula cooling as particles have travelled away from the pulsar position. At low
energies (< 32 TeV) the emission nebula is extended with its peak offset from the
position of PSR B1823−13. For higher energies (> 32 TeV), the emission is more
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compact and close to the pulsar position. This behaviour is indicative that the γ-ray
emission towards HESS J1825−137 originates from PSR B1823−13 as a PWNe.A&A proofs: manuscript no. HESSJ1825_final
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Fig. 3. Excess count maps of the HESS J1825–137 region in four different energy bands: E < 1 TeV, 1 TeV < E < 10 TeV, E > 10 TeV, and E
> 32 TeV. The size of the source is clearly much reduced at high energies. Other sources within the field of view include the binary LS 5039 and
the hard-spectrum source HESS J1826–130. The positions of the pulsars PSR B1823–13 associated with HESS J1825–137 and PSR J1826–1256
(which might be associated with HESS J1826–130) are also shown. Significance contours are shown at 5, 10, and 15 σ for maps with energies
below 10 TeV, and at 3, 5, and 10 σ for maps with energies above 10 TeV.

4.4. Nebula extent

The radial extent of the nebula was measured using the radial
profile of the emission in the southern half of the nebula (south
of the minor axis along 118◦ as defined in section 4.1), adopting
an approach similar to that used in Abdalla et al. (2018a). A
mask of 0.25◦ radius was applied over LS 5039 (HESS J1826–
148) to avoid contamination of the profile of the excess nebula
emission, and the radial profile was taken from the current pulsar
position. Rather than an immediate drop in emission away from
the pulsar, the peak emission is roughly flat out to ∼ 0.2◦ radial
distance, as shown in figure 6. The extent of the emission was
characterised by fitting a polynomial to the radial profile, in the
range 0.2◦ − 2.4◦, according to

y =

{
a(x − r0)n + c (x < r0)
c (x ≥ r0)

, (1)

such that with increasing r, the emission decreases out to a dis-
tance r0 at which it approaches a constant value, c. Whilst the
parameter a simply provides the overall normalisation, to avoid a
dependency on the order of the polynomial n, the radius at which
the fitted function dropped to a fixed fraction of the peak value
(1/e, referred to as r1/e) was used as a measure of the nebula ex-
tent and was found to be robust against the value of n, with n = 3
chosen arbitrarily. A moving-average approach along the excess
emission profile was used to find the radial offset and value of
the peak of the emission (as in figure 6), and the radial profile
fitted from the peak out to large radii (∼ 2.4◦). The peak of the
emission was found to vary with energy between 0◦−0.2◦ radius
from the pulsar, shifting towards the pulsar at higher energies.
The distance from the pulsar at which the fitted function evalu-
ated to 1/e of the peak value was found to be not strongly de-
pendent on the functional form used. Results obtained using an
exponential function to describe the radial profile of the emis-
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Figure 8.1: Excess counts maps of HESS J1825−137 in different energy bands.
The nebula size increases with decreasing energy indicating energy-dependent mor-
phology. This is indicated by the significance contours shown by the cyan curves
for 5σ, 10σ, and 15σ for maps with E < 10 TeV and 3σ, 5σ, and 10σ for maps
with E > 10 TeV. The binary LS 5039 is another separate source within the field
of view. Image taken from H.E.S.S. Collaboration et al., 2019.

Another example of a PWNe with energy-dependent morphology is HESS J1303−631
(H.E.S.S. Collaboration et al., 2012). The emission at high energies (> 10 TeV) is
compact and coincident with the position of PSR J1301−6305, however, at low en-
ergies (< 2 TeV) the emission is extended. This is the typical behaviour seen for
PWNe, in which the nebula size increases with decreasing energy (Aharonian et al.,
2006a; H.E.S.S. Collaboration et al., 2012).

SNRs are also known to accelerate particles to high energies. In general for the SNR
scenario, it is expected that higher energy particles have travelled further away from
the source than lower energy ones. If we have a uniform gas density it is expected
that the morphology at higher energies is away from the centre of the SNR. For
lower energies the morphology should be closer to the SNR position. Investigating
the possibility of energy-dependent morphology towards HESS J1804−216 is there-
fore an important step in helping determine whether a PWNe or SNR scenario is
plausible.
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It is also important to investigate the maximum energy that protons are accelerated
to. Galactic accelerators are believed to accelerate particles up to the CR knee at
energies of 1015 eV (PeV), as discussed in Section 2.2.1. These sources are called
PeVatrons which would produce γ-rays of ∼100 TeV (Eγ ∼ 0.17Ep, Kelner et al.,
2006). PeVatron candidates have a number of signatures (Celli et al., 2020; Cristo-
fari, 2021). The γ-ray energy distribution is expected to extend beyond 10 TeV
(Abdalla et al., 2021). These spectra are often relatively hard, characterised by a
power law of E−Γ ∼ E−2 (Abramowski et al., 2014; Kafexhiu et al., 2014). The
proton spectra are expected to extend into the PeV energy range (Cao et al., 2021).
SNRs are one of the current expected source populations to efficiently accelerate
particles up to PeV energies (Bell et al., 2013; A. M. W. Mitchell et al., 2021). In
this chapter, the spectrum of HESS J1804−216 using the most recent H.E.S.S. data
will also be investigated to search for any sign of the source being a PeVatron candi-
date. This is also an important factor as the upcoming Cherenkov Telescope Array
(CTA) has a Key Science Project dedicated to the search for CR PeVatrons (CTA
Consortium et al., 2018).

8.1 Gamma-Ray Data Analysis Theory

For γ-ray telescopes, the initial data processing is referred to as low-level reconstruc-
tion. The raw data containing the signal is taken from the γ-ray telescopes and is
calibrated to obtain the light intensity. This calibrated data contains the image of
the Cherenkov light from the air shower and night sky background (NSB). Image
cleaning is then performed, to remove pixels that do not contain Cherenkov light and
exclude pixels containing (only or mostly preferably) NSB fluctuations (Aharonian
et al., 2006b). The pixels that survive the image cleaning process also include NSB.
The final step in low-level reconstruction is image parameterisation which describes
the shower image. Typically the cleaned shower images are parametrised using the
so-called Hillas parameters (see Section 3.1.3). Next, the high-level reconstruction is
implemented which includes direction and energy reconstruction and the separation
of gamma-like and hadron-like events. So-called event lists are obtains which are
gathered to only include gamma-like events. As a user of H.E.S.S. or CTA these are
the output files received. The next step of processing involves statistical analysis of
the gamma-like events to obtain so-called science products.

The typical workflow for the data taken from γ-ray telescopes, in particular H.E.S.S.,
begins with event lists and IRFs (Instrument Response Functions). The Gamma As-
tro Data Format (GADF6) is the established format for the files which are obtained
at this level. The Header Data Unit (HDU) index file contains information stored
in binary tables and points to where each HDU is stored.

The HDU classes include:

• EVENTS - a binary FITS table containing the events list, which includes the
event ID, reconstructed energy, arrival time, arrival direction and more.

6https://gamma-astro-data-formats.readthedocs.io/en/latest/index.html

https://gamma-astro-data-formats.readthedocs.io/en/latest/index.html
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• GTI - Good Time Interval indicating the validity of the data, including a start
and stop time, to account for the instrument not being on or non-detection of
photons.

The IRF components include:

• PSF - the radially symmetric Point Spread Function representing the response
for a point source. In this case, it gives the probability distribution of recon-
structed event positions.

• AEFF - the Effective Area, i.e. the collection area over the field of view (FoV)
as a function of energy and offset angle.

• EDISP - the Energy Dispersion described by a probability density function
(PDF) of energy migration Ereco/Etrue as a function of Etrue and FoV posi-
tion.

• BKG - the differential background flux brightness as a function of recon-
structed energy and FoV coordinates.

The data obtained from the H.E.S.S. collaboration is in the form of FITS files which
contain event lists, effective area, energy dispersion, the point spread function and
background. The latest FITS file data produced by the ‘HESS FITS data - Task
group’ is called ‘Prod05’ (H.E.S.S. Collaboration, 2021a). These were initially re-
leased to the collaboration in 2019, but have since been updated (in November
2020). This dataset was produced using the ‘Heidelberg calibration’ (H.E.S.S. Col-
laboration, 2021b; Bolz, 2004), a method used in H.E.S.S. to produce the high-level
data. Further information on these methods are found in Aharonian et al., 2004
and Aharonian et al., 2006b. The Prod05 FITS files include data from 2004 to 2020
with various cuts on the data. Table D.1 describes this dataset.

8.1.1 Signal Evaluation and Significance Computation

A number of methods are used in γ-ray astronomy for determining the background
(from gamma-like events) for a γ-ray source region. Berge et al., 2007 provides an
overview of various methods to determine the background. The ones of interest
here are the ring background and reflected region background methods, in which
the number of counts from the ‘off’ region are compared to the number of counts in
the ‘on’ region. The ‘off’ region is defined where there is expected to be no emission
from any γ-ray sources. An estimate of the γ-ray excess in the region of interest
involves determining the background in that region, as shown by Equation 8.1.

Nexc = Non − αNoff , (8.1)

where Non is the number of counts in the ‘on’ region and Noff is the number of
counts in the ‘off’ region. The normalisation factor is α, taken as the ratio of the
‘on’ source time (ton) to the ‘off’ source time (toff) given by α = ton/toff .
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The statistical significance, S (σ), is calculated through (T. P. Li and Ma, 1983):

S =
√
−2 lnλ

=
√

2
{
Non ln

[1 + α

α

(
Non

Non +Noff

)]
+Noff ln

[
(1 + α)

(
Noff

Non +Noff

)]}1/2
,

(8.2)

where ln is the natural logarithm, λ is the maximum likelihood ratio and
Non, Noff and α are defined previously. Equation 8.2 is formulated through the
likelihood ratio method. Using statistical hypothesis testing, the null hypothe-
sis is H0: all observed photons originated in the background and the alternative
hypothesis is Ha: all observed photons originated from a new source. The
likelihoods are calculated for the null hypothesis, L0, and alternative hypothe-
sis, La. Taking the ratio of these (L0/La) gives the maximum likelihood, from
which the statistical significance in Equation 8.2 is determined. Further information
on the statistics and methods to obtain Equations 8.1 and 8.2 are outlined in T. P.
Li and Ma, 1983.

The background estimations described in the following must exclude any regions of
sky in which significant γ-ray emission is present. These regions are called ‘exclusion’
regions and are masked out for analysis (see Section 8.2.2).

8.1.2 Reflected Region Background Method

For the reflected region background the ‘off’ region is defined as a number of regions
which have the same size and shape as the ‘on’ region, and an equal offset from the
pointing position (Berge et al., 2007). This method gets its name as the ‘on’ region is
‘reflected’ with respect to the pointing position, to obtain each ‘off’ region. For this
background technique the ring of regions are centred around the pointing position,
however for the ring background method the ring is centred on the source region.
As the offset is equal for the ‘on’ and ‘off’ regions, the radial acceptance correction
is not required, unlike the ring background method. Therefore, this method is com-
monly used for spectral analysis. Figure 8.2 shows a schematic of this background
technique.



8 HESS J1804−216: SPECTRAL AND SPATIAL MORPHOLOGY 145

‘On’ region

‘Off ’ 

regions

+
Pointing 

position

Galactic Longitude

G
a
la

c
ti

c
 L

a
ti

tu
d

e

Exclusion 

regions

H.E.S.S. FoV

Figure 8.2: Schematic of the reflected regions background method. The black
circle shows the H.E.S.S. FoV, the observation pointing position is shown by the
black plus sign and the exclusion regions are shown by the orange circles. The
green unfilled circle shows the ‘on’ region, the filled blue circles show the reflected
‘off’ regions and the dashed circles show the excluded reflected regions. Image
adapted from H.E.S.S. Collaboration et al., 2018.

8.1.3 Ring Background Method

The ring background method involves taking a ring region for each pixel in the FoV
where the counts inside each ring estimate the background. This is used to provide
an estimate of the background for any point within the FoV, hence creating a map.
As the ring covers areas which have a different offset from the pointing position,
the acceptance inside the ring cannot be assumed to be constant. Therefore, for
the determination of the normalisation factor, α, for each position on the ring re-
quires an acceptance correction to take into account the difference in acceptance
between these two regions. This method is insensitive to large-scale deviations be-
tween the acceptance profile from the actual dataset and the model, due to the
method utilising the relative normalisation in a small ring extension compared to
the entire FoV (Berge et al., 2007). Linear gradients in the system acceptance are
also averaged out over the ring. Due to this, the ring background method is best
suited to generating sky maps which show the entire FoV from the dataset. This
method is disfavoured in determining energy spectra, due to the acceptance correc-
tion which is applied and the increase in the systematic error of flux calculations
(Aharonian et al., 2006b; Berge et al., 2007), so a different method must be utilised
(see Section 8.1.2). Figure 8.3 shows a schematic of this method.
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Figure 8.3: Schematic of the ring background method. The black circle shows
the H.E.S.S. FoV, the observation pointing position is shown by the black plus
sign and the exclusion regions are shown by the orange circles. The green square
indicates the pixel of interest and the filled blue ring indicates the region which
the ‘off’ counts are estimated from for this pixel. Image adapted from Berge et al.,
2007.

8.1.4 Software - gammapy Package

gammapy7 (Donath et al., 2015; Deil et al., 2017b) is an open-source software devel-
oped for the science analysis of γ-ray data from various γ-ray observatories. It con-
sists of a number of existing scientific Python packages such as numpy, matplotlib,
scipy and astropy. gammapy can be used to analyse data from existing γ-ray tele-
scopes, including H.E.S.S., MAGIC and Fermi-LAT provided the data is in the
FITS format. It has become the official software analysis tool of many observatories
including the upcoming CTA (Deil et al., 2017a). This data is typically in the form
of event lists and IRFs which are used to create a number of science products. The
science products available include, but are not limited to, flux, significance and ex-
cess counts maps, spectral plots and light curves. The analysis of the H.E.S.S. data
performed in this thesis will follow the workflow in Figure 8.4.

7Available at https://github.com/gammapy/gammapy

https://github.com/gammapy/gammapy
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Figure 8.4: Analysis workflow and package structure for gammapy. The analysis
performed in this thesis will follow this workflow. Image from The Gammapy
developers, 2021.

8.2 H.E.S.S. Data Analysis

This section outlines the data analysis performed in this thesis, including how the
data was selected. The results for both the spectral and spatial γ-ray distributions
are presented here.

8.2.1 Data Selection

The H.E.S.S. data for the gammapy analysis consists of ‘runs’, which are observa-
tions typically with a duration of 28 minutes for a fixed position in the sky. These
are identified using a unique observation number, called an ‘OBS ID’, which has a
specific date and time from when the observation was performed. The data used
in this analysis is taken within a 2◦ region of HESS J1804−216 with a total of 195
observation runs and an observation time of 88 hours (outlined in Table 8.1). Com-
paring this to the data from H.E.S.S. Collaboration et al., 2018, which consists of a
livetime of ∼44 hours, there is now double the amount of available data. The total
observation lists for H.E.S.S. phase I, II and IU are shown in Tables D.4 to D.6.
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Table 8.1: Observations towards HESS J1804−216 for the
std ImPACT fullEnclosure configuration.

Phase Number of Observation Telescopes Observation Time
runs Period (hours)

H.E.S.S. 1 141 2004-2010 CT1-4 64.6
H.E.S.S. 2 42 2013-2014 CT1-4 17.9

H.E.S.S. 1u 12 2017-2019 CT1-4 5.6

Total 195 2004-2019 CT1-4 88.1

8.2.2 Exclusion Regions

The analysis region is defined by a square geometry centred on the γ-ray source,
HESS J1804−216 (l = 8.37◦, b = −0.03◦). A grid size of 0.02◦ (consistent with
H.E.S.S. Collaboration et al., 2018 and a common analysis setting in H.E.S.S.) and
a width of 3.2◦ to cover the source region is used. For the purpose of this analysis, the
exclusion regions are defined by searching for any H.E.S.S. source within a 4◦ radius
of the HESS J1804−216 centroid and excluding it by taking a circular region of radius
1.5Rs, where Rs is the radius of the source. Applying an extra 1.5 factor to the radius
is a conservative method, however it covers any significant γ-ray emission that could
contaminate our background estimation. For HESS J1804−216 the regions outlined
in Table 8.2 are excluded for the determination of the background. Figure 8.5 shows
the exclusions regions from Table 8.2 towards HESS J1804−216 for this analysis.

Table 8.2: Regions excluded from the gammapy analysis within a 4◦ radius of
HESS J1804−216.

Source name Galactic Galactic Radius×1.5 (◦)
Longitude (◦) Latitude (◦)

HESS J1800−240 5.96 −0.42 0.75
HESS J1801−233 6.66 −0.27 0.3
HESS J1804−216* 8.38 −0.09 0.57
HESS J1808−204 10.01 −0.24 0.23
HESS J1809−193 11.11 −0.02 0.75

* Source of interest.
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Figure 8.5: Exclusion regions within a 4◦ radius of HESS J1804−216, as described
in Table 8.2. The blue cross indicates the position of the source of interest in this
thesis, HESS J1804−216.

8.2.3 Results for the Spatial Morphology

This section outlines the methods used for obtaining the spatial plots for our anal-
ysis. The gammapy and analysis settings used for the spatial analysis are sum-
marised in Table D.2 and described here. The ring background method described
in Section 8.1.3 is used for analysing the spatial morphology of γ-rays towards
HESS J1804−216. We define an annulus with an inner ring radius of rinner = 0.7◦
and ring width of 0.44◦, leading to an outer ring radius of router = 1.14◦, following
the method as described in H.E.S.S. Collaboration et al., 2018.

For analysing how the γ-ray morphology of HESS J1804−216 changes with energy,
we want to look at different energy bands. To utilise the ring background method
both the reconstructed energy and true energy must be defined. The true energy
band spans a wide range of energies from 0.05 TeV to 20 TeV. The reconstructed en-
ergies for the gammapy analysis are defined by energy bands such that the uncertainty
is equal in each band. The energy bands for the spatial analysis are: 0.2-0.32 TeV,
0.32-0.43 TeV, 0.42-0.56 TeV, 0.56-0.67 TeV, 0.67-0.95 TeV, 0.95-1.45 TeV and 1.45-
12 TeV.
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Firstly, a so-called map dataset is created using the geometry defined previously
(see Table D.2). A ‘safe’ range is set for this dataset to exclude parts of data with
high systematics of the IRF. To achieve this, the maximum offset value between
the centre of observations and the data is set to 2◦ (Mohrmann et al., 2019), where
data outside of this radius is excluded. A safe effective area of 10% of the maximum
effective area is used (c.f. Mohrmann et al., 2019). A so-called observation dataset
is defined for each run number in the list (see OBS ID in Tables D.4 to D.6) which
includes various information including effective area, energy dispersion, livetime,
among others. Each observation file is combined to create a stacked dataset which
contains the total counts, background counts and excess counts for the map region.
Maps of Noff , Non and α are also available.

We utilise the ExcessMapEstimator class which calculates the correlated flux and
significance (σ) maps for a given map dataset. These maps are calculated using the
number of ‘on’ and ‘off’ events along with methods outlined in T. P. Li and Ma, 1983.
We use a correlation radius of 0.1◦, standard for H.E.S.S (H.E.S.S. Collaboration et
al., 2018), for the significance maps. The calculation of the γ-ray flux maps required
an exposure map to be present in the dataset. The spatial results for the previously
defined energy bands are shown in Figure 8.6 using the ring background technique
(see Section 8.1.3).

Figure 8.6 shows the γ-ray significance (σ) maps for this analysis, where the black,
grey and white contours indicates levels of significance at 8σ, 6σ and 4σ. This
figure shows at a first look that the morphology of the γ-ray emission is similar over
different energy bands. The flux maps for this analysis are shown in Figure D.3 for
completeness.
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Figure 8.6: Gamma-ray significance maps towards HESS J1804−216. The con-
tours indicate different levels of significance, where black is 8σ, grey is 6σ and
white is 4σ. The cyan dashed circle indicates SNR G8.7−0.1 and the cyan dot
indicates the position of the progenitor SNR of PSR J1803−2137.
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8.2.4 Results for the Gamma-Ray Spectrum

This section explains the method for obtaining the spatial plots for our analysis.
The gammapy and analysis settings used for this are summarised in Table D.3 and
discussed here. For the spectral analysis the reflected regions background tech-
nique as described in Section 8.1.2 is used. To analyse the spectrum towards
HESS J1804−216 the reflected regions background is utilised, similarly to the ring
background method both the reconstructed energy and true energy must be defined.
The reconstructed energy is defined for the energies of interest, in this case from
0.2 TeV to 100 TeV. The true energy band spans a wider range of energies than the
reconstructed energy, from 0.05 TeV to 120 TeV, to allow for migration of events.
An observation dataset is created using these energies which contain the counts,
exposure and energy dispersion of the observations. Each observation is combined,
using the previously defined ‘safe’ mask, to create a stacked dataset of ‘on’ and ‘off’
counts. As the name suggests this contains the ‘on’ and ‘off’ counts along with the
background and excess counts.

We require each energy bin in the spectrum to have significance greater than 2σ,
otherwise it is included as an upper limit. To ensure this, the last 4 energy bins
were combined into one larger energy bin. Next, using the method described in
Section 8.1.2, the energy spectrum is plotted for these energy bins. For a comparison
to the observations from Aharonian et al., 2005 see Figure D.2.

For this thesis, two models (power law and exponential cutoff power law) are fit to
the data to investigate the shape of the γ-ray spectrum. The power law has the
form:

φPL(E) = φ0

(
E

E0

)−Γ
, (8.3)

where φ0 is the amplitude, Γ is the index of the power law fit and E0 is a normali-
sation energy taken here to be 1 TeV. The exponential cutoff power law is described
by:

φECO(E) = φ0

(
E

E0

)−Γ
exp (−Eλ) , (8.4)

where φ0 is the amplitude, Γ is the spectral index and λ=1/Ecutoff where Ecutoff is
the ‘cutoff’ energy. The ‘goodness-of-fit’ measure used here for the spectral analysis
is the reduced chi-square statistic which quantifies which model fits best to the
observational data using the following criterion:

χ2

ndf =
(∑

i

(Oi − Fi)2

G2
i

)
1

ndf , (8.5)

where Oi is the observational flux, Fi is the model flux, Gi is the uncertainty in
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the flux observations, i denotes each data point and ndf is the number degrees of
freedom taken here as the number of data points minus the number of fit parameters.
Table 8.3 shows the parameter values from each model fit along with the χ2/ndf
value. Figure 8.7 shows a comparison between the two different fits.

Table 8.3: Fit parameters for the power law (PL, Equation 8.3) spectral model
and the exponential cutoff power law (ECPL, Equation 8.4) spectral model.

Spectral φ Γ λ E0 χ2/ndf
Model (10−12 cm−2 s−1 TeV−1) (TeV−1) (TeV)

Value Error Value Error Value Error

PL 5.9 0.15 2.69 0.03 - - 1 (fixed) 0.74
ECPL 6.4 0.33 2.63 0.05 0.04a 0.03a 1 (fixed) 0.68

a From error propagation, these values relate to Ecutoff = 24.7± 18.4 TeV.
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Figure 8.7: Spectral plot with a power law (PL) fit shown in black and the
exponential cutoff power law (ECPL) fit shown in grey. The blue data points
show the γ-ray spectrum for HESS J1804−216 from this analysis.
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8.3 Discussion

The results presented in the previous section are considered here to discuss the pos-
sible mechanisms of CR acceleration and explanation for the observed TeV emission
from HESS J1804−216. Using the new results from this analysis, the spectrum will
be discussed in further detail here, including any evidence for acceleration of parti-
cles to PeV energies. The spatial analysis of HESS J1804−216 involves searching for
any evidence of energy-dependent morphology. Both the PWNe and SNR scenario
are investigated for any energy-dependent morphology. The observations for this
analysis are compared with the SNR model defined in Chapter 6.

8.3.1 PeVatron Candidate

There are a number of potential candidates for accelerating CRs up to the highest
energies, 1015 eV and above, including SNRs, PWNe and stellar clusters (Bell et al.,
2013; Lemoine-Goumard, 2014; Aharonian et al., 2019; LHAASO Collaboration et
al., 2021). Recent observations show the extension of γ-ray spectra to energies up
to and above 100 TeV (HAWC Collaboration et al., 2020; Tibet ASγ Collaboration
et al., 2021; Abdalla et al., 2021; Cao et al., 2021). The extension of the γ-ray
spectrum above 100 TeV is considered observational indication of a PeVatron source
due to Eγ ∼ 0.17Ep (Kelner et al., 2006). HESS J1804−216 currently has a γ-ray
spectrum which extends to energies of tens of TeV with no sign of a cutoff. It is
important to investigate the spectrum of HESS J1804−216 further with the data
presented in this thesis to see if it is a plausible PeVatron candidate.

The γ-ray spectrum for HESS J1804−216 for this analysis is shown in Figure 8.7.
The spectrum was fit with both a power law and exponential cutoff power law, with
results shown in Table 8.3. To quantify which spectral function fits the data best
we used a reduced chi-square measure, Equation 8.5. The best fit model for the
γ-ray spectrum from HESS J1804−216 is the exponential cutoff power law as it has
a lower χ2/ndf value than that for the power law. For this model, the cutoff energy
is Ecutoff = 24.7 ± 18.4 TeV with a spectral index of Γ = 2.63. The cutoff energy
here gives an indication of the maximum γ-ray energy that is reached.

As discussed previously, for a source to be classified as a PeVatron candidate its
spectrum must display a high energy cutoff, Ecutoff > 10 TeV. Given the energy
cutoff for this analysis on HESS J1804−216 is Ecutoff > 7 TeV, it cannot be ruled out
as being able to accelerate particles to PeV energies. HESS J1804−216 is therefore
a PeVatron candidate. Further observations, for example with the next-generation
Imaging Atmospheric Cherenkov Telescope (IACT) CTA which will have a better
sensitivity to high-energy γ-rays (few arcmin at ∼100 TeV, see Section 3.1.6), would
help to better understand the spectrum of HESS J1804−216 at high energies. CTA
is expected to cover γ-ray energies up to 300 TeV, therefore leading to important
understanding of PeVatrons. One of the Key Science Projects (KSPs) within CTA
is Cosmic Ray PeVatrons (CTA Consortium et al., 2018). One of the goals of this
KSP is to search for these Galactic PeVatrons and reveal their accelerator, to help
solve the mystery of the origin of the highest energy Galactic CRs.
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8.3.2 PWNe scenario: Energy-dependent Morphology Interpretation

The PWNe scenario is thought to have energy-dependent morphology in γ-rays, as
discussed previously in the introduction of this chapter (Chapter 8). At high energies
the emission is expected to be compact and close to the pulsars current position.
At lower energies, however, the emission starts to become more extended and offset
from the pulsar position. It is therefore important to look for any evidence of this
energy dependence, to show any indication of a PWNe scenario. To investigate the
possibility of energy-dependent γ-ray morphology radial excess profiles are produced
for different energy bands. This is one method to visualise and quantify any features
in the different energy bands. Firstly, the energy bands are defined so that we
have sufficient statistics in each energy band for the radial profile. Requiring the
significance to be roughly the same in each energy band we have chosen three γ-ray
energy bands: E1=0.2−0.56 TeV, E2=0.56−0.97 TeV and E3=0.97−12 TeV.

The emission around the current position of PSR J1803−2137 is of interest to us.
The observed γ-ray emission is strongest towards the South-West of this position
(see Figure 8.6), therefore instead of taking concentric rings from this position, a
circular wedge geometry is utilised. The radial profile is obtained by summing the
excess counts in each wedge annulus with a width of 0.08◦ out to a radius of 0.64◦,
with location of PSR J1803−2137 at the apex of the wedge (as shown by Figure 8.8).
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Figure 8.8: The observational excess counts map over the entire energy range.
The circular wedge geometry with PSR J1803−2137 at the apex of the wedge
(indicated by the cyan dot) is shown in white. The radial profiles are extracted
from each wedge annulus which have a width of 0.08◦.

The excess counts values in each wedge are calculated through:

Nexc =
∑

Non,i −
∑

(αiNoff,i) , (8.6)

where Non,i, Noff,i and αi (as defined in Equation 8.1) are the values in each wedge
as taken from the uncorrelated maps from the ring background method in gammapy.
The uncertainty for the excess counts measurements in each wedge annulus is given
by:
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σ(Nexc) =
√∑

Non,i +
∑

(α2
iNoff,i) . (8.7)

The excess counts are normalised by dividing by the sum of the excess counts, Nexc
from Equation 8.6, in each radial wedge bin for each energy band. These normalised
radial wedge excess profiles are shown in Figure 8.9 for each energy band as defined
in this section.
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Figure 8.9: The radial wedge profile for each annulus (as defined in Figure 8.8)
and energy band for the H.E.S.S. observations. This radial profile for each energy
band is shown to increase out to a specific radius (∼ 0.32◦) and then begins to
decrease.

Figure 8.9 shows that the radial profile for each energy band increases out to a
radius of ∼ 0.32◦ and then begins to decrease. This increase in normalised excess
counts out to ∼ 0.32◦ is due to the area of each annulus increasing with radius. As
the strongest emission is contained within this region, once the radial distance is
greater than 0.32◦ the normalised excess counts begin to decrease. To investigate
the possibility of energy-dependent morphology between the energy bands, we can
look at the deviation plots between each of the energy bands. Using the definition of
E1, E2 and E3 in Figure 8.9, we take deviation profiles of E1-E2, E2-E3 and E1-E3,
as shown in Figure 8.10.

Figure 8.10 shows no indication of an energy-dependent morphology, as each devia-
tion plot is consistent with the blue zero line. For energy dependency in the PWNe
scenario we would expect the deviations to be offset from zero, where the first few
data points being negative and the next few positive. This behaviour is shown in the
example of the PWNe scenario in Figure D.6. The features in Figure 8.10 indicate
that a PWNe scenario is unlikely, as the emission is expected to be compact and
close to the pulsar position at higher energies. For lower energies we would expect
extended emission with the centroid offset from the pulsar position. If this were
the case, we would expect a clear difference between each of the energy bands (as
shown by deviation from the blue zero line in Figure 8.10), which is not seen. To
quantify the level of difference, statistical tests can be applied. We will conduct the
following tests at a 3σ level of significance, i.e., reject the null hypothesis when its
p-value≤ 0.003.
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Figure 8.10: Deviation plots between the different energy bands indicated in
Figure 8.9. The blue dashed line shows the expected zero value line to indicate
no energy-dependent morphology.

The first test is the chi-square goodness of fit test (see Equation 8.8, Barlow, 1989;
Bevington and Robinson, 1969) to evaluate how well the observations deviate from
the expected value. The null hypothesis, H0, assumes there is no significant de-
viation between the observed and expected values i.e., the morphology is energy-
independent. The alternative hypothesis, Ha, proposes that there is deviation be-
tween these, i.e., the morphology is energy-dependent.

χ2 =
∑
i

(Di −Gi)2

σ2
i

, (8.8)

where Di are the deviation values (E1-E2 or E2-E3 or E1-E3) with uncertainty values
σi, Gi are the expected values and i denotes each radial bin. As we are testing for
energy independence, the expected values, Gi, are all zero, as indicated by the blue
lines in Figure 8.10. To calculate the p-value for this distribution we also need to
know the number of degrees of freedom. This is calculated through ν = n−1, where
n is the number of data points. The p-value for the chi-square distribution can be
found in a look-up table, for example from Barlow, 1989.

Another common test is the Wald-Wolfowitz Test (Barlow, 1989), also known as a
run-test, which examines the randomness of a sequence of values. The chi-square
test described above takes into account the deviation but not the signs, whilst the
run-test takes into account the signs of the data points but not deviations from
the reference value. Therefore the two statistical tests are quite complementary.
The run-test takes the given dataset and marks the data with a ‘+’ if the data is
greater than the reference value or ‘−’ if the data is less than. The reference value
used here is zero, as this would indicate energy independence. The null hypothesis,
H0, for the run-test is that the data points are independent (with no preference for
either ’+’ or ’-’) and similar to the reference value, i.e., energy-independence. The
alternative hypothesis, Ha, is that the values do not follow the reference value, i.e.,
energy-dependence. The test-statistic for the run-test is given by the Z-score:

Z = |R− µR|
σ

, (8.9)
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where the mean (i.e., the expected number of runs) is given by:

µR = 2N+N−
N

+ 1 . (8.10)

Here, N+ is the number of values above the line (in Figure 8.10), N− is the number
of values below the line and the total number of values is N = N+ + N−. The
variance is:

σ2 = 2N+N−(2N+N1 −N)
N2(N − 1) = (µ− 1)(µ− 2)

N − 1 . (8.11)

A run is defined as a series of increasing or decreasing values. The total number of
runs, R, is given by the number of increasing or decreasing values. For example,
‘−+ +−−−+ +−+−−’ consists of seven runs, three consisting of +’s and four
consisting of −’s. The p-value here is taken from Python’s scipy package which
utilises NIST, 2013.

Table 8.4 shows the results for both the chi-square and run-tests. The results for each
energy band deviation for the chi-square test fail to reject the null hypothesis at the
3σ significance level, so we have no compelling evidence that energy-dependent mor-
phology is present. From the run-test results in Table 8.4, the p-value indicates that
we also do not achieve a statistically significant result (p-value> 0.003), therefore
we fail to reject the null hypothesis that there is energy-independence. Therefore,
the alternative hypothesis (for energy-dependent morphology) is not supported.

Table 8.4: Test results for the PWNe scenario with PSR J1803−2137 as the
accelerator to quantify if any energy-dependent morphology is seen in the H.E.S.S.
observations. The energy bands are E1=0.2−0.56 TeV, E2=0.56−0.97 TeV and
E3=0.97−12 TeV. The results here show that we fail to reject the null hypothesis
(of energy-independence) as the p-value is always > 0.003.

Energy band Chi-square Run test

χ2 p-value Z-score p-value

E1−E2 7.3 0.40 0.76 0.22
E2−E3 17.4 0.02 0.00 0.50
E1−E3 7.3 0.40 0.62 0.27

In conclusion, this analysis has found that the morphology of HESS J1804−216
is not consistent with that expected of a mature PWNe with the current data.
Further data with smaller uncertainties would help to confirm any energy-dependent
or independent morphology. The emission at the highest energies (> 12 TeV) has
very low significance (< 2σ), therefore CTA could be used to further probe the
higher energies. The small-sized telescopes for CTA are expected to detect γ-rays of
a few TeV up to 300 TeV with better sensitivity and angular resolution than current
IACTs (CTA Consortium et al., 2018).
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8.3.3 SNR Scenario: Energy-dependent Morphology Interpretation

In Chapter 6, a model was introduced for γ-rays created in the hadronic scenario
from two different SNRs, SNR G8.7−0.1 and the progenitor SNR of PSR J1803−2137.
The spatial morphology of the best matching models was presented in different en-
ergy bands, which can now be adjusted to compare with the analysis of the H.E.S.S.
data towards HESS J1804−216 in this chapter. The energy bands are defined the
same way as the PWNe investigation: E1=0.2−0.56 TeV, E2=0.56−0.97 TeV and
E3=0.97−12 TeV. The integrated γ-ray flux morphology maps of the best matching
models for both SNR G8.7−0.1 and the progenitor SNR of PSR J1803−2137 are
shown in the appendix for these energy bands (shown by Figure D.7).

The radial profile is taken in a wedge which comprises the stronger γ-ray emis-
sion from HESS J1804−216. This is different for each SNR, as outlined below. To
determine the radial bands, it is important to consider the size of the SNR bubble
for each SNR, to ensure we include radial bins both inside and outside the bubble
radius. The radii for each SNR are chosen such that one radial ring lines up with the
edge of the SNR bubble. For the progenitor SNR, the bubble radius is Resc ∼ 0.195◦,
so we take wedge annuli with a width of ∼ 0.098◦. For SNR G8.7−0.1, the bubble
radius is equal to the SNR radius of Resc = 0.375◦, where the wedge annuli have a
width of ∼ 0.094◦. The wedge annuli for each SNR, shown in Figure 8.11, has the
birth position of each SNR at the apex of the wedge.
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Figure 8.11: The observational excess counts map over the entire energy range.
Left: The circular wedge geometry with the birth position of PSR J1803−2137 at
the apex of the wedge (indicated by the cyan dot). Right: The circular wedge
geometry with the position of SNR G8.7−0.1 at the apex of the wedge (indicated
by the cyan dot). The radial profiles are extracted from each wedge annulus.

The integrated flux maps from the model, Fmodel,i, can be converted to counts maps
through:

Nexc,model,i = Fmodel,iAeff tlive , (8.12)

where i indicates each pixel in the map, Aeff is the average effective area for the
given energy band from all observation runs and tlive is the total livetime from all
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observation runs. The excess counts for the model is obtained for each wedge annulus
through:

Nexc,model =
∑

Nexc,model,i . (8.13)

Progenitor SNR of PSR J1803−2137
Figure 8.15 shows the wedge radial profile for the modelled progenitor SNR of
PSR J1803−2137. For the best matching model for the progenitor SNR of
PSR J1803−2137 the escape energy is 3.8 TeV for CR protons, therefore we ex-
pect energies less than this to be trapped inside the bubble and above this to have
escaped. The escape radius is Resc ∼ 0.195◦, therefore the first two radial bins
in Figure 8.15 are from emission inside the bubble. The normalised excess counts
for the first two radial bins increases, due to the emission inside the bubble being
uniformly distributed and the increasing area of the radial bins as the wedge ra-
dial distance increases. For a first look, the modelled emission appears to exhibit
some energy-dependent morphology, as the radial profiles in the energy bands are
different.
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Figure 8.12: The radial wedge profile for each annulus for the modelled progen-
itor (PJ) SNR of PSR J1803−2137 (as defined in the left panel of Figure 8.11)
and energy band. The normalised excess counts increase until the bubble radius
is reached (∼0.195◦), then begin to decrease.

In a similar method outlined in Section 8.3.2, the observed γ-ray emission in each
energy band is investigated using the same radial bins as defined above. Figure 8.13
shows the radial profile of the H.E.S.S. observations using the wedges defined in
the left panel of Figure 8.11. There is no clear indication of any energy-dependent
morphology seen in this figure. To quantitatively investigate this further, we look
at the deviation profiles as shown in Figure 8.14.

Figure 8.14 shows there is little difference between each of the energy bands for
the observations. To quantify this, both the chi-square goodness of fit test (see
Equation 8.8) and the run-test (see Equation 8.9) are utilised. The results for both
of these tests using the wedge radial annuli defined in the left panel of Figure 8.11
is given in Table 8.5.
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Figure 8.13: The radial wedge profile for each annulus and energy band for the
observations as defined in the left panel of Figure 8.11. The deviation between
each of the energy bands appears to be small.
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Figure 8.14: Deviation plots between the different energy bands indicated in
Figure 8.13 for the observations centred on the birth position of the progenitor
SNR of PSR J1803−2137. The blue dashed line shows the expected zero value line
to indicate no energy-dependent morphology.

Table 8.5: Test results for the observations assuming the wedge annuli profile
as defined in the left panel of Figure 8.11. This shows that the null hypothesis
cannot be rejected at the 3σ significance level (i.e. p-value> 0.003).

Energy band Chi-square Run test

χ2 p-value Z-score p-value

E1−E2 12.1 0.03 1.41 0.08
E2−E3 8.3 0.14 1.77 0.04
E1−E3 12.3 0.03 1.83 0.03

The results for both the chi-square and run-test in Table 8.5 indicate that we fail
to reject the null hypothesis (p-value>0.003). Therefore, there is no compelling
evidence that energy-dependent morphology is present in the observations.
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It is also important to consider how the observations compare to the model. To
do so, we take the radial wedge profiles for each energy band and compare the
observations with the model. This is shown in Figure 8.15 for the progenitor SNR
of PSR J1803−2137.
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Figure 8.15: The radial wedge profile for each annulus and energy band for the
observations and model for the progenitor SNR as defined in the left panel of
Figure 8.11.

To quantify how well the observations and model match we used a reduced chi-square
test:

χ2 =
(∑

i

(Oi −Mi)2

σ2
i

)
, (8.14)

where Oi indicates the observation for each deviation profile with uncertainty σi
and Mi is the model deviation profile values. The null hypothesis, H0, is that the
observations and model show no significant difference. The alternative hypothesis,
Ha, is that the observations and model are significantly different. The results for
this test with the progenitor SNR wedge annuli definition (left panel of Figure 8.11)
are shown in Table 8.6.

Table 8.6: Chi-square goodness of fit results for the SNR scenario with progen-
itor SNR of PSR J1803−2137 as the accelerator. The null hypothesis is rejected
for all energy bands as p-value<0.003, therefore the model and observations are
significantly different.

Energy band χ2 ndf p-value

E1 890 6 10−189

E2 125 6 10−24

E3 63 6 10−11
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Table 8.6 shows for all deviation combinations the p-value is < 0.003, so the null
hypothesis is rejected, meaning the model and observations are significantly differ-
ent. Therefore, the observations struggle to match the expected γ-ray morphology
from the model with the progenitor SNR of PSR J1803−2137 as the accelerator of
CR protons.

SNR G8.7−0.1
Figure 8.16 shows the wedge radial profile for both ages of SNR G8.7−0.1. For
these models the SNR bubble radius is Resc = 0.375◦, which means the first four
radial bins are contained within the bubble. The normalised excess counts for both
panels of Figure 8.16 increases until the bubble radius is reached, then it begins to
decrease. This is typical behaviour as the area of the wedge annuli is increasing as
the radius increases. Both ages of SNR G8.7−0.1 for the model data in Figure 8.16
show an interesting morphology, in which there appears to be a difference between
the different energy bands.
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Figure 8.16: Left: The radial wedge profile for each annulus for SNR G8.7−0.1
with an age of 15 kyr (as defined in the right panel of Figure 8.11) for each energy
band. Right: The radial wedge profile for each annulus for SNR G8.7−0.1 with an
age of 28 kyr (as defined in the right panel of Figure 8.11) for each energy band.

The radial profiles for observations from the wedge annuli defined in the right panel
of Figure 8.11 are presented in Figure 8.17. The observed emission here is the same
when considering either age of SNR G8.7−0.1 as the radius is assumed to be the
same.

The radial profiles in Figure 8.17 are shown to increase out to a radius of ∼0.47◦,
then it begins to decrease. Again, this behaviour is typical as the area of the wedge
annuli increase with increasing radius. It is not clear from this figure alone if energy-
dependent morphology is seen, therefore we again look at the deviation profiles as
shown in Figure 8.18.
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Figure 8.17: The radial wedge profile for each annulus and energy band for the
observations as defined in the right panel of Figure 8.11. The energy bands tend
to show smaller deviations from one another.
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Figure 8.18: Deviation plots between the different energy bands indicated in
Figure 8.17 for the observations centred on SNR G8.7−0.1. The blue dashed line
shows the expected zero value line to indicate no energy-dependent morphology.

The deviation profiles in Figure 8.18 typically appear to follow the blue reference
zero line well. To quantify this, the chi-square and run-tests are presented in Ta-
ble 8.7. These results show that at a significance of 3σ we cannot reject the null
hypothesis, therefore there is no compelling evidence, again, that the observations
exhibit energy-dependent morphology. This is consistent with the other radial pro-
files obtained for the H.E.S.S. observations in this analysis.

A comparison between the observations and model is made using the radial profiles
in the right panel of Figure 8.11 for the different energy bands. Figure 8.19 shows
this comparison for the model with SNR G8.7−0.1 as the accelerator with an age of
15 kyr.
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Table 8.7: Test results for the observations assuming the wedge annuli profile as
defined in the right panel of Figure 8.11. At a significance level of 0.003 we fail to
reject the null hypothesis for all deviation combinations.

Energy band Chi-square Run test

χ2 p-value Z-score p-value

E1−E2 8.1 0.23 1.33 0.09
E2−E3 5.0 0.55 0.36 0.36
E1−E3 7.3 0.29 0.36 0.36
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Figure 8.19: The radial wedge profile for each annulus and energy band for the
observations and model for SNR G8.7−0.1 with an age of 15 kyr as defined in the
right panel of Figure 8.11.

Using the chi-square measure defined in Equation 8.14 the observations are quan-
titatively compared to the model for both ages of SNR G8.7−0.1, under the null
hypothesis that the observations and model are not significantly different. Table 8.8
shows the results of the reduced chi-square test for SNR G8.7−0.1 with an age of
15 kyr.

Table 8.8: Chi-square goodness of fit results for the SNR scenario with
SNR G8.7−0.1 with an age of 15 kyr as the accelerator. The null hypothesis is
rejected for all energy bands as p-value<0.003, therefore the model and observa-
tions are significantly different.

Energy band χ2 ndf p-value

E1 521 7 ∼ 10−108

E2 354 7 ∼ 10−72

E3 123 7 ∼ 10−23
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The chi-square results in Table 8.8 allow us to reject the null hypothesis, for the all
the energy bands, in favour of the alternative hypothesis, that the observation and
model are significantly different (at the 0.003 significance level).

Figure 8.20 shows the radial profiles for the comparison between the observations
and model with SNR G8.7−0.1 as the accelerator with an age of 28 kyr.
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E3 = 0.97 12 TeV

Figure 8.20: The radial wedge profile for each annulus and energy band for the
observations and model for SNR G8.7−0.1 with an age of 28 kyr as defined in the
right panel of Figure 8.11.

Table 8.9 shows the chi-square results for SNR G8.7−0.1 with an age of 28 kyr. These
results give good ground to reject the null hypothesis in favour of the alternative
hypothesis for all three energy bands, meaning the observations and model are
significantly different.

Table 8.9: Chi-square goodness of fit results for the SNR scenario with
SNR G8.7−0.1 with an age of 28 kyr as the accelerator. The null hypothesis is
rejected in favour of the alternative hypothesis for all three energy bands. Hence,
the observations and model are significantly different.

Energy band χ2 ndf p-value

E1 404 7 ∼ 10−83

E2 198 7 ∼ 10−39

E3 28 7 ∼ 10−4

The key aspect to note for both ages of SNR G8.7−0.1 is that the energy bands for
the model tend to exhibit different morphology. From the chi-square and run-test
results for the observations (Table 8.7), we could not reject the null hypothesis.
Therefore there is no convincing evidence for or against energy-dependent morphol-
ogy for the observations.
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Upon comparing the model to observations through the chi-square test, it is shown
that the wedge radial profile from observations are significantly different from the
model results. The observations therefore struggle to match the expected γ-ray
morphology from the mario model assuming SNR G8.7−0.1 is the accelerator of CR
protons.

The results presented in this section show that the model and observations struggle
to match within each of their energy bands. Previously, in Chapter 6 we determined
the best matching models for each accelerator using the spatial morphology of γ-rays
above 1 TeV. This was shown to provide a similar match to the γ-ray observations.
However, the morphology in different energy bands is shown to be quite different,
indicated here through the radial profile plots. This is likely attributed to the
uncertainties of our model (see in Discussion of Chapter 6).
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9 Conclusions and Future Work

We must have perseverance and above all confidence in
ourselves. We must believe that we are gifted for

something and that this thing must be attained.

— Marie Curie, Polish-French Physicist

This thesis focused on studying the unidentified TeV γ-ray source HESS J1804−216
to constrain the nature of emission. Supernova remnants (SNRs) and Pulsar Wind
Nebulae (PWNe) are two prominent candidates for accelerating cosmic rays (CRs) to
high energies, see Section 2.1. HESS J1804−216 has several of these plausible coun-
terparts within 1◦: SNR G8.7−0.1, SNR 8.3−0.1, PSR J1803−2137, PSR J1803−2149
and PSR J1806−2125. The interstellar medium (ISM) towards HESS J1804−216
was investigated in detail in an attempt to unveil its origin.

The Mopra radio telescope in all three wavelength bands (3 mm, 7 mm and 12 mm)
was utilised along with the HI data from the Southern Galactic Plane Survey
(SGPS). These observations provided a useful way to probe the intriguing features of
the ISM, in addition to studying the potential CR accelerators towards this source.
Carbon monoxide (CO) is the typical tracer of hydrogen as it is abundant and easily
detected in the ISM. However, due to its abundance, it quickly becomes optically
thick, therefore we need to consider tracers of dense gas (n > 104 cm−3) to overcome
this. Dense gas tracers have a higher critical density and lower abundance compared
to 12CO(1-0), so are able to probe the internal dynamics of dense cloud cores. The
five dense gas tracers used in this thesis are carbon monosulfide (CS(1-0)), silicon
monoxide, methanol, cyanopolyyne and ammonia (see Section 4.6). The clumps of
emission in CS(1-0), particularly, confirmed the presence of dense gas.

Gas was seen to overlap the TeV source at multiple velocity components along the
line of sight (Chapter 5). There was a substantial amount of gas seen in Components
C (vlsr = 8 to 26 km s−1) and D (vlsr = 26 to 56 km s−1) towards HESS J1804−216. In
Component C, there was morphological matches between the 12CO(1-0) and 13CO(1-
0) interstellar gas data and the TeV γ-ray emission towards HESS J1804−216. A
depletion of gas in the southern peak of the TeV source is present in Component
C (Chapter 5). Component D showed dense gas clouds overlapping the Galactic-
South of HESS J1804−216 and SNR G8.7−0.1. These clouds are also consistent with
several Hii regions.

Total column density maps were used to calculate various characteristics of the
gas including mass and density. These were utilised to test the validity of both
the purely hadronic and purely leptonic scenarios for the potential CR accelerators
towards HESS J1804−216 (c.f. Chapter 5). For the purely leptonic scenario, it is
possible for PSR J1803−2137 to accelerate highly energetic electrons as a PWNe.
This is supported by the high spin down luminosity, leading to a TeV γ-ray efficiency
of 3%, typical of a PWNe-driven TeV source. SNR G8.7−0.1 or the progenitor SNR
of PSR J1803−2137 is expected to accelerate CR protons in the purely hadronic
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scenario. Modelling of the CR proton spectra for these SNRs showed matches to the
observed GeV and TeV CR enhancement factors (see Chapter 5). This in-depth gas
analysis allowed us to identify that either a middle-aged SNR or PSR can produce
the TeV γ-ray emission towards HESS J1804−216.

The hadronic scenario is investigated further for both SNR G8.7−0.1 and the pro-
genitor SNR of PSR J1803−2137 as plausible counterparts (see Chapter 6). The
spatial and spectral distributions of CR protons are generated by modelling the
energy-dependent escape and diffusion of these particles into the ISM. The acceler-
ated CR protons interact with the ISM to produce γ-rays. The spatial and spectral
distributions of γ-rays for a range of model parameters are produced (Chapter 6). To
produce this 2D approach to modelling the γ-ray emission, we developed a Python
package called mario. Comparing the best matching models with the GeV to TeV
γ-ray observations revealed that the progenitor SNR of PSR J1803−2137 was the
most prominent candidate, however, we are limited by the bubble component.

There are various known limitations of this model, which come from assuming a
2D propagation of CR protons and 2D distribution of the ISM. The 2D proton
model means we do not consider particles which diffuse along our line of sight,
which becomes problematic for an accelerator which is close to the gas clouds (both
accelerators we consider are within the bounds of HESS J1804−216). In addition to
this, we do not model the diffusion inside the bubble component, therefore the results
are biased (c.f. Chapter 6). A similar issue arises by assuming a 2D distribution of
the ISM in which all gas has been integrated over. Again, there could be gas that is
foreground/background to the accelerator, which is included that may not physically
be able to interact with the CR protons. Another limitation of the model is the
simple assumptions of the bubble component, for example the uniform distribution
of CR protons and ISM. Realistically, we expect the particle distribution inside the
bubble to be complex with CRs built up at the shock front. The ISM inside the
bubble could also be up to ∼4 times denser from diffusive shock acceleration theory
or be less dense as the ISM is dissociated by the SNR shock.

The final study for this thesis was to analyse all the possible available H.E.S.S.
data using the open-source Python package gammapy (see Chapter 8). The γ-ray
spectra is investigated at the highest energies to access the possibility of particles
being accelerated to PeV energies. The HESS J1804−216 spectra for this analysis
was shown to follow an exponential cutoff power law spectra model, with a cut-
off energy of Ecutoff = 25+73

−11 TeV (see Section 8.3.1). This gives indication that
HESS J1804−216 is a PeVatron candidate. The upcoming CTA would be able to
probe the emission at the highest energies further. The morphology of γ-rays to-
wards HESS J1804−216 was investigated at different energies. Firstly, assuming a
PWNe scenario for PSR J1803−2137, the H.E.S.S. observations do not appear to ex-
hibit energy-dependent morphology (see Section 8.3.2). This is not consistent with
the expected morphology of a mature PWNe. More data from the upcoming CTA
could help investigate this further. The morphology in different energy bands is also
investigated for the SNR scenario using the model defined in Chapter 6. The model
for both the progenitor SNR of PSR J1803−2137 and SNR G8.7−0.1 shows a clear
difference to the observations (see Section 8.3.3). There is no compelling evidence of
energy-dependent morphology for the observations according to the statistical tests
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performed. It is shown that the observations and model results for each accelerator
are significantly different (see results from the chi-square in Section 8.3.3). Further
observations at higher energies would allow us to investigate the morphology here
further.

9.1 Future work

As mentioned previously, the method adopted to model the γ-rays towards
HESS J1804−216 in the hadronic scenario has a number of limitations. Future
work would involve adaptations to the model, to make it more realistic. Firstly,
to implement a 3D proton distribution which describes particles diffusing along our
line of sight. This would involve using the number density and volume in the γ-ray
flux calculation (Equation 7.17) instead of the 2D version in which we use the col-
umn density and area of the source. Another modification to the model would be
to adapt the diffusion such that it is no longer constant and changes with changing
magnetic field. The magnetic field is taken as a constant in our model, however the
distribution of the magnetic field is expected to change within the ISM with varying
number density. This would lead to a decrease in diffusion length as the number
density and thus magnetic field increase. Using a constant number density for the
SNR evolution leads to spherical uniformity of the particle escape radius. The evo-
lution of the SNR is also dependent upon δp, which describes the energy dependent
release of CRs. A future version of the model would involve tracing the evolution
of the SNR shock in further detail, including the escape radius as it changes with
ISM density. For example, we expect the escape radius to decrease as it encounters
larger number densities.

The hadronic model described in this thesis for SNRs can be extended for leptonic
production of γ-rays, to model sources such as PWNe. This would involve modelling
the distribution of high-energy electrons emanating from pulsars as a PWNe. The
addition of modelling the magnetic field structure, would allow the electrons to
be closely traced, such that the magnetic field is stronger at the pulsar position
and decreases at distances away from the pulsar. Allowing for different injection
spectrum types to be modelled, such as a broken power law, would extend the
model for a source which cannot be described by a single power law. A broken
power law is expected to be able to explain the acceleration for low-energy electrons
or to explain the spectral break from synchrotron losses (Bucciantini et al., 2010;
Amato, 2014). Creating a model from these fundamentals, would help in better
determining other PWNe candidates along the Galactic plane.

The work presented in this thesis forms a basis for comparisons between the ISM
and next-generation ground based γ-ray telescopes, such as the Cherenkov Telescope
Array (CTA). CTA is expected to have angular resolution comparable to the ISM
data from the Mopra radio telescope. The finer details of this upcoming γ-ray data
will allow for better comparison between the TeV γ-ray emission and ISM. CTA
will also have higher sensitivity with an extended energy range from 10’s of GeV to
∼300 TeV, to potentially unveil a number of currently undetected sources.
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Implementing the adaptations to the model would make the model more realistic.
This would allow the model to be transferred to other PWNe and SNR systems. In
addition, comparing the γ-ray data from CTA with the arcminute scale γ-ray data
from the updated model would allow the nature of other unidentified sources to be
constrained further.
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A Spectrum of Diffusive Shock Acceleration

The probability of a cosmic ray (CR) particle crossing the shock (i.e. escaping down-
stream) and the probability of returning from the shock is given by Equation A.1.

Pescape = 4vshock

Rv

Preturn = 1− Pescape = 1− 4vshock

Rv

(A.1)

The probability of a CR particle returning from the shock k times is then P (> k) =
(Preturn)k, where the energy after k crossings is:

E = E0

(
1 + ∆E

E

)k
. (A.2)

Here, E0 is the initial energy of the particle. The integral energy spectrum, Q(> E),
is then proportional to the probability of crossing the shock k times, as shown by
Equation A.3.

Q(> E) = (Preturn)k (A.3)

By rearranging Equation A.2 we can obtain an expression for k:

k = ln(E/E0)
ln(1 + ∆E/E) . (A.4)

Taking the logarithm of Equation A.3 gives:

ln(Q(> E)) = A+ k ln(Preturn)

= A+ ln(E/E0)
ln(1 + ∆E/E) ln[Preturn]

= A+ ln[Preturn]
ln(1 + ∆E/E)(ln(E)− ln(E0) .

(A.5)

The energy spectrum is then defined as:

ln(Q(> E)) = B − Γ ln(E) , (A.6)

where B and Γ are constants, defined as:
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Γ = − ln(Preturn)
ln(1 + ∆E/E) . (A.7)

Combining the fractional energy change from Equation 2.16 and the probability of
escape from Equation A.1 in the limit where vshock � c gives:

Γ ≈ Pescape

∆E/E =
4vshock

Rv
4
3
R− 1
R

vshock

c

≈ 3
R− 1 for v→ c . (A.8)

The integral form of the spectrum is therefore (from Equation A.6):

Q(> E) ∝ E−Γ = E
−

3
R− 1 . (A.9)

The differential form of the spectrum is given by Equation 2.17.
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B Additional mario information

B.1 Normalising the PDF

The PDF equation must satisfy the condition,
∫∞

0 f(E,R, t) dV = 1. For the model
in 3D, the coordinates are transformed from cartesian coordinates (x, y, z) to spher-
ical coordinates (r, θ, φ) in volume through:

dV =
∫ 2π

0

∫ π

0

∫ ∞
0

f(R, θ, φ) sin θR2 dR dθ dφ . (B.1)

By evaluating each integral this equation is reduced to:

dV = 4π
∫ ∞

0
f(R)R2 dR . (B.2)

Applying this equation to our definition for both the bubble and diffused PDF:

4π
∫ Resc

0
fbubble(E,R, t)R2 dR = 1 and 4π

∫ ∞
Resc

fdif(E,R, t)R2 dR = 1 .
(B.3)

Evaluating the above for the bubble PDF:

4π
∫ Resc

0
fbubble(E,R, t)R2 dR = 4π

∫ Resc

0

R2

(4/3)πR3
esc
dR

=
∫ Resc

0

3R2

R3
esc
dR

= 1 .

(B.4)

Evaluating Equation B.3 for the diffused PDF:

f0 ≡ 4π
∫ ∞
Resc

f(E,R, t)R2 dR

=
∫ ∞
Resc

4πR2

π3/2R3
dif

exp
(
−(R−Resc)2

R2
dif

)
dR

= (
√
πR2

dif + 2
√
πR2

esc)|Rdif |+ 4RescR
2
dif√

πR3
dif

.

(B.5)

However, this equation should be equal to 1, to satisfy the conditions of a PDF.
Therefore, normalising the PDF using this factor gives:
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fdif(E,R, t) = 1
π3/2R3

dif
exp

(
−(R−Resc)2

R2
dif

)
1
f0

= 1
π3/2R3

dif
exp

(
−(R−Resc)2

R2
dif

) √
πR3

dif
(
√
πR2

dif + 2
√
πR2

esc)|Rdif |+ 4RescR2
dif
.

(B.6)

B.2 Top 5 Best Matching Models

This section shows the top 5 best matching models for each accelerator for com-
pleteness, as outlined in Tables E.1 to E.3 in Chapter 6.
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Figure B.1: γ-ray flux maps for various energy bands towards HESS J1804−216
for SNR G8.7−0.1 with an age of 15 kyr. The escape radius, Resc, is shown by the
cyan dashed circle. The green cross indicates the centroid of 3FHL J1804.7−2144e.
The TeV γ-ray emission above 1 TeV from H.E.S.S. Collaboration et al., 2018 is
shown by the solid white contours in the third panel and by grey contours in
the other panels as a reference for where the γ-ray emission is expected. Model
parameters are described in Table E.1 of Chapter 6.
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Figure B.2: γ-ray flux maps for various energy bands towards HESS J1804−216
for SNR G8.7−0.1 with age of 15 kyr, information for plots described in Figure B.1.
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Figure B.3: γ-ray flux maps for various energy bands towards HESS J1804−216
for SNR G8.7−0.1 with an age of 28 kyr. The escape radius, Resc, is shown by the
cyan dashed circle. The green cross indicates the centroid of 3FHL J1804.7−2144e.
The TeV γ-ray emission above 1 TeV from H.E.S.S. Collaboration et al., 2018 is
shown by the solid white contours in the third panel and by grey contours in
the other panels as a reference for where the γ-ray emission is expected. Model
parameters are described in Table E.2 of Chapter 6.
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Figure B.4: γ-ray flux maps for various energy bands towards HESS J1804−216
for SNR G8.7−0.1 with age of 28 kyr, information for plots described in Figure B.3.
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Figure B.5: γ-ray flux maps for various energy bands towards HESS J1804−216
for the progenitor SNR of PSR J1803−2137. The escape radius, Resc, is
shown by the cyan dashed circle. The green cross indicates the centroid of
3FHL J1804.7−2144e. The TeV γ-ray emission above 1 TeV from H.E.S.S. Col-
laboration et al., 2018 is shown by the solid white contours in the third panel and
by grey contours in the other panels as a reference for where the γ-ray emission is
expected. Model parameters are described in Table E.3 of Chapter 6.
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Figure B.6: γ-ray flux maps for various energy bands towards HESS J1804−216
for the progenitor SNR of PSR J1803−2137, information for plots described in
Figure B.5.
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C Leptonic Scenario - First Look

For the leptonic scenario, it was found that the TeV emission being produced by
highly energetic electrons from PSR J1803−2137 as a Pulsar Wind Nebula (PWN)
is supported given the energetics of the system (Feijen et al., 2020). These elec-
trons are able to diffuse the 30 pc distance to create a TeV source of this size,
hence PSR J1803−2137 could potentially contribute to the TeV γ-ray emission from
HESS J1804−216.

The following section describes the simulated γ-ray emission produced through lep-
tonic interactions. SNRs are able to produce γ-rays leptonically through the inverse-
Compton effect (e.g. SN1006, Koyama et al., 1995). We look at the impulsive
accelerator case for the leptonic scenario here.

C.1 Electron Flux

We model the spectrum of CR electrons injected into the surrounding ISM. High
energy electrons suffer significant synchrotron radiation losses due to the enhanced
magnetic field strength in molecular clouds. We assume the dominant cause of
energy losses is synchrotron radiation and inverse compton radiation, given by p2.
Equation C.1 gives the distribution of CR electrons in units of cm−3, from Atoyan
et al., 1995.

f(γ,R, t) = N0γ
−α

π3/2R3
dif

(1− γp2t)α−2 exp
[
−R2

R2
dif

]
, (C.1)

where the diffusion radius is

Rdif(γ, t) = 2

√√√√D(γ)t1− (1− γ/γcut)1−δ

γ/γcut(1− δ)
. (C.2)

The Lorentz factor is γ = Ee/mec
2, where me = 511 keV/c2. The ‘energy cut-off’ is

γcut = (p2t)−1. If γ > γcut then f = 0. p2 is the term due to synchrotron and inverse
Compton losses:

p2 = 5.2× 1020 wo
eV/cm3 s−1 , (C.3)

where wo = wB + wMBR + wopt. wMBR = 0.25eV/cm3 is the microwave background
radiation energy density, wopt = 0.5eV/cm3 is the optical-IR radiation energy density
and wB = 0.5eV/cm3 is energy density of the magnetic field (at B = 5µG).
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The diffusion coefficient is:

D(γ) = D0(1 + γ/γ∗)δ , (C.4)

where D0 = D10/(1 + γ/γ∗)δ for D10 defined as the diffusion coefficient at 10 GeV,
γ is at 10 GeV and γ∗ is defined at 3 GeV. Figure C.1 shows the electron spectra
injected by an impulsive source.
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Figure C.1: Modelled energy spectra of CR electrons (Equation C.1) escaping
from an impulsive accelerator, with an energy budget of Ebudget = 1048 erg and
power law spectral index of α = 2.2. Distance to the source, R, is taken at 100 pc.
Index of diffusion coefficient is δ = 0.6. The curves cyan, green, blue, navy and
black correspond to the age of the source (t) 5×105 yr, 2×105 yr, 105 yr, 5×104 yr
and 2.5× 104 yr respectively.
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D H.E.S.S. Analysis

D.1 Prod05 FITS files

The Prod05 FITS files include data from 2004 to 2020 with various cuts on the data.
Table D.1 describes the entire available dataset.
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D.2 gammapy Analysis Settings

The analysis settings used for the gammapy analysis of the spatial distribution of
HESS J1804−216 is shown in Table D.2. These settings are used to obtain the
results in Section 8.2.3.

Table D.2: The gammapy and analysis settings used for the spatial analysis.

Setting Value

Gammapy version v0.18.2
Map size 3.2◦ × 3.2◦

Pixel size 0.02◦

Maximum event offset 2◦

Correlation radius 0.1◦

True Energy Axis 0.05 TeV to 20 TeV
Energy bins 0.2, 0.32, 0.43, 0.56, 0.67, 0.95, 1.45, 12 TeV

Analysis Configuration std ImPACT fullEnclosure

Energy thresholds Maximum 10% energy bias at 2◦ offset
Gammapy Background Method RingBackgroundMaker

Inner Ring Radius 0.7◦

Ring Width 0.44◦

The analysis settings used for the gammapy analysis of the spectral distribution of
HESS J1804−216 is shown in Table D.3. These settings are used to obtain the results
in Section 8.2.4.

Table D.3: The gammapy and analysis settings used for the spectral analysis.

Setting Value

Gammapy version v0.18.2
Maximum event offset 2◦

True Energy Axis 0.05 TeV to 120 TeV
Reconstructed Energy Axis 0.2 TeV to 100 TeV

Analysis Configuration std ImPACT fullEnclosure

Energy thresholds Maximum 10% energy bias at 2◦ offset
Gammapy Background Method ReflectedRegionsBackgroundMaker
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D.3 Significance in energy bands

Figure D.1 shows the significance of each energy band is roughly the same, as de-
termined by Equation 8.2.
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Figure D.1: Significance in each energy band for the H.E.S.S. data analysis
performed in this thesis (see Section 8.1.1).

D.4 Spectral Comparison

Figure D.2 shows the spectral comparison between the H.E.S.S. 2006 survey of the
inner galaxy (Aharonian et al., 2006c) and the H.E.S.S. data analysis performed in
this thesis towards HESS J1804−216. The observations from Aharonian et al., 2006c
are between May and July of 2004 with 11.7 hr of observation time. The data used
in this analysis was collected from May 2004 until November 2020 with ∼88 hr of
observations. The analysis used here provides an extra energy bin at higher energies,
which indicates emission to PeV energies.
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Figure D.2: TeV γ-ray spectra towards HESS J1804−216 from Aharonian et al.
(2006c) in red and the data from this analysis shown in blue.
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D.5 Gamma-ray Flux Maps

The γ-ray flux maps obtained using the methods described in Section 8.2.3 are
shown in Figure D.3 for completeness.
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Figure D.3: Gamma-ray flux maps towards HESS J1804−216. The cyan dashed
circle indicates SNR G8.7−0.1 and the cyan dot indicates the position of the pro-
genitor SNR of PSR J1803−2137.
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D.6 Significance maps

To ensure the exclusion regions are large enough for the analysis, it is important
to plot the distribution of significance in both the off bins and all bins. This is
to ensure that the background estimation has not been contaminated with γ-ray
like events. It is expected that the off-distribution follows a normal distribution.
Figure D.4 shows the distribution of significance, in which the off-bins show a clear
normal distribution, therefore our exclusion regions are large enough to cover any
γ-ray signal.
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Figure D.4: Significance histogram for each energy band showing the off distri-
bution in purple follows a normal distribution.
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D.7 Pulsar Wind Nebula Morphology Example

As discussed in Chapter 8, PWNe are expected to exhibit energy-dependent mor-
phology. At higher energies the emission is expected to the compact and close to the
pulsars position, however, at lower energies the emission is extended and offset from
the position of the pulsar. An example of this behaviour is shown in Figure D.5.
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Figure D.5: Example of PWNe scenario with nebula size increasing with de-
creasing energy.

The radial profiles in Figure D.6 are taken from the concentric rings shown in Fig-
ure D.5.
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Figure D.6: Radial profiles for an example of PWNe scenario.
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D.8 Energy bands for the best matching models

These integrated flux maps from the model are compared with the energy bands
defined in Chapter 8 for the H.E.S.S. observations.
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Figure D.7: γ-ray flux map in the different energy bands towards
HESS J1804−216 for the best matching spectral and spatial models. Top: the
best matching model (P1) for the progenitor SNR of PSR J1803−2137. The pro-
genitor SNR of PSR J1803−2137 is indicated by the cyan dot. Middle: the best
matching model (G4a) for SNR G8.7−0.1 with an age of 15 kyr. Bottom: the
best matching model (G2b) for SNR G8.7−0.1 with an age of 28 kyr. The escape
radius, Resc, is shown by the cyan dashed circle.
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D.9 Observations list

The full list of observations used in Chapter 8 for H.E.S.S. I, H.E.S.S. II and H.E.S.S.
IU are shown in Tables D.4 to D.6.

Table D.4: Full table of observations for the H.E.S.S. I phase with the
std ImPACT fullEnclosure configuration. OBS ID is the identifier for the ob-
servation. The observation time is listed along with the object which the obser-
vations are for. The pointing position is given by GLON PNT and GLAT PNT, for the
telescopes listed in TELLIST.

OBS ID Date Observation Object GLON PNT GLAT PNT TELLIST

Time (min) (deg) (deg)

20877 2004-05-21 28.0 G009.9+0.0 9.9 0.0 1,2,3,4

20902 2004-05-22 28.0 G007.8+0.0 7.8 0.0 1,2,3,4

20963 2004-05-25 28.0 G005.0+0.0 5.0 0.0 1,2,3,4

20969 2004-05-25 28.0 G011.3+0.0 11.3 0.0 1,2,3,4

20982 2004-05-26 28.0 G009.2+0.0 9.2 0.0 1,2,3,4

20983 2004-05-26 28.0 G008.5+0.0 8.5 0.0 1,2,3,4

21122 2004-06-11 28.0 G005.7+0.0 5.7 0.0 1,2,3,4

21124 2004-06-11 28.0 G006.4+0.0 6.4 0.0 1,2,3,4

21125 2004-06-11 28.0 G007.1+0.0 7.1 0.0 1,2,3,4

21171 2004-06-14 28.1 G011.3-1.0 11.3 -1.0 1,2,3,4

21183 2004-06-14 28.0 W 28 7.0 -0.5 1,2,3,4

21184 2004-06-14 28.0 W 28 6.5 0.4 1,2,3,4

21185 2004-06-14 10.1 W 28 7.1 0.2 1,2,3,4

21186 2004-06-14 18.0 W 28 7.1 0.2 1,2,3,4

21189 2004-06-14 28.0 W 28 6.3 -0.3 1,2,3,4

21267 2004-06-17 28.0 W 28 6.5 0.4 1,2,3,4

21268 2004-06-17 28.0 W 28 7.0 -0.5 1,2,3,4

21293 2004-06-18 28.0 W 28 7.1 0.2 1,2,3,4

21294 2004-06-18 28.0 W 28 6.3 -0.3 1,2,3,4

21297 2004-06-18 22.0 W 28 6.5 0.4 1,2,3,4

21317 2004-06-19 28.0 W 28 6.3 -0.3 1,2,3,4

21320 2004-06-19 25.0 W 28 7.1 0.2 1,2,3,4

21440 2004-06-26 28.0 G005.7-1.0 5.7 -1.0 1,2,3,4

21529 2004-07-10 28.1 G8.4+0.0 7.9 0.0 1,2,3,4

21530 2004-07-10 28.0 G8.4+0.0 8.9 0.0 1,2,3,4
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21534 2004-07-10 28.0 G008.5-1.0 8.5 -1.0 1,2,3,4

21535 2004-07-10 28.0 G007.8+1.0 7.8 1.0 1,2,3,4

21544 2004-07-11 28.0 G8.4+0.0 8.9 0.0 1,2,3,4

21546 2004-07-11 28.0 G8.4+0.0 7.9 0.0 1,2,3,4

21547 2004-07-11 28.0 G8.4+0.0 8.9 0.0 1,2,3,4

21550 2004-07-11 28.0 G009.2-1.0 9.2 -1.0 1,2,3,4

21562 2004-07-12 28.0 G8.4+0.0 7.9 0.0 1,2,3,4

21565 2004-07-12 28.0 G8.4+0.0 8.9 0.0 1,2,3,4

21569 2004-07-12 28.0 G008.5+1.0 8.5 1.0 1,2,3,4

21570 2004-07-12 28.0 G009.9-1.0 9.9 -1.0 1,2,3,4

21585 2004-07-13 28.0 G005.0+0.0 5.0 0.0 1,2,3,4

21586 2004-07-13 28.0 G007.8+0.0 7.8 0.0 1,2,3,4

21587 2004-07-13 28.0 G008.5+0.0 8.5 0.0 1,2,3,4

21588 2004-07-13 28.0 G009.2+0.0 9.2 0.0 1,2,3,4

21600 2004-07-14 28.0 G005.7+0.0 5.7 0.0 1,2,3,4

21601 2004-07-14 25.8 G009.9+0.0 9.9 0.0 1,2,3,4

21602 2004-07-14 28.0 G8.4+0.0 8.4 0.5 1,2,3,4

21603 2004-07-14 28.0 G8.4+0.0 8.4 -0.5 1,2,3,4

21606 2004-07-14 28.0 G8.4+0.0 8.4 -0.5 1,2,3,4

21607 2004-07-14 28.0 G8.4+0.0 8.4 0.5 1,2,3,4

21609 2004-07-14 28.0 G009.9+0.0 9.9 0.0 1,2,3,4

21626 2004-07-15 28.0 G009.2+1.0 9.2 1.0 1,2,3,4

21627 2004-07-15 28.0 G010.6-1.0 10.6 -1.0 1,2,3,4

21628 2004-07-15 28.1 G009.9+1.0 9.9 1.0 1,2,3,4

21651 2004-07-17 28.0 G010.6+1.0 10.6 1.0 1,2,3,4

21696 2004-07-18 17.9 G011.3+1.0 11.3 1.0 1,2,3,4

22354 2004-09-08 28.0 G8.4+0.0 8.4 0.5 1,2,3,4

22355 2004-09-08 28.0 G8.4+0.0 8.4 -0.5 1,2,3,4

22372 2004-09-09 28.0 G8.4+0.0 7.9 0.0 1,2,3,4

22373 2004-09-09 23.9 G8.4+0.0 8.9 0.0 1,2,3,4

22387 2004-09-10 25.7 G8.4+0.0 8.9 0.0 1,2,3,4

26155 2005-06-07 28.2 J1809-193 11.7 0.3 1,2,3,4

26156 2005-06-07 28.2 J1809-193 10.4 -0.3 1,2,3,4

26202 2005-06-09 28.2 J1809-193 11.4 -0.6 1,2,3,4

26235 2005-06-10 28.2 J1809-193 10.4 -0.3 1,2,3,4
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26236 2005-06-10 28.2 J1809-193 11.7 0.3 1,2,3,4

26419 2005-06-14 28.2 J1809-193 10.4 -0.3 1,2,3,4

26420 2005-06-14 28.2 J1809-193 11.7 0.3 1,2,3,4

26932 2005-07-03 28.3 J1809-193 11.4 -0.6 1,2,3,4

26933 2005-07-03 28.2 J1809-193 10.7 0.6 1,2,3,4

26961 2005-07-04 28.2 J1809-193 10.4 -0.3 1,2,3,4

26962 2005-07-04 28.2 J1809-193 11.7 0.3 1,2,3,4

31622 2006-05-02 28.2 W28 HS midway 6.0 0.2 1,3,4

31623 2006-05-02 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31624 2006-05-02 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31625 2006-05-02 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31670 2006-05-03 28.1 W28 HS midway 6.0 0.2 1,3,4

31671 2006-05-03 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31672 2006-05-03 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31673 2006-05-03 17.2 W28 HS midway 6.7 -1.0 1,2,3,4

31701 2006-05-04 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31702 2006-05-04 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31703 2006-05-04 28.2 W28 HS midway 6.0 0.2 1,2,3,4

31704 2006-05-04 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31705 2006-05-04 13.8 W28 HS midway 6.0 0.2 1,2,3,4

31727 2006-05-05 28.2 W28 HS midway 6.0 0.2 1,2,3,4

31728 2006-05-05 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31729 2006-05-05 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31730 2006-05-05 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31731 2006-05-05 23.1 W28 HS midway 6.0 0.2 1,2,3,4

31757 2006-05-06 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31786 2006-05-07 28.2 W28 HS midway 6.0 0.2 1,2,3,4

31787 2006-05-07 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31788 2006-05-07 28.2 W28 HS midway 6.0 0.2 1,2,3,4

31789 2006-05-07 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31790 2006-05-07 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31801 2006-05-08 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31802 2006-05-08 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31803 2006-05-08 28.2 W28 HS midway 6.0 0.2 1,2,3,4

31804 2006-05-08 16.1 W28 HS midway 6.7 -1.0 1,2,3,4
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31839 2006-05-09 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

31840 2006-05-09 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31841 2006-05-09 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

31842 2006-05-09 28.1 W28 HS midway 6.0 0.2 1,2,3,4

31897 2006-05-10 24.9 W 28 7.0 -0.5 1,2,3,4

32257 2006-05-21 28.1 W28 HS midway 6.7 -1.0 1,2,3

32258 2006-05-21 28.2 W28 HS midway 6.0 0.2 1,2,3

32259 2006-05-21 28.1 W28 HS midway 6.7 -1.0 1,2,3

32260 2006-05-21 28.2 W28 HS midway 6.0 0.2 1,2,3

32261 2006-05-21 26.3 W28 HS midway 6.7 -1.0 1,2,3

32290 2006-05-22 28.1 W28 HS midway 6.0 0.2 1,2,3

32291 2006-05-22 28.2 W28 HS midway 6.7 -1.0 1,2,3

32292 2006-05-22 28.2 W28 HS midway 6.0 0.2 1,2,3

32293 2006-05-22 28.2 W28 HS midway 6.7 -1.0 1,2,3

32321 2006-05-23 28.1 W28 HS midway 6.0 0.2 1,2,3,4

32323 2006-05-23 28.2 W28 HS midway 6.0 0.2 1,2,3,4

32324 2006-05-23 28.1 W28 HS midway 6.7 -1.0 1,2,3,4

32325 2006-05-23 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

32330 2006-05-24 28.1 W28 HS midway 6.0 0.2 1,2,3,4

32331 2006-05-24 28.2 W28 HS midway 6.7 -1.0 1,2,3,4

32384 2006-05-26 28.2 W28 HS midway 6.0 0.2 1,2,3,4

33520 2006-07-18 28.2 J18100-1920 11.8 -0.0 1,2,3,4

33537 2006-07-19 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33538 2006-07-19 28.2 J18100-1920 11.1 0.7 1,2,3,4

33560 2006-07-20 28.2 J18100-1920 11.1 0.7 1,2,3,4

33561 2006-07-20 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33562 2006-07-20 28.2 J18100-1920 11.8 -0.0 1,2,3,4

33563 2006-07-20 28.1 J18100-1920 10.4 -0.0 1,2,3,4

33564 2006-07-20 28.2 J18100-1920 11.1 0.7 1,2,3,4

33580 2006-07-21 28.2 J18100-1920 10.4 -0.0 1,2,3,4

33581 2006-07-21 28.2 J18100-1920 11.8 -0.0 1,2,3,4

33582 2006-07-21 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33583 2006-07-21 28.1 J18100-1920 11.1 0.7 1,2,3,4

33584 2006-07-21 28.1 J18100-1920 10.4 -0.0 1,2,3,4

33605 2006-07-22 28.2 J18100-1920 11.8 -0.0 1,2,3,4
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33606 2006-07-22 28.1 J18100-1920 10.4 -0.0 1,2,3,4

33607 2006-07-22 28.2 J18100-1920 11.1 0.7 1,2,3,4

33629 2006-07-23 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33630 2006-07-23 13.1 J18100-1920 11.1 0.7 1,2,3,4

33631 2006-07-23 28.1 J18100-1920 11.1 -0.7 1,2,3,4

33632 2006-07-23 28.2 J18100-1920 11.1 0.7 1,2,3,4

33633 2006-07-23 28.2 J18100-1920 10.4 -0.0 1,2,3,4

33656 2006-07-24 28.1 J18100-1920 11.1 0.7 1,2,3,4

33657 2006-07-24 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33659 2006-07-24 28.1 J18100-1920 11.1 0.7 1,2,3,4

33660 2006-07-24 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33685 2006-07-25 28.2 J18100-1920 10.4 -0.0 1,2,3,4

33686 2006-07-25 28.1 J18100-1920 11.8 -0.0 1,2,3,4

33687 2006-07-25 28.2 J18100-1920 11.1 -0.7 1,2,3,4

33688 2006-07-25 28.2 J18100-1920 11.1 0.7 1,2,3,4

33689 2006-07-25 28.1 J18100-1920 10.4 -0.0 1,2,3,4

33690 2006-07-25 28.1 J18100-1920 11.8 -0.0 1,2,3,4

41320 2007-08-30 28.1 HESS J1809-193 11.3 -0.5 1,2,3,4

41347 2007-08-31 28.2 HESS J1809-193 10.6 0.7 1,2,3,4

41348 2007-08-31 28.2 HESS J1809-193 11.5 0.4 1,2,3,4

41370 2007-09-01 28.2 HESS J1809-193 10.3 -0.3 1,2,3,4

41403 2007-09-02 22.3 HESS J1809-193 11.3 -0.5 1,2,3,4

41421 2007-09-03 28.2 HESS J1809-193 10.6 0.7 1,2,3,4

41442 2007-09-04 28.1 HESS J1809-193 11.5 0.4 1,2,3,4

41443 2007-09-04 28.2 HESS J1809-193 10.3 -0.3 1,2,3,4

41463 2007-09-05 28.1 HESS J1809-193 11.3 -0.5 1,2,3,4

41464 2007-09-05 28.1 HESS J1809-193 10.6 0.7 1,2,3,4

41487 2007-09-06 28.2 HESS J1809-193 11.5 0.4 1,2,3,4

41488 2007-09-06 28.2 HESS J1809-193 10.3 -0.3 1,2,3,4

41513 2007-09-07 28.1 HESS J1809-193 11.3 -0.5 1,2,3,4

41540 2007-09-08 28.2 HESS J1809-193 10.6 0.7 1,2,3,4

41541 2007-09-08 28.1 HESS J1809-193 11.5 0.4 1,2,3,4

41935 2007-09-29 28.2 HESS J1809-193 10.3 -0.3 1,2,3,4

41954 2007-09-30 28.1 HESS J1809-193 11.5 0.4 1,2,3,4

41955 2007-09-30 28.2 HESS J1809-193 10.6 0.7 1,2,3,4
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41975 2007-10-01 28.1 HESS J1809-193 11.3 -0.5 1,2,3,4

41976 2007-10-01 28.1 HESS J1809-193 11.5 0.4 1,2,3,4

41992 2007-10-02 28.1 HESS J1809-193 10.3 -0.3 1,2,3,4

41993 2007-10-02 28.2 HESS J1809-193 11.3 -0.5 1,3,4

42076 2007-10-04 28.1 HESS J1809-193 10.6 0.7 1,2,3,4

42077 2007-10-04 28.1 HESS J1809-193 11.5 0.4 1,2,3,4

42117 2007-10-05 28.1 HESS J1809-193 10.3 -0.3 1,2,3,4

42147 2007-10-06 28.2 HESS J1809-193 11.3 -0.5 1,2,3,4

42170 2007-10-07 28.1 HESS J1809-193 10.6 0.7 1,2,3,4

42210 2007-10-08 28.2 HESS J1809-193 11.5 0.4 1,2,3,4

42237 2007-10-09 28.1 HESS J1809-193 10.3 -0.3 1,2,3,4

52498 2009-07-18 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

52530 2009-07-19 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

52552 2009-07-20 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

52555 2009-07-20 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

52578 2009-07-21 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

52579 2009-07-21 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

52580 2009-07-21 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

52599 2009-07-22 28.1 SGR 1806-20 9.4 -0.6 1,2,3

52604 2009-07-22 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

52628 2009-07-23 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

52629 2009-07-23 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

52654 2009-07-24 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

52655 2009-07-24 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

52656 2009-07-24 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

52675 2009-07-25 28.1 SGR 1806-20 10.6 0.1 1,2,3

52676 2009-07-25 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

52698 2009-07-26 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

52699 2009-07-26 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

52700 2009-07-26 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

52716 2009-07-27 28.2 SGR 1806-20 10.3 -0.9 1,3,4

52718 2009-07-27 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

52954 2009-08-11 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

52955 2009-08-11 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

52956 2009-08-11 28.1 SGR 1806-20 10.6 0.1 1,2,3,4
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52968 2009-08-12 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

52969 2009-08-12 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

52970 2009-08-12 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

53008 2009-08-13 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

53009 2009-08-13 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

53010 2009-08-13 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

53026 2009-08-14 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

53027 2009-08-14 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

53028 2009-08-14 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

53048 2009-08-15 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

53074 2009-08-16 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

53075 2009-08-16 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

53076 2009-08-16 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

53098 2009-08-17 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

53100 2009-08-17 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

53125 2009-08-18 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

53126 2009-08-18 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

53146 2009-08-19 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

53175 2009-08-20 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

53206 2009-08-21 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

53228 2009-08-22 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

58082 2010-06-05 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

58121 2010-06-06 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

58122 2010-06-06 25.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58145 2010-06-07 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

58146 2010-06-07 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58147 2010-06-08 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58167 2010-06-08 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

58168 2010-06-08 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58169 2010-06-09 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58197 2010-06-09 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

58198 2010-06-09 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58223 2010-06-10 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58224 2010-06-10 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

58256 2010-06-11 10.3 SGR 1806-20 10.3 -0.9 1,2,3,4
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58257 2010-06-11 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58258 2010-06-12 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58286 2010-06-12 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58287 2010-06-12 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58288 2010-06-12 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

58290 2010-06-13 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58315 2010-06-13 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58316 2010-06-13 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58317 2010-06-13 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58318 2010-06-14 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

58319 2010-06-14 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58348 2010-06-14 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58349 2010-06-14 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

58350 2010-06-14 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

58351 2010-06-15 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58352 2010-06-15 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

58373 2010-06-15 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

58374 2010-06-15 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58375 2010-06-15 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

58376 2010-06-16 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

58377 2010-06-16 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58396 2010-06-16 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58397 2010-06-16 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58398 2010-06-16 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

58399 2010-06-17 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

58423 2010-06-17 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

58448 2010-06-18 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

58450 2010-06-18 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

58467 2010-06-19 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

59206 2010-07-30 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59223 2010-07-31 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59224 2010-07-31 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

59225 2010-07-31 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59226 2010-07-31 13.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59237 2010-08-01 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4
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59238 2010-08-01 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59239 2010-08-01 27.8 SGR 1806-20 9.7 0.4 1,2,3,4

59240 2010-08-01 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

59255 2010-08-02 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59256 2010-08-02 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

59257 2010-08-02 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

59258 2010-08-02 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

59272 2010-08-03 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59273 2010-08-03 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59274 2010-08-03 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

59275 2010-08-03 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

59297 2010-08-04 28.2 SGR 1806-20 9.4 -0.6 1,2,4

59298 2010-08-04 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

59299 2010-08-04 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

59300 2010-08-04 28.2 SGR 1806-20 10.3 -0.9 1,2,3,4

59301 2010-08-04 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

59320 2010-08-05 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

59321 2010-08-05 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

59322 2010-08-05 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59345 2010-08-06 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59346 2010-08-06 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

59347 2010-08-06 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

59348 2010-08-06 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59369 2010-08-07 28.2 SGR 1806-20 9.4 -0.6 1,2,3,4

59376 2010-08-07 28.2 SGR 1806-20 10.6 0.1 1,2,3,4

59403 2010-08-08 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

59404 2010-08-08 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59405 2010-08-08 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59427 2010-08-09 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

59428 2010-08-09 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59429 2010-08-09 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59430 2010-08-09 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59431 2010-08-09 28.1 SGR 1806-20 9.7 0.4 1,2,3,4

59432 2010-08-09 28.1 SGR 1806-20 10.3 -0.9 1,2,4

59433 2010-08-09 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4
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59434 2010-08-09 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59435 2010-08-09 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

59436 2010-08-09 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59456 2010-08-10 28.1 SGR 1806-20 10.6 0.1 1,2,3,4

59457 2010-08-10 28.1 SGR 1806-20 9.4 -0.6 1,2,3,4

59483 2010-08-11 28.1 SGR 1806-20 10.3 -0.9 1,2,3,4

59513 2010-08-12 28.2 SGR 1806-20 9.7 0.4 1,2,3,4

Table D.5: Full table of observations for the H.E.S.S. II phase with the
std ImPACT fullEnclosure configuration. OBS ID is the identifier for the ob-
servation. The observation time is listed along with the object which the obser-
vations are for. The pointing position is given by GLON PNT and GLAT PNT, for the
telescopes listed in TELLIST.

OBS ID Date Observation Object GLON PNT GLAT PNT TELLIST

Time (min) (deg) (deg)

86512 2013-07-13 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

86513 2013-07-13 28.0 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

86514 2013-07-13 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

86917 2013-07-26 25.2 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

86965 2013-07-28 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

86966 2013-07-28 28.0 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

86967 2013-07-28 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

87056 2013-07-31 28.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

87057 2013-07-31 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

87058 2013-07-31 17.4 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

87080 2013-08-01 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

87081 2013-08-01 28.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

87118 2013-08-02 28.0 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

87119 2013-08-02 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

87120 2013-08-02 18.8 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

87149 2013-08-03 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

87150 2013-08-03 28.0 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

87151 2013-08-03 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

87191 2013-08-04 28.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4
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87192 2013-08-04 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

87343 2013-08-08 28.0 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

87846 2013-08-24 18.1 FermiPSR J1809-2332 7.8 -1.8 1,3,4

87847 2013-08-24 28.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

87893 2013-08-25 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

87926 2013-08-26 15.4 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

87927 2013-08-26 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

88032 2013-08-28 28.0 FermiPSR J1809-2332 7.2 -1.6 1,3,4

88033 2013-08-28 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

88230 2013-09-01 28.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

88231 2013-09-01 28.0 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

89005 2013-09-21 28.1 FermiPSR J1809-2332 7.8 -1.8 1,2,3,4

89030 2013-09-22 18.0 FermiPSR J1809-2332 7.0 -2.2 1,2,3,4

89031 2013-09-22 28.0 FermiPSR J1809-2332 7.6 -2.4 1,2,3,4

89038 2013-09-22 21.9 FermiPSR J1809-2332 7.2 -1.6 1,2,3,4

96233 2014-06-24 28.0 HESS J1804-216 7.8 -0.4 1,2,3,4

96320 2014-06-26 11.9 HESS J1804-216 9.0 0.3 1,2,3

96400 2014-06-28 28.0 HESS J1804-216 9.0 0.3 1,2,3,4

96468 2014-06-30 27.6 HESS J1804-216 8.1 0.6 1,2,3,4

96498 2014-07-01 28.0 HESS J1804-216 8.7 -0.6 1,2,3,4

97173 2014-07-22 28.0 HESS J1804-216 9.0 0.3 1,2,3,4

97483 2014-07-29 28.0 NGC 6440 8.1 3.2 1,2,3,4

97616 2014-08-03 27.4 HESS J1804-216 7.8 -0.4 1,2,3,4

98298 2014-08-24 28.0 HESS J1804-216 8.1 0.6 1,2,3,4

98299 2014-08-24 28.0 HESS J1804-216 8.7 -0.6 1,2,3,4

98439 2014-08-27 14.9 HESS J1804-216 7.8 -0.4 1,2,3,4

99135 2014-09-10 16.7 NGC 6440 8.1 3.2 2,3,4

99174 2014-09-11 28.0 HESS J1804-216 7.8 -0.4 2,3,4

99190 2014-09-11 28.0 HESS J1804-216 9.0 0.3 1,2,3,4

99203 2014-09-11 21.7 HESS J1804-216 8.1 0.6 1,2,3,4

99406 2014-09-17 28.0 HESS J1804-216 8.7 -0.6 2,3,4

99567 2014-09-20 24.9 HESS J1804-216 7.8 -0.4 2,3,4

99685 2014-09-25 18.7 NGC 6440 8.1 3.2 2,3,4

100043 2014-10-11 28.0 HESS J1804-216 8.1 0.6 1,2,3,4

100085 2014-10-12 28.0 HESS J1804-216 8.7 -0.6 1,2,3,4
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100213 2014-10-16 28.0 HESS J1804-216 7.8 -0.4 1,2,3,4

100247 2014-10-17 28.0 HESS J1804-216 9.0 0.3 1,2,3,4

100288 2014-10-18 28.0 HESS J1804-216 8.1 0.6 1,2,3,4

100316 2014-10-19 18.4 HESS J1804-216 8.7 -0.6 1,2,3,4

100343 2014-10-20 20.4 HESS J1804-216 7.8 -0.4 2,3,4

100378 2014-10-21 28.0 HESS J1804-216 9.0 0.3 1,2,3,4

Table D.6: Full table of observations for the H.E.S.S. IU phase with the
std ImPACT fullEnclosure configuration. OBS ID is the identifier for the ob-
servation. The observation time is listed along with the object which the obser-
vations are for. The pointing position is given by GLON PNT and GLAT PNT, for the
telescopes listed in TELLIST.

OBS ID Date Observation Object GLON PNT GLAT PNT TELLIST

Time (min) (deg) (deg)

129975 2017-05-04 28.0 ToO20170503A 11.4 -1.1 1,2,3

149655 2019-05-30 27.3 W28 region center 6.8 0.1 1,2,3,4

149766 2019-06-01 28.0 W28 region center 5.6 -0.6 1,2,3,4

149767 2019-06-01 28.0 W28 region center 6.5 -0.9 1,2,3,4

149768 2019-06-01 28.0 W28 region center 5.8 0.3 1,2,3,4

149769 2019-06-01 28.1 W28 region center 6.8 0.1 1,2,3,4

149770 2019-06-01 28.0 W28 region center 5.6 -0.6 1,2,3,4

149814 2019-06-02 28.0 W28 region center 5.8 0.3 2,3,4

149815 2019-06-02 28.0 W28 region center 6.8 0.1 2,3,4

149858 2019-06-03 28.0 W28 region center 6.5 -0.9 1,2,3,4

149859 2019-06-03 28.0 W28 region center 5.8 0.3 1,2,3,4

149860 2019-06-03 28.0 W28 region center 5.6 -0.6 1,2,3,4

149861 2019-06-03 28.0 W28 region center 6.8 0.1 1,2,3,4

149862 2019-06-03 22.3 W28 region center 6.5 -0.9 1,2,3,4

149863 2019-06-03 11.2 W28 region center 6.5 -0.9 1,2,3,4

149898 2019-06-04 28.0 W28 region center 6.5 -0.9 1,2,3,4

149899 2019-06-04 28.0 W28 region center 5.6 -0.6 1,2,3,4

149900 2019-06-04 28.0 W28 region center 5.8 0.3 1,2,3,4

149901 2019-06-04 28.0 W28 region center 6.5 -0.9 1,2,3,4

149902 2019-06-04 24.6 W28 region center 5.6 -0.6 1,2,3,4
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149950 2019-06-05 28.0 W28 region center 6.8 0.1 1,2,3,4

149951 2019-06-05 28.0 W28 region center 5.8 0.3 1,2,3,4

149952 2019-06-05 28.0 W28 region center 6.5 -0.9 1,2,3,4

149953 2019-06-05 28.0 W28 region center 5.6 -0.6 1,2,3,4

149954 2019-06-05 28.0 W28 region center 6.8 0.1 1,2,3,4

150008 2019-06-06 28.0 W28 region center 5.8 0.3 2,3,4

150009 2019-06-06 28.0 W28 region center 6.5 -0.9 2,3,4

150010 2019-06-06 28.0 W28 region center 5.6 -0.6 2,3,4

150065 2019-06-07 28.0 W28 region center 6.8 0.1 1,2,3,4

150066 2019-06-07 28.0 W28 region center 5.8 0.3 1,2,3,4

150067 2019-06-07 28.0 W28 region center 6.5 -0.9 1,2,3,4

150069 2019-06-07 28.0 W28 region center 5.6 -0.6 1,2,3,4

150107 2019-06-08 28.0 W28 region center 6.8 0.1 1,2,3,4

150108 2019-06-08 28.0 W28 region center 5.8 0.3 1,2,3,4

150109 2019-06-08 28.0 W28 region center 6.5 -0.9 1,2,3,4

150143 2019-06-09 21.0 W28 region center 5.6 -0.6 1,2,3,4

150144 2019-06-09 28.0 W28 region center 6.8 0.1 1,2,3,4

150145 2019-06-09 23.0 W28 region center 5.8 0.3 1,2,3,4

150147 2019-06-09 28.0 W28 region center 6.5 -0.9 1,2,3,4

150189 2019-06-10 28.0 W28 region center 5.6 -0.6 1,2,3,4

150190 2019-06-10 28.0 W28 region center 6.8 0.1 1,2,3,4

150191 2019-06-10 28.0 W28 region center 5.8 0.3 1,2,3,4

150192 2019-06-10 28.0 W28 region center 6.5 -0.9 1,2,3,4

150193 2019-06-10 28.0 W28 region center 5.6 -0.6 1,2,3,4

150194 2019-06-10 28.0 W28 region center 6.8 0.1 1,2,3,4

150244 2019-06-11 28.0 W28 region center 5.8 0.3 1,2,3,4

150245 2019-06-11 28.0 W28 region center 6.5 -0.9 1,2,3,4

150308 2019-06-12 28.0 W28 region center 5.6 -0.6 1,2,3,4

150309 2019-06-12 28.0 W28 region center 6.8 0.1 1,2,3,4

150310 2019-06-12 28.0 W28 region center 6.5 -0.9 1,2,3,4

150362 2019-06-13 28.0 W28 region center 5.8 0.3 1,2,3,4

150363 2019-06-13 28.0 W28 region center 6.5 -0.9 1,2,3,4
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