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Abstract

To date more than 1500 exoplanets have been discovered. A large number of these are hot
Jupiters, Jupiter-sized planets orbiting < 0.1 au from their parent stars, due to limitations in
observational techniques making them easier to detect than smaller planets in wider orbits. This
is also, for the same reasons, the class of exoplanets with the most observational constraints.
Due to the very large interaction between these planets and their parent stars they are believed
to be tidally locked, causing a large temperature contrast between the permanently hot day side

and colder night side.

There are still many open questions about these planets. Many are observed to have inflated
radii, i.e. the observed radius is larger for a given mass than evolutionary models predict. A
mechanism that can transport some of the stellar heating into the interior of the planet may be
able to explain this. The presence of hazes or clouds has been inferred on some planets, but their
composition and distribution remain unknown. According to chemical equilibrium models TiO
and VO should be present on the day side of the hottest of these planets, but these molecules
have not yet been detected. Cold traps, where these molecules condense out on the night side,
have been suggested to explain this. The efficiency of the heat redistribution from the day side
to the night side has been found to vary significantly between different planets; the mechanism
behind this is still unknown.

To begin to answer many of these questions we need models capturing the three-dimensional
nature of the atmospheres of these planets. General circulation models (GCMs) do this by
solving the equations of fluid dynamics for the atmosphere coupled to a radiative transfer
scheme. GCMs have previously been applied to several exoplanets, but many solve simplified
fluid equations (shallow water or primitive equations) or highly parametrised radiation schemes
(temperature-forcing, gray or band-averaged opacities). We here present an adaptation of the
Met Office Unified Model (UM), a GCM used for weather predictions and climate studies for
the Earth, to hot Jupiters. The UM solves the full 3D Euler equations for the fluid, and the
radiation scheme uses the two-stream approximation and correlated-k method, which are state
of the art for both Earth and exoplanet GCMs. This makes it ideally suited for the study of hot
Jupiters.

An important part of this work is devoted to the adaptation of the radiation scheme of

the UM to hot Jupiters. This includes calculation of opacities for the main absorbers in these
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atmospheres from state-of-the-art high temperature line lists, the calculation of k-coefficients
from these opacities, and making sure all aspects of the scheme perform satisfactorily at high
temperatures and pressures. We have tested approximations made in previous works such as the
two-stream approximation, use of band-averaged opacities and different treatments of gaseous
overlap. Uncertainties in current models, such as the lack of high temperature line broadening
parameters for these atmospheres, are discussed.

We couple the adapted radiation scheme to the UM dynamical core, which has been tested
independently. Our first application is devoted to one of the most well-observed hot Jupiters,
HD 209458b. Differences between previous modelling works and our model are discussed, and we
compare results from the full coupled model with results obtained using a temperature-forcing
scheme.

We have also developed a tool to calculate synthetic phase curves, and emission and trans-
mission spectra from the output of our 3D model. This enables us to directly compare our model
results to observations and test the effect of various parameters and model choices on observable

quantities.
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Chapter 1

Introduction

The first extrasolar planet, or exoplanet for brevity, discovered orbiting a Sun-like star was
51 Pegasi b orbiting 51 Pegasi (Mayor & Queloz 1995). The field of exoplanet research has
since become one of the major fields in astronomy. To date, more than 1500 exoplanets have
been confirmed!, and a large fraction of these are, due to observational bias, very large planets
orbiting very close to their parent star. We call these planets “hot Jupiters”, since they are
about the size of Jupiter, but are much hotter due to their close orbital distance, less than 0.1 au
from their parent star. These planets are thought to have tidally locked circular orbits due to
strong tidal interactions between the planets and their parent stars (for a review see Baraffe et al.
2010), and experience intense irradiation yielding a significant temperature contrast between the
(permanent) day side and night side. Winds in the atmosphere of these planets are therefore

expected to transport heat from the day side to the night side.

This thesis is devoted to developing a numerical tool to study the climates of hot Jupiters.
As a starting point we use Met Office Unified Model (UM), a 3D global circulation model
(GCM) developed by the UK Met Office for weather prediction and climate research for the
Earth. Significant adaptation was needed in order to apply the UM to hot Jupiters. Most of this
thesis details the adaptation and subsequent testing of the UM radiation scheme, responsible for
calculating how much of the stellar irradiation is converted into heat in the atmosphere, and
how much is re-emitted as thermal radiation. We apply our adapted hot Jupiter climate model
to the hot Jupiter HD 209458b in Chapter 6.

Here we introduce the field of exoplanet atmosphere characterisation. We begin by discussing
how observations of these very remote planets are made and how constraints on their atmospheres
are obtained. Modelling of these atmospheres is discussed, with a particular emphasis on
dynamical modelling, the topic of this work. Next we discuss open questions in the field and
goals of the current work. Lastly, a chapter overview is provided with a statement of contribution

to co-authored papers.
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1.1 Hot Jupiter detection methods

Many different techniques are used to detect and characterise exoplanets (Wright & Gaudi 2013).
The two most common methods used to detect hot Jupiters are the radial velocity method (e.g.
Mayor & Queloz 1995), which measures the Doppler shift in the stellar light caused by one or
more orbiting planets, and the transit method, where the planet transits in front of the star, as
seen from Earth, causing an apparent reduction of the brightness of the star (e.g. Charbonneau
et al. 2000; Henry et al. 2000). Both of these methods are most sensitive to massive or large
planets orbiting close to their parent star, and we will discuss these methods in more detail in
Sections 1.1.1 and 1.1.2.

Other exoplanet detection methods include direct imaging and gravitational microlensing.
Direct imaging, as the method’s name suggests, directly images planets by masking out the
star (e.g. Marois et al. 2008) and is consequently most sensitive to large young (warm) planets
orbiting > 10au from low-mass stars. When a star passes in front of a background star, as
seen from Earth, the gravitational field of the foreground star can act as a lens magnifying
the background star. If the foreground star has a planetary companion it will further distort
the light for a short time. This technique is called gravitational microlensing (e.g. Beaulieu
et al. 2006). It is most sensitive to planets orbiting within 1au to 10 au of their parent star. We
restrict the discussion here to the radial velocity and transit methods as hot Jupiter detections

are dominated by these two techniques.

1.1.1 The radial velocity method

The first exoplanet orbiting a Sun-like star, 51 Peg b, was detected using the radial velocity
method (Mayor & Queloz 1995). The motion of a star caused by orbiting planets causes a
Doppler shift of the light emitted by the star. After accounting for the absolute velocity of the
system relative to the Earth, as the star moves towards the Earth the light will be blue-shifted,
while if it moves away from the Earth the light will be red-shifted. This is illustrated in Fig. 1.1.


http://www.nasa.gov/audience/formedia/telecon-20071106/4.html
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By observing individual atomic lines in the stellar spectrum it is possible to measure how
much the stellar light has been shifted and consequently the relative velocity of the star. The
orbital period can be obtained from the period of the radial velocity signal, while the amplitude
of the radial velocity depends on the planet mass M. Since only the component of the star
velocity directed towards the Earth can be measured, however, only a lower estimate can be
obtained for the total velocity of the star. Consequently, only a lower constraint on the planet
mass can be obtained. The mass measured with the radial velocity method is M, sin4, where ¢
is the inclination defined as the angle between the normal to the orbital plane of the star and
the line of sight between the Earth and the star. If i = 90° the star moves perpendicular to the
plane of the sky, while for ¢ = 0° the star moves parallel to the plane of the sky. The actual
mass of the planet can therefore only be determined if the inclination is known. Fortunately it
is possible to measure the inclination in some cases; we return to this in Section 1.1.2.

Many planets have been detected using the radial velocity method (see e.g. Bonlfils et al.
2013), and even multi-planet systems have been discovered using this method (Butler et al. 1999;
Fischer et al. 2003). Its true power becomes evident when combined with the transit method

discussed below, where the inclination can be constrained.

1.1.2 The transit method

If the orbital inclination ¢ is close to 90° then the planet will transit in front of its parent star as
seen from Earth, causing a slight, regular, reduction in the stellar brightness. If this reduction is
large enough, i.e. if the star is small and/or the planet is large, this dip in brightness can be
observed. We illustrate this in Fig. 1.2. The bigger the reduction in stellar brightness, the easier
the planet is to detect, and consequently this method is most sensitive to large planets orbiting
small stars. The dip in brightness is proportional to the area of the stellar disk blocked out by
the planet relative to the total area of the stellar disk, i.e. R123 /R2. Here, R, is the apparent
radius of the planet and R, is the radius of the parent star. Provided R, is known it is possible
to derive a radius for the planet. In addition, the inclination ¢ discussed above can be derived
since it greatly affects the light curve, the observed stellar brightness as a function of time.
The first planet detected with the transit method was HD 209458b (Charbonneau et al.
2000; Henry et al. 2000). Since then a large number of planets has been found through both
ground-based projects like WASP (Pollacco et al. 2006) and the space-based NASA Kepler
mission (Borucki et al. 2010). Combined with the radial velocity method, it becomes possible
to obtain both the mass and radius of an exoplanet, which in turns yields a bulk density (see
e.g. Charbonneau et al. 2000; Henry et al. 2000; Mazeh et al. 2000). The orbital period can
be constrained from the radial velocity curve and the transit frequency, and if the planet is
tidally locked this also yields the rotation period of the planet. In summary, combined these
detection methods give us planet mass, radius, bulk density, orbital period, and potentially

rotation period, providing initial constraints on the compositions of these planets.
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Intriguingly, many hot Jupiters have been found to be very inflated. In Fig. 1.3 we show the
planet radius as a function of mass, which clearly shows that many planets, even though they
are about the mass of Jupiter, can have a radius almost twice that of Jupiter. The amount of
inflation appears to be correlated with the amount of irradiation received by the planet from its
parent star (Weiss et al. 2013), but taking this intense irradiation into account in evolutionary
models has been found to be insufficient to explain these large radii (Baraffe et al. 2010). The
mechanism by which the inflation is supported remains elusive, though many theories exist such
as vertical transport of kinetic energy, tidal dissipation, and Ohmic dissipation (Baraffe et al.
2010; Batygin & Stevenson 2010).

1.2 Observational constraints of hot Jupiter atmospheres

In this section we discuss how hot Jupiter atmospheres are characterised and what we can infer

about their atmospheres from observations. We keep the review here focused on hot Jupiter
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atmospheres. For general reviews of exoplanet atmospheres see e.g. Madhusudhan et al. (2014)
and Seager & Deming (2010).

1.2.1 Transmission and emission spectra

The transit method discussed in Section 1.1.2 not only allows for the detection of exoplanets,
but also characterisation of their atmospheres. The first detection of an exoplanet atmosphere
was made by Charbonneau et al. (2002) by observing the change in RI% /R? during a transit as
a function of wavelength for HD 209458b. If a transiting planet has an atmosphere, some of
the stellar light will be absorbed or scattered by particles in the atmosphere. The amount of
absorbed and scattered light will depend on which particles are present in the atmosphere. Each
particle’s behaviour is a function of wavelength, and they will therefore imprint their signature
on the light received at Earth as changes in RIQ) /R? with wavelength. This technique is called
transmission spectroscopy.

Thus the transit method gives us a way to determine the composition of exoplanet atmospheres.
By comparing to atmosphere models it is possible to get estimates for temperatures as well, but
it is important to note that transmission spectroscopy only probes the limb of the planet. Also,
these objects are not spatially resolved in the sky so only an average of the conditions around
the limb can be obtained. Despite this, transmission spectroscopy has been proved extremely
valuable in the characterisation of exoplanet atmospheres.

Charbonneau et al. (2002) found an absorption peak around a wavelength of 589.3 nm, which
is the wavelength of a sodium absorption doublet, as predicted to be observable by Seager &
Sasselov (2000). This sparked an explosion in the field of exoplanet atmosphere characterisation.
Suddenly it was possible to begin to characterise the atmospheres of planets outside our own
solar system. Sodium and potassium have been detected on many hot Jupiters (Redfield et al.
2008; Sing et al. 2011, 2012, 2015; Snellen et al. 2008). These alkali metals have very strong
absorption features in narrow wavelength regions and are therefore detectable even though less
abundant than other gases. We show an example transmission spectrum in Fig. 1.4, obtained by
Sing et al. (2015), for WASP-31b showing absorption by potassium and possibly sodium.

Water has been detected in the atmosphere of HD 209458b (Deming et al. 2013), HAT-P-1b
(Wakeford et al. 2013) and HD 189733b (McCullough et al. 2014) using transmission spectroscopy.
Tinetti et al. (2007) originally claimed detection of water absorption in the transmission spectrum
of HD 189733b, but this was later debated (Désert et al. 2009; Sing et al. 2009), and it should be
noted that the original detection was only based on three data points with large uncertainties.

These atmospheres are, from chemical equilibrium calculations assuming solar elemental
abundances, expected to be composed mainly of Hy and He. As discussed in Section 3.1.4 these
are very weak absorbers, causing the heating budget to be dominated by trace gases such as
H,0, CO, CHy, NH3, Na and K (Burrows & Sharp 1999). As these species are strong absorbers

the above mentioned detections are in agreement with expectations from models.



24 CHAPTER 1. INTRODUCTION

Another event that provides information about the planet’s atmosphere is when the planet is
eclipsed by the star. It then becomes possible to disentangle the amount of light emitted by the
star, and the reflected and emitted light by the planet atmosphere, enabling the measurement of
planet brightness temperatures. This was first done by Deming et al. (2005), who measured
the infrared radiation emitted by HD 209458b immediately before secondary transit, making
it possible to obtain a brightness temperature for the day side of this planet. In principle it
is possible to detect molecular signatures from day side emission spectra. The reduction of
brightness during secondary transit is very small, about an order of magnitude smaller than
during primary transit, making high precision measurements difficult. Many of the claimed
detections of molecular absorption or emission in day side emission spectra from broad-band
photometry (see e.g. Swain et al. 2009) have later been disputed (Hansen et al. 2014). Even
so, molecular signatures have been detected in the atmospheres of some planets using high
resolution secondary eclipse measurements (see e.g. Birkby et al. 2013; Brogi et al. 2012).

The presence of clouds (used interchangeably with haze, dust and aerosols in the literature)
was first inferred on HD 189733b from transmission spectroscopy through a strong increase in
the apparent radius at small wavelengths (Pont et al. 2008, 2013). The behaviour is similar to
that expected by Rayleigh scattering, which indicates small particle sizes. Clouds have also been
invoked for other exoplanets in order to explain observations of featureless spectra (Gibson et al.
2013), muted molecular absorption features (Deming et al. 2013), or Rayleigh scattering-like
slopes (Sing et al. 2013) in transmission spectra. The transmission spectrum in Fig. 1.4 shows
such a Rayleigh scattering-like slope at short wavelengths. Understanding clouds in exoplanet
atmospheres is very much in its infancy as composition and distribution remain unknown.

Measuring the day side emission of HD 209458b between 3.6 pm to 8.0 pm, Knutson et al.
(2008) found that standard atmosphere models did not fit the data particularly well and suggested
the presence of a thermal inversion layer (increasing temperature with height). TiO and VO was
suggested as a potential cause of this inversion as they are strong absorbers of visible radiation
and, according to equilibrium chemistry, should be present at temperatures = 1800 K. However,
a reanalysis of all available Spitzer secondary-eclipse data performed by Diamond-Lowe et al.
(2014) found that it was unnecessary to introduce a temperature inversion in order to fit the day
side emission data to models. TiO and VO have yet to be detected in the atmospheres of these
planets (Hoeijmakers et al. 2014; Huitson et al. 2013; Sing et al. 2013). We will come back to

this discussion in Section 1.4.4.

1.2.2 Phase curves

As a planet orbits its parent star, the part of the planet disk illuminated by the parent star
as seen from Earth will vary. At primary transit the night side of the planet faces the Earth
while at secondary transit only the day side is visible. Since these planets are believed to be

tidally locked (Baraffe et al. 2010) temperature, and therefore the planet brightness, is expected
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Figure 1.4: Transmission spectrum of WASP-31b showing potassium and possibly sodium absorption
and a Rayleigh scattering-like slope at short wavelengths. The vertical axis is the apparent planet to
star radius, which has been converted to atmospheric scale heights H = kT'/ug on the right where & is
Boltzmann’s constant, T is the temperature, p is the mean molecular weight and g is the gravity. Peaks
in the planet to star radius correspond to absorption maxima caused by atoms, molecules or clouds in
the atmosphere. The drawn lines are model predictions discussed in more detail in Section 1.3.1. From
Sing et al. (2015): Sing, D. K.; Wakeford, H. R.; Showman, A. P. et al.: HST hot-Jupiter transmission
spectral survey: detection of potassium in WASP-31b along with a cloud deck and Rayleigh scattering,
MNRAS, 2015, 446, 2428-2443, Fig. 12.

to vary significantly between the day and night side. By observing the evolution of the planet
brightness between primary and secondary transit, called the phase curve, it is possible to obtain
an estimate of the temperature distribution on these planets. This was first done by Knutson
et al. (2007a) for HD 189733b, and later generalised to obtain a two-dimensional temperature
map of the same planet by Majeau et al. (2012). As an example we show the phase curve from
Knutson et al. (2007a) in Fig. 1.5. The observed brightness is seen to increase towards an orbital

phase of 0.5, the position of secondary eclipse, as the planet day side comes into view.

Phase curves are extremely valuable in order to constrain the amount of heat redistribution
between the day and night side of these planets. These measurements are unfortunately difficult
and expensive to obtain since they require continuous observation of the same target for several

days and also require a high level of signal-to-noise. Despite this, phase curves have now


http://dx.doi.org/10.1093/mnras/stu2279

26 CHAPTER 1. INTRODUCTION

a 1.01¢ : : : : T T
E PO g s NN PAINPEGINHODY, A, E
1.00 F Co e =
< E M ]
2 E
2 0.99F ’ E
§ E RN 31
Q
14 F . ]
osef ;
Figure 1.5: 8pum phase curve for :
8 P b 097

HD 189733b. The primary and second-
ary transits are located at orbital phase
0 and 0.5, respectively. Brightness in-
creases towards secondary eclipse as the
planet day side comes into view. From

1.003 £

1.002

Relative flux

Knutson et al. (2007a): Knutson, H. A; 1.001 E

Charbonneau, D.; Allen, L. E. et al.: 3
A map of the day-night contrast of the 1000 = = = == = = = = = = — — el
extrasolar planet HD 189733b, Nature, 0 999; . . . . . .
2007, 447, 183-186, Fig. 1. Reprinted 1 00 01 02 03 04 05 06
with permission from NPG. Orbital phase

been obtained for multiple planets. Knutson et al. (2007a) obtained a longitudinal brightness
temperature map of HD 189733b, which we reproduce in Fig. 1.6, from the 8 pm phase curve.
They found a hotspot shifted slightly eastward, (16 + 6)°, of the substellar point (the middle of
the temperature map), which is taken as an indication of winds transporting heat from the day
side to the night side of this planet. This was further supported by the modest temperature
contrast. They estimate a minimum and maximum brightness temperature of (793 £ 33) K and
(1212 £+ 11) K, much lower than what is expected without redistribution for a tidally locked
planet. The phase curve for HD 189733b at other wavelengths has also been obtained (Knutson
et al. 2009, 2012), confirming the findings of a modest day-night temperature contrast.

Other planets with measured phase curves are WASP-18b (Maxted et al. 2013), Kepler-
7b (Demory et al. 2013), Kepler-13Ab (Shporer et al. 2014), HD 209458b (Zellem et al. 2014) and
WASP-43b (Stevenson et al. 2014). Generally, the hotspot is found to be shifted eastward of the
substellar point at infrared wavelengths, but the degree of offset, brightness temperatures and
temperature contrasts vary. For example, contrary to HD 189744b, WASP-18b seems to have
little redistribution of heat between its day and night side with a day side brightness temperature
at infrared wavelengths of over 3000 K (Nymeyer et al. 2011). For Kepler-7b and Kepler-13Ab
phase curves are available at visible wavelengths, and a westward shift of the brightest point in
the atmosphere is found (Demory et al. 2013; Shporer et al. 2014). This is interpreted as the
presence of high-altitude reflective clouds on the day side located westward of the substellar

point. The composition of these clouds is, however, not known.
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1.2.3 The planet radial velocity signal

The traditional radial velocity method discussed in Section 1.1.1 relies on observing the Doppler
shift in the stellar light due to the presence of an orbiting planet. It is also possible to measure
the radial velocity shift of molecular lines in the atmospheres of some planets. Snellen et al.
(2010) measured the Doppler shift of CO lines in the transmission spectrum of HD 209458b
and found a blue-shift of the signal of 2km/s, which they interpreted as an indication of a
strong wind flowing from the day side to the night side of the planet. To date this is the only
measurement of a wind velocity on an exoplanet.

In summary, hot Jupiters have been found to be very diverse. Some are hotter than others,
many of them may have clouds of unknown composition, and some of them are inflated while
others are not. Observations give us detections of absorbers and temperature maps, and
atmosphere models are needed in order to understand these observations. A large number of
models with varying complexity has been developed. In the next sections we discuss some of
these models, with a particular emphasis on dynamical models as this is the topic of the current

work.

1.3 One-dimensional models of hot Jupiter atmospheres

Here we will review some of the modelling work that has been done in order to understand
hot Jupiter atmospheres. We begin by discussing one-dimensional (1D) radiative-convective
equilibrium models: the first models that were applied to hot Jupiters. These models have

sophisticated treatments of radiation and chemistry, but approximate the atmosphere as static,
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i.e. in radiative-convective equilibrium. For reviews on 1D atmosphere modelling see Burrows
& Orton (2009) and Marley & Robinson (2014). Retrieval models, where information about a
planet’s atmosphere is obtained by fitting observations through an error minimization algorithm,

have also been applied to hot Jupiters. We discuss these models in more detail below.

1.3.1 Equilibrium models

Planets are thought to form through gravitational collapse, where material in the planet forming
disk around the parent star is slowly trapped by the increasing mass of planetary bodies.
Consequently, hot Jupiters are thought to have hot interiors where the gravitational energy from
the planet’s formation has been transformed into thermal energy. This energy is transported
outwards from the interior of the planet through convection. The stellar flux is absorbed in the
atmospheres of these planets where energy transport is dominated by radiation. The thermal
energy transported through convection is converted into radiation as it reaches the atmosphere
and is subsequently emitted to space. In equilibrium all these processes equate to zero net
heating, i.e. stellar heating, thermal emission and convective heat transport balance.

The first group of models we will discuss are radiative-convective equilibrium models. These
models assume that the atmosphere is spherically symmetric and can be represented by a
single radial column. They solve the radiative transfer equation combined with both a chemical
equilibrium scheme for abundances, and mixing length theory to account for convection. The
opacity databases used in these models are extensive, with several tens of absorbers. The first
synthetic transmission spectrum was obtained using such a model (Seager & Sasselov 2000).

At present there are two main groups whose 1D atmospheric models are used extensively
in the literature to interpret observations. One is that of Adam Burrows (Burrows et al. 2006;
Sudarsky et al. 2003), while the other is that of Jonathan Fortney (Fortney et al. 2005, 2008b).
Their models are quite similar as they make the same overall assumptions, but slightly different
opacity databases are used. The models of Burrows use the database described in Sharp
& Burrows (2007), while the models of Fortney use the database of Freedman et al. (2008).
Since these models are 1D, they incorporate a redistribution parameter f to reduce the stellar

irradiation. Only the planet disk, with area WRIQ), receives the stellar irradiation. The day

2
P’

the parameter f needed to match observations is often used to interpret the efficiency of heat

side of the planet has an area of 2R, and the entire planet an area of 47TR12). The value of
redistribution between the day and night side of hot Jupiters as discussed in Section 1.2.

As mentioned above, many planets seem to have spectroscopic features similar to those
expected of clouds. This is not surprising as clouds have been shown to be crucial when modelling
brown dwarfs (Marley et al. 2013) and solar system planets (Rossow 1978). Models applied to hot
Jupiters have, however, so far been mostly cloud free, and in order to fit observations additional
opacity is added to the models in ad-hoc ways (see e.g. Deming et al. 2013; Nikolov et al.

2014). This clearly illustrates the need to investigate the effect of clouds in these atmospheres.
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Cloud modelling is, however, a tricky subject that introduces many new unconstrained model
parameters. In this work we do not consider the effect of clouds.

In order to study phase dependent variables such as day-night contrasts with 1D models
Barman et al. (2005) applied the 1D atmosphere code Phoenix (Barman et al. 2001; Hauschildt
& Baron 1999) to atmospheric columns in a longitude-latitude grid for the planet HD 209458b.
They found that significant redistribution of heat was required to reproduce observations. Iro
et al. (2005) used a time-dependent 1D atmosphere code to study HD 209458b and derived
radiative timescales. They also mimicked atmospheric circulation by adding solid body rotation
and studied the longitudinal variation in the temperature structure of the planet.

Naturally, hot Jupiters are inherently three-dimensional (3D) time-dependent objects. The
attempts to take 3D time-dependent effects into account in static 1D atmosphere models clearly
illustrates the need for the development of proper 3D dynamical models. We discuss the

development of these models in some detail in Section 1.4.

1.3.2 Non-equilibrium models

As mentioned above, hot Jupiters orbit extremely close to their parent star and will therefore
receive a large amount of stellar irradiation. High energy photons may start to have an impact
on the chemistry in the upper atmospheres of these systems. In addition, vertical mixing of
absorbers may cause significant deviations from equilibrium abundances. Several studies of
non-equilibrium effects in hot Jupiter atmospheres have been performed (see e.g. Liang et al.
2003; Line et al. 2010; Zahnle et al. 2009), the most comprehensive of which is Moses et al.
(2011), who developed a 1D photochemical, thermochemical kinetics and diffusion model. The
non-equilibrium scheme was applied to fixed P-T profiles derived from either GCM simulations
or radiative-convective models of HD 189733b and HD 209458b, both of which assume chemical
equilibrium, to see if vertical mixing and photochemistry could noticeably change abundances.
They found that these processes can indeed modify abundances enough to produce observable
spectral signatures, particularly for the colder planet HD 189733b.

Venot et al. (2012) also developed a chemical network suitable to hot Jupiters, including
vertical mixing and photochemistry, and applied it to HD 189733b and HD 209458b using the
same P-T profiles as Moses et al. (2011). Qualitatively results are similar to those of Moses
et al., but some quantitative differences are found highlighting uncertainties in these chemical
schemes. The feedback on the thermal structure of these planets is still an open issue, but work
is underway to couple non-equilibrium chemistry schemes with 1D and 3D models.

Another equilibrium assumption used in all the above models is that of local thermodynamic
equilibrium (LTE). This greatly simplifies calculation of opacities and radiative transfer, as we
will discuss more in Chapters 2 and 3. Non-LTE effects could be important in the upper part
of irradiated planet atmospheres. Indeed some observational works invoke non-LTE effects to

explain the detection of strong emission features in hot Jupiters (see e.g. Waldmann et al. 2012),
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and there has been some work on modelling non-LTE effects in these atmospheres (Barman et al.
2002; Schweitzer & Hauschildt 2004). The significance of these effects still needs to be proven,

and it is beyond the scope of the present work to consider non-LTE effects.

1.3.3 Retrieval models

Another branch of 1D atmosphere models are based on retrieval techniques. These codes do not
normally solve for radiative-convective and chemical equilibrium, but use observational data to
constrain abundances and temperatures directly by minimising the error in synthetic spectra.
One example of such a code is NEMESIS (Irwin et al. 2008), which has been applied to both
solar system planets (e.g. Barstow et al. 2012) and exoplanets (e.g. Barstow et al. 2014; Lee et al.
2012, 2014). The retrieval model by Madhusudhan & Seager (2009) is slightly more restrictive
in that they require energy balance at the top of the atmosphere and a constant deviation from
chemical equilibrium. Line et al. (2013) compared different retrieval methods and found that
they generally agree for high signal-to-noise observations, but deviations were found performing
retrieval on low signal-to-noise data. We do not go into more details about retrieval schemes

here, but refer to the above mentioned publications for more details.

1.4 Dynamical models applied to hot Jupiter atmospheres

Hot Jupiters are dynamic, three-dimensional objects. Observations are beginning to probe
this as phase curves and wind velocities become accessible. One-dimensional models have
sophisticated radiation and chemistry schemes, but their treatments of dynamical processes and
horizontal temperature variations are crude. To interpret observations, investigate the accuracy
of assumptions in 1D equilibrium models and gain a better understanding of the atmospheres of
these planets, 3D dynamical atmosphere models have been developed. These models are called
global circulation models (GCMs), and are used for weather prediction and climate research for
the Earth, and have also been applied to other solar system planets such as Jupiter, Saturn,
Mars and Venus (see e.g. Hollingsworth & Kahre 2010; Lebonnois et al. 2011; Miiller-Wodarg
et al. 2006; Yamazaki et al. 2004, respectively). These models have less sophisticated radiation
and chemistry schemes than 1D models, but solve for the atmospheric flow explicitly, resolving
both horizontal and vertical dimensions.

GCMs include a dynamical core which solves an approximated version of the Navier-Stokes
equations, and a radiation scheme that calculates the radiative heating rate. The atmosphere is
discretised, often on a latitude-longitude grid, and the radiative transfer equation is solved for
vertical columns in the atmosphere.

The approximated version of the Navier—Stokes equations solved vary between different
models. Most GCMs applied to hot Jupiters solve the primitive equations (Heng et al. 2011;
Menou & Rauscher 2009; Showman et al. 2009; Showman & Guillot 2002; Thrastarson & Cho
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2010), where it is assumed that the atmosphere is (i) in hydrostatic equilibrium with constant
gravity and (ii) shallow compared to the radius of the planet (Vallis 2006). Some terms in the
horizontal momentum equations are also neglected in the primitive equations to ensure the
conservation of energy and momentum, this is called the traditional approximation (Vallis 2006).
The exception is Dobbs-Dixon & Lin (2008) and Dobbs-Dixon & Agol (2013), who solve the full
Navier—Stokes equations, and Mayne et al. (2014a) who solve the full Euler equations (the same
as the Navier—Stokes equations but without the viscosity term), with a height-varying gravity.
For inflated hot Jupiters (e.g. HD 209458b), the vertical extent of the atmosphere can be about
10 % of the planet radius, and it is therefore not certain if the primitive equations can be applied
to these atmospheres. The validity of these approximations to hot Jupiter atmospheres was
investigated in Mayne et al. (2014a), who found that deviations can occur especially for the
deeper atmosphere on long timescales (> 1200d, where 1d is an Earth day). For reviews of
GCMs applied to hot Jupiters see Showman et al. (2011) and Heng & Showman (2014).

The focus of this work is adapting the radiation scheme of an Earth GCM to hot Jupiter-like
atmospheres. Below we discuss the varying radiation schemes used in GCMs previously applied

to hot Jupiters.

1.4.1 Temperature-forcing

Showman & Guillot (2002) was the first to apply a GCM to a hot Jupiter atmosphere. The
radiation was parametrised by a simple temperature-forcing scheme. In such a scheme the
temperature is relaxed directly towards assumed equilibrium P-T profiles T,q on a radiative
time scale 7.,q. The P-T profiles and timescales used were estimated from simple analytical
arguments. They found that a broad eastward equatorial jet developed transporting heat from
the day side to the night side, with peak wind speeds of about 1.5km/s.

They also proposed what has become one of the main theories behind why many hot Jupiters
are inflated. A downward transport of kinetic energy, about 1% of the absorbed stellar flux, was
observed. This would be enough to affect the radius of the planet if deposited in the interior,
and we come back to this issue in Section 1.6.

Their study was extended in Cooper & Showman (2005) by introducing equilibrium P-T'
profiles and radiative timescales from Iro et al. (2005). They again found a broad eastward
equatorial jet with wind velocities exceeding 4 km/s, and perhaps more importantly, they found
an eastward shift of the hottest point in the atmosphere, as later observed in the hot Jupiter
HD 189733b (Knutson et al. 2007a). We reproduce a plot in Fig. 1.7 showing the equatorial jet
and hotspot offset.

Fortney et al. (2006a) used the results from Cooper & Showman (2005) to calculate synthetic
emission spectra and phase curves. They made several predictions for phase variations and
offsets, but in terms of absolute fluxes they found significant disagreement with observational
data available. This led Showman et al. (2008) to improve their model of HD 209458b and
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Figure 1.7: Temperatures (gray scale, light is hot and dark is cold) and winds (arrows) from a
temperature-forced GCM simulation of HD 209458b at 2.5 mbar, 220 mbar and 19.6 bar (from top to
bottom) after 5000d (Earth days) of simulation time. The substellar point is at zero latitude, zero
longitude. From Cooper & Showman (2005): Cooper, C. S. & Showman, A. P.: Dynamic Meteorology at
the Photosphere of HD 209458b, ApJL, 2005, 629, 1.45-1.48, Fig. 1. © AAS. Reproduced with permission.
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HD 189733b by calculating horizontal variations in equilibrium P-T' profiles and radiative
timescales with the 1D atmosphere code by Fortney et al. (2005, 2008b) not included in the
profiles by Iro et al. (2005). Comparison with available data was performed as in Fortney
et al. (2006a) by calculating synthetic emission spectra and phase curves. Agreement generally
improved, but large differences in the predicted and observed day side emission was found. At
most wavelengths their model underestimated emission at infrared wavelengths. For HD 189733b,
comparison was made with the 8 pm phase curve from Knutson et al. (2007a) and their model
was found to have a similar offset and maximum, but the minimum was underestimated by
about a factor of four.

Other groups have also applied GCMs to study atmospheric circulation on hot Jupiters.
The study of Cho et al. (2003, 2008) differ from those discussed above in that they use a 2D
one-layer model and initialise it with small-scale turbulence without direct forcing. They find
polar vortices and zonal jets with relatively small wind velocities compared to those found in e.g.
Showman et al. (2008). This difference is attributed to the forcing and initial condition, which
may be considered less realistic than those in Showman et al. (2008). We refer to the referred
papers for a more thorough discussion.

Menou & Rauscher (2009) and Rauscher & Menou (2010) presented two test cases designed
for intercomparison of hot Jupiter GCMs, which were later combined into a series of benchmark
tests (Heng et al. 2011). The setup in Rauscher & Menou (2010) is almost identical to that in
Cooper & Showman (2005), but a different GCM is used. General agreement is found, but small
differences do occur, which the authors suggest may be due to shocks, which are not properly
treated in any of these models. Polichtchouk et al. (2014) performed an intercomparison of five
GCMs used to study hot Jupiter atmospheres using temperature-forcing schemes and found that
all models performed qualitatively similarly, but there were some quantitative differences.

There is debate in the literature about whether or not initial conditions play a role in
these simulations. The general agreement is that these systems are so strongly forced that any
information about the initial condition will be lost after some time, but this is still under debate.
We refer to Liu & Showman (2013) and Thrastarson & Cho (2010) for a more detailed discussion.

1.4.2 Diffusive, grey and average opacity schemes

Dobbs-Dixon & Lin (2008) studied the effect of opacity on atmospheric flows on hot Jupiters.
Their radiation scheme is based on flux-limited diffusion combined with Rosseland mean opa-
cities and an imposed spatially varying temperature at the upper boundary. The diffusion
approximation is essentially the first order correction to a pure black-body flux, and is only
valid at large optical depths. Flux-limited diffusion is a slight variant of this designed to treat
the optically thin and thick limits correctly. They find that generally atmospheres with a large
opacity will exhibit larger day night temperature contrasts. Their flow patterns were similar to

that of Showman et al. (2008), which indicates that general flow patterns are not very sensitive
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to the exact model formulation.

Temporal variability of the atmospheric circulation on HD 209458b was studied in Dobbs-
Dixon et al. (2010). Their radiation scheme was improved over that in Dobbs-Dixon & Lin
(2008) by separating it into a stellar and thermal component and explicitly taking the irradiation
into account, still using flux-limited diffusion. They found that the night side is much more
prone to variability than the day side due to the very strong forcing. The coldest point in the
atmosphere can change by about 15% and shift in position by about 20°. The accuracy of
the radiation schemes in Dobbs-Dixon et al. (2010); Dobbs-Dixon & Lin (2008) applied to hot
Jupiter atmospheres have never been tested.

Dobbs-Dixon & Agol (2013) study the atmospheric circulation on HD 189733b, again
with an updated radiation scheme. Mean opacities have been replaced with band-averaged
opacities tabulated as a function of temperature and pressure, where the spectrum between
0.26 pm to 300 pym has been divided into 30 bands. The diffusion approximation has been
replaced by the two-stream approximation, which is a very common approximation in GCMs
and discussed in more detail in Chapter 2. Due to the inference of clouds in the atmosphere of
HD 189733b they also supplemented their frequency dependent opacity by a grey component
and a strong Rayleigh scattering-like component. It is important to note that this extra opacity
was included as absorption even though it is believed to be of a scattering nature. Synthetic
emission and transmission spectra, in addition to phase curves, were calculated and compared to
observations. Reasonably good agreement was found, though as with Showman et al. (2008) they
underestimate the 8 pm night side flux, while their day side fluxes are generally overestimated.
In Chapter 4 we test the accuracy of this radiation scheme.

Rauscher & Menou (2012) introduce a double-grey radiation scheme, one component for the
irradiation and one for thermal emission, and combine this with the two-stream approximation.
Their model of HD 209458b has flow patterns similar to that seen in other GCMs, but no

quantitative comparison is performed.

1.4.3 The two-stream approximation and the correlated-k method

To date the most sophisticated opacity treatment applied in a hot Jupiter GCM is the correlated-
k method, which we discuss in more detail in Section 3.4. Showman et al. (2009) combines
it with the delta-discrete ordinate method, a variant of the two-stream approximation, for
the stellar component and the two-stream source function technique (Toon et al. 1989) for
the thermal component, similar to the two-stream approximation but designed to be exact
in the no scattering limit. This radiation scheme is state-of-the art for the Earth, and solar
system and extrasolar planets. Showman et al. (2009) applied this new GCM, named the
SPARC/MITgcm, to HD 189733b and HD 209458b, and it has later been applied to a wide
variety of exoplanets (Kataria et al. 2014a,b, 2013; Lewis et al. 2010). These look at the effects

of eccentric orbits, composition and gravity. Here we briefly discuss the results from Showman
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et al. (2009) as they apply their GCM to HD 209458b, the same planet as we do in Chapter 6.

The model of HD 209458b presented in Showman et al. (2009) assumes solar metallicity
and allows TiO and VO to form. Consequently their day side develops a temperature inversion
around the sub-stellar point, but towards the limb of the planet the inversion disappears as
temperatures are too low for gas phase TiO and VO to exist. The day side is much hotter than
the temperature-forced models as they do not include effects of TiO and VO. Otherwise models
are qualitatively similar to the temperature-forced models with a broad equatorial jet. Some
deviations are seen in the day side emission spectrum when comparing to observations. Generally
the planet flux is overestimated, except at 4.5 pm and 5.8 pm, where the flux is underestimated.
It should be noted, however, that this comparison was made before the revision of the data
by Diamond-Lowe et al. (2014). Accounting for this, the 4.5 pm and 5.8 pm fluxes are in much
better agreement with observations.

Models of HD 189733b are also presented using solar and five times solar metallicity, but
do not include TiO and VO. For this planet phase curves were also available at the time of
publication, and consequently a more detailed comparison with observations is made. Increasing
the metallicity generally increases the day-night temperature contrast and consequently infrared
phase curve amplitudes. The five times solar metallicity model generally matches observations
better than the solar metallicity model. The night side 8 pm flux is, however, underestimated
in both cases, but much less so than in the temperature-forced models from Showman et al.
(2008) discussed above. Generally models with sophisticated radiation schemes (Showman
et al. 2009) compare better to observations than those obtained using temperature-forcing
schemes (Showman et al. 2008).

1.4.4 The presence of TiO and VO

One of the more controversial topics is whether or not TiO and VO are present in the atmospheres
of these planets. These molecules are strong absorbers of stellar irradiation and, if present, can
cause a temperature inversion in the atmospheres of these planets as discussed above. The
discussion started with observations of HD 209458b by Knutson et al. (2008) that seemed to
indicate a temperature inversion on the planet’s day side from its emission spectrum. This led
Fortney et al. (2008a) to classify hot Jupiters into two groups: those hot enough to have TiO
and VO and consequently a temperature inversion, and those that are not.

The revision of the emission spectrum from Knutson et al. (2008) by Diamond-Lowe et al.
(2014) removing the need for a temperature inversion in the atmosphere of HD 209458b to
explain the observations. In addition, the lack of a detection of TiO and VO (Hoeijmakers et al.
2014; Huitson et al. 2013; Sing et al. 2013) caused Parmentier et al. (2013) to investigate if TiO
and VO could be depleted due to cold traps. TiO and VO may condense and gravitationally
settle on the night side of these planets, which can cause the day side to become depleted of TiO

and VO. This mechanism can, however, be counteracted by atmospheric circulation. Parmentier



36 CHAPTER 1. INTRODUCTION

et al. (2013) used the SPARC/MITgem to investigate whether this cold trap could deplete TiO
from the atmosphere of HD 209458b. They found that if TiO condenses into particles larger
than a few microns gravitational settling can occur on the night side, keeping it from being
present on the day side.

The results of Showman et al. (2009) seem to suggest that the limb of HD 209458b is too
cold for TiO and VO to exist, and consequently they would not be observed in transmission
spectra. However, Fortney et al. (2010) find, using the results of Showman et al. (2009), that
the limb of the planet is still too hot, leading to a significantly overestimated opacity at visible
wavelengths.

Whether or not HD 209458b or other hot Jupiters have TiO and VO in their atmospheres is
still very much an open question. In Chapter 6 we run models of HD 209458b where we both do
and do not allow TiO and VO to form.

1.4.5 Ohmic dissipation and inflated hot Jupiters

Due to the very large temperatures in the atmospheres of hot Jupiters alkali metals can become
partly ionised, while at larger depths hydrogen ionisation will overtake that of alkali metals.
Similar to Jupiter in our own solar system these planets may have magnetic fields that interact
with the atmosphere, particularly the strong zonal jet, through the Lorentz force. lons carried
by this zonal jet may induce an inwards electrical current, which in turn may dissipate energy
by ohmic dissipation at depths large enough to affect the radius of the planet. This was first
proposed by Batygin & Stevenson (2010), and has been investigated in some detail (Heng 2012;
Huang & Cumming 2012; Rauscher & Menou 2013; Rogers & Komacek 2014; Rogers & Showman
2014; Wu & Lithwick 2013).

It is still unclear if ohmic heating can explain the inflated radii of hot Jupiters, the problem
being the presence of a magnetic field slowing down the zonal jet due to magnetic drag lowering
the inward electrical current. The consideration of magnetic effects is beyond the scope of this
work and we refer to Heng & Showman (2014) and the above cited papers for a more detailed

discussion.

1.5 Open questions in the field

As the discussion in this chapter indicates there are many features of hot Jupiter atmospheres
that are poorly understood. Whether or not some hot Jupiters have a temperature inversion in
their atmosphere is not clear. If they do not, then the absence of TiO and VO, which would
cause an inversion, must be explained.

How the heat redistribution efficiency varies between different planets, and how it is affected
by different parameters, is not known. As more observations of hot Jupiter atmospheres are

obtained statistical analysis becomes meaningful, and comparison with models will enable
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conclusions to made about the processes governing the redistribution. This will also be linked to
the offset of the hotspot from the substellar point and wind speeds.

The importance of non-equilibrium effects such as non-equilibrium chemistry and non-local
thermodynamic equilibrium (NLTE) has only just begun to be investigated. Similarly, the
understanding of clouds on hot Jupiters is in its infancy, and as yet clouds have not been
implemented in a GCM applied to hot Jupiters.

Models usually assume solar elemental abundances, but the metallicity is known to vary
between planets in the solar system and between stars (Baraffe et al. 2010). The metallicity
can therefore be expected to vary between hot Jupiters, which will have an impact on their
atmospheres as e.g. increased metallicity generally results in increased opacity.

One of the most long-standing issues is the inflation problem discussed in Section 1.1.2.
The amount of inflation seems to correlate with stellar irradiation, but the physical mechanism
through which inflation is sustained is not known. Several theories exist, some of them invoking
interaction between the planet interior and atmosphere. Further studies of this interaction are
required to resolve this issue.

Observations have so far not been of a sufficient quality to study the time variability of hot
Jupiters. Variability is taken as evidence for patchy clouds on brown dwarfs (Crossfield et al.
2014), and they may be expected to have similar effects on hot Jupiters.

These are only some of the many open questions about hot Jupiter atmospheres, but it is
clear that many of these cannot be answered by using 1D models. Atmospheric circulation is
inherently a 3D time-varying phenomenon that requires 3D time-dependent models to investigate.
Consequently, the need for GCMs applied to hot Jupiters has emerged. It is important to
emphasise that since these models are complicated results can be difficult to understand in detail.
A hierarchy of models, from 1D equilibrium to 3D dynamical models, will be needed in order
to improve our understanding of both hot Jupiter atmospheres and planetary atmospheres in

general.

1.6 Goals of the current work and impact

Here we present the adaptation of the UK Met Office GCM, the Unified Model (UM), to hot
Jupiters. This model is used for both weather prediction and climate research for the Earth, and
an earlier version of the one adopted here has been successfully applied to Jupiter (Yamazaki
et al. 2004) and Venus (Lee et al. 2005). The current version solves the full 3D Euler equations
with a height-varying gravity, i.e. the shallow atmosphere approximation has not been made
(see Section 5.1 for more details). It also allows for the shallow atmosphere and constant
gravity assumptions to be made by using logical switches. The UM will therefore be able to
test these assumptions for hot Jupiter-like atmospheres. In addition it incorporates a state-of-
the-art radiation scheme, the Edwards—Slingo (ES) radiation scheme, utilising the two-stream

approximation and the correlated-k£ method. This makes it ideally suited to study atmospheric
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circulation on hot Jupiters, but it has required significant adaptation as the Earth’s atmosphere
is very different from that of a hot Jupiter.

We have presented the adaptation of the dynamical core to hot Jupiter-like conditions in
Mayne et al. (2014a,b) using a temperature-forcing scheme and discuss some of these results
briefly in Chapter 6. There are several reasons for why we would like an accurate treatment of
radiation transport in our GCM over a temperature-forcing scheme: (i) The equilibrium P-T
profiles used in the forcing may have a limited accuracy; (ii) radiative timescales may also have
a limited accuracy and will vary in a non-trivial way as a function of latitude, longitude and
depth; (iii) the forcing parametrisation itself may not be physically realistic, though the use of
time-averaged equilibrium states when analysing model results may make this less of an issue;
and (iv) the model flexibility is poor since for each new planet modelled, the forcing must be
changed. As discussed in Section 1.4, the difference between temperature-forced models and
models with a sophisticated treatment of radiation can be large. The topic of the current work
is the adaptation of the radiation scheme, and in the last chapter we present results from the
hot Jupiter UM with the adapted radiation scheme.

One of the basic inputs to a radiation scheme is opacities. These opacities, which vary as a
function of pressure, temperature and wavelength, provide information about how much of the
radiation is converted into heat and how much is emitted thermally. The compositions of hot
Jupiters are thought to be molecular hydrogen and helium based, different from the oxygen and
nitrogen based atmosphere of the Earth. Consequently, the dominant atmospheric absorbers
will be different, causing the need to calculate opacities for the main absorbers in hot Jupiter
atmospheres. In addition, the temperatures are significantly higher on hot Jupiters than on the
Earth, which means that the databases of molecular absorption lines (line lists) used for the
Earth cannot be used for hot Jupiters as they are only valid up to about 400 K.

We present our calculation of opacities for the dominant absorbers in hot Jupiter atmospheres
from high temperature line lists in Chapter 3. This poses challenges since these line lists are
extremely large, and the ability to handle these large line lists without loss of significant data
becomes important. We present a way to speed up this calculation by using an adaptive cutoff
in the line list and show that the loss of accuracy is negligible while the speedup is about a
factor of 100. Additionally, parallelising our opacity calculation code using OpenMP and MPI
makes us capable of calculating opacities in a reasonable amount of time even for the largest
line lists available.

To calculate opacities, pressure broadened line widths are needed for a Ho and He dominated
atmosphere. How this is done is often not clear in the literature, and we present our sources of
pressure-broadened line widths and adaptation of them in detail. Using van der Waals broadening
theory to calculate line widths is shown to be inaccurate and we consequently adopt data mainly
collected from experiments performed at room temperature and pressure. We highlight the large
uncertainty in this data and the need to extrapolate line widths by an order of magnitude in

temperature and by a factor of three to four in rotational quantum number.
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In order to treat the complicated wavelength dependence of the opacities accurately in
GCMs, approximations must be made to reduce computation times. The correlated-k method
mentioned above provides a framework of doing this, and we discuss this method in more detail in
Section 3.4. The angular dependence of the radiative transfer equation must be simplified, which
is usually done by applying the two-stream approximation discussed in Chapter 2. Both the
two-stream approximation and the correlated-k method are widely used in GCM simulations of
the Earth (see e.g. Thomas & Stamnes 2002), and the literature on the methods’ applicability to
the Earth atmosphere and their accuracy is extensive (see e.g. Goody et al. 1989; Lacis & Oinas
1991; Meador & Weaver 1980; Mlawer et al. 1997; Toon et al. 1989; Zdunkowski et al. 1980).
They have both been found to yield results with satisfactory accuracy when comparing to more
accurate solutions obtained from e.g. discrete ordinate (DO), line-by-line (LbL) calculations
and when different schemes are compared through intercomparison projects (Collins et al. 2006;
Ellingson et al. 1991; Oreopoulos et al. 2012). They are, however, still under investigation
(Goldblatt et al. 2009) and are still one of the limiting factors of the accuracy of both weather
prediction and climate modelling.

The correlated-k method has also been used for retrieval analysis and characterisation of hot
Jupiter atmospheres (Irwin et al. 2008), and applied in model brown dwarf atmospheres (Burrows
et al. 1997). Brown dwarf atmospheres have many similarities with hot Jupiter atmospheres
(e.g. temperature range and composition), but local conditions are very different due to the
strong irradiation from the parent stars on hot Jupiters. There is a notable lack of analysis
of the accuracy of these schemes when applied to hot Jupiter-like atmospheres. This, and the
frequent lack of details on opacity calculations are serious shortcomings in a field of research
which develops quickly and will deliver more and more accurate data requiring reliable tools for
their interpretation. For this reason, as we adapt the UM radiation scheme we perform a series
of tests to verify the validity of our adapted scheme by comparing to more accurate line-by-line
and discrete ordinate calculations performed with our radiative convective code ATMO, where
both the frequency dependence of the opacity and angular dependence of the radiation is treated
more accurately. These results are presented in Chapter 4.

Observations of absorbing and scattering species in hot Jupiter atmospheres have so far
been limited to the detection of molecular absorbers (Huitson et al. 2013; Wakeford et al. 2013),
with some observations suggesting Rayleigh/Mie scattering clouds (Pont et al. 2008; Sing et al.
2013). Due to the large uncertainties related to scatterers in hot Jupiter atmospheres and
the complexity it adds to radiation transport, we limit the discussions in this work to purely
absorbing atmospheres and postpone the inclusion of scattering to future work. We do, however,
include Rayleigh scattering by Ho and He in our final adapted radiation scheme.

Having verified the adapted radiation scheme’s applicability to hot Jupiter atmospheres we
couple it to the dynamical core of the UM. We change both the upper and lower boundary
condition. The upper boundary condition takes into account radiation absorbed above the

dynamical domain, and the new lower boundary condition allows us to set an intrinsic temperature
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of the planet, considered more realistic than a fixed temperature surface as adopted by e.g.
Showman et al. (2009). To verify the UM with the adapted radiation scheme, hereafter called
“the coupled UM” or “the coupled model”, we implement a uniform irradiation mode to the
radiation scheme, effectively turning the UM into a 1D radiative equilibrium code, and compare
resulting equilibrium P-T' profiles obtained with the UM to equilibrium profiles obtained with
ATMO. These results are presented in Chapter 5.

We apply the coupled UM to the hot Jupiter HD 209458b in Chapter 6. As discussed in
Section 1.2, HD 209458b is a well-studied hot Jupiter with secondary eclipse, transmission
spectrum and phase curve measurements available. The functionality of ATMO has been extended
to be able to calculate phase curves, transmission and emission spectra from UM output, which
enables us to make comparisons with observations. The hot Jupiter benchmark described
in Rauscher & Menou (2010) and Heng et al. (2011) was designed to be representative of
the atmosphere of HD 209458b, allowing us to directly compare the coupled model to the
temperature-forced model. In addition we can compare our results to those in Showman et al.
(2009), for the first time making a direct comparison of two state-of-the-art hot Jupiter GCMs
with sophisticated radiation schemes possible. Consequently we can also estimate the impact of

model uncertainties on observables as the setups are chosen to be as similar as possible.

1.7 Chapter overview

In Chapter 2 we discuss the theory of radiative transfer relevant to the UM radiation scheme
including the derivation of the two-stream approximation. Next, in Chapter 3, we go through the
calculation of opacities from high temperature line lists, and discuss the correlated-k method and
the calculation of k-coefficients from these opacities. Our adopted abundance calculations, which
assume chemical equilibrium, are also discussed. Details on changes made to the ES radiation
scheme are provided in Chapter 4 before we present a series of tests of the adapted radiation
scheme. In Chapter 5 we detail the coupling of the radiation scheme to the dynamical core,
presenting the equations of motion solved by the UM dynamical core and the thermodynamic
equation which couples it to the radiation scheme. Discussion and verification of our boundary
conditions can be found here. We also go through the details of calculating synthetic phase
curves, transmission and emission spectra from UM output. Finally, in Chapter 6, we apply
the coupled UM to the hot Jupiter HD 209458b, comparing results to the temperature-forced
model, the results in Showman et al. (2009) and observations. Chapter 7 ends this thesis with

conclusions and some notes on the future of the project.

1.8 Statement of contribution to co-authored papers

Some of the results presented in Chapters 3 and 4 were published in Amundsen et al. (2014).

Results were obtained by myself and Pascal Tremblin. I analysed the results, with contributions
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from Isabelle Baraffe, Pascal Tremblin, Nathan Mayne and James Manners, and wrote the
manuscript.

I am a co-author of Mayne et al. (2014a,b). I was involved in the discussions of the results
presented; the work was done by Nathan Mayne. The model presented in Mayne et al. (2014a) is
discussed in Section 6.2.1 to ease comparison with results obtained with the coupled hot Jupiter
UM in Chapter 6.

I have also co-authored Tremblin et al. (2015). I was involved in the model development,
and the paper uses the opacity database discussed in Chapter 3. Results from this paper are not

presented here.
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INTRODUCTION



Chapter 2

Radiation transport in planetary

atmospheres

The primary task of a GCM radiation scheme is to calculate radiative fluxes and heating rates.
Radiation is governed by Maxwell’s equations, which describe the evolution of the electromagnetic
field as a function of time given the material properties and boundary conditions. In our case
the magnetic field can generally be ignored and the speed of light can be considered infinite since
it is much bigger than all other velocities considered. Consequently we use a simpler framework
to describe radiation in planetary atmospheres, the fundamental equation being the radiative

transfer equation.

The radiative transfer equation is, essentially, an energy conservation equation. The funda-
mental quantity is the intensity, from which all other quantities can be derived. In this chapter
we go through the fundamentals of radiative transfer needed to calculate fluxes and heating rates
in planetary atmospheres. We derive the two-stream approximated radiative transfer equation,
which is the equation solved by the Edwards—Slingo (ES) radiation scheme used by the UM.

The theory presented here will be useful for interpreting results presented in later chapters.
A more in-depth discussion is readily available in the literature; see e.g. Thomas & Stamnes
(2002), Edwards & Slingo (1996), Edwards (1996) and Edwards et al. (2012).

2.1 Definitions

We begin by defining various important concepts in radiation transport. The intensity [ is
defined, and the Planck function, absorption, emission and scattering processes are discussed.

We finally discuss the heating rate and how it can be derived from the intensity.

43
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Figure 2.1: Schematic illustrating the
radiative energy carried by a beam at
7 in the direction £2 per solid angle dw
through a surface element dA, where 6

is the angle between surface normal 7
and £2.

2.1.1 Intensity and flux

In radiative transfer, the intensity I; is the fundamental quantity. It is defined as the ratio

. d‘E
If/ ,Q,~,t = ~ 9
(r 71) cos0dAdtdwdr

(2.1)

where d*E is the energy that has passed through a surface element of area dA, whose normal 7
is oriented at an angle # compared to the direction of propagation 2= (0, ¢), within a solid
angle dw around £2 in the time interval d¢ in the wavenumber interval do. We illustrate this in
Fig. 2.1. This energy per unit area, per unit solid angle, per unit wavenumber and per unit time
is defined as the spectral intensity I;. The intensity is therefore a function of spatial position 7,
direction Q, time ¢t and wavenumber 7.

The wavenumber is defined as the inverse of the wavelength of the radiation:

ﬁ:%:%, (2.2)

where A is the wavelength, v is the frequency and c is the speed of light.

The flux is defined as the energy per unit time per unit area passing through a surface. It is

related to the intensity by

2 1
F; = J dw cosO I; = f dqﬁf dp ply, (2.3)
4r 0 ~1

where 6 is the angle between the surface normal 7 and the direction of the intensity 2, and
= |cos@|. If I; is independent of §2, i.e. the radiation is isotropic, this yields Fj; = 0 as there

is no net energy transport through the surface.

2.1.2 Planck function

To introduce the Planck function we must first introduce the concept of a black-body. A
black-body is an object at some temperature 71" that absorbs all incident radiation while at the
same time emitting thermally. It is in thermal equilibrium with the environment, meaning that

the amount of radiation absorbed equals the emitted radiation. The intensity of the radiation
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escaping such a body is solely a function of temperature and wavenumber, and is described
by the Planck function. We do not derive the Planck function here as it can be found in the
literature (e.g. Thomas & Stamnes 2002).

The end result is that a black-body at temperature 7" emits radiation with the intensity

2hc? 03
BB _ _
177 =By(T) = oheifkpT _ 1’ (2.4)
2hc? 1
BB _ _
" = BA(T) T N5 ehe/(ksT) _7° (25)
2h3 1
BB _ _
I;>=B,(T) = 2 kT 1’ (2.6)
where h is Planck’s constant, ¢ is the speed of light and kg is Boltzmann’s constant.
The hemispheric flux is given by
2w 1
FET) = | do | duubi(T) = nBo() (2.7)
0 0

and equivalently for B, (T) and By(T).

2.1.3 Absorption

Radiation will interact with the medium it propagates through, and some of the radiation will
be absorbed. The absorption coefficient describes how much of the intensity is absorbed per
unit length, and is defined by

drzbs = —a(9)1; ds, (2.8)

where dI2P® is the change in intensity due to absorption over the distance ds, and «(#) is the
absorption coefficient. «(7) is often written per unit number density «,, = «/n or per unit mass
density a, = a/p, where n and p are the number and mass density, respectively. o, is usually
called the absorption cross-section, as it has the unit of area, while «, is the mass absorption

coefficient or opacity.

2.1.4 Emission: Kirchoff’s law

An atmosphere will also emit radiation thermally, contributing to an increase of the intensity.

We define the change in intensity due to emission as
dIg™ = jpds, (2.9)

where j; is the energy emitted per unit volume per unit wavenumber per unit solid angle per

unit time, i.e. similar to the definition of I;. The emission coefficient £(#) is the ratio of emitted
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intensity to that emitted by a perfect black-body:

ag™ _ Jjs
Bg(T) ds N Bg(T)

e(v) = (2.10)
Kirchoff’s law for thermal radiation (Thomas & Stamnes 2002) states that, in thermal equilibrium,

we will have () = a(7), and consequently
dIf™ = a(v)By(T) ds. (2.11)

The assumption of thermal equilibrium is very restrictive, and should be relaxed. We do this
by invoking the assumption of local thermodynamic equilibrium (LTE), where the medium emits
according to Eq. (2.11) using the local temperature of the medium, 7". This assumption is only
valid if the collisional excitation and de-excitation rates are much larger than the corresponding
radiative loss rates, i.e. the radiation field itself has a negligible impact on the population
of quantum mechanical states of atoms and molecules in the atmosphere. This assumption
breaks down if the density is low or the photon energies become high. For thermal radiation the

assumption of LTE is usually acceptable (Thomas & Stamnes 2002).

2.1.5 Scattering coefficient and phase function

The scattering coefficient o(7) is defined as the relative loss of intensity per unit length due to

radiation scattered away from the beam:
dIE = —¢(D)1; ds. (2.12)

on(7) and 0,(7) are defined similarly to o, () and «,(7), respectively. Combining both absorp-

tion and scattering, we have
dIg = —a(P)I;ds — o(#) [z ds = — (a(D) + 0(7)) I; ds = —k(P)I; ds, (2.13)

where we have introduced the extinction coefficient k = a(v) + (D).

The scattering phase function, p(f)’ ) f)), describes the angular distribution of the scattered
radiation, i.e. given a scattering event it is the probability of radiation propagating in the o
direction being scattered into the direction 2. The result is an increase in the intensity in the

2 direction given by

AL () = ”4(”) U dw'I(2)p(£2, fz)] ds (2.14)
™ 4
where dlgcat’p is the gain in intensity due to scattered radiation from all directions. The phase

function is usually written in terms of the angle between the incoming and outgoing directions,
p(£2', £2) = p(cos O©), where cos© = £’ - 2 and O is the angle between 2’ and §2. Using the
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spherical law of cosines, we have

N

2 -2 =cosO = cos cosb +sinb sinf cos(¢’ — ). (2.15)

The phase function is normalised, i.e.

i p(cosO)dw = 1, (2.16)
and given a scattering event, the probability of scattering into the solid angle dw about [,
from £2' is p(cos ©) dw/4m. The scattering phase function is often assumed to be azimuthally
independent, which is a good approximation when averaging over all orientations of scatterers.

Different scatterers have different scattering coefficients and phase functions. For spherical
particles with homogeneous properties the scattering phase function and cross section has
been derived analytically from Maxwell’s equations; this is called Mie scattering. This form of
scattering is valid for all particle sizes, but certain approximations can be made in the small
and large particle size limits. For particles much larger than the wavelength of the radiation
geometric optics can be applied, while the limit where particles are much smaller than the
wavelength of the radiation yields Rayleigh scattering.

In the current work we do not include clouds or hazes, but we do include scattering by
the two most abundant particles in hot Jupiter atmospheres: molecular hydrogen and helium.
Since these particles are much smaller than the relevant wavelengths Rayleigh scattering can be
applied. For this reason we do not discuss Mie scattering further, but provide more details on

Rayleigh scattering below.

The asymmetry factor and backscattering coefficient

Instead of using the azimuthally averaged phase function p(u’,u), where u = cosf and 0 is the

zenith angle of the beam direction, it is common to expand it into Legendre polynomials Pj(u):

6]
= Y2+ D)xiPi(u') Pi(w) (2.17)
1=0
where the moments are given by
1 1
=y | st wnw), (2.18)
-1

The first three Legendre polynomials are Py(u) = 1, Py(u) = v and Py(u) = (3u? — 1)/2. The

asymmetry factor g is defined as the first moment y7:

1

1
g=x1= QJ 1 du’ p(u,u)d, (2.19)
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which means that

g <0 Dbackward scattering,
g = 0 isotropic scattering or symmetric about cos @ = 0,

g > 0 forward scattering.

Due to the normalisation of the phase function yo = 1, which yields
p(u',u) =1+ 3gu'u, (2.20)
retaining only the two first terms in the expansion.
Another useful quantity is the backscattering coefficient, defined as

1 1
b(p) = ;L dp p(—'s 1) = ;JO du' p(p's —p). (2.21)

Rayleigh scattering

Rayleigh scattering is derived by assuming the particles are homogeneous, isotropic and spherical
with a radius much smaller than the wavelength of the radiation, which is assumed to be
unpolarised. The Rayleigh scattering cross section and phase function are then given by (Liou
1980)

8m3(m2 —1)2
UTI?AY = Wf(ﬂn), (2.22)
prAY (@) = 2 (1 +cos*O), (2.23)

where m, is the (real) refractive index and n the number density. A correction factor f(py),

_ 6+3p,

(2.24)

where p,, is the depolarisation factor, is applied to take into consideration the anisotropy of the

scattering particles.

Converting the above scattering cross section into a mass scattering coefficient by dividing

by the mean molecular mass (in kg/particle), we get

SRAY oRAY _ 8m3(m?2 —1)2 1

P = 7;\—4 32 ﬁf(ﬂn) (2.25)
C8r(mI-1)%1 1 C8m3(mZ—1)2 M
= 3 ﬁpQ/M2 fpn) = Tpﬁf(ﬂn) (2.26)
_ 8m3(m? —1)2 m (2.27)

3)\4 NA,O2 f(pn)?
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where M is the mean molecular weight in kg/particle, m is the mean molecular weight in kg/mol
and Np is Avogradro’s number.
The Rayleigh scattering phase function can be expanded in terms of Legendre polynomials.

By substituting Eq. (2.15) into Eq. (2.23), and averaging over ¢ it is possible to show that
1
PRAY (u/ u) = 1+ 5PQ(u)PQ(u'), (2.28)

which using Eq. (2.19) yields

1! 1! 1

gt = 2f du’ ' p™ Y (' u) = 5 J du’ Py(u) [Po(u’) + 2P2(u)P2(u')] =0 (229
—1 -1

due to the orthogonality of the Legendre polynomials. This can be shown to be true for any

even function of cos @, i.e. all phase functions symmetric about cos ® = 0.

2.1.6 Hydrostatic equilibrium

For a stable atmosphere at rest, the pressure P at some height z must support the weight of the
atmosphere above it. This situation is called hydrostatic equilibrium. In plane-parallel geometry
the weight of a slab of atmosphere is given by dM = pdV = pdAdz, where p is the mass density,
dV is the volume, dA is the cross-section and dz is the height of the slab. The pressure P is
simply the force per surface area, so the top of the slab feels downward force —P(z)d A, while the
bottom feels an upwards force of P(z+dz)dA, i.e. a total force P(z+dz)dA—P(z)dA = —dPdA,
where dP = P(z) — P(z + dz). In equilibrium this force supports the gravitational force acting
on the slab, and we have

—dPdA = gdM = gpdAdz, (2.30)

which yields the equation of hydrostatic equilibrium:
dP = —gpdz. (2.31)

The approximation of a plane-parallel atmosphere used above is used throughout the radiation
scheme of the UM, see Section 2.2.1.

2.1.7 Heating rate

The heating rate, i.e. the rate at which the radiation exchanges energy with matter, is what
couples the radiative transfer scheme to the dynamical core of the UM. From Eq. (2.1), the

energy loss due to a reduced intensity over the distance ds is given by

§(d*E) = dI; cos § dA dt dw dp, (2.32)
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where dI;; is the change in intensity. The spectral heating rate is defined as minus the change
in radiation energy per volume dV = cos dAds per wavenumber d per time dt. The rate of

change in the solid angle dw is then

6(d*E)  dlycosfdAdtdwdi dI;

d = — = = —7d y 2
=~ qvasde cos f dAdsdidt ds (2:33)
and integrating over all angles we get
dI;
p=— dw —. 2.34
o= | o (234
The radiative heating rate is this quantity integrated over all wavenumbers:
@ » dly
H:—f dﬁ%:—f dﬂf dw Y7 (2.35)
0 0 4mr ds
which in a 1D plane-parallel geometry (dz = dscosf) becomes
o) I o0
H:J dﬁf dwcosﬂd =J dﬁd<f dwcosGI,;) (2.36)
0 4r dz 0 dz \Jix
since 0 is independent of z. Using Eq. (2.3) for the flux we get an expression for the heating
rate per unit volume:
© _dF; dF
—— | a=Z=-" 2.37
[ fo - dz ( )

If assuming hydrostatic equilibrium, dP = —gpdz, where g is the gravity and p is the mass
density, and using the ideal gas equation P = pkpT'/m, where m is the mean molecular weight,

we have
gPm

dP = —
kpT

dz, (2.38)

and Eq. (2.37) can be written in terms of pressure:

_ gbmdF
~ kgT dP’

(2.39)

2.2 The radiative transfer equation

Combining absorption, scattering and emission, Egs. (2.11), (2.13) and (2.14), the total intensity
change is given by

o(7)

™

dl; = —k(9)I; ds + a(7)Bs(T) ds + [ J dw'1(£2")p(£2', fz)] ds, (2.40)
47



2.2. THE RADIATIVE TRANSFER EQUATION o1

and dividing this equation by k(7) ds, we get the radiative transfer equation:

drl;
drg

= —I; + [1 —a(®)] Bo(T) + ai;) L dw’ p(£2', 2)I5(£2), (2.41)

where a(7) = o(7)/k(D) is the single scattering albedo and 74 is the extinction optical depth:
dry = k(7) ds. (2.42)

a(7) is the probability of a scattering event given that an extinction event occurs. The two last

terms on the right-hand side of Eq. (2.41) are usually combined into the source function, Sp:

Sy = [1 —a(?)] Bs(T) + “ZE;)L dw' p(£2', 2)I;(£2). (2.43)

2.2.1 Plane-parallel geometry

In a 1D plane-parallel vertical geometry the horizontal variations in the atmospheric properties
are assumed to be negligible. Consequently, we can replace the slant optical depth 75 with the

vertical optical depth 7 defined by
dr = —d7s cos 0 = —drs u. (2.44)

We illustrate the relationship between the slant and vertical optical depths in Fig. 2.2. The
vertical optical depth is therefore given by

dr = —k(2)dz = —k,(2)p(2) dz = fZQ(z)kf)(z)p(z) dz, (2.45)
or in integrated form, assuming hydrostatic equilibrium:
(X) .
T=>1r=) f 42’ Gi(2)kL (2 )p(2) (2.46)
1 P :
S Rttt gk (2.47)
9 Jo

where k‘z and (; are the mass extinction coefficient and mass mixing ratio of species i, respectively.
The total mass extinction coefficient is k,(z), and the total extinction coefficient is k(z) =
Bo(2)0(2).

Substituting Eq. (2.44) into Eq. (2.41) we get the radiative transfer equation in plane parallel
geometry:

udlﬁg—’m = Iy(, 2) — [1 — a()] Bs(T) — aﬁ)f dw’ p(£2', ) I(7, £2'). (2.48)
T 4m



52 CHAPTER 2. RADIATION TRANSPORT IN PLANETARY ATMOSPHERES

Figure 2.2: [Illustration of 0

the relationship between the Ts
slant optical depth 75 and the
(vertical) optical depth 7.

2.2.2 Hemispheric intensities and diffuse and direct components

It is customary to separate the total intensity into up-welling (+) and down-welling (—) intensities
defined by

I (1, 02) = If (1,0,¢) = I;(7,0 < 7/2, ), (2.49)
I; (1,42) = I; (7.0,0) = (7,0 > 7/2,9). (2.50)
We introduce p = | cos | = |u| and replace all occurrences of u with p:
I3 (my 1, 0) = In(7, 11, 0), (2.51)
I;(’T’ M, ¢) = -[17(7—’ — M, QS) (252)

Substituting Iy = I} + I into Eq. (2.48) and separating the two hemispheres yields

A

drs (r, 2)

+u I = I[F(r,02) - Si(r,0), (2.53)
where
ST(1,02) =[1 —a()] Bs(T) + “L’;)f dw’ p(£2', 2)I% (1, ')
- (2.54)

It is common to separate the non-scattered stellar irradiation from the intensity into a direct
component, I}, with the remaining intensity I é—r called the diffuse component. Note that by
definition I = 0 and that we have dropped the wavenumber subscript for convenience. The

total intensity becomes
IF =1f+1I7. (2.55)

Since the direct component does not contain any scattered radiation it can easily be expressed

by using the simple extinction law:

— s () = I (1, 02) = Fe TM§(02 — £y), (2.56)

S
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where QO = (0p, ¢p) is the direction of the incident sunlight and Fj is the stellar flux at the top

of the atmosphere. For reference, the direct component of the flux is given by

27 T
F(r) = j dgbf d6 cos 017 (1,0, ¢) = Fypge /4o, (2.57)
0 0

where g = cos 6y, called the stellar zenith angle. To proceed we insert Eq. (2.55) into Eq. (2.53),

first for the down-welling direction:

A

dI; (r,92)  dI7(r, )

—p —p = 11, 02) + Iy (1,92) = [1 - a(9)] Bo(T)

dr dr

SUD sy @ [ )+ )]

- CMJ d ,p(ﬁla Q)I&'—(T7 ‘Q/)a
dr ),
which using Eq. (2.56) yields
I7 (1,02 .
— udd((iT’) = Id_(T, 2)—[1—-a@)]Bs(T)— Sg — Sy (2.59)
-
where
A TP
Ss (7-7 'Q) = A p(QOa Q)F € Ho (260)
T
Sy (r,02) = “AEV)J dw’ p(£2', )1 (1,02) + “i”)f dw’ p(£2', )17 (1,42). (2.61)
T Ji T J_

We do the equivalent for the up-welling directions, and get

WD) 0 )~ [1 - o)) Bo()
“ij NIT(r, ) - ‘;EZ) J_ Ao’ p(£2', ) [1;(7, 2+ I7 (7, fz’)]
(2.62)
which simplifies to
WD) ) [ ) BT - S D) - SE ), (269
where
55 0) = Dy, )i (2.64)

Si(r,92) = QAE;)L dw’ p(£2, )17 (7, fz’)+cﬁ) f dw' p(£2, Q)17 (7, £2). (2.65)



54 CHAPTER 2. RADIATION TRANSPORT IN PLANETARY ATMOSPHERES

Combining Egs. (2.59) and (2.63) we get the radiative transfer equation using half-range

intensities:
+ Mcil;é:fl) =I5 (1,2) — [1 - a(®)] Bo(T) — SX (1, 2) — S5 (7, 2), (2.66)
where
SE(r,92) = aifr)p(ﬁo, Q) Fse~m/mo, (2.67)
st (r.g2) = “0) [[awne e o)+ 2 [ wae e e

The interpretation of the different terms in Eq. (2.66) is straight forward: ST is the source
function due to scattering of the direct stellar component and S (r, £2) is the source function
due to scattering of the diffuse field. It is important to remember that when calculating the total

fluxes and heating rates, the total intensity must be used, not just the diffuse components I (;—r.

2.2.3 Azimuthal independence of flux and heating rate

Since we are only interested in the heating rate, which is flux dependent, it is possible to remove
the azimuthal dependence in the radiative transfer equation. The first step in proving this is to
average Eqs. (2.66) to (2.68) with respect to ¢. We first look at the source terms S, starting
with S;—r:

1 2

Si(ru) = 5o | 46 SETm9)

~ 1 2T 1 2T
S [t o)y [ dontd o i)

~ 1 27 1 2T
2O [ [ g o) [ dont-w 8 n0)

0
a I; 1 27’1’
= i )J du’f Ao’ I (1, 1/, ¢ )p(u', £10)
™ Jo 0
a 17 1 271' _
+ i)f du’f de' I (7,1, " )p(—p', + 1),
™ Jo 0

v) (! a() 1
= a(Q)fo dp’ 13 (r, 1 )p (', +p) + (2)f0 g I7 (7 1 )p(—p!, +40), (2.69)

where we have defined

1 27
I3 (r,p) = %L do I3 (r, 1, 9), (2.70)
27
e 20 = 5= | aon(ei o 2n0). (271)
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The phase function loses its dependence on both ¢ and ¢’ because it is usually taken to be a
function of the angle between the incoming and outgoing directions; see Section 2.1.5.

Similarly for S&:

+ 1 + _ D) s /o L o _
SS (Tﬂ /’L) - 2 d¢Ss (7_7,u7 ¢) = Fe d¢p( /J'O:¢07 iu7¢)7
T Jo 4 27 Jo

a(v _r
= Lr) Fee™Hop(—pp, +p). (272)

Averaging the thermal source function in Eq. (2.66) over all azimuth angles is straightforward
since the Planck function is isotropic. Consequently, the azimuthally independent radiative

transfer equation is given by

+ udl‘{g’ﬂ) = I3 (r,1) = [1 = a(@)] Bo(T) = S (7, ) — S3 (7, 1), (2.73)

where
Si(r,p) = agr)F Se /MO p(—prg, 1), (2.74)
Si(mm) = a(;) fol du 13 (1, p)p(i's £40) + a(;) Ll du Iy (1, p)p(—4 £40). (2.75)

2.2.4 Splitting into stellar and thermal components

The diffuse intensity can be thought of as consisting of two parts: a stellar part originating
from the host star and a thermal part originating from the planet’s thermal emission. When the
planet’s effective temperature is much smaller than the host star’s effective temperature these
are also separated in wavelength. The stellar part is often called the short-wave region, while
the thermal part is called the long-wave region. This separation in wavelength is well-suited for
the Earth, but less so for hot Jupiters, where temperatures can reach up to 3000 K.
Nonetheless, since Eq. (2.73) is linear with intensity the diffuse intensity can still be decom-
posed into a stellar part and a thermal part, often misleadingly called short- and long-wave
components, respectively. From Egs. (2.73) to (2.75) we get the radiative transfer equation for

the diffuse stellar component, I dJ—rS, and the diffuse thermal component [ dit:

Al (7, )

T = I () = SE () = SE (), (2.76)
I (7, p) )

tp— S = I (o) — [L = a(@)] Bo(T) — S5,(7. ). (277)

where the source function Sf . for component c is given by

a(@) (1 a(@) * _
Sturon = S [ g wtol o)+ S [ 1y plnt e, 27)
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and Ss is given by Eq. (2.74).

2.2.5 The two-stream approximation

The angular dependence in Eqgs. (2.76) and (2.77) makes it rather difficult to solve if scattering
is included even though the azimuthal dependence has been removed. In the two-stream
approximation this angular dependence is reduced to two discrete angles, labelled “up” and
“down”. This decreases the computation time required to solve the radiative transfer equation
significantly, but it does reduce the accuracy of the solution. We test the accuracy of the

two-stream approximation for hot Jupiter-like atmospheres in Chapter 4.

The two-stream approximation involves applying the operator Sé dp to each side of Eqgs. (2.76)
and (2.77). We begin with the stellar component:

Loodig () (!
+f dpp—5 " = f Ay | T (r, ) = SE (7o) = ST (ro )| (2.79)
0 T 0

In the two-stream equation, we replace explicit appearances of u by some average it and the

integrated intensity in each hemisphere by the integrated value:

1 1 1 d Ii

_ _ ppdg (7, 1)
I3(r) = f du I3 (T, 1), f dpply(t,p) ~ @l (r),  ji= Sol—f (2.80)

0 0 Sodp I3 (7, 1)

Using Eq. (2.3), the flux F; becomes in the two-stream approximation
1
Fy(7) = QWL dpp [ 15 (1, 1) = I (7, 1)

~ 2 [l (1) — ply (1)) = Ff (1) = F5 (7). (2.81)

The source term S in Eq. (2.79), given Eq. (2.74), becomes

1 ~ 1 ~
S5 (r) =J dp ST (7, p) = aiy)Fse_T/““J A p(—pio, +4) = MFSb(uo)e‘T/“O, (2.82)
0 708 0 27T
a(D)

1
S(7) = | dusi(r) = G2 1= b)), (2.53)

where the backscattering coefficient (i) is as defined in Eq. (2.21). The diffuse source term,
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S(;fs in Eq. (2.79) and given by Eq. (2.78) becomes:

1
Si47)=zﬁ]dMS;JTMU

~ 1 1 ~ 1 1
al\v al\v _
= (2 )L dp' 1347, M/)L dup(i', £p) + (2 )L du’ Ig (T, u’)fo dup(—', )

1 1 3
awy[dwﬂynuvh—mwﬂ+a@y[dwqgnwwm@
0 0

~ a(D)I3, () [1 = b] + a(@)I{,(7)b, (2.84)

4

where

s Sodw 1 (. 1)b()

(2.85)
fo dn 13 (7. 1)
Combining all of this, we get the two-stream equations
drs (r
+ Mi;( ) I (1) = SE(r) — St (), (2.86)
with
+ a’(D) S -7/
S5 (1) = =~ F"b(po)e ™", (2.87)
T
Ss(r) = aéy)Fs [1 = b(p0)] e /1, (2.88)
T
S3.(7) = a(@)IF (7) [1 = b] + a(@) I (7)b. (2.89)

The derivation above is easily repeated for the thermal component as the Planck function is

isotropic. The result is

i A 5 +
S I3:.(7) = [1 = a(@)] Bo(T') — Sq4(7), (2.90)
with

Si(1) = a(@)IF (1) [1 = b] + a(D) I (T)b. (2.91)

2.2.6 Two-stream flux equations

Using Eq. (2.81), it is possible to write the two-stream approximated radiative transfer equation

in terms of fluxes. We have F{ (1) = 2l (1), or I7(7) = F{ (7)/(27ji) where the frequency
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dependence has again been dropped for convenience. Equations (2.86) and (2.90) then become

dFyg (7)

T = E () - k() - QT (2.92a)
ng_T(T) = 1P (1) = nFg (1) +Q7, (2.92b)
where
OF = { y3aFse=/Ho for the stellar component, (2.932)
27 [1 —a] By(T) for the thermal component,

[1 — 73] aFse~™/H0  for the stellar component,

Q = (2.93b)
21 [1 —a] By(T)  for the thermal component.

The coefficients 71 2,3 are often expressed in terms of the diffusivity factor D = 1/p instead of

the mean zenith angle u:
m =D[l—a(l-0b)], 72 = Dab, v3 = b(po). (2.94)

Equation (2.92), or equivalently Eqs. (2.86) and (2.90), are the most common formulations of
the two-stream equations in the literature (see e.g. Meador & Weaver 1980; Thomas & Stamnes
2002; Toon et al. 1989). For the thermal component, however, these equations should only be
used if D = 2. To illustrate this we consider the thermal component in an isothermal atmosphere

without scattering, i.e. a = 0. The two-stream equation becomes

dFf
+ () _ DFE(r) — 27By(T), (2.95)
T
which has the solution
Fi(r) = A*e™P™ 4 27B;(T)/D, (2.96)

where A is determined from the boundary conditions. For the up-welling component the
exponential diverges as a function of 7, and we must have AT = 0. At the top of the atmosphere
Fy(t = 0) = 0, and we consequently have Fj(7 = 0) = 2rB;(T)/D. A purely absorbing
isothermal atmosphere is in fact a black-body, the emitted intensity of which should be I; =
B;(T). Using Eq. (2.3) to calculate the flux over the positive hemisphere we get F;(7 = 0) =
mBy(T'). This result could also have been obtained by solving the full radiative transfer equation,
Eq. (2.77). For the two-stream approximation in the form of Eq. (2.92) to yield the correct
black-body flux we must therefore require D = 2 for the thermal component.

It is possible, however, to derive an alternative version of the two-stream equations where the
diffusivity D can be chosen freely for the thermal component as well as the stellar component.
This will potentially increase the accuracy of the two-stream equations as the value of D can

be chosen to reduce errors in fluxes and heating rates. In the next section we derive these
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two-stream equations as it is this form that is used by the UM radiation scheme.

2.2.7 Two-stream equations from the differential intensity

For the thermal component the intensity may be close to the Planck function. Edwards (1996)

introduced the differential intensity
/
Iy (1, 1) = Ig (7, 1) = Bo(T), I3 (rom) = I3 (7, 1) + By(T), (2.97)

ie. [ :ft, will contain the (small) corrections to the intensity from the Planck function. Inserting

this into the radiative transfer equation, Eq. (2.77), yields
d -
= Wl (o) + B (D) = 13/ (7o) + Bo(T) = [1 = a(9)] Bo(T) = S5, (r. 1), (298)
where the source function S;ft is

S* =D (1t + B | ol
ae(Top) = =5 L at (1o 1) + Bo(T) | p(i', £p)

a(?)

+ 24 Ll A (13 () + Bo(T) | p(—, 410,

(2.99)

We wish to go directly to the two-stream approximated equations and consequently apply the
operator 27 Sé dp to both sides of Eq. (2.98). Introducing the azimuthally averaged differential

intensity

§o dupl, (7, 1)
§odu It (r,p)

1 1
I3/ (7) =L dp I3, (7, 1), L dppli(rop) ~ pIf(r), p= . (2.100)

with the two-stream average angle of the differential intensity i = 1/D, and the differential flux

Ggy(r) = £2m Ll dpplf, (v, p) ~ T2maly, (1), (2.101)
we obtain .
+ dGZ{;(T) = —DGH (1) + S5,/ (1) T dﬁii(T), (2.102)
with
St (1) = Da(9)G3, (1) [1 = b] + Da(2)G,(7)b, (2.103)
where Sl o , ,
_ o dw Iy (7 p)b) 2108

1
§oduly (1, )
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Rewriting this in terms of the total flux F(ft(T) =7nB(T) + G:it(T) we get

dF* .

= Ft —yF~ —QT, (2.105a)
dF- N

raitCY A TR OB (2.105b)

where the source function, Q%, is given by

o+ = a(D)y3F%e~"/#0  for the stellar component, (2.106a)
D7 [1—a] B;(T) for the thermal component,
o - a(?) [1 — 3] FSe~™/#0  for the stellar component, (2.106D)
Dr[1—a]Bs(T) for the thermal component,
and
M =D[1—-a(l-b)], Y2 = Dab, 73 = b(ko)- (2.107)

These are the two-stream equations solved by the UM radiation scheme, identical to the
equations in Zdunkowski & Korb (1985), and to those in Zdunkowski et al. (1980) for D = 2 as
noted by Edwards (1996). Compared to Eq. (2.92) this formulation is slightly different in that
the thermal source function is D7 [1 — a] By and not 27 [1 — a] By. This ensures the correct
thermal source flux independent of the choice of D, and is consistent with the formulation used
by Dobbs-Dixon & Agol (2013) and Rauscher & Menou (2012). To verify this let us revisit
the example used in Section 2.2.6. The solution of the two-stream equations for the thermal

component in an isothermal atmosphere without scattering becomes
Fi(r) = A%etPT 4+ 7B,(T), (2.108)

and comparing to Eq. (2.96) the factor 1/D has disappeared from the Planck term. Consequently,

the correct flux is obtained at 7 = 0 independent of the choice of D.

2.2.8 Two-stream approximations

The above derivations of the two-stream equations may seem somewhat artificial. The same
resulting equations are, however, obtained by assuming some (simple) form of I(7, ) (or I'(7, u))
in Egs. (2.76) and (2.77) and subsequently integrating over p. Various assumptions on I(7, 1) lead
to different values for & and b. Table 2.1 summarises a few different two-stream approximations.
In this section we will briefly discuss a few of the different two-stream approximations, but
will refer to the literature (Edwards 1996; Meador & Weaver 1980; Zdunkowski & Korb 1985;
Zdunkowski et al. 1982, 1980) for the derivations.
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Method ‘ Y ‘ Yo ‘ ¥3

Quadrature V3[2—a(l+9)]/2 | V3a(l—g)/2 (1 —+/3gu0)/2
Hemispheric mean 2—a(l+yg) a(l—g) b(po)

PIFMS0 2 " a(3/4—30/0) | Ball—g)/4 | 12— (uodlg— F)/(4(0— f)
PIFMS5 D —a(D +3g/2)/2 | a(D — 3g/2)/2 N/A

Table 2.1: Overview of the different two-stream approximations discussed in Section 2.2.8.

Quadrature

To derive the two-stream approximation for a two-point Gaussian quadrature it is necessary to

go back to Egs. (2.76) and (2.77), but written in terms of the whole-range intensity:

dlqs(T,
w d7(7'u)

o = las(mu) = Ss(7,u) = Sas(r,w), (2.109)
W0 g (o)~ (1= o)) Bo(T) - Sap(rou), (2,110

where the source functions Ss(7,u), Sqs(7,u) and Sq¢(7,u) are given by Eqgs. (2.74) and (2.78)
with +u replaced by u. The operator

1
27rf du (2.111)
—1

is applied to both sides, and Gaussian quadrature is used to approximate the integral of some

function f(u), e.g. the intensity, as

1
27rf du f(u) ~ wy f(u1) + waf(u2), (2.112)
-1

where wq; = wy = 1 and vy = 71/\/5, Uy = 1/\/3 Using a phase function expanded to first order
in Legendre polynomials, [ = 0,1 in Eq. (2.17), yields equations in the form of the two-stream
approximation in Eq. (2.105) provided the quadrature is applied to the differential intensity for

the thermal component with
n=v3[2-all+9)]/2, w=vV3al-9)/2, 3=0-V3gp)/2.  (2113)

In the absence of scattering a = 0 and we see that D = v, = /3.

Hemispheric mean

Again starting with Eqgs. (2.76) and (2.77), in the hemispheric mean approximation the intensity

is assumed to be constant in the two hemispheres:

IF (r ) = I (), (2.114)
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and using this in Eq. (2.73) we again end up with equations in the form of the two-stream

approximation in Eq. (2.105) with

1 =2-a(l+g), Y2 =a(l —g), v3 = b(ko)- (2.115)

In the absence of scattering a = 0 and we see that D = v, = 2.

Zdunkowski et al’s Practical Improved Flux Method, 1980

The Practical Improved Flux Method from Zdunkowski et al. (1980) (PIFM80) was derived
for use with the stellar component of the radiation. Scattering phase functions with strong
scattering in the forward direction may require many terms in the Legendre expansion to be
treated properly. The scaling approximation is often applied, which removes the scattering peak
from the phase function and treats radiation within the peak as if it has not been scattered; see
Thomas & Stamnes (2002) for more details.

The PIFMS80 modifies the stellar source function to take this into account, giving

QT =(01- f)ab(uo)fs 7 (2.116)
Ho
Q@ =(1—=fal- b(uo))fs , (2.117)
Ho

where f is the truncated fraction of the phase function and S is the direct stellar component of

the radiation, and so

f= % Lﬂ [p(cos @) — pT(cos 9)] dw, (2.118)
ds S
- ——ans (2.119)

were pl(cos©) is the truncated phase function without the scattering peak. pT(cos®) is
expanded in terms of Legendre polynomials and truncated after the first order, as was done for

the original phase function, which yields

3(1—g)

b =
8 )

D=2, (2.120)

where the choice D = 2 has been made and g is the original asymmetry factor. In terms of the

coefficients 7, and -2, we obtain using Eq. (2.107)

5 3 3a
71:2—a<4+4g>, 7221(1—9)- (2.121)



2.3. INHOMOGENEOUS ATMOSPHERE 63

Zdunkowski et al’s Practical Improved Flux Method, 1985

In the Practical Improved Flux Method from Zdunkowski & Korb (1985) (PIFMS85) slightly
different truncation choices are made for the backscattering coefficient, and a thermal source
function is also included. We use this method for the thermal component only, where b =
1/2 — 3¢/(4D) (Edwards & Slingo 1996), and consequently

a 3 a 3
—D--(D+° -2 (D-2g). 2.122
M 2( +2g), Y2 2( 29) ( )

Note that in this work we do not include scattering in the thermal component of the radiation,
i.e. a =0. Usually the diffusivity is taken to agree with Elasser’s value D = 1.66 (Elasser 1942).

2.3 Inhomogeneous atmosphere

In this section we briefly go through how the two-stream equations are solved for an in-
homogeneous atmosphere and refer to Thomas & Stamnes (2002) and the UM radiation code
documentation (Edwards et al. 2012) for a more detailed discussion.

The atmosphere is divided into layers, as shown in Fig. 2.3, and each layer is assumed to be a
homogeneous slab in which optical properties, i.e. the single-scattering albedo and backscattering
coefficient, are constant. A closed-form solution to the two-stream equations, Eq. (2.105), can be
obtained for each layer individually. These equations are a coupled set of two linear differential
equations. The homogeneous solution (no source function) of this can be found by assuming a
solution of the form FhJ—r (1) = fre™7, f£ = f(+). The resulting equation can be written as a
matrix equation, the result of which is an algebraic eigenvalue problem which can be diagonalised

using standard linear algebra techniques. The solution is
FX(r) = Afte ™ + Bftethr (2.123)

where A and B are integration constants fixed by the boundary conditions, and

k= D+/(1—a)(1—a+ 2ab), (2.124)

ff Vl—a+2ab—+1—a
- Vi-a+2ab++VI-a (2.125)

It is straightforward to verify that FI;—’ (1) = Z*e~T/M0 is a particular solution for the stellar
component. The value of Z* can be obtained by substituting Fy () into Eq. (2.105). For the
thermal component, the temperature dependence of the Planck function is approximated by a

polynomial:

K
B[T(7)] = Y bir. (2.126)
=0
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, T=0
ai, p1 (/‘L ,,U,) _
az, pa(1', p) oo
9 . 9 T = 7_2
: 7 T=T
ar, Pl(ft 1) S
Figure 2.3: Schematic showing the discret- '
isation of the atmosphere into layers. In each E
layer the atmosphere is approximated as being Lowerl boundary T=TN
homogeneous.
By additionally assuming that the particular solution is a polynomial in 7,
K
+ + 1
Ff(r) =Y Y+, (2.127)
=0

and inserting Egs. (2.126) and (2.127) into Eq. (2.105) an expression for the coefficients ¥;* can
be obtained. It is normal to set K = 1, i.e. the Planck function is approximated as varying
linearly as a function of 7 across the layer. This has been observed to produce grid-scale waves
in climate runs in the UM under the “old dynamics” dynamical core (Edwards et al. 2012). A
quadratic polynomial (K = 2) was therefore introduced, and this is still used with the newer
dynamical core “new dynamics” and the most recent dynamical core ENDGAME (Even Newer
Dynamics for General Atmospheric Modelling of the Environment). We therefore also adopt a
quadratic variation of the Planck function. In summary, in the two-stream approximation the

flux in a homogeneous layer is given by
Fi(r) = Aifife ™ + Bifffe™™ + US (1), 1<I<N, (2.128)

where U;fl(T) is the particular solution for the relevant component of the flux discussed above,
N is the number of layers and we have added the subscript [ to indicate that it is the flux in
layer I.

Having obtained a closed-form solution to the two-stream equations in each layer, the
solutions are coupled by using boundary conditions and assuming that the flux (or intensity) is
continuous across interfaces. At the top of the atmosphere the down-going thermal flux is zero,
while at the bottom it is given by Planckian emission from a surface with a given emissivity.
The down-going stellar flux at the top of the atmosphere is given by the stellar spectrum, while
the up-going stellar flux is zero at the bottom of the atmosphere. The down-going flux at the
bottom of layer [ must equal the down-going flux at the top of layer [ + 1, and the up-going flux
at the top of layer [ + 1 must equal the up-going flux at the bottom of layer [. Together, these
requirements lead to a set of 2N equations determining the 2V} constants in Eq. (2.128).

This set of 2V} equations is usually written in the form of a matrix equation and solved using
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a standard matrix solver. The resulting matrix is a sparse banded matrix, and for efficiency
a Gaussian elimination algorithm is used that specifically takes into account where non-zero
elements are located. We refer to Edwards et al. (2012) for more details about the implementation
in the Edwards—Slingo radiation scheme. Having obtained fluxes at layer boundaries, heating
rates are calculated using Eq. (2.37) in the UM or, for the stand-alone UM radiation scheme,
Eq. (2.39).
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Chapter 3
Calculation of opacities

In order to calculate fluxes and heating rates as described in Chapter 2, the absorption coefficient
a(v), scattering coefficient o(7), and scattering phase function p(cos @) are required. In this
section we discuss the calculation of the absorption coefficient (7). Absorption coefficients, or
opacities, must be calculated for all major absorbing species in the atmosphere, and combined

with abundances provide the total absorption coefficient «(7) for the atmosphere.

We discuss in Section 3.1 how the opacity is related to the transition probabilities between
energy levels in atoms and molecules. These transition probabilities are provided as line lists,
lists of spectral lines, and are available from external sources. We discuss our adopted line lists
in Section 3.1.4. Line lists currently used by the ES radiation scheme cannot be used for hot
Jupiter-like atmospheres as they are only valid up to about 400 K. The high temperature line
lists required can be very large, causing the opacity calculation to require large amounts of
computation time. We present in Section 3.3 a way to speed up the calculation of opacities from

line lists significantly without loss of accuracy.

Absorption lines are broadened by temperature and pressure effects, and the pressure
broadening parameters required to calculate opacities are highly uncertain. In Section 3.1.3
we discuss the various processes causing line broadening and compare van der Waals pressure
broadening theory to pressure broadened widths obtained from experiments available in the
literature in Section 3.2. We emphasise the large uncertainty in the broadening parameters for

hot Jupiter-like conditions, as these are usually not explicitly mentioned in the literature.

The final tabulated molecular opacities have a complicated wavenumber dependence, causing
the requirement for a high wavenumber resolution to obtain accurate total fluxes and heating
rates. The correlated-k method is often adopted to reduce the required resolution and speed
up radiation calculations, we discuss the specific implementation in the ES radiation scheme in
Section 3.4. Finally, in Section 3.6, we briefly discuss the calculation of abundances adopted

here.

Parts of the results in this chapter have been published in Amundsen et al. (2014).

67
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Figure 3.1: Absorption coefficient for H%O as a function of wavenumber calculated using both the
HITRAN 2008 (Rothman et al. 2009) and BT2 (Barber et al. 2006) line lists at 1500 K and 1 bar.
HITRAN underestimates the absorption coefficient by several orders of magnitude in certain spectral
regions, making the use of high temperature line lists is essential.

3.1 Line lists and line broadening processes

A widely used line list database is the High Resolution TRANsmission (HITRAN) data-
base (Rothman et al. 2013) currently used by the ES radiation scheme. These line lists are,
however, Earth centric in that they are only valid for temperatures up to ~ 400 K. Temperatures
in hot Jupiter atmospheres can reach > 1500 K, and the composition of the Earth’s atmosphere
(mainly Na- and Og-based) is very different from that of hot Jupiters (mainly Ho- and He-based).
We must use high temperature line lists to calculate opacities for hot Jupiter atmospheres. For
illustration we show in Fig. 3.1 the water absorption coefficient calculated at 1500 K using both
HITRAN 2008 (Rothman et al. 2009) and our adopted high temperature line list BT2 (Barber
et al. 2006). It is clear that the HITRAN line list underestimates the absorption by several
orders of magnitude in certain spectral regions, clearly showing the need for high temperature
line lists in hot Jupiter atmosphere models.

The high temperature line lists adopted here are mainly theoretical line lists. They are
obtained from quantum mechanical calculations, but must be tuned to experimental line lists in
order to achieve the desired accuracy (see e.g. Tennyson & Yurchenko 2012). High temperature
line lists are often provided in many different formats, some tabulating Einstein coefficients,

other oscillator strengths. In this section we describe how these quantities are related to the
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absorption coefficient, including the various processes broadening the lines. The discussion here
is based on that in Thomas & Stamnes (2002), Simeckové et al. (2006) and Rybicki & Lightman
(2004), we provide some derivations in Appendix A.1.

3.1.1 Einstein coefficients

There are three ways in which a photon can interact with an atom or molecule where both the

initial and final states are bound. Each is described by an Einstein coefficient:

1. Spontaneous emission occurs when an atom (or molecule) spontaneously decays from an
upper level to a lower level. It is described by the coefficient A, the probability per time
that a molecule or atom in the upper energy state E, spontaneously decays to the lower

energy state Fjp, emitting a photon.

2. Absorption, where a photon is absorbed by an atom (or molecule), exciting it from the
lower energy level F) to the upper energy level E,. This process is described by the
coefficient By, the probability of a photon absorption event per unit time per unit energy
density of the radiation field.

3. Stimulated emission occurs when an atom (or molecule) decays from an upper level to a
lower level due to the influence of a radiation field, emitting a photon. This process is
described by the coefficient By, the probability of a stimulated emission event per unit

time per unit energy density of the radiation field.

The Einstein coeflicients are related to each other. We discuss the Einstein coefficients in more

detail and derive the expressions relating them in Appendix A.1.1. The result is

Ay = 8mhei® By, (3.1a)
nglu = guBuh (31b)

where h is Planck’s constant, and g; and g, are the degeneracies of the lower and upper energy
levels, respecitvely. By and By, have here been defined using the energy density of the radiation
field per wavenumber Uy. Only one Einstein coefficient is needed in order to describe the
probability of a transition as the remaining two can be calculated from Eq. (3.1). The coefficient
chosen is usually Ay due to the unambiguity of its definition.

Line lists are essentially lists of transitions with their corresponding A, coefficient and
information on the upper and lower energy levels. We now proceed to discuss how the Einstein

coefficients are related to the absorption coefficient.

3.1.2 Line intensity

We derive in Appendix A.1.2 the relationship between the Einstein coefficients and the absorption

coefficient. The absorption cross section a,, () (absorption coefficient per unit number density)
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created by transition ¢ can be expressed as
an (V) = §;P;(v), (3.2)

where we have introduced the line intensity S; and line profile @;(7). Integrating over wavenumber
the line profile is normalised to unity and the line intensity is therefore the integrated area
under the absorption coefficient profile for transition i. We will discuss @;(7) in more detail in
Section 3.1.3 as it is through @;(7) that line broadening processes are taken into account. The

line intensity S; is related to the Einstein A,j-coefficient by

—E\/kgT

1
Si=8i(T) = Gu®

— 1— —hevy/kgT A’L )
8reg  Q(T) ( ¢ ) ’ (3:3)

where c is the speed of light, F) is the energy of the lower level, g, is the degeneracy of the upper
level, kp is Boltzmann’s constant, T' is the temperature, Q(7') is the partition function at T' for
the atom or molecule, 7y is the wavenumber of the transition and we have denoted the Einstein
Ay-coefficient coefficient for transition ¢ as A; for convenience. Note that this formula has been
derived including stimulated emission as negative absorption.

The line intensity is normally weighted by the fractional isotopic abundance I,. In addition,
in line lists on formats similar to that of HITRAN S; is tabulated at the temperature Ty = 296 K:

—Ey/kTo

I, gue e
H H a u hevo /ksTo )
sH _ sHT 1— 0 A;. A4
i =57 (h) 8merg Q(To) ( ‘ ) (34

Note that from S}(Tj) it is possible to calculate SH(T') for any T using

Q(TO) e_El/kBT (1 _ e—hcﬁo/kBT)

H _ cH
S; (T) = Sz (TO) Q(T) e—El/kBTO (1 . e—hcﬁo/kBTo)

7

(3.5)

without loss of generality. A cut-off in intensity has been applied in HITRAN at room temperature,
meaning that lines that are insignificant at ~ 300 K are discarded from the database. According
to Eq. (3.4), these lines can, and many of them do, become significant at higher temperatures.
The reason is quite simple: high energy levels that are not populated at room temperature
become populated at high temperatures, and the probability of transitions occurring to and from
these levels therefore increases. This explains why HITRAN is unsuitable for hot Jupiter-like

atmospheres.

To derive Eq. (3.3) local thermodynamic equilibrium (LTE) has been assumed. In this context
LTE was assumed as the Boltzmann distribution was applied to calculate level populations, the
fraction of particles in specific energy states. This greatly simplifies the line intensity calculation,
which is important due to the large number of lines in our line lists. The use of the Boltzmann
distribution requires the collisional excitation of molecules to dominate over other processes such

as excitation by radiaiton. This assumption is likely to break down for small pressures where
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the density is small, but consideration of non-LTE effects is beyond the scope of this work.

The (internal) partition function for a given molecule from Boltzmann statistics is

0
Q(T) = ) gie™ Fi/hsT, (3.6)

i=0
where the sum is over all energy levels ¢ with energy E; and degeneracy g;. We need the partition
function Q(T") for all molecules we include in our opacity database. The partition function
may be provided with the line list, or it may be necessary to use other sources. The HITRAN
database (Rothman et al. 2009) provides the partition function for most species we include in
tabulated form between 70 K and 3000 K, and serves as our fall-back partition function source

when no other recent sources are available.

Occasionally oscillator strengths, or g f-values, are provided in line lists instead of Einstein
coefficients. As the Einstein coefficients, g f-values describe transition probabilities and can
be thought of as the correction factor to the transition probability of a classical harmonic
oscillator. We discuss the oscillator strength in more detail in Appendix A.1.3, but a detailed
quantum-mechanical discussion is beyond the scope of this work. The end result is that the
oscillator strength is related to the Einstein A-coefficient by

8r2e2id

guAul = glflua (3'7)

e

where e is the electron charge in CGS-Gaussian units, and fi, is the oscillator strength of the
transition. The quantity ¢ fi, is often referred to as the g f-value of the transition. Inserting

Eq. (3.7) into Eq. (3.3), we get the line intensity in terms of the g f-value:

e e—Ei/ksT

S =2 om

(1= e/ T gy fy, (3.8)

3.1.3 Line broadening processes

For each transition ¢ the line shape function @;(7) spreads the absorption coefficient over a
wavenumber region. Various physical processes cause broadening of absorption lines. Here we
discuss the natural, pressure and temperature broadening, the dominating broadening processes

in hot Jupiter atmospheres, and the corresponding functional forms they take.

Natural broadening

From quantum-mechanics we have Heisenberg’s energy-time uncertainty principle

ABAt > 2, (3.9)

| St
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where AF is the uncertainty in the energy of a particular state and At is the lifetime of the state.
This means that, unless the state has an infinite lifetime, there will be an intrinsic uncertainty
in the energy of that state. Photons emitted by transitions between states with finite lifetimes
will therefore not have one definite energy (or frequency/wavenumber), but rather a distribution
of energies about some mean. This phenomenon is called natural broadening, and the resulting
distribution is a Lorentzian with a width a2at. A typical lifetime of a state is At ~ 1078, which
leads to ot ~ ﬁ ~ 3 x 107*cm™!. This is much smaller than the width caused by pressure
and Doppler broadening for hot Jupiter-like atmospheric conditions, and we consequently ignore

natural broadening processes here.

Pressure broadening

Lines will be broadened by interactions with other molecules, this is called pressure broadening.
Collisions between particles effectively reduce the lifetime of the upper and lower states of
transitions, thereby causing a broadening of the line. The theory of pressure broadening is vast
and complicated (Rutten 2003; Thomas & Stamnes 2002), and an in-depth discussion on this

subject is beyond the scope of this work. Pressure broadening results in a Lorentzian line profile,

QL

1
b (7)) = ~—
L(7) (0 — ) +ai’

(3.10)
where oy, is the Lorentz width, with 2qy, the full width at half maximum (FWHM). The pressure
broadened width of for the perturbing species p depends on both the pressure and temperature

in a complex way, but the relationship is often approximated as (Sharp & Burrows 2007; Thomas
& Stamnes 2002)

T°>np . (3.11)

a}ﬁ(PpaT) = Oé‘zﬁ(Po,To) (T FO’

where Tp and P is a reference temperature and pressure, respectively, P, is the partial pressure,
and n, is the temperature exponent. The total pressure broadened width is the sum of the

pressure broadened widths of for all perturbing species,
ar, = Y ok (P, T). (3.12)
p

Both the reference Lorentz width of (P, Tp) and the temperature exponent n, are transition
dependent.

Since Eq. (3.11) depends linearly on the partial pressure of each perturbing species P, the
pressure broadened width will be dominated by collisions with the most abundant molecules.
In HITRAN air- and self-broadening parameters are tabulated for each transition (Rothman
et al. 2013). The atmospheres of hot Jupiters consist mainly of Hy and He, and the broadening
information provided in HITRAN is therefore not directly applicable. Information on pressure

broadening by Hy and He is extremely sparse (Freedman et al. 2008; Sharp & Burrows 2007),
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and there is a large uncertainty in the values of O/ﬁ(Pg, Ty) and n, used in the literature. We

discuss this issue in more detail in Section 3.2.

Doppler broadening

At low pressures and high temperatures Doppler broadening becomes important. As the name
suggests, the physical effect responsible is the Doppler effect. While particles are absorbing
and emitting photons they are in thermal motion. Particles will emit and absorb photons with
wavenumber 7y in their own frame of reference, causing a shift in the observed wavenumber of
the photon. The thermal motion has no directional preference, and the accumulated effect is

therefore a broadening of the line.

Again assuming LTE, the velocity distribution of molecules is given by the Maxwell-Boltzmann

distribution for any direction, including the line of sight:

_ my _vg/v2 _ QkBT
fz(vg)dvy TrkBTe 0 dug, Vg mz, (3.13)

where v, is the thermal velocity along the line of sight and m, is the mean particle mass of

species z. Imagine sending a photon with wavenumber 7 towards the molecule. In the molecule’s
frame of reference, this photon will have a shifted frequency 7/, which is to the lowest order in

v, (for non-relativistic velocities) given by

~/

UV =0+wv0/c~ D+ v./c, (3.14)

where in the last term 7 has been replaced by the line centre frequency 7, a valid approximation
since v, /c « 1. The absorption cross-section due to all possible velocities along the line of sight

is therefore given by

o (7) = J Qv £ (02)0 (5 + vain)c) (3.15)

—®
m, © —’U2/’U2 )~ ~
=\ 2T i dvg e (U + vgiip/c), (3.16)

where o, is the absorption cross section without Doppler broadening. Ignoring both natural and

pressure broadening, o/, is a delta function, o, (7 + vi0p/c) = S;0(V + vyip/c — 1), and we have

m @ 2,2
~\ ) z 7111/1, ~ ~ .
an (V) = Siy | kT JOO dvg e 00(D + vglp/c — 1p). (3.17)

Changing the integration parameter to = U + v,y /c — vy, which gives v, = —(V — i) — )¢/




74 CHAPTER 3. CALCULATION OF OPACITIES

and dv, = (¢/1p)dz yields

(7) = Siy |2 © JOO da e~ (=P0=2)c/70)/v8 5 1) (3.18)
an(V) =8; e I Te x .
B m, C _ 25 5

_q & = (5—10)?/(Povo)? 1
N 2k T 7€ ' (3.19)
The Doppler width is defined as ap = Pyvy/c, which yields
~ S; — (D)2 /a2 5
an(v) = e 07/ = §;Pp (7)), (3.20)

ﬁozD

where @p(7) is the Doppler profile. The full width at half maximum (FWHM) is 21n(2)ap.

The Voigt profile

Including pressure broadening in Eq. (3.16) we get

- m, 1 (® are~v:/v%
— ~| a 3.21
n(?) =\ kT m foo Y0+ vabofc— )2 + o (3:21)

and again changing the integration variable yields

a *© dye ¥’
) =S = S,y (D), 3.22
an (V) T an f =yt a? V(D) (3.22)
where
% 2kgT
v = (7 — Do) /ap, o= ap = 20, [£5B2 (3.23)
ap c my

&y (v) is the Voigt profile. For a — 0, pure Doppler broadening is retrieved, while for a » 1
&y () becomes a Lorentzian. The integral must be solved numerically, and many computational
algorithms exist. We use the algorithm of Schreier (1992) based on the formulation of Humlicek
(1982). The code was provided with the ES radiation scheme.

Unfortunately, real line profiles are not perfectly Voigtian (Thomas & Stamnes 2002). The
Voigt profile is fairly accurate provided weak interactions between molecules, but for stronger
interactions effects such as collisional narrowing and line shifts, where the line centre is shifted
away from 7y, can occur. Line wings are particularly affected by this. We ignore these additional
effects in our treatment of line profiles, which is the usual approach (Freedman et al. 2008; Sharp
& Burrows 2007). To avoid overestimating absorption in the line wings, we apply a cut-off in the

line profile at some distance from the line centre. We discuss this in more detail in Section 3.3.
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Molecule Isotope Line list Partition function
H>O H,'%0 Barber et al. (2006) Barber et al. (2006)
2
CHy4 (old) ngi Wenger & Champion (1998) gj&gﬁgztgléf?gogo)g)
CH,4 2CH, Yurchenko & Tennyson (2014) | Yurchenko & Tennyson (2014)
120160
1301602
COq, 12016018 Tashkun & Perevalov (2011) Rothman et al. (2009)
12cl60170
260y
130160
120118y
CcO 120170 Rothman et al. (2010) Rothman et al. (2009)
130180
130170
NH; TINH, Yurchenko et al. (2011) Yurchenko et al. (2011)
{16 ()
ATT4160)
TiO 484160 Plez (1998) Sauval & Tatum (1984)
49T116O
50416
VO EA0) B. Plez (priv. comm.) Sauval & Tatum (1984)
Na ZNa VALD3! Sauval & Tatum (1984)
K 39K VALD3! Sauval & Tatum (1984)

! Heiter et al. (2008) (http://vald.astro.uu.se/~vald/php/vald.php)

Table 3.1: Summary of which molecules we include in our opacity database, and our line list and
partition function sources. We do not include COs in the ES radiation scheme. The old STDS CHy4 line
list by Wenger & Champion (1998) is used for the tests in Chapter 4, while for later chapters the new
ExoMol YT10t010 line list (Yurchenko & Tennyson 2014) is used.

3.1.4 Opacity sources

The dominant absorbers in hot Jupiter atmospheres with solar metallicity are HoO, CO, CHy,
NHs, TiO, VO, H2-H2 and H2-He collision induced absorption (CIA), Na and K (Baraffe et al.
2010; Burrows & Sharp 1999). We also include details on COq in this section, which we do not
include in the ES radiation scheme, but do include in ATMO. In this section we briefly discuss the
line lists we use to calculate the absorption coeflicient for each opacity source. We use line lists
and partition functions from several different sources, these are summarised in Table 3.1. We

adopt isotopic abundances, I,, from Asplund et al. (2009).

Water (H20)

For water (H2'%0) we use the high temperature line list from the ExoMol® project (Barber et al.
2006), BT2, and use the partition function provided with the line list. BT2 is a theoretical line

list for rotation-vibration transitions of water. Electronic transitions are ignored since the lowest

"http://www.exomol.com
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Figure 3.2: Line intensity for Hi60 calculated from the BT2 line list (Barber et al. 2006) using Eq. (3.3)
at T = 296 K.

stable excited electronic state is above the dissociation energy for the molecule. ExoMol line
lists come in to parts: (i) an energy levels file where each level is listed with its energy, quantum
numbers, symmetry and a reference index, and (ii) a set of transition files listing the upper and
lower energy levels’ reference indices and the Einstein A coefficient for each transition. The line
list has 221097 energy levels and 5.1 x 108 transitions. A plot of the line intensity calculated
from the BT2 line list is shown in Fig. 3.2.

Ammonia (NH3)

The BYTe high temperature line list for ammonia (Yurchenko et al. 2011) is a theoretical line
list for rotation-vibration transitions of *NHjz from the ExoMol project. As for water we use the
partition function provided with the line list. The authors consider it to be valid for temperatures
up to 1500 K. We expect temperatures to exceed 1500 K in our models, and should therefore keep
in mind that at higher temperatures the opacity due to ammonia is highly uncertain. The BYTe
line list is, however, the best high temperature line list available, and at higher temperatures
the ammonia abundance is expected to be small (Burrows & Sharp 1999). In total the line list
contains 1373897 energy levels and 1.1 x 10? transitions. A plot of the line intensity calculated
from the BYTe line list is given in Fig. 3.3.
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Figure 3.3: Line intensity for 1*NHj3 calculated from the BYTe (Yurchenko et al. 2011) line list using
Eq. (3.3) at T = 296 K.

Carbon dioxide (CO,)

We do not include CO4 in the ES radiation scheme, but its opacity has been calculated and
included in ATMO from Chapter 5 on. We use the CDSD-4000 line list (Tashkun & Perevalov
2011) which contains 6.3 x 108 lines, is valid up to 4000 K and includes the major isotopes of
CO,: 12C160, 13C160,, 2C160180 and 12C8070. Since a partition function is not included
with the line list we use the HITRAN partition function, which is valid up to 3000 K. A plot of

the line intensity is shown in Fig. 3.4.

Carbon monoxide (CO)

We use the CO line list from HITEMP (the HIgh TEMPerature molecular spectroscopic database,
Rothman et al. 2010). It is based on the line list by Goorvitch (1994), and supplemented with
lines from HITRAN (Rothman et al. 2009). Isotopes included in this line list are 12C'60, 13C160,
2¢180, 12¢170, 3C180 and ¥C70, and we adopt partition functions from HITRAN. A plot
of the line intensity calculated from the HITEMP CO line list is given in Fig. 3.5.

Methane (CHy)

Originally we used the STDS (Wenger & Champion 1998) line list for methane. A new and
improved methane line list, YT10to10 (Yurchenko & Tennyson 2014), became available in late
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Figure 3.4: Line intensity for COz calculated from the CDSD-4000 line list (Tashkun & Perevalov 2011)
using Eq. (3.5) at T' = 296 K.
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Figure 3.5: Line intensity for CO calculated from the HITEMP line list (Rothman et al. 2010) using
Eq. (3.5) at T = 296 K.
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Figure 3.6: Line intensity for CHy calculated from STDS line list (Wenger & Champion 1998) using
Eq. (3.5) at T = 296 K.

2013 and we therefore include details on both. The old STDS line list is used up to and including
Chapter 4, and the new YT10to10 line list is used for all remaining chapters.

The Spherical Top Data System (STDS): Until the YT10to10 line list became available
we used the Spherical Top Data System (STDS) (Wenger & Champion 1998) to calculate our
high temperature methane line list. STDS supports both >*CH, and '3CHy, and we used an
angular momentum quantum number cut-off at Jnax = 60. A similar cut-off in Jynax was used
by Freedman et al. (2008), the reason for not increasing Jyax further being time constraints: at
Jmax = 60, it takes about a month to calculate the line list with an Intel Xeon CPU at 2.27 GHz.
The parameter files used by STDS usually only have data for J < 20, and for higher J the data
is extrapolated. Only a statistical description of the lines in a particular band can be expected.
The wavenumber coverage is also rather small, as seen in Fig. 3.6 where the line intensity has
been plotted as a function of wavenumber.

For 2CH,4 we use the partition function by Wenger et al. (2008), who found that HITRAN
underestimates the 12CHy partition function by about 50 % at 3000 K. A interface is provided at
http://icb.u-bourgogne.fr/JSP/TIPS. jsp, where the partition function can be calculated
for temperatures up to 3000 K. We used this website to tabulate the partition function between
70 K and 3000 K in steps of 1 K. Due to lack of a better alternative we use the HITRAN partition

function for ¥ CHy.
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Figure 3.7: Line intensity for CHy calculated from YT10to10 line list (Yurchenko & Tennyson 2014)
using Eq. (3.4) at T'= 296 K. Can be compared with Fig. 3.6.

The YT10to10 methane line list: In December 2013 we were sent the new ExoMol 12CH,
line list, YT10to10 (Yurchenko & Tennyson 2014). It has 9.8 x 10? transitions, i.e. about 10
times larger than BYTe. It is assumed to be valid up to about 1500 K and contains lines in the
range O cm™! to 12000 cm™!. We have plotted the line list in Fig. 3.7, which can be compared
to Fig. 3.6. We use the partition function provided with it, and only include "2CHy.

Titanium and vanadium oxide (TiO & VO)

For TiO we have chosen to use the line list by Plez (1998), updated in January 2012. This line list
contains ~ 4.2 x 107 lines for the isotopes 46Ti'00, 47Ti'60, 4¥Ti160, ¥*Ti'00 and *°Ti'60. The
updated version provides the wavelength, ¢ f-value and the lower energy level of the transition,
we scale the gf-values with solar isotopic abundances from Asplund et al. (2009). A plot of the
line intensity for TiO is shown in Fig. 3.8.

We prefer to use the Plez (1998) line list over the competing Schwenke (1998) line list for
several reasons: the Schwenke (1998) line list contains ~ 3.8 x 107 lines, i.e. less than the Plez
(1998) line list, and the Plez (1998) line list has been regularly updated. In addition, Baraffe et
al. (2015, in prep) compared these line lists using the atmosphere code PHOENIX and found
the Plez line list to better predict M-dwarf photometry.

For VO we also use a line list provided by B. Plez (private communication), it contains

~ 3.2 x 106 lines for the main isotope 'V160. The line list provides the wavenumber, gf-value
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Figure 3.8: Line intensity for TiO calculated from the line list by Plez (1998) using Eq. (3.8) at
T =296 K.

and lower energy level of the transition, a plot of the line intensity for VO can be seen in Fig. 3.9.

Due to recommendation from B. Plez we use partition functions from Sauval & Tatum
(1984) for TiO and VO. Sauval & Tatum (1984) provide polynomial fits for the partition
functions obtained by using data from Huber & Herzberg (1979) for the temperature interval
1000 K to 9000 K. This is satisfactory for our purposes since the abundance of gaseous TiO and
VO will be negligibly small for temperatures below 1000 K (Sharp & Burrows 2007).

Sodium and potassium (Na & K)

We include both the 0.589 pm sodium D and 0.77 pm potassium doublets, which are particularly
strong. We use gf-values VALD3 (Vienna Atomic Line Database)?, with sodium data from
NIST (National Institute of Standards and Technology, Ralchenko et al. (2010)) and potassium
data from Kurucz (2012). We adopt partition functions from Sauval & Tatum (1984).

Collision Induced Absorption (CIA)

Molecular hydrogen is the most abundant molecule in hot Jupiter atmospheres, but it is a
symmetric molecule, which means that it does not have a permanent electric dipole moment.

Both magnetic dipole and electric quadrupole moments will contribute to the absorption, but

’http://vald.astro.uu.se/~vald/php/vald.php
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Figure 3.9: Line intensity for VO calculated from the line list by B. Plez (private communication) using
Eq. (3.8) at T = 296 K.

their contributions are small, meaning that by itself Hy is a very weak absorber. Collisions
with other molecules can, however, induce a temporary dipole moment, which can contribute
significantly to absorption. This is called collision induced absorption (CIA), and is proportional
to both the density of Hy and the perturbing species, Hy or He. We use CIA coefficients from

Richard et al. (2012), where it is tabulated as a function of both temperature and wavenumber.

3.2 Pressure-broadened line widths

Obtaining pressure-broadening parameters for all lines at all relevant temperatures and pressures
is a challenging task. Pressure broadening originates in the interaction between the absorb-
ing/emitting molecule and other molecules. In theory, all molecules contribute to the final
pressure-broadened width, but, as seen in Eq. (3.11), the width is proportional to the partial
pressure of the perturbing species. For this reason we only include broadening by Hs and He for
hot Jupiter atmospheres.

Due to the lack of data on broadening by molecular hydrogen and helium (Freedman
et al. 2008; Sharp & Burrows 2007), we had originally opted to calculate pressure broadening
parameters using van der Waals broadening theory. The results we obtained were unsatisfactory,
however, which we discuss in more detail in Section 3.2.1. Currently we extrapolate predominately

experimental data to obtain the necessary line widths; we detail this in Section 3.2.2. Note
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that we denote the mass absorption coefficient by k,(#) in this section for consistency with the

literature.

3.2.1 Van der Waals broadening

Van der Waals broadening was originally developed for pressure-broadening of atomic lines by
atomic hydrogen, and have mostly been applied to stellar atmospheres where the temperature
is high enough to dissociate molecular hydrogen. It uses the impact approximation, where the
perturber travels at high speeds causing brief interaction between the absorber and perturber.
For a more detailed discussion see Unsold (1955), Gray (2005) and Rutten (2003). It leads to a
Lorentz FWHM given by

20“[,‘dw = TvdW = 17C§/S<Urel>3/5Npa (3.24)

where (vyq1) is the average relative velocity between perturber and absorber and N, is the number
density of the perturber. The calculation of the interaction constant Cg is based on Unsold
(1955), but modified to take into account different polarazibilities of each perturber as described
in Schweitzer et al. (1996)3. The result is

9= 2 %101 x10732(Z + 1)? Bi g (3.25a)
6oy T (E—E.? (E—F)?]|’ ‘
Ce = 10'8CY, (3.25b)

where ay, is the polarisability of the perturber, Z is the charge of the absorber, Fy is the
ionisation potential of hydrogen, E is the ionisation potential of the absorber, and E, and Ej
are the upper and lower energy levels of the absorber, respectively.

In Eq. (3.25b) a correction factor 1018 has been applied due to deviations between observed
line widths for non-alkali-like elements and those predicted using Eq. (3.25a) for Cs. We take
the value of this correction factor from Schweitzer et al. (1996), but it is not well determined.

The relative velocity (vye]) between the absorber and perturber, assuming that both follow

the Maxwell-Boltzmann velocity distribution, is given by

(vna) = \/ ol <ni ¥ ;p) (3.26)

where m, and m, are the molecular mass of the absorber and perturber, respectively. We

provide the derivation in Appendix A.2. Values for the atomic and molecular constants needed
when calculating vyyqw using Eq. (3.24) are given in Table 3.2.

It is useful to calculate the temperature exponent of van der Waals Lorentz widths. We

3Note that in Schweitzer et al. (1996) there is a misprint: the order of the two terms inside the square brackets
in Eq. (3.25a) should be switched.
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Table 3.2: Polarizability (ap) and  Atom/molecule | ap, [1072*cm?] | Tonisation potential [eV]
ionisation potentials from Lide H 0.666793 13.59844
(1995) supplemented by data from
NIST® (Ralchenko et al. 2010). He 0.204956 -
H» 0.8045 -
“http://webbook.nist.gov/ CO _ 14.0139
chemistry/ H,0 ) 12.612
CH,4 - 12.51
Ny - 15.5808
NHj - 10.07
TiO - 6.819
VO - 7.2386
bring Eq. (3.24) on the form of Eq. (3.11) and get
Yeaw € T3 N, c TP, (3.27)

where the ideal gas equation has been used. Comparing to Eq. (3.11) we see that the van
der Waals broadening formula has the same form, where of (P,,Tp) varies between different
transitions and perturbers, while n, is always 0.7. The value of the temperature exponent when
fitting and extrapolating experimental data is usually taken to be ~ 0.5 (Homeier 2005; Sharp
& Burrows 2007), but can vary considerably. The value predicted by van der Waals broadening

theory is therefore reasonable, if not accurate.

As the discussion above suggests, line widths for non-alkali metals are observed to deviate
from those predicted by van der Waals broadening theory (Schweitzer et al. 1996). The correction
factor tries to capture some of this, but the error varies significantly from line to line, and thus
a constant correction factor cannot rectify this situation. As we begun calculating absorption
coefficients using Eq. (3.24) for the Lorentz line width we found a significant deviation between
our absorption coefficients and those shown in e.g. Sharp & Burrows (2007) and Freedman
et al. (2008). Figures 3.10a and 3.10b show the water absorption coeflicient calculated using the
BT?2 line list with both van der Waals theory and line widths gathered from the literature, as
described in Section 3.2.2, at two temperatures and pressures. Figure 3.10a can be compared
to Fig. 2 in (Sharp & Burrows 2007), while in Fig. 3.10b the line widths from the literature
have not been extrapolated as a function of pressure and temperature and should therefore be
reasonably accurate. Van der Waals broadening theory clearly overestimates the line widths
causing visible differences in the absorption coefficients, and we have observed the same for other
molecules. We have not included the correction factor in Eq. (3.25b) as suggested by Schweitzer
et al. (1996) since this would further increase the van der Waals line widths. For this reason we
choose to adopt line widths extrapolated from data collected from the literature as described in

the next section.
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(a) Water absorption coefficient at P, = 10 bar and T" = 1600 K for easy comparison
with Sharp & Burrows (2007).
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(b) Water absorption coefficient at P;ot = 1 bar and T' = 296 K, i.e. line widths from
the literature have not been extrapolated in temperature and pressure.

Figure 3.10: Absorption coefficients as a function of wavenumber for water calculated from the BT2
water line list using van der Waals theory (without correction factor) and line widths from the literature for
two different temperatures and pressures. It is clear that van der Waals broadening theory overestimates
line widths.
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Molecule Broadener | Line width reference
H.0 Hs Gamache et al. (1996)
2 He Solodov & Starikov (2009), Steyert et al. (2004)
CH, Hy Pine (1992), Margolis (1993)
He Pine (1992)
CO, Hy Padmanabhan et al. (2014)
He Thibault et al. (1992)
o Ho Régalia-Jarlot et al. (2005)
He BelBruno et al. (1982), Mantz et al. (2005)
NH Hy Hadded et al. (2001); Pine et al. (1993)
3 He Hadded et al. (2001), Pine et al. (1993)
TiO Hy Burrows et al. (2007)
He Burrows et al. (2007)
VO Hy Burrows et al. (2007)
He Burrows et al. (2007)
Na H, Allard et al. (2003, 1999, 2007)
He Allard et al. (2003, 1999, 2007)
K H, Allard et al. (2003, 1999, 2007)
He Allard et al. (2003, 1999, 2007)

Table 3.3: Overview of our line width sources for broadening by hydrogen and helium.

3.2.2 Molecular line widths from the literature

We have gathered line widths for broadening of HoO, NH3, CO, CO, and CHy4 lines by Hy and
He from the literature. Our sources are given in Table 3.3; they partly overlap with those used
by Bailey & Kedziora-Chudczer (2012). The line width data is provided in tables with details
on the individual transitions.

A transition is identified by several quantum numbers, which differ between different molecules.
In the BT2 line list only the total rotational quantum number, J, and the symmetry are given
for all levels, and these are therefore the only two parameters we can use to estimate the line
widths for all lines. This is also the case for other molecules such as CHy. In addition, line width
data is only available for a very small fraction of all the lines in our line lists. We therefore
adopt a very simple approach: we tabulate line widths found in the literature as a function
of J for the lower level and use this as a basis for estimating line widths for all lines. This
approach was chosen for its simplicity and applicability to all molecules, and similar approaches
have previously been used to obtain air broadened line widths for transitions in the BT2 line
list (Rothman et al. 2010; Voronin et al. 2010).

In Fig. 3.11 line widths are plotted as a function of the total angular momentum quantum
number of the lower level, Jiow. The horizontal axes show the span of Jioy required by our line
lists. For all molecules there is an overall trend of a decreasing line width as a function of Jjuy.
We fit the line width as a function of Jj, by a linear function using a least-squares regression.
We have no constraints on which values this function should take for high Jy, so we keep line
widths constant for all Jioy where data is unavailable to avoid introducing additional complexity.

The constant value is the width of the line with the highest Ji where data is available as
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Molecule Broadener n, Reference
H.0 H, 0.45 Gamache et al. (1996)
2 He 0.44 Gamache et al. (1996)
CH, Hy 0.44  Margolis (1993)
He 0.28 Varanasi & Chudamani (1990)
CO, H, 0.60 Sharp & Burrows (2007)
He 0.60 Thibault et al. (2000)
o H, 0.60 Le Moal & Severin (1986)
He 0.55 Mantz et al. (2005)
NH Ho 0.68 Nouri et al. (2004)
3 He 0.40  Sharp & Burrows (2007)
TiO Hy 0.60 Sharp & Burrows (2007)
He 0.40  Sharp & Burrows (2007)
VO H, 0.60  Sharp & Burrows (2007)
He 0.40 Sharp & Burrows (2007)

Table 3.4: Table of the temperature exponents used in our absorption coefficient calculations. The
sources are given in Table 3.3.

calculated using our linear fit.

The experiments measuring line widths are usually performed at room temperature and
pressure. Equation (3.11) describes the expected temperature and pressure dependence of the
Lorentz line width: it is a linear function of partial pressure and a power law in temperature.
We also use temperature exponents n, from the literature, again mostly experimental data, with
sources given in Table 3.4. Temperature exponents are obtained by measuring line widths at a
few temperatures, usually at room temperature and below, and fitting the result to Eq. (3.11).
n, is also transition dependent, but available data is even sparser than for the line widths
themselves, and we therefore use a fixed value for a given molecule and perturber. This constant
value may be an average value for several transitions, or the value for one transition that is

believed to be representative. Table 3.4 lists the values of n,, we use in our calculations.

To estimate when pressure broadening becomes important we can calculate the pressure at
which the Doppler and Lorentz widths are equal. For HoO broadened by Hy the Lorentz width
is approximately 0.1 cm™' at room temperature and pressure from Fig. 3.11a. For the pressure
broadened width to equal the Lorentz width, we must have from Egs. (3.11) and (3.23)

To\" P, vy |2kpT
a1 (Po, Tp) (T) ﬁ; =\ (3.28)
z

where P, is the partial pressure of the perturbing gas. This yields

by [2heT (T ™1
b= m, <T alf,(Po,To)Pp’o’ (329

which for HyO, with 7y = 5000cm ™", 7' = 1500 K yields P, ~ 0.4bar. This pressure is expected

to be in the region where the atmosphere transitions from being optically thin to optically
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Figure 3.11: Line widths at T' = 296 K and Py, = Pie = 1 bar from the literature. The blue dots are
the data collected from the sources in Table 3.3, the green solid line is our interpolated and extrapolated
line widths as used in our absorption coefficient calculations.
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A [1076 m] the PHOENIX routines sent us by
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thick (see Chapter 4) and pressure broadening is therefore an important issue that needs to be

considered.

A more robust treatment of line broadening parameters is, of course, desirable. We extrapolate
the temperature dependence by an order of magnitude, the widths as a function of Jioy by a
factor of four or more, and the scatter of the data points about the linear fit in Fig. 3.11 can be
quite large. We are currently setting up a collaboration with the ExoMol group at University
College London (UCL) and V.E. Zuev Institute of Atmospheric Optics in Tomsk, Russia to

improve these line widths and investigate the effect on model atmospheres and spectra.

3.2.3 Sodium and potassium line profiles

Both the 0.589 pm sodium D and the 0.77 pm potassium doublets are particularly strong, and
their line wings are important at large distances from the line centres (Allard et al. 2003; Burrows
et al. 2000). For the far-wings the classical approximations used to derive the pressure broadened
Lorentz profiles break down. It is therefore necessary to use a more detailed line broadening

theory in order to treat the line wing absorption accurately.

Several studies use quantum mechanical calculations to derive more accurate line profiles for
these lines (Allard et al. 2003, 1999; Burrows & Volobuyev 2003; Zhu et al. 2006). We adopt the
line profiles used in the PHOENIX atmosphere code (Allard et al. (2003, 1999, 2007), Derek
Homeier, private communication). A plot of the calculated opacity using these line profiles for

both sodium and potassium are shown in Fig. 3.12.
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3.3 Numerical considerations

We now discuss some of the numerical details of computing absorption coefficients. We discuss
the treatment of line wings, parallelisation using OpenMP and MPI, and our opacity table,

which is used as a basis for calculating the k-coefficients discussed in Section 3.4.

3.3.1 Treatment of line wings

The use of high-temperature line lists raises computational issues due to their size. In the
HITRAN 2012 database (Rothman et al. 2013), the NH3 line list has about 4.6 x 10* lines,
while the ExoMol NHj line list, BYTe (Yurchenko et al. 2011), has about 1.1 x 10° lines.
Consequently, calculating absorption coefficients from high-temperature line lists is significantly
more computationally expensive than using smaller line lists such as HITRAN. In the literature
this problem is often overcome by ignoring all lines with line intensities smaller than some value,
sometimes evaluated at a fixed temperature (Sharp & Burrows 2007). The line intensity is,
however, a strong function of temperature, and knowing where to apply the cut-off may be
difficult.

A second cut-off has to be made, both for physical and computational reasons. According
to Eq. (3.22) lines are infinite in extent and follow a Voigt profile. Unfortunately, real line
profiles are not perfectly Voigtian (Thomas & Stamnes 2002). The Voigt profile is fairly accurate
provided interactions between molecules are weak, but for stronger interactions effects such as
collisional narrowing may occur. Line wings are most affected, and to avoid overestimating
the line wing absorption, it is common practice to apply a cut-off at some distance d from
the line centre (Freedman et al. 2008; Sharp & Burrows 2007). This distance may be fixed or
be a function of pressure and/or temperature. In addition, evaluation of the Voigt profile is
computationally expensive, and computing the line profiles to distances where it can be neglected
adds an unnecessary computational cost.

To cope with these problems we have developed a scheme to combine the line wing cut-off
with an elimination of unimportant weak lines to decrease computation time. The cut-off
distance d is calculated “on-the-fly” by estimating when the line mass absorption coefficient has
reached some value, kf,‘“. This is done by approximating the line profile as Lorentzian with a
width equal to the sum of the Doppler and pressure broadened widths to facilitate analytical

treatment and ensure that the profile width is not underestimated. This yields the following

dz\/dmax <Si—d,0>, & = ar, + ap, (3.30)

cut
7Tk‘p

formula for d:

For very weak lines, S; /ﬂk,ﬁ“t — a < 0, i.e. the value of the line mass absorption coefficient at
the line centre is smaller than kgut, and consequently the line can be ignored completely.
Lines are added one-by-one to the total mass absorption coefficient spectrum. The value of

k‘gut is chosen to be some fraction fax of the latest value of the total mass absorption coefficient
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at the line centre of the current line as line profiles are summed up: k:f)ut = fAKk‘LateSt(ﬁo). We
use the abbreviation AK (adaptive kzut) to denote this cut-off method. Some lines can become
unrealistically broad, however, so we include an upper limit on d of 100 cm™'. Note that this
cut-off scheme cannot be used if the water continuum is included since it requires a cut-off at a
fixed distance from the line centre (Clough et al. 1989). The water continuum is, however, only

suitable for use in models of Earth-like atmospheres.

The main motivation for using this scheme is computational efficiency and not physical
considerations, and the final absorption coefficient will depend slightly on the order in which lines
have been added up. The advantages are, however, that weak lines can be discarded on-the-fly
taking into account the line intensity at the current temperature, making a simple cut-off in
line intensity unnecessary. It also ensures that strong lines are computed to larger distances
from the line centres than weaker lines. The current lack of robust line broadening schemes for

conditions characteristic of hot Jupiters forces us to use such artificial schemes.

We have, however, tried to limit the impact of our treatments by testing other schemes used
in the literature. We compare our line profile cut-off scheme to two other schemes: (i) A cut-off
at a fixed distance dpw from the line centre (fixed width, FW) and (ii) a cut-off at a distance
from the line centre given by the sum of the Doppler and pressure broadened widths multiplied
by some factor frp (fixed factor, FF). The former scheme is similar to that used when including
the water continuum from Clough et al. (1989), where all lines have to be cut-off 25 cm™! from
the line centre, while the latter is similar to that used by Sharp & Burrows (2007). Note that
when using FF, we still apply the upper limit of 100cm™" on d.

I and

In Fig. 3.13, we show both the average absorption coefficient between 1000 cm™
1001 cm™" at 10° Pa, 1500 K and the computation time required for the three schemes as a
function of the cut-off parameters. The three cut-off methods reach approximately the same
average absorption coefficient for the largest values of the cut-off distances (see Fig. 3.13).
Comparing the levels in the left-hand panels to the computation times in the right-hand panel,
however, clearly shows the advantage of the AK method. At fax = 1079, this method reaches
approximately the same level as FW at dpw = 10?2 cm™! and FF at fgp = 103. The computation
time is, however, more than two orders of magnitude smaller. Due to the uncertainties in line
widths and the significant decrease in computation time, we have decided to adopt this scheme

for all our molecules using fax = 107 except for CO.

CO lines are divided into several clearly separate, narrow bands. Consequently, the absorption
coefficient will vary by many orders of magnitude on the scale of the bands. The AK scheme is
unsuited to such situations since it will tend to produce large cut-off distances at the beginning
of the cross-section calculation. These line wings will normally be hidden by stronger lines, but
for CO they become non-negligible due to the lack of strong lines in certain wavelength regions.

For CO we therefore use the FF method with frp = 10? without discarding any lines.
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Figure 3.13: Left-hand panel: Arithmetic mean of the HyO absorption coefficient between 1000 cm ™!
and 1001 cm™! calculated using the adaptive (AK), fixed width (FW), fixed factor (FF) cut-off schemes
as a function of the cut-off parameters (fak, dew and frp, respectively) at 10° Pa, 1500 K. The mean
absorption coefficients have been normalised by the value obtained using AK with fax = 1078, Right-
hand panel: Computation time required using 12 cores at 2.8 GHz as a function of the cut-off parameter.
We see that our adaptive cut-off scheme is about two orders of magnitude faster than the two other
methods for a given average absorption coefficient.

3.3.2 Parallelisation using OpenMP and MPI

Initially our absorption coefficient calculation code was parallelised using only OpenMP* (Open
Multi-Processing), which enables shared memory multiprocessing in Fortran. The code reads in
a section of the line list and the loop over lines is split over many cores using OpenMP. Once
completed a new section of the line list is read and the calculation continues. Both the line
list section read and the tabulated absorption coefficient are stored in memory shared by all
processors. For NHs, having the largest of our adopted line lists with more than 1.1 x 10° lines,
computation of absorption coefficients take about 11 days using our adaptive cut-off scheme on
a computer with an Intel Xeon X5660 processor with 12 cores at 2.8 GHz.

Later the code was parallelised using MPI® (Message Passing Interface), which enables
multiprocessing in Fortran on systems with distributed memory, in addition to OpenMP.
Consequently the code can be run on several computing nodes not sharing the same memory. In

our current implementation each computing node has one MPI thread. Each MPI thread reads

“http://openmp.org/
*http://mpi-forum.org/
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of total pressure at T' = 916 K. of temperature at P = 0.24 bar.

Figure 3.14: Mass absorption coefficients as a function of both pressure and temperature at o =
5000 cm ™! for Hy'%0 calculated using BT2. Our resolution is sufficient to capture the temperature and
pressure dependence of the opacities.

a section of the line list and calculates the absorption coefficient for this section as described
above. Once completed new sections of the line list are read and the calculation continues. We

found the speed-up to be almost linear with the number of MPI threads.

3.3.3 Opacity tables

We tabulate the absorption coefficients on a fixed wavenumber grid for a range of temperatures

and pressures. We use a wavenumber resolution of 1 x 1073 cm™!

in order to properly resolve
lines at both small temperatures and pressures. This resolution is technically not high enough
to resolve all lines at very small wavenumbers, temperatures and pressures, where both Doppler
and Lorentz widths are small. We have found, however, that for hot Jupiter-like conditions it is
sufficient for the solution to have converged by successively increasing the resolution with our
line-by-line code detailed in Section 4.1.2.

A logarithmic grid in both temperature and pressure is used, where 70 K < T < 3000 K with
20 grid points and 1073 Pa < P,o; < 10% Pa with 40 grid points, i.e. a total of 20 x 40 = 800
temperature-pressure points. Figure 3.14 shows the dependence of the mass absorption coefficient
for water as a function of both total pressure and temperature for a particular wavenumber.
Both functions are fairly smooth, and our chosen resolution seems to be sufficient to resolve the

temperature and pressure dependence.

3.4 The correlated-k£ method

The radiative transfer equation must be solved independently for each wavenumber, yielding the

spectral flux Fj; and heating rate Hy, respectively. The total flux and heating rate are obtained
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by integrating these quantities over all wavenumbers. This is called a line-by-line (LbL) approach.
Our wavenumber resolution A7 = 1 x 1073 ecm ™! yields on the order of 107 wavenumber points.
It becomes unfeasible to use a LbL approach in the UM due to the computational expense of
performing about 107 monochromatic calculations. The ES radiation scheme uses the correlated-k
method to tackle this issue. This method was originally introduced by Lacis & Oinas (1991) and

has since been widely applied to treat opacities in both planetary and brown dwarf atmospheres.

The absorption coefficient will take similar values at several wavenumbers. Combining the
calculation of fluxes for these wavenumbers can potentially lead to a significant decrease in
the number of monochromatic calculations needed, the correlated-k method provides a way of
doing this. Note that in this section we denote mass absorption coeflicients by k,(7) to be in

agreement with the literature on the correlated-k method.

Currently the ES radiation scheme uses a combination of the exponential sum fitting of
transmissions (ESFT) technique (Wiscombe & Evans 1977) and the correlated-k method (Goody
et al. 1989; Lacis & Oinas 1991). In the following, the species index i will be dropped for ease of
notation. Consider the transmission through a homogeneous slab between the wavenumbers i

and Dy: )
12 _
T (u) = ! f di e ke (@)u, (3.31)

Uy — 11 o1

where u is the mass column density. In the following we drop the subscript p on the absorption
coefficient for simplicity. Due to the complexity of k(7), as shown in Fig. 3.15, a very high
wavenumber resolution may be required to calculate the transmission integral accurately. This
can be avoided by considering the probability distribution of the absorption coefficient. The
absorption coefficient will take similar values for several wavenumbers in Eq. (3.31), and these

can be combined into a single exponential multiplied by the probability of this absorption
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coefficient occurring between 7; and 5. We introduce f(k), where f(k)dk is the probability of
the absorption coefficient taking a value between k and k + dk. f(k) is found by dividing the
spectral interval [y, 2] into subintervals Av; = ;1 /o —7;_1 /2, Where ;1 5 are the wavenumber
points at which the absorption coefficient has been calculated, and the absorption coefficient
range [Amin, kmax] into subintervals (or bins) Ak, where Ak; = k;11 — k;. Wavenumber intervals
Av; which have absorption coefficients between k; and k; + Ak; are then summed to obtain

1 Av;
ki) = J
f(kp) 172_51;‘&{[

W (ky, ki + Aky), (3.32)

where W (k;, k; + Ak;) is a “window” function that is zero everywhere except between k; and

k; + Ak; where it is unity. The transmission, Eq. (3.31), can then be written as

T(u) = J T (3.33)

kmin

and we introduce the cumulative probability g, where dg = f(k) dk and

k

g(k) = f Ak’ f(k). (3.34)
0

The probability of the absorption coefficient being smaller than & is given by g(k), and g € [0, 1]

and is a monotonically increasing as a function of k. Thus it can be inverted, and we can write

the absorption coefficient as a function of the cumulative probability variable: k(g). g therefore

functions as a pseudo wavenumber variable, and we can write the transmission integral as

1 Nk
T(u) = J dge U o 2 wyek, (3.35)
0 =1

where ny is the number of quadrature points used to evaluate the integral numerically. k(g) is a
smooth function, see Fig. 3.16, and the transmission integral on the form of Eq. (3.35) can be
evaluated numerically using only a few quadrature points. If a fixed wavenumber spacing A7; is
used, g(k) can be obtained by simply sorting the absorption coefficients in terms of increasing

strength. We discuss below how the ES scheme obtains the k-coefficients k; and weights wy.

Until now no approximations have been made, Eq. (3.35) is exact for a homogeneous slab, and
this approach is called the k-distribution method. Planetary atmospheres are not homogeneous,
however, and to extend the k-distribution method to inhomogeneous atmospheres the correlated-k
method is used: k(g) is calculated for all layers in the atmosphere and nj pseudo-monochromatic
calculations are performed with the corresponding k; for each layer. This corresponds to keeping
g constant throughout the atmosphere instead of the wavenumber 7, and assumes that absorption
coefficients in different layers map onto the same value of g in all layers, i.e. it is assumed

that absorption coefficients in different layers are correlated. The correlated-k method will not
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completely converge to the LbL solution even with many k-coefficients: g(k) is calculated at each
P-T independently. If the absorption coefficient decreases with height at one wavenumber and
increases with height at a different wavenumber within the same band, the two wavenumbers
will no longer correspond to the same value of g. A pseudo-monochromatic calculation where g
is kept constant is therefore not equivalent to a proper monochromatic calculation except in a
few special cases, see e.g. Goody et al. (1989) for more details.

The transmission integral in Eq. (3.31) assumes the flux to be constant between 14 and vs.

This assumption can be relaxed by introducing the weighting function w(?),

Fy

wv) = —, 3.36
(7) a7, (3.36)
which is normalised to 1. The transmission integral becomes
o )
T (u) = f Ao w(o)e k@), (3.37)
171
and the weight is included in the probability distribution f(k):
Av; .
fulky) = Z i (1) W (ky, by + Aky). (3.38)
J

The transmission can be calculated using Eq. (3.35), where k(gy) is the inverse of g, (k) given
by Eq. (3.34), with f(k) given by Eq. (3.38).

As the flux Fj is not known when k-coefficients are calculated, the flux in Eq. (3.36) is
normally chosen to be the Planck function at the local temperature for the thermal component

and the stellar flux at the top of the atmosphere for the stellar component of the radiation.
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Alternatively it can also be assumed constant, i.e. w(?) = 1/(0y — 7). We test these three
different weighting schemes in Chapter 4.

The discussion above only considers the transmission, but the correlated-k method is equally
applicable when calculating other quantities that depend on wavenumber only through the

absorption coefficient such as fluxes and heating rates.

3.4.1 Obtaining k-coefficients

The spectrum is divided into bands, [0y, 7+1], and in each band and at each pressure and
temperature the absorption coefficients from the line-by-line wavenumber grid are reordered
according to strength in increasing order and divided into nj subintervals with limits k; and
kyy1 with [ € [1,ng + 1], see Fig. 3.17. The k-coefficient for subinterval [ is found by fitting
transmissions for this subinterval to a single exponential ekgpt’l“f over a set of n,, column densities,
uj, i.e.

1 gi+1

opt,l gi+1
— dgy, F(9w) ~ ek v wy = J dgw (3.39)
Wi Jg, 91

where kzgpt’l is the optimal k-coefficient in subinterval [ and g; is the g-coordinate corresponding
to the beginning of the subinterval for k-term [ and gy, +1 is the g-coordinate for the end of

k-term ny, see Fig. 3.17. In practice the integrals on the left-hand side of Eq. (3.39) are calculated

by integrating over all wavenumbers contributing to the absorption in subinterval [ line-by-line:

gi+1 -
j dgy, eFel9w) = Z Aﬁiw(ﬁiﬂ/g)ekf’(”i“/Q)“j, (3.40)
91 i
gi+1
j dgw = Z Avjw (i 1/2), (3.41)
g1 3

where the sums are over all i satisfying k(;) € [k, ki1].

The spacing of the subintervals [, and consequently the number of k-coefficients in a band,
must be the same for all P-T and would ideally be spaced logarithmically in k. Rather than
using logarithmic k-intervals defined at a particular P—1" point, an average absorption coefficient

k;:’ig(ﬁ) for species i is calculated from the top of the atmosphere down to an optical depth of

one:
. o0
O = [ G 2, (3.42)
P
= gfo dP' G(P")ky,i(7, P') =1, (3.43)

where (;(z) is the mass mixing ratio of species i, ur—1; is the column density of species ¢ down

to 7 = 1 and hydrostatic equilibrium has been assumed. This is similar to the approach of
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Hogan (2010) and provides an optimal subdivision for the part of the spectrum that is most
important in each layer: k-terms are subdivided at the P—T where the optical depth reaches one
for each k-term, i.e. at large pressures for weak k-terms and small pressures for strong k-terms.
We use an isothermal P-T profile at 1116 K, one of the temperatures in our P-T grid, for this

calculation as a compromise between day- and night-side P-T" profiles of hot Jupiters.

The number of k-coefficients in each band is determined by setting a tolerance on the total
error in Eq. (3.39) for all column densities j and k-coefficients [ using the average absorption
coefficient &, ave (7). The error for k-term [ is defined as the root mean square (RMS) of the

difference between the fitted exponential and exact LbL transmission for all column densities:

Ny gi+1 2
a= =Y <1 f " dguy ehelon)us _ekzpt”uj> _ (3.44)

Mu s \ WL Jg,

The total error in a band, €, is defined as

ng
€= Z wye?, (3.45)
=1

A tolerance is set on the total error in a band, €,.x. The number of k-terms in a band is chosen to
be the smallest satisfying the criterion € < eyax using the average absorption coefficients kfjvavg(ﬂ)
defined in Eq. (3.43). Having determined the number and placement of these subintervals, the
fitting of optimal k-coefficients is repeated for each P—T'. In the tests presented in Chapter 4 we
use two values for epayx: 5 x 1073 and 1 x 1074, where epax = 1 x 1074 is expected to reduce

the error from the correlated-k method significantly.

The maximum column density over which k-coefficients are to be fitted must be determined.
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The column density of species ¢ is given by

0 P .
w= [ e - ¢ [ arar - < (3.46)

z 0

where we have assumed a constant mass mixing ratio. We set the maximum column density
using Eq. (3.46) with the maximum pressure and mixing ratio in our P-T table. In the ES
radiation scheme, the mass mixing ratio used in Eq. (3.43) is calculated from the maximum
column density using Eq. (3.46).

To obtain the total flux in band b, n; pseudo-monochromatic calculations are performed,

each yielding a flux F;. The band-integrated flux is then given by
ng
Fy = > w}F. (3.47)
=1

The weight w;* for the thermal component should ideally be given by the Planck function
evaluated at the local temperature. For simplicity, however, the weights w; at the temperature
where 7 = 1 in the calculation of k-coefficients are adopted, i.e. 1116 K in our case. For the
stellar component, w;* is the stellar spectrum at the top of the atmosphere. We later compare
these weighting schemes to a uniform weighting scheme and show that, using the bands adopted

here, the exact weighting scheme does not affect fluxes and heating rates to a significant degree.

3.4.2 Mixture of gases with overlapping absorption

In order to include more than one absorbing species in the radiative transfer calculations,
k-coefficients for gas mixtures must be calculated. Here, we consider three different methods for
obtaining the absorption properties of gas mixtures: pre-mixing of gases, the random overlap

method and equivalent extinction.

Pre-mixing of gases

An “effective” absorption coefficient is calculated by summing absorption coefficients for all

absorbing species weighted by their relative abundance:
Ns
K0, P,T) = ) k9, P, T)G(P,T), (3.48)
i=1

where the sum is over all Ny species, and k,;(7, P,T) and (;(P,T) are the mass absorption
coefficient and (equilibrium) mass mixing ratio of gas i at (P,T), respectively. The total
absorption coefficient at a given (P,T') is then given by kgﬂp, where p is the total mass density.
This approach has several advantages: it is fast, requiring only one set of k-coefficients for each

temperature and pressure, and it is simple to implement. This technique is currently used by
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Showman et al. (2009). It is not particularly flexible, however, as local abundances ¢;(P,T)
must be determined before the calculation of k-coefficients. In cases where the abundance of a
particular species changes rapidly with either pressure or temperature, it also leads to increased
errors since the product of absorption coefficients and mass mixing ratios are tabulated and then

interpolated to the local pressure and temperature. We discuss this in more detail in Chapter 4.

Random overlap

The second method is the random overlap method, described in (Lacis & Oinas 1991). Assuming
that the mass absorption coefficient of one gas a, k,(7) is uncorrelated to that of a second gas b,
ky(D), the total transmission of the gas mixture over some column density (ug,up) is given by a

simple scalar product,

T (ua,up) = T (ua) x T (up). (3.49)

The assumption of uncorrelation between the absorption coefficients of different gases is gen-
erally considered to be good, but may depend on the bands adopted and should be checked.
Equation (3.49) can be derived by looking at the transmission integral:

1%

Ao w(i)e Fa@ua=ke@)uy J Ao w(0)eFa?)a ke (@)us (3.50)

V1

123

Twasw) = |

V1

where we have for simplicity assumed that the medium is homogeneous. Let the operator F

denote

BU@)) = [ arw(@)f0), (3.51)

v

and X; = e*(M%  we then have
T (ug,up) = E[ X Xp). (3.52)

If ko(v) and kp(v) are uncorrelated, X, and X are too. The correlation coefficient is zero, and

consequently the covariance o(X,, X}), defined by
0 (Xa, Xp) = E[(Xa — E[Xa])(Xs — E[X3])] = E[XaXs] — E[X.]E[X], (3.53)

is zero. Consequently E[X,Xp]| = E[X,]|E[X].

The transmission through one layer is, using Eq. (3.49),

1%} ~ v2 ~
T (wa, up) = f dv w(D)e Fa@ua J Ao’ w()e™Fe@)us (3.54)
171 ’71
Tkia kb opt,l opt,m
T wggwy e R ek (3.55)

~

=1 m=1
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Defining uy, = uq + up, we can write the above transmission as

Nk,a Mk,b

Opt l7nu
T (wa, up) Z Z Wab,im€ Kap ab (3.56)

=1 m=1
where

poprim _ KMo+ KT, P Gau 4 BTGRP G 4 TG (357)
Uq + Up Cat + Gpu Ca + G ’ .

and

Wap,im = Wa,|Whm- (358)

Running ny, ny » pseudo-monochromatic calculations using these k-coefficients, the flux can be
calculated as normal using Eq. (3.47).

Note that the computation time increases by a factor of ny for each added gas, which makes
this method computationally expensive. Lacis & Oinas (1991) circumvent this by reordering the
kgbpt’lm—coefﬁcients and resampling them to obtain the original ny , k-coefficients. This approach
is much more flexible than the pre-mixing of gases as gas abundances can be manipulated
on-the-fly. In the ES scheme the random overlap method is implemented without reordering and

resampling.

Equivalent extinction

The ES scheme uses equivalent extinction to treat gaseous overlap (Edwards 1996). It utilizes the
fact that in most bands there is a primary absorber, and additional minor absorbers are included
as grey processes in bands. The theoretical foundation of equivalent extinction is discussed in
Appendix A.3, here we describe the results.

In each layer an equivalent absorption or extinction K is calculated for each minor gas, which

for the thermal component is given by

n
Sk w K Fy

K = n s
lekl wva,l

(3.59)
where K are the k-coefficients of the minor gas in the layer with corresponding weights wy,
and Fy; is the thermal flux in the layer including only absorption by k-term K;. Pseudo-
monochromatic calculations are performed for all nj k-coefficients of the major gas in a band
with all other minor absorbers included by using the equivalent grey absorption K. This
effectively reduces the number of pseudo-monochromatic calculations to one per k-coefficient
per gas.

The direct component of the stellar flux is readily included by calculating the transmission
for each gas separately and then taking the product since, assuming random overlap, direct

transmissions are multiplicative. For the diffuse stellar beam, which will be non-zero if Rayleigh-
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scattering is included, the equivalent extinction is calculated using

n
Dk wiK Fey

K~ 2l
2121 wlFs*,l

(3.60)
Fi,; is the direct flux at the lower boundary including only k-term [. The use of Fg,; is not
ideal for hot Jupiter atmospheres as the direct stellar flux at the bottom boundary may be
zero. In this case the ES scheme uses the smallest k-coefficient for the minor gas, though this is
expected to be less accurate than to use the full expression in Eq. (3.60). In this work the main
stellar radiation is contained in the direct beam, however, and Eq. (3.60) should be sufficient
for the results presented here. This issue will have to be revisited when significant scattering is

introduced for the stellar component of the radiation.

Equivalent extinction is currently used by default in the ES radiation scheme, and we test
it for hot Jupiter atmospheres in Chapter 4 and adopt in our GCM simulations presented in
Chapters 5 and 6. Equivalent extinction has not been compared to the random overlap method
including reordering and resampling. It is therefore unclear which is better in terms of speed

and accuracy.

3.5 Band-averaged absorption coefficients

Band-averaged absorption coefficients have been applied in exoplanet GCMs (Dobbs-Dixon &
Agol 2013) and stellar /substellar atmosphere radiation hydrodynamical models (see e.g Freytag
et al. 2010). In Dobbs-Dixon & Agol (2013), an average absorption coefficient is calculated in
each band as ~

_ Ao w(D)k, (0

kb:S”b (7K ( )’ (3.61)

§o+t divw ()

where 7, is the lower bound of bin b. The upper bound of the last band is defined as 7, 1, where
ny, is the number of bands. The fluxes F}, are obtained by performing nj, pseudo-monochromatic
calculations, the total flux being the sum of the individual fluxes in each band. In Dobbs-Dixon
& Agol (2013), the weighting function w(7) is a black-body spectrum evaluated at the local
temperature for the thermal component, i.e. kj is the Planck mean in each band, known to be
applicable in the optically thin limit. The stellar spectrum at the top of the atmosphere is used
as the weight for the stellar component. The bands were selected as in Showman et al. (2009),
see Table 4.2.

Improved schemes utilising mean absorption coefficients exist, but we limit our discussion to
the approach used by Dobbs-Dixon & Agol (2013) and compare its accuracy to a full correlated-
k treatment. For this purpose, we show in Chapter 4 results obtained with band-averaged

absorption coefficients designed to replicate the treatment used in Dobbs-Dixon & Agol (2013).
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Element (i) | log Nx/Ny + 12 Table 3.5: Our adopted solar-

C 850 like elemental abundances (Asplund
et al. 2009). N; is the number dens-

N 7.86 ity of element ¢ and Ny is the num-

O 8.76 ber density of hydrogen.

Na 6.24

K 5.11

Si 7.51

Ti 4.95

A% 3.93

3.6 Abundances

Here we discuss the chemical equilibrium abundance calculations we adopt in the UM. We use

solar-like elemental abundances from Asplund et al. (2009), see Table 3.5.

3.6.1 H, and He

We assume the gas to be ideal. Hy and He partial pressures are calculated by assuming the
atmosphere to be pure hydrogen and helium with atomic hydrogen and helium number fractions
of Ag = 0.91183 and Ap. = 1 — Ag, respectively. This is a reasonable assumption as the
abundances of higher mass elements are much smaller than that of hydrogen (see Table 3.5).

Assuming all hydrogen atoms are bound in molecular hydrogen, Hy, we have

An/2

NH2 - AH/2+AHeNtOt7 (362)
AHC

Nyge = —————— Niots 3.63

H AH/2 + AHe tot ( )

where NN; is the number density of element 7 and Ny is the total number density of particles.

The mean molecular weight is then given by:

Ay/2 Afe

__cHe _THe e~ 2. 1, 64
o AHemH2 + )2+ AHemH 3376 g/mo (3.64)

m =

where m, is the mean weight of species z.

3.6.2 CO, CH4, Hzo, N2 and NH3

Abundances of CO, CHy4, H2O, N2 and NHj are calculated using the analytical formulas given in
the appendix of Burrows & Sharp (1999). They are derived by making the following assumptions:
(i) temperatures are below about 2500 K, (ii) dissociation of Hy can be neglected and (iii) the

composition ratios are approximately solar with Ng > Ng + Ng;.
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Table 3.6: Constants used in Eq. (3.71) to i=1 i=2
calculate equilibrium abundances of CO, CHy, a; 1.106 131 x 10° 816413 x 10°
HQO, N2 and NH3 4 4

b; —5.6895 x 10 —2.9109 x 10
C 62.565 58.5878
d; | —5.81396 x 1074 | —7.8284 x 10~

e; | 2.346515 x 1078

4.729048 x 1078

Defining

P,

L =
Pu,’

Z_NH’

B, (3.65)

where P, is the partial pressure of molecule z, the partial pressures as a function of temperature

T are given by

Bco = A + Ap + i, — | | AL + AL + M, —4ALA; (3.66)
CO T RCTTO T oK (T) ¢TI0 T oK (T) cror ’
Ben, = 246 — Beo, 3.67)
Bu,0 = 24 — Beo, (3.68)
and
2
P2 P?
By, = A He __ 1141 Ho | 442 :
No = AN T R (T) N T RKo(T) N> (3:69)
By, = 2 (Ay — Bny) - (3.70)
The equilibrium constants are given by
Ki(T) = exp [(ai/T + b; + ;T + d;T? + ¢,T°) /RT] (3.71)

where the constants a;, b;, . .
of cal/(Kmol).

.,e; are given in Table 3.6 and R is the ideal gas constant in units

The effective number of available oxygen atoms N, is slightly reduced because of the removal
of oxygen by condensates, mainly those of silicon and magnesium, at low temperatures. For

T < 1500 K the abundance of available oxygen atoms is approximated as

N/O = NO — CUSiNSia (372)

where zg; is the number of oxygen atoms removed per silicon atom. According to Burrows &
Sharp (1999) zs; = 3.28, and N is consequently replaced by N{; in Eq. (3.65).
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The partial pressure of Hy is calculated using Eq. (3.62):

_ NHQP _ AH/2
Ntot "4H/2 + AHe ’

P, (3.73)

where P is the total pressure of the gas.

3.6.3 TiO, VO, Na, K: Parametrisation

For TiO and VO we use a simple parametrisation scheme to prescribe their abundances. Ti
and V are thought to sequester deeper than 10% Pa to 107 Pa, while at low temperatures Ti and
V will be bound to condensates (Fortney et al. 2006b; Showman et al. 2009). We therefore
parametrise the abundance of TiO and VO by assuming no absorbing TiO and VO to be present
in the atmosphere for temperatures below T¢ . or pressures above P..;. For temperatures above
Terit and pressures below P, however, we assume TiO and VO to be present, with partial
pressures estimated by assuming all Ti bound in TiO and similarly all V bound in VO. This is a
reasonable assumption since the abundances of both Ti and V are much smaller than that of
oxygen, see Table 3.5. TiO and VO will therefore have a negligible effect on the availability of
oxygen in the atmosphere.

We use Tyt = 1500K, Py = 107 Pa for the tests in Chapter 4. Later in Chapter 6 we
modified these values to be in better agreement with the condensation curves shown in Burrows
& Sharp (1999), and use T.HO = 1800 K, TVQ = 1600 K while leaving PFO = PYO = 107 Pa.

For sodium and potassium, which we include in Chapters 5 and 6, we use a similar paramet-
risation, but do not include a critical pressure. We choose Th: = 1000K and 7K, = 1100K, in

agreement with the chemical transformation curves in Burrows & Sharp (1999) and abundance
profiles in Sharp & Burrows (2007).

3.7 Summary and conclusions

In this chapter we have discussed the calculation of absorption coefficients from high temperature

molecular line lists suitable for Ho and He dominated atmospheres. Our main results are:

o High temperature line lists are crucial in order to correctly capture absorption in hot

Jupiter atmospheres.

e Hjy and He pressure broadening parameters obtained using van der Waals broadening

theory significantly overestimates line widths.

e We adopt pressure broadening parameters from the literature, which are obtained mainly
from experiments at room temperature and pressure. Significant extrapolation is necessary
in order to apply these line widths to hot Jupiter-like conditions, and the validity of

these extrapolations are highly uncertain. We are currently setting up a collaboration
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with the ExoMol group at University College London (UCL) and V.E. Zuev Institute of

Atmospheric Optics in Tomsk, Russia to improve the pressure broadened line widths.

e High temperature line lists are extremely large, and this can cause absorption coefficient
calculations to become very computationally expensive. We presented a line profile cut-off
scheme that decreases the computation time required to calculate absorption coefficients
by a factor of ~ 100 compared to other methods used in the literature, while still giving

accurate results.

A method for reducing the wavenumber resolution of absorption coefficients is needed to
apply the tabulated opacities in GCMs. The correlated-k method is widely used for this, and we
presented the implementation of the correlated-k method in the ES radiation scheme. We also

briefly discussed the chemical equilibrium abundances adopted in this work.



Chapter 4

Accuracy tests of radiation schemes
used in hot Jupiter global

circulation models

In this chapter we investigate the accuracy of the ES radiation scheme by applying it to several
different scenarios designed to test a range of physical conditions representative of hot Jupiters.
In addition to testing the two-stream approximation and correlated-k£ method as implemented
in the ES scheme, we perform calculations using band-averaged opacities, which has recently
been used in a GCM applied to the hot Jupiter HD 189733b (Dobbs-Dixon & Agol 2013).

Due to the large uncertainties related to the sources of scattering in hot Jupiter atmospheres
and the complexity it adds to radiation transport, we limit the discussions here to purely
absorbing atmospheres and postpone the inclusion of scattering to future work. The exception
is the very last test where we include Rayleigh scattering by Hy and He. A gravitational
acceleration of 9.42m/s? is used, suitable for HD 209458b. Unless otherwise stated, k-coefficients
were calculated using €pax = 5 % 1073, a Planckian weighting scheme for the thermal component
and a solar spectrum for the stellar component are used unless stated otherwise, see Section 3.4.

The atmospheric domain extends from 10~ Pa to 108 Pa, and we use 100 pressure points on
a logarithmic scale. We have tested the convergence of the solution as a function of the number
of pressure levels and found that only 50 layers is sufficient for the solution to have converged.
To ease comparison between the different two-stream approximations (Section 2.2.8) and opacity

treatments (Sections 3.4 and 4.3.3) we introduce the L! norm,

10g10 Pmax |HATMO| |HES _ HATMO|
Ll — f (d 10g10 P) log o Pmax "H
log o Prmin Slogm P (dlogyg P) ]”HATMD] aMo|
l mdx
Sﬁgig Prin (dlogyg P) |Hes — Harvol W
1 Pmax ) .
Sligig Pin (dlogyg P) |[Hammol
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given here for the heating rate, where Hgg and Hrug are the heating rates from the ES radiation
scheme and ATMO, respectively. Ppin and Ppax are the minimum and maximum pressures in our
calculations, respectively. This is a convenient measure to use when comparing errors between
different two-stream approximations and opacity treatments, and represents the relative error
of some quantity, in this case the heating rate, weighted by the current value of that quantity
integrated over all pressures.

We begin by briefly summarising changes we have made to the ES radiation scheme and
describing the line-by-line (LbL) discrete ordinate (DO) code ATMO we use for comparison. In
Section 4.2 we present some simple initial tests of both the ES scheme and ATMO for an isothermal
atmosphere without irradiation and gradually increase the complexity of the absorption.

In Section 4.3.1 we study the accuracy of the radiation scheme when applied to a typical
hot Jupiter night side and include absorption by CO, CH4, HoO, NHs, Ho—Hs and Ho—He CIA.
Different methods for computing k-coefficients for gas mixtures, as discussed in Section 3.4.2,
are compared. Next, in Section 4.3.2 we use a P—T profile typical for a hot Jupiter day side and
also include irradiation and absorption by TiO and VO in the upper atmosphere. In the final
test in this section we include Rayleigh scattering by Hs and He. We finish by discussing the
average opacity scheme used by Dobbs-Dixon & Agol (2013) in more detail in Section 4.3.3.

The results presented here are an expansion of the work published in Amundsen et al. (2014).

4.1 Radiation codes

In this section we briefly discuss the radiation codes used in this chapter. We discuss the changes
made to the ES radiation scheme and introduce our benchmark line-by-line discrete ordinate

code ATMO used for comparison.

4.1.1 The Edwards—Slingo (ES) radiation scheme

The ES radiation scheme solves the two-stream equations (Edwards 1996; Zdunkowski &
Korb 1985; Zdunkowski et al. 1982, 1980) to obtain fluxes and heating rates as described in
Sections 2.2.7 and 2.3. For the opacities the ES radiation scheme uses a combination of the
exponential sum fitting of transmissions (ESFT) technique (Wiscombe & Evans 1977) and the
correlated-k method (Goody et al. 1989; Lacis & Oinas 1991) to obtain k-coefficients, which
we have described in Section 3.4. Maximum column densities used when fitting k-coefficients,
calculated as described in Section 3.4 using Eq. (3.46), are provided in Table 4.1. k-coefficients
are tabulated in spectral files, one for the thermal and one for the stellar component, which
are used as input to the flux and heating rate calculations. For use with equivalent extinction
described in Section 3.4.2 absorbers are sorted in each band according to importance using the
column densities in Table 4.1. Note that we do not include Na and K absorption in these tests,

but we do not expect the results to change significantly when including additional absorbers.
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Molecule Umax [kg/m2] Table 4.1: Maximum
H.0 | 6.7 x 10* column densities used when
> ' " fitting k-coefficients. To
CO | 58 x10 calculate these the maximum
CH, | 3.3 x 10* possible abundance for each
NH; | 8.8 x 103 absorber was used throughout
Na | 3.1 x 102 the atmosphere as described
K | 3.9 % 10 in Section 3.4.
TiO | 44
VO | 44
H, | 7.7 x 106
He | 3.0 x 106

1.0 —
— T =6000K - - !
08F —- T=4000K = . ! .
-+ T=2500K - o
E 06F 0 T=50K ' .
~ :
q ;
~
A 0.4 e : :
PoY Figure 4.1: Planck functions for
objects with different temperatures
0.2 | . normalised by their maximum value.
' The overlap between planet and
0.0 i star temperatures is significant, con-
10t 102 10° sequently we include all bands in
7 [em™1] both the thermal and stellar compon-

ents of the radiation.

Our opacity bands are very similar to those used by Showman et al. (2009), and we list
them in Table 4.2. Three small modifications have been made compared to the bands listed in
Showman et al. (2009): (i) The upper limit of band 30 has been reduced from 38 314 cm™! to
28000 cm™! to reduce the memory usage of our correlated-k code, (ii) Band 31 has been added
to capture absorption up to the small wavelength limit of our line lists, and (iii) Band 32 has

been added to capture most of the stellar flux at small wavelengths.

Planet temperatures are usually between about 500 K to 2500 K (Showman et al. 2009), with
star temperatures between about 4000 K to 6000 K'. We have in Fig. 4.1 plotted the Planck
functions for objects with effective temperatures of 500 K, 2500 K, 4000 K and 6000 K. The
overlap is significant, and we therefore choose to include all bands in both the thermal and

stellar components.

We describe the main changes made to the ES radiation scheme below.

"http://exoplanets.org/
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Band | Pmin [em™!] | Zpax [em™1] | Available absorber data

1 31 217 HQO, 1\IH37 CH47 CO, TIO, HQ—HQ, HQ-HG

2 217 500 HQO, 1\IH37 CH47 CO, TIO, HQ-HQ, Hg-He

3 500 962 HQO, 1\IH37 CH47 TIO, HQ—HQ, HQ—HC

4 962 1550 | H,O, NH;, CHy, CO, TiO, Ho-Hs,, Hy-He

S 1550 1916 | H,O, NH3, CHy4, CO, TiO, Hy-Hy, Ho-He

6 1916 2273 HQO, NHg7 CH47 CO, TiO, HQ—HQ, HQ-HG

7 2273 2632 | H,O, NH;, CHy, CO, TiO, Hy-H,, Hy-He

8 2632 3041 | H,0, NH;, CHy, CO, TiO, Hy-H,, Hy-He

9 3041 3346 | H,0, NH;, CHy, CO, TiO, Hy-H,, Hy-He

10 3346 3992 | H,O, NH;, CHy, CO, TiO, VO, Hy-H,, Hy-He

11 3992 4608 HQO, NHg, CH47 CO, K, TlO7 \/O7 HQ—HQ, Hg—He

12 4608 4950 | H,O, NH;, CHy, CO, K, TiO, VO, Ho-H,, Hy-He

13 4950 5627 | H,0, NH;, CH,, CO, Na, K, TiO, VO, Hy-H,, Hy-He
14 5627 6277 | H,O, NH;, CHy, CO, Na, K, TiO, VO, Hy-H,, Ho-He
15 6277 6680 | H,O, NH;, CHy, CO, Na, K, TiO, VO, Hy-H,, Ho-He
16 6680 7519 | H,O, NH3, CHy, Na, K, TiO, VO, Hy-Hy, Ho-He

17 7519 8354 | H,O, NH;, CHy, CO, Na, K, TiO, VO, Ho-H,, Hy-He
18 8354 9091 | H,O, NH;, CH,*, CO, Na, K, TiO, VO, Ho-H,, H-He
19 9091 9950 | H,O, NH;, CH,*, Na, K, TiO, VO, Hy-H,, H,-He

20 9950 10417 | H,O, NH;, CH4*, Na, K, TiO, VO, Hy-H,, H,-He

21 10417 10989 | H,O, NHs, CH4*, Na, K, TiO, VO, Hy-He

22 10989 11628 | HyO, NH5, CH,*, Na, K, TiO, VO, Hy-He

23 11628 12739 | H,O, NH5, CH4*, Na, K, TiO, VO, H,-He

24 12739 13423 | H,0, Na, K, TiO, VO, H-He

25 13423 14815 | H,0, Na, K, TiO, VO, Hy-He

26 14815 16340 | H,0, Na, K, TiO, VO, Hy-He

27 16 340 17483 | Ho0, Na, K, TiO, VO, Hy-He

28 17483 20202 | H,O, Na, K, TiO, VO, Ho-He

29 20202 25000 | HyO, Na, K, TiO, VO

30 25000 28000 | H2O, Na, K, TiO, VO

31 28000 31761 | H2O, Na, K, TiO

32 31761 50000 | Na, K

Table 4.2: Bands used for the correlated-k method. They are almost identical to the bands in Showman
et al. (2009), the differences are explained in the text. Sodium and potassium are not included in the
tests presented in this chapter. *The STDS line list (Wenger & Champion 1998) is used in this chapter
and does not include CH,4 absorption in these bands. The ExoMol YT10to10 line list (Yurchenko &
Tennyson 2014) is adopted in Chapters 5 and 6 and does include absorption by CHy in these bands.



4.1. RADIATION CODES 111

Format of LbL opacity files: We do not use the ES radiation scheme to calculate line-by-line
(LbL) opacities from line lists, but tabulate LbL opacities using our own code optimised for high
temperature line lists and using pressure broadening by Hs and He as described in Chapter 3.
Previously the format of the LbL opacity files in the ES radiation scheme included a division of
both wavenumber and absorption coefficients into the bands used when calculating k-coefficients.
This is not desirable as we would like to have the possibility of adjusting band limits without
changing the LbL opacity files. We modified the format of the LbL opacity files to not include
any information about bands to make it compatible with the opacity files we calculate from high

temperature line lists.

Read LbL opacities in band-by-band: Previously all absorption coefficients for all P, T
and 7 were kept in memory throughout the calculation of k-coefficients in the ES radiation scheme.
Due to our large (P, T, 7) grid this would require an unreasonable amount of computer memory.
We modified the correlated-k code to read the LbL opacity files band-by-band, drastically

reducing the required computer memory.

Look-up table for band-integrated Planck functions: The band-integrated Planck func-
tion evaluated at the local temperature is required for the thermal component of the radiation
scheme. In the original version of the ES scheme a polynomial was fitted to the band-integrated
Planck function as a function of temperature, this was then used when solving the radiative
transfer equation. For the Earth the required temperature range is quite small and a polynomial
fit is reasonably accurate. Our absorption coefficients are tabulated from 70 K to 3000 K, and
we would like the polynomial fit to be valid on a similar range. At low temperatures the
Planck function will generally be much smaller than at high temperatures, which may cause
the polynomial fit to oscillate between positive and negative values at low temperatures. For
this reason we have implemented the option to use a look-up table of band-integrated Planck

functions to circumvent this problem.

The Planck function is given by Eq. (2.4):

2hc2 i3

By(T)dv = oheofkeT _ |

do, (4.2)
which we integrate numerically over each band. Depending on the temperature, the required
wavenumber resolution needed to integrate By (T") accurately may vary. For purposes of numerical
integration it is therefore convenient to introduce a dimensionless integration variable. We
introduce

he kgT

% = U=

5 kT
kgT he

he

€Tr =

x, dv = dz, (4.3)
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which yields
ATH 4

The band-integrated Planck function is therefore given by

Thi1 2k.4 T4 Thi1 .1‘4
B,(T)dx = =B~ —— d 4.5
| B = e [ (45)

i.e. the integral is independent of 7" and can easily be integrated numerically for varying T
with a fixed resolution in x. Note that the integral limits z; and xp,1 do have a temperature
dependence. The numerical integration is performed using Simpsons rule, we use Az = 1 x 1074
The tabulated band-integrated Planck-function is included in the spectral file for the thermal

component.

Rayleigh scattering by Hs and He: Rayleigh scattering by a Hy- and He-dominated
atmosphere has been added to the ES radiation scheme. The Rayleigh scattering coefficient
is given by Eq. (2.27). The index of refraction less unity, m, — 1, is proportional to the mass

density as long as the composition does not change. We can therefore write Eq. (2.27) as
8ré(mlgrp —1)°

SRAY _ 87T3(m3,STP —1)?0*/pgrp ™
- 2
31 Napsrp

p " e Tipn)  (46)

Qf(pn) =

where m, sTp and pgTp are the refractive index and mass density at standard temperature and

EAY is therefore independent of density, and the band-integrated scattering

pressure (STP). o
coefficient weighted by the stellar spectrum is tabulated in the stellar spectral file.

The correction factor f(p,) applied to take into account the anisotropy of the scattering
particles is given by Eq. (2.24). For air p, ~ 0.035, which yields f(p,) ~ 1.06. For Hy and He,
pn has been measured to 0.0221 and 0.025, respectively (Penndorf 1957). We adopt p, = 0.02
for simplicity, which yields f(py,) ~ 1.03.

We use refractive indices for Hy from Leonard (1974) and He from Mansfield & Peck (1969)2.
The Hs data is provided in tabular form, we use linear interpolation to obtain the index of
refraction for an arbitrary wavelength, and use the value at the extreme values for wavelengths

outside the tabulated range. The He refractive index is approximated by a simple formula,

0.01470091

nue(A) =1+ 423.98 — \=2’

[A] = pm. (4.7)

There are several formulas for calculating the index of refraction of a mixture, we use one of the

most widely applicable, the Lorentz—Lorentz relation (Heller 1965):

2-1 ¢;g_1
n3 + 2

n3y —1 :¢1n

4.8
ni, + 2 n%+2+ ’ (48)

2Data downloaded from http://refractiveindex.info/.
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where n1, ng and nio are the refractive indices of gas 1, 2 and the mixture, respectively, and ¢;
is the volume fraction of gas ¢ in the mixture. Since we have assumed that the gas is ideal, ¢; is
equal to the number fraction of species i, see Section 3.6.1. Note that Eq. (4.8) reduces to the

simpler and more intuitive form
nig = ¢1n1 + Pang (4.9)

assuming volume additivity and using n12 — n1 and ne — ny (Heller 1965). Rayleigh scattering
is not included in the below tests unless stated otherwise, but we do include it in Chapters 5
and 6.

4.1.2 ATMO

ATMO is a 1D radiative convective equilibrium code written by Pascal Tremblin and Wolfgang
Hayek. It can be used both to calculate fluxes and heating rates for a given P—T profile and to
derive radiative and convective equilibrium P-T profiles for a given effective temperature, gravity
and irradiation. It follows the method of the MARCS code (for a description, see Gustafsson
et al. 2008), with some modifications.

The 1D plane-parallel radiative transfer equation is solved using the discrete ordinates
method (see e.g. Thomas & Stamnes 2002), i.e. solving the radiative transfer equation for
discrete ray directions p;, which are selected according to Gauss-Legendre quadrature. The
angular dependence of the intensity is therefore properly resolved in contrast to the two-stream
approximation where only two directions are used. We use 16 rays, and we have checked the
convergence by using up to 32 rays.

To treat opacities it can both use line-by-line or the correlated-k method. In this chapter
we use its line-by-line mode in order to investigate the accuracy of the correlated-k method
as implemented in the Edwards—Slingo radiation scheme. The code has been parallelised to
facilitate a high wavenumber resolution. By successively increasing the resolution, we found

1 was necessary for the solution to have converged, i.e.

that a resolution of about ~ 1073 cm™
about 5 x 107 wavenumber points. In contrast we use a few hundred pseudo-monochromatic
calculations in the ES scheme, illustrating the large gain in computational efficiency achieved by
using the correlated-k method.

For further discussion of ATMO, see Tremblin et al. (2015).

4.2 TIsothermal atmosphere

Here we perform tests with an isothermal atmosphere at a temperature T, = 1500K. In
Section 4.2.1 we describe a test where analytical solutions to both the two-stream approximated
and the full radiative transfer equations exist. A grey opacity is used to eliminate errors from
the correlated-k method, and we use this scenario to test both the accuracy of the numerical

solvers and the two-stream approximation in isolation. Next we gradually add complexity
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in the opacity by considering only Ho—Hjy collision induced (continuum) absorption (CIA) in
Section 4.2.2, minimising the error caused by the correlated-k method, and only water absorption
in Section 4.2.3.

4.2.1 With grey opacity

This test is based on a grey atmosphere without scattering and irradiation at the top of the
atmosphere, and a lower boundary that emits as a perfect black body at a temperature T.. To
facilitate analytical treatment, we make an additional assumption: the lower boundary is located
at a constant optical depth 7 = 7*. This is done in both the ES radiation scheme and ATMO by
explicitly keeping the total mass absorption coefficient, k,, constant as a function of pressure

and placing the lower boundary at a constant pressure.

Analytical solutions

Analytical solutions to the two-stream approximated and full radiative transfer equations are
available and provided below. The analytical solutions are compared to the numerical solutions

obtained by the ES radiation scheme and to the discrete ordinate solution from ATMO.

The two-stream approximation: The two-stream approximated radiative transfer equation
for the thermal component, ignoring scattering, is given by Eq. (2.105) with a = 0. Integrating
Eq. (2.105) with respect to wavenumber yields

1dF*(7)

— _ 4
T = F~(r) —oT,, (4.10)

where Stefan-Boltzmann’s law has been used. The above equation is a simple inhomogeneous
linear first order differential equation in optical depth, 7, and can be solved using traditional

techniques. The homogeneous solution, i.e. ignoring the Planck emission, is given by
FE(r) = Ase®Pm, (4.11)

where A4 is determined by boundary conditions, while the particular solution in this case is

given by
F¥(r) = oT}, (4.12)
which yields the complete solution
FE(r) = FE(r) + Ff (1) = Ape™ + 0T} (4.13)

At the upper boundary, i.e. 7 =0, we have

F (r=0=A_+40T'=0 = A =—0T% (4.14)
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At the lower boundary, which we place at an optical depth of 7 = 7*, we have
Frir=7%)=A."" +oT =0T = A, =0. (4.15)

The upwelling, downwelling and total fluxes are therefore

FY(r) = oT2, (4.16)
F (1) =0Tt [1—e PT], (4.17)
F(r)=F% (1) = F (1) = oTde P7. (4.18)

Using Eq. (2.47) and assuming hydrostatic equilibrium, the optical depth can be related to the

pressure by
5 | R
T(7,P) = - dP'k,(0,P") = £P, (4.19)
0 g
since k, (7, P) = k, is assumed to be independent of both wavenumber o and pressure P. The

heating rate is given by Eq. (2.39), and using Eq. (4.19) we get

dF dF  k,PmdF  k,PmD _, _p
= —— = _— = —_— - —_—— Z T
" dz P ar RT dr RT 7c€
_ _kpPmD oTie Pkells, (4.20)

The angular dependent radiative transfer equation: The full angular dependent (but
still azimuthally averaged) radiative transfer equation without scattering and irradiation is given
by Eq. (2.48) with a = 0,
dIf/ (7-7 ’LL)
u—210"
dr

where u = cos . From above, the general solution is given by

= I(1,u) — Bp(T¢), (4.21)

Ip(1,u) = Ap(u)e™™ + By(Ty). (4.22)

Note that a discrete ordinate method gives the same equation and solution, except u is replaced
by the quadrature points u;. No downward radiation at the upper boundary implies I;(7 =
0,u < 0) = 0, which yields

I(r,u < 0) = By(T%) [1 . eT/u] . (4.23)

Perfect black-body radiation in the upward direction at the lower boundary implies I;(7 =
7% u > 0) = By(T,), which yields

Iy(r,u > 0) = By(T). (4.24)
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Note that I(7,u) is anisotropic in the downward direction except in the limit of high optical
depths, 7 — 0. The intensity at a given optical depth in the downward direction, u < 0,
is dictated by the amount of atmosphere above it emitting thermally in the direction of the
radiation. The “effective optical depth” or optical path in the direction of the radiation is higher
for smaller values of ji, and the intensity consequently cannot be isotropic. The exception is at
high optical depths, where the atmosphere becomes optically thick in all directions.

The upward flux is

1

1
Ff(r) = 2 fo dpe el (7, 1) = 2wB,><TC>fO djups = 7Bo(Te), (4.25)

while the downward flux is

1 1

F; ()= 27rf0 dp plp(r, —p) = QWBﬂ(Tc)JO dp p [1 - 6_7/“] (4.26)
— 7B(T.) — 2nB(T.) fl dpu pe™ ™ (4.27)
0

This integral does not have a simple closed-form solution, but can be found numerically. Integ-

rating over all wavenumbers and using Stefan-Boltzmann’s law, the total flux is given by
1
F(ry=F*(r)—F (1) = 20Tc4f dpe pe™ ™", (4.28)
0

i.e. dictated by this integral and clearly not equivalent to Eq. (4.18). Note that the two-stream
approximation effectively evaluates the integral in Eq. (4.28) using a single quaderature point
i = 1/D which can be chosen using e.g. Gauss—Legendre quadrature or an empirical fit. The

heating rate, Eq. (2.37), is similarly given by

k,PmdF  2k,Pm _, f dr1
= = = T | dpp— e /" 4.2
RT dr  RT " °), “MFar [6 ] (4.29)
2k,Pm 4 (Y, _
— 2 T | dpe TR 4,
T fo pe (4.30)

Accuracy of the two-stream approximation

Fluxes and heating rates with errors are plotted in Figs. 4.2 and 4.3 using the solutions in
Egs. (4.18), (4.20), (4.28) and (4.30). At small optical depths, the flux is equal to the black-body
flux while at large optical depths, the flux is zero, as expected. The heating rate is zero at
both low and high optical depths, while at intermediate optical depths the atmosphere is cooled
(the heating rate is negative). Interestingly, the relative error in both flux and heating rate
approaches unity at large optical depths, a consequence of the two-stream solutions approaching
zero faster than the full solution. We do not consider this as a problem, however, as it has a

negligible impact on the atmospheric heat budget.
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Figure 4.2: The left-hand panel shows the fluxes obtained using the two-stream flux in Eq. (4.18) and
exact flux in Eq. (4.28) obtained with D = /3 (dotted, red), D = 1.66 (dashed-dotted, green), D = 2
(dashed, cyan) and solving the fully angular dependent radiative transfer equation (solid, black). The
right-hand panel shows the calculated relative errors in the two-stream fluxes. Relative errors become
unreasonably large only where the flux is very small.
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Figure 4.3: Same as Fig. 4.2 for heating rates. Relative errors become unreasonably large only where
the heating rate is very small.
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Table 4.3: Computed flux (F') ‘ L', F ‘ L', H
and heating rate (%) L' norms ~p _ V3 | 0.007 | 0103
using the analytical solutions in
Section 4.2.1 shown in Figs. 4.2 D =166 | 0.006 | 0.094
and 4.3 thereby eliminating the D =2 0.015 | 0.174
errors from the numerical solu-
tion schemes. The smallest er-
rors are obtained with D =

1.66.
Table 4.4: Computed flux (F') and heating rate ‘ L', F ‘ L', H
(#) L' norms from Fig. 4.4 comparing the numer- ES radiation scheme | 3.88 x 107® | 3.55 x 1073
ical and analytical solutions to check the accuracy 4 _a
L . ATMO 6.20 x 10 1.22 x 10
of the numerical schemes.

In Table 4.3 we show the calculated L' norms using the analytical solutions derived above.
The smallest errors are achieved with D = 1.66, but using D = /3 only yields slightly larger
errors. This is verified by looking at the relative error in Figs. 4.2 and 4.3.

It is worth noting that the different values for D yield different convergence towards zero
heating rate at low optical depths, evident in the right-hand panel of Fig. 4.3, caused by the
factor D in Eq. (4.20). Comparing Egs. (4.20) and (4.30), it is clear that only D = 2 will yield
the correct behaviour of the heating rate at low optical depths. The effect on the heating rate

itself is small, however, and D = 1.66 yields the most correct heating rate overall.

Accuracy of the numerical scheme

We use the analytical expressions in Eqs. (4.18), (4.20), (4.28) and (4.30) to estimate the errors
in the numerical solution schemes in both the ES radiation scheme and ATMO. We show the
numerical error in Fig. 4.4 as a function of optical depth, and the L' errors are provided in
Table 4.4. The errors are small for small optical depths, while at large optical depths the
errors increase significantly. The error in the flux and heating rate reach 10 % at about 7 = 10
and 7 = 4, respectively, for the ES radiation scheme, while ATMO is accurate to a somewhat
larger optical depth. The L! errors reflects this, keeping in mind that the error in ATMO is also
caused by a finite number of rays in the Gaussian quadrature, which may become important
at the accuracy level of the numerical solver. Both numerical schemes are seen to yield errors
significantly smaller than errors caused by the two-stream approximation. This confirms that

both numerical solvers yield satisfactory accuracy.

4.2.2 Only H2*H2 CIA

We proceed by introducing a frequency dependent absorption coefficient. Since the frequency
dependence of molecular absorption is quite complicated we start by including only Ho—Hs CIA,
which has a slowly varying absorption coefficient with frequency. This will help minimise errors

caused by the correlated-k method. We compare the numerical solutions obtained with the ES
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Figure 4.4: Relative error in the numerical solutions from the ES radiation scheme (dashed-dotted,
green) and ATMO (solid, black) calculated using the analytical solution in Eqs. (4.18), (4.20), (4.28)
and (4.30). Relative numerical errors become large at large optical depths, caused by both fluxes and
heating rates approaching zero.

radiation scheme and ATMO, and errors are calculated assuming the line-by-line discrete ordinate
solution from ATMO is correct.

Fluxes and heating rates obtained with . = 5 x 1072 (default), €pax = 1 x 107* and with
band-averaged absorption coefficients are shown in the left-hand panels of Figs. 4.5 and 4.6, all
with D = 1.66. As in Section 4.2.1 with a grey opacity the flux approaches the black-body flux at
small optical depths, but it does not approach 0 in the optically thick limit. The reason for this
is that Hy-Hy CIA data is only available between 20 cm™! and 10000cm ™", i.e. only emission
and absorption from this spectral region will be included from the atmosphere. Consequently
the downward flux at large optical depths will be a black-body flux inside this spectral range
and zero otherwise. The lower surface emits as a black-body at 1500 K, causing the upward flux
to be the black-body flux for all wavenumbers. The downward flux at large optical depths is
consequently slightly smaller than the upward flux, causing the total flux to become non-zero.

The right-hand panels of Figs. 4.5 and 4.6 show the relative error in fluxes and heating
rates, respectively. Both fluxes and heating rates agree fairly well irrespective of the choice of
opacity precision, relative errors stay below about 20 %. Some numerical noise is evident in
the relative error of the heating rate at small pressures, but looking at the absolute values of
‘H the noise does not become unreasonably large. As in Section 4.2.1 with a grey opacity the
heating rate approaches 0 at high optical depths causing the relative error to become large. We

do not consider this as a problem, however, as it has a negligible impact on the atmospheric
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Figure 4.5: The left-hand panel shows the fluxes obtained with ES radiation scheme using D = 1.66 and
emax = D x 1073 (dashed-dotted, green), eymayx = 107* (dashed, cyan), and mean absorption coefficients
(dotted, blue), for an isothermal atmosphere with only Ho—Hs CIA. The ATMO LbL DO result is also
shown in this panel (solid, black) and is used to calculate the relative errors shown in the right-hand panel.
Relative errors stay below 15 % throughout the atmosphere irrespective of the choice of k-coefficients.

]-0_1_""I""I""I""I""I""' 10_1_"'|"'|'"|"'|"'|"'|"'i'
100 3 10° E
10' E RE
1025— 3 5 3
[ ! 7
= 103F i1 = 10%F 4 §
A [ =) [ g
AO10%F 3 a 104k _(-—‘{; E
[ [ rd
105?_ E 105% .\"w:j‘ ]
106— = 108 E K:;‘&""""'"{w:-..,___. B
107 3 107 E
[ [ |
1083....|....|....|....|....|..... 1083...|...|...|...|...|...|...|.
-3 —-25 -2 —-1.5 -1 =05 0 —-04-0.2 0 0.2 04 0.6 0.8 1
H [1071 W/m?] Relative error in H

Figure 4.6: Same as Fig. 4.5, but for heating rates. Relative errors stay below about 20 % throughout
the atmosphere.
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Flux | Heating rate Table 4.5: Computed L' norms for an iso-

D=3 0.004 0.076 thermal atmosphere including only Ho—Ho CIA (Sec-
tion 4.2.2), the last two rows correspond to a uni-

D= 1.66 0.004 0.074 form weighting scheme (UW) and band-averaged
D=2 0.007 0.118 (mean) absorption coefficients, respectively. The
D = 1.66, emax = 107* | 0.003 0.061 smallest errors are obtained with D = 1.66.
D =1.66, UW 0.004 0.073 Only minor differences are seen for the various k-
D = 1.66, mean 0.004 0.075 coefficients used due to the slowly varying Ho—Hs

CIA with wavenumber. Consequently errors are
mainly caused by the two-stream approximation.

heat budget as mentioned above and reflected by the L' norms in Table 4.5.

Table 4.5 also includes results for diffusivities D = 4/3 and 2, and a uniform weighting (UW)
scheme. The smallest errors are obtained with D = 1.66 or v/3, while the weighting scheme
used does not affect the error significantly. Decreasing the tolerance from €gpax = 5 x 1073
t0 €max = 1 x 10™% does not have a large effect on the error. This is caused by the smooth
wavenumber dependence of Hy-Hy CIA. €pax = 5 x 1073 yields approximately nj, = 1 k-
coefficient in each band, while for €. = 1 X 10~% n ~ 10. The remaining error is consequently
mostly due to the two-stream approximation. This is also the reason why the band-averaged

(mean) opacity yields similarly small errors.

4.2.3 Only water absorption

This test includes only absorption by H2O, otherwise it is identical to the tests in Sections 4.2.1
and 4.2.2. A constant mass mixing ratio of 3.3477 x 10~3 is adopted, which corresponds to the
smallest mass mixing ratio predicted by Eq. (3.68). Adopting émax = 5 x 1072 and epax = 1074
yield ~ 10 and ~ 100 k-coefficients in each band, respectively. Note, however, that the number
of k-coefficients can vary significantly between different bands.

Figures 4.7 and 4.8 show the fluxes and heating rates, respectively, with corresponding relative
errors. Since the atmosphere is isothermal, the upward flux is again the Planck flux throughout
the atmosphere. At the upper boundary the downward flux is 0, while at the lower boundary it
is the Planck flux due to the high optical depth. Since the H5O line list extends to 30000 cm,
much larger wavenumbers than He—Hy CIA in Section 4.2.2, the total flux is approximately
zero at large optical depths, while at small optical depths the planet radiates as a black body,
as expected. The heating rate peaks at a pressure of ~ 10* Pa. Errors in fluxes and heating
rates generally stay below about 10 % at pressures where the heating is significant, while using
€max = 107 yields considerably more accurate results. Table 4.6 shows L' errors, indicating
that D = 1.66 and /3 yield the most accurate results. There is no significant difference between
a Planckian and a uniform weighting (UW) scheme.

Using mean absorption coefficients yield very inaccurate fluxes and heating rates (see Figs. 4.7
and 4.8, and Table 4.6). The flux is underestimated at all pressures, while the heating rate peak

occurs at pressures about two orders of magnitude smaller than the peak of the LbL DO result.
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Table 4.6: Computed flux (F') and heating L' F | LY, H
rate (#) L' norms for an isothermal atmo- ~5 V3 0.007 | 0.044
sphere including only water absorption (Sec- ' '

tion 4.2.3). The most accurate fluxes and D =166 0.007 | 0.046
heating rates are obtained with D = 1.66 D =2 0.013 | 0.063
and /3. Decreasing €max from 5 x 1073 to D = 1.66, €max = 107* | 0.004 | 0.021
1 x 10™* is seen to improve the accuracy sig- ) — 1.66, UW 0.007 | 0.044
nificantly. D = 1.66, mean 0.227 | 0.837

The fact that one k-coefficient per band is not sufficient to resolve the opacity is reflected by the
need for ~ 10 k-coefficients in each band to achieve a tolerance of €max = 5 x 1073 for HyO. The

failure of this method is discussed in more detail in Section 4.3.3.

4.3 Hot Jupiter-like atmospheres

We next consider conditions representative of a real hot Jupiter atmosphere. We use the
polynomial fits to the night and day side P-T profiles of HD 209458b from Heng et al. (2011),
which are based on a P-T profile from Iro et al. (2005), with the smoothing described in Mayne
et al. (2014a). These profiles are in agreement with P-T profiles found in the literature (Baraffe
et al. 2008; Showman et al. 2009). The lower boundary emits as a black body with Ty, = T'(Pyp),
where Tj, and Fj, are the temperature and pressure at the lower boundary, respectively.

As discussed in Section 3.4.2, k-coefficients for a gas mixture may be obtained by calculating
k-coefficients from an effective absorption coefficient for the gas mixture (pre-mixing), the
random overlap method or equivalent extinction. Up until now there has been no difference
between these three schemes as we have only included one absorber and the mass mixing ratio
has been kept constant. Here we we investigate the difference between these three schemes, but
will for the main tests of the two-stream approximation and correlated-k method use pre-mixed

k-coefficients as this was the approach used by Showman et al. (2009).

4.3.1 Night side of HD 209458b

We show the night side P-T profile from Mayne et al. (2014a) in Fig. 4.9. The temperature
varies from about 400 K in the upper atmosphere to above 1600 K at 108 Pa, consistent with
the literature (see e.g. Fig. 6 in Showman et al. (2009) and Fig. 7 in Baraffe et al. (2008)).
Irradiation at the upper boundary is not included as this is a night side profile. We first include
only water absorption, and then extend to a mixture of gases using all schemes for treating

gaseous overlap described in Section 3.4.2.

Only water absorption

We begin by including only absorption by water, but the abundance is allowed to vary according

to Eq. (3.68). For brevity we consider only D = 1.66 and epnax = 5 x 1072 in this section.
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Figure 4.7: The left-hand panel shows the fluxes obtained with ES radiation scheme using D = 1.66 and
€max = D x 1073 (dashed-dotted, green), €max = 10~* (dashed, cyan), and mean absorption coefficients
(dotted, blue), for an isothermal atmosphere with pure HoO absorption. The ATMO LbL DO result is also
shown in this panel (solid, black) and is used to calculate the relative errors shown in the right-hand
panel (except for the mean absorption coefficient case since errors are too large). Relative errors stay
below 30 % throughout the atmosphere.
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Fluxes and heating rates calculated by the ES radiation scheme are shown in Fig. 4.10 both
for pre-mixed k-coefficients and those obtained using the random overlap (RO) method. The
difference between the two schemes is small, but non-zero, and to explain this we plot the
temperature dependence of By, in Fig. 4.11 at 1 bar using Eq. (3.68) at the same resolution
as in our opacity files. The sharp transition in water abundance may not be well represented
in the pre-mixed case as the product of the opacity and mass mixing ratio is interpolated.
In the random overlap case only the opacity is interpolated, while the mass mixing ratio is
calculated using Eq. (3.68) at the local pressure and temperature, causing the rapid transition
to be represented more accurately.

To verify that this is indeed the problem we replace the water abundance curve in Fig. 4.11
with a linearly decreasing function in temperature from the maximum to the minimum abundance
over the whole temperature interval, and show the result in Fig. 4.12. The resulting difference
between the two is vanishingly small, clearly showing that the discrepancies seen in Fig. 4.10
are caused by the rapid transition in the mass mixing ratio in temperature. We will revisit this

issue when including absorption by many gases.

Precomputed mixture

Next we include absorption by CO, CHy4, HoO, NH3, Ho—Hy and Ho—He CIA, with abundances
as described in Section 3.6. Fluxes and heating rates are calculated from effective pre-mixed
k-coefficients in the ES radiation scheme and compared to equivalent LbL DO results from ATMO
obtained with an effective LbL pre-mixed opacity table. We plot fluxes and heating rates with
relative errors in Figs. 4.13 and 4.14, with L' errors given in Table 4.7, from which it is clear
that D = 1.66 yields the most accurate fluxes and heating rates overall. The results are similar

to those obtained in Section 4.2.3. Note that calculations with mean absorption coefficients in
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Figure 4.10: Fluxes (left) and heating rates (right) obtained using the ES radiation scheme including
only water absorption for both pre-mixed k-coefficients (interpolation of product of opacity and mixing
ratio) and using the random overlap method (interpolation of opacity only).

ILE| LY, H
D=1+/3 0.065 | 0.096
D = 1.66 0.043 | 0.080
D=2 0.133 | 0.173
D = 1.66, €max = 1074 | 0.012 | 0.070
D =1.66, UW 0.031 | 0.081
D = 1.66, mean 0.700 | 0.926

Table 4.7: Computed flux (F) and heat-
ing rate (H#) L' norms for the night side
of HD 209458b in Section 4.3.1 (Figs. 4.13
and 4.14), showing that the most accurate

fluxes and heating rates are obtained with
D = 1.66.

each band significantly underestimates the flux and result in heating rate peaks with the wrong

amplitude.

Random overlap method and equivalent extinction

We now compare the results obtained with pre-mixed opacities to using the random overlap

(RO) method and equivalent extinction (EE) to calculate k-coefficients for the mixture. We

restrict the discussion to D = 1.66, emax = 5 x 1073 for brevity, results will be representable for

other choices as well. Fluxes and heating rates, with corresponding relative errors calculated

assuming the RO result is exact, are shown in Figs. 4.15 and 4.16, respectively. There are

significant differences between the three schemes, the discrepancies between RO and pre-mixed

k-coefficients being mainly caused by rapid abundance transitions not captured properly by the

temperature resolution of our opacity tables.
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Figure 4.12: Fluxes (left) and heating rates (right) obtained using the ES radiation scheme including
only water absorption for both pre-mixed k-coefficients (interpolation of product of opacity and mixing
ratio) and using the random overlap method (interpolation of opacity only). The water abundance has
been forced to decrease linearly with increasing temperature, removing the difference between the mixing
schemes seen in Fig. 4.10.
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Figure 4.13: The left-hand panel shows the fluxes obtained for the night side of HD 209458b in
Section 4.3.1 with the ES radiation scheme and ATMO using the P—T profile in Fig. 4.9. Absorption by
CO, CH4, H>O, NH3, Hy-H, and Ho—He CIA are included. The ATMO LbL DO result is also shown in this
panel and is used to calculate the relative errors shown in the right-hand panel. Lines are as in Fig. 4.7.
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Figure 4.14: Same as Fig. 4.13 for the heating rates. Note that when the heating rate is very small
relative errors may become large. The effect on the heating budget will be small, however, so we do not

consider this a problem.
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Figure 4.15: The left-hand panel shows the fluxes obtained for the night side of HD 209458b in
Section 4.3.1 with the ES radiation scheme using the pre-mixed k-coefficients, the random overlap method
and equivalent extinction. Absorption by CO, CHy, HoO, NH3, Ho—Hy and Ho—He CIA is included.
The random overlap result is used to calculate relative errors caused by using equivalent extinction and
pre-mixed k-coefficients shown in the right-hand panel.
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Figure 4.16: Same as Fig. 4.15 but for heating rates. Note that when the heating rate is very small
relative errors may become large. The effect on the heating budget will be small, however, so we do not
consider this a problem.
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Computation time [s] ‘ Flux ‘ Heating rate ~ Table 4.8:  Computed flux (F) and
RO 22.6939 B —  heating rate (H) L' norms for the night

side of HD 209458b from comparing the

EE 0.0178 | 0.038 0.132 random overlap (RO) method to equi-
Pre-mixed 0.0072 | 0.042 0.307  valent extinction (EE) and pre-mixed -
coeflicients.
107!
100
10" f
10 b
= 10%f
& [
A, 10%F
10° |
106 3
; Figure 4.17: The P-T profile
107 used in Section 4.3.2. From the poly-
108 b nomial fit (Heng et al. 2011) to the
1.4 day side profile of HD 209458b from

Tro et al. (2005) with the smoothing
described in Mayne et al. (2014a).

Errors caused by using EE are on the order of the errors caused by the two-stream approx-
imation and correlated-k method, and smaller than those caused by using pre-mixed opacities,
as confirmed by the L! norms in Table 4.8. In this table we also provide the computation times
for fluxes and heating rates, where EE is only slightly slower than using pre-mixed opacities.
The excessive computation time required by RO is due to the lack of resorting and resampling

to reduce the number of k-coefficients as discussed in Section 3.4.2.

4.3.2 Day side of HD 209458b

Our last tests adopt conditions suitable to the day side of hot Jupiters. We show the adopted
day side P-T profile from Mayne et al. (2014a) in Fig. 4.17. The thermal and stellar components
of the flux are calculated separately and then summed to obtain the total flux and heating rate.
For the thermal component the lower boundary again emits as a black body at Ti, = T'(Pp),
i.e. 1998 K using the P-T profile in Fig. 4.17. Note that, due to the separation of the intensity
into direct and diffuse components, the stellar component of the intensity will only be subject
to errors caused by the correlated-k method when scattering is ignored. Absorption by CO,
CHy4, H2O, NHs, TiO, VO, Ho—Hs and Ho—He CIA is included, with abundances as described in
Section 3.6. As in Section 4.3.1 we compare all schemes for treating gaseous overlap described in
Section 3.4.2. Rayleigh scattering by Ho and He is included in our final test.

We assume an orbital distance agmiy = 0.047au and a parent star effective temperature
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L', F | L', H
D =+/3 0.026 | 0.100
D = 1.66 0.015 | 0.098
D=2 0.064 | 0.128
D = 1.66, emax = 107* | 0.014 | 0.033
D = 1.66, UW 0.012 | 0.097
D = 1.66, mean 0.425 | 0.711

Table 4.9: Computed flux (F) and heating rate (H) L' norms for the thermal component of the day
side of HD 209458b in Section 4.3.2 (Figs. 4.18 and 4.19). The smallest errors are again obtained with
D = 1.66.

Tsftfar = esﬁ‘fm = 5785 K and radius Rgar = Rsun. Using Stefan-Boltzmann’s law, the stellar

€

irradiation at the top of the planet’s atmosphere is given by

Rstar

Gorbit

2
i = o (Tof)! < ) = 6.092 x 10° W/m?. (4.31)
We adopt a zero solar zenith angle and use a solar spectrum from Kurucz®. At smaller wavelengths
than available, we set the stellar flux to zero, while at larger wavelengths we extrapolate using a
black-body spectrum with the effective temperature of the Sun (7' = 5785 K).

Precomputed mixture

Fluxes and heating rates for the mixture are calculated from effective k-coefficients in the ES
radiation scheme and compared to equivalent LbL DO results from ATMO obtained with an
effective LbL opacity table. Figures 4.18 and 4.19 show the thermal flux and heating rate with
relative errors. The flux error is small in regions with non-negligible flux. The heating rate
error also remains small in regions with significant cooling. This is confirmed by the computed
L' norms listed in Table 4.9. A diffusitivy of D = 1.66 yields the smallest error, and it is
approximately halved by decreasing epax from 5 x 1073 to 1074, Whether a black-body or
uniform weighting scheme is used does not affect the accuracy significantly, but using a mean
absorption coefficient does result in large errors.

Figures 4.20 and 4.21 show the stellar flux and heating rate with relative errors. At the top
of the atmosphere, the flux is —6.092 x 10> W/m?, as prescribed, and is subsequently absorbed.
The heating rate is positive, i.e. the atmosphere is heated due to the absorption of stellar
radiation, as expected. The accuracy is acceptable, the error in the flux stays below 10 %, while
the heating rate error also stays below 10 % in the regions with strong heating. This is reflected
in the L' errors listed in Table 4.10. Using epax = 1074 significantly reduces the error from the
correlated-k method, and changing the weighting scheme does not alter the results significantly.
The use of an average absorption coefficient, however, is seen to still result in significant errors.

See Section 4.3.3 for discussion and more details.

3See http://kurucz.harvard.edu/.
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Figure 4.18: The left-hand panel shows the thermal component of the flux as a function of total pressure
for the day side of HD 209458b in Section 4.3.2 with the ES radiation scheme and ATMO using the P-T
profile in Fig. 4.17. Absorption by CO, CHy, HyO, NHj3, TiO, VO, Ho—Hy and Hy—He CIA is included.
The ATMO LbL DO result is also shown in this panel and is used to calculate the relative errors shown in
the right-hand panel. Lines are as in Fig. 4.7. At high pressures the relative error becomes large, similar
to that seen in Fig. 4.14 for the heating rate. As the flux itself is small, however, this is not a problem.
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Figure 4.19: Same as Fig. 4.18 for the thermal component of the heating rate. Relative errors become
unreasonably large only where the heating rate is very small.
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Figure 4.20: The left-hand panel shows the stellar component of the flux as a function of total pressure
for the day side of HD 209458b in Section 4.3.2 with the ES radiation scheme using epax = 5 x 1073
(dashed-dotted, green) and eyayx = 107 (dashed, cyan) and ATMO (solid, black) using the P-T profile in
Fig. 4.17. Absorption by CO, CHy, H2O, NH3, TiO, VO, Ho—Hs and Ho—He CIA is included. The ATMO
LbL DO result is used to calculate the relative errors shown in the right-hand panel. Errors are small,
and using €max = 10~* almost completely eliminates errors in the ES radiation scheme.
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Figure 4.21: Same as Fig. 4.20 for the stellar component of the heating rate.
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LY F | L' H Table 4.10: Computed flux (F) and heat-
. 1

= 5x103 0.004 | 0.035 ing rate (H) L* norms for the stellar com-

‘ ><_4 ponent of the day side of HD 209458b in

€max = 10 0.001 10005 gection 4.3.2 (Figs. 4.18 and 4.19). The

€max = 5 x 1072, UW | 0.006 | 0.045 correlated-k method is seen to introduce er-

Mean 0.094 | 0.432 rors of about 4 %.

LY F | LY H Table 4.11: Computed flux (F') and heating

D=3 0164 | 0132 rate () L' norms for the total flux and heat-
' ' ing rate using the day side of HD 209458b

D =1.66 0.097 | 0124 4 Section 4.3.2 (Figs. 4.22 and 4.23). Again
D=2 0.387 | 0.169 D = 1.66 yields the smallest errors.

D = 1.66, emax = 1074 | 0.081 | 0.043

D =1.66, UW 0.090 | 0.116

D = 1.66, mean 2.034 | 0.624

The total flux and heating rate, obtained by summing up the stellar and thermal components
of the flux and heating rate, are shown in Figs. 4.22 and 4.23, respectively. The main region
of heating and cooling, seen separately in Figs. 4.19 and 4.21, respectively, are still clearly
distinguishable in Fig. 4.23. The atmosphere is heated at low pressures and cooled slightly at
higher pressures. Note that errors remain small using the correlated-k method, as also shown in

Table 4.11. The error introduced by using mean absorption coefficients is significant.

Random overlap method and equivalent extinction

We now compare the results obtained with pre-mixed opacities above to using the random
overlap (RO) method and equivalent extinction (EE) to calculate k-coefficients for the mixture.
We restrict the discussion to D = 1.66, emax = 5 x 1072 for brevity. Fluxes and heating rates,
with corresponding relative errors calculated assuming the RO result is exact, are shown in
Figs. 4.24 and 4.25, respectively.

There are significant differences between the three schemes. There is a discontinuity in the
derivative of the flux at about 102 Pa, which causes the discontinuity and spike in the heating
rate, as seen in the RO and EE results. Comparing to Fig. 4.17 this discontinuity occurs as the
temperature exceeds 1500 K, which is where TiO and VO abundances become non-zero in this
test. Both molecules are strong absorbers in the visible, and the presence of these molecules
leads to a strong absorption of the stellar component of the radiation. The transition is sudden
due to the rapid increase in TiO and VO abundance, but it is smoothed out when using a
pre-mixed opacity table due to the interpolation of the product of the opacity and mixing ratio
instead of the opacity only. Consequently, the use of pre-mixed opacities can lead to large errors
in both fluxes and heating rates if abundance transitions are not properly resolved.

We show the L' norms in Table 4.12, which confirms that using pre-mixed opacities can
lead to significant errors if abundance transitions are not properly resolved. Condensation can

therefore not be expected to be treated accurately with pre-mixed opacities without a very
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Figure 4.22: The left-hand panel shows the total flux as a function of total pressure for the day side of
HD 209458b in Section 4.3.2 with the ES radiation scheme obtained by combining the thermal and stellar
components in Figs. 4.18 to 4.21. The ATMO LbL DO result is also shown in this panel and is used to
calculate the relative errors shown in the right-hand panel. Lines are as in Fig. 4.7. Again, relative errors
become unreasonably large only where the flux is very small.
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Figure 4.23: Same as Fig. 4.22 for the total heating rate. Relative errors become unreasonably large
only where the heating rate is very small, with a negligible effect on the heating budget.
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Figure 4.24: The left-hand panel shows the total fluxes obtained for the day side of HD 209458b in
Section 4.3.2 with the ES radiation scheme using the pre-mixed k-coefficients, the random overlap method
and equivalent extinction. Absorption by CO, CHy, HoO, NH3, Ho—Hy and Ho—He CIA is included.
The random overlap result is used to calculate relative errors caused by using equivalent extinction and
pre-mixed k-coefficients shown in the right-hand panel.
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Figure 4.25: Same as Fig. 4.24 but for heating rates.
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| Computation time [s] | Flux | Heating rate

RO 22.32 4 24.715 = 47.04 - -
EE 0.0182 + 0.0166 = 0.035 | 0.016 0.050
Pre-mixed | 0.0073 + 0.0065 = 0.014 | 0.992 0.863

Table 4.12: Computed flux (F) and heating rate (H) L! norms for the day side of HD 209458b from
comparing the random overlap (RO) method to equivalent extinction (EE) and pre-mixed k-coefficients.
The first computation time is the thermal component, the second the stellar component.

Table 4.13: Computed flux (F) and heat- Flux | Heating rate
ing rate () L' norms for the day side of ~prnigo 0.000 0.000
HD 209458b with Rayleigh scattering from com-

paring various two-stream approximations for DO 0.002 0.001
the stellar component to PIFM80. Differences PIFM85, D =1.66 | 0.003 0.001
in fluxes and heating rates are negligibly small. HM 0.001 0.001
Comparing to the non-scattering case there is  pypMg0, EE 0.020 0.051
a significant difference in the flux while heating No scattering 0.368 0.022

rates are similar. See Figs. 4.26 and 4.27.

high resolution temperature and pressure grid for the opacity. Equivalent extinction, on the
other hand, follows the DO result closely. As discussed in Section 3.4.2 there are no differences
between RO and EE in the direct stellar component, i.e. the errors originate from the thermal
component since we do not include scattering. From Table 4.12 equivalent extinction is much
quicker than the random overlap method, and errors are again on the order of the errors due to

the two-stream and correlated-k method.

Rayleigh scattering

So far we have not included any form of scattering, but even though we do not include clouds we
do include Rayleigh scattering by Hs and He in Chapters 5 and 6 as described in Sections 2.1.5
and 4.1.1. We try several different two-stream approximations to investigate the difference
between them. As a basis we use the Practical Improved Flux Method from Zdunkowski et al.
(1980) (PIFM1980), as described in Section 2.2.8, as this is the two-stream approximation
recommended for use by the Met Office for the stellar component.

In Figs. 4.26 and 4.27 we show the fluxes and heating rates, respectively, computed with
the ES scheme for several different two-stream approximations for the stellar component. The
corresponding L' norms, computed by comparing to PIFMS80, are provided in Table 4.13. For all
cases we use D = 1.66 for the thermal component and random overlap to combine k-coeflicients
for different gases except for one case where equivalent extinction is used. Differences between
two-stream approximations are very small, and errors caused by equivalent extinction are again
on the order of errors caused by the two-stream approximation and correlated-k method. We
consequently adopt PIFMS80 as our default two-stream scheme for the stellar component as it is
used by the Met Office, and combine k-coefficients using equivalent extinction.

Comparing to the no Rayleigh scattering case there is a significant difference in the flux
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Figure 4.26: The left-hand panel shows the total fluxes obtained with the ES radiation scheme using
various two-stream schemes for the stellar component (see Section 2.2.8): practical improved flux methods
(PIFM80, PIFMS85 with D = 1.66), discrete ordinate (DO) and hemispheric mean (HM). The relative
difference on the right is calculated relative to PIFM80. The setup is otherwise identical to that in
Fig. 4.24 with random overlap (RO) except for the case marked EE (equivalent extinction).
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Figure 4.27: Same as Fig. 4.26 but for heating rates. Almost no difference in the heating rate is seen
between various two-stream approximations for the stellar component and between cases with and without
Rayleigh scattering.
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due to the non-zero albedo as some of the short-wave stellar radiation is reflected back out of
the atmosphere. In the heating rate, on the other hand, only minor differences are seen. The
explanation for this is the 1/\* form of the Rayleigh-scattering coefficient. Rayleigh scattering will
redistribute and lower the radiative energy in the atmosphere mainly at very short wavelengths
where absorption is relatively weak even with TiO and VO. Consequently Rayleigh scattering

only has a minor effect on the heating rate.

4.3.3 Discussion of the failure of mean absorption coefficients

Inspection of Figs. 4.7, 4.8, 4.13, 4.14 and 4.18 to 4.23 suggests systematic deviations of results
based on the band-averaged absorption coefficients. For a given pressure, the thermal and stellar
fluxes are underestimated, often resulting in heating rate peaks occurring at lower pressures and
having the wrong magnitude. In an attempt to explain this behaviour, we first consider the
direct stellar component.

The band-integrated direct stellar component of the flux is given by

1 [Po+1 ~
stb(up)zg f Ao Fue ke @uo/no, (4.32)

73
where the atmospheric slab has been assumed to be homogeneous where u, is the mass column

density down to some height z. Using a mean absorption coefficient instead, the corresponding

flux is

di F. (4.33)

a B_Ebup/l"o Up+1
Y,

Ho 7
For simplicity we assume the incoming stellar radiation at the top of the atmosphere is wavenum-

ber independent within a given band. Using a mean absorption coefficient then implies

Vb

Upt1 _ -
f di e Fe@uo/tio o (5 1 — b)) e Fote/ 1o, (4.34)

Within a band the absorption coefficient k,(¥) will vary by orders of magnitude, causing some
regions in the band to have a small transmission and others to have a large transmission. The
mean in Eq. (3.61) is an arithmetic mean, i.e. the largest values of k,(i7) will dominate kj.
Regions with high transmission due to small k,(7) will be overshadowed by this large mean,
causing the overall transmission to be underestimated. This explains the deviation in the flux
seen in Fig. 4.20.

A similar argument can be used in the thermal region, but upward and downward radiation

need to be considered separately. The radiative transfer equation is

dl;
ds

k(,s) [By(s) = In(s)], (4.35)

where s is the path over which radiation travels. We first consider the isothermal case, where the
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upward radiation is constant and equal to the black-body flux throughout the atmosphere. At
the top of the atmosphere, the downward flux is zero, i.e. the change in intensity will, according
to Eq. (4.35), be dominated by thermal emission (Bj(s) > I5(s)). Using a band-mean absorption
coefficient effectively increases k(7, s), which in Eq. (4.35) yields a larger intensity at a given s
or pressure. The downward radiation contributes negatively to the total flux, i.e. the total flux
will be smaller for a given pressure, as seen in Fig. 4.7.

If the atmosphere has non-zero temperature gradients, the upward flux will also depend on
pressure. In both P—T profiles used here, the temperature decreases with height overall. At
the lower boundary the upward intensity is simply the Planck intensity, i.e. the right-hand
side of Eq. (4.35) is zero. As the temperature decreases, Bj(s) will generally decrease, causing
By (s) < Iy(s). The upward flux is therefore dominated by absorption, and effectively increasing
k,(7) will cause the upward flux to become smaller for a given s or pressure. This explains
why the total flux at the top of the atmosphere is underestimated when using a band-mean
absorption coefficient, as seen in Figs. 4.7, 4.13 and 4.22.

These results show that large errors in both fluxes and heating rates may occur when the
mean opacity scheme described in Dobbs-Dixon & Agol (2013) is applied in radiation schemes hot
Jupiter GCMs. Improved mean opacity schemes have been developed by the stellar atmosphere
community (see e.g. Nordlund 1982; Skartlien 2000), which may be applicable to hot Jupiter
atmospheres. Further developments of these improved schemes may be needed, however, as they
rely on correlations induced by strong vertical stratification, and longitude—latitude-dependent

stellar heating has not been considered.

4.4 Summary and conclusions

The accuracy of radiation schemes used in GCMs has been studied extensively for Earth-like
conditions, but detailed analysis for hot Jupiter-like conditions are lacking. In this chapter we
have analysed the accuracy and uncertainties in state-of-the-art radiation schemes used in several
GCMs applied to hot Jupiters. Both the two-stream approximation and correlated-k method’s
applicability to hot Jupiter atmospheres have been analysed by comparing the Edwards—Slingo

radiation scheme to discrete ordinate line-by-line calculations. Our main results are:

e The ES radiation scheme’s performance in these tests shows that we have successfully
adapted it to hot Jupiter-like atmospheres. We found that a diffusivity factor of D = 1.66
for the thermal component, already widely used in both Earth and hot Jupiter GCMs,
yields the smallest errors from the two-stream approximation, although D = /3 ~ 1.73 is

only slightly less accurate.

e About 10 k-coefficients in each band for molecular line absorption yield satisfactory
accuracy. Using ~ 100 k-coefficients per band does improve the overall accuracy, but errors

decrease by less than 50 %, while the radiative transfer computation time increases by a
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factor of 10. We therefore choose to adopt the former as a balance between accuracy and

computational cost.

» Using a mean absorption coefficient in each band, as in Dobbs-Dixon & Agol (2013), yields
inaccurate fluxes and heating rates for molecular absorption. Heating rate errors can
reach 100 % or more, even in regions with significant heating. Band-averaged absorption

coefficients should thus be used with caution.

e The use of pre-mixed opacities can incur significant errors if abundances change rapidly,
such as when an absorber is condensing. An unreasonably high resolution in pressure and
temperature would be required in the pre-mixed opacity table to capture such behaviour,
but random overlap as implemented in the ES radiation scheme is too slow for use in a
GCM. Equivalent extinction is a much quicker way of combining k-coefficients for different
absorbers. We show that errors caused by using equivalent extinction are on the order
of the errors caused by the two-stream approximation and correlated-k method for hot

Jupiters, and we consequently adopt this scheme in the GCM.

Both the two-stream approximation and the correlated-k method contribute non-negligibly
to the total error, with overall heating rate errors of < 10% in regions with non-zero heating
rates. Flux errors are similar or smaller. Whether a black-body spectrum, solar spectrum or
uniform (in wavenumber) weighting scheme is used has little effect on the overall accuracy given
the bands used here (see Tables 4.5 to 4.7 and 4.9 to 4.11). We therefore choose to adopt a
uniform weighting scheme, enabling the use of the same k-coefficients in both the thermal and
stellar spectral regions and for different irradiation spectra.

Rayleigh scattering has been shown to be relatively unimportant for the heating budget,
mainly caused by the 1/A\*-dependence of the Rayleigh scattering coefficient. We note that the
current implementation of equivalent extinction will need to be modified if significant scattering
is introduced in the stellar component of the radiation as mentioned in Section 3.4.2.

Any radiation scheme applied to hot Jupiters should be checked against the tests we have
presented here. These tests, and the detailed descriptions of our methods and approximations,
will be useful for future adaptation of radiation schemes in other GCMs. Current observational
constraints on exoplanets do not require the level of accuracy we have applied in this work.
The field develops at an amazing pace, however, and modellers should now develop the best
theoretical and numerical tools to tackle the challenges posed by the increasing accuracy expected

from future large observational projects.



Chapter 5

Coupling to the UM dynamical core
ENDGAME

In the previous chapters we have discussed the adaptation of the ES radiation scheme to hot
Jupiters, and in Chapter 4 we confirmed that the adapted radiation scheme performs well, with
errors < 10 % in fluxes and heating rates, for hot Jupiter-like conditions. The UM dynamical core
ENDGAME has been tested independently for hot Jupiter-like conditions using a temperature-
forcing scheme as discussed in Chapter 1, and the results have been presented in Mayne et al.
(2014a,b). Mayne et al. found that ENDGAME accurately reproduces hot Jupiter benchmark
results in the literature and concluded that this dynamical core can indeed be applied to hot
Jupiters. In this chapter we discuss the coupling of the adapted ES radiation scheme to the
dynamical core and modifications we have made to the UM.

In Section 5.1 we briefly discuss the equations of fluid dynamics and how they are coupled to
the heating rate (Section 2.1.7) from the radiation scheme through the thermodynamic equation.
Then, in Section 5.2, we describe the model set-up and the changes we have made to the UM.
This includes the initial condition, uniform radiation mode that enables us to compare the UM
to 1D equilibrium models, and boundary conditions. We perform a comparison between our 1D
radiative-convective equilibrium code ATMO and the UM in Section 5.3 and detail modifications
we have made to abundances to improve numerical stability in Section 5.4. At the end of this
chapter, in Section 5.5, we discuss how synthetic observations are calculated from UM output.

This includes phase curves, transmission and emission spectra.

5.1 Fluid dynamics and the UM dynamical core

Here we introduce the fluid dynamics equations and the UM dynamical core. We leave out a
thorough discussion as the focus of this work is on the radiation scheme, but refer to Vallis
(2006) for more details on fluid dynamics in general and Mayne et al. (2014a,b) and references

therein for a much more thorough discussion of the UM dynamical core and its applicability to
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hot Jupiter-like atmospheres.

5.1.1 The material derivative

In fluid dynamics the evolution of fluid properties can be specified from two different viewpoints.
The first is called the Lagrangian view, and involves looking at individual fluid parcels and
following their properties (e.g. position, velocity and temperature) with time. This is similar to
standard solid-body mechanics: Newton’s laws and the laws of thermodynamics can be applied
to each parcel. The second is called the Eularian view, where fluid properties are described by
fields, e.g. a temperature field T'(x,t) where « is the position vector and ¢ is time, specifying
some property of the material at a given position and time. The material derivative relates these
two viewpoints.
Consider a fluid described by a velocity field v(x,t) and a fluid parcel property described by
¢. Using the chain rule, the change in ¢ is given by
8¢ 9 ¢ ¢

0 = 5t+—5 + —dy + éz—a¢

o0+ 50y + 5 3t + (02 - V) 6. (5.1)

The total time derivative of the field is then, letting dt, dx, dy,dz — 0,

do _ ¢ <J5

where we have replaced da/dt with the velocity field v. The material derivative is usually

denoted by the operator D/Dt to separate it from other derivatives, and we have

D 0

The first term on the right-hand side describes the local rate of change of ¢, while the second
term arises due to the spatial variation of ¢ experienced only if a particle moves. This operator

applies equally well to scalar and vector fields and describes the rate of change in a fluid parcel

property.

5.1.2 The thermodynamic equation

The thermodynamic equation relates the heat added or lost by radiation and other processes to
the change in temperature in the atmosphere. It is common to use the potential temperature
defined as the temperature a fluid parcel would have if moved adiabatically, i.e. without any
heat exchange, to a reference pressure Py. We derive the relation between the temperature and

potential temperature in Appendix A.4.2, the result is:

Py R/cp
0=T <P> , (5.4)
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where R = R/m is the specific gas constant, cp is the specific heat capacity at constant pressure

and R is the ideal gas constant. Another useful quantity is the Exner pressure (or function)

defined as R/
P T
Pl — = -_— .
1-(5) % (55)

which means that T' = 011. Consequently Exner pressure II and potential temperature 6 can be
used in place of pressure P and temperature T, respectively.
We derive the thermodynamic equation in Appendix A.4, the result is an equation for the
time evolution of the potential temperature:
DI 0 ¢
— = —Q, (5.6)
Dt Tcp
where cp is the heat capacity at constant pressure and Q is the heating rate per unit mass. The
unit of the heating rate H in Eq. (2.37) is per unit volume. These two quantities are therefore
related by the density p, and we have Q = H/p. Note that Q can also include other heating

sources, e.g. viscous heating, not considered here.

5.1.3 The equations of fluid dynamics

Here we introduce the equations of fluid dynamics, and the formulation used by the UM
dynamical core ENDGAME.

The Euler and Navier-Stokes equations

The equations of motion for a fluid are essentially conservation equations, which are closed by

an equation of state:

D

D7i =—pV- v mass continuity equation, (5.7a)

D VP

Difltj = 4+ W+ F momentum equation, (5.7b)

p

DI 6 ¢

i = chi thermodynamic equation, (5.7¢)
P = f(0,p) equation of state, (5.7d)

where v is the viscosity and F' represents any external body forces such as gravity. These
equations are called the Navier-Stokes equations, while if the viscosity term is omitted (v = 0)
they are called the Euler equations. This leaves us with six scalar equations with six unknowns;
p, P, 6 and v.

Effects of rotation: It is common practice, and indeed convenient, to describe flows relative

to a planet’s surface (or lower boundary). Most planets are rotating, which means that velocities
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measured relative to the planet surface and in an inertial frame will not be the equal. The
momentum equation is therefore often rewritten in a rotating frame of reference where velocities

v are measured relative to the planet surface. It can be shown that (see Appendix A.5)

d’UR . dvl
(dt)R = <dt)1 292 x VR 2 % (Q X 7'), (58)

where the subscript ‘I’ and ‘R’ denotes that the quantities are measured in the inertial and
rotating reference frames, respectively, {2 is the angular velocity and r is the position vector.
The second and third terms on the right-hand side (including the minus signs) are the Coriolis
and centrifugal forces, respectively. Note that these are fictitious forces since they are an artefact

of measuring quantities in a rotating reference frame.

Combining Eqs. (5.7b) and (5.8) yields the momentum equation in a rotating frame

D P
Fltj __VP + V0 —22xv -2 x (2 xr)+ F momentum equation, (5.9)
p

where v is the velocity in the rotating frame.

Equations solved by the UM dynamical core

The UM dynamical core ENDGAME solves the Euler equations, Eq. (5.7) with v = 0, for a

rotating spherical shell using Exner pressure and potential temperature:

]]DjzbzW—?%—f@—f’w—rzz(ﬁ%f-l-/j(u), (5.10a)
I];::_u2tjn¢_i~v_uf_(?:9%{z+D<v)’ (5.10b)
]]))—I: _ v : v +uf —g(r) — CPQ%IZ, (5.10¢)
%? - {rciwbgz * rcis¢a(vgzs¢) * 7’126(7;“))} ’ (5.10d)
%f _ ]1723 + D), (5.10¢)
s Rppf? (5.10f)

where \, ¢, r, and ¢ are the longitude, latitude (from equator to poles), radial distance from the
centre of the planet and time, respectively. u, v and w are the zonal (longitudinal direction),
meridional (latitudinal direction) and vertical velocity components, respectively, Kk = R/cp, Py is
a chosen reference pressure as in Egs. (5.4) and (5.5) and g(r) is the acceleration due to gravity
given by )

o) =0 (22) 5.11)

r



5.2. COUPLING THE RT SCHEME TO ENDGAME 145

where g, and R}, are the gravitational acceleration at and radial position of the inner boundary,
respectively. The self-gravity of the atmosphere is ignored. f and f’ are the Coriolis parameters
defined as

f=20sin¢ f' =28 cos ¢. (5.12)

D is the diffusion operator, given by Eq. (19) and (20) in Mayne et al. (2014a). In physical
flows eddies and turbulence can cause cascades of energy down to very small scales where it is
eventually converted to thermal energy. GCMs do not have the resolution to resolve these energy
cascades and artificial viscosities or diffusion operators are usually added to remove kinetic
energy from the system. We refer to Mayne et al. (2014a) for a discussion of diffusion schemes
and artificial viscosities. In this work the diffusion operator is applied to the horizontal velocity
components only, and the removed kinetic energy is not added back into the energy equation.

Note that the centrifugal force —§2 x (§2 x r) is not included in Eq. (5.10). Over time
the Earth has developed an equatorial bulge to compensate for and neutralise the centrifugal
force. Instead of explicitly including this oblateness in GCMs the centrifugal force is omitted to
approximately take it into account.

The UM dynamical core ENDGAME solves Eq. (5.10) on a latitude-longitude-height grid
using a finite difference method, see Mayne et al. (2014a), Wood et al. (2014) and references

therein for more details.

5.2 Coupling the adapted radiation scheme to the dynamical
core ENDGAME

As a starting point we used the idealised temperature-forced HD 209458b test case described in
Mayne et al. (2014a); see Sections 1.4.1 and 6.2.1. In this model only the dynamical core of the
UM is used, combined with a temperature-forcing scheme. We turn the temperature-forcing
scheme off and the radiation scheme on. The radiation scheme itself has been updated with the
latest changes described in Section 4.1.1 in order to use a look-up table for the band-integrated
Planck function and gases added such as TiO and VO. Components specific to the Earth in the
radiation scheme, such as boundary conditions determined by continents, sea and ice caps, and
clouds were turned off.

A new namelist, a Fortran construct allowing for format free input of variables, was created
containing planetary constants such as orbital period, orbital distance, rotation period and the
stellar flux at the top of the atmosphere. We have implemented the simple analytical chemical
equilibrium abundance formulas described in Section 3.6 for all the gases we include. These
mixing ratios are calculated on-the-fly, and equivalent extinction is used to combine k-coeflicients
for different gases, as discussed in Section 3.4.2 and Chapter 4. All gases except water can be

turned on or off as desired in namelists. Rayleigh scattering by Ho and He, as described in
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Parameter Value
Radius, R, 9.0 x 10"m = 1.259Ryyp
Mass, M, 1.31 x 10*" kg = 0.690M jyp
Specific heat capacity cp 1.3 x 10*J/(kgK)
Specific gas constant, R = R/m 3556.8 J/(kg K)
Lower boundary pressure, Pyottom 200 bar
Rotation rate, {2 2.06 x 10791
Intrinsic temperature, Tin 100K
Vertical damping coefficient 0.15
Height of upper boundary 9 x 10m (no TiO/VO), 1.1 x 10" m (with TiO/VO)
Horizontal resolution 144 (longitude), 90 (latitude)
Vertical resolution 66
Dynamical time step 30s (no TiO/VO), 15s (with TiO/VO)
Radiative time step 150s (no TiO/VO), 75s (with TiO/VO)

Table 5.1: Default parameter set for HD 209458b. Parameters are similar to those in Mayne et al.
(2014a) with a few differences explained in the text.

Sections 2.1.5 and 4.1.1, is also included. We have changed both the upper and lower boundary

conditions, and we detail these changes in Sections 5.2.4 and 5.2.5.

5.2.1 Model setup

We have made a few modifications to the set-up of the HD 209458b benchmark in Mayne et al.
(2014a). We have listed our default set of parameters for HD 209458b in Table 5.1. Compared
to Mayne et al. (2014a) the radius of the inner boundary R, has been lowered slightly to take
into account the vertical extent of the atmosphere in the model. This radius and mass M,
are used to calculate the gravity at the lower boundary. The specific heat capacity cp has
been changed slightly to agree with the value used by Showman et al. (2009). The specific gas
constant R = R/m has been reduced to be consistent with the mean molecular weight used by
the radiation scheme, m = 2.34 g/mol. The pressure at the lower boundary has been reduced
from 220 bar to 200 bar, again to be consistent with Showman et al. (2009). We discuss the
height of the upper boundary and time steps in more detail below.

The mean molecular weight used in the HD 209458b benchmark in Heng et al. (2011), and
subsequently in Mayne et al. (2014a), can be derived from the specific gas constant given in
Table 1 of Heng et al. (2011), R = 4593 J/(kgK). Using R = 8.3145J/(mol K) for the ideal gas
constant, we get

m = R/R = 1.81g/mol, (5.13)

which is very small compared to the 2.34 g/mol derived in Section 3.6.1. In order to achieve such
a low mean molecular weight the atmosphere needs to contain a significant fraction of dissociated
Hs, which should not be the case since all temperatures in these simulations are < 2000 K.

In our coupled models we have found that, both for numerical stability and accuracy, we
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needed to use a dynamical time step of 30s without TiO and VO, and 15s with TiO and VO.
This is much smaller than the time step used in Mayne et al. (2014a), but it is in agreement
with time steps used by Showman et al. (2009).

It is common practice in GCMs to call the radiation scheme, i.e. update fluxes and heating
rates, less frequently than every dynamical time step. This is done mainly for computational
efficiency, and is possible as changes in fluxes and heating rates may be small between dynamical
time steps. We have tried several different radiative time steps, from calling the radiation scheme
every dynamical time step to calling it every 10 dynamical time steps, and have found that
calling it every five dynamical time steps is a good compromise between numerical accuracy
and computational cost. This leads to radiative time steps of 150s and 75s without and with
TiO and VO, respectively. The smaller time step needed when including TiO and VO is due to
the need to resolve the short radiative time scale in the upper atmosphere where TiO and VO

absorption dominates.

5.2.2 Initial condition

Initialising hot Jupiter GCMs is a difficult issue, mainly due to the absence of spatially resolved
observations of the atmospheres of these planets. It is common to initialise these models with the
same P-T profile across the whole globe with no winds (Heng et al. 2011; Mayne et al. 2014a;
Showman et al. 2009). Temperature-forced models are usually initialised with an equilibrium
forcing profile, while the model of Showman et al. (2009) was initialised with a globally averaged

profile from a 1D radiative-convective equilibrium code.

We initialise with equilibrium P-T profiles calculated with the 1D radiative-convective
equilibrium code ATMO; details are provided for the specific model runs. Throughout we use a

stellar zenith angle pg = 0.5 in ATMO, which corresponds to the average day side zenith angle:

27 /2 .
~ cos 6y sin 0y dfpdo
Ho = ° 027r /2 =0.5

(5.14)
o Yo~ dsinfode

A redistribution parameter f is introduced to take into account redistribution of heat from the
day side to the night side, as discussed in Section 1.3.1. We use f = 0.5 (full redistribution)
and f = 1 (day side redistribution) only. Abundances are calculated using the formulas in
Section 3.6.

We have implemented the possibility to read in an initial P-T profile from file in the UM.
The input P-T profile is interpolated onto the vertical height grid in the UM. A hydrostatic
profile is built by assuming that temperature and gravity are constant across each layer, and
then brought onto numerical hydrostatic equilibrium for the ENDGAME dynamical core through
the call to a Newton—Rhapson (NR) solver. This final profile is then used as the initial profile.



148 CHAPTER 5. COUPLING TO THE UM DYNAMICAL CORE ENDGAME
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Verification

To verify our implementation of the initial conditions we show in Fig. 5.1 one of the radiative-
convective equilibrium P-T profiles from ATMO we use to initialise the UM. This profile was
computed without TiO and VO and with f = 0.5. We plot the original P—T profile from ATMO,
and the profile interpolated onto the UM vertical grid both before and after the Newton—-Raphson

solver, all of which agree.

We also started a UM run initialised with this profile while turning all forcing (both
temperature-forcing schemes and radiation) and rotation off. This resulted in maximum wind
velocities of « 1m/s, which shows that the atmosphere is indeed stable and in hydrostatic

equilibrium, as desired.

5.2.3 Uniform irradiation

To ease boundary condition tests and comparison to 1D radiative-convective models such as
ATMO, we have implemented uniform irradiation in the UM. We do this by enforcing the same
irradiation everywhere with a fixed value of ug, and setting the planetary rotation rate to zero.
This enables us to effectively use the UM as a radiative and hydrostatic equilibrium solver, where
the stellar heating equals the thermal cooling. The horizontal winds will be small, while the

vertical winds will become smaller as the profile converges towards equilibrium.
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5.2.4 Lower boundary condition

The lower boundary condition normally used in hot Jupiter GCMs is a surface radiating as a
black-body with a fixed temperature Ty,s (Showman et al. 2009). This is an input parameter,
does not evolve with the model, and consequently must be chosen carefully. We have implemented
a new lower boundary condition for the radiation that is more consistent with gas giants as
they do not have a solid surface with a fixed temperature. When planets form they contract
gravitationally, which in turn releases heat. The atmospheres of non-irradiated sub-stellar
objects are usually classified by two numbers, the gravity and the effective temperature Teg,
where Tog describes the heat-flux from the interior of the planet. The flux at the top of the
atmosphere is then given by Stefan-Boltzmann’s law, FTOA = anﬁ, and assuming a stable
plane-parallel atmosphere the net flux must be given by aTe‘lff throughout the atmosphere due to

energy conservation. For more details, see Baraffe et al. (2010) and references therein.

The atmosphere of a hot Jupiter cannot be expected to be in radiative convective equilibrium
due to atmospheric circulation, but there will still be a heat flux from the interior of the planet.
This can be described by oTi%, where Ty is the intrinsic temperature of the planet. This is not
a real temperature, but can be thought of as the effective temperature the object would have

had without irradiation.

At the lower boundary essentially all stellar irradiation has been absorbed. The total flux at
the lower boundary is then given by the intrinsic flux of the planet, and we would like to be able
to specify this. The ES radiation scheme requires a temperature, albedo and emissivity for the
We set the

albedo to zero, emissivity to one, and need to derive an expression for the temperature of the

lower boundary in order to calculate the upward flux at the lower boundary, F;{lrf.

lower boundary given the intrinsic flux o7},

The intrinsic flux at the top of the atmosphere is, per definition, given by

Foy = 0T (5.15)

int»

which yields a total energy output of
Ling = 4m(Rp + h)?0 T (5.16)

where R}, is the radius of the planet at the bottom of our modelling domain and h is the height

of the modelled atmosphere. The net energy transport through the surface is given by

Lurs = AT R2 Fyues = AR (FS o — Foo ). (5.17)

surf ~ *'s

For a planet in equilibrium the atmosphere is not warming up or cooling down with time globally.
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Consequently, if radiation is the only mechanism for net vertical energy transport!, we must

have Lint = Lgur, i.e.

Am(Ry + h)?0 Ty = AT RY (Flue — Fure)- (5.18)
We solve this with respect to F;ﬁrf and get
(Rp + h)? _
Fs—iu_rf = pR2 0—7—‘;111‘5 + Fsurf' (519)
P
It is convenient to convert F;{lrf to an equivalent black-body temperature, i.e. F;{lrf = aTs‘flrf,
which yields
Ry, + h)? o\
Tyt = <( pR2 ) Ta + ;f> . (5.20)
P

To implement this consistently in the ES radiation scheme, Eq. (5.19) would need to be added to
the equation set solved. If temporal changes in fluxes at the lower boundary are small compared
to the radiative time step, however, it is possible to approximate F;{Hf in Eq. (5.19) by the value
obtained at the previous radiation time step.

In the UM we have added Tiy as an input parameter, and Eq. (5.20) is used to calculate the
surface temperature using the value of I ; at the previous radiation time step. Consequently,

the value of Tiu¢, and therefore the upward surface flux T

st used in the lower boundary

condition, will lag one radiative time step behind the radiative transfer calculation. If the
temporal temperature variations are small at the lower boundary compared to the radiative

time step this is a good approximation.

Verification

Commonly used values of the intrinsic temperature applicable to e.g. HD 209458b at its
current evolutionary stage are Tiyy = 100 K to 300 K. To verify the implementation of the lower
boundary condition we run models of HD 209458b with parameters as in Table 5.1 except
for Phottom = 220bar, R, = 9.44 x 107m and cp = 14308.4J/(kgK) in this particular test.
The top panel of Fig. 5.2 shows the temperature at some surface point as a function of time
with Tiy = 300 K. The first few time steps are dominated by small oscillations in the surface
temperature as it equilibrates. The surface temperature increases slowly with time. The dashed
line, the surface temperature that would have been calculated at any given time step with
Tt = 0K, shows that the increment in surface temperature due to the intrinsic temperature
is relatively small. Also, the increment in surface temperature between radiative time steps is

« 1%, confirming the validity of using the downward flux at the previous time step in Eq. (5.20).

!This assumption is acceptable as long as the lower boundary is in the radiative regime of the atmosphere (i.e.
energy transport is dominated by radiation). This is a good assumption for all models studied here. With a very
deep lower boundary or high intrinsic temperature, however, a significant fraction of the vertical energy transport
is due to convection and it will be necessary to revisit the lower boundary condition.
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Figure 5.2: Temperature at some surface point as a function of time for two different intrinsic temper-
atures Tiny = 300 K and T}, = 1500 K. The solid line is the actual surface temperature, the dashed lines
are the surface temperatures that would have been calculated at at any given time step with Ti,; = 0K
in Eq. (5.20), i.e. zero net flux at the lower boundary.

Also note that the surface temperature is much larger than the intrinsic temperature, Tyt > Tint.

The bottom panel of Fig. 5.2 shows the same as the top panel, but for an intrinsic temperature
of Tiny = 1500 K. The increment in the surface temperature due to the intrinsic flux is significant,
and this is seen to significantly affect the evolution of the surface temperature. In the first
40 days, the surface temperature increases by approximately 2 K for Ty = 300K, while for
Tint = 1500 K the surface temperature increases by about 100 K. This shows that inner boundary

condition indeed heats the deeper layers of the atmosphere, as expected.

5.2.5 Upper boundary condition

Ideally we would like to place the upper boundary high enough so that any absorption above it
will be negligible. This may, however, be difficult to achieve as the upper boundary in the UM
is located at a constant height. The day side of a hot Jupiter can reach more than 2000 K, while
on the night side temperatures are much lower. Consequently, the pressure scale height will vary
significantly between the day and night side, causing the upper boundary at the day side to be
placed at a much higher pressure than the night side for a given model atmosphere height. This
large horizontal pressure gradient has been observed to cause numerical instabilities with the
ENDGAME dynamical core (Mayne et al. 2014a).
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Figure 5.3: The vertical grids used by the UM dynamical core and ES radiation scheme without a ghost
layer (left) and with a ghost layer (right).

We therefore need to place the upper boundary at such a height that the model can run
stably while at the same time taking into account any absorption above the upper boundary on
the day side. For this reason we add an extra layer, a “ghost layer”, in the radiation scheme
that is not included in the dynamical domain. The ES radiation scheme already included an

option for this; we have adapted it to hot Jupiter-like atmospheres.

Ghost layer implementation

The vertical discretisation used by the ENDGAME dynamical core and ES radiation scheme are
slightly different; we show a schematic of the vertical grids in Fig. 5.3. In the dynamical core,
0, is the top of the model, where @ is potential temperature. The radiation scheme uses the
p-levels, where p = IT is Exner pressure, as layer boundaries and therefore requires an additional
p-level placed above 6;. We label this level pg, as seen in the left part of Fig. 5.3. By default
po = 0 and the temperature at is set to the temperature at 6.

With a ghost layer the situation changes slightly. Again an extra pg level not included in the
dynamical core is added in the radiation scheme, but an additional 6 and p level are also added.
We label these 0y and piop, as seen in the right-hand part of Fig. 5.3. The top p-level is placed

at zero pressure, i.e. pyop = 0. We calculate the pressure at py by
log P,, = log Py, — (log P,, —log Py, ), (5.21)

while we set log Py, = (log P,,)/2 and extrapolate the temperature linearly in log P to both pg
and 6y. The temperature at pg is set to zero, which effectively means the Planck function will

be evaluated at the lowest temperature in our P-T grid, i.e. 70K.

Verification

In order to verify the implementation of the ghost layer we set up the model with uniform
irradiation and no rotation as discussed in Section 5.2.3. We vary the height of the upper boundary
to verify that the radiative equilibrium P-T" profile obtained has converged as a function of

the height of the upper boundary. Parameters are as in Table 5.1 except Ppottom = 220 bar,
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Figure 5.4: Equilibrium P-T profiles obtained with the UM for varying values of the height of the
upper boundary. Without TiO and VO placing the upper boundary at about 40 Pa while including the
ghost layer (GL) is sufficient to match the profile with a higher upper boundary, while with TiO and
VO (everywhere) the upper boundary must be placed at a lower pressure, about 4 Pa, also including the
ghost layer. The height axis has been included for the set-ups with the highest upper boundary.

Rp = 9.44 x 10"m and cp = 14308.4J/(kgK). We set o = 1 and initialise the model with
equilibrium profiles from ATMO. We find that the UM has converged to an equilibrium profile
for pressures < 1bar after a few days. In Fig. 5.4 we show the obtained UM P-T profiles for
various heights of the upper boundary both with and without TiO and VO. The legend numbers
give the height of the upper boundary, while the abbreviation GL indicates that a ghost layer
was included.

Without TiO and VO the differences between the equilibrium profiles are small. The profile
with the upper boundary at 1.1 x 107 m including the ghost layer is better than that obtained
without the ghost layer, as can be seen by comparing to profiles with a larger vertical domain. The
small numerical discrepancy at the top of the profile with an atmosphere height of 1.1 x 10" m
without the ghost layer indicates that the radiation is not properly resolved. This feature is seen
to disappear when including the ghost layer.

With TiO and VO present throughout the atmosphere temperatures become significantly
higher, causing an inflation of the atmosphere, and the upper boundary must be placed at a
larger height. This is also needed due to the very strong absorption by TiO and VO even at
small pressures. Placing the upper boundary at about 4 Pa when including a ghost layer is seen

to cause only minor deviations, < 10 K, comparing to a profile with a higher upper boundary.
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Figure 5.5: Equilibrium P-T profiles obtained with the UM using the linear extrapolation (LE) and
isothermal extrapolation (IE) schemes for the ghost layer temperatures. Profiles without extrapolation
label were obtained without the ghost layer. The height axis has been included for the set-ups with the
highest upper boundary.

Again the profile with the upper boundary placed too low (1.1 x 10" m) without a ghost layer is
seen to exhibit an unphysical numerical feature at the top due to the unresolved absorption.
Previously the Met Office used an isothermal extrapolation scheme, keeping the temperature
constant above the highest 6-level. In Fig. 5.5 we compare our linear extrapolation (LE)
scheme for the ghost layer to the isothermal extrapolation (IE) scheme. We see that our new

extrapolation scheme is indeed an improvement, both with and without TiO and VO.

5.3 Comparison between the UM and ATMO

In this section we compare radiative equilibrium profiles obtained with the UM and ATMO. We
use the uniform irradiation option described in Section 5.2.3 and no rotation in the UM. Model
set-ups are as similar as possible, see Table 5.1, with the same gravity at the lower boundary,
intrinsic temperature and chemistry. ATMO has difficulties converging profiles where abundances
of molecules change rapidly. In place of the abundances of Na, K, TiO and VO described in
Section 3.6 we therefore enforce in both ATMO and the UM constant abundances equal to the
maximum possible abundance for Na, K, TiO and VO.

As discussed in Section 5.2.2 a redistribution factor f may be included in the model to
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take into account redistribution of heat from the day side to the night side. The effective area
receiving irradiation is TrRI%, while the total area of the planet is 47rR12,, i.e. a ratio of 1/4 between
irradiated area and planet area. Our use of g = 0.5 already reduces the flux at the top of the
atmosphere by a factor of 1/2. Consequently we further reduce the top-of-atmosphere flux by a
factor f = 0.5 for redistribution over the entire planet and f = 1 for day side redistribution only.

We initialise the UM using the equilibrium P-T profiles obtained with ATMO and find that at
pressures < 10° Pa the profile has converged after about 1d (one Earth day). In Fig. 5.6 we show
the P-T profiles obtained with both ATMO and the UM after 10d of simulation time for pg = 0.5
and f = 0.5 and 1. Without TiO and VO the agreement is very good, only small differences are
seen for both f = 0.5 and 1. With TiO and VO present everywhere differences are larger, but
still < 6%. It is difficult to determine exactly what these differences are caused by, but even
though we have tried to make the model set-ups in the UM and ATMO as similar as possible there
are differences in the approximations made. For example the mean molecular weight is computed
consistently in ATMO while held constant in the UM, ATMO combines k-coefficients for gases using
the random overlap method with reordering and resampling as described in Section 3.4.2, slightly
different Rayleigh scattering cross sections are used, but the biggest difference is most likely
caused by the angular resolution in the radiative transfer equation and treatment of overlapping
absorption. Unfortunately this is difficult to test since lowering the angular resolution in ATMO
will yield incorrect fluxes as the intensity cannot be integrated properly with 2 quadrature points.
In addition the random overlap method with reordering and resampling is not implemented in
the ES scheme, and equivalent extinction is not implemented in ATMO. We consider the differences

observed, which are < 6 % for both cases, acceptable.

5.4 Numerical problems with discontinuous abundances

Models of HD 209458b proved difficult to run when including TiO and VO. We found that the
stability of the models was improved by introducing a smoother abundance change compared to
simply setting a particular abundance to zero below the condensation temperature. We choose a
Fermi-Dirac distribution in temperature, yielding an abundance profile

1
o(T) = e~ (T—Teri)/ Aorar 4 1

(5.22)

where T is the critical temperature for condensation and AT, is the characteristic scale
over which the abundance changes. In Fig. 5.7 we have plotted the relative abundance profile as
a function of temperature for Te.iy = 1000 K and ATy, = 10K. The temperature range over
which the transition occurs is very small, and thus should not affect our final results significantly.
Also, a smoothing can be justified by the fact that temperature fluctuations within a layer
can cause absorbers to not be completely condensed out if the temperature is close to the

condensation temperature, even in equilibrium. In our hot Jupiter GCM runs presented in
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Figure 5.6: Equilibrium P-T profiles obtained with ATMO and the UM (after 10d, where 1d is an
Earth day). Differences are small without TiO and VO, < 4%, while including TiO and VO everywhere
differences are larger, < 6 %, but still acceptable.

Chapter 6 we use Eq. (5.22) for Na, K, TiO, VO and O with ATg,,, = 10K and with Ti set
to the condensation or chemical transformation temperature for each absorber as described in
Section 3.6.

5.5 Synthetic observations

As discussed in Section 1.2 observations of hot Jupiters are mainly on the form of phase curves,
emission and transmission spectra. In this section we describe how we calculate synthetic
observations from both 1D P-T profiles and from 3D UM output. We use the framework of
the discrete ordinate line-by-line code ATMO, described in Section 4.1.2, to calculate synthetic
observations. In Section 5.5.1 we describe the calculation of transmission spectra?, Section 5.5.2
explains how emission spectra are calculated, and finally in Section 5.5.3 calculation of phase

curves is discussed.

2Pierre Mourier (a summer student) developed a preliminary version of the code to calculate transmission
spectra from 1D P-T profiles. I have rewritten it and developed the capability of calculating synthetic transmission
spectra from UM output.
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5.5.1 Transmission spectroscopy

The ratio of the area of a completely opaque planetary disk and the stellar disk is given by the

ratio between the absorbed stellar flux and the total stellar flux observed at Earth,

Rp,eﬂ(D)Q _ F:bs

2
R B (5.23)

where Ry, o(7) is the effective radius of the planet as a function of wavenumber, R, is the stellar
radius, F2P* is the stellar flux absorbed by the planetary atmosphere and Fj is the stellar flux,
both as observed at Earth.

A small correction applies to the previous expression to take into account the thermal

emission from the the planet night side,

RO(9)? pabs

= : (5.24)
R2 F, + F,

where F, is the flux emitted by the planet. We can express Rgf):ﬁ(ﬂ) in terms of Ry, o(7) with a

correction factor:

R2 F,+F., F,/F.+1 F,/JFe+1 "~ '
which means we have )
Ry (v
RObS ~\2 _ P,€ 5.26
p,eff(y) 1+ Fp/F* ( )

Thermal emission from the planet is not included in the synthetic observations presented here as

F,/Fy « 0.001 for wavelengths where observations are available, see Figs. 6.22 and 6.25.

We show the geometry in Fig. 5.8, where the stellar rays going towards the observer are
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Figure 5.8: Schematic showing the geometry of the transmission spectrum. Rays going from the star to
the observer through the planet atmosphere are shown as arrows. The planet is assumed to be optically
thick below the atmosphere at a radius 7 = R} opq. The impact parameter b is the radial distance between
the centre of the planet and the rays, while s is the path coordinate following the direction of the rays
from the top of the atmosphere on one side, syax, to the other side, —syin. The optical depth of the
atmosphere 7 is calculated along these rays.

shown as arrows. The stellar flux observed at Earth is

F, = F:urfR—%, (5.27)
‘DO

where F$'! is the surface flux of the star and D, is the distance between the star and the

observer.

The stellar flux absorbed by the planet is similarly given by

b 1 21 o] ¢ ”(b ¢)
abs _ _ © sur __—7(b,
Fabs _ ngfO dgbfo bdb F5r(b, ¢) (1 e ) (5.28)
F:urf 27 Ry, toa _#(b,9)
- L dqsfo bdb (1 s ) (5.29)

where 7(b, ¢) is the optical depth of the atmosphere, R, toa is the radius at the top of the
atmosphere and FF™ (b, ¢) is the surface flux of the star in the direction of the observer. We
assumed that the stellar surface flux is constant when the integrand is non-zero, i.e. over

the planet disk. The planet is assumed completely opaque below a certain impact parameter



5.5. SYNTHETIC OBSERVATIONS 159

b = Ry opq, typically the bottom of a model atmosphere, and Eq. (5.29) becomes, using Eq. (5.27),

Ja 2 Rp.opq 2m R, Toa -
Fobs = X [ f dqﬁf bdb + f do | " bdb (1) (5.30)
7TD0 0 0 0 R,
P,opq
F* ) JQW R, Toa _#(b,¢) ]
- TR o+ | do bdb (1— e 7 (5.31)
WD% [ o 0 RP:OPQ ( >

With a one-dimensional pressure—temperature profile

For one-dimensional P-T" profiles the planet atmosphere is assumed to be spherically symmetric.
In Eq. (5.31) this means that 7(b, ¢) is independent of ¢, and we get

F
* D2

abs __

Ry, Toa ~
TR o + 21 f T b (1- eT(b)>] . (5.32)

RP:OPQ

Inserting Eqgs. (5.27) and (5.32) into Eq. (5.23), we get

Rpenr(7)? _ Rpopa + 25 blb (1— 7))

P,oPq
5.33
R2 R2 ’ (5.33)
which yields
Rp roa _
Rpeti(#)? = R2 g + 2f bab (1-e77®). (5.34)
Ronpq
Using Fig. 5.8, the optical depth for a given impact parameter is given by
F(b) — f ds b, (7, 5)p(s) = 2f ds b, (7, 5)p(s), (5.35)
—Smin 0

where the path s is given by

sV, =P, (5.36)

_ 2 _ 12
and Spax = Rp,TOA b>.

With three-dimensional output from the UM

With the full output from the UM the atmosphere can no longer be assumed to be spherically
symmetric, and we cannot make the simplifications made previously. The integral in Eq. (5.31)
needs to be calculated explicitly. Using Egs. (5.23), (5.27) and (5.31) we get

™ R 77:
Rp,eff(’j)2 . 7TR]?),opq + Sg d¢ SRE::P?IA bdb (1 —° (M)) 5.37
Rz TR} ' (5:37)
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Ry toa

Figure 5.9: Schematic of the cylindrical grid constructed to integrate over the planet hemisphere when
calculating transmission spectra from UM output. The optical depth 7 is calculated for each radial
distance p and azimuth angle ¢..

The optical depth integral also need to be calculated explicitly:

Smax

#(b, o) = f ds by (7, b, b, )p(bs b ), (5.38)

Smin

where spin and spax is the top of the atmosphere for a given value of the impact parameter b.
The geometry is shown in Fig. 5.9 where the observer is located into the page, directly
opposite the star. The optical depth 7 needs to be integrated for all values of the cylindrical

coordinates p and ¢..

5.5.2 Emission spectrum

Given a P-T profile ATMO can calculate the intensity at the top of the atmosphere, Itoa (6, ¢, ¥, @),
where (0, ¢) are the latitude and longitude, and (¢, ) is the direction of the radiation in the
same coordinate system. To derive an expression for the measured planet flux we need to be a
bit more careful than in the derivation of the transmission radius to take into account planetary
limb darkening. We follow the derivation in Seager (2010), but retain the full angular notation
of the intensity for clarity.

The geometry is shown in Fig. 5.10. To ease notation we assume the z axis to point towards
the observer. To obtain the measured flux, we need to integrate over the planetary disk as
seen from the observer. The intensity in the direction of the observer at (6, ¢) is given by
I(0, ¢,90, o). Due to the orientation of the z axis towards the observer, the angle ¢ will be
the same at both the planet and the observer. The observed flux at Earth is then given by

2w ~Rproa/Do
E, = f f I8, 6,95, o) sinw dwd, (5.39)
o Jo
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Observer

Figure 5.10: Schematic of the geometry of the emission of a planet as observed at Earth. The azimuth
angle ¢ is the same at both the planet and observer. The observer azimuth angle w can be replaced by
the planet azimuth angle 6 by the relation w = (R, roa/D,) sin 8 since the planet radius at the top of
the atmosphere, R, toa, is much smaller than the distance between the planet and the observer, D,.

where (¥, o) is the direction of the observer, R, toa is the radius of the planet at the top of
the (model) atmosphere, w is the angle between the line between the observer and the position
on the disk and the line between the planet and the observer (z-axis), and D, is the distance

between the planet and the observer. From Fig. 5.10 we see that w is related to 6 by

= T sin 6, dw = Rp’Dl;OA cos 0 df (5.40)

Using R, toa <€ D, we have w « 1 and can approximate cosw ~ 1 and sinw ~ w. This yields

Ry ToA 2 r2n pw/2
o <pD> J J L,(8, 6, 0o, 00) cos B sin 8 d9do. (5.41)
o 0 0

From ATMO, we get I.(0,¢,9,¢’) for each column, where (¢/,¢’) is the direction of the
radiation in a coordinate system where z is normal to the planet surface. Since the radiation
calculation is 1D and plane parallel, the intensity is independent of ¢’, and we drop the ¢
notation from now on. The surface normal at (0, ¢) is, by necessity, (6, ¢). Since the observer is
located in the direction of the z axis, the angle between the direction of the observer and the

surface normal is 6, i.e. ¥/ = 6 and the intensity in the direction of the observer becomes
I8, 9,90, 00) = I.(0, 9,9, = 0), (5.42)

where I! is the intensity as calculated by ATMO. This gives us a way of relating the intensity as
calculated by ATMO to the intensity in Eq. (5.41).

5.5.3 Phase curve

The phase curve is essentially the emission from the planet, as viewed from Earth, as a function
of time or phase angle, as shown in Fig. 5.11. The integrated emission as a function of time, or
orbital phase, is given by Eq. (5.41) for different observer directions (9, o). The direction of

the observer in the coordinate system of the planet, ¢, is given by the phase angle « € [0, 27),
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Observer

Figure 5.11: Schematic showing the phase curve geometry. The direction of the observer in the
coordinate system of the planet where the z axis points towards the north pole is given by ¢, = m + a
where « is the phase angle. The dark region of the planet is the night side of the planet, while the dotted
line indicates the hemisphere viewed from Earth.

¢o = ™+ « from Fig. 5.11. Assuming the planet is tidally locked and in a steady-state the
intensity at the top of the atmosphere for a given latitude and longitude will be constant as
a function of time. This simplification enables us to calculate intensities at the top of the
atmosphere only once for the entire phase curve, greatly decreasing the computation time. As

Fortney et al. (2006a) we ignore the small inclination of the orbit.

5.6 Summary and conclusions

In this chapter we have briefly presented the UM dynamical core ENDGAME and discussed
how it is coupled to the radiation scheme through the thermodynamic equation. We have also
presented our default HD 209458b model set-up and detailed changes made to the boundary
conditions. A uniform irradiation mode was implemented, essentially turning the UM into a
1D radiative equilibrium solver, and resulting P—T" profiles were compared to the 1D radiative
equilibrium code ATMO. Good agreement was found with temperature differences < 6%. We
have also discussed how synthetic transmission spectra, emission spectra and phase curves can

be calculated from UM output.
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In the next chapter we apply our coupled hot Jupiter UM for the first time to a hot Jupiter,
HD 209458b.
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Chapter 6

The coupled UM applied to
HD 209458b

In Chapter 5 we described the coupling of the ES radiation scheme adapted to hot Jupiters to
the UM dynamical core ENDGAME and subsequent testing. In this chapter we apply this model
to the well-studied hot Jupiter HD 209458b. It was the first transiting exoplanet discovered, and
transmission and emission spectra, in addition to one phase curve, are now available. HD 209458b
has also been a frequent target of modelling work as discussed in Sections 1.3 and 1.4. This
makes it an ideal target for the first application of the hot Jupiter UM.

Before discussing our model results we discuss existing observations for this planet in
Section 6.1 (for a discussion of models see Sections 1.3 and 1.4). Next, in Section 6.2 we discuss
our GCM results. The temperature-forced model of HD 209458b from Mayne et al. (2014a)
is briefly reproduced in Section 6.2.1 before discussing the coupled model in Sections 6.2.2
and 6.2.3. Since the presence of TiO and VO in hot Jupiter atmospheres is highly debated
we have run models both where we do not and do allow TiO and VO to form (Sections 6.2.2
and 6.2.3, respectively). We compare our models to observations, producing synthetic phase

curves, emission and transmission spectra in Section 6.3.

6.1 Awvailable observations of HD 209458b

HD 209458Db is one of the most well-observed exoplanets to date, and was the first planet observed
to transit its parent star (Charbonneau et al. 2000; Henry et al. 2000). Together with radial
velocity measurements of the parent star (Butler et al. 2006; Mazeh et al. 2000) this has provided
constraints on the mass, radius and bulk density of the planet. It was found to be much less
dense than Jupiter, the latest measurements giving a mass of 0.690Mjy, £ 0.024My,, (Butler
et al. 2006) and a radius of 1.359 Ry, & 0.015Ryy, (Torres et al. 2008)!.

"http://exoplanets.org/detail/HD_209458_b
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Charbonneau et al. (2002) detected sodium absorption by the atmosphere of HD 209458b
using transit spectroscopy, and this has since initiated extensive research aiming to detect other
atoms and molecules, and to constrain temperatures in the atmosphere. Thermal emission
from the planet was detected by Deming et al. (2005) using Spitzer 24 ym secondary eclipse
measurements, with emission at shorter IR wavelengths later observed by Swain et al. (2008) and
Knutson et al. (2008), also using Spitzer. Swain et al. (2008), with data from 7.46 pm to 15.25 pm,
found that 1D models accounting for significant heat redistribution between the day and night
side of the planet best fit the observations. On the other hand, Knutson et al. (2008), using
data between 3.6 pm to 8.0 pm, found that standard atmosphere models did not fit the data
particularly well and suggested the presence of a thermal inversion layer to explain this. Using
the NICMOS instrument on the Hubble Space Telescope (HST) to observe HD 209458b during
secondary transit, Swain et al. (2009) claimed detection of water, methane and CO4 features in
the day side emission spectrum.

The thermal inversion invoked to explain observations in Knutson et al. (2008) is, however,
debated. A reanalysis of all available Spitzer secondary-eclipse data performed by Diamond-Lowe
et al. (2014) found that it was unnecessary to introduce a temperature inversion in order to fit
the day side emission data to models, and concluded that there is no evidence for a temperature
inversion in the atmosphere of HD 209458b after all.

Zellem et al. (2014) measured the 4.5 pm full-orbit phase curve using the IRAC instrument on
Spitzer, and found the brightness temperature for the day side and night side to be (1499 + 15) K
and (972 + 44) K, respectively. Small deviations from GCM predictions from Showman et al.
(2009) were found, and were taken as an indication of disequilibrium chemistry or deficiencies in
the CHy line list. The new measurement of the day side 4.5 pm flux in Zellem et al. (2014) is
much closer to the reanalysis of the data from Knutson et al. (2008) by Diamond-Lowe et al.
(2014) than the original analysis in Knutson et al. (2008).

Sing et al. (2008) used STIS on HST to obtain the transmission spectrum at visible wavelengths
and confirmed sodium absorption as detected by Charbonneau et al. (2002). Deming et al.
(2013), using the WFC-3 instrument on HST, detected a muted water feature in the near-IR
transmission spectrum.

By measuring the Doppler signature of the planet itself using ground-based transmission
spectroscopy, Snellen et al. (2010) was able to detect a Doppler shift of (2 + 1) km/s of CO
spectral lines in the transmission spectrum. This is, as of yet, the only constraint on wind
velocities on an exoplanet. Using similar techniques Hoeijmakers et al. (2014) attempted to
detect TiO in the optical transmission spectrum, but failed due to inaccuracies in the high
temperature line list for TiO. Schwarz et al. (2015) looked for CO in the high resolution day
side emission spectrum at 2.3 pm, but failed to detect a signal. As CO has been detected in
the transmission spectrum (Snellen et al. 2010), this indicates that the atmosphere is close to
isothermal at the pressures probed by these measurements.

In conclusion there are many observations available of HD 209458b, with detections of
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water, sodium, and CO, and inferred detections of methane and CO,. Measured brightness
temperatures indicate that the redistribution of heat between the day and night side is significant,
but there does not seem to be conclusive evidence for a temperature inversion. In order to better

understand these observations 3D atmosphere models are needed.

6.2 General circulation models of HD 209458b

In this section we present results from our GCM simulations of the atmosphere of HD 209458b.
We briefly present the temperature-forced model from Mayne et al. (2014a) in Section 6.2.1, and
discuss the coupled models where we do not and do allow TiO and VO to form in Sections 6.2.2
and 6.2.3, respectively. In Section 6.3 we use these results to calculate synthetic observations

and compare these to available observations of HD 209458b.

6.2.1 The temperature-forced model from Mayne et al. (2014a)

The results from the temperature-forced model are discussed in detail in Mayne et al. (2014a).
In this section we include results from this model sampled at the same times as the coupled
model run presented in Section 6.2.2 for convenience.

As discussed in Section 1.4.1, temperature-forcing schemes force the temperature towards
assumed equilibrium P—T-profiles on some timescale, 7y2q. The heating rate Q as stated in
Eq. (5.10) is given by

Q=Qrp=—1II <9—9eq> cp, (6.1)

Trad

where 0, is the equilibrium potential temperature. Toq = Heq(P/PO)R/ ¢P the equilibrium
temperature, is modified as a function of longitude and latitude to take into account the varying
stellar zenith angle on the day side:

1
[T;*ight + (T;fay - T;light) cos(\ — 180°) cos ¢] T90° < A < 270°

Thight, otherwise,

Toy = (6.2)

where Tignt and T,y are the equilibrium night and day side P-T' profiles, respectively, which we
show in Fig. 6.1a. The sub-stellar point is consequently located at longitude A = 180°, latitude
¢ = 0°. The equlibrium temperature profiles and radiative timescales, shown in Fig. 6.1b are
from Iro et al. (2005), as described in Heng et al. (2011) and Mayne et al. (2014a).

In order to gain a better understanding of 7.4 it is instructive to derive a simple estimate
from analytical arguments. Consider an atmospheric layer with mass M and cross-sectional area
A. In radiative equilibrium it will emit as much energy as it absorbes, i.e.

FoM = 0Ty, = &, (6.3)
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(a) Equilibrium forcing profiles from Iro et al.

(2005) as adopted by Heng et al. (2011) and
modified by Mayne et al. (2014a) (day and night
side profiles).

(b) Radiative timescales from Iro et al. (2005) as
adopted by Heng et al. (2011) (polynomial fit).
Also shown is the prediction using Eq. (6.6) with
the P-T profile from Iro et al. (2005) shown in

Fig. 6.1a.

Figure 6.1: Equilibrium P-T profiles and radiative time scales used in the temperature-forced model of
HD 209458b.

where o is Boltzmann’s constant. If the temperature is perturbed slightly, T' = Toq + AT, the
thermal emission will change but the absorption will be approximately the same. The change in

emitted flux is approximately

AF oy = 40T3 AT, (6.4)
And the time required to bring the layer back to the equilibrium temperature is given by
MAT M
i i (6.5)

Tad AR A T 46T8A°

In hydrostatic equilibrium the weight of the layer must be balanced by the pressure, Mg = AAP.
Assuming the layer to have a fixed height as a function of pressure we have AP ~ P, and

consequently
cpP cppR

4goT3  4goT?m’

Trad ~

(6.6)

where we have used the ideal gas equation. The temperature T normally varies by a factor of 2
to 3, while the density and pressure vary by many orders of magnitude. The main reason for the
increase in the radiative timescale with atmospheric depth, as seen in Fig. 6.1b, is the increase

in density causing a set amount of heating to yield a smaller AT at larger pressures compared to
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smaller pressures. We have plotted the radiative timescale as given by Eq. (6.6) in Fig. 6.1b for
comparison to the more accurate timescales from Iro et al. (2005). The agreement is reasonably
good between 104 Pa and 10° Pa, but differences increase significantly both with decreasing and
increasing pressure.

Going back to the temperature-forced model, we initialise it using the mean between the
day and night side equilibrium forcing profiles with zero winds. The first 200d are normally
discarded to let initial transients disappear. In the literature temporal averages are calculated
from 200d for temperature-forced models, but we only look at model results using output at a
given time after the initialisation of the model due to the lack of long simulation times for our
coupled models. In Figs. 6.2 to 6.5 we show the temperature as colours and contours and wind
velocities as arrows as a function of longitude and latitude after 600d at 100 Pa, 3 x 103 Pa,
3 x 10* Pa and 1 x 10° Pa.

At low pressures winds diverge from the hotspot located at substellar point (180° longitude,
0° latitude). Temperatures reach about 1400 K on the day side, while the night side is a much
colder, about 400 K. It is worth noting that, due to the very small radiative timescale at 100 Pa,
the temperature is almost identical to the equilibrium temperature Ty. For increasing pressures,
dynamical processes start redistributing the heat away from the substellar point. An equatorial
jet is seen to develop spanning all longitudes. Temperatures increase with increasing pressure, as
expected from the radiative equilibrium forcing profiles, and the temperature difference between
the day and night side decreases. Note the symmetry about the equator as the obliquity is zero.

We show in Fig. 6.6 the zonal mean of the zonal wind as a function of pressure and latitude.
The zonal jet in the eastward direction mentioned previously is clearly seen, and it reaches
its maximum strength at about 103 Pa with a velocity of about 7km/s. At higher latitudes
the mean flow is in the opposite (westward) direction, and much weaker in amplitude, with a
maximum of about 1.2 km/s.

In Fig. 6.7 we plot P-T profiles for several different latitudes and longitudes. The temperature
varies significantly across the globe, with night side temperatures down to ~ 500 K and day side
temperatures of ~ 1500 K at 102 Pa. A temperature inversion is even seen on the day side of
the planet, which is caused by strong heating at the top of the atmosphere due to the short
radiative timescale and the equatorial jet bringing cold material from the night side to the day
side cooling the atmosphere down at higher pressures.

Before discussing results from the coupled model we briefly mention the disadvantages of
using temperature-forcing schemes, as in e.g. Cooper & Showman (2005), Heng et al. (2011),
Mayne et al. (2014a), Menou & Rauscher (2009), Rauscher & Menou (2010), Showman & Guillot
(2002) and Showman et al. (2008), to treat the radiation:

1. The equilibrium P-T profiles used in the forcing may have a limited accuracy, it is difficult

to calculate equilibrium P-T profiles for a 3D object with a 1D model.

2. Radiative timescales may have a limited accuracy and will vary in a non-trivial way as a
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Figure 6.2: The horizontal wind velocity as arrows and temperature [K] as colours and contours at
100 Pa after 600d for the temperature-forced model of HD 209458b discussed in Section 6.2.1.
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Figure 6.4: The same as Fig. 6.2 but at 3 x 10* Pa.
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Figure 6.5: The same as Fig. 6.2 but at 1 x 10° Pa.
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Figure 6.6: The zonal mean of the zonal wind velocity [m/s] after 600 d for the temperature-forced model
of HD 209458b discussed in Section 6.2.1. Red indicates a prograde wind, blue indicates a retrograde
wind.
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function of latitude, longitude and height. They will also depend on the local temperature,

which is ignored in the forcing scheme used here.

3. As a result of the two above points, the forcing parametrisation itself may not be physically

realistic.

4. The model flexibility is poor since for each new planet modelled, the forcing must be
changed. New equilibrium P—T-profiles and radiative time scales must be derived using

e.g. 1D models.

Global circulation models including a proper treatment of radiative heating and cooling is
therefore essential in order to both improve model flexibility and, as discussed in Section 1.4

and we will show in Section 6.3, improve agreement with observations.

6.2.2 Without TiO and VO

Here we present our first results obtained with the coupled model applied to HD 209458b. We
do not allow TiO and VO to form, an assumption we relax in Section 6.2.3. This enables us to
investigate the effect TiO and VO has on the atmosphere, and compare the coupled model to
the temperature-forced model as the 1D equilibrium profiles were derived without TiO and VO.
We initialise the model using the globally averaged P—T profile seen in Fig. 5.6a with zero winds.
Horizontal wind velocities and temperatures are plotted in Figs. 6.8 to 6.11 after 600 d at several
different pressures, and can be compared to Figs. 6.2 to 6.5 obtained with the temperature-forced
model.

General features are similar to those found with the temperature-forced model. At low
pressures, Fig. 6.8, the flow is again diverging from the substellar point, but the equatorial jet is
more prominent in the coupled model than in the temperature-forced model, consistent with
results in Showman et al. (2009). The hotspot is also slightly more shifted from the substellar
point, which indicates that dynamical effects have a larger impact on the general circulation at
low pressures in the coupled model than the temperature-forced model. This may be due to an
underestimate of the radiative timescale used in the temperature-forced model.

A noticeable increase in the night side temperature is evident compared to the temperature-
forced model. This is most likely due to the cold night side forcing profile seen in Fig. 6.1, as it
was estimated from the globally averaged profile from Iro et al. (2005). Day side temperatures are
generally lower in the coupled model than the temperature-forced model. Combined this yields a
smaller day-night temperature contrast in the coupled model compared to the temperature-forced
model.

In Fig. 6.12 we show the zonal mean zonal wind velocity after 600d as a function of pressure
and latitude. Again the eastward equatorial jet is clearly seen, and the overall zonal wind

structure is in agreement with the temperature-forced model in Fig. 6.6. The most noticeable
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Figure 6.8: The horizontal wind velocity as arrows and temperature [K] as colours and contours at 2 Pa
after 600d for the coupled model of HD 209458b without TiO and VO discussed in Section 6.2.2.
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Figure 6.10: Same as Fig. 6.8 but at 3 x 10* Pa.
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Figure 6.11: Same as Fig. 6.8 but at 1 x 10° Pa.
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difference is the slightly broader jet at low pressures in the coupled model caused by the equatorial
jet being more prominent at lower pressures as previously discussed.

In Fig. 6.13 we show the variation in P—T profiles across the globe. A large variation is
evident, and some night side profiles have higher temperatures than some day side profiles. This
is due to the advection eastward of the sub-stellar point causing the terminator at 270° longitude
to be much warmer than that at 90° longitude as seen in e.g. Fig. 6.9.

For pressures » 1 x 10° Pa profiles at 0° latitude are dominated by the equatorial jet, causing
very small temperature variations as a function of longitude. At other latitudes, however,
temperature variations are larger. By looking at temporal changes of temperatures and winds
we find that the atmosphere has reached an approximate steady state for pressures < 1 x 10° Pa,
while much longer simulation times will be needed to study the evolution of the deep atmosphere

where pressures are > 1 x 106 Pa.

6.2.3 With TiO and VO

Now we allow TiO and VO to form in the atmosphere if the temperature is above the critical
temperatures as described in Sections 3.6.3 and 5.4. For stability reasons we initialise the model
with the day side average profile in Fig. 5.6a, where the upper atmosphere is too cool for TiO
and VO to exist, and again we initialise with zero winds. TiO and VO will then form naturally
in the model if the temperature increases above the critical temperatures. In Fig. 6.14 we show
the horizontal wind velocity as vectors and temperature as colours and contours at 5 Pa after
100d. A patch has formed around the substellar point where it is hot enough for TiO and VO
to form. Due to the extremely steep temperature gradient the wind diverges from the substellar
point. The material flowing eastward forms the eastward equatorial jet seen in Sections 6.2.1
and 6.2.2 for the temperature-forced model and coupled model without TiO and VO. Material
flowing westward eventually meets the equatorial jet, and is pushed to higher latitudes.

In Figs. 6.15 to 6.18 we show winds and temperatures after 500d at 5Pa, 3 x 103 Pa,
3 x 10*Pa and 1 x 10° Pa. At 5Pa after 500d cool material from the west, as part of the
equatorial jet, has cooled down a part of the patch around the substellar point containing TiO
and VO to below the condensation temperature. At higher pressures the winds and temperatures
are similar, if somewhat faster and higher, respectively, compared to the case where we did not
allow TiO and VO to form, Figs. 6.9 to 6.11.

The zonal jet can be seen more clearly in Fig. 6.19 where we have plotted the zonal mean of
the zonal wind velocity as a function of pressure and latitude. Wind velocities are similar to the
case without TiO and VO in Fig. 6.12, but with slightly stronger wind velocities around the
equator and slightly weaker at higher latitudes.

We show P-T profiles after 500d at different latitudes and longitudes around the globe in
Fig. 6.20. A temperature inversion, caused by the strong absorption of the stellar irradiation

by TiO and VO, can clearly be seen for some of the day side P-T profiles at low pressures.
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Figure 6.12: The zonal mean of the zonal wind velocity [m/s] after 600d for the coupled model of
HD 209458b without TiO and VO discussed in Section 6.2.2.
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Figure 6.14: The horizontal wind velocity as arrows and temperature as colours and contours at 5 Pa
after 100d for the coupled model of HD 209458b. TiO and VO are allowed to form.
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Figure 6.15: The horizontal wind velocity as arrows and temperature [K] as colours and contours at
5Pa after 500 d for the coupled model of HD 209458b discussed in Section 6.2.3 where TiO and VO are
allowed to form.
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Figure 6.18: Same as Fig. 6.15 but at 1 x 10° Pa.
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Figure 6.19: The zonal mean of the zonal wind velocity [m/s] after 500d for the coupled model of
HD 209458b discussed in Section 6.2.3. TiO and VO are allowed to form.
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Deeper temperatures are approximately the same as the case without TiO and VO in Fig. 6.13.
Horizontal and vertical temperature gradients are very steep in parts of the atmosphere, and
they are not well resolved numerically. It is therefore questionable if the numerical solution
to the fluid dynamics equations is accurate. The equations solved by the UM dynamical core
inherently conserves angular momentum, but the numerical scheme solving these equations
is not designed to conserve angular momentum explicitly. The degree of angular momentum
conservation should therefore be a good indication of the accuracy of the numerical solution
to the fluid dynamics equations. The evolution of angular momentum is plotted in Fig. 6.21,
and it is seen to be conserved to an accuracy of > 99.5%. We therefore conclude that the UM
dynamical core appears to obtain a reasonably accurate solution to the fluid dynamics equations

even with such large temperature gradients.

Again we would like to point out that the atmosphere is still evolving after 500 d of simulation
time, even more so than in the case without TiO and VO due to the interaction between the
hotspot with TiO and VO and the equatorial jet. Whether or not the equatorial jet will cool
down the hot spot enough for TiO and VO to disappear completely is unclear, we are in the
process of running the model longer to investigate this. It does show, however, that whether or
not TiO and VO is present can be very sensitive to the irradiation and redistribution efficiency.
It is not possible to assume TiO and VO to be present throughout the whole day side hemisphere,

as is often done in 1D models.

It has been suggested that the lack of detection of TiO and VO on these planets could be
caused by a cold-trap on the night side, where TiO and VO on the day side would be advected
to the night side, condense, and rain out (Showman et al. 2009). Parmentier et al. (2013) found
that TiO can be depleted from the day side of HD 209458b if it condenses into particle sizes

bigger than a few microns on the planet’s night side. For now we point out that whether or not
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TiO or VO is present in these atmospheres remain highly uncertain, and if they are present on
the day side, they may still prove difficult to observe. In the next section we generate synthetic
observations from our simulations and compare them to existing observations and the model

results from Showman et al. (2009).

6.3 Comparison to observations

Here we calculate observational quantities as described in Section 5.5 from the model output of all
our HD 209458b model runs. We begin by considering the transmission spectrum (Section 6.3.1),
then the day side emission spectrum (Section 6.3.2), and last the 4.5 pm phase curve recently
obtained by Zellem et al. (2014) (Section 6.3.3).

6.3.1 Transmission spectra

We have calculated the transmission spectrum from our models of HD 209458b, and the results
are shown in Fig. 6.22 with observational data. We have reduced the transit radius of the
temperature-forced model by 0.0138 R, the coupled model without TiO and VO by 0.0032R,
and the coupled model with TiO and VO by 0.0039R.. to match the water feature at 1.4 pm.
This is needed as the radius of our lower boundary does not perfectly fit the observations, and
should have a small effect on the P—T" profiles and the transmission spectrum.

The data around 1.4 pm was presented by Deming et al. (2013) and claim detection of a
“muted” water feature. The increase in planet radius at 1.4pm as seen in the model is due
water absorption, and the data does indicate a small increase in radius at this wavelength.
The cause of the water feature being muted is unknown. It may be that the observations

are not sensitive to planet radii smaller than about 0.120R., on the other hand it may be
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Figure 6.22: Observed (points) and synthetic (lines) transmission spectra for HD 209458b calculated
with our coupled and temperature-forced models. Calculated after 600d for the temperature-forced and
coupled model without TiO and VO and 500d for the model with TiO and VO. The black points are
observations from Knutson et al. (2007b) (®), Sing et al. (2008) (¥), Crossfield et al. (2012) (A) and
Deming et al. (2013) (). Models have been shifted vertically to fit water feature at 1.4 pm.

caused by an additional scatterer or absorber in the atmosphere of HD 209458b not included
in the models as invoked by e.g. Deming et al. (2013). Unfortunately, it is very difficult do
distinguish between absorbers and scatterers in a transmission spectrum without recognising
specific spectral features. Both absorbers and scatterers have the same effect on the stellar
rays going through the planet atmosphere. Another way to mute the water feature is to
decrease the scale height of the atmosphere. This can be achieved by increasing the gravity or
mean molecular weight, or decreasing the temperature. Due to radial velocity measurements
constraining the mass and brightness temperatures derived from day side emission spectra these
are considered unlikely causes. The most likely cause is the presence of clouds in the atmosphere
of HD 209458b, i.e. scattering particles. Clouds are found throughout the atmospheres of solar
system planets (Rossow 1978) and in brown dwarfs (Crossfield et al. 2014), so it would be
surprising if they are absent on hot Jupiters. As of yet we do not include clouds in our models,

this will be the subject of future work.
Even though TiO and VO are present on the day side of the model where we allow them to

form, they are not present in the transmission spectrum. This result is in contrast to Fortney
et al. (2010), who calculated transmission spectra from the models of Showman et al. (2009)
and found that limb-temperatures were high enough to contain an observable amount of TiO in
the transmission spectrum. We would like to point out here that the model of Showman et al.
(2009) used interpolation in an opacity database where mixing ratios had already been taken

into account, meaning that sharp transitions in opacity due to e.g. condensation will be smeared



184 CHAPTER 6. THE COUPLED UM APPLIED TO HD 209458B

100 |
10! 3 3
102 3 3
= 10% | -
=3 [
A, 4 £ 3
Figure 6.23: P-T profiles for 10
different points along the limb 10° 3 E
of the planet from our model of
HD 209458b without TiO and VO. 106 3 E
Note that due to the north-south i
symmetry longitude 90°, latitude 107 E ! ! ! ! ! ! !
90° is equivalent to longitude 90°, 400 600 800 1000 1200 1400 1600 1800 2000 2200
latitude —90°. Legend can be found T K]
in Fig. 6.24.

out as discussed in Chapter 4. As we use equivalent extinction to combine k-coefficients for
different gases we are better able to resolve sharp transitions in abundances.

Figure 6.22 indicates that the P—T profile itself has a small impact on the transmission
spectrum, but changes in abundances, which are functions of temperature, have a larger impact.
To illustrate this further we have plotted the P-T profiles around the limb of the planet from
our coupled model without TiO and VO in Fig. 6.23 and 1D transmission spectra calculated
from these profiles in Fig. 6.24. At 1.4pm the planet size is about 0.121R,, and we find that
this corresponds to an atmospheric pressure within an order of magnitude of 10? Pa depending
on the position on the limb. The P-T profiles are quite different, by about 300K at 10% Pa,
but the impact on the transmission spectrum is small. The main difference is seen for the
hottest profile which has a larger planet radius due to the increased scale height caused by higher
temperatures. Shifting the spectra vertically, as is normally done, the differences are smaller
than the observational uncertainties. Interestingly, an additional absorption feature appears at
about 3.5 pm using the A = 90°, ¢ = 0 profile caused by the increased methane abundance at

the lower temperatures in this profile around 10% Pa.

6.3.2 Emission spectra

The HD 209458b day side emission spectrum has been measured by several groups, as discussed
in Section 6.1. At some wavelengths there are even multiple measurements available. We plot the
observed data points with emission spectra calculated for our coupled and temperature-forced
models in Fig. 6.25. The disagreement between the original analysis by Knutson et al. (2008)
and the reanalysis of Diamond-Lowe et al. (2014) is clearly seen.

Our coupled model without TiO and VO generally underestimates the emission except at

3.6 nm and 24 pm. This means that the model is generally too cold at the optical depth where
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Figure 6.24: Transmission spectra calculated assuming the P—T profiles in Fig. 6.23 apply over the
entire planet.

the emission originates. The large decrease in flux at 4.5 pm is due to a CO absorption feature.
As CO absorbs strongly at this wavelength, the pressure where the emission originates becomes
smaller, causing a lower emission. The temperature-forced model and the coupled model with
TiO and VO appear to fit better due to their hotter day sides. The 4.5pm CO absorption
feature in the model without TiO and VO is in the model with TiO and VO turned into a small
emission feature. This is due to the temperature inversion, as the lower pressures probed at
4.5pm has a higher temperature than surrounding wavelengths, causing increased emission.
We do not, however, take this as evidence for TiO and VO in the atmosphere of this planet.
We can conclude, however, that without an extra source of opacity our model emission is too low.
This can be caused by the presence of TiO and VO or other absorbers of stellar radiation missing
from our opacity database, but it can also potentially be caused by clouds. The uncertainty in

the observations and the model degeneracy is too large, however, to make definite conclusions.

6.3.3 Phase curves

The 4.5 num phase curve was measured by Zellem et al. (2014), and in Fig. 6.26 we have plotted
their best fit curve together with our synthetic 4.5 pm phase curves. The synthetic phase
curves have been integrated over the Spitzer band using the IRAC 4.5 pm filter function. The
temperature-forced model fits poorly, with the night side being too cold and the phase offset too
small. The coupled model without TiO and VO reproduces the night side flux, but the day side
flux is too low, indicating that day side temperatures in the model are too low. The fit could be
improved substantially by removing the CO absorption feature at this wavelength, causing an

increased emission, but this would mean a significant deviation from chemical equilibrium. The
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Figure 6.25: Observed (points) and synthetic (lines) emission spectra for HD 209458b calculated with
our coupled and temperature-forced models. Calculated after 600d for the temperature-forced and the
coupled model without TiO and VO and 500d for the model with TiO and VO. The black points are
observations from Swain et al. (2008) (@), Crossfield et al. (2012) (¥), Knutson et al. (2008) (&),
Deming et al. (2005) (), Zellem et al. (2014) (™) and Diamond-Lowe et al. (2014) (H).

non-equilibrium calculations by Moses et al. (2011) indicate that the CO abundance is relatively
stable, i.e. its abundance is unlikely to be greatly affected by disequilibrium chemistry for the
case of HD 209458b. The coupled model with TiO and VO does fit the observations fairly well,
reproducing both the day and night side flux, but the flux as the day side comes into view (small
orbital phases) is underestimated, meaning that the atmosphere is not hot enough eastward of
the substellar point.

The phase offset is slightly underestimated in our coupled models, while the temperature-
forced model shows almost no phase offset. The phase offset is essentially determined by the
offset of the hotspot from the substellar point, which depends on the balance between the
radiative and dynamical timescales. The radiative timescale in the temperature-forced model
therefore seems to be underestimated. For the coupled models a lower opacity at 4.5 um, causing
the planet flux to originate at a higher pressure, could potentially increase the phase offset.
Interestingly, the models of Showman et al. (2009) seem to have the same problem, slightly
underestimating the phase offset. On the other hand they significantly overestimate the night
side flux, while we do not, which may be due the older line lists used causing an underestimated
opacity at infrared wavelengths.

In Figs. 6.27 to 6.29 we have plotted synthetic phase curves for the four Spitzer IRAC bands
from our models, with secondary eclipse data from Diamond-Lowe et al. (2014) and Zellem
et al. (2014) at an orbital phase of 180°. The coupled model without TiO and VO generally

underestimates the emission, as discussed previously. The temperature-forced model fits the
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data better, but the best fit is obtained with the model including TiO and VO which agrees well
with measured fluxes at 4.5 ym, 5.8 pm and 8.0 pm. At 3.6 pym, however, the model emission is

too low.

6.4 Summary and conclusions

In summary, we find similar dynamical features in all our models: a broad equatorial jet in the
eastward direction and a hotspot shifted slightly eastward of the substellar point. The night
side of the temperature-forced model is much colder than in the coupled models, and also much
colder than observations indicate. The coupled model without TiO and VO has a warmer night
side, which matches the observations at 4.5 nm, but the day side appears to be too cold.

Our coupled model including TiO and VO provides the best fit with observations, with a
warmer day side due to the strong absorption of the stellar radiation by these molecules. There
are still discrepancies for small to intermediate orbital phases when comparing to the observed
4.5 nm phase curve, indicating that our model is too cool eastward of the substellar point. The
phase shift is also slightly underestimated by our model. We do not take the better agreement
with observations for our model with TiO and VO as evidence for the presence of these molecules
in the atmosphere of HD 209458b, or for evidence of a temperature inversion. We can, however,

draw some conclusions from these results:

e A cloud-free model without TiO and VO is too cool to explain the observed thermal
emission. This can be caused by the presence of additional visible absorbers or clouds that

we do not include.

e Even though TiO and VO are present on the day side they are not seen in the transmission

spectrum. This can shed some light on observations that have failed to detect the presence
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of these molecules in the transmission spectrum of hot Jupiters (Huitson et al. 2013; Sing
et al. 2013). The region around the terminator is simply not hot enough to contain TiO
and VO, and the transition between a region with TiO and VO and without TiO and VO

on the day side, assuming equilibrium chemistry, can be very sharp.

« Significant differences are seen between our models and those of Showman et al. (2009)
in transmission spectra and phase curves: our transmission spectra do not contain TiO
and VO signatures and our 4.5 pm phase curves underestimate the flux at small orbital
phases, while the models of Showman et al. (2009) and Fortney et al. (2010) show TiO and
VO signatures in transmission spectra and overestimate the 4.5 pm flux at small orbital
phases. In addition, Showman et al. (2009) overestimate the night side emission while
we do not. It is not clear what is causing these differences. The approximations made
to the dynamical equations in Showman et al. (2009) should have a minor effect on the
results presented here and the radiation schemes are very similar. It may partly be due our
more sophisticated treatment of TiO and VO condensation or the more extensive opacity
database used by Showman et al. (2009), which includes e.g. metal hydrides (Freedman
et al. 2008). This is difficult to determine, however, without direct intercomparison of
individual model components. Discrepancies are well known for Earth and solar system
GCMs (Collins et al. 2006; Lee & Richardson 2010), and they are usually tested against
each other through intercomparison projects. Hot Jupiter GCMs are still in their early
phase of development, but the discrepancies seen here indicate that such intercomparisons

will become crucial in order to interpret models correctly.

In the models discussed here we have set the condensation temperatures of TiO and VO
to 1800 K and 1600 K, respectively, which is suitable for pressures around 103 Pa (Burrows &

Sharp 1999). The condensation temperature is, however, a function of pressure, and at lower
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pressures the condensation temperature is also lower. Since we find TiO and VO present at
very small pressures (about 10Pa), we overestimate the condensation temperature here, and
consequently underestimate the amount of TiO and VO that would be present according to
equilibrium chemistry. Whether or not equilibrium chemistry can be applied to TiO and VO,
however, is debated, so we would like to emphasize that even though TiO and VO have not been
observed in the atmosphere of HD 209458b yet does not mean it cannot be present. Schwarz
et al. (2015) recently obtained and analysed a high resolution emission spectrum of HD 209458b
searching for CO emission lines, which if detected would indicate a temperature inversion. They
failed to detect a CO signal, which indicates that the atmosphere is close to isothermal at the
pressures probed by these measurements. Similar techniques will in the future be able to put
better constraints on the abundance of TiO and VO on the day sides of exoplanets.

It should be noted that the analysis of these models has been done using output at given
time, usually after a few hundred Earth days of simulation time. The upper atmospheres of
these planets, which are completely dominated by the irradiation, will have converged in that
time, but for pressures > 1 x 10° Pa dynamical and radiative timescales become significantly
larger, which means that models will take longer to equilibrate. It is not even certain that such
an equilibrium state exists (Liu & Showman 2013; Thrastarson & Cho 2010), which serves to
add to the uncertainty in interpreting output from these models.

We have neglected the effects of clouds, as all other GCMs applied to hot Jupiters. Clouds
have a non-trivial effect on the climate and are difficult to both model and understand. Depending
on their optical properties they may serve to decrease temperatures due to increased scattering
of incident radiation, or increase the temperature by trapping thermal radiation. Any cloud
scheme will introduce a wealth of additional parameters such as location, optical properties and
size distributions. Due to the lack of observational constraints on the composition of clouds in
hot Jupiters atmospheres, modelling them in a physically meaningful way becomes difficult. It
will be important to use knowledge gained by studying solar system objects and brown dwarfs

where observations are of a much higher quality.



Chapter 7
Conclusions and perspectives

In this work we have developed a sophisticated radiation scheme suitable for hot Jupiter
atmospheres based on state-of-the-art opacities and the Edwards—Slingo radiation scheme, which
can be used to study the atmospheric dynamics of hot Jupiters. Many approximations and
assumptions made in previous studies have not been tested for hot Jupiter-like conditions. The
primary goal of this work has been to develop a robust and well tested radiation scheme, and
to understand the impact of various approximations used in previous modelling works. This
will allow for more reliable theoretical analyses in the future, which are needed as the quality of
observations continuously improves.

In the last part of this work we have started to apply these developments to study the
atmospheric dynamics of hot Jupiters. We will in the future further use the developments
presented here to advance our understanding of complex processes in the atmospheres of these

exotic planets. In this chapter we summarise our main conclusions and discuss future prospects.

7.1 Conclusions

Calculation of absorption coefficients from high-temperature line lists has been discussed. We
present a line profile cut-off scheme that decreases the computation time required to calculate
absorption coefficients by a factor of ~ 100 compared to other methods used in the literature,
while still giving accurate results. Combining this with parallelisation using OpenMP and MPI
makes calculating opacities from high temperature line lists in a reasonable time feasible. We
emphasise that pressure broadening parameters are very uncertain and usually extrapolated
from room temperature and pressure and small quantum numbers. Improvements in this
area will become important as higher accuracy will be required to analyse results from future
exoplanet characterisation projects (e.g. JWST, Sphere and ELT). We are currently setting up
a collaboration with the ExoMol group at University College London (UCL) and V.E. Zuev
Institute of Atmospheric Optics in Tomsk, Russia, to improve these line widths and investigate

the effect on model atmospheres and spectra.

191
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The accuracy of radiation schemes used in GCMs has been studied extensively for Earth-like
conditions, but detailed analysis for hot Jupiter-like conditions are lacking. We have analysed the
accuracy and uncertainties in state-of-the-art radiation schemes used in several GCMs applied
to hot Jupiters. Both the two-stream approximation and correlated-k method’s applicability to
hot Jupiter atmospheres have been analysed by comparing the Edwards—Slingo radiation scheme
to discrete ordinate line-by-line calculations. The ES radiation scheme’s performance in these
tests shows that we have successfully adapted it to hot Jupiter-like atmospheres.

We find that a diffusivity factor of D = 1.66, already widely used in both Earth and hot
Jupiter GCMs, yields the smallest errors from the two-stream approximation for the thermal
component of radiation, although D = /3 ~ 1.73 is only slightly less accurate. Both the
two-stream approximation and the correlated-k£ method contribute non-negligibly to the total
error, with overall heating rate errors < 10% in regions with significant heating/cooling. Flux
errors are similar or smaller. About 10 k-coefficients in each band for molecular line absorption
yield satisfactory accuracy. Using ~ 100 k-coeflicients per band does improve the overall accuracy,
but errors decrease by less than 50 %, while the radiative transfer computation time increases
by a factor of 10. We therefore choose to adopt the former as a balance between accuracy and
computational cost. Using a mean absorption coefficient in each band, as in Dobbs-Dixon &
Agol (2013), yields inaccurate fluxes and heating rates for molecular absorption. Heating rate
errors can reach 100 % or more, even in regions with significant heating/cooling. Band-averaged
absorption coefficients should thus be used with caution.

Comparing pre-mixed k-coefficients to using the random overlap method we found that, if
a P-T profile intersects the condensation curve of TiO and VO, errors in fluxes and heating
rates caused by using pre-mixed k-coefficients can become very large, = 50 %. Even for our
night side profile, which does not contain TiO and VO, heating rate errors were significant,
= 20 %. Pre-mixed k-coefficients should thus be used with care as rapid change in abundances of
important absorbers may not be well resolved, which in turn can cause large errors in fluxes and
heating rates. We show that errors caused by using equivalent extinction, which is much quicker
than a full random overlap treatment, are on the order of the errors caused by the two-stream
approximation and correlated-k method, and we consequently adopt this scheme in our GCM
runs.

Any radiation scheme applied to hot Jupiters should be checked against the tests we have
presented here. These tests, and the detailed descriptions of our methods and approximations,
will be useful for future adaptation of radiation schemes in other GCMs. Current observational
constraints on exoplanets do not require the level of accuracy we have applied in this work.
The field develops at an amazing pace, however, and modellers should now develop the best
theoretical and numerical tools to tackle the challenges posed by the increasing accuracy expected
from future large observational projects.

We have coupled the adapted Edwards—Slingo radiation scheme to the UM dynamical
core ENDGAME. The upper boundary condition was modified to take into account radiation
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absorbed above the dynamical domain, while the lower boundary condition was modified to take
into account the intrinsic heat flux of the planet. Using uniform irradiation with no rotation,
effectively turning the UM into a 1D radiative equilibrium solver, yields good agreement with
our 1D radiative-convective equilibrium code ATMO, with differences < 6 %.

In Chapter 6 we applied our hot Jupiter UM to HD 209458b. The main atmospheric features,
such as a broad eastward equatorial jet, are similar to those seen in the temperature-forced
model (Mayne et al. 2014a), but night side temperatures are much lower in the temperature-
forced model. In addition, day side temperatures are higher compared to our coupled model
without TiO and VO, which should be similar to the temperature-forced model. Allowing for
the formation of TiO and VO, we observe a small patch around the substellar point that is hot
enough to contain TiO and VO in gaseous form, elsewhere the atmosphere is too cold.

Comparing our simulated phase curves, emission and transmission spectra to available
observations, we find reasonably good agreement for our model including TiO and VO, while the
day side emission appears to be too low for the model without these strong absorbers. We do
not take this as evidence for TiO and VO, but rather that there is most likely an extra source of
opacity in this atmosphere that we do not include. The observed transmission spectrum does
not agree well with our any of our models, or any other cloud-free model in the literature. The
presence of clouds has therefore been inferred, which could be a potential source of opacity.

We find significant differences between our models and those of Showman et al. (2009) in
transmission spectra and phase curves even though these models use similar assumptions. These
discrepancies indicate that intercomparisons will become crucial in order to interpret models
correctly.

These planets exhibit a three-dimensional nature that cannot be captured properly by
1D models. As the quality of observations improve, modelling the atmospheric dynamics of
hot Jupiters will become crucial to our understanding of hot Jupiter atmospheres. The work
presented here provides the basis of future application of the Met Office UM to other planets.

In the following section we outline some directions this work could take.

7.2 Future work

There are many different directions the work presented here could take. In Section 7.2.1 we
discuss improvements to the radiation scheme that would make it more suitable to hot Jupiter
atmospheres. Then, in Section 7.2.2, we discuss the potential future applications of the hot
Jupiter UM.

7.2.1 Improvements to the radiation scheme

We would in the future like to further optimise the ES radiation scheme. This would involve

completely removing absorbers from bands where the absorption is presumed negligible, and
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restrict the wavelength range used by the thermal and stellar components of the radiation scheme.
We would also like to reduce the number of bands. Some work has already been done, Kataria
et al. (2013) used 11 bands and found that differences compared to using 30 bands were small.

There are several improvements we would like to make to the radiation scheme and the
coupling to the dynamical core in order to make it even more suitable to hot Jupiter atmospheres.
The Edwards—Slingo radiation scheme assumes a plane-parallel geometry, meaning that effects
due to the spherical geometry of the planet are not included in the radiation scheme directly. For
planets where the vertical extent of the atmosphere is much smaller than the planet radius, such
as the Earth, this is a very good approximation. For hot Jupiters, however, this approximation
may be less appropriate as the extent of the atmosphere can be ~ 10% of the planet radius.
The accuracy of the plane-parallel approximation should be investigated for hot Jupiter-like
atmospheres.

Another aspect of the radiation scheme that could be improved is the assumption of a
one-dimensional geometry. This is a valid approximation if horizontal variation in atmospheric
conditions are small, but this may not be a good approximation particularly near the terminator
of the planet. At latitudes and longitudes on the night side of the planet, but near the terminator,
irradiation will not be included in a 1D treatment. In reality, however, the stellar component
will be non-zero as some fraction will remain after going through the day side terminator region.
Zenith angles at the terminator are very large, however, so this effect should be small.

In addition to investigating the accuracy of the above mentioned approximations, we would
like to expand our opacity database. Currently our opacity database includes HoO, CO, CHy,
NHs, H2-H2 CIA, and H2-He CIA, which are strong absorbers in the infrared, and Na, K,
TiO, VO, which absorbs in the near-infrared and red part of the visible spectrum. If TiO and
VO are not present, Na and K will be the dominant absorbers of stellar radiation. Their line
wings are broad, but do not extend further than about 0.5 pm towards short wavelengths. For
wavelengths shorter than this we only include Rayleigh scattering. Potential absorbers at these
short wavelengths are metal hydrides and additional atomic lines, which may become increasingly
important for stars with high effective temperatures. This issue may, however, be overshadowed
by clouds, which we discuss below.

As the diffuse stellar component of the radiation becomes important, the current formulation
of equivalent extinction may have to be modified due to the use of the direct stellar flux at the
lower boundary to calculate the equivalent extinction K in Eq. (3.60). We plan to implement the
random overlap method with reordering and resampling in the ES radiation scheme. Comparing
all four different methods of computing k-coefficients for a mixture of gases in the same framework
will enable us to evaluate their accuracy and performance, and consequently suitability for use
in hot Jupiter GCMs.

The coupled UM has proven to be much more computationally expensive than the temperature-
forced model, a combination of the need for a smaller dynamical time step and the additional

cost of calculating heating rates from non-grey opacities. For the first issue we would like to
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investigate the possibility of implementing adaptive time steps, particularly for the radiation.
Due to the physically unrealistic initial conditions used in these models small dynamical and
radiative time steps may be required at the beginning of these simulations, but as the atmosphere
becomes more stable larger dynamical and radiative time steps may be allowed. A short-term
solution is to restart models after the atmosphere has had time to equilibrate with larger

dynamical and radiative time steps.

7.2.2 Future research

As discussed in Chapter 4, we found that using an average opacity scheme like that used by
Dobbs-Dixon & Agol (2013) can lead to substantial errors in fluxes and heating rates. In the
immediate future we plan to investigate the consequences of using this scheme in a GCM, as it
would help us understand how sensitive the dynamical processes are to errors in the radiation
scheme and the corresponding effect on observables.

Our treatment of abundances have been simple, chemical equilibrium was assumed for all
species. We are working on coupling a chemical network to the UM, which will enable us to
investigate the effect of non-equilibrium chemistry.

The synthetic phase curves presented here were calculated assuming the planet had achieved
a steady-state so that we could use the planet state after, say 600d, for all orbital phases. This
drastically reduces the phase curve computation time as the chemistry and fluxes do not change
with time. We have found this to be a valid assumption < 1bar in the temperature-forced
model and the coupled model without TiO and VO. The coupled model with TiO and VO is
still evolving slowly, however, and we are currently running longer models to investigate the
evolution of the atmosphere beyond 500d. In addition, this assumption removes all features
from the synthetic observations that are caused by time-variability. As observations improve it
may become necessary to relax this assumption.

Another issue we would like to investigate is the potential cold-trap of TiO and VO as
described in Parmentier et al. (2013). The model of Parmentier et al. (2013) was not self-
consistent in that the tracer particles used in the advection scheme were not coupled to the
radiation scheme. Thus the feedback on the atmosphere due to a potential change in the
abundance of TiO and VO was not considered. The UM has the framework for coupling tracer
particle abundances to abundances used in the radiation scheme, which will enable us to study
a potential cold-trap more consistently.

The discussion here has focused on the planet HD 209458b, but our model can easily be
adapted to other extrasolar planets with Ho- and He-dominated atmospheres. This will enable
us to study how the atmospheric circulation, such as the redistribution efficiency and hotspot
offset, depends on model parameters such as eccentricity, gravity and metallicity. Work on this
has already started in the literature, but the parameter regime is far from understood (Kataria
et al. 2014a, 2013; Lewis et al. 2010).
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As discussed in Chapter 1 it has become clear from observations that most of these planets
are in some way influenced by clouds. No GCM applied to a hot Jupiter, or any exoplanet,
includes clouds. The UM has a built-in prognostic cloud scheme (Wilson et al. 2008a,b) that
dynamically evolves the cloud particulate properties, including condensation, evaporation and
position using tracer particles. Replacing water in this scheme with a generic condensate suitable
for the chemistry in hot Jupiter atmospheres will enable us to study the formation and evolution
of clouds and their feedback on the atmospheric circulation.

One of the long-term goals of the project is to investigate in more detail the hypothesis
suggested by Showman & Guillot (2002) that a vertical transport of kinetic energy into the
planet interior can explain the inflated radii of many hot Jupiters. This hypothesis has been
difficult to test for several reasons: (i) most models solve the primitive equations which cannot
be expected to provide accurate results at high pressures or realistic vertical wind velocities, (ii)
deep in the planet’s atmosphere dynamical timescales are very long meaning that long simulation
timescales are needed, requiring large computational resources, and (iii) these models have an
artificial impenetrable bottom boundary which will affect the downward transport of kinetic
energy. Since the UM solves the full Euler equations it will be able to realistically model larger
vertical domains than models solving the primitive equations. The dynamical core and radiation
schemes are also highly optimised in terms of computational cost. These two factors makes
the UM well equipped to test this hypothesis. Significant adaptation will be required, however,
for the UM to accurately treat large pressures as the equation of state becomes non-ideal and
convection becomes the dominant mechanism for energy transport.

In conclusion, the UM provides an excellent base upon which to build a sophisticated GCM
applicable to a wide range of atmospheres. The close proximity of the Met Office to the University
of Exeter puts us in a unique position to use the UM to study solar system and extrasolar planet
atmospheres while at the same time benefiting from using a continuously evolving and improving
GCM. The work presented here is only the beginning of an extensive research project aimed at

improving our understanding of planetary atmospheres.



Appendix A

Additional derivations

In this appendix we provide useful derivations. Transition probabilities are discussed in Ap-
pendix A.1, we provide a derivation of the mean relative velocity between particles as needed by
van der Waals broadening in Appendix A.2, in Appendix A.3 we discuss equivalent extinction in
more detail, in Appendix A.4 we derive the thermodynamic equation, and in Appendix A.5 we
discuss the relationship between velocities measured in an inertial and in a rotating reference

frame.

A.1 Transition probabilities

Here we detail different ways of describing transition probabilities between energy levels in atoms
and molecules. The definitions and derivations presented here follows that of Simeckova et al.
(2006) combined with the notation used in Thomas & Stamnes (2002). Einstein coefficients are
defined in Appendix A.1.1, the relationship between Einstein coefficients and the line intensity

is given in Appendix A.1.2, and the oscillator strength is discussed in Appendix A.1.3.

A.1.1 Definition of the Einstein coefficients

We introduced the Einstein coefficients in Section 3.1.1. Here we derive the relationship between
them, Eq. (3.1). We define the Einstein B-coefficients from the energy density Uy, i.e. the energy
density per unit wavenumber interval. B, is consequently the number of transitions from the
lower to the upper level per unit number density of the species in the lower level per unit energy

density Uy per unit time. We can therefore write

dn
- = Biynlds. Al
< dt )abs : nlu ( )
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Similarly for stimulated emission we get

dn
— = —BulnuZ/{,;, (AQ)
de stim

where By is the number of induced transitions per unit number density of species in the upper
level per unit energy density Uy per unit time. The Einstein Ay-coefficient for spontaneous
emission is defined as the number of transitions per unit number density of the species in the

upper level per unit time. We can therefore write

<dnu> = —Ayn,. (A.3)
de spon

Assuming thermodynamic equilibrium (TE) and detailed balance there will be no change in

the level populations. We consequently have
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where the notation * indicates that n* and n; are the TE number densities. Solving the above

equation for U yields
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In thermodynamic equilibrium n;*/n} is given by the Boltzmann distribution:
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where g; is the statistical weight (degeneracy) of level ¢ and hev = E,, — Ej is the transition

energy. Consequently we have

AUl/Bul
"o Z : A7
U (nglu/guBul) ehcll/kBT -1 ( )

In TE the energy density is the Planck function,

8rhcir
By = e —1 (24)
and combining this with Eq. (A.7) we get the Einstein relations
Ay = 8mhei By, (3.1a)
91 B = guBu- (3-1b)

Since Eq. (3.1) is independent of the state of the gas, i.e. temperature, density etc., it is
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also satisfied when the assumption of TE is no longer valid, even in non-local thermodynamic
equilibrium (NTLE).

A.1.2 Relationship between the Einstein coefficients and the line intensity

In the following, the subscript 1, for a transition from the lower to the upper level is denoted
by ¢ (for transition ¢) with the corresponding wavenumber . Treating stimulated emission as
negative absorption and using Egs. (A.1) and (A.2), we have that the change in n, per time due

to absorption and stimulated emission is given by

dn
( d 11> = Biyly — Bunuldy, (AQ)
t abs+stim
or equivalently
dny = (Brni — Buna) Up dt. (A.10)

We introduce the average photon energy per wavenumber, hcig®;(0), where @;(7) is the line
profile introduced in Eq. (3.2). Multiplying both sides with hcog®;(7) yields

hcﬂo(ﬁi(ﬂ)dnu = hcﬁo@i(lj) (B]unl - Bumu)L{g dt. (A.ll)

Note that we have assumed the same line profile for both transitions, usually a good approximation
in astrophysics (Rybicki & Lightman 2004).

dny is the number of transitions per unit volume during the time dt, hcvg®;(7)dn,, is therefore
minus the change in energy density per wavenumber during the time d¢. The negative sign is
caused by the fact that if dny is positive, energy is being absorbed i.e. the change in energy
density is negative. Using dt = ds/c, where ds is an infinitesimal distance and c is the speed of

light we get
dUy = —hevg®; (D) (Biyny — Bung) Up ds/c. (A.12)

Replacing By with By, using Eq. (3.1b) and for convenience renaming By, to B; indicating

transition ¢, we have

AUy = —heirg®; (i) (Bml - ngm) Uy ds)c. (A.13)
Ju

Equation (A.13) has to be converted to express the change in intensity dI; as a function of
the intensity itself I;. From the definition of intensity, Eq. (2.1), the energy density Uy is given
by

d*E IycosfdAdtdwdy I
dVds  dAcosfcedtds ¢

AUy = dw, (A.14)
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and integrating over all solid angles we get

1 47 - _ 1
Uy = f dw Iy = —WL; I; = f dw I;;. (A.15)
47 C A

C ™

Using this result in Eq. (A.13) yields

dI_g = —hCﬁofg@i(ﬂ) <Bm1 — ngmu> dS/C. (A16)
g

u

Since each transition contributes an energy hcty distributed uniformly over the solid angle 47,

we may use the intensity I instead of the average intensity I;. We therefore have

dI,; = *hCﬁoIﬁ@i(f)) (Bml - ngzTLu> dS/C, (Al?)

u

and comparing Egs. (2.8) and (A.17), we get an expression for the absorption coefficient:
. Y | g1
an(l/) =h 0@)2‘(1/)* Binl — —Binu s (A18)
n u

where n is the number density of the absorber. To get an expression for the line intensity we

integrate over all wavenumbers, using that the line profile () is normalised, and obtain

Si = hing 2 <Bi — Bigm“> . (A.19)
n Gun

Assuming LTE, the level populations n; and n, are given by the Boltzmann distribution:

=R

%
m g1 o Bi/ksT n

n Q) ’ n

=%

_ 9u __heig/kpT _ _—E;/kgT
=Z¢ , Q(T) = E e , A.20
a ( ) i g ( )

where Q(T) is the total partition function, and we have

—By/kpT

- gie

S; = hipg=———
O Q(T)

which is the line intensity expressed in terms of the Einstein B; = By, coefficient. Usually it

(1 . e—’wﬁo/kBT) B, (A.21)

is more convenient to work with the Ay-coefficient due to the unambiguity of its definition.

Replacing B; with A; using Eq. (3.1) we have

1 gue—El/kBT

~ 8wz Q(T)

S; = Si(T) (1 - e*hcﬂo/’fBT) A;. (3.3)



A.1. TRANSITION PROBABILITIES 201

A.1.3 Oescillator strength

Some line lists provide a quantity called the oscillator strength fy, of a transition. It is normal
to weigh the oscillator strength by the degeneracy of the lower level, i.e. g fi,, which is often
abbreviated as the gf-value. A detailed quantum-mechanical discussion is outside the scope of
this work, see e.g. Rybicki & Lightman (2004) for details.

The oscillator strength is, as the Einstein coefficients, a measure of the probability of a
transition. It can be thought of as the correction factor to the total amount of energy extracted
from a beam of radiation by a classical harmonic oscillator. In the following we derive an

expression relating the Einstein coefficients and the oscillator strength.

The classical damped harmonic oscillator

As a rather crude approximation, an electron can be thought of as trapped in a harmonic
potential with natural (angular) frequency wy caused by the nucleus. Treating the inherently
quantum mechanical problem of the electron-nucleus interaction using classical physics leads to
an expression for the cross section, from which the oscillator strength can be defined.

The oscillations are driven by an external electromagnetic field with frequency w, and the

electron will consequently oscillate. This acceleration of a charge causes dissipation of energy by

emitting radiation, and in classical physics it is approximated as being lost through a damping

force proportional to the velocity F' = —meyz, where m, is the electron mass, z the electron
velocity and
2e2w2
= _—9 (A.22)
3mec3

where e is the elementary charge in CGS-Gaussian units. The equation of motion for the electron
is

Me? + Mevs + Mewp 2> = —eE cos(wt), (A.23)
where z is the position of the electron and E’ is the electric field amplitude. It is straight-forward

to solve this equation using e.g. the characteristic polynomial. Solving the homogeneous equation

—~ + 2 _ 2
LS Vi (A.24)

2 )

first, we have

r2+71"—|—w3:0 = rg=

and the solution to the homogeneous equation is given by
() = Ae™+t 4 Be'-t. (A.25)

Whether or not the oscillations are over-damped, critically damped, or under-damped is irrelevant
since we wish to consider the stable solution at t — oo, where 2"'(t — o) — 0. Only the

particular solution of Eq. (A.23) is of interest, and we find it by inserting a solution on the form
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2P (t) = Acos(wt + ¢):

!/

A(w? — w?) cos(wt + @) — Awysin(wt + ¢) = — in cos(wt). (A.26)
By using the two identities
cos(fy + 02) = cos(61) cos(f2) — sin(61) sin(62), (A.27)
sin(fy + 62) = sin(61) cos(02) + cos(61) sin(62), (A.28)
we get
| 4068~ ) cos9) — Aurysin(e) + 1 | costr) ~

A [(w% — w?)sin(¢) + wy cos(¢)] sin(wt) =0, (A.29)

and consequently,

A(w — w?) cos(p) — Awysin(¢) + erf" =0, (A.30)
(wd — w?) sin(¢p) + wy cos(¢p) = 0. (A.31)
From Eq. (A.31), we get
B 1 B wd — w?
cos(¢) = Tt tan’(0) N B e (A.33)
sin(g) = @) il (A.34)

1 + tan?(9) v (WE — w?)? + w2y?

Inserting this into Eq. (A.30) yields

(wE — w?)? + wy? LE/ _0 (A.35)
o AT -
and solving for A:
£ 1
A=-° (A.36)

Mme \/(wg —Ww2)2 4 w2y2
An accelerated charge will emit radiation with a power given by the Larmor formula (Rybicki &

Lightman 2004), which yields a net energy loss

2 e232 2 2

Plw,t) = 55 = 5 [~ Aw? cos(wt + o). (A.37)
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We are interested in the time averaged emitted power, and averaging the above equation over

one period yields

1 (2 02 A2
Plw)= — P(w,t)dt = ——— A.
@ =5 | Pl -5 (A.38)
since the average of cos?(wt + ¢) is 1/2. Using Eq. (A.36), we have
4E/2 4
Pw) = = d (A.39)

B 3m2c (w3 — w?)? + w2y?’

The energy density in the incident electromagnetic field is E(t)?/4m, and the energy transported
per unit time per unit area is consequently cE(t)2/4r. The time averaged power of the incident
electric filed is then given by c¢E’?/87, and the ratio between the emitted power and incident

power per unit area is the scattering cross section

_ Pw) 8wt w
~ cE?/87  3m2ct (wg — w?)? + w2y?’

on(w)

(A.40)

In the limit where dw = wy — w, [0w| < w, i.e. the frequency of the incident electromagnetic field

is close to the natural oscillation frequency, we can make the following approximation:

Wi —w? = (W 6w)? — w? = 2wiw + (6w)? ~ 2wdw = 2w (wo — W), (A.41)

which yields
8met w?/4 4rre? v/4
(@) = _ , A.42
on(w) 3m2ct (wo —w)? +92/4  mec (wo —w)? + (7/2)? ( )

where on the right-hand side w has been replaced by wg in the numerator. Changing from

angular frequency w = 2nv = 2wer to wavenumber o, we have

me? 1 v/4me
n V) = @ 7 9 (p V) = — ~ ~ 3 A.4
g (V) mecz L(V) L(V) T (VO — V)2 + (7/47_‘_0)2 ( 3)
where @1,(0) is the Lorentz profile. It is normalised to 1:
o0
f dv@p,(v) =1, (A.44)
0

and the full width at half maximum is given by v/2mc. The total wavenumber-integrated

scattering cross section predicted by this classical model is therefore given by

0 7T62
f div o () = (A.45)

0 Mmec?
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Relationship between oscillator strength and Einstein coefficients

The total energy extracted from a beam can be written in terms of a “classical” Einstein Bfull—
coefficient in analogy to the discussion above. Using Eq. (A.18), including only the absorption

term and setting nj/n = 1 we have
0
on(V) = Bihin®; (i) = J dir o, (7) = B hiv, (A.46)
0

and by comparing Egs. (A.45) and (A.46) we get the following relation:

7'1'62

B hizg = (A.47)

Mmec2’
The oscillator strength fi, is defined as the correction factor to this expression when quantum

mechanical effects are taken into account, i.e.
. me?
Bihig = —— fiu, (A.48)
MeC

where the classical Einstein coefficient has been replaced by its quantum mechanical counterpart.
As above, it is more convenient to relate it to the Einstein Ayj-coefficient, and using Eq. (3.1),
we have

8m2e?i}

guAul = glflu- (37)

€
The quantity ¢fi, is often referred to as the gf-value of the transition. Inserting this into

Eq. (3.3), we get the line intensity in terms of the gf-value

re? e—Fi/ksT

ST =@ o

(1 - €_hCD°/kBT) N (3.8)

A.2 The mean relative velocity in van der Waals broadening

Here we derive Eq. (3.26) for the mean relative velocity between particles, (vy1). Assuming
LTE, the velocity v, of species n will follow the Maxwell-Boltzmann distribution, Eq. (3.13),

and including all three velocity components it is given by

Mn o2 2 /2kpT

D = TMnUn/ePBL A .49

n(¥n) (27rk:BT> ‘ (4.49)

The average relative velocity between two particles (named 1 and 2 for convenience) is then
given by

<’Ure1> = Jdvl fdvg ”01 — ’UQ’ Dl (Ul)DQ(vg), (A50)
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where the integration is over all v; and wo. It turns out that by introducing two new variables,
the integral can be simplified significantly. The centre of mass velocity V and the relative

velocity v is defined by

mivy + mav
V = M, V= V] — V9. (A.51)
mi + me
In order to substitute V' and v into Eq. (A.50), an expression for miv? + mov3 has to be found.

By observing that

v =V + 2, vg =V — Lv, (A.52)

mi1 + mo ’ mi + ma
it is straight-forward to show that

mimsg o
v,

m1vs + mavs = (my +ma)V?2 + (A.53)

mi + mo

Last, the Jacobi-factor for the coordinate transformation must be found. First we replace replace

v9 by v, and denote the ith component of v by v(¥), and similarly for v, and v,. This yields
0 vt

(@) _ (0 —
v v v = . 1, (A.54)
! 2 (%g)

i.e. dvy = —dw, and the integration limits are now from v — o to v® — —c0. Next we
replace v; by V', and using Eqgs. (A.51) and (A.52), we have

1 V(@)
V=vy———w = L =1, (A.55)
mi + meo a’U(Z)
i.e. dv; = dV. Putting all of this together using Eqs. (A.49), (A.50) and (A.53), and flipping

the integration limits on the v-integral back to —o0 to o0, we have

1 3 o o0
<Ure1> = <27T/€BT> (7711’1%2)3/2 J d’l)1 f d’UQ |’U1 — ’l)2| 6_(mw%+m2v§)/2kBT (A.56)
—00 —00
3 0 2 Q0 mim v2
= < 1 > (ml’mz)?’/zf dVef(mﬁmQ)mY? J dv Uefmllﬁfz 2kpT (A.57)
2rkgT —w o
Integrating out V using the known integral
o0
j dze* = %, (A.58)
—Q0
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we have
1 \? s [ 2mksT 2 (* _mimy 2
rel) = d my+mo 2kpT A59
(orety (27rkBT> e LO vve” i Ty (A.59)
~ 3/2 poo ~
- (2 ZT) f dv ve ™" /knT (A.60)
Tkp ©

where the reduced mass m = myma/(mi + mg) has been introduced. This integral is identical
to the average absolute velocity of a particle with mass m. The average relative velocity is

therefore given by the average velocity of a particle with mass m, i.e.

[8kpT 8kpT [ 1 1
<’Urel> = ]i = \/ B ( + >7 (A61)
™M m m1 ma

where we have used the mean of the Maxwell-Boltzmann distribution.

A.3 Equivalent extinction

Here we derive equivalent extinction following Edwards (1996). Notation of explicit wavenumber
dependence has been dropped for convenience. For the thermal component we use the differential

upward and downward fluxes introduced in Section 2.2.7,
Gt =+ f pl' dw' = F* — 7B, (A.62)
w4
i.e. the the flux less the Planck flux. Using Eq. (2.105b) for the downward flux and substituting
for G~ using Eq. (A.62), we get

dci'_ + Wi—f =Dab[G" +7B| = D(1 —a(1—b)) [G™ + 7B] + D[l —a] B,(T), (A.63)

which yields
4G~ N _ 4B

The thermal source term has thus been removed and a new source term —mwdB/dr has been

introduced accounting for changes in flux due to temperature gradients.

In order to ease the following discussion we go back to a formulation with explicit absorption
and scattering coefficients, d7 = —(a+ 0)dz, a = 0/(a + o). Also introducing du = —Dpdz,
which yields d7 = (a + 0)/(Dp) du, we get

Dp dG~

& _ pabGt — D —a(1 - b)G™ —
o to du abG 1-a(1-0)G —=

Dp dB
—_ A.65
a+ o du ( )

Inserting for a and defining a = kjp, o = kjp, where kf and k} are the mass absorption and
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scattering coeflicients, respectively, we get

dG~ s + a S 7 — dB

(A.66)
where we have introduced the forward scattering coefficient b = 1 — b. Equation (A.66) is
identical to Eq. (17) in Edwards (1996).

Following Edwards (1996), we let k, and ks denote mass extinction coefficients for absorption
and scattering for all optical processes except one minor gas. We denote the solution exempting

the minor gas G, i.e.

as
du

6o _ KsbGy — (Ko + ks(1 — )Gy — 7

- (A.67)

Next, let K;, i = 1,2,...,n; be the k-terms of the minor gas with corresponding weights w;
and Giir be the solution including the minor gas as well. We get the following equation for the

differential flux including k-term K; for the minor gas:

dG; S Y+ a S 7 - B
T = kobG — (K + k(1 —b) + Ki()Gy — T (A.68)
The total differential flux is consequently
ng
G* = > wGE, (A.69)
i=1

and the equation for the total flux is, using Eqgs. (A.66) and (A.68),

dG- & dGy
— — A.70
du izle du ( )
- s + a S 7 — dB
= D wi |EbGF — (k3 + k(1 — b) + KiQ)G; — T (A.71)
i=1
KD — (K 4+ k(1 —B) + KOG~ — 12D A
= Ry _(p+ p(l_ )+ C) _Wa7 ( 72)
where ( is the mass mixing ratio of the minor gas and
_ e a0 KGT
g S K A.73
G A

This means that the problem can be solved by treating the minor gas as an equivalent grey
extinction process through K~. Calculating K~ requires the full solution to the problem,

however, and for this technique to be useful an approximation for K~ must be found.



208 APPENDIX A. ADDITIONAL DERIVATIONS

We define
GZ.
Gt = gt A.74
A Gi 0> ( . )

where G\Jﬁi is the solution including only absorption by the minor gas,

Gy dB
— ¥ - Ki(GE - == A.
du G du’ (A.75)
and G¥ are the fluxes in vacuum,
dGt dB
v = —TT—. A.
du " du (A.76)
Using Eq. (A.74), we get
dG; ~ - ~_ dB
dB Gy Gy, . GGy
— (122 ) [1—- 52 ) —kdGH [ 1= 2 A.
M < GV> ( GV> nsbG ( GVG;)’ (A.78)

which is identical to Eq. (A.68) except for the last two error terms. Consequently, G; ~ G, if
these two terms are small. We refer to Edwards (1996) for an in-depth discussion, but it turns

out that these two terms can be neglected if the minor gas is indeed weakly absorbing.

Thus we can approximate the differential fluxes G; in Eq. (A.73) by

Gy ~ Gy = 22 ay, (A.79)

and inserting this back into Eq. (A.73), we get

_ "o K;Go

K™~ Z;}k—j (A.80)
ik win,i

This means that K~ can be calculated from a calculation involving only the minor gas alone. A

similar argument can be applied to the upward fluxes.

The ES radiation scheme uses the net fluxes in Eq. (A.80) instead, i.e.

N
i~ Dk wiKGEy

, 3.59
Dk wiFy (3:59)

to avoid having different equivalent extinctions in the upward and downward directions.

In the stellar region, assuming random overlap, the direct beam is easily included by
calculating transmissions for each gas separately and then taking the product since, assuming
random overlap, direct transmissions are multiplicative. For the diffuse beam, which will be

non-zero if Rayleigh-scattering is included, an equivalent extinction is defined in the ES scheme
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as -

Dk wilK Fay
Z?:kl wiFs*,i 7

where Fi, ; is the direct flux at the lower boundary including absorption only by k-term .

K~ (3.60)

K for each minor gas is obtained by performing ny, calculations involving the minor gas alone.
The full fluxes are obtained by representing absorption by each minor gas as an equivalent grey
extinction K in each band, and performing a full calculation for each k-term of the major gas.

as

Consequently, this calculation scales as Ngasny, which is much preferable to the n]ng scaling of

the random overlap method without reordering and resampling.

Equivalent extinction has been shown to perform satisfactory for the Earth (Edwards 1996),
and we tested its applicability to hot Jupiter atmospheres in Chapter 4 and found that errors
in fluxes and heating rates are < 10%, about the same as errors caused by the two-stream
approximation and correlated-k method. Consequently we adopt equivalent extinction in

Chapters 5 and 6 for our GCM simulations.

A.4 The thermodynamic equation

Here we derive and discuss the thermodynamic equation, which couples the heating rate calculated
by the radiation scheme to temperature changes in the atmosphere. The Exner pressure and
potential temperature, which are two often-used quantities in fluid dynamics are also discussed.
The discussion here is based on Vallis (2006).

A.4.1 Thermodynamic identities

The first law of thermodynamics says that the total change in internal energy per mass of fluid,
dU is given by the heat added per mass, dQ), and the work done by the fluid per mass, dW:

dU = dQ — dW. (A.81)
At the same time, we have the thermodynamic identity
dU =T dn — Pde, (A.82)

where 7 is the specific entropy, i.e. entropy per unit mass, and o = 1/p is the specific volume.
Assume that the fluid element has a pressure P and that its volume changes reversibly/quasist-
atically by da, then dW = Pda and d@Q = T dn, which yields

dQ = Tdn = dU + Pda. (A.83)
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It is possible to write dU as

oUu oUu
=== T — A.84
w () ar e () sy
and combining Eqs. (A.83) and (A.84) we get a thermodynamic identity for the entropy
1 1 [oU 1 [/oU p
Similar to Eq. (A.84) we can also write
an on
dn = <8T>a dT + (&X)Tdoz, (A.86)
and combining Eqs. (A.85) and (A.86), we get
on 1 /oU on 1 /oU P
— ) === — | === —. A.
(%)= 7 (). (%), =7(%), 7 (A7)

Using Clairaut’s theorem for mixed partials (02 f/0xdy = 0%f/dyox), we have

*n *n

0a 0T 0T o (A.88)
1 0*U 1 0*U 1 [oU o (P
Tda0T ~ToToa T2 (m)T * (aT <T>> (A.89)

-2 () (2(2) A

For an ideal gas, PV = NkgT, but in this case it is more convenient to write it in terms of
the gas constant for the gas in question, R = R/m, where R is the ideal gas constant and m is
the mean molecular mass in kg/mol. In terms of R, the equation of state is P = nRT, where n

is the number density in mol/m?. Inserting Rm for R, we get P = nmRT = pRT.

We consequently have P/T = pR = R/«, and looking back to Eq. (A.90) the second term
on the right-hand side is zero for an ideal gas. This yields

oU
— ) = ideal A91
<0a>T 0 ideal gas, (A.91)

i.e. the total energy of a fluid parcel does not depend on its volume given that it satisfies the
ideal gas equation. Using the above result in Eq. (A.84) and inserting this into Eq. (A.83) yield
oUu

szTdnsz—i—Pda:(aT) dT'+ PdV = cy dT + Pda, (A.92)
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where we have introduced the specific heat capacity at constant volume:

we (1) ns0)

The specific heat capacity at constant pressure is defined as

v=\or) = \ar P+P i), (A.94)
-, <6H> <6U> <8a>

where we have introduced the (specific) enthalpy H = U + Pa, dH = dU + d(P«), which can
be interpreted as the total energy of the system, U, plus the energy needed to make room for
it at constant pressure, Pa. For an ideal gas Pa = RT, which yields dH = ¢y dT + d(Pa) =
cy dT + d(RT) = (ey + R)dT, i.e.

0H

This can be used to replace ¢y by cp in Eq. (A.92):
dQ =Tdn=cydT + Pda = cpdT — RdAT + Pda, (A.96)
and again using Rd7T = d(Pa) = adP + P da, we have

dQ =Tdn =cpdl — adP. (A.97)

A.4.2 Exner pressure and potential temperature

The potential temperature, 0, is defined as the temperature that a fluid would have if moved
adiabatically (without any heat exchange) to a reference pressure, Py. We now need to relate 6

to the other thermodynamic variables. Using Eq. (A.97) and the ideal gas equation, we get

dT dP dT dP
d?’]:CP?—OZT:CP?—R?:CPdIHT—RdIHP. (A98>

No heat exchange implies dn = 0, and integrating the resulting separable differential equation
from P,T to Py, 0 yields

0 Py
Cpf dlnT:RJ dIn P, (A.99)
T P

o (2) - rn (). (a1

integrating, we have
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which yields the final expression for the potential temperature:

-1 (B)" 64

Another useful quantity is the Exner pressure (or function), which is defined as

p\R/er

i.e. T = II6. The temperature and pressure can consequently be replaced by the potential
temperature and Exner pressure, respectively. The fluid dynamics equations solved by the UM

dynamical core ENDGAME use potential temperature and Exner pressure, see Eq. (5.10).

A.4.3 The thermodynamic equation

The thermodynamic identities in Appendix A.4.1 apply to individual fluid parcels, and we can
therefore apply the material derivative, Eq. (5.3), to these identities. There are, however, two

assumptions involved:

(i) The fluid is LTE, i.e. we apply the thermodynamic identities locally and expect quantities

like temperature and pressure to vary locally.

(ii) Macroscopic fluid motion is reversible and not a source of entropy, i.e. we do not have to

consider this contribution to the local entropy 7.

Taking Eq. (A.97) and forming the material derivative, we get

DQ DT  DP

Q=—-=cpPmr *Di

_ A.101
Dt Dt (A-101)

where Q is the total added heat per unit mass per unit time. Using Eq. (5.4) to express the
temperature in terms of the potential temperature, T = 0 (P/PO)R/ °Fand inserting this into
Eq. (A.101), yields

Q=cp (9 ( P )R/CP> L (A.102)

Dt Py Dt
P\™°r D D p\ ®/er DP
- il = (= Nl Al
°r (Po) D TPy ((PO> “Di (A.103)
cpTDO  cpR. [ P\¥"DP DP
e i 0(— - o= A.104
0 Dt cpP (Pg) Dt "Dt (A.104)
_¢pTD§ DP DP
T DO
S (A.106)
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This is the thermodynamic equation relating the added heat to the increase in temperature

taking into account the work done on the environment due the increase in pressure:

D 6 Q

Dt~ Tep (5.6)

A.5 Vectors in rotating reference frames

Here we briefly go through the relation between vectors in interial frames and rotating reference
frames. The discussion is based in Vallis (2006).

A.5.1 Rate of change of a vector

Consider a vector C rotating with a constant angular velocity §2 in an inertial frame. The
change in C is given by
0C = |C|sinv dA m, (A.107)

where 1 is the angle between £2 and C, J ) is the angle of the rotation and m is a unit vector in

the direction of change. By definition 0\ = |§2]6t and we get

0C = |C||£2|sinIm it = 2 x C dt, (A.108)
and which yields
<dC’) =N xC, (A.109)
dt /;

where we have used the subscript ‘I’ to indicate that it is the rate of change of C' in the inertial

frame.

For a vector B that changes in a rotating reference frame, the change in the inertial frame is
given by

(6B), = (6B)y + (6B) (A.110)

rot ’
where the subscript ‘R’ indicates that the quantity is measured in the rotating reference frame.
Using Eq. (A.109) we get

dB dB

— ) = (=) +2xB, (A.111)

dt /, dt )y

which relates the rate of change of a vector B in an inertial reference frame to that in a rotating

reference frame.
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A.5.2 Velocity and acceleration in a rotating frame

In order to derive a relation between the velocity as measured in a rotating reference frame and

the velocity as measured in the inertial frame, we apply Eq. (A.111) to the position 7:
VI =VR+w XT. (A.112)

The velocities v; and vy are referred to as the inertial and relative velocity, respectively. We
then apply Eq. (A.111) to vg which yields

d’UR d’UR
— | =|(— 02 A.113
(i), = () e 13
and using Eq. (A.112) yields
dvy dvgr ds2 dr
— ) =(— (9] . (9] — | . A114
()= () rooms v (), o

Using Eq. (A.112) to replace (dr/dt); this gives us the final relation between the acceleration in

the rotating and inertial reference frames:

d'vI

(‘?)R: <dt>l—2f2va—Qx((2xr). (5.8)
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