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Abstract

The purpose of this study is to achieve an improved and more complete understanding
of the structure and evolutionary history of the Small Magellanic Cloud, the second

nearest galaxy to our own.

The study was focused on the northeastern and west/southwestern outer parts of the
SMC, including populations at projected distances larger than 2.2 kpe from the centre

of the SMC. These regions have scarcely been studied in detail in the past.

The observational material consisted of good quality B and R photographic plates taken
with the U.K. Schmidt Telescope in Australia, digitised by the COSMOS automatic
microdensitometer and calibrated by a series of CCD photometric sequences obtained
at the European Southern Observatory (with the 1.5m Danish Telescope) and at the

Anglo-Australian Observatory (with the 4m Telescope).

Colour-magnitude diagrams were constructed over the whole of the area measured. The
analysis of the properties of these diagrams resulted in (a) establishing the population
synthesis in the outer parts of the SMC as a function of position with respect to the
centre, and (b) probing the geometrical structure (in three dimensions) of these outlying
regions of the SMC, which led to the discovery of a significant line-of-sight depth in the

NE outer parts.

A study of the carbon star population in the SMC outer regions was also conducted,
using UKST prism plates. The carbon stars were used as probes of the intermediate-age

populations in the outer parts of the SMC.
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CHAPTER I: INTRODUCTION AND AIMS OF THE THESIS

At the beginning of the twentieth century, astronomical interest in the Magellanic
Clouds was stimulated by the discovery of a large number of cepheid variables in the
Small Magellanic Cloud (SMC) by Mrs. Leavitt (1908). Harlow Shapley was one of the
principal cosmographers of the Magellanic Clouds in the first part of the century and

lay the foundations of the research in the Clouds in subsequent years.

‘The Magellanic Clouds, because of their proximity, offer exceptional opportunities

for detailed studies of nebulae as stellar systems.” (E. Hubble 1936).
‘The Magellanic Clouds are a Gateway to the Sidereal Universe’ (H. Shapley 1956).

‘The Magellanic Clouds are like a well-stocked laboratory for the study of star birth
and evolution.” (B.J. Bok 1966)

The study of the SMC is of particular interest to the present day astronomer, as
it was eighty years ago, mainly because of two important characteristics, besides its

proximity:

(i) It is the archetype of Magellanic irregular galazies (IBm). As described by Hubble
(1926) such galaxies ‘lack both dominating nuclei and rotational symmetry’. According
to de Vaucouleurs (1959), irregular galaxies are ‘normal disk-like systems’, a statement
which still holds today (e.g. Gallagher & Hunter 1984; Hunter & Gallagher 1986).
Irregular galaxies are thus defined by their lack of organised optical structure (de Vau-
couleurs & Freeman 1972) and they are apparently less evolved (high gas-to-total mass
fraction and moderately low metallicities) than most spiral galaxies. Therefore, they
provide a different sort of system in which to study the processes of galaxy evolution.
Although the organisation of star formation (SF) in irregular galaxies is still an open
question, it has become clear that local processes play an extremely important role in

their evolution.

(ii) It is a member of a dynamically interacting system of galazies. The SMC is the
less massive —and hence presumably the most severely affected— member of the triple

interacting system consisting of our Galaxy and the two Magellanic Clouds. Kerr (1965;



1971) was one of the first to point out the significance of this interaction. He suggested
that ‘the Large Magellanic Cloud (LMC) and the SMC should be regarded as forming
one system’ and that they ‘may be separating’ from each other at the present time. He
also considered the probable distortion of the thin central gaseous equatorial disk of
our Galaxy by the Magellanic Cloud tidal effects. However, as Bok emphasized in his
1966 review, the tidal effects of the Galaxy upon the Magellanic Clouds should also be

considered. This aspect has been the subject of ardent debate during the past decade.

In principle, the study of the stellar content and geometry of the SMC can provide
us with clues about the effect of the tidal interaction with the LMC and the Galaxy on
the gas and star dynamics, and the subsequent effect on the evolutionary history of the

SMC.

The structure of the SMC

It has been suggested that the complex kinematical behaviour of neutral hydrogen (HI)
and associated young objects in the SMC is caused by the tidal field of the Large
Magellanic Cloud (LMC) (e.g. Songaila et al. 1986). In a series of recent papers
Mathewson and his collaborators (1984; 1986; 1988) have claimed that the SMC is in
the process of ‘irreversible disintegration’ (see also Chapter IX), due to a recent close
encounter with the LMC. The Magellanic Stream, a narrow band of HI gas extending
along a great circle from the Magellanic Clouds past the South Galactic Pole approaching
the Galaxy (Wannier & Wrixon 1972), is thought to consist of material drawn from the
SMC by the LMC and then extended by the tidal effect of the Galaxy (Fujimoto & Murai
1984; Murai & Fujimoto 1986). The relative positions of the Galaxy, the Magellanic
Clouds and the Magellanic Stream are shown in Fig.1, along with the Magellanic Clouds

orbits favoured by the Murai and Fujimoto models.

A problem thought to be related to the complex geometry of the SMC resulting
from these interactions, is the great controversy regarding the distance modulus of the
SMC, the latter being of particular importance for the calibration of the distance scale.

This question will be addressed in Chapters IV and IX.

The complicated structure of the SMC was interpreted by de Vaucouleurs & Freeman

(1972) as showing spiral features, emerging from one end of the asymmetrical Bar
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Figure 1: The relative positions in the sky of the Galaxy, the Magellanic Clouds and
the Magellanic Stream. The orbits suggested by Fujimoto and Murai (1984) are super-

imposed.



(Fig.2a). Briick (1982) proposed a similar though simpler classification of the SMC
main features, based on their stellar content (Fig.2b). Several years ago Johnson (1961)
interpreted the optical and radio observations of the SMC as showing an elliptical com-
ponent, like a Fornax-type dwarf galaxy, a view adopted again by Briick (1980) for the

old population.

The population synthesis of the SMC

‘The Magellanic Clouds must be regarded as mixtures of stellar population types’
(Thackeray 1958). Nowadays, it is known that the SMC includes objects covering a
wide range of ages from more than 10 billion years ago to the present time. It is not
however clear that the stellar content of the SMC can be broken up into well-defined
‘groups’ or distinct populations. In our Galaxy (and in spirals in general) the division
between different types of population (Pop.I and II) coincides with a kinematical and
spatial distinction (disk and halo, respectively). In the SMC no such well-defined divi-
sions have been established: it is not obvious that there is a kinematic equivalent of the
galactic halo, or that objects of demonstrably different ages display strong differences
in spatial distribution. In other words stars of different ages seem to be well-mixed
spatially and kinematically (Aaronson 1986), with the exception of the clumpy distri-
bution of the youngest stars (which is expected, given the sporadic nature of the star
formation processes in such a low mass galaxy). The division that is adopted in the
following review of the SMC stellar content is only for convenience and no presumptions

are made at this stage regarding the continuity or rate of evolution in the SMC.

(1) The older stars are represented by the RR-Lyrae variables (Graham 1975; 1984) and
two old populous star clusters, Lindsay 1 (7 ~ 10'° yr) and NGC121 (7 ~ 12 x 10° yr).
As was extensively discussed by Stryker and her collaborators (1985) and Olszewski
et al. (1987), the RR-Lyrae variables can be as young as 10-12 Gyr and their mere
existence in the SMC does not necessarily indicate ages of the order of those of galactic
globular clusters (14-16 Gyr). On the basis of the number density of RR-Lyraes in the
SMC general field, Frogel (1984) estimated that the old metal-poor population accounts
for approximately 6% of the total mass of the SMC (which is comparable to the ratio
of spheroidal to disk mass in our Galaxy within the solar circle). However, it is only

during the past three years that a handful of deep colour-magnitude diagrams of field
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Figure 2: the structure of the SMC according to (a) de Vaucouleurs & Freeman (1972)
and (b) Briick (1982). The position of the major axis is taken from the former study. OC
marks the position of the optical centre of the SMC and DC the dynamical (rotational)

centre.



stars in the SMC have become available, thus permitting a more detailed study of the
SMC older populations. These CMDs reach faint enough magnitudes for the main
sequence turnoff region of a 10-12 Gyr old population to be detected and suggest that
there is a significant contribution to the stellar content of the SMC from stars in this
age-range, although a deep luminosity function study is required to put this conclusion
on a quantitative basis. Interestingly, no trace of a blue horizontal branch has been
found in the SMC and the horizontal branch has the ‘short, red’ morphology, thought
to characterise an old disk population rather than a halo population, in the sense that
these terms are used in our Galaxy.

The distribution of the old population in the SMC does not seem to display any strong
central concentration (Graham 1975; 1984) and appears to belong to a flattened rather
than a spheroidal system, according to the study of Frogel (1984). Briick (1980,1982), on
the other hand, has indicated that the older stars have a more extended distribution than
the younger ones —reviewed in the next two paragraphs— and that a purely exponential
disk could not account for the observed star-count profiles. As she pointed out the older

stars in the SMC do not necessarily form a ‘corona-like’ three-dimensional structure.

(i) The intermediate age population (between 2 and 8 Gyr). It was believed —till a few
years ago— that the dominating field population of red giants in the SMC was formed
during this period (Butcher 1977; Briick 1982), along with the majority of globular-
like clusters (e.g. Westerlund & Danziger 1985), as well as the numerous carbon stars
(Blanco & McCarthy 1983). This picture of a ‘young’ galaxy has been extensively
challenged recently, by the deep CMD referred to in the previous paragraph. Briick
(1982) described this population as an ‘old disk’, giving to the term ‘disk’ an evolutionary
rather than a geometrical sense.

(1) The young populations include blue and red supergiants and stellar associations
(< 5 % 107 yr) inhabiting the ‘Bar’, ‘Arms’ and ‘Wing’ (see Fig. 2), and an older
group (of the order of a few 10® yr or less) exemplified by cepheid variables and blue
globular clusters, found in the ‘outer Arm’, ‘outer Wing’ and ‘Bridge’ (Fig.2b; Briick
1982; Stryker 1984).

The discovery of protostars in the SMC (e.g. Gatley, Hyland & Jones 1982) shows that

there is a current mode of star formation in the SMC.



It is worth recalling here Bok’s (1965) concluding remark in his classic review of the
astronomical knowledge on the SMC gathered in the first half of the century: ‘In all
likelihood Population II stars determine the gravitational and rotational properties of
the SMC, and the spectacular Population I component represents only the frosting on

a beautiful cake’.

The evolution of the SMC

Has the star formation history of the SMC been continuous, possibly with small varia-
tions in time, or has it proceeded ‘violently’ in global bursts? This vital question —~which
is connected both with the low mass of the SMC and with its interaction with the LMC
and the Galaxy- has not yet been satisfactorily answered. One of the main qualitative
arguments in favour of the ‘global burst’ hypothesis is the apparent existence of distinc-
tive age groups in the SMC, with the formation of each group having started apparently
simultaneously all over the SMC (Westerlund & Danziger 1985). According to West-
erlund & Danziger, any evolution controlled by density waves (as in spiral galaxies) or
by stochastic SF processes (as in low mass disk galaxies), should have moved around
in a more-or-less systematic way, not have started everywhere at the same time. They
thus concluded that one or more major (global) SF bursts must have taken place during
the history of the SMC, and they attributed these tentative global SF events to the
influence of external forces namely the dynamical interaction of the SMC with the LMC
and the Galaxy.

This argument, although attractive at first sight, suffers from a serious hiatus: other
Magellanic-type irregulars, which are isolated, show evidence of similar population syn-
thesis to the SMC (see Hunter & Gallagher 1986). Consequently, the explanation must
be sought in the way in which SF is organised within low mass galaxies, rather than in
external factors. Moreover, it is not yet proved observationally that there are distinct
populations in the SMC, i.e. that there have been discrete SF events followed by periods
of reduced SF activity. In addition, Westerlund’s argument essentially depends on the
timescale with which stochastic SF propagates across the galaxy. This timescale may
well be much smaller (see e.g. Hunter & Gallagher 1986) than the age of the intermedi-
ate and old populations, which therefore would appear to have formed ‘simultaneously’
all over the SMC. Note that the youngest populations show a rather clumpy distri-

bution, as previously mentioned, indicating local bursts of SF. Some aspects of these



problems will be addressed in Chapter VIIL

Other arguments in favour of global discontinuities in the star formation rate in the

SMC have been proposed in the past:

e Untill very recently, the large number of carbon stars discovered in the SMC (Blanco,
McCarthy & Blanco 1980; Blanco & McCarthy 1983) was interpreted as the result of a
major global star formation event in the SMC a few Gyrs ago (which is roughly the age
of the carbon stars). Recent progress in the theoretical understanding of the formation
of carbon stars explains the numbers of carbon stars in the SMC without invoking an

increase in the star formation rate in the past (Mould 1986; see Chapter VII).

o The age distribution of star clusters seems to peak at intermediate ages and was
also interpreted as favouring the hypothesis of a major star formation burst a few Gyr
ago (review by Westerlund & Danziger 1985), although the observational evidence was
characterised as weak by van den Bergh (1984). In principle the age distribution of star
clusters is an excellent guide to the star formation history of a system. In practice,
however, the interpretation of such a distribution is complicated by a number of largely
unknown factors: i.e. the rate and conditions of formation and the processes and rate
of destruction of clusters in the SMC (and in Magellanic Irregulars in general; see
Bhatia & Hatzidimitriou (1988) and Hatzidimitriou & Bhatia (1988) for an aspect of
the complexity of the problem) as well as the luminosity function of clusters. Therefore,
it can be misleading to apply conclusions from the age distribution of star clusters to

the populations of the general field.

e The age-metallicity relation in the SMC, which will be discussed extensively in Chap-
ter VIII, possibly indicates an enhancement of the SF rate a few Gyr ago. However, it

will be seen that this interpretation of the phenomenon is by no means unique.

e From a study of global properties of the SMC, Rocca-Volmerange and her collabo-
rators (1981; also Lequeux 1984) concluded that star formation in the SMC has been
continuous, probably with a slightly decreasing rate in the past. This does not exclude
local bursts, or small amplitude and small duration variations of the SFR. It must be
emphasised that they based their conclusion on the assumption that the simple ‘close-

box’ evolution is applicable for the SMC, which is not confirmed by the observations



(see Chapter VIII).

Dopita (1985) inferred —from the present day heavy element abundance and abundance
ratios in the SMC~ that a continuous SF rather than a violent early star burst, followed
by a period of less violent and continuous SF, characterises the Magellanic Clouds.
Dennefeld & Tammann (1980), as well as Kennicutt & Hodge (1986) concluded that the
current SF rate in the SMC is higher than the average past rate, but this effect can be
attributed to localised bursts of star formation activity. From the above short review
it is obvious that a great deal of work needs to be done regarding the evolution of the

SMC.

The aims and content of the present study

The great majority of detailed studies related to the analysis of the stellar content and
geometry of the SMC have been limited to the ‘main body’ of the SMC including areas
where relatively recent star formation has taken place. As was previously mentioned the
star clusters of the SMC have been used as a tool for investigating the evolution of the
SMC. Due to the uncertainties inherent in this method (see previous paragraph), we turn
to the study of the stellar content of the general field in the SMC, which is technically
a more difficult task, since the interpretation of the properties of a not a prior: known
mixture of generations of stars is far from trivial. It is not therefore surprising that very
few detailed studies of the stellar content in the SMC general field exist to date. In a
series of relatively recent publications (Briick & Marsoglu 1978; Hawkins & Briick 1982;
Hawkins & Briick 1984; Briick et al. 1985) the stellar content of the SMC outer regions
(‘halo’) was investigated on the basis of colour-magnitude diagrams, and with a limiting
visual magnitude of 21. More recently, a number of studies of SMC clusters lying in
the SMC periphery were conducted by various authors using deep CCD imaging. In
most cases nearby SMC fields were also observed (see Chapter VIII for details). All the
existing CMDs cover on the whole less than one square degree of the SMC periphery
and are mostly within 2-2.5 kpc from the SMC centre, while the SMC ‘halo’ as defined
by Briick (1982) extends over as many as 90 square degrees on the sky and to distances

~ 5-6 kpc from the SMC centre.

In the present study, a total area of 48.5 square degrees was scanned in B and R

using good quality UK-Schmidt telescope photographic plates, measured with the COS-



MOS automatic microdensitometer and calibrated using CCD photometric sequences
obtained during two observing runs.

The ESO/SERC survey Fields 28 (centred on 0P00™, —75°00’ (1950)) and 52 (centred
on 1744™ —70°00" (1950)) were selected for the study. The selection of these fields
was determined by two factors: Firstly, they are symmetrically situated along the main
body major axis of the SMC (de Vaucouleurs & Freeman, 1972) towards the SW and
NE respectively (Fig.2). Secondly, they are suitable for application of automated meth-
ods of plate measurement, owing to the lack of extended overdense regions and of large
numbers of star clusters in them. Moreover, Field 52 does not include the ‘Wing’ which
complicates additionally the picture in the southeastern areas.

Colour-magnitude diagrams were constructed over the whole of the scanned area reach-
ing the tidal limit of the SMC, with a limiting magnitude of B = 21™.5. The analysis

of these CMD has the purpose of:

e improving by a factor of 50 the areal coverage of the SMC’s outer regions achieved by

the previous CMD studies;

e studying the contribution of different generations of stars to the stellar content of the
SMC periphery and the positional change of their mixture, thus improving our insight

into the evolutionary processes in the SMC in these largely unresearched areas;

e examining the spatial distribution of the SMC stars in the outer regions, with the
two-fold aim of: (i) determining the depth and inclination of the SMC
(ii) investigating the probable influence of the LMC on the shape of these outer regions

of the SMC.

In Chapter II, the CCD observations obtained are presented.

In Chapter III, the photographic photometry over the 48.5 square degrees of the sky is
described and the accuracy of the resulting data-set evaluated.

In Chapter IV, the CMDs are presented and the basic distance modulus and reddening
scales —necessary for their interpretation— discussed.

In Chapter V, the metal abundance range in the outer regions of the SMC is derived, on
the basis of these CMDs, and the metallicity gradient in the SMC periphery examined.

In Chapter VI, the age range of the populations present in the SMC field is examined

10



quantitatively and their relative contribution as a function of distance from the SMC
central part analysed.

In Chapter VII, the carbon star population in these outer regions of the SMC is exam-
ined.

In Chapter VIII, the conclusions from the study of the stellar content of the SMC
peripheral regions are summarised and their implications for the history of the SMC
evolution discussed.

In Chapter IX, the three-dimensional distribution of the SMC stars in the outer regions
studied is presented and the possible effect on it of the dynamical interaction with the
LMC discussed.

Finally, in Chapter X, the conclusions of the study are summarised and some directions

for future work outlined.

11



CHAPTER II: THE CCD PHOTOMETRY

1 The observations

The CCD observations were obtained during the nights of the 26, 27/10 and 1/11/1986
using the ESO-CCD camera mounted on the 1.5m Danish telescope at La Silla, Chile.
This camera employs an RCA CID53612 chip which is a thinned, buried channel, back-
side-illuminated device (Pedersen 1985). Its active area consists of 320 by 512 pixels,
with a pixel size of 30 microns, which corresponds to 0.47 arcsec on the sky, at the
Cassegrain focus of the telescope. The characteristics of the CCD used are summarised
in Table 1 (information from the ESO Technical Report on the La Silla CCD detectors,
June 1986). All CCD frames were observed in the B and R wavebands and some in V

as well, using Johnson B, V and Gunn R filters.

In order to ensure a satisfactory coverage of magnitudes and to be able to detect
sensitivity variations on the UKST photographic plates (see Chapter III), a number
of CCD frames were obtained at several positions on each of the ESO/SERC survey
Fields 28 and 52; 7 on the former and 6 on the latter. In each case three of them were
short exposures of regions with brighter stars, while the rest were longer exposures of
regions with acceptably good distributions of fainter stars (down to a B magnitude of
21.5). The distribution of the positions of the CCD frames on the photographic plates

is indicated in Fig.1. Table 2 contains a compilation of the observational details.

For the definition of the zero point of the CCD frames, a series of short exposures
of BVR photoelectric standard stars in E-regions 1 and 2 (Graham 1982) and in the
LMC/SMC general field (Menzies et al. 1980) were obtained (Table 3). Some of the
standards were observed several times each night, as a monitor of the stability of the
photometric conditions during the observing run. Calibration exposures were also taken
each night, comprising bias frames and flat fields (see section 2) All three nights were

photometric with seeing between 1 and 1.5 arcsec.

An additional region was observed in Field 52 with the 4m Anglo-Australian

12



Type: RCA SID 53612
Serial Number: J 587BT-21B

Format: 512 x 320 pixels

Image size: 15.6 X 9.8 mm

Conversion factor: 17 electrons/ADU at gain 50
Noise level: 70 electrons at gain 50 (slow readout)
Linearity: saturation limited by AD converter at
gain 50 (290,000 electrons).

Full well capacity: 400,000 electrons.

Blemishes: three hot areas, one hot column.
The output amplifier produces light affecting the
lower left corner of the CCD.

Dark current: 120 electrons/pixel /hour at 150K.

Cosmic Rays: Low sensitivity to cosmic rays.

Charge transfer: 150-200 ADU of preflash needed.

Relative quantum efficiency: 65% at 7000 A.

Table 1: The characteristics of the CCD chip used for the observations with the

1.5m Telescope.
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Name RA DEC Filter | T X
(1950) (1950) (sec)
F52R4 | 01 22 50 | =71 32 09 B 300 | 1.574
R 120 | 1.615
F52R1 | 01 25 23 | =71 03 12 B 1200 | 1.588
R 900 | 1.538
F52R5 | 01 25 39 | =71 08 20 B 120 | 1.655
R 60 | 1.667
F52R2 | 01 46 02 | =70 20 49 B 120 | 1.322
R 60 | 1.322
F52R6 | 01 46 38 | =70 15 16 B 1800 | 1.342
R 900 | 1.329
F52R3 | 01 57 14 | —68 22 30 B 900 | 1.321
R 900 | 1.344
F52R7 | 01 57 36 | —68 20 47 B 120 | 1.374
R 60 | 1.367
F28R1 | 00 20 18 | =75 22 16 B 1200 | 1.441
R 900 | 1.449
F28R5 | 00 21 50 | =75 21 52 B 300 | 1.483
R 60 | 1.475

Table 2: The CCD observations.

Column 1: The first three characters of the identification of each frame is the number
of the ESO/SERC survey field in which it is located. The last number corresponds to
the numbering in Fig.1.

Column 5 gives the integration time in seconds for each frame.

Column 6 gives the airmass through which the frames were observed.
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Name RA DEC Filter | T X
(1950) (1950) (sec)
F28R2 | 00 30 03 | -72 48 21 B 120 | 1.631
R 60 | 1.644
F28R6 | 00 30 34 | =72 51 10 B 1200 | 1.555
R 900 | 1.515
F28R3 | 23 41 00 | =75 55 00 B 900 | 1.507
R 900 | 1.526
F28R4 | 23 44 29 | -72 49 31 B 120 | 1.600
R 60 | 1.609
F28R7 | 23 45 01| -72 46 08 B 1800 | 1.517
R 600 | 1.561

Table 2: continued.
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Figure 1: The location of the CCD frames with respect to the central part of the SMC.
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Telescope during CCD service imaging on the night of the 31/1/1987, using a newly
commissioned lower readout noise RCA chip (AAO RCA *5, type SID501ES) at prime
focus (Robertson & Stathakis 1987; Robertson 1987). The CCD format was again 320
columns by 512 rows and the pixel size 0.5 arcsec. The KPNO B, V and R interference
filters were used for the observations. Dome flat fields were obtained through each filter
and the 8 standard stars used for the determination of the zero point were taken from

Landolt (1983). The night was photometric and the seeing around 1.5 arcsec.

2 Reductions of the 1.5m Danish Telescope observations

The CCD frames were reduced through standard procedures, using the ASPIC package
in the STARLINK software collection.

Bias: First of all the readout electronic ‘bias level’ was subtracted from all frames. The
bias level is the offset value added to the signal from the CCD before it is converted to
digital values. This permits keeping the zero light level at a positive value and avoiding
feeding the A/D converter with negative values. The bias level was determined by
taking the so-called bias frames at zero length exposure time and with the shutter
closed. There was no appreciable variation of the bias level across the chip, therefore
subtraction of a constant mean value, around 200 analogue digital units (ADU), was

considered adequate and was extracted from the overscanned columns in each frame.

Flat fields: The sensitivity of the CCD chip is not uniform. The differences from pixel-
to-pixel most commonly arise from imperfections introduced during the manufacturing
process such as variations in pixel size across the array (Mackay 1986) as well as quantum
efficiency changes, i.e. changes in the ratio of output e~ to input photons. These non-
uniformities are strongly dependent on the wavelength of the incoming photons; the
longer A ones penetrate more deeply into the silicon substrate and are thence more
seriously affected by the non-uniformities. Apart from these effects intrinsic to the
CCD, vignetting and distortions within the telescope introduce a curvature to the global
sensitivity of the chip. In order to correct for all these sensitivity variations each ‘science’
exposure is divided by a similar exposure, taken through the seme imaging optics as

the object frame. This is the so-called flat field, and it is taken on a uniformly emitting
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No | Star | RA(1980) | DEC(1980) | V |B-V | V-R |Ref. | n
1 6193 | 1 00.5 —-71 39 9.780 | 0.344 = 1 !
2| 6222 |1 00.9 =71 39 7.751 | 1.120 | 0.581 1 6
3| 6997 |1 07.5 —-73 07 9.098 | 0.915 | 0.478 il 19
4| 7187 |1 09.4 —73 03 7.146 | 0.078 | 0.038 1 3
5| 801 |1 224 —44 47 9.855 | 0.736 | 0.402 2 3
6 | E218 | 4 03.1 —44 31 9.502 | 0.587 | 0.328 2 3
725842 | 4 03.2 —44 32 8.478 | 0.727 | 0.409 2 3
8 | 25966 | 4 04.2 —44 43 8.032 | 1.608 | 0.923 2 4
9| 32533 | 4 58.9 —66 14 9.806 | 0.533 | 0.305 1 9

10 | 35183 | 5 17.5 —68 29 9.153 | 0.141 | 0.075 1 9

Table 3: The standard stars used to calibrate the the CCD observations with the 1.5m
Danish Telescope.

Column 2: The HD numbers of the standards (for star no.6, the E-region number is
given instead).

Column 8: Reference 1: Menzies et al. 1980. Errors of the order of 0.005 mag. Reference
2: Graham (1982). Errors of the order of 0.001 mag.

Column 9: Number of observations of each star.
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source, for example on the twilight sky, or on a uniformly illuminated section of the
inside of the dome, or on a ‘blank’ patch of the sky. In the present observations the
flat fields were obtained by exposing through the various filters on the twilight sky.
The ‘dome flats’ are very easily controllable but often cause an overcorrection to the
science frames, due to the large difference of the effective temperature between the
night sky and the light inside the dome whether this is scattered sunlight or comes
from the tungsten lamps in the dome. The ‘blank’ flats are better, but require very
long exposures to give statistically meaningful results, therefore they are very costly
in terms of observing time. The obtained flat fields were well reproducible from night
to night and displayed sensitivity variations of a few percent, reaching values as high
as 10% for the R filter, as one would expect according to the previous discussion. In
each band the available flat fields were bias subtracted, normalised to unity and then
coadded to produce the final ‘master’ B, V and R flats. Subsequently all programme
frames were divided by the appropriate flat fields; no considerable residual structure
was shown on the resulting corrected science frames. The importance of correct flat-
fielding is demonstrated in a succinct discussion by Shaw (1988): Briefly, by effectively
removing the pixel non-uniformities, the photon-count errors —which define the absolute
lower limit of the accuracy achievable by a CCD- become dominant for a much larger

range of signal values than in the raw frames.

The thinning of the CCD chip usually creates variations of the thickness of the
silicon substrate, which in turn can cause the formation of interference fringes on the
frames, for wavelengths of the order of the Si layer thickness (if the wavelength band is
contaminated by strong night emission, which is often the case in the red). However,
no inteference-fringe structure was apparent on any of the frames, not even on the

long-exposure (900s) R frames.

The dark current of the CCD is due to thermally created photons within the Si sub-
strate, registered as signals. It was very low across the whole chip (~ 0.002 ADU /sec/pixel)
and was not taken into account, since the stellar photometry routines applied a local
sky background.

There was excess emission leaking into the bottom of each frame, most noticeable on

long exposures. This region, as well as the various cosmetic defects of the chip such as
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hot spots and cold columns, was avoided in the reductions.

The cosmic ray events are generally distinguishable from stellar images by their
sharper profiles, their images extending over 1-2 pixels only. Their removal was not
crucial for the reductions, since —even if some were wrongly identified as stars— the
probability of their occurence on the same position in both the B and R exposures, and
therefore of their being included in the final catalogue, is minimal. On the other hand,
cosmic-ray images were avoided when evaluating the background in the photometry

routines.

The calibration of the CCD exposures was accomplished by direct transfers from the
standard stars observed (Table 3). The colour equations were taken from the standard
ESO-CCD figures:

B =0+40.014(B—-V)and R =r+0.047(V — R) 4+ 0.029(B — V'), where b, r are the in-
strumental magnitudes. These equations are very stable and more accurate than can be
measured without a dedicated colour equation run. However, exposures of programme
frames were generally taken only through the B and R filters, while the application of
the given colour equations required both V' — R and B — R colours. To overcome this
problem, a relation between B — R and V' — R established from all BVR photoelectric

standards in the Graham E-regions was used:

V — R = (0.358 £ 0.004).(B — R), for (B — R) < 1.5 and
V — R = (0.350 £ 0.002).(B — R), for (B — R) > 1.5.

The relation was very tight and did not introduce any significant errors to our
photometry. It is worth noting that identical transformations can be obtained using
model atmospheres (e.g. VandenBergh & Bell 1985; Bell & Gustaffson 1978; see also

Chapter V). The colour equations now become:

B =b+0.009(B — R) (1)

R =r+0.035(B — R) (2)

The observations of the standard stars did not cover a large enough range in zenith
distance to allow an independent determination of the extinction coefficients. Therefore

the La Silla mean extinction corrections, Cp and Cp for the standard (Johnson) B and
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R passbands respectively were applied to bring all the stars to the same airmass:

Cp = 0.215— 0.022(B — R), and

Cr = 0.091.

To reduce the errors introduced by this approximation, all programme frames were
observed near the average airmass of the standard stars, therefore any extinction differ-

ences are mostly incorporated in the zero point.
The standard stars

As mentioned before, the standard stars were observed with very short exposure
times (1 to 3 sec) in order to avoid saturation, which occurs at 16383 ADU, although
linearity is already affected above a level of 9000 counts per pixel. The time accuracy of
the shutter of the camera for 1 sec exposures was very satisfactory and did not introduce
any significant errors (i.e larger than ~ 0.003™) in the resulting magnitudes; this was
verified by observing one of the fainter standards with 1, 3, and 5 sec exposures. The
charge transfer efficiency of the CCD is less than 100%; there is a threshold charge
level below which any input charge to a particular pixel either fails to be detected, or is
registered in a completely non-linear fashion. So the exposure time must be long enough
for the sky-background level to contribute sufficiently to the recorded flux, to overcome
the charge transfer threshold (Jgrgensen & Hansen 1983; Walker 1984; Pedersen 1985).
As a result, the quality of exposures with low background levels —as is the case with
the observations of standard stars— suffers from distortion of the stellar image contours
(to the right and upward). For this reason, preflashing is essential for short-exposures,
in order to raise the sky background level above the charge transfer threshold. For
technical reasons preflashing could not be successfully applied during the observing rumn.
Long enough exposures of the bright standards could only be obtained with significant
defocusing of the telescope, a procedure which has proved unsatisfactory in the past,
because of serious subsequent problems with the aperture used for the photometry.
However, it has been found (e.g. Pedersen 1988, private communication) that defocusing
is essential in order to determine the colour equations for a particular CCD, as the few

pixels covered by a focused standard star are hardly representative of the whole chip.

The observations of standard stars were reduced with a digital aperture photometry

routine APERASP. Each frame was displayed on the ARGS TV monitor and a circular
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cursor was used to define the area containing the stellar image and a nearby region
of sky. The summed intensities within these areas were then subtracted from each
other and a magnitude index (APERMAG) was calculated, normalised to the local sky
background intensity. The procedure was repeated several times to achieve a more
representative evaluation of the sky contribution. In all cases the aperture was centred
so as not to include any other images, or defective pixels. The count-statistics error of
the resulting magnitude varies from 0.1 to 1.0 %, depending on the size of the aperture
applied and of course the magnitude of the star. Growth curves of this instrumental
magnitude APERMAG, versus the aperture size (see Fig.2 for an example) showed
that an aperture of 40 pixels in diameter (corresponding to 18.8 arcsec) centred on the
stellar image included essentially all of the recorded flux and still produced a stable
enough magnitude. However, an aperture of this size would not be practicable for the
programme stars, because of their proximity to each other and the essentially lower
signal-to-noise ratio. An aperture size of 10 pixels in diameter appeared to be more
suitable for the programme frames. The possibility of applying a 10-pixel aperture
to the standard stars is now investigated. The images of these stars, as previously
mentioned, suffer from charge transfer threshold effect. In order to quantify this effect
on the resulting magnitudes, the difference of the instrumental magnitudes derived with
aperture sizes 40 and 10 pixels in diameter, was examined for all standard stars and all
long-exposure programme stars for which an aperture of size 40 was applicable. The
40-10gperture corrections in both categories of stellar images are identical, within the

errors. Actually, for the 14 short-exposure standard stars,

B4(] — BIO =: 0131, :I: 0008, (3)

Rso— Rip = 0.1204 0.005, (4)
while for the 5 long-exposure programme stellar images,

By — By = 0.1540.03, (5)
R4|} e R]g = 011 :{: 0.01. (6)
Fig.3 shows the resulting correlations between the corrections and the magnitudes for
the standard stars. The above analysis demonstrates that even the magnitudes of the

faintest of the observed standard stars were hardly affected by the charge transfer inef-

ficiency. Having thus established the correctness of the aperture-10 instrumental

22



11

s 2
—_— -
—

11.15
1
—_—
1

APERM\G,
11.1
T
-
L

11.05

- n " 1 n n L L 1 n " i i 1 i i " i 1 i L i i i

10 20 30 40 50 60

APER5175

Figure 2: Example of the growth curve for the magnitude (APERMAG) of a standard

star. The size of the (circular) aperture is given in pixels.
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magnitudes of the standards, the appropriate colour equations and extinction coefficients
were applied in order to zero-point the instrumental photometry by comparison with
the photoelectric magnitudes of the same stars. The resulting zero points (terms ZB;
and ZR, in eq (7), (&) below) were determined with an accuracy £0.03 in B and +0.02
(standard errors) in R. No systematic deviations were noticed for any particular night,
which confirms that there was little variation in extinction during each night and from
night to night. Fig.4a gives the relation of B’ = B — 0.009(B — R) — 0.215x versus Byo
and Fig.4b that of R’ = R — 0.035(B — R) — 0.091y versus Ryp.

The programme stars

The stars on the programme frames were reduced using a two dimensional Gaussian
profile fitting routine (GAUMAG in the ASPIC package), rather than aperture photom-
etry, which was also applied —as will be discussed later on— to zeropoint the Gauss-fit
photometry. Because of the possibility of structural changes of the images across the
CCD frame a Gaussian profile with 6 free parameters was chosen, the parameters being
the height, base, centre x,y and radii (i.e. the dispersion) R,,R, . Briefly, the GAU-
MAG routine takes a small area of adjustable size around each star (the predefined
coordinates are used as initial values for fitting the centre of the Gaussian) and fits a
two-dimensional Gaussian function (with background) to estimate its magnitude. The
star profile is in the form,

F= Ioe“p + base,

where d = [(z/R;)? + (y/R,)?]"/2, and I, the height of the Gaussian. The output mag-
nitude is given as GAUM AG = 30 — 2.5log(wI,R;R,). The size of the half-width of
the fitted Gaussian was used as a discriminant between stars and galaxies (Stobie et
al. 1985) or contaminated images. Stars lying very close to the edge of a frame and
high rms fits were also excluded. The internal accuracy of the derived instrumental

magnitudes decreases with magnitude, but remains smaller than 0.01™,

The reason for choosing a fitting routine for the programme stars instead of the
aperture photometry used for the reduction of the standard stars is the much better
accuracy achievable with a fitting routine for the lower signal-to-noise images. Fig 5
shows the consistency between the two routines (APERMAG and GAUMAG) for the
stellar images in the CCD frame F52R1.
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The Gaussian fitted magnitudes were calibrated (Z By, ZR; terms in eq.(7), (g)) by
the aperture-10 photometry of the brighter stars in each frame. The terms Z By and ZR,
are variable from frame to frame. This effect can be of the order of several hundredths
of a magnitude and is mainly caused by the non-matching of the Gaussian profile to the
true stellar image profile (Walker 1984) in conjunction with seeing variations. For this
reason ZB; and ZR, were individually determined for each frame, with an accuracy
better than 0.01 mag in most cases (see Table 4). The internal uncertainties in the
above transfers amount to less than one hundredth of a magnitude, thus slightly raising

the overall standard error.

The final calibration equations applied to the programme stars were the following :

B = Bgay + 0.009(B — R) + 0.215y + 2.5logT + ZB, + Z B (7)

R = Rgyay +0.035(B — R) + 0.091x + 2.5logT + ZRy + ZR, (8)
where ZB; = 20.85+0.03, ZRy = 20.69£0.02, B and R are the standardised calibrated
magnitudes, Bg,, and Rgq, are the Gaussian-fitted magnitudes, x is the airmass at
which the programme star was observed and T the exposure time in sec. Taking all
sources of random error into account, the overall accuracy of the calibration of the CCD
photometry is £0.033 in B and 4+0.024 in R. Table 5 gives a list of the numbers and
B and R magnitudes of the measured stars in each one of the regions listed in Table 2,

while Fig.6 gives finding charts for the same stars.

3 The reduction of the AAT observations

The same procedure as described in Section 2 was applied to the reduction of the
programme frames from the AAT CCD (region F52R4 in Table 2 and Fig.6). The
calibration equations provided by J.G. Robertson (1987) and the B— R vs.V — R relation
previously mentioned were applied. Subsequently the Gaussian-fitted magnitudes were
zero-pointed. The final calibration equations were
B = —0.73 + Bgqy + 0.141(B — R), (9)
R =—1.62+ Ryau — 0.005(B — R), (10)

with an accuracy of £0.022 in B and +0.034 in R.
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Region

Z By

ZB,

F28R1
F28R2
F28R3
F28R4
F28R5
F28R6
F28R7
F52R1
F52R2
F52R3
F52R4
F52R5
F52R6
F52R7

31.330 £ 0.008
31.314 £+ 0.005
31.241 £+ 0.002
31.497 £+ 0.002
31.268 £ 0.004
31.269 £+ 0.015
31.266 £ 0.005
31.359 & 0.006
31.373 + 0.004
31.310 £+ 0.010
31.351 4 0.004
31.293 £+ 0.007
31.285 + 0.003
31.313

31.317 £ 0.002
31.301 £ 0.004
31.221 £ 0.005
31.211 + 0.008
31.352 £ 0.001
31.335 £ 0.013
31.238 £+ 0.005
31.333 & 0.004
31.250 £ 0.003
31.350 £+ 0.002
31.347 + 0.003
31.352 £ 0.008
31.271 4+ 0.001
31.346

Table 4: The APERMAG — GAUMAG correction for each CCD frame.
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no B R no B R no B R
F28R1
1 19.91 18.53 4 20.77 19.31 34 20.60 19.15
2 20.85 18.43 5 20.59 18.69 35 19.63 18.45
3 17.06  16.12 6 21.20 19.02 36 20.40 19.12
4 20.21 18.91 7 21.07 19.60 37 19.91 18.45
5 18.42 16.45 8 18.32 16.14 38  20.02  18.77
6 18.73 17.50 9 20.52 19.00 39 20.15 18.95
7 20.66 20.16 10 20.12 18.87 40 19.06 17.40
8 20.31 19.12 11 20.79 19.48 41 20.32 19.01
9 21.11  20.37 12 20.64 19.20 42 2044 19.22
10 2045 19.21 13 18.89 18.37 43 20.56 19.14
11 20.66  19.64 14 2046 19.00 44  20.83 19.99
12 20.02 18.73 15 20.27 18.88 45  20.85  20.72
13 20.73  20.75 16 20.04 18.80
14 19.84 18.34 17 20.29 19.44 F28R3
15 21.30 20.21 18 20.09 19.28 1 20.71 19.35
16  20.28  19.00 19 20.19 19.04 2 2043 18.10
17 21.48 21.08 20 18.69 16.98 3 18.13 17.70
18 21.32 20.73 21 20.42 18.95 4 21.26 20.22
19 1848  17.17 22 20.61 19.05 5 2044 19.65
20  20.10  19.00 23 20.45 19.13 6 17.01 15.99
21 18.83 17.76 24 20.43 18.87 7 15.34 14.50
22 20.42 19.06 25 18.82 16.77 8 22.99 19.61
23 2213 19.54 26 20.32 19.04 9 2193 20.52
24 2145 21.09 27 18.56 18.86

Table 5: The CCD photometric sequences. The stars are identified in Fig.6.
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no B R no B R no B R
25 21.86 21.41 28 20.28 18.89 F28R4
26 22.08 20.06 29 19.62 18.00 1 17.20 16.49
30 19.97 18.78 2 17.04  16.50
F28R.2 31 19.37 17.63 3 20.05 19.30
1 20.07 19.13 32 18.89 17.11 4 19.68 19.64
2  21.25 20.62 33 20.09 18.99 5 19.93 19.21
6 2014 19.29 6 21.43 20.52 F52R2
7 18.95 17.65 7 21.37 20.22 1 19.03 17.60
8 19.51  18.67 8 22.01 2132 2 19.10  17.07
9 19.03  18.33 9 19.66 18.62 3 19.26  18.28
10 19.71  18.34 10 20.31 19.03 4 18.72 17.13
11 21.93 20.63 11 21.00 20.11 5 19.91 18.61
12 21.13 20.51 6 20.49 19.30
F28R5 13 21.25 20.04 7 17.54 16.46
1 18.85 17.70 14 17.27 15.97 8 19.72  18.60
2 17.54 16.10 15 21.68 20.82 9 21.15 20.05
3 1485 13.25 16 21.41 20.28 10 21.03  20.97
4 17.98 16.77 17 21.60 20.19 11 21.60 19.12
5 19.48 17.88 18 22,19 19.27 12 20.78 10.76
19 18.40 16.84 13 21.74 21.10
F28R6 20 20.74 20.43 14 20.11 18.88
1 16.03  14.66 21 20.96 20.51 15 19.85 18.50
2 16.30 15.13 22 21.04 20.99 16 21.52  20.98
3 15.88 14.76 23 19.98 18.74 17 21.90 19.43
4 13.09 15.56 24 16.24 15.20
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mno B R no B R no B R
25 21.61 21.28 F52R3
F28RT7 26 21.81 21.03 1 21.30 2047
1 15.81 14.50 27 2145 21.20 2 21.31 19.02
2 15.10 13.92 28 20.64 20.35 3 21.24 20.31
3 17.05  16.07 29 21.78 21.22 4 18.55 18.00
4 15.99 14.55 30 19.89 18.38 5 20.62 19.84
31 20.47 19.59 6 21.55 19.43
F52R1 32 20.26 19.04 7 19.89 18.23
1 19.57 17.94 33 20.92 1847 8 21.92 19.88
2 21.01 19.66 34 20.35 18.94 9 16.55 15.79
3 19.71 18.50 35 22.11 20.87 10 21.98 21.17
4 21.00 20.82 37 20.86 19.45
5 17.43 16.60
F52R4 23 20.19 18.67 46  20.92  20.58
1 20.57 19.17 24 21.93 20.77 47 14.41 12.96
2 2190 21.68 25 20.80 20.58 48 15.49 14.42
3 19.95 18.67 26 21.72 21.38
4 21.78 21.68 27 2149 21.38 F52R5
5 21.40 21.18 28 22.10 20.78 1 13.88 12.96
6 21.92 21.58 29 20.17 18.77 2 17.23  16.08
T 19.87 17.77 30 18.92 17.87 3 17.59  15.86
8 19.79 18.27 31 21.42 21.08 4 17.27 15.45
9 2203 21.58 32 21.92 1947 5 13.19 1924,
10  21.30 21.08 33 21.12 18.67 6 17.09 15.64

Table 5: continued.




no B R no B R no B R
11 21.47 21.48 34 21.45 20.17

12 21.22 20.88 35 21.89 21.78 F52R6

13 21.78 20.98 36 20.80 20.58 1 14.77 13.39
14 22.00 21.07 37 18.95 17.67 Z 16.28 14.40
15 21.52 21.18 38 19.45 19.58

16 21.72 21.38 39 20.30 18.67 F52RT7

17 22.05 20.77 40 21.63 21.18 1 17.56 15.93
18 20.95 19.67 41 21.32 20.98 2 14.71 14.03
19 21.60 21.38 42 21.27 21.28 3 17.80 16.87
20 19.80 18.87 43 21.67 20.98

21 18.59 17.07 44 21.93 21.48

22 22.03 21.58 45 20.77 20.78

Table 5: continued.
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CHAPTER III : THE PHOTOGRAPHIC PHOTOMETRY

1 The photographic plate material

The photographic plates used in this study were taken with the 1.2m UK Schmidt
Telescope (UKST) at Siding Spring Observatory in Australia. As mentioned in Chapter
I, there are two sets of plates, the first centred on the ESO/SERC survey Field 52 and
the second on Field 28. Each set comprised of three ‘blue’ and three ‘red’ plates; the
standard combination of IITaJ emulsion with a GG395 filter was used for the blue (J)
plates and a ITIaF /RG630 combination for the red (R) plates. The correlation of these

passbands to the standard Johnson photometric system is discussed in Section 3.

It is desirable to use as many plates as possible for each colour and Field, in order
to improve the accuracy of the photographic photometry through the pairing process
(Section 3) and to reduce any position dependent systematic errors across the face of the
plates (Section 4.3). At the time of the study, three good quality plates were available
in each colour (in Field 28 there were additional plates in J, but only three were finally
used in order to ensure comparability of the data set with that for Field 52). Table 1

summarises the characteristics of the plate material used.

The image quality on the plates was acceptably good, the grades of the plates rang-
ing from « to § (non-survey grading system) and from A to C (survey grades). One
of the red plates (R10510) showed significant haze halos in the upper NE corner. The
plate was originally included in the set of plates processed by COSMOS —in the absence
of a possible substitution. However, it was subsequently rejected —along with R7220-
because of significant systematic errors in the photometry (Section 4).

All exposures were sky-limited, the exposure time ranging from 60-80 min for the J
plates and from 90 to 115 min for the R plates, depending on the actual batch of pho-
tographic plates used.

The actual filters used for the various exposures of the same type were not identical.
Their serial numbers are also given on Table 1. However, the variations of the opti-
cal thickness between different filters (of the same type) were too small to create any

detectable differences in the photographic photometry
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Plate No | Date UT | Emulsion | Filter | Grade
Field 52

J2566* 1976.7 IITaJ GG395/1 Al2
J3671 1977.9 IITal GG395/1 | BE2
J1825 1975.8 IITal GG395/1 | AIF3
R10640* 1986.0 ITTaF RG630/4 aT
R10516 1985.8 IIIaF RG630/4 a
R10510 1985.9 ITTaF RG630/4 bH
Field 28

J3675* 1977.9 ITTaJ GG395/1 AI3
J1935 1975.9 ITaJ GG395/1 | BUX2
J9553 1984.7 ITTaJ GG395/8 al
RO587* 1984.8 IIIaF RG630/4 aH
R9600 1984.8 ITIaF RG630/4 a
R7220 1981.8 [ITaF RG630/3 | CIUG

Table 1: List of the photographic plate material used in the study. Columns 1-4 are
self-explanatory. In Column 5 the quality of the plates is described using the UKSTU
grading system. The plates used as master-plates are followed by an asterisk.

E: emulsion fault; F: fogging; I: image size > 35u; U: underexposed; UX: although

underexposed, no obvious difference from the survey plate; H: haze halos (affecting

only the brightest stars); T: trail
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(D.Morgan, private communication).

The plates were taken between October 1975 and January 1986. During this period
several changes in the operation of the telescope and the plate processing took place
(UKSTU Handbook, Appendix 4, 1983); of these only the introduction in 1982 of nitro-
gen flushing the plate holder during an exposure should affect significantly the quality
of the plates; all three J plates in Field 52, two J plates and one R plate in Field 28 were
taken earlier than 1982. The nitrogen-flushing technique improves both the large scale
and the point-to-point variations in plate uniformity (Dawe, Coyte & Metcalfe 1984).
Such variations tend to increase the effective extent of the vignetted region (see below)
and are caused by differential desensitisation of the emulsion across the photographic
plate, due to moist air trapped between the flat filter and the curved plate. The extent
of the effect on each plate depends on the exposure time and the air humidity on the

particular night when the exposure was taken.

Apart from this desensitisation effect, other plate non-uniformities include the geo-
metrical vignetting of the plates (which obviously affects the edges of a plate), differential
atmospheric extinction for observations made at high airmass (which is manifested by
a North-to-South variation), changes of image structure across a plate (caused by dif-
ferential refraction) and finally variations due to plate fogging, zodiacal light and stray
light, which are negligible in the plates of Table 1. The composite effect of all these

non-uniformities on the photographic photometry is examined in Section 4.

2 The COSMOS measurements

The COSMOS machine

The COSMOS plate scanner is a high-speed, flying-spot scanning microdensitometer
which can digitise photographs of up to a maximum size of 287 x 287mm?. In the
present case a pixel size of 16 microns was used for the digitisation, with a scanning
spot of FWHM size of 32 microns. The selected pixel size extracts 90 percent of the
image information on the photograph. The basic information stored for each pixel —along
with its coordinates— is the 16-bit transmission value, which provides a measure of the

emulsion density. This is converted to an intensity using a Baker density curve obtained
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from the 16 densitometer spots or the step wedge at the edge of each plate. COSMOS
functions in three different modes (e.g. Stobie 1986). The threshold mapping mode (TM)
was applied to the present data. In this mode, only information on pixels above a local
density level are output. The value of this intensity threshold is a compromise between
losing information on faint objects and on the other hand outputting too many noise
pixels. In the present case, the intensity cut off was chosen so as to ensure detection
of images down to the plate limit. Subsequently, the image pixels are passed serially
through a software pattern analyser (Thannish et al. 1984) which determines which
pixels are connected together to form a coherent image and calculates a number of
parameters for each image: (a) the centroid x and y coordinates (1st order moments
of the object pixel distribution) with an accuracy of ~ 3 microns; (b) a photometric
parameter defined as COSMAG = —2.5logXI where X1 is the sum of the intensities
above the sky background of the pixels within the image area (zeroth-order moments);
(c) a number of parameters connected with image classification and derived from the
higher order moments. The one of relevance here is the ellipticity of the image, i.e. the
ratio of the minor to the major axis of an ellipse uniquely defined by the normalised

and centralised second order moments.

A limitation of this technique (Stobie 1986) is that the analysis is based on the pre-
sumption that each object is isolated, i.e. it does not distinguish overlapping objects and
therefore it is only appropriate for low density regions of the sky. A new ‘deblending’
software package has been recently developed (S. Beard, H.T . MacGillivray & Q.Parker
private communication), which aims at remedying this problem. The quality of the
resulting deblended images had not been meticulously tested before the present mea-
surements were performed. The properties of the deblending process and its potential

usefulness for the present study are examined in the following subsection.

Mostly original photographic plates were scanned by COSMOS. In some cases (sur-
vey plates) glass copies had to be used. However, according to Stobie et al. (1984)
the effective degradation and information loss in the copying process are minimal: The
copying does reduce the dynamic range and therefore there is a cut off in usable images
at high density levels, but in practice, the useful density range is not set by the photo-

graphic plate but by COSMOS itself (McGillivray & Stobie 1984). Furthermore, as a

39



copy has normally a sky-background density lower than the original plate, the measur-
ing machine noise is likely to be less important in the copy measurements (Stobie et al.

1984).

Finally, it must be pointed out that the instrumental magnitude COSM AG used
in all following discussions was not corrected for the local sky value. This practice was
avoided because the field variation can be erroneously estimated in the field-correcting
routine by nearby bright objects (stars, nebulae, galaxies) and certainly in the case of

the SMC there is an intrinsic field variation due to the galaxy itself.

The deblending software:

This software was designed so as to deblend the images on the large fields of the UKST
plates, without consuming unacceptably high CPU time; it does not apply a complex
profile fit, as is customary in other routines used for example for photometry of stars
in globular clusters (e.g. DAOPHOT or ROMAPHOT routines). Briefly, the routine
re-thresholds each image at eight intensity levels, such that I, = Lippesh X C™, where
C is the areal profile parameter, n = 1,...,7 and Lipresh = (1 + 2/100).I, (@ the
percentage cut, here 10%). Whenever the peak of an initially unresolved object falls
within one of the threshold zones, it is separated from the blended image. In this way
an initially multiple image is resolved into at least some of its constituents. The areal
profile parameter governs the spacing between the successive threshold levels used for
areal profile calculation and deblending. A small value would increase the efficiency of
resolving faint merged images, but would miss close multiple images. A large value of
C on the other hand would split even close doubles, but some merged images would be
missed, because the probability of both peaks lying between adjacent levels would have
risen. Here, the value of C' = 1.07 was used, which has been empirically found to give the
best results for UKST photographic plates (McGillivray private communication); the
resulting efficiency of the achieved deblending will be examined in the next subsection.
A number of other parameters also regulate the deblending capacity of the software
(Q.Parker 1988): the minimum and maximum area an image can have before deblending
is attempted (here A,,;, = 8 pixels and A,,,, = 60,000 pixels), the blend area cut and

the maximum deblending level (here set at its maximum value, 8).

In connection with the present study, the crucial characteristic of the software is the
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way in which the various pixels are assigned to one or the other of the deblended images:
The decision is made by using the areal profile to fit a Gaussian to each image and then
extrapolating that Gaussian to the fainter threshold. It must be emphasised that the
image parameters are calculated from the actual pixel positions and intensities, not
from Gaussian profiles. The software assigns whole pixels to one or other of the images.
This procedure can be expected to cause systematic errors in the derived instrumental

magnitudes.

The application of the deblending software on the present data-set

The initial COSMOS output from the photographic plates was processed through both
the old non-deblending and the new deblending software. The results were compared
with both the stellar images on the original plates and the CCD sequences (presented

in Chapter II).

For the particular combination of deblending parameters used here (as described in
the previous subsection), these comparisons yielded the following conclusions:
(i) Images closer to each other than 6 arcsec (peak-to-peak) are not separated by the
deblending routine.
(ii) The halos and diffraction spikes of very bright stars are often split by the ‘deblender’
into many low surface density images (mimicking the images of faint galaxies) in a
random way. However, these spurious images having ‘random’ coordinates are almost
entirely excluded through the pairing process of the plates (Section 3).
(iii) Not all multiple images are deblended. The efficiency of the deblending is shown in
Fig.1, as a function of the ‘true’ number density of stars (detected on the photographic
plates and the CCD frames). For number densities of less than ~ 7 per square arcmin,
more than ~ 95% of the images are separately detected by the deblending software.
Obviously a percentage of these are essentially multiple images. For densities higher
than ~ 10 images per square arcmin the efficiency of the deblending decreases rapidly.
(iv) The ‘non-deblending’ software gives comparable results with the ‘deblending’ one
for number densities of the order of 7-10 per square arcmin or less (see Fig.2).
(v) The magnitudes of deblended images were compared with the CCD photometry
results. The available sample of stars with independent CCD photometry, which are

resolved on the CCD frames but not on the initial COSMOS measurements, can be
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Figure 1: Percentage of images detected by the deblending software (crosses), compared
with the ‘true’ number of stars detected on the photographic plate (by eye), as a function
of the surface density of the latter. The filled circles show the percentage of single images

among the ‘deblended’ stars.
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Figure 2: Comparison of the numbers of images detected by the deblending software
(na4) and the non-deblending software (nngy as a function of the true surface number

density of stellar images o). As an example, the results from plate J2566 are shown.
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‘deblended’ by the new software, is rather small. However, the following conclusions
could be reached:

e For magnitude differences between the deblended stars of the order of 2 mag or less,
the intrinsically fainter star is assigned a systematically fainter magnitude by several
hundredths of a magnitude, depending on the actual magnitudes, the magnitude differ-
ence and the distance between the deblended stars.

e For magnitude differences greater than ~ 2™.5, the effect is reversed with the fainter

image appearing systematically brighter. This effect can be as high as 0.3-0.4 mag.

In view of the outcome of these tests, it was decided that for the purposes of the

present study, the improvement in the deblending of overlapped images is outbalanced
by the systematically erroneous magnitudes assigned to the deblended images. In any
case, the deblending software only starts to give significantly different results from the
old software for number densities higher than ~ 10 per square-arcmin. The study was
confined to regions with densities lower than the above limit.
In Field 28, a strip of a total area of 8 square degrees at the eastern edge of the
photographic plates was not measured at all, because of the large CPU time and storage
space required. This strip included an extended high density region of the SMC main
body, as well as the galactic globular cluster 47 TUC. On the whole 20 square degrees on
each of the Field 28 plates and 28.5 square degrees on the Field 52 ones were processed
through COSMOS.

3 Pairing and calibration of the plates

The software used for the analysis of the COSMOS data has been extensively described
by Hawkins (1983; 1984). The same pairing procedure was adopted for the combination
of the COSMOS data sets in each filter and field. Briefly, a master plate was chosen
and a least-squares rotation, translation and scale-change transformation was evaluated
from the positions on this plate to each one of the other plates. The nearest image on the
secondary plate to the transformed position was then chosen as a provisional pair. If no
pair was found, the image was discarded. The best quality plates were chosen as master

plates. On the first pairing the data set was typically reduced by 8% (e.g. from the
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original number of 380000 images detected on plate J2566, approximately 30000 were
lost when matched with J3671 images) mainly due to plate limit effects and various types
of spurious images being eliminated (Section 4). An average of 3% of the images per
plate was lost for the remainder of the pairings (depending on the quality of the plate),
resulting in a final data set of 320000 images in Field 52 and 180000 images in Field 28
(note that the F52 measurements cover an area 35% larger than the F28 ones). Following
the application of the pairing process all magnitudes were reduced to the same relative
scale (Hawkins 1983). The relation between IIla-J/GG395 magnitudes and standard
Cousins B magnitudes was obtained from comparison of photographic magnitudes with
CCD sequences converted to the standard Cousins system and is given by the following

equation: B — Bj = 0.25(B; — R) + constant (M.Hawkins private communication).

The final conversion to B and R magnitudes was achieved with the aid of the CCD
sequences described in the previous section and of a photometric sequence near the
cluster L1 in Field 28 established by Gascoigne (unpublished) and kindly made available
to me by M.T. Briick. There are also other photoelectric sequences in both Fields 28
and 52 (near the clusters NGC416, 419, 458, 47TUC and Kron3), but in all cases they
are located in the denser regions of the Fields which were not included in the present
study. The correlation of COSM AG to true magnitude is known to be nonlinear (e.g.
MacGillivray & Stobie 1984). For the fainter stars (B > 18) the images are unsaturated
and the machine and photometric magnitudes are reasonably well-fitted by a straight
line of slope near unity, implying that an approximately correct density-intensity relation
has been adopted. At brighter magnitudes the core of the image becomes saturated and
the slope changes. Finally for very bright images (B < 10, not considered here) the
slope steepens again as the halo of the image rises above the threshold surface brightness
and contributes to the image magnitude. This complexity of shape requires that reliable
standards be available over the whole range of interest on a plate. This requirement was
fulfilled by the CCD photometric sequences (Chapter II) obtained, for the magnitude
range of 14 < R < 20 and 15 < B < 21.5.

A simple fourth-order least squares polynomial fit was applied for the conversion of
COSMOS instrumental magnitudes (COSMAG) to standard magnitudes in the BVRI

photometric system. Fig.3 shows a typical example of the final calibration line (the
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converted COSMAG versus the standard magnitudes). The rms scatter around the
mean line was 0™.11 in B and 0™.13 in R in Field 28 and 0.12 and 0.11 respectively
in Field 52. The fact that the curve is quite accurately a straight line indicates that
the adopted simple polynomial fit for the calibration of COSMOS magnitudes was an
adequately good approximation for the magnitude-range 15 < B < 21.5. For stars
brighter than ~ 15™ the calibration is not esssentially correct, given the small number

of calibrating stars in this section of the curve.

4 Discussion and conclusions

In this section, we examine the accuracy of the photographic magnitudes, the level of
completeness of the resulting data-base and finally the absence of significant systematic
trends in the photographic calibration. All these points are crucial for the reliability
of the use of the colours and magnitudes (R vs B — R CMDs), for the detection of
geometrical features, metallicity changes and changes in the population synthesis in the

outer regions of the SMC.

4.1 Accuracy of the derived magnitudes

The total error of a magnitude is a combination of the errors originating in the pho-
tographic plate, the microdensitometer and the algorithms. In order to estimate the
random errors in the derived photographic magnitudes, the rms variation for the magni-
tude measurement of a single image on an individual plate was calculated. Fig.4 shows
the distribution of the rms variation in three different magnitude ranges for each of
the two fields and filters. The ‘tail’ of the error distribution includes non-normally dis-
tributed errors, mainly caused by variables, flawed or wrongly paired images and diffuse

galaxies. The peak of the distribution is therefore considered as a close enough estimate
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calibrated COSMAG

Figure 3
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Figure 3: The calibration of COSMAG in B and R using the stars of Table 5 of Chapter
II and the Gascoigne photometry sequence in Field 28. The y-axis gives the transformed
COSMAG, f1(COSMAG), where f4 is the 4th order polynomial used to describe the
original COSMAG vs. magnitude curves.
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of the Gaussian error of the measurement of a single image in each case. This error
is only weakly dependent on magnitude ranging from 0.09 for the brighter magnitudes
to 0.12 for the fainter ones. Obviously, the standard error for the magnitude of each
star calculated from n plates is given by the above values divided by y/n. There is
no significant difference in the error distributions in the two different fields, which is
important for the reliability of comparisons between their corresponding colour mag-
nitude diagrams in the subsequent chapters). Fig.5 shows the dependence of the total
mean error (including the non-Gaussian tail of the error distributions) as a function of

magnitude in By and R in both Fields.

4.2 Completeness of the sample

The plate pairing process removed spurious images, but also rejected a significant num-
ber of faint images due to the different limiting magnitudes of the various plates, adjacent
images which were merged into one image on one plate but resolved on another, images
which were not paired due to random errors in their coordinates, variable objects and

finally, when pairing .J and R plates, objects of extreme colour at faint magnitudes.

All the above introduce incompleteness to the final catalogue. To investigate the na-
ture and significance of this incompleteness, the distribution of unmatched and matched
images as a function of magnitude, position on the plate and image ellipticity was exam-
ined. As a representative example, Fig.6 presents the results from the pairing of plates
J2566 and J3671. As expected, the bulk of unmatched images are very faint (peak
around B = 22). There is also a slight preference for the loss of highly elliptical images
(mostly spurious or multiple images). There is no significant position dependence of
the distribution of unmatched images brighter than B = 21.0. However the surface
distribution of the matched and unmatched images shows a drop in the percentage of
faint (B > 21) unmatched images in the innermost regions (Table 2), which can be
understood in terms of the high surface density of images there. On the whole the
incompleteness is around 3% for images brighter than B = 21, but rises sharply for

fainter images.

In the innermost regions there was a high percentage of overlapped (multiple) images.
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Table 2: Projected space distribution of the percentage of unmatched images from the
pairing of plates J2566 and J3671, for B < 21.5 and B > 21.5. The arrows indicate

increasing distance in the z and y direction away from the central dense regions.
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For a surface density of 20 images/sq.arcmin, only 60% of the images were single, while
this number falls to 20% for densities around 40 images/square arcmin. However, in the
less dense regions (surface density smaller than 10 images/square arcmin) to which this
study is confined, the percentage of multiple images is small (between 2 and 5%), and
most of them are unpaired. So the additional incompleteness induced from this effect

is hardly significant for low and moderate surface densities.

Fig. 7 shows the counts of matched images from all J and R plates in the two
fields. In principle it is possible to derive the onset of significant incompleteness from
the observed fall-off in counts at faint magnitudes, which does not occur in this case
for magnitudes brighter than B ~ 21.2. The counts presented in Fig.7 display features
which cannot be attributed to incompleteness effects: the histograms corresponding
to the J plates show a significant peak in the measures for B ~ 20 and the field 52
histograms show less well defined peaks, which cannot be attributed to higher errors
in the F52 measurements, as can be seen from Fig.4. It will be shown in the following
chapters that the observed peaks in the B histograms are due to the large number of
clump giants in the outer regions of the SMC, while the larger dispersion in the F52

distributions is a result of the large line-of-sight depth of the SMC towards the NE side.

4.3 Field effects

One of the factors which are important in determining the accuracy of the photographic
photometry is whether it is valid to assume that the same magnitude calibration ap-
plies over the whole area measured. Factors such as changes of image structure across
a photographic plate (caused by differential refraction), geometrical vignetting, and
sensitivity variations in the emulsion of the plate (see Section 1), can all affect the mag-
nitude calibration and give rise to systematic errors of the order of several tenths of a
magnitude which can occur over an individual plate. The errors rise sharply near the
edges of the plate -as one would expect. Table 3 gives a typical example of residuals
between mean magnitudes from all F52 J plates and plate J2566 as a function of posi-
tion on the plate. The procedure for correcting for field effects of this type is based on
a position-dependent calibration process that is described in detail by Hawkins (1983;

1984). However, global effects affecting all plates cannot be removed by this method
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Bright images, 12 < B < 17
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Table 3: Residuals in 0.01 mag spaces, between the mean magnitude from all plates
of Field 52 and plate J2566, as a function of position. The figures give mean residuals

for 1.8cm—squares over the Field.
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Faint images, 17 < B < 21.5
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and we therefore rely on the CCD standards to set limits to such effects. As indicated
in Chapter II, the observed CCD sequences were well distributed over the plates, thus
allowing any major systematic trends in the magnitudes across any individual plate to
be detected. Even before applying the previously mentioned corrections, no system-
atic errors significantly larger (i.e. more than 20) than the errors expected from the
inaccuracy of the zero point determination of the CCD sequences were detected across
the plates, with the possible exception of plates R10510 and R7220 which were subse-
quently removed from the final data set. It is worth mentioning at this point that both
the geometrical vignetting and significant desensitisation —if present— affect the edges of
a plate, generally within 30-50 arcmin. No regions so close to the edges of the plates

were included in the data analysis described in the following chapters.

4.4 Conclusions

An area of 48.5 square degrees on the sky, covering the northeastern and southwest-
ern outer regions of the SMC, was studied with the use of 1.2m UK Schmidt telescope
photographic plates, taken through B; and R filters. The plates were measured with
the COSMOS microdensitometer and calibrated with CCD photometric sequences. The
resulting magnitudes and colours were checked for accuracy (standard errors from all
plates £0.07 in B and 40.10 in B— R), completeness (> 95%) and absence of significant
systematic errors due to field effects. They can thus be used reliably for the construc-
tion of colour magnitude diagrams covering the entire area and subsequently for the
determination of the stellar population and geometrical structure of the outer regions

of the SMC.
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CHAPTER IV : CONSTRUCTION OF THE CMDs

1 Introduction

The data-set consisting of the B and R magnitudes of 550,000 stellar images in the
northeastern and southwestern outer regions of the SMC (Fields 52 and 28 respectively),
were used for the construction of colour-magnitude diagrams (R vs. B — R; hereafter

CMDs) over the whole area of 48.5 square degrees measured (Chapter III).

The areas of the two Fields were divided into square regions of 0.87 square degrees
each. A CMD including all images with R < 20.5 and B — R > —1.0 was then con-
structed for each of these areas. In addition to this ‘coarse grid’ of CMDs, a finer
grid with a unit cell of 0.22 square degrees was also considered, in order to provide
a more detailed picture of the surface distribution of the various populations in the
SMC. Figure 1 shows the grids overlayed on the ‘maps’ of two Fields derived from the
COSMOS measurements (including only the 1000 brightest images in each Field). Ta-
ble 1 gives the right ascension and declination (1950) of the centres of each ‘cell’ for
both the coarse and the fine grid, along with the projected distances, r,. and 74, of
these centres from the optical and dynamical centres of the SMC, respectively. The
optical centre (RA = 00"51™, DEC = —73°, 1950) was defined by de Vaucouleurs (see
e.g. de Vaucouleurs & Freeman 1972) as the centre of the smoothed elliptical isoden-
sity contours of bright stars. The dynamical (or rotational centre; RA = 01h02m12°,
DEC = —72°53'02", 1950) was suggested by Hindman (1967) as the centre of the HI
rotation curve and it is displaced by ~ 50 arcmin to the East of the optical centre. Ac-
cording to Briick (1978; 1980) the optical centre represents the centre of the youngest
populations while the dynamical centre that of the older ones. In the following, both
centres will be used for reference in the study of the radial distribution of the various

properties of the stellar populations in the SMC periphery.

In Section 2 the procedure of removing from the CMDs the contribution of the
Galactic foreground and of background galaxies is analysed; in Section 3 the ‘cleaned’
CMDs are presented and their main features briefly described; in Sections 4 & 5 the

distance and reddening scales for the SMC are discussed and the values adopted for the
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Figure la: A COSMOS map of the 1000 brightest images in the scanned area in Field
28. The ‘coarse’ and ‘fine’ grid used for the CMDs are also shown, together with the

numbering of the cells, which is used throughout the following chapters.
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Figure 1b: As in Fig.1a, but for Field 52.
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Region RA DEC Toc | Tde
(1950) (1950)

51 00 13 35.5 | =73 9 37 | 2.72 | 3.56
52 00 00 43.3 | =73 11 18 | 3.65 | 4.48
53 23 47 50.8 | =73 09 58 [ 4.58 | 5.41
54 23 35 29 [ -73 05 38 | 5.51 | 6.34
41 00 14 222 | -74 05 25| 2.81 | 3.60
42 00 00 45.8 | =74 07 12 | 3.72 | 4.52
43 23 47 09.0 | —74 05 47 | 4.63 | 5.44
44 23 33 37.6 | —74 01 11 | 5.55 | 6.37
31 00 15 146 | —75 01 14 | 3.18 | 3.88
32 00 00 48.6 | =75 03 08 | 4.00 | 4.74
33 23 46 221 | =75 01 37 | 4.87 | 5.63
34 23 32 02.1 | -74 56 43 | 5.75 | 6.53
21 00 16 13.8 [ =75 57 02 | 3.75 | 4.34
22 00 00 51.7 | =75 59 03 | 447 | 5.13
23 23 45 29.2 [ =75 57 26 | 5.26 | 5.96
24 23 30 14.4 | —75 52 12 | 6.08 | 6.81
i i 00 17 21.1 | =76 52 47 | 4.44 | 4.94
12 00 00 55.3 | =76 54 57 | 5.07 | 5.64
13 23 44 29.0 | =76 53 13 | 5.77 | 6.40
14 23 28 12,1 | =76 47 36 | 6.53 | 7.20

Table 1a: Field 28.

Column 1: number of the grid-cell (see Fig.1a).

Column 4: projected radial distance of the centres of the grid-cells from the optical
centre of the SMC.

Column 5: the same for the dynamical centre.
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Region RA DEC Toc | Tde
(1950) (1950)
511 00 17 01.8 | —-73 22 40 | 2.48 | 3.31
512 00 10 31.3 | -73 24 17 | 2.95 | 3.78
513 00 16 34.5 | —72 54 48 | 2.52 | 3.35
514 00 10 14.4 | —72 56 22 | 2.98 | 3.81
411 00 18 01.1 | -74 18 25 | 2.66 | 3.43
412 00 11 08.1 | —74 20 08 | 3.10 | 3.88
413 00 17 30.6 | —73 50 32 | 2.53 | 3.33
414 00 10 49.2 | —73 52 12 | 2.99 | 3.80
311 00 19 07.7 | =75 14 10 |3.12 | 8.77
312 00 11 49.3 | =75 15 59 | 3.50 | 4.19
313 00 18 334 | —74 46 18 | 2.86 | 3.57
314 00 11 28.1 | —74 48 04 | 3.27 | 4.00
521 00 03 59.8 | —-73 25 08 | 3.41 | 4.24
522 23 57 279 | =73 25 13 | 3.88 | 4.70
523 00 03 53.4 | -T2 57 12 | 3.44 | 4.27
524 23 57 32.0 | =72 57 17 | 3.90 | 4.74
421 00 04 13.8 | —74 21 02 | 3.55 | 4.33
422 23 57 191 | -74 21 07 | 4.00 | 4.79
423 00 04 06.6 | —73 53 04 | 3.45 | 4.26
424 23 57 23.6 | =73 53 10 | 3.91 | 4.73
321 00 04 29.5 | =75 16 57 | 3.90 | 4.61

Table la: continued.
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Region RA DEC Pox | Tip
(1950) (1950)
322 23 57 09.1 | -75 17 03 | 4.31 | 5.04
323 00 04 21.4 | -74 49 00 | 3.70 | 4.45
324 23 57 14.3 | -74 49 05 | 4.13 | 4.90
211 00 20 23.0 | -76 09 53 | 3.76 | 4.30
212 00 12 36.0 | -76 11 50 | 4.08 | 4.66
213 00 19 44.1 | -75 42 02 | 3.42 | 4.02
214 00 12 11.9 | -75 43 55 | 3.77 | 4.41
221 00 04 47.3 | -76 12 52 | 4.42 | 5.05
222 23 56 57.9 | -76 12 58 | 4.79 | 5.45
223 00 04 38.1 | -75 bk 55 | 4.15 | 4.81
224 23 57 03.7 | -75 45 01 | 4.54 | 5.23
111 00 21 48.8 | -T7 05 32 | 4.50 | 4.94
112 00 13 29.3 | -77 07 38 | 4.77 | 5.26
113 00 21 04.5 | -76 37 43 | 4.12 | 4.61
114 00 13 01.7 | -76 39 45 | 4.41 | 4.95

Table 1a: continued.
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Region RA DEC P Pie
(1950) (1950)
11 02 04 34.1 | —68 06 31| 2.54 | 2.00
12 01 54 35.1 | —68 10 02 | 3.18 | 2.78
13 01 44 33.7 | —68 11 18 | 3.94 | 3.64
14 01 34 32.2 | —68 10 17 | 4.76 | 4.52
15 01 24 32.8 | —68 07 01 | 5.61 | 5.42
21 02 05 26.7 | —69 02 10 | 3.33 | 2.68
22 01 55 02.3 | —69 05 52 | 3.84 | 3.31
23 01 4 35.2 | —69 07 12 [ 4.49 | 4.05
24 01 34 07.8 | —69 06 08 | 5.23 | 4.86
25 01 23 43.0 | —69 02 42 | 6.01 | 5.71
31 02 06 24.0 | —69 57 51 | 4.18 | 3.48
32 01 55 32.0 | =70 01 44 | 4.60 | 3.98
33 01 = 36.7 | =70 03 08 | 5.15 | 4.62
34 01 33 41.3 | =70 02 01 | 5.81 | 5.34
35 01 22 48.7 | —69 58 24 | 6.53 | 6.13
41 02 07 26.7 | =70 53 30 | 5.06 | 4.33
42 01 56 04.4 | =70 57 35 | 5.41 | 4.75
43 01 44 38.4 | =70 59 03 | 5.89 | 5.29
-+ 01 33 12.3 | =70 57 53 | 6.47 | 5.94
45 01 21 49.5 | =70 54 05 | 7.12 | 6.65
51 02 08 354 | —T1 49 06 | 5.96 | 5.21
52 01 56 399 | -T1 53 24 | 6.26 | 5.56
53 01 44 40.3 | =71 54 57 | 6.68 | 6.03
54 01 32 40.5 | =71 53 43 | 7.19 | 6.61
55 01 20 44.4 | =71 49 43 | 7.78 | 7.25

Table 1b: Field 52.

66




Region RA DEC Poa | Pgs
(1950) (1950)
121 01 57 13.3 | —68 23 19 | 3.16 | 2.69
122 01 52 09.9 | —68 24 31 | 3.51 | 3.10
123 01 56 57.2 | —67 55 25 | 2.85 | 2.47
124 01 52 00.0 | —67 56 36 | 3.23 | 2.90
221 01 57 47.6 | —69 19 08 | 3.89 | 3.30
222 01 52 31.2 | —69 20 24 | 4.17 | 3.64
223 01 57 30.1 | —68 51 13 | 3.52 | 2.98
224 01 52 20.3 | —68 52 27 | 3.83 | 3.35
321 01 58 25.1 | =70 14 57 | 4.69 | 4.03
322 01 52 54.3 | =70 16 17 | 4.92 | 4.31
323 01 58 05.9 | —69 47 02 | 4.28 | 3.66
324 01 52 42.5 | —69 48 21 | 4.54 | 3.96
131 01 47 06.1 | —68 25 10 | 3.88 | 3.51
132 01 42 02.0 | —68 25 14 | 4.26 | 3.94
133 01 47 02.3 | —67 57 14 | 3.62 | 3.34
134 01 42 04.4 | —67 57 17 | 4.03 | 3.79
231 01 47 14.1 | —69 21 04 | 4.48 | 4.00
232 01 41 56.9 | —69 21 08 | 4.82 | 4.38
233 01 47 10.0 | —68 53 07 | 4.16 | 3.73
234 01 41 59.5 | —68 53 11 | 4.53 | 4.14

Table 1b: continued.
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Region RA DEC Toe | Tde
(1950) (1950)
111 02 07 17.5 | —68 19 11 | 2.61 | 1.99
112 02 02 15.9 | —68 21 32 | 2.86 | 2.32
113 02 06 49.2 | —67 51 23 | 2.21 | 1.67
114 02 01 53.7T | —67 53 41 | 2.51 | 2.06
211 02 08 17.6 | —69 14 47 | 3.45 | 2.75
212 02 04 40.7 | =70 58 40 | 3.65 | 3.00
213 02 07 46.9 | —68 46 59 | 3.02 | 2.36
214 02 02 39.1 | —68 49 23 | 3.24 | 2.65
311 02 09 23.2 | =70 10 23 | 4.33 | 3.60
312 02 03 54.8 | =70 12 59 | 4.49 | 3.79
313 02 08 49.7 | —69 42 35 | 3.88 | 3.17
314 02 03 28.5 | —69 45 07 | 4.06 | 3.39
331 01 47 22.9 | -70 17 00 | 5.19 | 4.62
332 01 41 51.3 | =70 17 04 | 5.48 | 4.95
333 01 47 18.4 | —69 49 02 | 4.82 | 4.29
334 01 41 54.2 | —69 49 06 | 5.14 | 4.65
411 02 10 349 | -T1 05 57 | 5.22 | 4.48
412 02 04 51.2 | =71 08 41 | 5.35 | 4.64
413 02 09 58.2 | —70 38 11 | 4.77 | 4.03
414 02 04 224 | =70 40 50 | 4.91 | 4.21

Table 1b: continued.
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subsequent interpretation of the CMDs are given.

2 Back/foreground removal

In Figure 2 two examples of the resulting coarse-grid CMDs are shown. As would be
expected, there is a significant contribution to the SMC CMDs from foreground galactic
stars and from background galaxies. The most distant areas studied here, lying more
than 5.6 kpc away from the SMC optical centre, have CMDs which show no evidence
of any contribution from SMC stars. Their mean number density is 4050 + 350 objects
per square degree, or, taking into account the incompleteness factor of ~ 95% (Chapter

IIT), ~ 4260 objects per square degree.

It should be mentioned at this point that the outermost regions in Field 52 —
presumably consisting only of back/foreground objects— have systematically fewer stars
by ~ 10% than the corresponding regions in Field 28. A large part of this effect is due
to the different galactic latitudes of the two Fields (b = —47° for the centre of Field 52
and b = —40° for Field 28); however some contribution to the effect can be expected
from a probably different degree of completeness in the faint magnitude regime for the

two Fields.

As an independent check on the completeness of the data-set, we compare this value
of the back/foreground surface number density with the one expected from the predicted
contribution of galactic stars and background galaxies. In the direction of the SMC and
for By == 21.2, the expected number density of galactic stars is 3100 4 300 per square
degree. This value was derived by interpolation from the predictions of Galactic models
by Ratnatunga & Bahcall (1985). Using the Jarvis & Tyson (1981) galaxy count study
in the northern hemisphere, a number of ~ 880 galaxies per square-degree was estimated
for the above magnitude limit, with an expected uncertainty of 30%. On the other hand,
Shanks et al. (1984) give a higher value of ~ 1300 galaxies for the same magnitude limit,
from counts at the south galactic pole. The difference between the two values (which
happen to be extreme cases in the bibliography; see Ellis, 1987 for a review) can be
attributed partly to the higher obscuration in the lower galactic latitude fields studied

by Tyson & Jarvis. As a rough estimate, the mean of these values was adopted,
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Figure 2a: CMD from region 41 in Field 28, without back/foreground subtraction.
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Figure 2b: CMD from region 11 in Field 52, without back/foreground subtraction.
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i.e. ~ 1100 galaxies per square degree. Therefore the total expected back/foreground
contribution per square degree amounts to ~ 42804470 objects, which agrees very well

within the errors with the previously mentioned densities observed in the remote areas,

in both Fields.

Assuming that the outermost regions in the two Fields consist purely of back/foreground
objects, their CMD was ‘subtracted’ from the SMC CMDs, in order to remove the
back/foreground contribution from them. The procedure followed was the normal one
of looking for nearest neighbour stars in the two CMDs (e.g. Hesser et al., 1987). For
each star in the comparison field CMD, the nearest match to it in (R, B — R) was found
in the SMC field CMD and then both stars were removed from their lists, as long as
the separation on the CMD given by d = (dp® + dB_Rz)u? was less than a prescribed
radius D. The selection of the value of D was made in such a way as to compensate
for the following two opposing factors: (i) if D is of the order of the observational error
(corresponding to a ‘radius’ of ~ £0.1 around each point on the CMD), a significant
number of points remain unremoved from the CMD, due to randomly higher observa-
tional errors, or real variations in the distribution of points on the CMD. The latter
effect is pronounced in the areas of the CMD with low densities of points. (ii) If D is
too large (> 0.6) distortions can be caused at the low density edges of the CMD, due
to the anticipated fluctuations of the total number of back/foreground objects.

After several trials the value of D = 0.15 was selected. A residual scatter is still present
in the resulting diagrams (Fig.2), but this cannot be avoided in view of the relatively
large intrinsic fluctuations in the back/foreground. In principle, the different degree
of crowding in the SMC and back/foreground fields can cause an overestimate of the
back/foreground contribution in the most crowded fields. This effect is magnitude-
dependent and is not easily quantifiable. However, the crowding is relatively small in

the regions we have considered here (see Chapter III) and this effect should be negligible.

Another factor that influences the back /foreground removalis the difference in galac-
tic latitude between the back/foreground region and each of the SMC regions. In Field
52 the galactic latitude is higher (in absolute value) in the back/foreground region,
therefore the background contribution in the innermost area is underestimated by a

few %. The opposite is the case in Field 28. Although a correction for this effect is



possible in principle, it has not been attempted because the random variations of the
back/foreground itself are significantly larger than this effect. Nevertheless, care was
taken to select the reference back/foreground fields as near the mean latitude in each

Field as possible.

3 The colour-magnitude diagrams

All the back/foreground subtracted coarse-grid CMDs in Fields 28 & 52, which include
significant numbers of SMC stars, are presented in Appendix A. Three features are
noteworthy in these CMDs:

(i) the main sequence (ms), extending to R, ~ 18.0 in the innermost regions. The
bright end of the ms fades away with distance from the SMC centre and finally disap-
pears below the limiting magnitude;

(ii)a densely populated clump/horizontal branch (HB), around R ~ 19.0and B—R ~ 1.1,
present on all diagrams where SMC stars are detectable;

(iii)a well-defined red giant branch (RGB), approximately centred at its base with re-
spect to the clump. The RGB becomes less well delineated in the outer regions. A
red and bright extension of the RGB can be seen in some of the diagrams and can be
identified with an asymptotic giant branch in the Aaronson & Mould (1982) sense.
There is also some evidence for the existence of a subgiant branch, as a separable exten-

sion toward fainter magnitudes of the clump/HB.

For comparison, Fig.3 presents a composite colour-magnitude diagram, for R < 20.0,
of all intermediate and old SMC clusters for which accurate observations have been made
in the past, permitting the determination of their ages with the ms isochrone—fitting
method (see Chapter VI). These clusters cover an age range from 1.8 Gyr to 12 Gyr
and have metallicities [Fe/H] (see Chapter V) between -0.9 and -1.4 dex; the CMD of
an LMC cluster of higher metallicity ([Fe/H] = —0.5) and of age comparable to the
youngest SMC cluster in the sample, is also included in the Figure. A comparison of
this composite CMD with the CMDs of the SMC northeastern and southwestern outer
regions (Appendix A) shows a remarkably good agreement of the main features of the

CMD and their location on the diagram. A detailed discussion of these CMDs in terms
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Figure 3: Composite CMD of the SMC clusters (filled circles) NGC411, L113, Kron3,
NGC121, L1 and an LMC cluster NGC1651 (open circles; Mould, Da Costa & Crawford
1986).
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of metallicity and age will be presented in Chapters V and VI respectively.

4 The distance modulus

The determination of the distance scale is essential for the interpretation in terms of
age and metal abundance of the CMDs presented in the previous Section. During the
past decade, the distance modulus (hereafter d.m.) of the SMC has been a source of
controversy, with reported values ranging from (m— M), = 18.62 (de Vaucouleurs 1978)

to (m — M), = 19.47 (Sandage & Tammann 1981).

Part of the discrepancy between results derived from the application of different
distance indicators, may be due to the effect of the metal defficiency of the SMC with
respect to the LMC and the Galaxy on the zero point of the young distance indicators in
particular. Moreover, the large line-of-sight depth of the SMC that has been suggested
by several researchers (see Chapter IX) can cause additional complications, since the
d.m. may be a strong function of the position of the objects examined with respect to

the SMC centre.

Table 2 gives a compilation of relatively recently derived values for the SMC d.m.
based on primary distance indicators as reviewed by de Vaucouleurs (1978), i.e. novae,
cepheids, RR-Lyrae and horizontal branch stars, A & B supergiants and eclipsing bina-
ries. The values cluster about two means of (m — M), = 18.804 0.13 and 19.10 + 0.16.
The two values are customarily referred to as the short and long distance scale respec-
tively. Both values were generally considered equally plausible, however recent studies
of SMC star clusters seem to require the smaller distance scale (Mould et al. 1984
(L113); Rich et al. 1984 (Kron 3); Da Costa & Mould 1986 (NGC 411); Olszewski et al.
1987 (Lindsay 1)). In addition a recent study of intermediate age core helium burning
stars (clump/HB stars) in Magellanic Cloud clusters by Seidel, Da Costa & Demarque
(1987) supports the adoption of the short d.m. for both the Clouds. They show that
the long d.m. leads to physical inconsistency, in the sense that the observed masses of
the clump/HB stars in the clusters would appear to be larger than the masses of their
predecessors of the main sequence turnoff region. The discrepancy is removed when the

short d.m. is applied.



Indicator d.m. source
novae 18.954+0.25 de Vaucouleurs 1978
cepheids 19.014+0.25 de Vaucouleurs 1978
18.95 Eggen 1977
19.11 4+ 0.07 Visvanathan 1985
19.05 £ 0.06 Laney & Stobie 1986
18.93 £ 0.05 Welch et al. 1987
18.97+0.07 | Caldwell & Coulson 1986
18.86 4+ 0.27 Mathewson et al. 1986
19.47 Sandage & Tammann 1981
19.24 Feast 1984
RR-Lyraes | 18.85 Graham 1975
18.83 de Vaucouleurs 1978
18.58 de Vaucouleurs 1978
AB 18.65 Divan 1976
Supergiants | 19.0 £ 0.1 Ardeberg & Maurice 1979
19.1+£0.1 Azzopardi 1982
19.2 Humphreys 1979
O-stars 18.71 Garmany et al. 1987
19.12 Garmany et al. 1987
eclipsing | 18.85+ 0.10 Dworak 1974
binaries 18.62 4 0.22 Dworak 1974
18.84 Gaposchkin 1970

Table 2: Review of d.m. evaluations for the SMC. Notes 1: ZAMS fitting, 2: spectro-

scopic parallax.
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Further arguments concerning the SMC distance rely on the relative modulus of the
two Clouds, which fixes the SMC 0.3-0.5 mag behind the LMC, based on cepheids
(Feast 1984; Laney & Stobie 1986), RR-Lyrae variables (Graham 1984) and carbon
stars (Blanco, McCarthy & Blanco 1980). Recent work on the zero points of these
indicators consistently led to the short scale for the LMC. The revised cepheids d.m. is
now 18.47 £ 0.15 (Feast & Walker, 1987); Walker (1985), Blanco & Blanco (1986) and
Walker & Mack (1988) derive a similar LMC modulus from the apparent magnitudes
of LMC RR-Lyraes.

In the following, the short distance modulus scale is adopted for the SMC. How-
ever, due to the complicated geometry of this galaxy, the relative d.m. for each region
under examination will be separately derived, using the mean magnitude level of the

clump /horizontal branch stars (see Chapter IX).

5 Reddening

The reddening to the outer regions of the SMC has to be evaluated before an interpre-

tation of the CMDs is attempted.

Review

The mean interstellar extinction to SMC objects, as measured by the colour excess
E(B — V), has been the subject of numerous investigations.

The interstellar extinction is generally determined either from the reddening of individ-
ual stars by means of spectroscopy and photometry, or from background galaxy counts
in the direction of the SMC. In the first case, there may be a systematic bias towards
low values of the extinction (for magnitude limited samples), since the brightest and
presumably less reddened stars, i.e. stars in the near side of the SMC, are oversampled
(Israel 1984). An additional source of error is the role of metallicity on the intrinsic
colour curves used to derive the colour excesses (Welch et al. 1987), which is not yet
well-established. In the second case, the derived extinction values are usually overesti-
mated due to count-incompleteness in the crowded star fields, an additional source of
error being galaxy clustering. Nonetheless, there is generally good agreement between

the values of E(B — V') towards the SMC derived by the different methods.
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Part of the reddening to SMC objects is intrinsic to the SMC and part of it is due
to the galactic foreground. Table 3 presents a compilation of the values for the colour
excess E(B — V') proposed by several authors during the past three decades. The mean
value amounts to E(B —V') = 0.060 £ 0.022. The foreground (Galactic) contribution to
this value can be determined separately (values followed by an asterisk in Table 3) and
is estimated around E(B — V) = 0.034 £ 0.017. Therefore, the interstellar extinction
intrinsic to the SMC is E(B — V') = 0.026 £ 0.028.

Differential reddening

An important aspect of the reddening towards the SMC objects is the surface distribu-
tion of the interstellar extinction values. Interestingly, there is no evidence of differential
reddening across the SMC, with the possible exception of the SMC ‘dusty’ core. From
a study of SMC supergiants, Florsch et al. (1981) detected no gradient in interstellar
extinction along the axis of the SMC; in particular, they emphasized that the reddening
did not appear to increase at the southernmost end of the SMC Bar, where the observed
supergiants were systematically fainter than elsewhere in the Bar. Caldwell & Coulson
(1985) examined the positional dependence of the reddening within the SMC, based on
the individual reddenings of SMC cepheids. They also found no evidence of any large-
scale gradient or segregation of values. However, there is evidence of higher absorption
in the dusty core of the SMC Bar, defined by the dark nebulae concentration (Hodge
1974).

Adopted reddening value

From all the above it can be safely deduced that a reddening value of E(B — V') = 0.06
is applicable over most of the SMC inner regions. Unfortunately, there exist no studies
of the interstellar extinction to individual stars in the outer regions of the SMC, which
are of interest in the present study. Certainly, the value previously mentioned can serve
as an upper limit to the possible colour excess in B — V' in the outlying areas of the
Cloud. Furthermore, it can be plausibly assumed that these regions lying well away
from the main body of the SMC, and outside the outer contour of the SMC neutral
hydrogen (HI) distribution (see Mathewson & Ford 1984), are unlikely to be affected
by any reddening internal to the SMC. Therefore, the extinction previously mentioned

due to the Galactic foreground is a plausible estimate (or at least the lower limit)
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Method E(B-V) source
cepheids 0.054 + 0.004 Caldwell & Coulson 1985
0.078 £ 0.041 Feast 1984
0.054 £ 0.015 van Genderen 1983
0.069 4 0.005 Crampton & Greasley 1982
0.30! Madore 1982
Supergiants | 0.056 & 0.014 Azzopardi 1981
0.08 Harris 1981
0.019 4 0.004 McNamara & Feltz 1980
0.04 +0.01%* Lee 1977
0.07 £ 0.04 Azzopardi & Vigneau 1977

0.044 + 0.033*
0.024 + 0.021*
0.030 £ 0.004*

Azzopardi & Vigneau 1977
Hesser & Davis-Philip 1976
Crawford & Snowden 1975

0.21 Osmer 1973

0.12+0.01 Butler 1972

0.06 £ 0.05 Dachs 1970

0.07 £ 0.05* Dachs 1970

0.02 Gascoigne 1969

0.05 Hodge & Wright 1969

0.06 +0.01 van den Bergh & Hagan 1968

0.05 Walraven & Walraven 1964

0.06 Arp 1960

0.10 Feast et al. 1960

0.01%* Arp 1958

galaxy counts | 0-0.03 Burstein & Heiles 1982
other 0.04 £0.02 Carney et al. 1985.
0.033 4+ 0.01% Nandy et al. 1979

> 0.020* Mathewson & Ford 1970

Table 3: Review of SMC reddening. The values followed by a (*) refer to Galactic

foreground extinction. ': this result was strongly criticised by Feast 1984).
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for the IS extinction towards the SMC outlying regions, i.e. the colour excess E(B—V) =
0.034. On the other hand, the Burstein & Heiles (1982) maps also imply a colour excess
of E(B— V)= 0.0—0.03 mag in the SMC outer regions. A uniform reddening in both
Fields 28 and 52 with E(B — V) = 0.03 will be adopted.

The colour excess E(B — R) and the reddening Agr can be derived easily using the
galactic extinction law of Whitford (1958). As shown by Nandy (1984) the extinction
curve for the SMC is identical with that of the Solar Neighbourhood, in the near infrared
and optical wavebands. Therefore, using Whitford’s law, the values E(B — R) = 0.045
and Ag = 0.07 are obtained for the SMC outlying regions.

As pointed out previously, there is no evidence of differential reddening in the SMC
inner regions, and it would appear reasonable to assume that this is also the case in
the outer regions where the intrinsic SMC extinction is negligible. This leaves only the
variations of the foreground extinction across the SMC. No such variations larger than
0.01in E(B—V) are implied by the Burstein and Heiles maps. Unfortunately individual
reddenings are available only for stars in the West of the Bar, near the Galactic globular

cluster 47TUC.

An independent estimate of the reddening to the stars in the regions examined
here can be obtained from the position of the zero-age main sequence (ZAMS) in the
colour-magnitude diagrams of the regions for which the location of the ZAMS can be
at least approximately defined. Regions 4.1 in Field 28 and 1.1 in Field 52 were the
only ones suitable for this purpose; i.e. they have statistically significant numbers of
stars apparently on the unevolved main sequence. A straightforward comparison of the
observed ZAMS with the theoretically predicted one requires a knowledge of the d.m.
and metallicity of the stars involved. Assuming Z=0.004 and Z=0.001 (see Chapter V)
and (m — M), = 18.85 for the Field 28 region and (m — M), = 18.75 for the Field 52
region (see Chapter IX), the location of the corresponding ZAMS from the revised Yale
isochrones (Green, Demarque & King 1987) is demonstrated in Fig.4a&b, superimposed
on the CMDs of the two regions. Although the scatter of the observational points is
large, a comparison of the outer envelope (bluewards) of the ms stars in the CMDs,
presumably defining the ZAMS, with the theoretical locus suggests that there is no

significant reddening present in any of the regions examined. However, there is some
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indication of a zero-point difference of the order of 0.08mag in B — R between the two
Fields, the Field 52 ZAMS apparently being systematically bluer. As will be seen in
Chapter V, this effect is also present in the colour of the red giant branch. The effect
could be accounted for by a combination of metallicity, reddening and d.m. differences,
or a systematic error in the photometric calibration (it lies within the range of possible
systematic error stated in the previous Chapter). The problem cannot be resolved
without independent measurement of the reddening and metallicities of individual stars

in the two Fields.
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Figure 4a: The CMD of region 41 in Field 28, with the ZAMS locus (from the revised

Yale isochrones) superimposed, for two metallicities [Fe/H]=0.001 and 0.004 and for
d.m.=18.85.
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FIELD 52 :: Region 1.1 /e=0.15

185

Figure 4b: As in Fig.4a, but for region 11 in Field 52, with a d.m. of 18.75 (see Chapter
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CHAPTER V : THE METAL ABUNDANCE

1 Introduction

In this Chapter the metal abundance of the SMC populations prevailing in the outer
parts of the SMC is discussed. In the absence of any spectrophotometric study of SMC
stars in these regions, the metallicity determination has to rely on the characteristics
of the colour-magnitude diagram and particularly of the red giant branch, as well as on
comparisons with the metallicity of stars and clusters of various ages in other regions

of the Cloud.

Section 2 reviews our present knowledge on the metallicity of the SMC; in Section 3
various empirical or semi-empirical methods of metallicity determination from a CMD
are briefly described and in Section 4 the most well-established of these methods are
applied to the CMD of Chapter IV to estimate the mean metal abundance and the
metallicity range in the SMC outer regions. In Section 5 the results are discussed and

the positional dependence of metal abundance in the SMC periphery is examined.

Notation: In the following the classical notation for metallicity will be used:
[Fe/H] = log[n(Fe)/n(H)]. — log[n(Fe)/n(H )]s, where n(Fe) signifies the number
density per unit volume of iron atoms, and n(H ) of hydrogen atoms; it is however com-
mon to consider the iron abundance as representing that of all elements heavier than 12C
and therefore [Fe/H] is used as a measure of the ‘metallicity’ of the star. The subscript
® denotes solar abundance. This comparison with the solar abundance is also a compar-
ison with that of the Population I stars of the Galaxy. The ratio n(Fe)/n(H) is usually

symbolised by Z. In the following the solar abundance will be taken as Zg = 0.02.
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2 The metal abundance of the SMC: a review

The SMC is deficient in metals with respect to the Galaxy and the LMC. Although
this is a well-established fact, the actual chemical composition values for SMC stars of

different ages remains largely unexplored.

Few detailed analyses of the metal abundance of individual stars in the SMC exist to
date. Table 1 (enlarged and updated version of Table I by Théverin 1987) summarises
the existing observational data on the metallicity of various SMC objects, from a vari-
ety of methods: high and medium dispersion spectroscopy of individual blue and red
supergiants, low resolution spectroscopy of cepheids, giants and RR-Lyrae variables,
HII regions, supernova remnants and planetary nebulae, and finally photometric stud-
ies —usually through narrow-band filters— of individual stars and star clusters (including
integrated photometry and spectroscopy in the latter case). The most accurate method
is high dispersion spectroscopy, which has been applied up to now only to supergiants.
Metallicities derived from early type supergiants should be given less weight because
these stars often show variability and the physics in their atmospheres is not well un-
derstood. Only 5 late type supergiants, the study of which does not suffer from similar
uncertainties, have been observed at high dispersion to date. The resulting metallicities
show a rather large scatter and range from [Fe/H] = —0.8 to —0.3 dex. The statistics
are obviously very poor, to allow the derivation of any further conclusions on the metal-
licity scatter in the SMC youngest population. Low resolution spectrophotometry has
yielded metallicities for a much wider range of SMC objects, including young PopI-type
stars (Cepheids, young RR-Lyraes, late type supergiants), as well as old stars including
RR-Lyraes and red giants. In a recent low dispersion spectrographic study of 34 SMC
red supergiants, Richtler & Seggewiss (1987; 1988) report a large range of metallicities
for these Population I objects, from [Fe/H] = —0.5 to —2.0.

It has been generally noticed that metallicities derived photometrically differ system-
atically from those derived spectroscopically. It must be mentioned here that according
to Geisler (1984; 1986; also Nissen et al. 1985; Leep et al. 1987; Hesser et al. 1987)
the relatively abundant elements such as Ne, Mg, Si and S are significantly enhanced

relative to Fe in metal deficient stars (like Pop.II stars in the Galaxy and SMC stars).
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Objects [Fe/H] age method source

AB supergiants

HD7583 -1.0 vy 1 Przybylski 1972
HD7583 —-0.34+0.2 vy 1 Wolf 1972
HD5045 < -0.6 vy 1 Osmer 1973
HD7099 < -0.6 vy 1 Osmer 1973
HD7583 —1.0 vy 1 Przybylski 1972
FG supergiants

AZV-369 —-0.4+£0.2 vy 1 Foy 1981
AZV-369 —-0.74+0.2 vy 1 Spite & Spite 1987
AZV-121 —-0.440.2 vy 1 Théverin & Foy 1986
A7ZV-140 -0.84+0.2 vy 1 Spite & Spite 1987
AZV-197 064024 | vy 1 Spite & Spite 1987
—-0.61£0.1 vy 2 Smith 1980
[-0.5—2.0] vy 2 Richtler & Seggewiss 1987

Cepheids
-0.5 y 2! Harris 1981
—0.6 y 2/ Pel 1984

RR-Lyraes
—-1.84+0.2 | > 10Gyr 2 Butler et al. 1982

Table 1: Review of metallicity determinations in the SMC. Column 3 gives the age
of the objects: vy=younger than a few 107 yr; y=younger than a few 10%yr. Col-
umn 4: 1: high and medium dipersion spectroscopy, 2:low dipersion spectroscopy and

photometry(2’), 3: isochrone fitting, 4: from CMD metallicity indicators, 5:integrated

photometry.
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Objects [Fe/H] age method source
Red giants

—1.63 £0.31 23 Suntzeff et al. 1986

field ms stars
-1.7 10Gyr 3 Stryker et al 1985
—-0.79 4 Bolte 1987

Star clusters
NGC419 > -1.0 1.24 0.5 Gyr 5 Hardy & Durand 1984
NGC416 >-1.0 2.5+ 0.7 Gyr 5 Hardy & Durand 1984
L113 —-1.4 5 Gyr 4 Mould et al 1984
Kron 3 -1 3403 8 Gyr 2.4 Rich et al. 1984
NGC330 —-14 12 x 106* 1 Spite & Spite 1987
-1.8+£0.2 2 Richtler & Nelles 1983
NGC411 —-0.9+0.3 1.8+ 0.3 Gyr 4 Da Costa & Mould 1986
L1 -1.24+0.1 114+ 1 Gyr E Olszewski et al. 1987
NGCi121 —-1.44+0.1 12+ 2 Gyr 2.4 Stryker et al. 1985
NGC152 -0.76 0.8 Gyr 3 Hodge 1981

Table 1: continued. Note:* from Carney et al. 1985.
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Thus one should not equate [Fe/H], which is measured spectroscopically, with the overall
metal abundance [M/H], which is derived from the photometric indices, for such stars.

Such a possibility would tend to reconcile the discrepancy previously mentioned.

Although more data are needed to improve the statistics, it seems plausible from the
accumulated evidence that the metal abundance in the SMC —among objects of similar
ages— may not be uniform. As Richtler and Seggewiss put it ‘the broad metallicity
distribution of young stars contradicts a simple evolutionary scenario and either invokes

infall processes (see Chapter VIII) or requires local mixing’.

The metal abundance shows a systematic trend towards lower values as the age
of the objects studied increases, reaching the value of [Fe/H] = —1.8 for RR-Lyraes
(Butler 1982 et al.). The change of metallicity among groups of different ages yields
information about the chemical evolution history of the SMC. The chemical enrichment

history of the SMC will be further discussed in Chapter VIII.

3 Methods of metallicity determination from CMDs

A number of properties of the colour magnitude diagram of a coeval population (such
as a star cluster) can be used as abundance indicators. It is well known from studies of
globular clusters CMDs, that the Red Giant Branch (RGB) becomes redder and fainter
in (R, B-R) as [Fe/H] increases. This effect can be understood theoretically in a family
of old stellar populations in which age and helium abundance are held fixed and only
metallicity is varied. As emphasised by Sandage (1982), the photospheric parameter
[Fe/H] is related to the metal abundance that determines the envelope opacity of a star.
Evolved models (e.g. Sweigart & Gross 1978) show that (B — V'), (and AV; 4) are
sensitive functions of the mix of metals that determines the envelope opacity. Given
that (B — V), correlates well with [Fe/H]photospheric, it follows that this parameter
measures in some gross way the required Z (interior).

However, a quantitative theoretical prediction of the dependence would depend on the
rather arbitrarily chosen value of the ‘mixing length’ parameter, which decides the
extent of the convective envelope, which in turn determines the temperature and hence

the colour of the red giant.

88



Several, not entirely independent from each other, methods have been proposed to
calibrate the RGB colour and morphology as a function of metallicity: the slope, S,
of the line joining the HB/RGB intersection point with the point on the RGB with
V = Vup + 2.5; the intrinsic (dereddened) colour (B — V), 4, of the subgiant branch
at the level of the HB; the magnitude difference in V, AV 4, between the HB level and
the RGB at (B — V), = 1.4. In practice, the calibration of these quantities is carried
out using clusters of ‘known’ abundance. There are some difficulties associated with the
use of these indicators. Any observed colour, such as (B — V'),, must be corrected for
reddening, which has to be independently determined; a sparsity of stars on the RGB

may affect the determination of some of the indicators.

In the following, the most recently calibrated metallicity indicators on a CMD are

described.

(i) The colour of the RGB at the magnitude of the core helium burning stars,
(B—V)o4: (Notation: the subscript ‘o’ signifies dereddened values) It has been known
since the early 1950s that the giant branch colour at the horizontal branch level varies
with [Fe/H]. A calibration by Butler (1975) gave (B —V),4 = 0.139[Fe/ H|Butier +0.97,
which agrees approximately with the calculations of Bell & Gustaffson (1975) which
give (B — V), 4/0[Fe/H] = 0.23, based on the RGB models of Rood (1972). Sandage
(1982) gives the correlation (B — V), = 0.180[Fe/H] + 1.10 (1) for Galactic globular
clusters. The dependence is well determined and shows very little scatter. Sandage’s
result agrees well with Butler’s calibration if the zero-point difference between the two
metallicity scales is taken into account.

In the (R, B-R) plane, eq.(1) can be written as (B—R), 4 = 0.29[Fe/H]+1.72 (2), using
transformations from the (V, B-V) to the (R, B-R) plane from the model atmospheres

of Bell & Gustaffson (1978).

The application of this calibration of the metallicity indicator (B — V), 4, to Mag-
ellanic Cloud clusters (or field regions) was criticised by Gustafsson, Bell & Hejlesen
(1977), since it has been based on the CMDs of Galactic globular clusters. They argued
that this sort of relation should only be applicable to stars of similar ages, or more
precisely of similar masses to those in Galactic globular clusters. However, as pointed

out by Mateo and Hodge (1985), eq.(1) is valid for clusters (or populations) older than
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3 — 5 X 108 yr, since in these cases (B — V)o,g approaches a constant value with in-
creasing age and therefore any horizontal displacement of the RGB base for ages older
than 3 x 10® yr is primarily due to variations in [Fe/H]. As shown from a grid of the-
oretical RGB models by Vandenbergh (1984), the (B — V'), , depends only on the HB
absolute visual magnitude and metallicity and not on the helium abundance or on the
CNO/Fe ratio (which is known to affect the absolute visual magnitude of the main se-
quence turnoff point). Another essential assumption made when applying eq.(1) is that
Sandage’s globular cluster calibration correctly describes this displacement §(B — V), 4
in terms of [Fe/H]. This assumption is forced on us due to the lack of any observational

relation for young populations.

Based on the same principle is the procedure followed by Da Costa, Mould & Craw-
ford (1985; hereafter DMC) for the determination of the metallicity of Magellanic Cloud
clusters. They used the models of Janes & Demarque (1983; hereafter JD) to determine
the differential relation 8(B — V), ,/0[Fe/H] = 0.32 (3), or, using the same model-
atmospheres transformations as before, (B — R),,,/0[Fe/H] = 0.5 (4). This relation
can be used to find the metallicity of a cluster (or of a field population) relative to any
Galactic cluster (of similar age, or of any age if the object is older than 3 — 5 x 10%yr,

as previously stated) with a known metallicity.

(ii) The metallicity dependence of the height AV; 4 of the RGB: The sec-
ondary metallicity indicator AV] 4 correlates very closely with decreasing metal abun-
dance (Sandage & Wallerstein 1960). Sandage (1982) gave an empirical law for the
correlation (in his Fig.2(a)), which can be simply expressed as

AV 4 = —0.81[F€/H] + 1.32 (5)

(iii) The slope parameter S: An alternative to method (ii) is the slope parameter
S (Hartwick 1968), which is independent of reddening and of the colour of the RGB.
However, as pointed out recently by Bell & Gustaffson (1983), the calibration of the S—
metallicity relation shows large scatter, mainly due to the difficulty of determining the
intersection of the HB and the subgiant branch, aggravated by the common paucity of

stars in the bright end of the RGB.

Bell & Gustafsson (1983) presented a calibration of the various metallicity indicators
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based on CMDs of Galactic globular clusters. They concluded that AV and (B — V),
are the more useful tools for giving the metallicity for a cluster. They fitted non-linear
curves to the calibration data, however their claimed deviation from linearity is rather
small and the proposed curvature was determined essentially by two points; it was

therefore not considered essential to use these non-linear calibrations in the following.

(iv) The parameter (B—V)_; : Hodge (1982) proposed a semiempirical relation,
based on a composite of various theoretical models (Kinahan & Hérm 1975; Ciardullo &
Demarque 1977; Gustaffson et al 1977; Flower et al 1980), which were scaled and zero-
pointed from the characteristics of well-defined CMDs of Galactic globular clusters.
The parameters used were the reddening corrected colour of the RGB at My = —1,
(B — V)_y, and the absolute visual magnitude of the ms ‘top’, M Sy, (which is easier
to determine on a cluster CMD than the ms turnoff; it is the usually well defined limit
of the thick population of blue stars above the ms). The three parameters (M Sy,
(B —V)_y, Z) are interdependent, with (B — V')_; being strongly dependent on Z, and
M Sy, moderately dependent on it. Fig.l is a reproduction of Hodge’s semiempirical

model.

(v) Grids of theoretical isochrones: Interpolation of the positions unknown
metallicity giants within the corresponding RGB grid taken either from theoretical
isochrones, or from loci of well studied globular clusters, can yield an estimate of the
metallicity of a given giant. The method, recently adopted by Suntzeff et al. (1986)
suffers from the following sources of error:

1. The range of age among the stars (in the case of a non-coeval CMD)
2. The uncertainties inherent in the interpolation procedure
3. The uncertainty as to whether a given star is on the first ascent GB, or on the

asymptotic GB.

(vi) Other metallicity indicators: Two other approaches to the determination
of the metal abundance from the CMD of a cluster (or a coeval population), which
are not yet well established, are the following: The first, put forward by Dickens &
Sweigart (1978), relies on discontinuities on the RGB luminosity function (caused when
the H-shell passes through the composition discontinuity produced by the deep inward

penetration of the convective envelope during the subgiant branch phase) and is
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Figure 1: The Hodge (1982) semiempirical model for the determination of the metal-"

licity of a coeval population.
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applicable only to well observed populous old clusters and obviously not to non-coeval
populations, because of loss of contrast from the superposition of different ages. The
second, proposed by Flower, Jones & Clemson (1983), correlates the metallicity of
intermediate-age clusters to the magnitude difference between the faintest core-helinm
burning red giants and the brightest ms stars. However, the age sensitivity of this
metallicity indicator must be important, and therefore it is inapplicable for the case of
a mixture of noncoeval populations of not well known ages. The large scatter of the

true d.m. among the stars further invalidates the method.

4 Metal abundance in the SMC outer regions

The empirical methods of metal abundance determination described in the previous
section are based on the CMDs of star clusters. The application of these methods
to non-coeval populations, such as those presumably comprising the outer parts of
the SMC, can only yield upper and lower limits for the metal abundance range. The
interpretation of the results can be further complicated by the presence of a wide —and
not @ priori known— range of ages in the stellar fields studied, as well as the claimed
significant line-of-sight depth of the SMC (see Chapter IX). An attempt was made to
apply to the SMC field CMD all the well-established metallicity indicators reviewed in
the previous section. In all cases, in order to improve the statistics and the accuracy
of the evaluation of the metallicity indicator, the ‘coarse’ grid of CMDs was used, i.e.

each CMD corresponds to an area of 0.88 square degrees on the sky.

Application of the metallicity indicator (i): The colour of the RG/subgiant branch at

the level of the HB/clump, (B — R),, was estimated for each of the CMDs in Appendix
A, and corrected for reddening with the use of the colour excess estimate derived in
Chapter IV. The determination of (B — R),4, though straightforward, suffers from
several uncertainties: There is a large scatter in the RG/subgiant branch caused by a
combination of (a) the observational errors in R and B — R, (b) the statistical removal
of the back/foreground objects from the SMC CMDs, the effect being most noticeable
in the more sparsely populated bright end of the RGB (which however is not critical for

the determination of (B — R),), (¢) the actual range in metallicity and age among the
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SMC field stars, and (d) the intrinsic range in the distance modulus, especially in Field
52 (Chapter IX).

The ‘clumpiness’ of the horizontal branch (Chapter VI), which appears almost cen-
tred on the RG locus, obliges us to interpolate the value of (B — R), from the colours of
the brighter RGB and fainter subgiant branch. The induced uncertainty is more impor-
tant in Field 52 where the magnitude range of the clump giants is significantly increased.
In Table 2 the estimated values of (B — R), accompanied by the corresponding dered-
dened values (B — R), , are presented. The mean value is given in each case, followed
by the upper and lower limits within which (B — R),, lies (not the standard error).
The bluest limit of these estimates may have been overestimated (i.e. too blue) because
of the inclusion of asymptotic GB stars, which cannot be separated from first ascent
red giants, for which the metallicity indicators are calibrated. This eventually leads to
an underestimate of the low metallicity limit and the deduced mean metal abundance
denotes a somewhat metal-poorer population. A quantification of the effect will not be
attempted here. The values for the metal abundance given in columns 4 & 5 of Table 2
were derived using Sandage’s calibration (eq.(2)) and the JD/DMC calibration (eq.(4))
respectively. In the latter case the well-observed SMC cluster NGC121 was used as the
comparison cluster. The metallicity of NGC121is [Fe/H] = —1.4 £ 0.1, derived from a
multiplicity of methods and (B — R))12! = 1.28 (Stryker et al. 1985). The applicability
of eq.(2) & (4) is safeguarded by the absence of any significant populations younger

than 3 x 10® yr, in the regions of interest (see Chapter VI).

Both methods give identical results within the errors. There is a small but systematic
difference between the values of metal abundance in Field 28 & 52. This difference arises
from an offset of 0.07 in (B—R), between the two Fields, which is of the same magnitude
and sign as the effect noticed in the reddening evaluation, in Chapter IV. In both cases a
zero point difference in the photographic photometry would be the most straightforward

explanation. However, a genuine metallicity difference cannot be excluded at this stage.

Application of the metallicity indicator (ii): The application of this method suffers from

larger uncertainties than the previous one, because it involves the less well-populated
bright end of the RGB, which can be more seriously affected by the back/foreground

removal procedure. The calibrated indicator AVj 4 was transformed to its equivalent
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Region | (B—R)og | [Fe/H]sandage | [Fe/H]ip/DMC
Field 28

41 1.35+0.20 —-1.27 £ 0.69 —-1.26 £ 0.40
31 1.32+£0.21 —1.384+0.72 —1.3240.42
51 1.39+ 0.20 —1.14 4 0.69 —1.18 £ 0.40
32 1.354+0.20 | —1.27 4+ 0.69: —1.26 £ 0.40:
52 1.4440.21: | —0.96 +0.72: —1.08 £ 0.42:
21 1.30£0.17: | —1.454+ 0.59: —1.36 £+ 0.34:
42 1.30 £ 0.20: | —1.45 £ 0.69: —1.36 £ 0.40:
411 1.34 £ 0.20 —1.3140.69 —1.28 £+ 0.40
Field 52

11 1.324+0.23 —-1.38 £ 0.79 —1.32+0.46
12 1.28 +£0.20 —-1.52 4+ 0.69 —1.40 £ 0.40
13 1.314+0.20: | —1.41+0.69: —1.34 £+ 0.40
21 1.26 +£ 0.17 —1.58 £ 0.59 —1.44 4 0.34
22 1.254+0.17 —1.62+ 0.59 —1.461+0.34
23 1.254+0.17: | —-1.62+0.17: —1.46 £ 0.34:
31 1.30+£0.19 —1.4540.65 -1.36 £ 0.34
32 1.27 4 0.19 —1.55 £ 0.65 —1.4240.38
113 1.34 £ 0.20 —1.31+0.69 —1.284+0.40

Table 2: Determination of the metal abundance range in the outer regions of the SMC.
Column 1 gives the identification number of each region (Chapter IV); Column 2 gives
the dereddened value of (B—R),,4; Columns 3 and 4, the derived mean metal abundance
using the Sandage calibration and the JD/DMC calibration, respectively. The values

following the + sign denote lower and upper limits (not errors).
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ARj3 3 in the (R, B-R) plane. The reddening corrected quantity ARj 96 was evaluated
from the CMDs of the regions 5.1 in Field 28, and 1.1 ,1.2 & 3.1 in Field 52. These are the
only CMDs for which AR, 96 can be derived without extrapolation. Subsequently, AR
was transformed to the equivalent AV and eq.(5) was applied. The resulting estimates
of [Fe/H] appear in Table 4. The indicator AR; 22 was also independently calibrated
using the (R, B-R) CMDs of well observed Magellanic Cloud clusters with ‘known’
metallicities (Table 3). All of these clusters have ages greater than 0.9 Gyr and are
therefore suitable for the calibration. The resulting calibration curve appears in Fig.2
and the corresponding relation can be expressed as:

ARy = —0.61[Fe/H] + 2.3 (6). However, this relation shows large scatter due to the
small number of available data. The corresponding estimates for [Fe/H] appear in Table

3 (column 4).

Both calibrations (5) & (6) yield similar results for [Fe/H], which are comparable
with those derived from the application of indicator (i), with the exception of the ap-
parently higher metallicity derived for the Field 52 regions. This discrepancy could be
accounted for by a combination of the poor statistics in both the number of regions
examined and the number of stars at the bright end of the RGB, which are additionally

scattered in Field 52 due to geometrical effects.

Application of the indicator (iii): Although the application of this method involves large

uncertainties as already pointed out (section 3), it is independent of zero-point, or,
reddening discrepancies. Unfortunately, in the present case the determination of S would
require significant extrapolation of the RGB towards brighter and redder magnitudes,

and was not attempted.

Application of the indicator (iv): This method requires the evaluation of both M Sy, and

of (B —V)_1. In the case of the noncoeval CMD studied here, only an estimate of the
magnitude of the ms ‘top’ for the youngest population present in each region can be
obtained. The transformation of M SL(V) and (B — V')_; to the (R, B — R) plane is
accomplished as in the previous cases, by using the Bell & Gustaffson (1978) model
atmospheres. The equivalence (B — V)_1 & (B — R)_1.¢ was used as an initial value,
which was subsequently iteratively corrected for in each case. The resulting estimates

for (B —V)_; and the lower limit of M Sr,(V') for the youngest populations are given in
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Cluster | ARy | [Fe/H] Ty source
LMC
NGC1777 2.70 —-0.7+0.5 (0.9 Mateo & Hodge 1985

NGC2213 2.60 —06+£02|1.3 Da Costa et al. 1985

H4 260 | -1.0£0.1]25 Mateo & Hodge 1986
SMC

NGC411 2.60 | —0.9%0.3 | 1.8 | Da Costa & Mould 1986
NGCi121 3.00 | —-14401]12 Stryker et al. 1985
L113 2.80 -144+02 |5 Mould et al. 1984
Kron3 299 | —-1.240.2 |8 Rich et al. 1984

Table 3: Calibration of the indicator (iii) using Magellanic Cloud clusters. Column /

gives the age of each cluster in billion years.
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Region QROQQG [FQ/H]-I [FG/H];;
Field 28
51 31+02|-123+£0.18 | -1.33

Field 52
11 30+£03 | -1.04+0.27| -1.08
12 3.0+£03 | —-1.04+£0.27| -1.08
31 29403 | -097+£0.30 | -1.05

Table 4: Metal abundance from indicator (ii). Column 1 gives the identification number
for the regions studied; Column 2 is the estimated value of ARj 96 after taking into
account the reddening; Column 3 gives the metal abundance derived from eq.(5) and

Column 4 gives the metal abundance as estimated from the calibration in Fig.2.
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Figure 2: Calibration of the metallicity indicator AVj 4 transformed into the (R, B-R)
plane (data from Table 3).
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Table 5. The apparent magnitude of the ms ‘top’ is transformed to its equivalent abso-
lute value, using the d.m. determinations of Chapter IX. Using Fig.1, the corresponding
upper metallicity limit for the youngest population in each region was derived. Only the
regions nearest to the SMC main body were included. As will be seen in Chapter VI, the
decrease of M Sy (R) (and of its equivalent M S (V')) with projected distance from the
SMC centre, does not necessarily signify an increase of the age of the younger popula-
tions present in the region. Therefore the values of the metal abundance given on Table
5 should not be interpreted necessarily as decreasing with distance. It is more useful to
derive the overall metal abundance range: In both Fields 28 and 52, the (B—V)_; isin
the range 1.140.1. This sets the upper and lower limit to the possible metal abundance
for an age range from 0.3 to 12 Gyr known to be present in these fields (see Chapter
VI). The corresponding M Sp(My ) would be in the range ~ 0. — ~ 3. respectively (from
the Yale isochrones). Then, according to the calibration in Fig.1 the metallicity of the
younger population of ~ 3 x 10% yr is ~ —0.7 and of an old population ~ 10 — 12 Gyr,
around —1.8. These limits agree very well with the results from the application of the

other metallicity indicators, given in Table 1.

5 Discussion of the metallicity of the SMC outlying re-

gions

Mean metallicity and metallicity range:

In the absence of detailed metallicity studies of field stars in the outer regions of the
SMC considered here, the colour of the RGB was used in the previous Section to derive
the range in metal abundance and to investigate its positional dependence across the
Cloud. All methods applied yielded comparable values for [Fe/H]:

In Field 28, [Fe/H] = —1.26 + 0.36, and

in Field 52, [Fe/H] = —1.30 £ 0.35 (8).

The values following the + signs denote the maximum range in metallicity as derived
from the CMDs and not the standard deviation around the mean metallicity. The range
indicated includes the scatter induced by the observational errors in the photometry and

the back/foreground removal procedure, the uncertainties of the calibration of the
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Region [ (B—R)-16 | (B—V)=1 | Rmax(MSL) | My | [Fe/Hminy
Field 28
51 1.724+0.16 | 1.114+0.16 18.2 —0.5 —0.90
41 1.66 +0.15 | 1.07+0.10 18.2 —-0.5 —0.85
31 1.64+0.17 | 1.06 £0.11 18.2 -0.5 —0.80
Field 52
11 1.78 4+ 0.20 | 1.15+0.13 17.8 —0.9 —0.70
12 1.67 4+ 0.20 | 1.08 +0.13 18.8 0.13 —0.90
21 1.70 £ 0.20 | 1.10 £ 0.13 18.8 0.13 —0.90
22 1.624+0.17 | 1.044+0.11 18.8 0.18 —1.30
31 1.724+0.22 [ 1.114+0.14 19.0 0.27 —0.80

Table 5: Results from the application of the metallicity indicator (iv). Column 4
gives the apparent magnitude of the top of the main-sequence, after transforming from
the (R, B-R) to the (V, B-V) plane using model atmospheres. Column 5 gives the
corresponding absolute magnitudes using the d.m. derived in Chapter IX (averaged
for the coarser-grid regions, and corrected for the V passband). Column 6 gives the
metallicity values derived by interpolation from Fig.1, using the data in columns 3 and

5. These values are lower limits of the metallicity of the younger populations present in

each area.
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metallicity indicators themselves and finally the range in distant modulus and age among

the stars used to estimate the values of the metallicity indicators.

Therefore the metal abundance in the areas studied lies between ~ —0.9 and ~ —1.7,
which agrees very well with the metallicity range of stars and clusters in the SMC older

than several 10% yr of age (Table 1).

Suntzeff et al. (1986) reported a mean metallicity of [Fe/H] = —1.60 + 0.32 (s.d.)
for a proper motion selected sample of SMC ‘halo’ giants located in a field near the
SMC cluster NGC121 (dominant age larger than 10 Gyr, according to Stryker et al.
1985). They claimed that the intrinsic metallicity spread is ~ 0.25dex, after removing
the contribution of the observational errors and the possible age range among the stars.
Although no attempt is made to derive the ‘true’ metallicity range from the present
data, due to several unquantifiable factors previously mentioned, the metallicity range

reported here does not contradict the conclusions of Suntzeff et al..

The positional dependence of metallicity:

Although it has been debated that there is significant scatter of the metal abundance
—the source of which is yet to be clarified— among the young, population I objects of the
SMC (section 2), there is no evidence of a positional metal abundance gradient across
the SMC analogous to that found in spiral galaxies. For example, Harris (1981) based
on the metal abundances of cepheid variables, found no correlation between abundance
and location in the SMC; Pagel and his collaborators (1985) reached the same conclusion
from a study of HII regions in the SMC. However, little is known about the positional
dependence of metallicity among the older populations of the SMC, extending to larger
distances from the SMC centre. Blanco & McCarthy (1983) found evidence for a pos-
sible increase of metallicity towards the periphery of the SMC, based on the surface
distribution of the ratio of the numbers of carbon stars to M giants; as they emphasize
‘this effect, if true, is valid only for the epoch when the red giants were formed (i.e. a few
Gyrs ago) and not necessarily at the present time’, which is -however- the case in the
study by Pagel et al. just mentioned. However, the C/M effect can be also attributed

to a mean age gradient (see Chapter VII).

On the basis of the present data it is not possible to distinguish between the metal-
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licities of different age-groups. Therefore, a positional abundance dependence would
refer to the mean metallicity of all age-groups present and would be the result of the
combination of the ‘age-mixture’ at different distances from the SMC central part, the
chemical evolution history and finally any original chemical composition inhomogeneities
in the SMC. Fig.3 a&b show the < [Fe/H]| > as a function of radial distance, 7o, from
the SMC optical centre, for Field 28 and 52 respectively. Because the SMC does not
possess spherical symmetry, a better representation of the situation can be achieved
by replacing r,. with the total number of SMC stars per square degree in each region
(Fig.3 c&d). It can be concluded from these figures that there is no positional de-
pendence of the estimated mean metallicity within the errors of measurement, in
either Field, for r,. > 2.6 Kpe. In Field 52 the regions with r,. < 2.6kpc appear to have
marginally higher mean metallicities. As will be seen in the following Chapter, this can
be attributed to the presence of a significant young population (7 < 4 x 10® yr), which

according to Table 1 and the conclusions of the previous section is more metal rich.

The implications of the present conclusions for the chemical evolution of the SMC
will be discussed in the next chapter, in connection with the age distribution of the stars

in these outer regions of the SMC.
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Figure 3: The radial distribution of the derived mean metallicity with respect to the

optical centre of the SMC: (a) in Field 28, (b) in Field 52.

104



Fig.3¢c

x . 5
“:"‘ * .
(=
n
= -
I Y S U S U W R NI | I P
4.1 4 3.9 3B 3.7 3.6
logn,
Fig.3d
T T l I I
= o
=
S~ .
L4
Lo - .
<
1 L " i i 11 i ! L L L ! " L i i
4.1 4 39 3.8 3.7 3.6
logn,

Figure 3: continued. The distribution of the derived mean metallicity as a function of

the logarithm of the number star density in each region: (c) in F28, (d) in F52.
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CHAPTER VI : THE AGE DISTRIBUTION

1 Introduction

In this chapter, the population synthesis of the outer regions of the SMC is examined
on the basis of the CMDs constructed in Chapter IV. The interpretation —in terms of
age— of the CMD of a non-coeval population is far from trivial. In the following, several
characeristic features of the CMDs are studied for this purpose. The relative contribu-
tion of stars of different ages will be examined, along with their radial distribution with

respect to the SMC central parts.

In Section 2 the main sequence stars detected in the CMDs are studied; in Section
3 the horizontal branch stars and in Section 4 the subgiant branch stars. Finally, in

Section 5 the possible existence of blue horizontal branch stars in the field is discussed.

2 The main sequence stars

2.1 Main sequence chronology

The characteristics of the main sequence (hereafter ms) of a star cluster (or a coeval
population in general) are often used to derive the age of the cluster. The ms—chronology
is one of the principal tools of the study of stellar populations and it is achieved by com-
paring the observed colour-magnitude diagram with theoretical isochrones constructed
from the evolutionary tracks of individual stars. In particular the location of the ms
turnoff point (i.e. the region in the Hertzsprung-Russell (HR) diagram where the stars
deviate from their core-hydrogen-burning locus) is a direct measure of the age. From
consideration of the luminosity functions associated with such isochrones Da Costa,
Mould & Crawford (1985) suggested that the best feature to use to date clusters (or
coeval populations) in the age range of a few Gyr is the ‘tip’ of the ms, i.e. the point on

the isochrone where (rapid) evolution to the red begins. The reason for this is that the
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blueward jump in the isochrones at the point of core-H-exhaustion makes the definition
of the turnoff difficult for these ages. For older populations a better procedure is to
try to fit the shape of the entire locus, between the slightly evolved ms stars and the
‘subgiant branch’ (Hodge 1983). Hodge has produced a self-consistent age-calibration
system based on ms characteristics, by interpolating between various sets of theoretical

isochrones.

In practice, several uncertainties affect this method of age determination: (i) the
observational errors in the magnitudes and colou rs, (ii) errors in the adopted values
of the distance modulus, the reddening and metal abundance, (iii) uncertainties in the
theoretical models, e.g. in stellar interior opacities, in the simple convection theory
usually employed and in the neutrino production (VandenBergh 1982) and finally (iv)
errors arising from the transformations between the theoretical bolometric luminosities
and temperatures and the corresponding observed magnitudes and colours (Carney
1980). An additional problem is the effect of convective overshooting: Stars in the
mass range corresponding to the upper ms of a cluster/coeval population of a 1-a few
Gyr have convective cores. As shown by Maeder & Mermilliod (1981), the ms lifetime
of such stars and the luminosity they reach before evolving to the red depend on the
extent to which the ms evolution is prolonged by the internal mixing that arises from
overshooting outside the convective core. Failure to allow for this effect would cause
the cluster/coeval population age to be underestimated. According to the models of
Maeder & Mermilliod, for a composition of Z = 0.03 and ¥ = 0.27 and ages ~ 10° yr,
the apparent tip of the ms is brighter by 0.3 mag if mixing up to one half of the pressure
scale height at the edge of the core occurs. This can lead to underestimation of the age
by almost 40%. Unfortunately, no predictions for the lower metallicities in the SMC
exist to date. However, it must be kept in mind that since the ages that will be discussed
on the basis of the ms in the following, reach 1-2 Gyr, the actual values suggested by

the isochrone fitting may have been underestimated by a significant amount.

In the following, the set of the revised Yale isochrones (Green, Demarque & King
1987) will be used for convenience since they are given in the B-R plane and exist in
computerised form. The use of the more closely spaced grid in the age-metallicity plane

of the VandenBergh isochrones (1985) yields essentially identical ages for the same metal
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abundances with the Yale isochrones, at the level of precision dictated by the present
data.

For the CMDs of Chapter IV, a mixture of populations of different ages and metallicities
comprise the detected main sequence. Therefore the previous techniques can only be
partially applied, to provide limits for the younger populations present. The limiting
magnitude of R ~ 20 restricts the detectability of the ms to populations younger than
1-2 Gyr of age (for the short d.m.), as can be deduced from a comparison with the
Yale isochrones for a range of metallicities 0.0001 < Z < 0.004 (Chapter V). In the
best populated ms observed (Field 52 region 113), the brightest ms stars apparently
reach R ~ 17.6 which corresponds to an age of ~ 3 x 10%yr. In Fig.la&b, the 0.15,
0.5, 1 & 2 Gyr isochrones for Z=0.0001 and Z=0.001 are superimposed on the CMDs
of region 411 in Field 28 and region 113 in Field 52. On the other hand, application of
the Hodge-calibration of the ms turnoff and the magnitude of the brightest blue stars
on the ms in terms of age, yield similar age-limits. For the brightest blue stars around
R=17.6, an age of 2 X 10® yr is suggested, while for the limiting value of R =~ 20 the

derived age limit is ~ 1 Gyr.

Study of the deep AAT CMD (Fig. 2). The observational details are given in Chap-

ter II. Although this CMD includes a small sample of stars, its interpretation is impor-
tant, as it is the only existing deep CMD in Field 52. The AAT field lies ~ 2.2 kpc from
the SMC optical centre and displays a well-defined ms reaching as bright as R ~ 20.4,
a well-delineated subgiant branch and a red horizontal branch at < R >~ 18.8 and

1.0<B-R< 14,

The age of the youngest population present can be derived using the methodology of
the previous paragraph. The 2 Gyr isochrones for [Fe/H] = —1.0 and [Fe/H] = —0.75
are superimposed in the CMD, assuming the short d.m. (m — M), = 18.7 and a
reddening of E(B — V) = 0.03. The 2 Gyr isochrone with [Fe/H] = —1.0 fits the data
reasonably well. Although the completeness at magnitudes fainter than R ~ 21.5 drops
significantly, there is evidence of the presence of older ms stars. For comparison, a 10
Gyr isochrone is also given with [Fe/H| = —1.7. However, a complete sample down to
at least 2 mag from the turnoff would be needed to define the age and metallicity of the

older populations present.
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Figure la: The CMD in region 411 in Field 28, with the Yale isochrones of 0.2, 0.5, 1
and 3 Gyr superimposed (Y=0.3, Z=0.001).

109



15

l_‘ ——— T T e e e T T T
(<ol I n
r L]

(o -
oo -
T_‘

(o2 T &3 —
oL =
o™

E . L 1 L

=1 3

Figure 1b: as in Fig.la, for the region 113, in Field 52. The dotted curves correspond
to the 0.2 and 0.5 Gyr isochrones for Z=0.0001
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Figure 2: The CMD from the CCD observations with the 4m-AAT. The 2 Gyr Yale
isochrones are superimposed for [Fe/H]=-1.0 and -0.75, as well as the 10 Gyr isochrone

for [Fe/H]=-1.7.
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It would appear plausible that at least some of the ms stars observed in the CMDs of
Chapter IV near the magnitude limit of R = 20 mag belong to the top of the ms of this

2 Gyr population.

2.2 The ms luminosity function

In view of the decreasing total numbers of stars present in the CMDs as projected dis-
tance from the SMC centre increases, the interpretation of the apparent ‘top’ of the
observed main sequence in each case in terms of the age of the youngest population
present in the region becomes meaningless, without taking into account some normali-
sation with respect to the diminishing total number of stars on the CMD. A comparison
between the luminosity functions of the ms in the various regions in Field 52 and Field
28 can offer some insight into the population synthesis of these younger SMC stars and
clarify whether the observed ms can be simply scaled on to each other or whether there

are genuine differences in the mixture of populations comprising them.

The logarithmic luminosity function log @ for the ms, was determined for all re-
gions with at least 80 stars (Table 1, col.5) in the magnitude range 20 > R > 16 and
—1. < B — R < 0.5 (for the back/foreground subtracted fine-grid CMDs). The lumi-
nosity function ®p is defined by dN = ¢(R)dR, where dN is the total number of stars
within the magnitude range R — dR and R + dR. Here, dR = 0.1 mag, i.e. of the order
of the observational error in R. A comparison of these LF (see Fig.3 for representative
examples) shows them to agree well with each other within the errors (which are pre-
sumed to be described by pure Poisson number-count statistics). Note, however that this
conclusion holds only for the relatively well-populated ms considered in this analysis.
Moreover, there are two groups of LF in Field 52, which appear to deviate significantly
from the mean locus defined by the other regions though statistically the significance of
the difference is marginal considering the observational errors. The first of these groups
includes the less dense regions, which apparently display a steeper ms-LF than the rest.
The second is exemplified by the best-populated main sequence in the Field (region
113) and shows a broad ‘bulge’ in the LF between the 18th and 19th magnitude, pre-

sumably caused by the presence of a younger population in this region (see next section).
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Figure 3: Examples of representative main sequence luminosity functions (from 0.22
square—degree regions) for Fields 28 and 52 (curve 1: most of the LF follow this curve
which is identical within the errors with the LF for F28; curve 2 corresponds to the
innermost area in Field 52, and curve 3 to the outer most areas). The dashed-line is

Salpeter’s initial luminosity function. Arbitrary offsets were applied along the log axis.
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In Fig.3, Sandage’s initial LF (ILF; Sandage 1957) is also shown. From the slope of
the ILF it is clear that the observed LF cannot be attributed to coeval populations and

that a superposition of star formation periods is implied.

There is no clear evidence of the presence of an evolutionary turnoff along the LF.
There are however discontinuities which may indicate evolutionary deviations; neverthe-
less, the superposition of different ages should be expected to bury the effect of a turnoff
by reducing the detection contrast. Some of the LFs show discontinuities between the
18th and 19th magnitude and —as mentioned previously— region 113 in Field 52 shows
a detectable change of the LF-shape in this magnitude range. Although the reality of
the occurence of a ms turnoff in this area cannot be claimed, an attempt was made to
investigate whether the brighter and fainter ms stars (younger and older respectively)
can be spatially separated, assuming that a turnoff does exist. If there was a turnoff
around R = 19 mag, it would correspond to an age of ~ 5 — 6 x 10% yr, according
to the Yale isochrones (see Fig.1) as well as from the Hodge (1983) calibration. The
ratio 7 of the number of ms stars brighter than R = 19 mag to the number of ms stars
fainter than that, was determined for each region in Fields 28 and 52. Table 1 (cols 6,7)
gives the resulting values. Fig.4a&b shows the dependence of this ratio on the projected
distance ro from the SMC centre. Only regions with at least 20 stars in the ms region
were considered in this exercise. As would be expected from the agreement of the ms
luminosity functions in Field 28, there is no evidence of a radial dependence of the ratio
in the W/SW outer regions of the SMC studied. On the contrary, in Field 52 the ratio
increases sharply in the innermost regions examined and it levels away to a constant
value for distances larger than ~ 3.2 kpc. This indicates that in the innermost regions
of Field 52 there is a population younger than ~ 5 X 10® yr which does not appear in
Field 28 and drops off ‘faster’ than the populations older than 5 x 10% yr. This younger
population at the SW edge of Field 52 can be identified with the edge of the ‘outer arm’

which is known to possess such a population (Briick 1982).

2.3 Radial distribution of stellar populations younger than 1-2 Gyr

Already in the previous paragraph an aspect of the surface distribution of the younger

populations in the SMC northeastern and southwestern outer regions
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Region | ny Nel | Msub | Mms | Mg | Y

511 2106 | 1311 | 138 | 120 93 | 0.22
512 1797 | 1064 | 105 41 26 | 0.36
513 2012 | 1275 [ 109 16 10 -

514 1606 | 927 72 14 11 -

521 1208 | 577 35 7 7 0

523 1121 | 518 31 12 5 -

411 2512 | 1514 | 161 | 273 | 170 | 0.38
412 2112 | 1302 | 134 67 46 | 0.31
413 2427 | 1368 | 133 | 323 | 218 | 0.32
414 2121 | 1274 | 129 90 61 | 0.32
421 1406 | 740 41 17 10 | 0.41
422 967 | 421 13 3 3 -

423 1415 | 727 39 12 9 (0.25
424 995 | 421 18 7 6]0.14
311 1774 | 1125 83 33 29 | 0.14
312 1566 | 905 47 19 10 | 0.47
313 2274 | 1433 | 140 | 149 91 | 0.39
314 1943 | 1206 | 103 34 25| 0.26
321 1156 | 560 44 11 4 -

322 1086 | 466 13 8 510.37
323 1355 | 693 64 12 10 | 0.17
324 1069 | 442 15 6 510.17
211 1035 | 466 23 6 510.17
212 1124 | 515 23 5 1 .

213 1347 | 722 60 14 11 | 0.21

214 1268 | 634 31 15 10 | 0.33

Table 1a: Field 28; the total number of SMC stars in each CMD (n,), the number of
clump/HB stars (n.), of subgiants (74, ), of main sequence stars with R < 20 (n,s)

and of ms stars with 19 < R < 20 (n],,). Column 7 gives ratio ¥ = (Rms — Ny, )/Pms-
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Region | n; Nel | Nsub | Toms | s | 7
111 2753 [ 1586 | 160 | 207 | 137 | 0.51
112 2258 | 1295 | 108 81 60 | 0.35
113 3763 | 1811 | 168 | 756 | 369 | 1.05
114 2580 [ 1588 | 141 | 113 84 | 0.34
121 1958 | 1076 | 105 85 73 | 0.16
122 1830 | 909 77 80 66 | 0.21
123 2197 [ 1155 | 103 | 112 92 | 0.22
124 1954 | 989 61 | 105 84 1 0.25
211 1857 | 982 71 48 43 | 0.12
212 1749 | 915 92 68 58 | 0.17
213 2109 [ 1189 | 108 47 35 | 0.34
214 2074 | 1120 | 104 73 59 | 0.24
221 1611 | 801 49 56 50 | 0.12
222 1367 | 667 33 41 33 [ 0.24
223 1935 | 1026 84 67 56 | 0.20
224 1542 | 777 46 66 54 | 0.22
131 1618 | 803 71 65 35 | 0.37
132 1314 | 596 35 40 34 | 0.18
133 1623 | 809 50 67 49 | 0.37
134 1478 | 706 47 52 43 | 0.21

Table 1b: Field 52 (as in Table 1b).
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Region | n; | N | Rsub | Mms | s | 7Y
231 1198 | 555 33 25 18 | 0.39
232 1057 | 389 9 11 7 -
233 1388 | 663 34 42 35 ] 0.20
234 1109 | 486 13 19 12 .
331 985 | 378 42 10 5 -
333 1177 | 466 41 31 18 -
311 1239 | 614 48 21 13 -
312 1319 | 626 67 18 10 -
313 1594 | 849 | 102 24 17 1 0.41
314 1478 | 744 51 31 29 | 0.07
321 1112 | 514 28 17 8 -
322 1138 | 509 64 16 10 -
323 1345 | 676 48 36 25 | 0.36
324 1334 | 584 40 36 23 | 0.56
413 1079 | 465 41 9 8 -
414 1092 | 464 35 17 6 -

Table 1b: continued.
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Figure 4: The ratio of ms stars brighter than R=19 to those fainter than this limit, as

a function of radial distance 7, from the SMC centre, in Field 28(a) and Field 52(b).
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(with 7, > 2.2 kpc) was examined. Here the radial distribution of all ms stars on
the CMDs will be investigated. As was shown in Section 2.1, these stars belong to
populations younger than 1-2 Gyr. Fig.5 presents the distribution of the number of
ms stars in the 0.22-square—degree regions, n,,,, as a function of radial projected dis-
tance from the SMC optical centre, in Fields 28 (a) and 52 (b). The values of n,,s are
given in Table 1. In Fig.5(c&d) the total density of SMC stars in each region is used
instead of the distance 7,.. The reasons for presenting this distribution were discussed
in Chapter V. For comparison, the same distributions of Fig 5(a&b), but with respect
to the dynamical centre of the SMC, are given in Fig.6 (a & b). In all cases, there
is a significant difference between the distributions in Fields 28 and 52. Even beyond
the distance where -according to the discussion in the previous section- the youngest
(7 <5 x 10® yr) populations drop off, there is a much steeper decrease of the ms—stars’
number density in Field 28 than in Field 52. The effect is also obvious in the luminosity
functions of the less dense regions in Field 52, seen in the previous section. Four factors
could account for this effect:

(i) a genuine persistence of the populations younger than 1-2 Gyr to larger distances in
the NE than in the SW outlying regions of the SMC.

(ii) the distance modulus difference between the stars in the two Fields, which is inves-
tigated in detail in Chapter IX, could cause an overestimate of the numbers of ms stars
counted in the Field 52 regions, where the d.m. is shorter by ~ 0.2 mag on the av erage.
Therefore, by counting stars down to the same limit in both fields, older, or less massive,
main sequence stars are included in the lower d.m. regions, thus increasing n,,;. The
effect can be corrected, by adjusting the limiting magnitude of the counts according to
the mean d.m. in each region (as determined in Chapter IX). This correction however
is only indicative, because of the significant dispersion around the mean d.m. in the
NE (Chapter IX). The resulting corrected curves are superimposed in Fig.5(c&d). It
can be readily seen that this effect cannot account for the differences between the n,,,
distributions in the two fields.

(iii) a significantly erroneous estimate of the back/foreground subtracted from the CMD.
However, as can be seen in Fig.2 (Chapter IV) there is no significant contribution from
back/foreground stars in the area of the SMC main sequence locus. Moreover, the

difference in galactic latitude on the foreground star density, which was discussed in
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Figure 5: The radial distribution with respect to the optical centre of the surface
number density of main sequence stars (R < 20) for Field 28(a) and Field 52(b; the +

refer to the regions with significantly different d.m.; see Chapter IX).
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(see text). The correction is negligible in Field 28.
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Figure 6: The radial distribution with respect to the dynamical centre of the surface

number density of main sequence stars (R < 20) for Field 28(a) and Field 52(b).
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Chapter IV, should have the effect of flattening rather than steepening the curve in
Field 28 (and the other way round in Field 52).

(iv) significant incompleteness at faint magnitudes in Field 28. According to the dis-
cussion in Chapter III, there is no evidence of such an effect, down to R = 20.
Therefore, the first of these factors causes at least most of the difference between the

Nms distributions in the two Fields.

An inspection of Fig.5 shows that the decrease of the surface density of stars younger
than ~ 1 Gyr with radial distance ¢annot be realisically fitted with a single exponential
curve, especially in Field 52, a conclusion already reached by Briick (1982) on the basis

of star counts.

Following this discussion it can be concluded that :

e In Field 28, the number of stars younger than 1-2 Gyr decrease more rapidly than it
does in Field 52, with increasing distance from the SMC centre.

e In Field 52 there is a contribution to the ms stars from a population younger than
~ 5 % 108 yr, presumably originating in the ‘outer arm’ and disappearing at a distance
of ~ 3 kpc from the optical centre.

e In Field 52, the top of the ms of a 1-2 Gyr population persists to distances as large
as ~ 5 kpc from the optical centre.

e The presence of a turnoff of a 2 Gyr population is shown in the deep CMD observed

with the 4m AAT in Field 52 (see also Chapter VIII).

This difference between the distribution of the younger intermediate-age populations
in the NE and SW outer regions of the SMC was also suggested by the number density
contours produced by Briick (1980) as well as by the detection of a 2 Gyr population in
the field near the star cluster L113 (Mould, Da Costa & Crawford 1984), which lies ~ 4
kpc to the east of the optical centre (northwards of the ‘Wing’ but to the south of the
southern edge of Field 52). The implications of this result will be discussed in Chapter

VIIL
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3 The clump/horizontal branch

A conspicuous feature of the CMD in both F28 and F52 is the presence of a high
concentration of stars almost centred at the base of the red giant branch, and reminiscent
of the well-known ‘clump’, characteristic of the CMDs of young and intermediate age

populations like galactic open clusters and many clusters in the Magellanic Clouds.

3.1 The core helium burning stars

Cannon (1970) identified the ‘clump’ stars with stars powered by a helium burning core
and a hydrogen burning shell. They are thus the higher mass equivalents of the hori-
zontal branch stars observed in the CMDs of older populations (as in globular clusters).
This identification was verified by the theoretical models of Faulkner & Cannon (1973;
hereafter FC). The principle of the clump formation is quite simple: stars with masses
< 2.25M¢ have electron—degenerate cores and the helium burning begins in them only
when the core reaches a fixed critical mass, which is nearly independent of the total
mass of the star, as well as of its metallicity. The helium-core behaves almost like an
independent star (Faulkner & Iben 1966) of fixed mass, hence the constancy in lumi-
nosity of the clump giants, provided that most of the luminosity of the star comes from
the He-core. For high helium abundance Y however the H-burning shell is the main
energy source. In this case, semiconvection must be taken into consideration for the

interpretation of the situation.

Although the observed ‘clump’ in most clusters possesses no apparent structure,
the theoretical models show that it is in fact almost a vertical sequence in the CMD,
running parallel to the Hayashi fully-convective boundary: stars with masses in excess
of ~ 1Mg do not describe extended blueward loops in the HR diagram during He-
core burning (like ‘normal’ HB) and remain close to the giant branch showing a very
small change in logT,.s; during this phase (FC; Hirshfeld 1980). The transition from
the vertical morphology of the clump to the horizontal morphology of the ‘normal’ HB,
presumably occuring at masses < 1My, is not well understood either observationally or

theoretically.
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The luminosity and size of the ‘clump’. In the original models of FC it was found that

the displacement of the clump magnitude with age, for ages between 3 — 5 x 108yr and
2 x 10%r (this being the whole range of ages studied by FC), is appreciably smaller than
the clump size itself. The ‘clump size’, i.e. the spread in magnitude among the members
of a single clump, was calculated by FC to be AlogL/Lg = 0.25. They also emphasized
that the clumps of clusters younger than ~ 5 x 10% yr (i.e. with red giant masses
> 2.25Mg) showed a progressive brightening with age. This effect can be understood
by the fact that such massive red giants do not have sufficiently degenerate cores to
cause a helium flash, thus the reason for constancy in luminosity (i.e. the existence of
a critical value for the He-core mass before the He-flash begins) is removed. However,
a retardation of evolution takes place, which gives rise to a clump-like feature, the
mean luminosity of which depends on mass and hence on age. In a series of recently
published models (Vandenbergh 1985; Seidel, Demarque & Weinberg 1987, hereafter
SDW) the evolution of the clump stars has been investigated in more detail, and the
dependence of the luminosity and size of the clump on chemical composition (Z), helium
abundance (Y), helium-core mass (M.) and total mass (M;) was explored. For ages
between 1 and 10 Gyr (total mass of clump giants between 0.7 and 0.9 Mg) the total
difference in mean clump luminosity suggested by SDW is élog(L/Lg) ~ 0.03, which
is evidently much smaller than the size of the clump itself. This is in agreement with
the empirical conclusion known since the first systematic study of the clump by Cannon
(1970) mentioned previously. Recent results on Magellanic Cloud clusters confirm this

(Olszewski et al. 1987; Olszewski 1988; Mateo & Hodge 1985).

The dependence of the mean luminosity level of the clump on metallicity is difficult
to assess observationally —especially for the low metallicities appropriate for the SMC
intermediate and old populations— because of the paucity of well observed star clusters
in the SMC. A study of galactic open clusters tabulated by Cannon (1970) did not yield
any evidence of such a dependence, but they have higher metallicities, and it is not
clear that this result can be extrapolated to the low metallicity objects of the SMC.
The models by SDW were evaluated only for Z=0.01 and Z=0.001, of which values only
the latter can be used (as an upper limit) for the SMC outer regions (see Chapter V).
Moreover, the metallicity changes found in these regions are much smaller —if at all

present— than the metal abundance difference between the two sets of the SDW models.
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However, an upper limit to the possible variations of clump luminosity due to metallic-
ity changes, can be obtained on the basis of these models. An inspection of the SDW
tracks indicates that in the age range of interest, the change in metallicity from 0.01 to
0.001 causes a clump luminosity variation between ~ 40.05 and ~ —0.05, depending on
the values adopted for Y and M,. Therefore, no obvious systematic trend of the clump
luminosity with metallicity can be established.

Sandage (1982) deduced from the luminosities and metallicities of RR-Lyraes in Galactic
globular clusters that there is a strong correlation between metallicity and HB lumi-
nosity. As Cannon (1983) pointed out, there is no proof that this necessarily applies
globally: ‘Even if the rule does apply to those clusters with RR-Lyraes, it may not be
valid to use a simple linear interpolation for the metal rich globulars like 47TUC that
do not contain such stars’ or for the younger globular-like clusters in the Magellanic

Clouds.

The clump size, i.e. the finite spread in luminosity of the clump stars (of a coeval
population), is caused by the evolution of the clump giants from their ‘zero-age’ loca-
tions. Using the evolutionary tracks of clump red giants by SDW, the clump size can be
determined from the luminosity range of the section on the isochrone where the stars
spend most of their time. The resulting ‘size’ is AR ~ 0™.3, but the maximum possible
size reaches AR ~ 0™.5-0™.6 (see also Seidel, Da Costa & Demarque 1987, hereafter
SDD). These values confirm the early observational conclusion of FC, mentioned previ-
ously. The clump size as predicted by the models depends on all four parameters (M.,
My, Z,Y). For the values of M; (0.7-1.0) and Z (= 0.001) appropriate for the inter-
mediate and old populations of the SMC of interest here, this dependence is negligible,
with the exception of a few particular combinations of the four parameters for which
the difference in size of the clump can change by ~ 0.05 in logL/ Lg, for the above range
in total clump-star mass M;. However, in the neighbourhood of ~ 10'° yr, there is an
indication of a transition to a horizontal morphology, and a decrease of the clump size
(in magnitude). Empirical data both from the CMDs of open galactic clusters and of
well-observed Magellanic Cloud clusters show no dependence of the size of the clump

on either age or metallicity, in the range 0.5 — 10 Gyr.

It should be mentioned at this point that, as shown by SDD, the colour of the clump
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predicted by the SDW models do not seem to fit well the observed clumps of Magellanic
Cloud clusters. The discrepancy is attributed to the assumed value for the mixing length
in the models. Moreover, as demonstrated by Sweigart & Gross (1976), the colour of
core-helium burning stars with masses below 0.9 Mg, is very sensitive to total mass,
with the model predictions becoming rapidly hotter as the total mass decreases, i.e. a

small uncertainty in the model mass leads to a large uncertainty in colour.

To summarise, both empirical data and theoretical predictions agree that for cluster
ages between ~0.5 and 10 Gyr:
(i) the mean clump luminosity is approximately constant with age and metallicity, any
variations being much smaller than the clump size itself;
(ii) the (full) size of the clump is smaller than 0.6 mag and displays little change with
age or metallicity;
(iii) the point of transition from the ‘vertical’ clump to the HB morphology depends

mainly on M, (and hence on age) and apparently occurs in the neighbourhood of 109

yr.

3.2 The clump/HB in the outer regions of the SMC

The fine grid CMDs are considered in the following discussion. The ‘clump’ region on
the CMD is defined here by the limits 18 < R < 20 and 0.6 < B — R < 1.8. The large
adopted range of magnitudes is dictated by the large clump size in some of the F52

regions (Chapter IX).

The contribution of the younger populations to the observed clump.

In Section 2 it was shown that the ms stars detected on the CMDs span a range of
ages from a few 108yr to probably ~ 1 — 2 x 10%rt and that the younger of these stars
(1 <5 x 108yr) diminish much faster with projected distance from the centre than the

older ones.

The extent to which the number density of stars in the observed ‘clump’ can be
interpreted as originating in the young and intermediate—age populations for which ms
stars are detected on the CMDs will now be investigated. For this purpose, the number

of stars in the ‘clump’, ny (Table 1), is compared with the number of stars in the faint

127



end of the ms within the magnitude limits 19 < R < 20, n/,, (Table 1). Region 113
in Field 52 which shows the most well-populated ms, is used for this comparison as a
limiting case. The total number of clump stars in this region is ny = 1811 while the
number of ms stars is n],, = 369. Notice that ny includes red giants that are not on the
clump phase, due to the large magnitude range adopted for its evaluation as previously
mentioned. As will be seen in Section 4 (see also Table 1) the maximum contribution
of subgiants to this number is ngp = 168 of which ~ 50% are actually higher error
clump stars. Assuming an approximately uniform LF along the giant branch for the
considered magnitude range the RGB contribution is ~ 80. Therefore, the clump stars
in the region are ~ 1640 and the ratio of lower ms to clump stars becomes ~ 0.22. This
value is an upper limit for the CMDs in the outer regions in both Fields and decreases
rapidly with distance (for the next most populous ms, the ratio is only ~ 0.10) to reach
negligibly small values, as would be expected from the surface distribution of the ms
stars discussed in Section 2. The expected ratio for coeval populations with ages in the
range ~ 5 X 10® yr to 13 X 10% yr varies from ~ 0.7 to ~ 1.0 respectively. These values
were derived from counts in the CMDs of well-observed open galactic clusters (NGC
7789, 1245, 752, 2158, 6940, 2360, 2477 from the Publs.D.Dunlop Obsy. 1970) and
intermediate age LMC clusters (NGC 2213 from Da Costa et al 1985; NGC1777 from
Mateo & Hodge 1985). Therefore, even in the innermost area studied here, in Field 52,
stars younger than ~ 1 Gyr can only account for at most 30% of the observed clump
stars, while in the rest of the regions studied, the difference is at least of one order of a
magnitude. This conclusion becomes evident when comparing the surface distribution

of the number densities of ms and clump stars (see Section 3.3).

A ‘normal’ horizontal branch or a ‘vertical’ clump?

Although the transition between these two morphologies is not well established, as dis-
cussed previously, it is empirically known that the former is a characteristic of globular
like (old) clusters, while the latter of intermediate age clusters. The oldest known SMC
cluster, NGC121, possesses a short red HB. It is interesting to examine the morphology
of the clump/HB observed in the CMD of the SMC outlying regions. For this purpose,
the spread in log Tess for the clump/HB stars was calculated for each region, from the
observed dispersion of the clump/HB colour, o(B — R). Only clump giants with R
magnitude within 40.25 mag from the median R (see Chapter VI) were included in
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the calculation. On average, in both Fields, o(B — R) = £(0.22 4 0.03) (Table 2).
The positional variations of o(B — R) are discussed in Section 3.3. The observational
errors in (B — R) can account for ~ £0.1 of the scatter in this magnitude range. Some
additional scatter is introduced by the back/foreground-removing routine, particularly
in the more sparsely populated areas of the clump. Both this scatter as well as that
introduced from the inclusion of first ascent giants and subgiants in ny are minimised
by considering a relatively shallow (i.e. smaller than the full width of the clump in R;
see Chapter IX) strip of AR = 0.5 mag around the median magnitude of the clump
stars, but still wide enough to obtain statistically meaningful results. The fact that
the densest regions —where both of these effects should be minimised— do not show any
tendency towards lower values of o(B — R) indicates that at least some of the observed
scatter is due to a genuine temperature range among the clump/HB stars. Assuming
that the observational scatter can be square-added to the intrinsic log Tesys scatter, it
is estimated that the scatter in the clump colour due to the spread in temperature is
~ £0.19. Evidently, this value should be treated as an upper limit (although probably
a good approximation for the densest regions) and corresponds to total temperature
scatter of AlogT.ss ~ 0.04. By comparison with the models of SDW, it becomes obvi-
ous that'temperature range previously estimated is significantly larger than the one
expected for clump stars. The presence of a genuine HB component was also suggested
by Briick et al. (1985). The above discussion implies that there is a horizontal branch
component among the core-helium burning giants in the outer regions of the SMC stud-
ied here, and therefore a significant, old (probably ~ 10'%r or more) population is

present among the field stars.

3.3 The Radial Distribution

The clump/HB stars span the whole range of ages of the populations present in the
studied areas. The radial distribution of ny with respect to the SMC optical centre
is shown in Fig.7(a&b), while Fig.7(c&d) give the distribution with respect tow;. The
decrease of ng with 7, is better defined in Field 52 than in Field 28, which may indicate
that spherical symmetry with respect to the O.C. is a better approximation in F52 (see

also Briick 1978). This does not seem to be the case in F28.
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Field 28 | (B —R) | n, || Field 52 | o(B-R) | n,
511 0.20 608 a1 0.22 640
512 0.21 491 112 0.21 489
513 0.20 614 113 0.25 778
514 0.21 423 114 0.23 656
411 0.24 767 121 0.23 383
412 0.22 647 122 0.22 301
413 0.23 649 123 0.22 405
414 0.19 590 124 0.20 359
421 0.23 316 211 0.23 365
422 0.31 100 212 0.21 257
423 0.24 308 213 0.22 420
424 0.29 80 214 0.23 398
311 0.22 555 221 0.22 278
312 0.20 440 222 0.24 202
313 0.22 704 223 0.20 328
314 0.20 608 224 0.21 241
321 0.24 192 311 0.26 200
322 0.29 123 312 0.28 210
323 0.24 263 313 0.20 278
324 0.30 111 314 0.20 262
244 0.27 135 323 0.28 209
212 0.28 172 324 0.29 176
213 0.23 303 131 0.22 219
214 0.23 259 133 0.21 262

134 0.24 191
233 0.23 187

Table 2: The dispersion in colour of clump/HB stars (Col.2), included in a strip of £0.25
mag around the median R magnitude of the clump stars (given in Chapter IX). Column

2 gives the number of clump/HB stars in this strip.
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Figure 7: (a) Field 28, (b) Field 52. The radial distribution with respect to the optical
centre of the surface number density of clump/HB stars (filled circles) and sugiants
(open circles). The different symbols in each case correspond to the group of regions in

Field 52 with different d.m. identified in Chapter IX.
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Figure 7: continued. The distribution of the numbers of clump/HB stars and subgiants,

as a function of the total number of SMC stars detected; (c) Field 28, (d) Field 52.
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Figure 7: continued. As previously, but with respect to the dynamical centre of the

SMC; (e) Field 28, (f) Field 52.
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In both cases there is no evidence of a strong central concentration of these predomi-
nantly older stars. This was also claimed by Graham (1975; 1984) on the basis of the

distribution of RR-Lyrae stars.

The distribution with respect to the dynamical centre of the SMC is shown in
Fig.(7e&f). In both fields n. falls to similar values at rq. ~ 5 kpc; however the density
is higher in Field 28 for smaller distances, as was also noticed by Briick (1980). For
both centres the approximately exponential decrease of the number of clump stars is
marginally steeper in F28 than in F52 (see also Briick 1980). However, it could be
caused, in the present case at least, by an overestimate of the back/foreground contri-
bution subtracted from the clump regions (due to the different galactic latitude of the

subtracted back/foreground region).

Though the HB/clump giants originate in the whole age range present in the field,
they include at least 10 times more stars that are older than 1-2 Gyr. It is interesting
to compare the distribution of these prevailingly older populations with that of stars
younger than ~ 1 — 2 Gyr derived in the previous section. It is obvious that in the
SW the young and intermediate-age populations drop more rapidly with distance than
the older stars. In the NE a component of the younger populations appears to follow
closely the radial distribution of the older stars, after the disappearance of the youngest
component (7 < 5 x 10% yr) at r,. ~ 3kpc. Thus, the way younger populations are
mixed with the older ones seems to be different in the SW from the NE outer parts of

the SMC. This result will be discussed in Chapter VIII.

3.4 Age distribution from the clump/HB properties

It was shown in Section 3.2 that the observed HB/clump can be attributed almost
entirely (> 90%, with the exception of the innermost region of Field 52) to populations
older than ~ 1 — 2 x 10° yr and with a probably significant component in the 1019
yr range (as deduced from the spread in logTess). The following analysis examines
the effective mean age of the clump/HB giants and its change with distance from the
SMC centre. In this discussion it will be assumed initially that the effect of populations

younger than 1-2 Gyr on the considered HB/clump properties is negligible (with the
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exception of the innermost region studied in Field 52). Subsequently, the validity of

this assumption will be discussed.
Three different approaches to the problem were attempted:

(i) the blueward displacement of the HB with respect to the RGB locus. Qualitatively,
it is expected that clump stars with masses My < 0.9My become rapidly hotter (and
hence bluer in colour) as the total mass decreases. Thus the age of the corresponding
population increases, causing the HB to appear increasingly detached from the RGB.
As mentioned in paragraph 3.1, the colour of the core-helium burning stars is not
well defined in the theoretical predictions especially for low total mass stars. Thus a

quantification of the effect is not feasible at the present stage of the models.

An empirical calibration of the colour difference A(B — R), (Table 3), between the
short red HB or clump and that of the RGB at the level of the HB, as a function of
age, T, can be achieved using the CMDs of well-observed SMC clusters. The data used
for the calibration are shown in Table 4 and the resulting relation in Fig.8. There is
a well-defined trend in the predicted sense, with A(B — R), increasing with age, from
~ 0.1™ to ~ 0.3™ for ages between 2 and 12 Gyr respectively. Other factors may affect
this correlation, such as metallicity, or quantities connected to the second parameter
problem in globular clusters. On the basis of the present data it is not possible to
evaluate the effect of these potential factors on the calibration. However, it can be
assumed that —to first order— metal abundance affects the temperature of both kinds of
giants in the same way. This assumption is confirmed by the fact that the two higher
metallicity clusters used for the calibration do not deviate from the line defined by the
other clusters which have almost identical metallicities ([Fe/H] ~ —1.35). In any case,
there is no evidence of mean metallicity changes in the regions studied here (Chapter
V), and the metallicity range is comparable to the one spanned by the clusters used for

the calibration.

An important advantage of this method is its independence from any differential
reddening effects or systematic errors in the photometry, since the colour difference
between (B — R), and (B — R)yp is applied. The quantity (B — R), was determined in
Chapter V. The median colour of the HB/clump stars is given in Table 3. The difference
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Field 28 | B—R | A(B—R), || Field 52 | B— R | A(B - R),

51 1.29 0.13 11| 1.18 0.15
52 1.27 0.11 12 | 1.14 0.18
41 1.26 0.13 21 | 1.14 0.18
42 1.26 0.14 22 | 1.13 0.18
31 1.23 0.14 31| 113 0.19
32 1.19 0.17 82 | 118 0.19
21 1.23 0.21 13 | 1.14 0.18

113 | 1.17 0.14

Table 3: The median colour (B — R) of the clump/HB and the age-indicator
A(B — R)g, for the coarse-grid CMDs in Fields 28 and 52.
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Cluster | age (Gyr) | [Fe/H] | A(B — R),
L1 10+2 -1.3 0.25
NGC121 [ 12+ 2 -1.4 0.28
Kron3 |8+£1.5 -1.3 0.16
47TUC | 13.5 -0.65 0.31
L113 5 -1.4 0.2
NGC411 | 1.84+0.3 -0.9 0.1

Table 4: List of clusters used to calibrate A(B — R), as a function of age. Deep CCD

CMDs were used for this purpose (references in text).
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Figure 8: Age calibration of the A(B — R), indicator based on the data of Table 4.
Filled circles: metallicity [Fe/H] = —1.35+ 0.05. Open circles: metallicity [Fe/H] <

—0.9 (see Table 4).
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Figure 9: The radial distribution of the A(B— R), indicator, evaluated from the coarse-

grid CMDs (data from Table 3)
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A(B — R), as a function of distance 7, from the SMC optical centre is given in Fig.9.
For both Fields, there is an increase of A(B — R),, and therefore an increase of mean
age, with increasing ro.. In Field 28, A(B — R)gy, lies between 0.10 and 0.22, which
corresponds to a change of the mean age from ~ 2 Gyr to ~ 10 Gyr according to the
calibration of Fig.8. In Field 52, A(B — R), lies between 0.13 and 0.21, indicating
a similar range in age. The question that now arises is whether the observed change
in A(B — R), can be accounted for by the known decreasing contribution of the pop-
ulations younger than 1-2 Gyr. Let us assume that the contribution of the 1-2 Gyr
population is ~10% in the innermost regions (excluding the innermost region in Field
52) and negligible in the outermost ones studied, where older populations prevail. For
simplicity an age of 10 Gyr will be assumed for these populations (e.g. Stryker et al.
1985). Then the expected value of A(B — R), between the inner and outer regions
and on the basis of the calibration in Fig.8, would vary from 0.24 to 0.25 which is an
order of magnitude smaller than the changes observed. In conclusion, the mixture of
populations older than 1-2 Gyr, changes as a function of distance. This has the impor-
tant implication that there are at least two populations older than 1-2 Gyr, which are
distributed differently from the < 1 — 2 Gyr ones and also different from each other,
with the older one (or the older ones) progressively prevailing at the outermost regions.
Finally, there is some indication of a steeper increase of A(B — R), in Field 28 than in
Field 52. Although this difference is within the errors, it may be significant, implying
the presence of a stronger intermediate age population (but older than ~ 1 Gyr) in

Field 52 than in Field 28. These suggestions will be further discussed in Chapter VIII.

(1) the spread inlog T,y of the clump/HB stars. As previously mentioned the colour
(temperature) range of the core-helium burning stars depends mainly on age. However,
this dependence is not well known either theoretically or empirically. An inspection
of Table 3 suggests that there is no implication of a systematic change of the colour
spread across the two Fields. This indicates that the presumably ‘vertical’ clump of
the young and intermediate-age populations does not influence significantly the mean
size (in colour) of the total clump/HB. This confirms that the young populations do

account for only a small percentage of the core-helium burning giants in these outer

regions of the SMC.
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(#i) The ratio of the numbers of stars occupying the RGB to n.. Cannon (1983)
suggested that the relative ‘strength’ of the HB or its equivalent clump and the upper
giant branch can be used as a crude age indicator, because the lifetime of a star in the
double (helium core plus hydrogen shell) energy source phase is only weakly dependent
on total mass (and hence on cluster age). On the other hand, the rate of evolution
of a giant up the ordinary hydrogen—-burning giant branch slows down markedly as the
stellar mass decreases. Therefore, one would expect the ratio npgp /neq to rise with age.
An attempt for an empirical calibration of this quantity as a function of age is shown
on Fig.10 (data from well observed Magellanic Cloud clusters; see Table 5). Although
there is evidence of a trend in the expected sense, the rate of change of the ratio with
age is apparently too small to render a useful age indicator. Mainly two factors reduce
the observed rate of change of the ratio: (i) the inclusion of upper RGB stars in ny due
to the broad magnitude limits within which ‘clump’ stars were counted. The adoption
of such broad limits was necessary in order to be able to apply the ‘calibration’ to the
SMC field CMDs of interest here; and (ii) asymptotic giant branch stars could not be

separated from first—ascent red giants, thus contaminating npap.

For the sake of completeness, this method was applied for the giants in Fields 28 and
52 and Fig.11 shows the resulting radial distribution of the ratio with respect to the SMC
optical centre. There is no evidence of a trend towards larger projected distances from
the centre. Moreover there is a discrepancy between the values in Field 52 and Field 28.
This is believed to be due to the fact that the clump/HB is generally more extended in
Field 52, thus contaminating the ‘RGB’ region more severly than is the case in Field 28.
The actual absolute values of the ratios have little meaning, given the different degrees
of contamination of the RGB by clump/HB stars in the CMDs and in the calibration
ratios. An additional problem is the contribution of the back/foreground stars, which
can vary by ~ 10%, the removal of which increases significantly the uncertainty in the

determination of the ratio especially affecting npgp.
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Cluster | age(Gyr) | nreB /e Source

SMC

NGC121 12+ 2 0.29 Stryker et al. 1985
Kron3 8+1.5 0.28 Rich et al. 1984
L113 5405 0.20 Mould et al. 1984
NGC411 | 1.84+0.3 0.21 Da Costa & Mould 1986
L1 10+ 2 0.32 Olszewski et al. 1987
LMC

N1651 2.5+0.5 0.21 Mould et al. 1986
N1777 0.9+0.2 0.20 Mateo & Hodge 1985
H4 25+04 0.19 Mateo & Hodge 1986
N2213 1.6+ 0.6 0.25 Da Costa et al. 1986
N1978 2 0.23

Table 5: Magellanic Cloud clusters used for the calibration of the ratio nrgp/na as a

function of age.

142



Figure 10
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Figure 10: The age calibration of npgp/na for Magellanic Cloud clusters (data from

Table 5).
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Figure 11: The radial distribution of the ratio of the number of red giant branch stars
(nreB) to clump/HB stars (ng) in each of the fine-grid CMDs. (a): Field 28, (b): Field
52.
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4 The subgiant branch

In the CMD of Appendix A, there is a well defined structure at R > 19.4 and 1.0 <
B —R < 1.6, which may be interpreted as a subgiant branch. The existence of subgiants
in the SMC field is well established. It was first convincingly demonstrated by Hardy
& Durand (1984; hereafter HD) in their study of the population synthesis in the Wing
of the SMC. The few existing deep CMDs of SMC field populations (near the clusters
Kron3, L113, NGC411 and NGC121) confirm this result. Note that the AAT CMD
in Fig.3 also shows a well delineated subgiant branch. Empirical information based
on observations in the Galaxy can be used to set limits to the age (or mass) at which
subgiants begin to populate the Hertzsprung gap. Inspection of the diagrams of clusters
dated by Janes & Demarque (1983) shows that as age increases, the transition to a
populated subgiant branch takes place somewhere between the ages of the old Population
I galactic clusters NGC2420 (7 = 3 x 10%r) and M67 (7 = 4 x 10° yr), as remarked
by HD. Kinahan & Harm (1975) also proved in their theoretical models that the
presence or not of subgiants in the HR-diagram is independent of chemical composition.
Therefore, the existence of subgiants in the CMD indicates a population at least 3
Gyr old, irrespective of metallicity. In the previous paragraphs the surface distribution
of populations younger or older than ~ 1 Gyr was discussed. It was also suggested
that the mixture of populations older than 1 Gyr is not uniform. By investigating
the behaviour of the subgiant population, one could refine the age grid by effectively
isolating the behaviour of tentative populations with ages between ~ 1Gyr and ~ 3

Gyr. The number of subgiants, n4, in the fine-grid CMDs are given in Table 1.

Before proceeding, one should ensure that the contamination of the defined subgiant
region with stars from the HB/clump is not large enough to invalidate the proposed
effective age separation. Two effects hamper the quantification of this contribution:
(i) the increasing incompleteness towards the faint end of the subgiant branch, and
(ii) the fact that the dispersion around the mean clump magnitude, as calculated in
Chapter IX, includes the subgiant region itself and therefore it can only be used to
set an upper limit to the effect. A lower limit can be obtained from the minimum
expected dispersion around the mean HB/clump magnitude (see Chapter IX), £0.32.

However, in each region the contribution of clump/HB stars to the subgiant population
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is different, depending on the mean distance modulus and the scatter around this mean
in that particular region. Regions 411 in Field 28 and 213 in Field 52 were examined in
this respect, as typical examples. The former has a d.m. of 18.98 & 0.37 and the latter
18.83 £ 0.46. From the number of clump/HB stars within the same colour limits as
the subgiant region, and assuming a normal distribution of the magnitudes, it is found
that more than 50% of the stars in the subgiant region can be accounted for by high
error clump/HB stars, even when the lower limit of the dispersion is applied. Given the
small number of stars in the subgiant region and the additional errors introduced by
the removal of the back/foreground, the number of stars in the subgiant region is not
a very good indicator of the distribution of stars older than 3 Gyr in the SMC outer
regions. Fig.7a&b shows the radial distribution (with respect to the optical centre) of
the numbers of subgiants in Fields 28 and 52. It can be readily seen that the radial
distribution of subgiants follows exactly ~within the errors— that of the HB/clump stars.
This might be interpreted as indicating that a population between 1-3 Gyr is either
negligible with respect to the older populations, or else it is very well mixed with them
in the whole of the area studied. However, according to the previous discussion, a

significant part of this effect is due to the contamination from HB/clump stars.

5 The absence of blue horizontal branch stars in the

SMC ‘halo’

The morphology of the horizontal branch (clump, short red HB, bimodal HB, blue HB)
depends on age, metallicity and probably on several other parameters like the Zeno /ZFe
ratio, the helium abundance, rotation and mass loss rates (Stryker, Da Costa & Mould

1985; Rood & Crocker 1988 (IAU 126, 507)).

The oldest known object in the SMC is the cluster NGC121, which possesses a well-
populated red HB as well as RR-Lyrae variables, but no blue HB. The age of NGC121
is 124+ 2 Gyr and comparable to the age of the older stars in the surrounding halo field
(Stryker et al 1985). No blue HB stars have been identified up to now in any of the
studies in the SMC (Stryker 1984).
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A blue HB similar to the one found in the LMC cluster H11 (Stryker et al. 1984;
Andersen et al. 1984) would be expected on the SMC field CMDs within the limits
20> R > 19 and B — R < 0.2. On the basis of the distribution of RR-Lyrae variables
(Graham 1975; 1984), as well as of the subgiants and clump stars presented in the
previous paragraphs, we do not expect a strong central comncentration of the oldest
population. However, an inspection of the CMDs in the outer regions, where the ms
top is fainter than ~ 20™, does not show any trace of stars in the blue HB area of
the CMD. To increase the probability of detection, the most well-populated regions
were examined. A blue HB would appear as a ‘bump’ on the main sequence. There is
some evidence of small discontinuities in the main sequence luminosity function in the
neighbourhood of R = 19 mag, as previously seen, but these can be interpreted equally
plausibly as evolutionary effects on the ms itself. With the present data, there is no
way of proving that such discontinuities are not due to evolutionary effects among the

young populations.

From the number density of stars in the previously defined tentative blue HB region
on the CMD for the more remote regions, it is concluded that the blue HB stars, if at
all present, have densities smaller than 10-20 stars per square degree, where the red HB
star density is of the order of 2000 /per square degree. If this effective absence of blue
HB stars is attributed to an age effect, then it can be concluded that the contribution
of a population similar to that of H11 in the LMC or of galactic globular clusters
(7 > 12—14 Gyr) is at least two orders of magnitude less important than the populations
younger than 10-12 Gyr, represented by the short red HB/clump, assuming that both
the blue and the red HB are equally populated. However, the relative strength of the
two components for a coeval population depends on several factors (second parameter

problem) not yet well known. Therefore, even this upper limit is not well-founded.
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CHAPTER VII: CARBON STARS

1 Introduction

A number of recent surveys (Blanco et al. 1980; Cohen ef al. 1981; Russell & Hyland
1985; Westerlund et al. 1986) have shown that carbon stars (CS) are abundant in the
Small Magellanic Cloud. The CS are considered as belonging to a rather broadly defined
intermediate age population and are often used as tracers of the distribution of such
populations in nearby galaxies (see e.g. Aaronson & Mould 1980; Mould & Aaronson
1983). The plethora of CS in the SMC field and cluster populations has greatly boosted
the theoretical study of these stars, after the breakthrough in the understanding of the

basic process of their formation by Iben (1975).

In Section 2, the present status of CS theory will be examined in connection with
the significance of CS as age indicators. The properties of the CS in the SMC have
played an important role during the past ten years, in promoting the hypothesis of a
significant burst of star formation a few Gyr ago in the SMC. However, the current
theoretical models can account for these properties without invoking star formation

bursts (see Section 4).

Although a lot of work has been done in the past on the properties and space
distribution of CS in the SMC general field, no existing survey covers in a satisfactory
way the outer periphery of the SMC which is of interest here. Consequently, a separate
search was conducted for the detection (Section 3) of carbon stars in Fields 28 and 52.

The surface distribution of these CS and their properties are discussed in Section 4.

Notation: In the following, stars with specral types K and M will be referred to as

M stars.
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2 The significance of CS as age indicators

The CS are thought to be in the asymptotic-giant-branch (AGB) phase of evolution,
alternately burning hydrogen and helium in shells above an e~ —degenerate carbon—
oxygen core. The excess of carbon relative to oxygen at the surface of these stars,
which gives rise to the CS spectroscopic characteristics, is produced by the ‘dredge-up’
mechanism, first suggested by Iben (1975): when the helium shell ignites, it does so
explosively, pushing the surrounding layers outwards and initiating convective ‘dredge-
up’ of carbon and neutron-rich elements. The helium-shell flash stops the hydrogen
burning and the star fades by up to one magnitude till hydrogen reignites. Following
this thermal pulse power-down phase, the freshly produced carbon and neutron-rich
isotopes are mixed into the He-burning convective envelope. Carbon stars result when

dredge-up has increased to beyond unity the ratio of carbon to oxygen in the atmosphere.

Comparative studies of carbon stars in Magellanic Cloud clusters showed that such
objects younger than ~ 8x10%yr, or older than 8—10x10? yr, do not possess carbon stars
(e.g. Iben 1984). The most probable explanation for the lower age limit is the suggestion
by Mould & Aaronson (1986) that thermal pulses cannot be established in stars of 5Mg
or more (corresponding to a maximum bolometric magnitude of My, = —5.7), before
the stellar envelope is completely eroded away by rapid mass-loss. So younger clusters
have the tip of their RGB populated by oxygen rich M giants rather than CS. The
upper age limit, on the other hand, is connected with the minimum stellar mass for
which the third dredge-up mechanism can occur. This minimum mass depends on the
metal abundance of the stellar envelope (Wood 1981), and therefore the upper age limit
of CS is not the same for all systems. Another possible explanation is the loss of the

stellar envelope before the M-to-CS transition luminosity is reached.

This discussion shows that the presence of carbon stars in a system indicates popu-

lations with ages between 0.8 and 8 Gyr.

According to Mould & Aaronson (1980; hereafter MA) the mazimum luminosity
of AGB stars, and hence of CS, is a function of the age of the cluster (or generally
of the coeval population) to which they belong. The physical principle is simply that

Mo, aGB is a function of the core mass of the red giant which in turn is a function of
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the initial mass of the star at the ms-turnoff and hence a function of age. MA derived
a theoretical calibration of this dependence, taking also into account the effects of the
helium and metal abundances, the mass loss along the RGB phase and the evolution in
the RGB. The application of the MA calibration in practice can only yield the maximum
age of a cluster, since the observed most luminous star provides only a lower limit
to the actual maximum possible luminosity of AGB stars in the particular cluster,
because of poor number statistics and the short lifetime (~ 7 x 10°yr) of the CS as
such. This method of chronology of coeval populations was strongly criticised by Hodge
(1983), who found large systematic errors in the ages derived from the AGB luminosity,
particularly in the neighbourhood of 1 Gyr. In a more recent publication, Mould &
Aaronson (1985) compared their theoretical predictions for the age vs. maximum AGB
luminosity relation with observational results, gathered from a number of well-observed
Magellanic Cloud clusters. They concluded that for ages of the order of 1 Gyr or less
the observational curve flattens away, and the calibration is no longer valid. This effect
was interpreted by the authors as stemming from a more rapid mass loss for these more

massive stars.

According to the AGB models of Iben (1982), the threshold luminosity for carbon
stars is expected to be approximately —4.5 in Mpy, with a tail extending to —3.7; or,
according to Mould & Aaronson (1986), at My, ~ —4 with a tail extending to —3. There
are however even fainter CS which seem to require a different mechanism of formation,

probably through binary mass transfer.

In conclusion, although the upper and lower limits of the possible ages of CS appear
to be well established both observationally and theoretically, the use of their luminosities

as age indicators is not —for the moment at least— a good practice.

3 Field carbon stars in the outer parts of the SMC

The most extended —in areal coverage— recent survey of CS in the SMC field was con-
ducted by Blanco & McCarthy (1983, hereafter BMC; also Blanco, McCarthy & Blanco
1980 (BMB); Blanco, Blanco & McCarthy 1978). They found that the SMC carbon

stars had magnitudes in the range 14 < R < 17). Their study was based on low dis-
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persion spectroscopy in the near infrared covering a total of 6.8 square degrees on the
sky. BMC constructed isopleths of constant surface density for both the central parts
and the ‘periphery’ of the SMC. Their outermost isopleth (10 stars per square degree)
only reaches the innermost edge of Field 28, although it penetrates to larger distances
in Field 52. On the whole, the BMC survey includes 1.26 square degrees in Field 52
and 0.14 square degrees in the Field 28 part, i.e. less than 3% of the total area of the
present study. According to the discussion in the previous section, the CS and their
luminosities can serve as age indicators. It was therefore considered important, in the
absence of any extended previous study in these regions, to perform an independent
search for the detection of carbon stars in Fields 28 and 52. Two different approaches
were followed for this purpose: First, CS were identified from their spectra on UKST

prism plates and second, from their location on the CMDs.

From UKST prism plates:

The obsevational material used for this search is described in Table 1. The CS were
identified on the UKST blue prism plates by the fact that the Cy band divides the
CS spectrum into small blocks which are highly recognisable even in more crowded
fields (see Plate 13 in the ‘UKST Objective Prisms’, Savage et al. 1985). Thus the
CS detection was straightforward and the CS found are shown on the finding charts of
Appendix B. Unfortunately, no prism plate existed for Field 52 and only a small part
of it could be searched for CS on the overlapping area with Field 29. The resulting

numbers of CS in the coarse grid ‘cells’ in Fields 28 and 52 are shown in Table 2.

Generally the Cy strength increases with (B — R) colour (Westerlund, Azzopardi &
Breysacher 1986, hereafter WAB). Therefore the bluest CS may have been undersampled
in the present survey. Although most of the CS in the SMC seem to fall in this category
of ‘normal’ carbon stars, according to WAB there are also a few CS too red for the
strength of their C; band, as well as a group of blue CS with strong Cy (R stars) or
with enhanced '*C abundance (J-type stars). Such discriminations were not attempted
in the present study. Nevertheless, the above discussion indicates that use of the Cj-
band criterion for the detection of CS is actually appropriate, in the sense that its
adoption does not seem to be leading to significant biases in the resulting catalogue.

Obviously, CS with B magnitudes below the limit of the prism plates (Bjim ~ 19), such
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Field | RA | DEC Plate uT grade | emul. | Filter
28 | 0hoo™ | —75° | YJ10373P | 13/8/1985 | bU | IllaJ | GG455
SMC | 0h06™ | —75° | YI8311p |17/12/1982 | al | IIlaJ | GG455

Table 1: Characteristics of the prism plates used for the carbon-star searches.
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Region | nes1 | Mes2 | Meap
Field 28
51 11 6 9
52 0 0 1
41 30 | 18 | (30)
42 2 0 2
31 13 6| 10
32 0 2 1
21 2 2 1
Field 52
11 19| 11| 33
12 > 6 5| 16
13 * 2 8
14 ¥ 0
21 10 7 | (10)
22 * 0| 10
23 * 2 3
24 % 0
31 * 2 A4
32 * 0 3
33 * 2 4
34 * 2

Table 2: Numbers of carbon stars found in Fields 28 and 52; in Column 1 from method
1 (prism plates) and in Column 2 from method 2 (CMDs). Column 3 Number of CS
expected on the basis of the number of ms stars in each region (normalisation with
respect to region 41 in Field 28v and 21 in Field 52.

Note: (*) regions not covered by the Field ‘SMC’ plate.
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as very red N stars, as well as CS with weak Cy band, however rare, are not detected.

From the CMD:

As discussed in Section 2, the carbon stars reside on the asymptotic giant branch,
beyond the tip of the first-ascent red giant branch. As shown from CS studies in SMC
clusters (Bessell, Wood & Lloyd-Evans 1983) CS can be separated effectively from M
giants, on the basis of their colour, for B — R > 3. Hotter CS also exist, but they
apparently occupy the same part of the CMD as M giants. Therefore, a catalogue of CS
selected on the basis of their colour from a BR colour-magnitude diagram, is essentially
biased in favour of cool CS. As remarked by Russell & Hyland (1985) the existence
of a separating zone between carbon and M stars on the CMD depends on the metal
abundance. However, the method is worth applying, especially since the first method
previously described is not applicable for the greatest part of Field 52. A catalogue of
CS candidates was thus created for both Fields 28 and 52, including all detected stars
with 14 < R < 17 (this range adopted according to the results from Blanco, McCarthy
& Blanco 1980) and B — R > 2.9. The original (not corrected for the back/foreground
contribution) CMDs were considered. A list of these is presented in Appendix B, along
with their coordinates, magnitudes (R) and colours (B — R) and bolometric magnitudes;
the bolometric corrections (BC) were calculated using the B.C. vs. (B-R) curve shown
«n Fig.1, which was based on data from Richer (1981). Table 2 presents the numbers
of CS candidates identified by this method, in the various ‘cells’ of the coarse grid of

CMD in both Fields 28 and 52.

In addition to the previously mentioned bias of the sample towards cool CS, other
factors contribute to increasing the incompleteness of the catalogue. First, the procedure
of pairing the photographic plates, may have removed variable carbon stars, or CS with
images blended with those of other stars, or stars with randomly erroneous coordinates
in any one of the paired plates. Secondly, very red carbon stars, with B — R >4 —7
(depending on the actual magnitude) are lost due to the limiting magnitude in B. The
fact that most of the CS candidates are actually carbon stars is verified by a comparison
with a spectroscopically verified sample (see next paragraph). An inspection of the most
outlying regions in Field 28 with no CS detected by the first method showed that on

the average 1-2 stars per square degree in this region of the CMD are back/foreground
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Fig.1

0.5

Figure 1: Bolometric correction vs. colour (data from Richer 1981).
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objects. The numbers that appear on Table 2, have been corrected for this contribution.

Completeness and comparison of the two catalogues:

A sample of the CS from this study —selected by both methods from Region 4.1 and 3.1
of Field 28— were observed spectroscopically by Lloyd-Evans (private communication)
and were all confirmed to be CS of the strong C3/low CN type, reflecting the low
primordial N abundance in the SMC (Lloyd-Evans 1980). The CMD of these carbon
stars is shown in Fig 2. The colours and magnitudes were derived from the COSMOS

data-set described in Chapter III (see Table 3).

The incompleteness of the second method compared with the first one is obvious in
Table 2, from the relative numbers of CS candidates detected by the two procedures.
This relative incompleteness of the second method reaches the value of 40% and is mainly
due to the large adopted value of the colour limit, which was necessary in order to exclude
M stars from the catalogue. The existence of CS bluer than this limit is clearly shown
on the CMD of the spectroscopically confirmed CS; the relative numbers of CS bluer
and redder than this limit on this CMD are an artifact of the selection criterion for the
observations by Lloyd-Evans. On the other hand, a comparison between stars identified
with the two methods in these same regions did not yield any star selected on the basis
of its colour and not included in the first catalogue, while actually a spectroscopically

confirmed CS.

An absolute estimate of the completeness of the first catalogue can be achieved by
comparisons with the existing samples of CS detected with infrared techniques. As
previously mentioned, the only survey partly overlapping with the present one is that
of BMC. They claim a completeness of 95% for their catalogue, at least in the less
crowded regions studied (in the central regions however their incompleteness may be as
high as 26%, as claimed by Russell & Hyland 1985). The comparison was conducted for
region 4.1 in Field 28, in which the number of CS found with the first method is 34 per
square degree. By interpolation from the BMC maps, the number predicted by them
in the same region is ~ 39 per square degree. Therefore, the deduced completeness of
our survey with respect to the BMC infrared survey is 88%, or 84% with respect to the

total number of CS expected in the region, according to the BMC estimates.
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RA(1950) | DEC(1950) | R |B-R

00 20 48 |-75 02 40 | 15.36 | 2.95
00 21 39|-75 03 01 |15.22 |2.75
00 17 23 |-75 01 02 | 15.86 | 3.20
00 14 42 |-74 44 07 | 15.57 | 2.42
00 12 52 |-74 59 24 |15.28 | 2.62
00 13 18 |-74 43 31 | 15.59: | 2.73:
00 13 04 |-756 12 37 |15.40 | 3.55

00 10 47 |-74 34 43 |* *
00 21 03|-74 38 49 |* *
00 12 40 |-75 24 11 |* 4

00 16 10 |-75 25 30 |15.65 | 1.85
00 16 44 |-75 11 44 [15.92 | 3.89
00 13 04|-75 11 44 |17.10 | 1.75
00 20 37 |-74 47 34 (17.11:| 1.12:
00 21 34 |-74 40 19 | 13.86: | 2.45:

Table 3: Spectroscopically verified carbon stars.
Columns 3,4: the magnitude R and colour B-R are COSMOS estimates (Chapter III).
Note: (*) stars not paired in all J and R plates.



14

18

Figure 2: The CMD of the spectroscopically confirmed CS appearing in Table 3.
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4 The radial distribution and LF of the CS

The radial distribution of the CS

The CS can be used as tracers of the intermediate populations in a galaxy; the radial
distribution of the CS number densities in the NE and SW outer regions of the SMC,
with respect to the optical centre are now examined (Fig.3). A first inspection of these
distributions shows that they resemble closely the distributions of stars younger than
1-2 Gyr derived in Chapter VI; the corresponding curves are superimposed on Fig.3. In
order to confirm qualitatively this similarity, the expected number of CS was calculated
in each ‘cell’ on the basis of the number of main sequence stars younger than 1 Gyr in
the same region, the normalisation factor being the ratio of CS to ms stars in the well
populated region 4.1 in Field 28. These ‘predicted’ numbers of CS appear in column
4 of Table 2. In almost all cases the ‘predicted’ and detected numbers differ by less
than 1o (assuming Poisson number statistics). There is one exception, the relatively
low number of CS with respect to the number of ms stars in the region in region 1.1
of Field 52. This however can be understood by the fact that the ms in this region
includes a significant number of stars younger than 0.8 Gyr, i.e. populations that do
not form CS. It was also noted that the distributions of both samples of CS are similar
(at least in Field 28, where such a comparison is feasible), although the more complete

catalogue was used for the above analysis whenever possible.

The magnitude distribution of the CS

The second sample was used for this study. It must be kept in mind that the sample
is temperature limited, and the magnitude range is preset within 14 < R < 17 (which
—as previously mentioned— is the range of CS magnitudes found by the BMC survey).
The magnitude distributions for the whole of Field 28 and Field 52 are shown in Fig.4.
The numbers of CS in individual ‘cells’ are too small to render a comparison of the CS
magnitude distribution at various distances from the centre meaningful. However, some
conclusions can be derived from the ‘global’ magnitude distributions shown in Fig.4.
In Field 52, CS appear to be systematically brighter by ~ 0™.2 than those in Field
28. Moreover, their magnitude distribution is marginally more dispersed. Both of these
differences can be explained by the geometrical effects analysed in Chapter IX: the NE

outer regions of the SMC (Field 52) are both nearer in the mean (by ~ 0™.2
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Figure 3: Radial distributions of the numbers of CS (per square degree), with respect
to the optical centre; (a) Field 28, (b) Field 52.
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Figure 4: Magnitude distribution of CS (from method 2). The dashed line shows the
magnitude distibution of all carbon stars in the BMB catalogue (in the NE).
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in distance modulus) and deeper along the line of sight than those in the W/SW (Field
28). However, the same result could be caused by the presence of a group of intrinsically
brighter (and presumably younger) CS in Field 52. Although the first interpretation
seems satisfactory and entirely consistent with the other results of this study, the second

possibility cannot be ruled out.

It is also interesting to compare these magnitude distributions with the ones derived
by BMB. As seen on Fig.4 (dashed line histogram), although they differ marginally
in shape, they peak around the same magnitudes. This indicates that the CS in the
outer and inner regions studied in the two studies originate from the same populations.
However, it would be inadvisable to follow up this point any further, in view of the
incompleteness of the present samples (especially on the faint end of the CS distribution)

and the poor statistics.

Age estimales

By applying the age calibration of the maximum AGB luminosity described in Section
2, an estimate for the (maximum) age of the younger CS in the SMC periphery can be
obtained. Taking into account the mean distance modulus difference between the NE
and W/SW areas (Chapter IX), the CS bright magnitude cut-off appears to be the same
in both Fields, around R = 15.1 (reduced to a reference d.m. of 18.7), or My, = —4.2
(according to Fig.1). This corresponds to an age of 9 Gyr according to the Aaronson
& Mould calibration. This is of course only an upper limit. There are carbon stars as
bright as R ~ 14 in both Fields, corresponding to an age of 0.8-2 Gyr. Assuming that
all detected CS originate from this age-range and given that the lifetime of the CS as
such is ~ 10 yr, the probability that the observed brightest star does actually coincide
with the upper limit of the AGB luminosity is ~ 50%.

From the BMB distributions, the bright magnitude cut-off occurs at R = 14.8, indicating
maximum ages between 5-8 Gyr (BMB concluded an age range of 3-5 Gyr, by adopting
the long d.m. for the SMC). Given the uncertainties inherent in the calibration, in
the determination of the ‘bright magnitude cut-off” and in the SMC distance modulus,
no firm upper limit can be derived from these arguments on the age of the CS in
the SMC periphery. They could well span the whole range of possible ages of CS in
the Magellanic Clouds from 0.8 to 8-10 Gyr, although the numerology of the previous
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paragraph suggests that many, if not all, of the observed CS are younger than 2 Gyr.

The spatial distribution of the CS examined in the previous subsection is a more
useful indicator. The CS follow almost exactly the distribution of the younger popula-
tions (7 < 1 — 2Gyr). This can interpreted in the following ways:

(i) Most of the CS detected (at least by the 2nd method) are younger than 1-2 Gyr.
(ii) If they originate from the whole range of possible ages (0.8 to 8-10 Gyr), then all
these ‘populations’ are very well mixed and their distribution is indistinguishable from
that of stars in the age range ~ 0.5 to ~ 1 — 2 Gyr.

The second suggestion is less conclusive because the efficiency of CS formation depends
on age, with all AGB stars becoming CS for the younger populations (see Section 2).
Effectively, the first suggestion seems to be valid, although the existence of populations

in the 2-8 Gyr range is obviously not excluded.

At this point it is interesting to consider a number of misinterpretations of the
properties of carbon stars in the Magellanic Clouds, in the not so distant past:
Firstly, the large number of CS in the SMC (and in the LMC) was initially interpreted
as pointing to a star formation burst a few Gyr ago (e.g. Blanco & MacCarthy 1983).
However, Bessell and his collaborators (1983; also Bessell 1983) showed that the number
of giants that become carbon stars for the same range of initial masses, depends strongly
on metallicity. For example, the high metallicity of stars in the galactic centre (Z =~
3 X Zg) precludes any of them from becoming a carbon star, before their asymptotic
giant branch evolution is curtailed by envelope ejection. More recently, Mould (1986)
proved that the SFR in the SMC need not have been higher in the past —actually it
could have been as low as 1/6 of the present rate— in order to account for the numbers
of CS observed in the Cloud.
Secondly, it was noticed by Cohen et al. (1981) that there is an apparent sparsity of
bright CS with masses greater than 3-5 Mg in the SMC. The occurence of cepheid
variables in the same regions ruled out the possibility of this absence being due to an
age effect (Becker 1982). Cohen and her collaborators interpreted the effect as showing
either a steeper IMF for intermediate mass stars in the SMC, or a higher SFR in the
past than at present, or as the omission of some physical factor in the theory. The latter

of these possibilities was actually proved to be the case (see Section 2).
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Another important conclusion that can be derived from the CS distribution in Fields
28 and 52 is the confirmation of the asymmetry of the radial distribution of the young-
intermediate age populations with respect to the SMC optical centre, which was also
noted in Chapter VI. This effect is also indicated by the shape of the outer isopleth
given by BMC, although their study is confined to smaller distances from the centre,

compared with the present study.
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CHAPTER VIII : DISCUSSION OF THE STELLAR CONTENT AND
EVOLUTION OF THE SMC OUTER REGIONS

1 Outline of the conclusions on the stellar content of the

SMC outer regions

The conclusions from the previous analysis of the stellar content in the NE and SW

outer regions of the SMC can be summarised as follows:

(i) There is a mixture of ages present in the field in the outer regions of the SMC
studied, ranging from a few 108 yr to several 10° yr, probably in excess of 10'° yr, but

apparently not as old as objects in the Galactic halo.

(ii) Different age groups are distributed differently with respect to the SMC centre and
in some cases differently in the SW and NE outer parts of the SMC.

Populations younger than 5 X 108 yr are present in the NE at distances between 2 and
3 kpc from the optical centre; these belong to the ‘outer arm’ population (Briick and

Marsoglu 1978; see also Fig.2b in Chapter I).

Populations in the age range of 5 — 6 x 10® yr to 1-2 Gyr can account for less than
10% of the SMC field populations in the SMC periphery, even at the innermost regions
examined. Their radial distribution drops more sharply in the SW than in the NE. In
the SW area they display a significantly less extended distribution than the older stars.
In the NE, they apparently follow closely the rate of decrease of the older population
till they disappear.

Carbon stars with ages between 0.8 and 8 Gyr apparently follow exactly the distribution
of the younger than 1-2 Gyr population, at least in Field 28, where the CS survey is

complete.

The bulk of the stars in the SMC field belong to populations older than approximately

1-2 Gyr. The mean effective age of the SMC stars increases from ~ 2—3 Gyr at r, ~ 2.5
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kpc to ~10 Gyr at r, = 4.5kpc.

(iii) Despite the wide range of ages present in the areas studied and the existing gradient
of mean age, the mean metal abundance seems to remain constant throughout both
Fields, with the possible exception of the innermost region studied in the NE, which

includes a significant younger and more metal-rich population.

(iv) The asymmetry of the stellar population distribution between the NE and SW
periphery seems to be less pronounced when the radial distribution is considered with
respect to the dynamical centre rather than the optical centre of the SMC, indicating
that the bulk of the SMC mass (which determines the position of the dynamical centre)

lies in the older populations, which predominate in these outer regions of the SMC.

2 The population synthesis: comparison with previous

studies and discussion

The bulk of the populations in the outer regions of the SMC counsist of stars older than
1-2 Gyr. The detailed population synthesis of this older component could not be derived
from the present data. Supplementary information in this respect can be obfained from
a compilation of the results from the few existing deep CMD in the SMC outer regions.
Such deep CMD have become available only recently with the extensive use of CCD
detectors and are in all cases by-products of the study of SMC clusters or of nearby —in
projection— Galactic globular clusters. The CMDs of the field near the clusters NGC411
(Da Costa & Mould 1986) and L113 (Mould et al. 1984) in the eastern/northeastern
areas and K3 (Rich et al. 1984), L1 (Olszewski et al. 1987) and NGC121 (Stryker et
al. 1985) in the West, as well as the deep CMD presented in Chapter VI, and the field
regions near the galactic globular clusters NGC362 (Bolte 1987) and 47TUC (Hesser
et al. 1987) were used. Fig.1 shows the location of these regions with respect to the
SMC main body. Most of these CMDs show a steep increase in the numbers of stars
at magnitudes fainter than R = 22.0. Although all the regions seem to possess younger
intermediate-age populations to varying degrees, it appears that this fainter population

is dominant. From isochrone fits conducted by the corresponding authors in each case,
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Figure 1: Location of the star clusters near which the SMC field populations have been

studied with the use of deep CCD CMDs. The location of the optical centre of the SMC
is also indicated, as well as the position of the region studied using the AAT CCD.
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it is evident that this population has an age of 10-12 Gyr. The presence of such an old
population is also suggested by the existence of RR-Lyrae variables in the SMC field
(Graham 1984). However, these variables do not necessarily have ages as old as the
Galactic halo (14-16 Gyr): recently Stryker et al. (1985) showed that the RR-Lyraes

can be as young as 10-12 Gyr.

Returning to the discussion of the CMDs of the SMC field, the main sequence of the
younger population reaches magnitudes between 20 and 21 in R (see Table 1). Given
the poor statistics and the thinning of the upper ms, it is not clear that different upper
limits essentially indicate populations with young components of different ages (1-2 Gyr
in the former case and 4-5 Gyr in the latter), as was claimed for example by Stryker
et al. A construction of faint luminosity functions of the ms from these CMDs was not
attempted, because of the different (and basically unknown) degrees of incompleteness
of the various studies at faint magnitudes. What can be achieved, however, is a study
of the distribution of stars younger than ~ 8 Gyr (i.e. with ms magnitudes brighter
than 21.8 in R). The numbers of ms stars with R < 21.8 are compared with the total
number of stars on the CMD in the same magnitude range, which includes stars of all
ages. Table 1 gives the resulting ratios and Fig.2 their radial distribution (with respect
to the optical centre) in the eastern and western regions. In all cases considered —with
the exception of the region near NGC411- there was no apparent contribution to the
ms from stars brighter than R = 20. Although the number of points is very small,
there is evidence that the populations younger than 8 Gyr appear to have a distribution
similar to that of populations younger than 1-2 Gyr examined in Chapter VI, dropping
off at radial distances between 3 and 4 kpc from the optical centre and following a less
steep decline in the E/NE regions. This result can be interpreted either as showing
that stars with ages in the range 1-8 Gyr are well-mixed spatially, or alternatively that
the dominant population among these stars is 1-2 Gyr of age. This agrees with the

conclusions from the discussion of the carbon-star population (Chapter VII).

Interestingly, the field near clusters L113 and K3 do not appear to possess a dominant
contribution from populations of ages similar to those of the clusters themselves, i.e. 4-5
Gyr (L113) and 8 Gyr (K3). Therefore, the second of the previous suggestions seems

quite plausible. If this is actually the case then an enhanced SF rate may have
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Region Toe | M5y s MS, Ty c Source
(kpc) (Gyr) (Gyr)

nNGC121 | 2.5 22 12 21 2-5 0.13 Stryker et al. 1985
nKron3 2 22 >10 [ 203 |2 0.38 Rich et al. 1984
nL113 4 22 10 20.5 | 2 0.26 Mould et al. 1984
nNGC411 | 1.6 | 21.8 | 510 |17. |0.3 0.72(1) | Da Costa & Mould 1986
nL1 4 22.3 10 |- - 0.05 Olszewski et al. 1987
n47TUC | 2 22.1 | ~10 [ 204 |2 (2) Hesser et al. 1987
nNGC362 | 2 223 8-14 | 18 0.2 (2) Bolte 1987
AAT 2.2 - > 10 | 20 2 0.39 Chapters IL VI

Table 1: The stellar content of the SMC general field from deep CMDs obtained with

CCD cameras. Column 1: the name of the SMC or Galactic cluster near which the field

regions were observed. The region observed in Field 52 with the 4m-AAT is identified

as ‘AAT’ in the Table.

Column 2: the radial distance of the centre of each region from the SMC optical centre.

Column 3: The R-magnitude of the ms-turnoff of the ‘bulk’ of the field stars.

Column 4: the age of the ‘bulk’ of the field population.

Column 5: the ‘apparent’ top of the ms of the youngest stars present in the field.

Column 6: the correponding age assigned to these younger populations.

Column 7: the ratio, ¢, of the ms stars brighter than R = 21.8 to the total number of

stars in the CMD (with R > 21.8).

Notes: (1) includes a significant population younger than 1-2 Gyr . (2) the published

data do not allow an evaluation of the ratio.
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Figure 2: The radial distribution with respect to the SMC optical centre of the con-
tribution of populations roughly between 1 and 8 Gyr to the total stellar content of
the SMC field (data compiled from the existing deep CMDs in Table 1). Populations

younger than ~ 1 Gyr are negligible in these fields with the exception of the region near

NGC411

170



occurred for a short period of time 1-2 Gyr ago, which may in turn account for the
higher rate of chemical enrichment the past 1-2 Gyr of the SMC evolution (Section 3).

An extended and faint LF study of the ms is required to gauge such evolutionary effects.

3 The chemical evolution of the SMC

3.1 The age—metallicity relation

Since heavy elements are believed to have been synthesised in massive stars, the metal
abundances in present-day galaxies should offer a record through which one may trace
the history of star formation within the galaxy. The chemical evolution of a galaxy can

be studied on the observational age—metallicity plane.

Fig.3 shows the age-metallicity relation (AMR) for the Small Magellanic Cloud. The
circles correspond to well-observed SMC clusters (data from Table 1, Chapter V). The
metallicities of young stellar objects (subgiants, cepheids) are represented as one point.
The point corresponding to Pop.IT RR-Lyraes is placed at the minimum possible age
of these variables (10 Gyr), as determined by Stryker et al. (1985). Another tentative
point can be added on the age-metallicity plane, based on the basis of the remark by
Stryker et al. that the field population older than 10 Gyr appears to be better fitted
with an isochrone of metallicity [Fe/H] = —1.7. On the same figure, the shaded region
indicates the age and metallicity ranges found in the outer regions of the SMC in the
present study (Chapter V). Note that in this case both the age and metal abundances
refer to mean (effective) values. A very similar AMR for the SMC was derived by
Stryker et al. (1985), but was based on fewer data. The form of the AMR is also
confirmed by the work of Smith et al. (1988) from the integrated spectra of a number
of SMC clusters. An important feature of the AMR is the near constancy of metal
abundance for ages between 2 and 10 Gyr. Both this constancy in metallicity and the
range in age of the effect could be challenged, given the large error bars associated with
the observations. Moreover, a significant part of the AMR is defined by the ages and

metallicities of clusters; this malkes it necessary to hypothesise that the conditions and
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(Twarog 1980).

Figure 3

172

15

Figure 3: The age-metallicity relation for the SMC. The square sign corresponds to
stellar objects younger than a few 10% yr (data from Table 1, Chapter V). The rect-
angle marks the metal abundance limits derived in the present study. The dashed line
corresponds to the AMR of the LMC (data from star—clusters metallicities by Smith
et al. (1988) and Cohen (1982)) and the dotted line to the AMR of the Galactic disk




rate of formation of clusters are the same as that of stars, when interpreting the AMR
of Fig.3. It is therefore of particular importance that the present data confirm this
near constancy of metal abundance for the same effective range of ages and for a large

proportion of the SMC outer regions.

It would appear therefore that no significant chemical enrichment took place in the
SMC between ~ 2 — 10 billion years ago. On the other hand, the rate of enrichment has
apparently increased substantially during the past 1-2 Gyr. Little can be said about
the early stages of the chemical enrichment in the SMC since the only point available is
that for the RR-Lyrae variables, which, however, suggests that probably a more rapid
initial enrichment took place during the first billion years or so of the chemical life of the
SMC. These conclusions are only tentative and the true dispersion in metal abundance

for the various age-groups is necessary.

It is interesting to compare the AMR of the SMC with that of the LMC and our
own Galaxy. On Fig.3 the AMR of our Galaxy, taken from Aaronson 1986, is shown,
along with that for the LMC which was compiled from several sources (Cohen 1982;
Mould & Aaronson 1982; Aaronson 1986; Smith et al. 1988). In the Galaxy, there has
been a rapid initial enrichment between 16 and 14 Gyr ago, followed by a slow steady
increase of the metal abundance. In the LMC, the chemical enrichment has proceeded
at a more leisurely pace, although faster than in the SMC, at least for a large fraction of
its lifetime. The fact that the heavy element enrichment has been relatively slow in the
Magellanic Clouds was already foreseen by van den Bergh in 1975. In the next section
an attempt is made to interpret the observed AMR of the SMC in terms of a number

of standard models of chemical evolution.

173



3.2 Modelling of the AMR in the SMC

(1) The simple model of chemical evolution:

The so-called simple (one-zone) or closed-box model of chemical evolution is thought to
provide —to first order— an adequate description of the enrichment history in isolated
Magellanic type irregular galaxies (Pagel 1981; Hunter & Gallagher 1986; Aaronson
1986); it was also found to fit satisfactorily the AMR of the LMC (e.g. Cohen 1982).

The simple model was first developed by Searle & Sargent (1972; also Pagel & Patchett
1975). It considers a region in a galaxy (‘zone’) which can be assumed isolated, with no
material entering or leaving it during the period under study. Initially the material is
entirely gaseous and free of heavy elements. As stars are formed from the gas, and mas-
sive stars explode, heavy elements manufactured in the stars (along with hydrogen) are
returned to the interstellar medium (IM). It is assumed that these mix instantaneously
with the IM (e.g. through turbulent motions in it), so that the IM remains chemically
homogeneous. The supply of the interstellar gas is gradually consumed and the remain-
ing gas becomes steadily more polluted with heavy elements. A further simplification is
achieved by assuming that the nucleosynthetic yield, p, is the same in each generation
of stars. The yield p is the mass of heavy elements ejected from the ‘zones’ undergoing
complete nuclear processing, per unit mass locked up in long-lived stars or remnants.
Then the metal abundance Z can be expressed as a function of the ratio of the mass in

gas to the mass in stars, fi.

2(t) = pzn(i) (1)

But, Z(t) can be derived as an explicit function of time by assuming a certain star
formation law, here the Schmidt law (1959) i.e.

ds "
g TH (-2)

where S(t) is the total mass of all stars born up to time t. From the law of conservation

of mass in the isolated region and eq. (2) Searle & Sargent derive,

d(!n(i)/dt - “:‘1, (3)

o

where 7, is a characteristic scale for the ‘turnover time’ for conversion of gas into stars.
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According to Briick (1980), n varies from ~ 0.9 to ~ 1.8 in the SMC central regions.

Here three cases will be considered, n = 0.5,1.0,2.0.

For n = 1, the case of constant SF efficiency, eq.(3) becomes p = =t/ and eq.(1)

gives

log[Z]Zo) = log[Z1] Ze] + log(t/t), (4)

where Z; is the present day metal abundance and #; the age of the system; the epoch
when the SF began is considered as time zero. Note that in the observational AMR,

zero-age is assigned to the present time.

For n = 2, eq.(1) & (3) give

In(1+1t/7)

log[Z[Za)] = log|Z1/Za) + foﬂ(m(l /1)

)s (5)

where 7, = —_,il_—l and pq the present day gas-to-total mass ratio.
M1
Finally, for n = 0.5, eq.(1) and (2) give

log(2/2) = logl2/ o) + boglin(1 ~ L2 gy /2) (o)
Adopting the values t; = 12 x 10'° yr, 3 = 0.36 (Lequeux 1984) and

log[Z1/Zg] = —0.5 as plausible estimates for these quantities, the eq.(4)-(6) were applied
to provide the predictions of the simple model for the SMC (Table 2). The resulting
curves are shown in Fig.4. It must be mentioned at this point that the actual form of the
resulting age-metallicity curve is not very sensitive on the exact values of ¢; and pp. A
change in Z; results in an almost parallel shift of the curves along the metallicity axis. It
can be seen immediately in Fig.4 that the simple model cannot account for the chemical
enrichment history of the SMC, at least with the adopted law of SF (eq.2). Aaronson
(1986) suggested that if the star formation rate of stars providing the chemical yield is

assumed slower in the SMC than in the LMC, the agreement of the simple model with
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r | log(z/zo): log(Z2/20), log(Z/20)3
Gyr p1 =036 | gy =01)| pug =0.7
12 -0.50 -0.50 -0.50 -0.50 -0.50
10 -0.57 -0.54 -0.52 -0.56 -0.59
8 -0.68 -0.60 -0.57 -0.65 -0.69
6 -0.80 -0.69 -0.62 -0.76 -0.83
4 -0.98 -0.83 -0.71 -0.92 -1.01
2 -1.28 -1.09 -0.89 -1.20 -1.32
1 -1.58 -1.37 -1.10 -1.50 -1.62

Table 2: Simple model predictions of chemical evolution of the SMC.

Column 1: the timescale of the evolution, with the present time 7, = 12 x 10° yr and
T, = 0 the time when SF began in the Galaxy.

Column 2: simple model predictions of metal abundance, from eq.(4)

Column 3: same as above, but from eq.(5) and for three different values of y; (the first
one being favoured by the observations).

Column 4: same as above, using eq.(6).
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Figure 4: Simple models of chemical evolution for the SMC. Solid lines: the simple
model of chemical evolution with a Schmidt SF law and the index n=0.5, 1, 2, Dashed-
line: the Chiosi-Matteucci model, using a SF burst scenario (Matteucci 1984). Dash-

dotted line: the observational AMR as it appears in Fig.3.
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the SMC AMR is improved; however, this possibility is in contrast with the fact that
the background stellar sheet in the SMC appears to be older than in the LMC (Hardy
& Durand 1984; Briick et al. 1985).

In conclusion, one or more of the original assumptions of the simple model do not
hold in the SMC, although they apparently do so in the LMC and the majority of

Magellanic irregulars.

(i) The simple model with stochastic SF and SF bursts :

Matteucci & Chiosi (1983) and Matteucci (1984) constructed a chemical evolution model
which —while keeping the basic assumptions of the simple model (i.e. single-zone de-
scription and complete instantaneous mixing of gas)- takes into account the stochastic
mode of SF in the SMC, with the SFR initially assumed continuous but fluctuating.
However, they had to invoke a lower SF efficiency in the SMC compared with the LMC;
this was no longer essential if, instead of a continuous SF, the SMC was assumed to
have undergone several bursts of SF (50-60) during its lifetime. Their proposed AMR
is shown on Fig.4. The model agrees with the general trend of the AMR, but it fails
to explain —in the same way as the simple model of the previous paragraph— the sharp
rise in metallicity among the young objects, or to reproduce the quiescent era between
~ 2 and ~ 10 Gyr. According to this model a change in mean metallicity from ~ —1.3
to ~ —2.0 would be expected in this age range, which does not seem to be the case

observationally, even allowing for the large errors.

(11i) Gas infall (accretion) model : The simple closed-box model adopted in the previous

paragraphs can be complicated by e.g. gas infall from the outer parts of the galaxy, or
by gas that does not actively participate in the chemical evolution of the galaxy. Infall
of gas towards the centre of an irregular galaxy has been suggested theoretically in the
past and turbulent HI velocities were observed in some Magellanic irregulars, but there
is no clear evidence that infall is actually taking place (Hunter & Gallagher 1986).

Here, one of the main assumptions of the simple model —that of the ‘closed-box’- will
be dropped and metal-free gas will be allowed to enter the disk at some rate. For
simplification, this rate is taken as some constant fraction f’ of the SFR, which is also
assumed to be approximately constant. This infall (or accretion) chemical model was

first devised by Larson (1972) and further developed by Twarog (1980) who used it to
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explain the AMR in the galactic disk.

The AMR of the SMC can be at least qualitatively represented by this model, if we
assume that in the neighbourhood of 2 Gyr ago there was an abrupt change of the infall
rate, without having to change the SF rate. According to Twarog (1980) the infall rate
does not affect the SFR in any significant way, while it does dramatically alter the AMR.
For a high value of f’, there is an initial steep increase of metallicity in a short time,
followed by a long period of little or no chemical enrichment. This can account for the
observed plateau in the AMR; however it also predicts an abrupt increase of metallicity
during the first few Gyr of the SMC life. This cannot be confirmed or rejected by the
available observations (although the position of the RR-Lyrae point seems to agree with
a sharper trend of the AMR towards lower metallicities in this part of the AMR). A
subsequent lowering of the infall rate of metal-free gas would lead to a rapid increase of
chemical enrichment.

This assumption of a change of the infall rate appears to be introduced in the above
in an ad hoc way, without any observational evidence pointing to such a phenomenon.
It can be conjectured that this change in infall rate could be caused by an externally
imposed (tidal influence of the LMC? See also Chapter IX) change in the gas dynamics
in the SMC.

Interestingly, Rocca-Volmerange and her collaborators (1981; also Lequeux 1984)
have suggested the possible existence of a large rate of accretion of gas in the SMC, in
their attempt to reconcile the conclusion that the SFR appeared to be roughly uniform
in the past in the SMC, with the fact that the amount of gas available to form stars has

decreased by more than a factor of ten.

3.3 Conclusions

The AMR of the SMC (Fig.3) defies a simple straightforward interpretation in terms of
the simplified models usually applied in disk galaxies (such as the Magellanic irregulars)
as well as spiral (infall or accretion model) galaxies. Given the multiplicity of the largely
unknown factors (like the stellar-mass function, the dynamics of the gas-stars system
and the external influence on it, the role of ‘passive’ gas, the constancy or not of the

chemical yield, the possible infall of gas) that can affect the AMR, as pinpointed in the
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previous section, it is premature to attribute the form of the AMR as indicating a burst

of SF in the SMC 2-3 Gyr ago.

Observationally, it is important to derive the true scatter of the AMR, i.e. how big
the abundance spread is at a given age (especially, for the first billion years of the SMC
life). Moreover, as remarked by Olszewski (1988), it is questionable whether it is valid
to assume that the age-metallicity relation is uniform over the whole of the SMC, in
particular since it is possible that the SF propagates stochastically and probably with
localised star bursts (for example, the SMC cluster NGC330 has a very low metallicity,
although it is very young). However, the present data show that there is uniformity at

least in the outer regions studied and within the recorded observational errors.

4 The ‘disk’ and ‘halo’ components in the SMC outer

regions

As reviewed in Chapter I, the outer regions of the SMC have often been described as
consisting of a ‘halo’ component, mixed to some extent with an ‘old disk’ component
(Briick 1980, 1982). These terms are used in a stellar-evolutionary rather than a dy-
namical sense. There is no indication that the kinematical or dynamical behaviour of
the older (‘halo’) stars is different from that of the younger ‘disk’ stars (reference is not
made here to the very young stars in the central regions of the SMC, which are known
to follow complex kinematic structures, as is as is briefly discussed in the next chapter).
Magellanic-type irregulars are generally thought to be disk galaxies (see Chapter I); in
the LMC the kinematical study of its cluster system by Freeman et al. (1983) showed
no spheroidal component even among the oldest clusters. Unfortunately no similar

kinematical study exists for the SMC to date.

Although the ‘disk’ and ‘halo’ populations do not seem to be distinct in a kinematical
sense, the radial distribution of the older and younger stars is different, with the older
stars prevailing in the outermost regions. This was pointed out by Briick (1980), and
was confirmed in a quantitative way in the present study. It must be mentioned that

a similar effect is also suggested —but for regions nearer to the SMC centre— by the
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well-known reddening of the integrated colour of the SMC with radial distance from
the centre and recently by the work of Blanco and McCarthy (1983), who noticed that
the ratio of the numbers of carbon to M stars in the SMC changes with radial distance
(while it remains the same all over the LMC).

A similar aging towards the periphery is known to exist in other irregulars (e.g. NGC
5253; Gallagher & Hunter 1986). A possible explanation of the effect lies with the
density of gas from which future stars can be condensed. It has been advocated that
there is a critical gas density below which star formation cannot take place (Hunter
& Gallagher 1986). Therefore one could presume that in the SMC, after the first few
generations of stars in the outer periphery, the gas density dropped below the critical
value. This conclusion is only conjectural and a lot of both theoretical and observational

work is yet required before it could be confirmed or disproved.
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CHAPTER IX : GEOMETRY OF THE SMC OUTER REGIONS

1 introduct ion

The morphological and kinematic properties of the Small Magellanic Cloud (SMC) have
been the subjects of numerous investigations since the publication of the first extended
study by de Vaucouleurs (1955). However, the determination and interpretation of the

large scale structure of the SMC remains a puzzle.

It is generally accepted that the SMC structure has been strongly influenced during
its evolution by the gravitational fields of the Large Magellanic Cloud (LMC) and the
Galaxy. Some of the prominent features of the Magellanic System, like the gaseous
Bridge connecting the two Clouds, and the Magellanic Stream, are thought to be the
products of these interactions; the latter has actually been reproduced quite successfully
by the more advanced existing tidal models (Murai & Fujimoto 1980, 1986; Fujimoto &
Murai 1984).

One of the principal questions to be addressed is the extent to which the structure
of the SMC, as well as its evolution, is determined by the gravitational influence of
the LMC and the Galaxy. Detailed modelling and conclusive results on the physical
processes involved in the interaction (and consequently, on those in interacting galaxy
systems in general) require the imposition of constraints not yet adequately determined

by the observations.

There are several observational results which have been interpreted as indicating the
tidal effects of the LMC and the Galaxy on the stellar and gaseous components of the
SMC: the large line-of-sight depth of the SMC, more pronounced in the northern regions
(e.g. Ardeberg & Maurice 1979; Azzopardi 1982; Dubois 1980; Florsch, Marcout & Fleck
1981); the existence of at least four distinct velocity groups of gas and related young
objects in the SMC (Torres & Garranza 1987 and references therein); increasing evidence
that these velocity groups are stratified along the line-of-sight (Songaila et al 1986 and
references therein). Actually, Mathewson, Ford & Visvanathan (1986; 1988 hereafter
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MFV) interpreted the situation as showing that the SMC is in the process of ‘irreversible
disintegration’. It must be emphasised that all existing studies on the subject are limited
to the gaseous component and the very young and young stars presumably related to
it (e.g. blue and red supergiants and cepheid variables), essentially confined in space
to the SMC central regions and the Wing (Briick 1982; see also Chapter I). There is
virtually no information about the dynamics and kinematics of the intermediate and
old populations dominating the outer regions of the SMC, which were studied from the

point of view of stellar content in the previous chapters.

In this chapter it is attempted to remedy, at least in part, this incompleteness. The
principal aim is to investigate the three-dimensional distribution of the intermediate
and old stellar populations in the outlying northeastern and southwestern regions of the
SMC, at projected distances larger than ~ 2 kpc from the SMC optical centre and over
the total area of 48.5 square degrees of the present study. The luminosity of the red
horizontal branch/clump stars are used to probe the distribution along the line of sight

of the stellar populations in the regions studied.

In Section 2 the methodology is described, in Section 3 the results on the morphology
of the SMC outer regions are presented, while in Section 4 .an interpretation
of the results in the context of the membership of the SMC to the triple interacting
system (the Galaxy-LMC-SMC) is attempted. Finally, in Section 5 the conclusions are

summarised.

2 The method

The horizontal branch/clump observed at the base of the red giant branch in the CMDs
(Appendix A) of stars in the NE and W/SW outer regions of the SMC was studied
extensively in Chapter VI. It was shown that it consists mainly of stars older than
5 x 10%yr and therefore according to the discussion in Section 3 of Chapter VI, the
mean luminosity of the HB/clump is constant, although it changes considerably for
ages younger than the above limit. Consequently, it can be used as an approximate

distance indicator.
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The mean magnitude of the clump stars, as derived from well-studied SMC clusters
older than 0.5 Gyr, is R = 18.92 + 0.04 (Olszewski, Schommer & Aaronson 1987;
Olszewski 1988); the recorded error is mostly due to the differences between the distances
of the individual clusters used in the calculation. The short distance modulus (d.m.)
is adopted for these clusters (see Chapter IV). Thus, the mean absolute magnitude for
the clump stars as derived from SMC clusters is Mp = 0.13 +0.04 (assuming reddening
Ap = 0.07 as shown in Chapter IV). From galactic clusters, the value of My = 0.740.1
(Mateo & Hodge 1985) is derived. This value corresponds to Mg = 0.2 £ 0.1, which is
identical within the errors with the value derived independently from the SMC clusters.
However, some uncertainty remains for the mean absolute magnitude of the clump giants
derived. This does not hamper the interpretation of the results, since the relative d.m.

is mainly of interest in the following.

The range in magnitude of the clump giants plays an important role in what follows.
As shown in Chapter VI, there is an intrinsic luminosity range for the clump stars of
the order of +0.30 mag (or less), which does not display any observable dependence on

the age or the metallicity of the stars, at least within the age range of 0.8-10 Gyr.

Using the magnitude distribution of the HB/clump stars, as well as their surface
distribution on the plane of the sky, a three-dimensional picture of the outlying NE and
SW regions of the SMC is produced.

A first inspection of the CMDs in Appendix A suggests that the magnitude range
of the clump stars is larger for the Field 52 CMDs than for the Field 28 ones. In what
follows, it is argued that the difference is statistically and physically significant and that
it is due to a depth of ~ 16kpc along the line-of-sight of the SMC populations involved;
the mean d.m. for the SMC outer regions is also derived from the mean magnitude of

the clump stars.

The clump region is studied separately in each of the fine-grid CMDs in both Fields
28 and 52. The clump region was defined so as to include all stars within the following
limits: 18.0 < R < 20.0 and 0.60 < B—R < 1.80. These limits were selected on the basis
of the —at least apparently— most extended clump regions in Field 52. Subsequently,

the magnitude distribution of the clump giants was examined (Fig.1). In order to
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Figure 1: Examples of the distribution in magnitude of the clump stars, in two 0.88-

square—degree regions in Field 28(a) and Field 52(b).
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estimate the mean and the dispersion around the mean of each distribution, the median
method commonly used in such cases was applied; the median was adopted as a location
measure, while the dispersion was determined by the range +A (after removing the
offset), within which 68.3% of the values lie. Only areas with number densities of clump
stars per square degree at least twice the mean density of the fore/background in the
corresponding area of the CMD have been considered. This choice is justified by the
steep increase in the errors of the estimated values of the mean and dispersion of the
clump-star magnitudes, for densities lower than the above limit. Table 1(a & b) gives
the resulting values of the median and dispersion of the magnitude distribution for the
fine-grid CMDs and the corresponding surface number density of clump stars per square

degree (after subtracting the back/foreground contribution).

3 The results

3.1 The mean clump magnitude:

As discussed previously, the mean magnitude Rejymp of the clump stars for old enough
populations gives a good estimate of the mean distance modulus of the stellar popu-
lations forming it. The derivation of the distance modulus (m — M), in each case is
straightforward: (m——M)o = Edump — MR ctump — AR, where Ag = 0.07. Column 5 in

Table 1a&b gives the resulting values of (m — M), in Fields 28 and 52 respectively.

Fig.2a and Fig.3a show the dependence of the derived (m — M)p on the projected

radial distance from the SMC optical centre 7., for Fields 28 and 52 respectively.

In Field 28, R.ymp varies from 18.95 to 19.07 and (m — M), from 18.82 to 18.94
(Table 1a). It appears that there is little dependence of R jump On Toc, wWith the possible
exception of the southern-most regions (depicted as encircled crosses on Fig.2a and
indicated with asterisks on Table 1a) in the Field, which appear to have a higher mean
clump magnitude by ~ 0.07 mag. Although such a difference could be accounted for
by some systematic error in the photometry in the region in question it may be a real
effect. Disregarding these points, there is still evidence of an ill-defined trend towards

greater line-of-sight distances, as r,. increases, corresponding to a total difference of
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Region | 7,4 logd |<R>|(m—-M), | cR | depth
(kpc) | (deg™?) (kpc)

511 2.48 3.70 18.95 18.82 0.37 | 10.7
512 2.95 3.58 18.95 18.82 0.38 11.8
513 2.52 3.68 18.92 18.79 0.35 8.4
514 2.98 3.51 18.95 18.82 0.37 | 10.7
411 2.66 3.78 18.99 18.86 0.36 9.8
412 3.10 3.69 18.98 18.85 0.37 | 10.9
413 2.53 3.72 18.96 18.83 0.38 | 11.8
414 2.99 3.68 18.96 18.83 039 | 12.8
311 3.12 3.63 18.95 18.82 0.35 8.6
312 3.50 3.51 18.99 18.86 0.36 9.8
313 2.86 3.74 18.97 18.84 0.37 | 10.8
314 3.27 3.64 18.97 18.84 0.36 9.7
b Wy 3.76 3.11 19.04 18.91 0.35 9.0
212% 4.08 3.12 19.07 18.94 0.38 | 12.4
213% 3.42 3.32 19.05 18.92 0.31 :
214%* 3.77 3.26 19.04 18.91 037 | 11.2
521 3.41 3.13 18.92 18.79 0.35 8.4
421 3.55 3.31 18.96 18.83 0.34 7.5
423 3.91 3.31 18.92 18.79 0.34 7.4
321% 3.90 3.18 19.06 18.93 0.38 | 124
323* 3.70 3.29 19.04 18.91 0.38 | 123

Table 1a: Field 28: Column 3 gives the logarithm of the surface number density d (per
square degree) for the fine-grid-division; Column 3 gives the mean R magnitude of the
clump/HB stars; Column 4, the corresponding distance modulus (m — M),; Column

5 the dispersion around the mean of the clump/HB magnitudes; Column 6, the depth

along the line-of-sight (in kpc) calculated using columns 5 & 6.
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Region | 7, | logd |<R>|(m—M), | oR | depth
deg=? (kpe)

111 2.61 | 3.81 18.89 18.76 0.44 16.2
12 2.86 | 3.71 18.84 18.71 0.44 15.8
113 221 | 387 18.88 18.75 0.42 14.5
114 2,51 | 3.79 18.88 18.75 0.41 14.0
121 3.17 | 3.61 18.82 18.69 0.45 16.7
122 3.51 | 3.52 18.81 18.68 0.47 17.6
123 2.85 | 3.62 18.81 18.68 0.44 15.7
124 3.23 | 3.56 18.81 18.68 0.45 16.6
131 3.88 | 3.43 18.74 18.61 0.49 19.0
132 4.26 | 3.27 18.75 18.62 0.46 16.7
133 3.62 | 3.43 18.75 18.62 0.42 13.7
134 4.03 | 3.36 18.79 18.66 0.43 15.0
211 3.45 | 3.56 18.83 18.70 0.46 17.3
212 3.65 | 3.51 18.81 18.68 0.48 18.6
213 3.02 | 3.66 18.83 18.70 0.46 1.3
214 3.24 | 3.61 18.80 18.67 0.46 17.0
221 3.89 | 3.45 18.75 18.62 0.43 14.7
222 417 | 3.34 18.76 18.63 0.45 16.2
223 3.52 | 3.55 18.74 18.61 0.45 16.0
224 3.83 | 341 18.75 18.62 0.45 16.1
231 448 | 3.21 18.71 18.58 0.45 15.9

Table 1b: Field 52:
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Region | 7o | logd |<R> | (m—M), | oR | depth
deg™? (kpc)

232 4.16 | 3.29 18.70 18.57 0.42 13.4
233 4.53 | 3.11 18.73 18.60 0.44 15.0
311* 4.33 | 3.29 18.93 18.80 0.46 18.1
312* 4.49 | 3.30 18.91 18.78 0.45 17.4
313* 3.88 | 3.44 18.90 18.77 0.49 20.5
314%* 4.06 | 3.39 18.88 18.75 0.45 17.1
321%* 4.69 | 3.18 18.86 18.73 0.45 17.0
322% 492 | 3.15 18.85 18.72 0.56 24.0
323° 4.28 | 3.32 18.84 18.71 0.47 17.9
324%* 4.54 | 3.21 18.84 18.71 0.48 18.9
413* 4.77 | 3.06 18.90 18.77 0.48 19.4
414%* 4.92 | 3.07 18.91 18.78 0.53 22.7

Table 1b: continued.
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0.05 mag (~ 3 kpc). The resulting average d.m. is quite well-defined, around (m—-M), =
18.83 £ 0.05, excluding the southernmost region mentioned previously, or 18.85 + 0.06,
including it. The errors around the mean value include uncertainties intrinsic in the
evaluation method and real trends of the d.m. across the field, such as the suggested
increase towards the southernmost areas, as well as the small trend towards larger
mean d.m. with increasing projected distance from the SMC centre. For comparison,
the corresponding positions for the d.m. (derived by the same method, i.e. from the
mean magnitude of the HB/clump) of the field stars near Kron 3 (Rich et al. 1984),
near 47TUC (Hesser et al. 1987) and near L1l (Buttress,Cannon & Griffiths 1988)
are also given in Fig.2a. Although all these regions are nearer to the SMC than those

considered here, the agreement is good.

In Field 52, there is a steeper and better defined dependence of Rejymp —and there-
fore of the d.m.— on the projected distance from the SMC centre, 7, (Fig.3a). The
mean clump magnitude decreases from 18.91 (d.m. (m — M), = 18.78) in the regions
nearest to the SMC centre, to 18.70 (d.m. (m— M), = 18.57), in the outermost regions,
corresponding to a mean decrease of ~ 5 kpc of the line-of-sight distance. For compari-
son, the positions of two star clusters in the area are also given in Fig.3b (NGC411 and

L113, the latter just outside the limits of Field 52, 40 arcmin southwards).

An interesting feature of Fig.3a, is a group of 10 points, systematically more distant
from the Sun, by ~ 1.3 mag in d.m., than the others at comparable distances from the
SMC centre. All of these points originate in 10 adjacent regions (marked with a star
on Table 2b) at the NW of the Field, at a mean radial distance of 7,. ~ 4.5 deg and
with < RA >= 1"26™ and < DEC >= —69°39".5. The difference of the d.m. of this
group of points from their counterparts is significant at the 3o level, as can be shown by
the application of a two-sample Kolmogorov-Smirnov test. It should also be mentioned
that the observed magnitude increase of 1.3 mag is much too large to be accounted for

by systematic errors in the photometry (Chapter III).
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3.2 The clump size

An inspection of Table 1 (a & b) confirms the systematic difference in dispersion for
the clump star distributions in Fields 28 and 52. We define as the clump size the full
width 2A around the mean. The mean clump size is 0.72 4 0.03 for the Field 28 regions,
while it increases to 0.91 4 0.04 for the Field 52 areas. There is, therefore, an additional
dispersion of +(0.28 £ 0.05), or a rise of 0.56 mag in the full width in Field 52, in
comparison with Field 28. The application of the Kolmogorov-Smirnov two-sample test
shows that the difference between the two sets of dispersions (i.e. for the Field 28 and
52 regions) is significant at the 0.001 level. In principle, the observational clump-size,
as previously defined, can be influenced by a multiplicity of factors:

(i) The random errors in R, which amount to ~ 4-0.08 mag over the whole area of both
Fields for the magnitude range of the clump stars (Chapter III).

(ii) As mentioned in Section 2, the clump giants show an intrinsic spread in luminosity
corresponding to ~ £0.3 mag.

Thus, the clump size expected from (i)&(ii) is 2 x (0.072 + 0.302)"/2

= 0.62 mag.

(iii) A range of ages less than ~ 5 X 108 yr, superimposed on greater ages, can cause
an increase of the clump size toward brighter magnitudes. However, as was established
in Section 2, there is no significant contribution from such young populations in the
regions of interest. In any case, there is no difference in this respect between the two
Fields 28 & 52. Moreover, the regions nearest to the SMC main body in Field 52 which
have the largest contribution from younger stars in their CMD (Chapters IV and VI),
possess less rather than more dispersed HB/clumps.

(iv) The spread in the line-of-sight distances of the clump stars is an obvious possible
source of increase of the clump size.

(v) Inclusion of RGB stars and subgiants, as well as of residual back/foreground objects
in the defined ‘clump region’ of the CMD, can increase our estimate of the clump size; the
second factor would be expected to affect especially the less dense regions. Obviously,
this effect influences the clump in both Fields in the same way. On the other hand the
uncorrected for the back/foreground contribution CMDs show the same effect in the
clump size as the corrected CMDs (compare Fig.2 in Chapter IV, and the CMDs in
Appendix A).
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(vi) Reddening effects —for example if the absorbing cloud is patchy and not well mixed
with the stellar populations— can cause an additional spread in R. However, this would
affect even more profoundly the colour B — R, which is certainly not the case here (see
Chapter VI).

(vii) Finally, metallicity is not known to affect the luminosity of the clump stars (Chapter
VI). Moreover, as shown in Chapter V, there is no significant metallicity gradient across

either Field.

The above analysis indicates that only the depth along the line-of-sight can account
for the increased clump size in the Field 52 regions. Actually, some of the dispersion in
the Field 28 regions can also be attributed to depth effects. The line-of-sight depth for
each region in the Fields 28 & 52 can easily be calculated using the excess dispersion of
the magnitudes of the clump stars around the mean, with respect to the expected value
of £0.31 mag, and the estimated d.m. of each region from the mean clump magnitude.
Column 5 in Table 1(a & b), shows the resulting line-of-sight depths. In Field 28 the
average depth is 10 £ 2 kpc, while in Field 52 it is 17 £+ 2 kpc with a maximum value of
23 kpc.

Fig.2b & 3b show the dependence of the clump size, and Figs.2c & 3c of the line-
of-sight depth, on the projected distance 7, from the SMC centre. In Field 28 the
clump size appears to be constant throughout the area, while in Field 52 there is a

trend towards larger values of the line-of-sight depth as r,. increases.

Interestingly, the areas in the NW of Field 52, which were previously found (Section
3.1) to be at systematically larger mean distances from us than the rest, also display an
enhanced line-of-sight depth.

Fig.2d & 3d present the number density profiles of Fields 28 & 52; the NW regions in
Field 52 just mentioned also appear to have marginally larger surface number densities

than other regions in the field at similar distances r,. from the SMC optical centre.
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Figure 2: The distribution of the mean clump position (a), the mean apparent d.m.
(b), the mean dispersion (c¢) and the mean number density of the clump stars (d),
as functions of the projected radial distance from the SMC centre. The open circles
correspond to the regions followed by an asterisk in Table 1a. The sign X corresponds
to the clump/HB of the CMD of the field populations near 47 TUC, the + sign to the
field near Kron 3, and the @ sign to the L1 field.
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Figure 3: as in Fig.2, for Field 52. The + sign corresponds to L113 and the @ sign to
NGC411.
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4 Discussion

It was shown in the previous section that there is a significant increase in the line-of-
sight depth of the stellar populations belonging to the NE (Field 52) outer regions of the
SMC, compared with the corresponding populations in the SW (Field 28). Although
a large line-of-sight depth has been suggested for the SMC central regions in the past,
it is the first time that a thorough study over a large area and at large distances from
the SMC centre has been undertaken, yielding new results on the three-dimensional
structure of the SMC halo regions. In this section, the various geometrical aspects of

the phenomenon and its dynamical implications are investigated.

4.1 Interpretation of the observations

The southern and western regions of the SMC (Field 28): according to the results
presented in Section 3, there is a depth of a mazimum value of 10 kpc along the line-of-
sight, over the whole of the area studied; this value is compatible with the SMC ‘tidal
radius’ of ~ 5 kpc, as defined by the mass of our Galaxy, at its present distance from
the SMC (see e.g. the discussion in Welch et al. 1987). Therefore, in these regions there

is no evidence of large-scale disruptive dynamical effects.

There is good agreement of these results on the depth of the SW regions of the SMC
with the value of 7 £ 3 kpc reported by Azzopardi (1982), for early type supergiants to
the south of the SMC Bar (but closer to the SMC centre than the regions considered
here). On the other hand the RR-Lyrae stars in the NW of the SMC Bar (near NGC121
and outside the northern limits of Field 28) were found to have a line-of-sight depth
of ~ 5 kpe (Graham 1975); taking into account the possible metallicity dependence of
the RR-Lyrae luminosity (Sandage 1982) and the expected metallicity spread among
field stars, the calculated depth of these stars may be considerably lower than this value

(Suntzeff et al. 1986).

To complete the three-dimensional picture in the SMC south-western outer regions,
it is noted that there may be an overall tilt of the SMC with respect to the line-of-sight

(Fig. 2a), corresponding roughly to 50°. However, the scatter involved is too high to
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derive any firm conclusions. In addition, each point on Fig.2a corresponds to the average
from stars with a range of distances along the line-of-sight as large as 10 kpc. Therefore
a total planar inclination of 3 kpc would seem difficult to establish. Finally, there is
some evidence in Fig. 2a (see also Section 3.1) of a trend towards larger distance moduli
in the southern-most regions in the field. Interestingly, it has been noted in the past,
that the extreme southern regions (closer to the Bar than the areas cosidered here) are
at systematically larger distances than the rest of the SMC main body (e.g. Azzopardi
1982).

The northeastern outer regions of the SMC (Field 52): the line-of-sight depth
reaches a mean of 17 kpc, with a maximum of 23 kpc, which is very high compared with
either the projected dimensions of the SMC, or the expected size of its ‘tidal radius’. It
has been noted in the past that the NE regions of the SMC are particularly dispersed.
Florsch et al. (1981) find evidence of a 23 kpc depth for the spatial distribution of
supergiants and cepheids in the area to the NE of the Bar, but essentially closer to
the SMC optical centre than the regions considered here. Their result was confirmed
qualitatively by Dubois (1980), and Azzopardi (1982), who actually suggested the pres-
ence of at least two stellar systems in the region. The hypothesis of a two-, or possibly
multiple-component SMC was first suspected almost three decades ago, by Johnson
(1961), but it has been put on a firmer basis only recently by MFV (see also Maurice
et al. 1987; Torres & Garranza 1987).

Following the basic idea of MFV, the observed large dispersion in d.m. in the
northeastern SMC can be interpreted as the result of tidal disruption, caused by the
gravitational field of the LMC. A comparison with the predictions of theoretical models
on the interaction can be instructive: the most successful tidal models for the triple
system LMC-SMC-MW have been developed by Murai & Fujimoto (1980; 1986-MF;
see also Fujimoto & Murai 1984) with the initial purpose of reconstructing the gaseous
Magellanic Stream (MS). In the earlier version of the model, the SMC and the LMC
were assumed to be gravitationally bound to each other for the past 10'%yr; in the latest
version (1986) this assumption was relaxed, leading to a more satisfactory representation
of the MS. In both cases the models predict a close encounter of the SMC and the LMC

~ 2% 108 yr ago. As aresult, the SMC ‘was severely disturbed, resulting in the formation
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of the MS. The outer part of the SMC is now being disrupted’ (MF). They also suggested
that the close encounter previous to this recent event led to the capture of the SMC by
the LMC and happened ~ 1.7 x 10%r ago. According to the same models, the present
overall line-of-sight extension of the SMC reaches ~ 30 kpc. Although this value is
not incompatible with the present results, the models provide no detailed predictions
about the nature of the effect, or the direction of maximum disruption; in addition, no

discrimination is made between star- and gas-dynamics in the simulations.

Interestingly, both the magnitude distribution of carbon stars in the two Fields
(Chapter VII) and the radial distribution of stars younger than ~ 1 — 2 Gyr (Chapter
VI) show evidence of both the large line-of-sight depth in the NE parts and of the d.m.
difference between the NE and the SW. According to the above, the large line-of-sight
depth in the SMC northeastern regions can be explained as the effect of one or more of
the following factors:

(i) The proposed recent encounter (2 X 10® yr ago) of the SMC with the LMC. Since the
stellar populations in the regions of interest are older than 1-2 Gyr, the feature observed
would then be due to the tidal effects on the stellar component of the SMC NE regions.
(i1) The past encounter, 1-2 Gyrs ago (Murai & Fujimoto 1986), of the LMC and the
SMC, probably affecting both the gaseous and the stellar components. It may be sug-
gested that the induced changes in the gas dynamics may have triggered SF activity
(see e.g. Fujimoto 1987).

(iii) The cumulative effects of the LMC tidal field on the SMC outer regions.

(iv) According to the Murai & Fujimoto simulations, there has been a recent perigalac-
tic passage of the Magellanic System, about a hundred million years ago. It has been
suggested that the resulting tidal forces have enhanced the products of the SMC dis-
ruption by the LMC (Fujimoto & Murai 1984; Gingold 1984). However, the processes

involved are far from well understood.

In the following, the form of the LMC tidal effect on the SMC old stellar component

in the NE outlying areas is investigated, on the basis of the present results.
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4.2 The morphology of the tidally disrupted NE area of the SMC

The large line-of-sight depth observed in the NE outer regions of the SMC can be
visualised as (i) a tidal extension of the SMC outer regions in the general direction of
the LMC, in the sense that stars are pulled out towards the perturber forming a wing-
like distortion (Case a) or (ii) two, or even more, distinct entities at different distances
from us, but projected along roughly the same line-of-sight of the areas in consideration
(Case b). The various aspects of these two possibilities on the basis of the available

data will now be examined in detail.

(1) The clump magnitude distribution.

The clump magnitude distribution (typical example in Fig.1b) shows no clear evidence
of bimodality in the observed line-of-sight depth of the clump stars, as one would expect
in Case bfor alarge enough spatial separation of the two components. This absence does
not rule out the second hypothesis, but it sets an upper limit to the possible separation
of the two alleged entities. Assuming that both components are of comparable size
along the line-of-sight (the dispersion of clump stars distribution is at least £0.31 mag
according to the analysis in the previous section), they could be distinguished from
each other, if the corresponding peaks were at least ~ 2¢ apart (this estimate naturally
depends on the relative numbers of stars in the two components), which is equivalent
to ~ 15 kpc, for a mean d.m. of 18.70. It is worth noting at this point that the two
separate galaxies —the ‘SMC Remnant’ and the ‘Mini Magellanic Cloud’- proposed by
Mathewson (1984) and MFV are 10 kpc apart along the line-of-sight, each of a depth of
5-7 kpc. This suggestion was based on neutral hydrogen velocity maps and distances of
young cepheid variables presumably associated with the gas; however, it must be noted
that Welch et al. (1987) strongly disagree with the large distance ranges reported by
MFYV for the SMC cepheids. The MFV values for the two components are compatible
with the previously estimated upper limits, although it is by no means certain that the
entities tentatively identified here are the same objects proposed by Mathewson and his
collaborators. The main difference is that the present results refer to the outer regions of
the SMC and to stellar populations significantly older. Additionally, Mathewson (1984)
suggested that the ‘Mini Magellanic Cloud’ (NE) is younger than the ‘SMC Remnant’

(SW). As mentioned Chapters VI and VIII, there is some evidence of a more spatially
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extended and probably enhanced population of ~ 1 Gyr of age in the NE regions. No

firm conclusions can be reached on the subject at this stage.

(1) The dependence of the mean clump magnitude and clump size on r.

In Case a, one would expect the outermost, more loosely bound, stars to suffer larger
displacements due to the tidal field of the perturber (LMC). Therefore, the line-of-
sight depth of the stars, as measured by the clump-size, should appear to increase with
distance from the SMC, while at the same time, the mean distance modulus of the
stars should decrease, as they approach the perturber. Both of these predictions are
supported by the observations (Fig.3a, b & c), although the dependence of the dispersion
on the projected radial distance 7. is very weak, if at all present, probably masked by
the uncertainties of the measurements. It must be emphasised that the rising trend of
the clump size (and the line-of-sight depth) with r,. disappears when the northern-most
regions in the field are omitted (see also paragraph (iv) below). The interpretation of
these points in Case a is not straightforward. According to the simple picture drawn
above, we would expect these points to have smaller rather than larger line-of-sight

depth (given their larger d.m.).

In Case b, the observed decrease of the d.m. with r,. (Fig. 3a) can be understood as
indicating that the component nearer to us becomes progressively stronger with increas-
ing 7oc. The maximum clump size would occur in the region where both components are
present in significant numbers. It may be argued that the observed dependence of the
d.m. on 7, shown on Fig.3a, is simply the effect of an overall inclination of the SMC
with respect to the plane of the sky (total 5 kpc along the line-of-sight, i.e. i ~ 63°).
However, given the line-of-sight depth of 17 kpc (maximum 23 kpc) for each of the points
in Fig.3a, this planar interpretation of the situation is unrealistic. The inapplicability of
a planar model for the description of the SMC geometry has also been commented upon
most recently by Caldwell & Coulson (1986) and by Laney & Stobie (1986). However,
this does not rule out the possibility that one —or both— of the alleged components is
tilted with respect to the plane of the sky, in which case the interpretation presented in

this paragraph would be too simplistic.

(111) The surface distribution of the clump stars.

In a further attempt to check the two-component hypothesis against the wing hypothe-
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sis, the surface distribution of clump giants —which presumably belongs to the different
components— was examined. Clump stars with R > 18.8 would be expected to belong
preferably to the more distant component (see Fig.1), while those with R < 18.8 to the
nearer one. The mean = and y coordinates (on the plates) of these two components were
calculated for each one of the fine-grid regions in the Field. The differences Az and Ay
between the mean coordinates of the two groups for each subregion are presented in
Fig.4a. For the sake of comparison, the same procedure was followed for Field 28 and
the corresponding results are shown in Fig.4b. This exercise indicates that there is a
small but well defined displacement in the N-S direction, along the y axis, for the clump
stars in the two magnitude ranges in Field 52. No systematic effects are observed for
the Field 28 clump stars. It can be deduced from the above that there are actually two
components along the line-of-sight, almost overlapping on the plane of the sky, with the
more distant component preferentially located to the north of the nearer one. Interest-
ingly, Mathewson’s (1984; MFV) more distant component is also located towards the
NE of the nearer component. Although the above argument favours the two-component
hypothesis, it cannot show whether the two components are actually separated along

the line-of-sight.

In Case a, the N-S displacement of the nearer with respect to the farther away
stars appears more difficult to account for without introducing some kind of bimodal
structure, which would then be indistinguishable from Case b. Therefore, this argument

favours the ‘two-component’ hypothesis.

(iv) The Northern ‘feature’.

The three-dimensional picture is further complicated by the 2-square-degree region men-
tioned in the previous section; it lies to the northwest in Field 52 and it is found to
consist of populations systematically farther away, in the mean, along the line-of-sight,
than their counterparts in the rest of the field. If this feature is related to the two-
component structure, it can be interpreted as an area where the more distant of the
two components is prevailing. Interestingly, both the dispersion and the number density
of stars in this region are marginally enhanced with respect to other areas at similar
distances 7o, from the SMC centre. Moreover, according to argument (iii), the more

distant ‘component’ appears to be to the North of the nearer one. The reality of the
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Figure 4: The north-south displacement of the assumed near component with respect

to the far component, in Field 52(a), and for comparison in Field 28(b).
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existence of this NW feature is reinforced by the recent work by Albers et al. (1987 and
private communication), who have noticed a 20 increase of the surface number density
of SMC stars, in roughly the same area in Field 52 as the ‘NW feature’, which, however,
they interpreted as part of a ring structure.

In order to examine the possible relations of this feature with the two-component picture,
the dependence of the clump dispersion on the projected distance from the centre of this
region (without including points from the region itself; Fig.5) was investigated. There is
some evidence of an ill-defined trend towards lower values of dispersion as this distance
increases. This would be expected in the case of a distinct entity centred in, or near, this
area and superimposed on the populations prevailing elsewhere. The ‘distinct entity’
can be either identified with the more distant component of the two-component model,
prevailing in this direction over the near component, or it could indicate the existence of
a distinct feature not immediately related to the two components. This last suggestion
is probably supported by the fact that the two sets of points appear well separated on
Fig.3b. However, all components seem to consist of similar populations (older than 1-2
Gyr), which means that in all regions star formation has proceeded in similar ways and
more or less coevally, with no trace of any significant activity for the last 1-2 Gyr or
more, in any of the ‘components’. Unless the ‘NW feature’ is unrelated to the general
picture in Field 52, it would seem incompatible with the ‘wing’ hypothesis as described

above, while it fits in quite satisfactorily with the two-component picture.

The observations therefore favour the existence of two stellar components along the
line-of-sight, in the SMC northeastern outer-disk and halo regions, without ruling out

completely the alternative of a wing-like distortion towards the LMC.

5 Summary and Conclusions

The three-dimensional distribution in space of the old disk and halo populations in the
SMC northeastern and southwestern outer regions was examined. The study is based
on the analysis of the horizontal branch/clump, present on the CMDs examined in the

previous chapters.
The observations show a significant line-of-sight depth of 17 kpc in the mean,
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Figure 5: The mean clump dispersion as a function of projected distance from the
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reaching a maximum value of 23 kpc, in the NE regions. This can be envisaged as
the disruptive effect of the LMC on the SMC. The possibility of the existence of two
separate entities along the line-of-sight was examined, in view of these results. The data
favour the two-component hypothesis for the SMC, also suggested in the past for the
young populations in the SMC central regions. However, an alternative interpretation

of a wing-like feature cannot be ruled out.



CHAPTER X: GENERAL CONCLUSIONS

In the study presented in the previous chapters an attempt was made towards a better
and more complete understanding of the structure and evolutionary history of the Small

Magellanic Cloud, the second nearest galaxy to our own.

The study was focused on the northeastern and west/southwestern outer parts of
the SMC, including populations at projected distances larger than 2.2 kpc from the

centre of the SMC. These regions have scarcely been studied in detail in the past.

The observational material consisted of good quality B and R photographic plates
taken with the U.K. Schmidt Telescope in Australia, digitised by the COSMOS au-
tomatic microdensitometer and calibrated by a series of CCD photometric sequences
obtained at the European Southern Observatory (with the 1.5m Danish Telescope) and

at the Anglo-Australian Observatory (with the 4m Telescope).

Colour-magnitude diagrams were constructed over the whole of the area measured.
The analysis of the properties of these diagrams had the two-fold purpose of (a) estab-
lishing the population synthesis in the outer parts of the SMC as a function of position
with respect to the centre, and (b) probing the geometrical structure (in three dimen-

sions) of these outlying regions of the SMC.

The general conclusions of this study can be summarised as follows:

The stellar content:

The bulk of the stars in the SMC general field and with projected distances larger
than 2.2 kpc from the SMC centre belong to populations older than 1-2 billion years,
reaching ages of the order of 10 billion years or more. In spite of the extent of the
present study, no convincing evidence was found of a population similar to the Galactic

halo (possessing blue horizontal branch stars).

There is a gradual increase of the ‘mean’ age of the stars in these outer regions of the
SMC, even after removing the contribution of the stars younger than 1-2 Gyr, which

were shown to have a different distribution from the older populations. This result

207



was not interpreted as indicating the existence of discrete populations, in the sense of
discrete star formation events, but rather as the effect of a gradunal depletion of ‘active’
gas, as a function of time. A detailed and deep (down to R=24 mag) luminosity function
study is necessary to prove whether or not there was a major SF event 10-12 billion
years ago. Some evidence was found of an enhanced mode of SF in the SMC 1-2 Gyr

ago, although the interpretation of the data was not unique in this respect.

Interestingly, no significant gradients were detected in the (mean) metal abundance
of the field stars in the regions studied, although the mean age appeared to change
significantly with distance. This result confirmed —on a larger scale- the suggestion
that the chemical evolution of the SMC has been very slow over a large fraction of its
lifetime (from ~ 2 to ~ 10 Gyr). More conclusive results must await a detailed and

extended metal-abundance study of (individual) field stars of different ages in the SMC.

Another important aspect of the SMC structure revealed by the present study is
the fact that stars with ages in the range of 0.5 to 1-2 Gyr have a significantly more
extended distribution in the NE outer regions than in the W/SW. This result was also
confirmed by the carbon-star distribution in the same regions. This marked asymmetry
was tentatively attributed to dynamical factors (the tidal effect of the LMC), especially

in view of the results of Chapter IX.

The geometry:

The three-dimensional distribution of the stars comprising the NE and W/SW outer
parts of the SMC was examined, using the magnitudes of the horizontal branch stars
as distance indicators. The NE-SW ‘inclination’ of the SMC was confirmed, the NE
regions lying closer to us in the mean. Most importantly, a significantly larger line-of-
sight depth was detected in the NE regions than in the W/SW. The possible presence
of two separate entities along the line-of-sight was advocated. This was interpreted as
the disruptive effect of the LMC tidal field on the SMC outer regions ‘facing’ the LMC.
A detailed radial velocity study of the HB/clump stars in the NE would be a most
interesting line for future research, as the two entities —if actually existing— would be

expected to have different kinematical behaviour.
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APPENDIX A

Colour-magnitude diagrams

e Field 28

e Field 52
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Field 52: Region 1.1
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Field 52: Region 3.1
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APPENDIX B

e Finding charts of Carbon star candidates idetified with method 1

e Tables of Carbon Star candidates identified with method 2
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Plate B1: Field 28, NE regions. Finding chart for the carbon star candidates
identified with method 1.
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Plate B6: Field 29, S regions overlapping with Field 52.
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TcosSMOS | Ycosmos R B-R

1 1

Region 5.1
1103334 2921248 | 15.84 | 3.15
1209609 2918791 | 16.96 | 3.02

1256890 2668798 | 15.40 | 3.92
1328030 2836028 | 15.83 | 3.10
1387421 2539074 | 15.49 | 3.12
1423587 2583189 | 16.61 | 3.15
1493890 2850558 | 17.01 | 3.02

Region 4.1
1037555 2161387 | 15.58 | 4.00
1041293 2417638 | 15.59 | 3.00
1039131 2430597 | 16.24 | 3.83

1122431 2220696 | 15.52 | 3.79

1120096 2264659 | 16.07 | 3.67
1127976 2487984 | 15.97 | 3.48
1130089 2490086 | 15.24 | 3.00
1172282 2141737 | 15.23 | 3.29
1170885 2271565 | 16.46 | 3.04
1190148 2173397 | 14.10 | 3.15

Table B1: Field 28. Carbon Star candidates identified from their position on the
CMDs. Columns 1 & 2: The COSMOS x and y coordinates of each star on the ‘master’
photographic plate (see Chapter III). Column 3 & j: the magnitudes (R) and colours
(B-R) of the stars.
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zcosmos | ycosmos | R | B-R
p m
1222675 2099068 | 16.00 3.63
1236536 2013675 | 15.78 | 2.93
1293559 2426861 15.26 2.91
1293582 2476783 | 16.21 3.07
1318469 2239827 | 15.29 3.97
1411094 2421751 | 15.62 3.06
1438906 2033220 | 16.94 | 4.76
1492034 2316855 | 16.07 | 3.42
Region 3.1
1066250 1722751 | 15.36 2.95
1168643 1699915 | 16.51 4.03
1183231 1746764 | 15.86 | 3.20
1216210 1598484 | 15.92 | 3.89
1338215 1652990 | 1540 | 3.55
1357104 1550557 | 15.85 | 3.83
1387785 1709766 | 16.14 | 4.17
Region 3.2
1663862 1562332 | 17.00 3.43
Region 2.1
1157988 1466632 | 15.62 3.39
1219615 1356680 | 15.25 3.02
1234800 1003454 | 16.85 3.78

Table B1: continued.
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zcosmos | ycosmos | R | B—R
1 I
Region 1.1
508818 2635162 | 17.08 | 4.12:
564728 2924823 | 14.74 | 3.22
583175 2606764 | 16.52 2.98
648455 2739348 | 15.02 | 3.45
669229 2695888 | 15.70 | 3.68
882409 2628971 | 15.02 | 3.16
867852 2665233 | 15.10 | 3.34
887509 2567389 | 15.36 3.15
894370 2760841 | 15.72 3.12
898419 2997863 | 15.67 3.05
952546 2517895 | 15.68 3.42
947163 2741175 | 15.18 | 3.01
Region 1.2

1024976 2830977 | 16.29 3.57
1015618 2834798 | 16.37 | 4.60
1074242 2638378 | 15.46 3.b5
1095346 2846463 | 15.03 3.29
1232082 2953791 | 15.48 b
1284787 2891036 | 15.61 3.06

Table B2: Field 52 (as in Table Al).




zcosmos | ycosmos | R | B—-R
p 1
Region 1.3
1740744 2738848 | 15.07 | 3.17
1771529 2708638 | 14.32 | 3.18
1941459 2965962 | 15.28 | 3.70
Region 2.1
507060 2153459 | 15.67 | 3.05
504624 2202241 | 17.15 | 2.95:
547458 2351415 | 15.81 | 3.12
637538 2286770 | 15.65 | 4.44
698741 2060918 | 16.30 | 4.12
927051 2383378 | 15.33 | 3.05
996539 2325491 | 16.13 | 2.91
993629 2467868 | 15.76 | 3.20
Region 2.2
1247551 2249279 | 14.94 | 3.05
Region 2.3
1557130 2482558 | 15.40 | 3.28
1731580 2429731 | 1545 | 3.56
1843418 2178713 | 15.57 | 3.00

Table B2: continued.
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Tcosmos | Ycosmos | R | B—-R
I 7
Region 3.1
522889 1658245 | 16.40 | 2.94
684785 1805513 | 17.10 | 3.98:
984629 1629636 | 15.85 | 2.95
Region 3.2
1233099 1741954 | 15.66 | 4.20
Region 3.3
1540315 1890866 | 16.84 2.94
1873082 1833640 | 16.95 3.45
1870504 1842311 | 17.09 | 4.64:
Region 3.4
2184999 1645496 | 16.89 | 4.49
2174756 1653058 | 17.12 | 3.53:

Table B2: continued.
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