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ABSTRACT

We investigate the triggering of star formation in clouds that form in Galactic scale flows as the
interstellar medium passes through spiral shocks. We use the Lagrangian nature of smoothed
particle hydrodynamics simulations to trace how the star-forming gas is gathered into self-
gravitating cores that collapse to form stars. Large-scale flows that arise due to Galactic
dynamics create shocks of the order of 30 km s~ that compress the gas and form dense clouds
(n > several x 10> cm™?) in which self-gravity becomes relevant. These large-scale flows
are necessary for creating the dense physical conditions for gravitational collapse and star
formation. Local gravitational collapse requires densities in excess of n > 10° cm™ which
occur on size scales of 1 pc for low-mass star-forming regions (M < 100 Mg), and up to
sizes approaching 10 pc for higher mass regions (M > 10° M). Star formation in the 250 pc
region lasts throughout the 5 Myr time-scale of the simulation with a star formation rate of
~10~' Mg yr~! kpc2. In the absence of feedback, the efficiency of the star formation per
free-fall time varies from our assumed 100 per cent at our sink accretion radius to values of
<1073 at low densities.
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formation.

1 INTRODUCTION

Star formation is one of the most important processes in galactic
evolution, transforming gas into stars and providing the visible out-
put as well as the chemical and energetic feedback into the galaxy.
Understanding how star formation is triggered is complex as it
involves various physical processes that occur simultaneously, in-
cluding Galactic scale and supernova driven flows that compress
the interstellar gas, thermal physics, turbulence and the self-gravity
of the gas that ultimately drives the star formation process (Larson
et al. 2015). Observationally, it is difficult to assess how star for-
mation is triggered, and especially what are the initial conditions
that lead to high-mass and clustered star formation (Nguyen Luong
et al. 2011; Peretto et al. 2013; Louvet et al. 2014).

Significant work on star formation has centred on using idealized
initial conditions to investigate the formation of stellar clusters and
the origin of the initial mass function (IMF; Bate, Bonnell & Bromm
2003; Bonnell, Bate & Vine 2003; Bonnell et al. 2011; Krumholz,
Klein & McKee 2011). Bonnell et al. (2011) investigated the evolu-
tion of an elongated cloud in which the gravitational binding varied
along the major axis. This work showed that the initial conditions
can have a major impact in all the resultant star formation properties
including star formation rates (SFRs), efficiencies, clustering and
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even the IMF. A major conclusion is that using self-consistent initial
conditions for star formation is crucial to develop realistic models.
One way of generating initial conditions is using Galactic scale
flows through either convergent streams (e.g. Vazquez-Semadeni
et al. 2007; Banerjee et al. 2009; Clark et al. 2012), or through
spiral shocks (Bonnell et al. 2006; Dobbs, Bonnell & Pringle 2006;
Dobbs, Pringle & Burkert 2012; Bonnell, Dobbs & Smith 2013;
Smith et al. 2014). In the spiral shock case, the interstellar gas
rotates at some 20-30 km s~! faster than the pattern speed of the
spiral arms. Adjacent streamlines are forced to converge in the spiral
arms resulting in supersonic shocks which compress the gas, form-
ing molecular clouds with regions that can become self-gravitating.
Thermal instabilities in the shock result in formation of dense, cold
(~10K) star-forming conditions even when the interstellar medium
(ISM) is initially warm with temperatures between 1000 and 10* K
(Bonnell et al. 2013). Furthermore, the triggering also induces tur-
bulent internal motions as are ubiquitously seen in molecular clouds
(Bonnell et al. 2006, 2013; Falceta-Gongalves et al. 2015).
Galactic scale simulations of star formation (Dobbs et al. 2006;
Dobbs & Pringle 2013) have been used to study the formation and
lifetimes of giant molecular clouds (GMCs). They found that the
clouds form due to interactions of smaller clouds and the ISM.
The lifetimes of these clouds were in the range of 4-25 Myr
for the highest mass clouds (>10° M@), consistent with the lo-
cal crossing time. The resolution of these simulations (with particle
masses of ~300M¢)) was not high enough to resolve details of
the star-forming regions, or local gravitational collapse, within the
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individual clouds. It is this aspect we aim to address here in order
to study what drives the star formation within GMCs.

SFR and star formation efficiencies (SFE) are key parameters to
characterize star-forming region in terms of how much gas is turned
into stars (Kennicutt & Evans 2012). The differences between these
two parameters are that SFR describes the current rate — how much
mass is going into star, while SFE tells how efficient is star for-
mation for a given region, typically measured per dynamical, or
free-fall time. Observationally, it is challenging to determine SFE
due to proper mass measurements; averaging subsets with different
physical properties, which cannot be properly resolved. Krumholz
& McKee (2005) argue that SFE per free-fall time should be con-
stant independent of gas density. Observationally, however, SFE are
typically found to increase with gas density (Bontemps et al. 2010;
Palau et al. 2013). A dynamical formation mechanism of molecular
clouds due to Galactic scale flows help relax the constraints imposed
if self-gravity is the primary formation mechanism (Krumholz et al.
2011). Additional physical processes, such as feedback and mag-
netic fields can also act to delay star formation, or decrease the
overall SFE. Collapse models including magnetic fields and tur-
bulence find a significant reduction in SFRs in the range of 3—10
(Krumholz & McKee 2005; Price & Bate 2009; Padoan & Nordlund
2011; Dale, Ercolano & Bonnell 2012; Federrath & Klessen 2012;
Hennebelle & Chabrier 2013; Dale et al. 2014; MacLachlan et al.
2015).

In this paper, we analyse how star formation occurs in the spiral
shocks simulation reported earlier in Bonnell et al. (2013). The
initial conditions arise from a nested suite of simulations starting
from a full galaxy simulation, a local non-self gravitating cloud
simulation and finally by a self-gravity simulation in which 1.1 x
10° My of gas is followed for over 5 million years. In Section 2,
we describe this simulation in more detail and layout our analysis
methods.

2 METHODS

2.1 SPH simulations

The work presented here is based on our analysis of a re-running of
the Gravity simulation presented in Bonnell et al. (2013). This simu-
lation was constructed from a set of nested simulations starting from
a full Galactic disc simulation over 350 Myr, with a 50 Myr high-
resolution counterpart focusing on the formation of dense clouds
in the spiral arms, and a final simulation to follow star formation
over 5.8 Myr. The final stage, which we analyse here, included self-
gravity and modelled a 250 pc region containing 1.9 x 10° Mg
mass. This simulation used 1.29 x 107 smoothed particle hydro-
dynamics (SPH) particles with 0.15 M masses. Star formation is
followed through the use of sink particles (Bate, Bonnell & Price
1995). A minimum mass for the sink particles corresponds to ~70
SPH particles representing one SPH kernel, or ~11 M) with a sink
radius of 0.25 pc to accrete bound, infalling gas particles while all
particles penetrating within 0.1 pc were accreted. The sink particles
therefore do not represent individual stars but rather a small cluster
of stars or star-forming region. Gravitational interactions between
sinks were smoothed within 0.025 pc.

The thermal physics was included as an adiabatic gas law with
superimposed optically thin cooling rates balanced against con-
stant background UV heating (Koyama & Inutsuka 2002; Vazquez-
Semadeni et al. 2007). This cooling function is an approximation
based on the most important coolants at the relevant (low) densities
including Lyman-alpha, Cn and O1 (Koyama & Inutsuka 2000).
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Use of a cooling function assumes that the gas is optically thin in
the low-density gas, with high density optically thick regions where
gravitational collapse occurs being replaced by sink particles. The
cooling rates provide a thermal instability once gas densities in-
creases above 1 cm™ and results in a multiphase ISM (see Fig. 1)
where warm gas at densities <1 cm ™ and temperatures near 10* K
coexists with cooler gas down to temperatures approaching 10 K at
densities in the range of 10-1000 cm~ (Bonnell et al. 2013).

Our use of a cooling curve is necessarily an approximation to
the detailed cooling that would require an explicit treatment of the
chemical evolution in the gas (Clark et al. 2012; Glover & Clark
2012; Micic et al. 2013). Micic et al. (2013) conducted detailed com-
parisons between cooling functions and chemical networks showing
that overall the cooling function employed here does a reasonably
good job at representing the thermodynamics. They reported fairly
good agreement in the mass and volume fraction of the cold gas and
properties of the dense clumps, with some differences in overall
cloud morphology and post-shock velocities. In the simulations re-
ported here of Galactic-driven shocks of clumpy ISM, the velocities
remain dominated by the large-scale flows, such that any differences
in the thermally induced post-shock velocities are less important.

We note here that in addition to not including a treatment of the
chemistry, these simulations also do not include magnetic fields
or feedback such as ionization and supernovae. Feedback effects
will mostly occur at later, post-collapse stages in the star formation
process. MacLachlan et al. (2015) and Dale et al. (2014) showed
that feedback can act to decrease the SFR by up to 50 per cent,
but does not significantly alter the star formation process. Magnetic
fields are more likely to affect the earlier stages of star formation
by slowing down collapse (Price & Bate 2008; Price & Bate 2009),
and will be included in subsequent models. Our approach has been
to include the physical processes individually to ensure that we
understand their respective effects on the star formation process.

2.2 Analysing the onset of star formation

We make use of the Lagrangian nature of SPH, where gas elements
are modelled by individual SPH particles, to follow the gas flows
as the evolution proceeds towards gravitational collapse and star
formation. We note the individual particles which form each sink
particle, or are subsequently accreted by a given sink particle, and
use these to trace the physical properties of the star-forming gas.
This is done for each sink, and at all times during the simulation
including self-gravity. In order to characterize the evolution towards
gravitational collapse, star formation and subsequent accretion in
the simulation, we use the evolution of the half-mass radius of
the gas which ultimately contributes to each sink. In addition, we
follow the gas densities, the velocities, the kinetic, thermal and
gravitational energies for each sink from the initial conditions until
all its contributing gas is accreted. The masses over which these
properties are calculated represent the final sink masses and are
hence constant for each sink.

In order to compare the physical properties of star formation,
we plot the relevant properties in terms of the sink age, measured
relative to the initial formation of the sink particle. Negative sink
ages measure the time before the sink is accreted and positive sink
ages describe the accretion phase. We also note the time at which
each gas particle is accreted on to a sink particle, the accretion
time, and the location where this accretion occurred. We refer to
the depletion time, which is the time remaining in the simulation
to each particle before it is accreted. This is compared to predicted
star formation, or compression time-scales for the free-fall collapse
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Figure 1. Initial conditions for accreting (coloured) and non-accreting (grey) particles. Colours in upper-right panel show velocities in y-direction and
highlights the presence of 20-30 km s~! spiral shock. Upper-right panel and the low panel has accreted particles plotted on the top of all gas particles and colour
coded by their accretion time. Accreted particles show that early star-forming particles are located in highest density compact peaks, while late star-forming

particles are widespread in larger volumes.

of the individual object, the larger scale region, or the compression
time due to the large-scale spiral shock.

3 FLOW DYNAMICS INSIDE SPIRAL ARM

The first goal is to establish where in the simulation does the star
formation come from. Fig. 1 shows the initial conditions for the
simulation in terms of the initial positions, velocities and densities of
all gas particles. The top-left panel shows the full initial conditions,
viewed face on the galactic disc, and with particles colour coded
by their velocity along the y-axis. The large-scale kinematics are
inherited from the global galactic potential and spiral arms. Gas
enters the spiral arm from the bottom left of the panel with positive y-
velocities of 10-30 km s~!, while gas already present in the arm has
negative y-velocities as it rotates around the galaxy. This produces
a convergent flow, and a shock of the order of 20-30 km s~ !, as the
gas leaves the potential minimum of the arm. The shock induces
turbulent motions in the gas (Bonnell et al. 2013; Falceta-Gongalves
etal. 2014), and forms high-density structured clouds where the star
formation primarily occurs.

The top-right panel in Fig. 1 highlights the location of the SPH
particles that subsequently undergo star formation. These particles
are colour-coded by their accretion times, i.e. the time from the
start of the simulation at which point they form, or are accreted
on to, a sink particle. Comparing the upper left and right panels
shows that most of the star formation occurs in the central region

where the colliding flows meet to compress the gas. At the high gas
densities produced by the shock, subregions of the cloud become
gravitationally unstable and start to collapse with the first stars
forming within 1-2 Myr of simulation time.

We see early star-forming gas (blue colour) in very compact
clumps, while late star-forming gas are distributed in much larger
regions. This is in good agreement that early accreted gas are already
close to their accretion points. Late star-forming gas still has to make
its way towards their sinks during the collapse, so they are still far
away from their sinks. Fig. 1 also shows the same initial conditions
plotted as the gas density versus the y-position and again colour-
coded by accretion time. This figure highlights the multiphase aspect
of the simulation with cold dense gas co-existing with warm, low-
density gas. The shocked region has already produced some very
high density clumps that collapse fairly quickly on their free-fall
times. Larger regions require further compression from the colliding
flows and shock before becoming self-gravitating.

To better see how the region evolves with time, we plot a zoomed-
in version of Fig. 1’s upper-right panel for the central region at four
different times in the evolution (Fig. 2). We show column density
maps representing all gas particles in grey. Accreted gas particles are
colour coded by their depletion time, i.e. the actual time remaining
till they will be accreted, while already formed sink particles are
plotted as yellow dots. We see that the main region is collapsing
in a parallel direction with the spiral shock front by contracting
from ~20-30 pc width down to several pc. This creates a long and
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Figure 2. Evolutionary sequence of main star-forming region. Grey colour represents column densities of all gas particles. Accreting particles are plotted on
the top and colour coded by depletion time. Sink particles are shown as yellow dots. Four different panels show how clouds looks like at 0.2, 2.9, 4.3 and
5.8 Myr, respectively. The presence of the main region collapse is visible over all times. Star formation take place in the densest parts of the region.

thin high-density ridge, extending several ten’s of parsecs from the
upper left to lower right side of the diagram, at a time of ~4 Myr.
Most intensive star formation is visible in the middle of this ridge.
Finally at the end of simulation, the ridge subdivides into a sequence
of clusters, laying ~10 pc away from each other.

We show the statistics of the simulation as a function of time for
sink particles in Fig. 3. We see that the first sinks form ~0.5 Myr
from the start of the simulation and at the end there are over 2000
sink particles with ~4 x 10° M in mass giving typical sink masses
of 72200 (. The star formation increases rapidly from 0.5 to 1.0 Myr
and saturates with an SFR of ~0.1-0.2 M, yr~! kpc~2. This SFR
corresponds to an overall surface density of gas of ~10M¢ pc?,
placing it above the typical Schmidt—Kennicutt SFR. This discrep-
ancy was also found in Bonnell et al. (2013) and is likely due to
the lack of magnetic support and potentially feedback (MacLachlan
et al. 2015).

MNRAS 459, 1985-1992 (2016)

4 PHYSICS OF STAR-FORMING REGIONS

One of key questions which we need to understand in terms of the
physics of star formation is on what scale does gravity and hence
star formation dominate over the background flows. We can use the
Lagrangian nature of SPH to trace back the regions that contribute
to the formation of individual sink particles, and measure their size
distributions as well as their kinematic and gravitational energies.

4.1 Accreted mass distribution at sink creation

At the beginning of the simulation only gas particles are present.
Sinks start to form after 0.5-1 Myr and can accrete throughout the
simulation. We track the accreted gas particles for each sink and use
these to analyse the physical properties of the sink at each point in
the simulation. This provides a constant number of particles to use
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Figure 3. Simulation statistics in terms of number of sink particles, total
mass in sinks and SFR as a function of time. Number of sinks and total mass
in sinks increasing all the time, while Xgpr grows very rapidly in the first
Myr and at later times remains nearly constant at ~0.1-0.2 M, yr~ ! kpc?
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Figure 4. Cumulative mass distribution over radius for accreted gas par-
ticles at the time of sink formation. Blue vertical dashed line marks inner
(0.1 pc), red — outer accretion radii (0.25 pc). Four colours indicates different
final sink mass subsets. Low final-mass sinks are forming with nearly all
their final mass, while high final-mass sinks collecting their high through
accretion. Vertical arrows show mean HMR for all four subsets.

for each sink and we use the term ‘final sink mass’ to represent the
sink mass at the end of simulation. In order to aid comparison, we
normalize the time sequence by the formation time for each sink.
Before sink creation, we use the position of the particle that is
subsequently turned into a sink, the protosink, as a reference centre
for analysing the evolution to gravitational collapse and star forma-
tion. Fig. 4 presents cumulative mass distributions with distance,
averaged over four different final sink mass ranges, for each sink at
a time just before sink creation. This figure shows us how widely the
mass is distributed relative to the sink accretion, or formation radius,
of 0.25 pc. In addition, the distributions vary significantly depending
on the final sink mass. Inside the sink accretion radius, the distri-
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Figure 5. Binding ratios distribution over radius for accreted gas particles
at the time of sink formation. Blue vertical dashed line marks inner (0.1 pc),
red — outer accretion radii (0.25 pc). Black horizontal line (panel b) shows
where sinks are gravitationally bound. Four colours indicates different final
sink mass subsets. Larger final-mass sinks are bound at larger scales than
small final-mass sinks.

butions are indistinguishable. All sinks form with similar masses
representing at least 70 SPH particles, as required numerically for
sink creation within the simulation. Outside the sink accretion ra-
dius, the mass distributions are very different. For low final-mass
sinks (m < 100 M), Fig. 4 shows that they do not accrete signifi-
cantly from any envelope, with the majority of their final mass being
located at subpc distances. Higher final-mass sinks show increas-
ing amounts of mass, located at larger distances from the newly
created sink, that are yet to be accreted over longer time-scales.
The largest final-mass sinks, with masses in excess of 1000 Mg,
have about 100 times their formation mass in their envelopes, with
the envelopes extending up to sizes of 10 pc.

4.2 Binding ratios and HMR

To see at what scale gravity becomes important, we calculated the
kinetic, thermal and gravitational energies to check how bound
individual particles are to their forming sink. Using the protosink
as reference point, we use a direct summing of the gravitational
energies and compare this to the kinetic and thermal energies. In
Fig. 5, we plot the cumulative binding ratios, (E; + Ey)/|E,|, for the
sinks at the time of formation, again divided into four mass ranges.
The binding ratios show that inner parts of the mass distributions for
all forming sinks are bound to well outside the sink accretion radius.
This is a necessary condition for sink formation. The difference
lies in that low final-mass sinks are bound only to radii of ~1 pc,
whereas higher final-mass sinks are more deeply bound throughout,
and are bound to greater distance of ~5 pc. The implication is that
higher mass sinks, or larger mass star formatting regions, result from
clumps that are more gravitationally bound, and where self-gravity
dominates on larger size scales.

We have seen above that, at the time of sink formation, higher
final-mass sinks still need to accrete significant amounts of their
final mass which is located at relatively large distances. We next
calculated where this mass is located at earlier times, and how this
region evolves in size throughout the simulation. To do this, we
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Figure 6. Evolution of sink HMR over sink ages. Tiny dots show sinks
HMR tracks over sink ages and their colours represents final sink masses.
Larger dots show paths of mean HMR evolution over sink ages for four final
sink mass subsets. The diagram shows that HMR of low final-mass sinks
starts to decrease early all the way down to accretion radii. High final-mass
sinks sustains near the same HMR till the sink formation time and some of
them starts to decrease their HMR only at 1-2 Myr after sink formation.

determined the half-mass radius of the full final-mass distribution
at each point in the simulation for each sink, or protosink. The half-
mass radii (HMR) are plotted as a function of sink ages in Fig. 6,
for each individual sink and for mean values in four different mass
ranges. We see a wide range of HMR at early times extending from
subpc to >20 pc. The general evolution is that the HMR decrease for
all protosinks as they move closer to the time of sink formation. The
mean HMR are ~5 pc some 4 Myr before formation, apparently
independent of final mass. At later times, within 1 Myr of sink
formation, the low and high final-mass sinks display different HMR
with the high final-mass sinks maintaining large HMR of several
pc while the lower final-mass sinks halve mean HMR of <1 pc.
Higher final-mass sinks maintain appreciable HMR even after sink
formation, with values of several pc up to 2 Myr after sink formation.
This represents the region from which they subsequently accrete to
gain their full masses.

4.3 Driving of star formation

It is clear from Fig. 1 that star formation occurs mostly in the high-
density gas and that self-gravity, at least on small scales (Fig. 5)
can drive the last phase of the star formation process. What is less
clear is how the gas reaches the high densities required for gravity
to force collapse. In order to assess this, we take all the gas particles
that undergo star formation and calculate their depletion time, the
time until they are accreted, and compare this to three predictions
for star formation time-scales: (i) their free-fall time or clump-
collapse time (taump = /37/[32Gp]) given their local density,
(i) their core-collapse time (feore = \/ dsink’ /|G Minc]) given the
subset of their final mass which is interior to the particle, and (iii)
the flow-time given their local flow speed and distance (dsnx) to-
wards the (proto)sink (fgew = dsink/Vsiow)- This last is related to the
large-scale flows due to the spiral shock.

All three processes gives independent prediction times for when
particles should be accreted. In order to be able to physically ex-
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Figure 7. Ratio of star formation to depletion times versus SPH density his-
togram at the beginning of simulation. Colours represents different models
for predicted star formation times.

plain the star formation observed in the simulation, we require that
the predicted time-scales fyrq, are less than the time-scale that is
measured from the simulation (Zprea < f4ep1). The ratio of the three
predicted time-scales (the clump-collapse time or free-fall time,
the core-collapse time, and the flow time, or shock time-scale) are
plotted in Fig. 7 binned by the SPH particle densities. Blue dots
represents core-collapse times for the protosink where its enclosed
mass is used. Red dots represent the free-fall time of the region
clump-collapse times as calculated by the gas particle’s local gas
density. It is a property of the environment and can inherently in-
clude effects of gas which does not contribute to the final mass
of the individual sink. The third model (green dots) uses the flow
velocity of each particle relative to the sink on to which it is to be
accreted, and remaining distance to this (proto) sink. We use only
the radial velocity component towards the sink. When the predicted
times are greater than the observed depletion times, we can exclude
that physical process from being responsible, at a given gas density,
for driving the gas compression and ultimately star formation.

The diagram shows that at low densities (which represents large
scales), the flow model is the only model which can explain the star
formation, with oy /faepr < 1. Both gravity models at low densities
give large fyreq/tecp ratios. This is because gravitational collapse
alone is not enough to move accreted particles from these large
distances sufficiently fast towards their sinks, regardless of the gas
actually being bound or not at these scales. So galactic flows, which
encompass large amount of radial velocities, are necessary in or-
der to move the gas from low-to-high-density regions fast enough
to explain the eventual star formation. At densities above a few
x10% cm™3, the gravity of the clump, given by the free-fall time of
the region, becomes short enough to give feump/taepr < 1. At this
point, we also see that the region’s gravity model also crosses the
flow model, which means that the gravity of the region is a signifi-
cant process at these densities. At gas densities larger than several
x10°® cm™ individual sinks’ gravity becomes relevant with
Teore/taept < 1, although the individual core’s self-gravity does not
appear to dominate until much high densities are reached. The flow
model continues to have low fjoy /tacp ratios but this is also ex-
pected in the gravitationally driven flows which dominate at these
densities.
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Figure 8. Mass distribution over SPH density for accreted and non-accreted
gas at the beginning of simulation. Different colours shows mass distribution
for particles being accreted only before given time.

4.4 Star formation efficiencies

We saw in the previous section that star formation is driven by
the large-scale flow from low gas densities until compression in
the converging flow reaches sufficient densities for self-gravity to
take over and local gravitational collapse ensues. A related issue is
what fraction of the gas at a given density is involved in the star
formation process. Fig. 8 plots the mass of gas as a function of its
density at the start of the simulation when self-gravity is turned on.
We see the bimodal distribution of the gas as a function of density,
as evident in Fig. 1, where the cold dense gas is embedded in a
warm, low-density environment. Also plotted in Fig. 8 is the mass
of gas in each density range that undergoes star formation within
given times in the simulation. Gas at high densities (n > 10* cm™)
undergoes star formation relatively quickly, with of the order of
5 per cent of gas at 10* cm™> being accreted by sink particles within
0.5 Myr and close to 20 per cent by 1 Myr, reflecting free-fall time
of &9 x 10° yr. Gas at lower initial densities of 10> cm~> sees only
~(0.1 per cent accreted within 2 Myr and ~5 per cent within 5 Myr
(free-fall time of ~9 x 10° yr).

We see a similar trend with gas density for the SFE per free-fall
time (Fig. 9). We measure the SFE per free-fall time here using our
knowledge of the star formation events and time-scales throughout
the simulation. Thus, at a given gas density in the initial conditions
of the simulation, we can measure the fraction of the gas that is
accreted within a given time, relative to the free-fall time at that
density. Although this measurement cannot be made observationally
as it relies on the knowledge of the future evolution, it provides a
more accurate measure of the actual efficiency of star formation. In
Fig. 9, we see at each time a generally increasing SFE from low-
to-high densities, at which point it plateaus at roughly 30 per cent
per tx. This overestimate is due to our assumption that accretion
on to the sink particles is 100 per cent efficient, such that all gas
particles that fall within the accretion radius of the sink contribute
fully to the sink’s mass-growth. Regardless of this overestimation
of the SFE, we see values are as low as 2-3 per cent at gas densities
of 10° cm™* after 1 Myr. These SFE estimations are comparable
with Louvet et al. (2014), who observed the high-density regions
in the ridge-like structure of W43-MM1 and obtains SFE as high
as 3—11percent. The SFE do increase with time, as one would
expect in the absence of feedback or additional support. Ensuring
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Figure 9. SFE per free-fall time plotted as a function of the gas densities at
the beginning of the simulation. Different colours shows mass distribution
for particles being accreted only before given time. At large densities all SFE
are high, however going towards lower densities SFE decreases depending
to which time-scales we are looking at. As gas are being accreted from
lower density (larger distance) scales at longer times, there exist a point
where feedback would halt continuous accretion from larger scales. If SNe
feedback from first stars starts to play a role at ~3—4 Myr, it is very likely
that SFE lines would stop near the green line (2 Myr) and SFE would
drop significantly for densities below 10> cm™3, resulting in lower overall
simulation SFE.

low SFE over longer time-scales requires additional physics such as
feedback from ionizing radiation or magnetic support which delays
the collapse process.

5 CONCLUSIONS

We used SPH simulations to study the triggering of star forma-
tion from galactic scale flows. Our 1.9 million solar mass region of
250 pc produces approximately 400 000 solar masses in star for-
mation over a 5.6 million year period. The large-scale dynamics of
the region clearly shows the compression of the gas in the shock re-
gion, and the subsequent star formation in the dense ridge of gas thus
formed. The Lagrangian nature of SPH allowed us to trace back the
star formation from the point of star formation, or subsequent accre-
tion, to the earlier pre-collapse initial conditions. We found that at
the point where star formation is initiated, our sink-formation time,
lower mass regions are contained within &1 pc while higher mass
regions extend for many 10’s of pc. This is reflected in the size scale
over which the region is bound. By investigating the time-scales for
gravitational collapse and for shock compression of the gas com-
pared to the measured depletion time-scale for an SPH particle to be
accreted, we found that self-gravity is only relevant at high densities
while the large-scale compression due to the shock is responsible
for driving star formation from low densities. Only a small frac-
tion of gas initially at low densities is involved with star formation
whereas the majority of the gas at higher densities is transformed
into our sink particles. The efficiencies of star formation per free-fall
time is correspondingly several 10 per cent at densities of 10° and
decreases down to 0.1 per cent at densities of several 100’s cm™>
within the first million years. From these results, we can conclude
that in these simulations, and in the absence of magnetic fields, star
formation is triggered by the large-scale flows and that even at the
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point where star formation is initiated, the gas involved is spread
over several, to several 10’s of pc.
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