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Starlight beneath the waves



Frontispiece: An illlustration of the physical processes described in this dissertation. A Gamma-Ray Burst (GRB)

emits high-energy γ-rays towards the Earth. Depending on the distance to the GRB and the energy of the γ-ray,

some of them will get annihilated by the cosmic infrared background. Those that survive will initiate electromagnetic

showers in the atmosphere, producing some amount of muons. The muons then penetrate the sea, losing their

energy along the way. As the muons traverse the sea, electromagnetic shock-waves will be generated in the form of

Čerenkov photons. These photons will then be detected as signals by the array of photomultiplier tubes that comprise

ANTARES. Illustration by the author.
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Preface

This booklet is a doctoral dissertation which came out as a re-
sult of four years of research conducted at the National Institute
for Subatomic Physics (Nikhef) in Amsterdam, The Netherlands.
Some of the text written in this dissertation is based on the fol-
lowing material:

• Astraatmadja T. L. 2011. On the detection of TeV γ-rays from GRB
with km3 neutrino telescopes — I. Muon event rate from single GRBs.
MNRAS, 418: 1774–1786 (Sections 1.5, 2.2–2.3, 3.1–3.6, Chapter
4)

• Astraatmadja T. L., 2012a, On the detection of TeV γ-rays from
GRB with km3 neutrino telescopes: ANTARES’s responses to down-
going muons. Technical Report ANTARES-PHYS-2012-005 (Sec-
tion 3.7, Chapters 7–10)

• Astraatmadja T. L., 2012b, On the detection of TeV γ-rays from
GRB with km3 neutrino telescopes: Simulation and optimization of
three selected GRBs. Technical Report ANTARES-PHYS-2012-006
(Chapter 11)

The offer to do this research project came from Maarten de Jong.
I attended his class on astroparticle astrophysics in 2007, during
my master studies at the Leiden Observatory. He was later ap-
pointed as a professor at Leiden University and offered me a PhD
position. I was interested and quite enthusiastic, but was unsure
to undertake a project in such an unfamiliar topic. During my
visit to Nikhef for the job interview, the then leader of the AN-
TARES group at Nikhef (to which I was later attached), Gerard
van der Steenhoven, assured me that somebody with my back-
ground and capabilities could be a useful addition to the group.
I was convinced. I would like to thank Gerard for his confidence
and for telling me that there is a place for an astronomer like me
in astroparticle physics.

The ANTARES group at Nikhef is akin to a close-knit fam-
ily. The bond that developed over the years helped me ease the
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stress of doing research. Claudio Bogazzi, Giada Carminati, Akis
Gkaitatzis, Claudio Kopper, Gordon Lim, Tino Michael, Dimitris
Palioselitis, Jelena Petrovic, Eleonora Presani, Corey Reed, Stephan
Schulte, Erwin Visser, Guus Wijnker, thank you all for your sug-
gestions and comments, for giving me the most awesome time at
Nikhef, and for showing me how to survive at ANTARES. Thank
you Ana Carolina Assis Jesus, Ching-Cheng Hsu, and Jeroen Snij-
dewint for your patience in sharing an office with me. Special
thanks to Erwin for all those Dutch translations, and thank you
Maria Tselengidou for making working in Nikhef at weekends
much less dreary. You guys are a constant reminder that I was
never alone in working on this project.

My research is greatly aided by Mieke Bouwhuis, Aart Heij-
boer, and Dorothea Samtleben. Thank you for helping me in
matters of the GCN alert messages, track reconstruction, and L0
data analysis. The dissertation would not be the same without
your help. I want to thank also Antoine Kouchner and Clancy
James for their suggestions and for refereeing my work towards
data unblinding. Additional thanks should also be given to Aart
and Clancy for presenting my results on my behalf respectively
in Moscow and Bologna. I thank also Yuri Cavecchi, Samia Drap-
peau, and Peter Polko from the Anton Pannekoek Astronomical
Institute for sharing their knowledge of high-energy astrophysics.

Thank you Ralph Wijers for reading the manuscript of my first
paper. Without your suggestions and constant assurance that the
paper is worth publishing, it would never have ended up the way
it is.

Finally, I would like to thank Maarten de Jong for supervising
my research and for his support and belief in this work. Without
his constant push in the right direction and encouragement, this
dissertation would have run out of steam and would never have
been completed.

Tri L. Astraatmadja



1 Introduction

The idea on which this dissertation is based is a very old one,
but today can become a reality with the recent advent of very
large volume neutrino telescopes.

Figure 1.1: An illustration
of a particle shower initiated
by cosmic rays. Credit: Si-
mon Swordy (University of
Chicago, NASA).

When a downgoing high-energy γ-ray passes through the at-
mosphere of the Earth, it will interact with the particles in the
atmosphere and initiate an electromagnetic shower of particles
(not unlike what is shown in Figure 1.1). This shower could pro-
duce, among others, a small number of muons that can penetrate
deep into the Earth, losing their energy along the way. If a muon
moves with a speed exceeding the speed of light in its surround-
ing medium, the medium will radiate so-called Čerenkov photons
at a characteristic angle relative to the direction of the muon. An
undersea or under-ice large-volume neutrino telescope can detect
the surviving muons by detecting these Čerenkov photons. The
Čerenkov photons are recorded by the light-sensitive photomulti-
plier tubes that comprise the neutrino telescope. By finding sig-
nals causally connected in space and time, the track of a muon
can be reconstructed to obtain the energy of the muon and its
direction of arrival. A neutrino telescope primarily intended to
observe upgoing neutrino-induced muons could then have a sec-
ondary function as a γ-ray telescope.

With the completed construction of the ANTARES1 neutrino 1 Astronomy with a Neutrino
Telescope and Abyss envi-
ronmental RESearch project,
http://antares.in2p3.fr

telescope in the Mediterranean Sea (Ageron et al., 2011) and Ice-
Cube2 at the South Pole (Halzen & Klein, 2010), it is now possible

2 http://icecube.wisc.edu/to revisit this old idea of using a neutrino detector as a γ-ray tele-
scope. The goal of this dissertation is to find out whether this is
actually possible, to study the response of the detector to down-
going muons if that is the case, and also to perform an analysis of
the now-available data from ANTARES.

This method of γ-ray detection can in principle be applied to
any astrophysical source that emits high-energy γ-rays. However
for reasons that will be discussed later on, in this dissertation
gamma-ray bursts (GRB) will be the sole target of the attempt
to detect high-energy γ-rays using an underwater large-volume
neutrino telescope.

http://icecube.wisc.edu/
http://antares.in2p3.fr
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Many things need to be outlined first before we venture deeper
into this endeavour. In the following subsections I will outline the
leitmotif that drives this particular line of research and elaborate
upon the basic idea described above.

1.1 Photon, cosmic ray, and neutrino astronomy

On all of its surface and at all times, the Earth is bathed with
particles. They are emitted from various astronomical sources and
produced by various physical processes. They carry information
on the nature of the astronomical sources from which they are
produced. In order to comprehend the workings of the universe,
astronomers build various instruments to detect these particles
and interpret the results.

Among these particles are the photons, carriers of the electro-
magnetic force. Starlight, i.e. photon emissions from astronomical
sources, has inspired generations of natural philosophers since
time immemorial. Gods were made, myths and religions were
built, and musings concerning the nature of the sources were
thought out (Krupp, 1994). It can be said that the traditional
method of astronomical observation is carried out by observing
photons emissions from celestial sources, hence in hindsight it
can also be classified as photon astronomy.

Photon astronomy as a modern science began when Hans Lip-
pershey, a Dutch-German lensmaker who lived in Middelburg,
The Netherlands, developed the first known optical telescope in
1608 (van Helden, 1977). The development of photographic plates
in the mid-19th century and their usage in astronomy as a mean to
permanently record astronomical observations can only accelerate
our progress in astronomical research (de Vaucouleurs, 1961), and
the same could be said with the development of spectroscopy—
pioneered by German optician Joseph Fraunhofer in 1814—as a
method to decompose a beam of light into its constituent lights of
different wavelengths. Nowadays the instruments of the photon
astronomers are as varied as the energy regimes and sources of
the photons. From radio waves to high-energy γ-rays, the electro-
magnetic spectrum has been thoroughly explored, and multiwave-
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352 J.R. Hörandel / Progress in Particle and Nuclear Physics 64 (2010) 351–359

Fig. 1. All-particle energy spectrum of cosmic rays, adapted from [11]; for references, see Ref. [11]. The radius of protons in the galactic magnetic fields is
indicated at the top.

(1017–1018 eV). The extragalactic component needed according to the poly-gonato model [8] to sustain the observed all-
particle flux at highest energies has an energy density of ρE = 3.7 · 10−7 eV/cm3. The power required for a population
of sources to generate this energy density over the Hubble time of 1010 years is 5.5 · 1037 erg/(s Mpc3). This leads to
≈ 2 · 1044 erg/s per active galaxy or ≈ 2 · 1052 erg per cosmological gamma ray burst [17]. The coincidence between
these numbers and the observed output in electromagnetic energy of these sources explains why they are considered as
promising candidates to accelerate highest-energy cosmic rays.

The characteristic size of an accelerating region can be estimated for models of gradual acceleration, where the particles
make many irregular loops in a magnetic field while gaining energy [18]. The size L of the essential part of the accelerating
region containing the magnetic field must be greater than 2rL. A closer look reveals that a characteristic velocity βc of
scattering centers is of virtual importance [18], which yields the expression

BµGLpc > 2E15/(Zβ). (3)

It relates the characteristic size Lpc (in pc) and magnetic fields BµG of objects being able to accelerate particles to energies
E15. Objects capable to accelerate particles above a respective energy should satisfy the requirement (3). Themost promising
candidates to accelerate highest-energy cosmic rays are gamma ray bursts and active galactic nuclei (AGN) [18,19]. These
objects are typically in a distance of several tens of Mpc to the Earth. Interactions in the source itself or in the vicinity of the
source of hadronic particles (protons, nuclei) yield neutral and charged pions, which subsequently decay into high-energy
photons and neutrinos.

Alternatively, the so-called ‘‘top-down models’’ are discussed in the literature [20–22]. They have been motivated by
events seen by the AGASA experiment above the threshold for the GZK effect [23]. It is proposed that ultra high-energy
particles (instead of being accelerated, ‘‘bottom-up scenario’’) are the decay products of exotic, massive particles originating
from high-energy processes in the early Universe. Such super-massive particles (withmX # 1011 GeV) decay e.g. viaW and
Z bosons into high-energy protons, photons, and neutrinos.
PropagationOn theway from their sources to the Earth the particles propagatemostly outside galaxies in intergalactic space
with very low particle densities. In this environment the most important interactions of cosmic rays occur with photons of
the 2.7◦K microwave background radiation, namely pair production and pion photoproduction [24].

On the last part of their way to the Earth they propagate through the Galaxy. However, since particles at the highest
energies travel almost along straight lines they accumulate a negligible amount of material during their short travel through
regions with relatively high densities. Thus, interactions with the interstellar material can be neglected.

The Universe is filled with about 412 photons/cm3 of the 2.7◦K microwave background radiation. Shortly after the
discovery of the microwave background it was proposed that ultra high-energy cosmic rays should interact with the
photons, leading to a suppression of the observed flux at highest energies [25,26]. This effect is called after its proposers
the Greisen–Zatsepin–Kuz’min (GZK) effect. A nucleon of energies exceeding EGZK ≈ 6 · 1019 eV colliding head-on with a
2.7◦K photon comprises a system of sufficient energy to produce pions by the photoproduction reaction

p + γ3K → ∆+ → p + π0

n + π+.
(4)

Figure 1.2: The energy spec-
trum of cosmic rays, repro-
duced from Hörandel (2010).

length astronomy has become the norm in photon astronomy.

Figure 1.3: Victor Hess
preparing for his balloon as-
cent to measure cosmic rays,
Austria, 1912. Credit: Amer-
ican Physical Society (APS),
http://www.aps.org

Aside from photons, cosmic rays also constantly bombard the
Earth. They are fully ionized atomic nuclei accelerated to relativis-
tic velocities. Their interactions with the nuclei in the atmosphere
produce showers of particles (Figure 1.1) that could be detected
at the surface of the Earth. They were first discovered by Victor
Hess through a series of balloon experiments (Figure 1.3) to mea-
sure the change of ionization level in the Earth’s atmosphere. The
prevailing view at that time was that the Earth is the source of
ionizing radiation and thus the rate should decrease as we ascend
to higher altitude. Hess however measured instead an increasing
rate of ionization with increasing altitude, and concluded that the
radiation that penetrates the atmosphere comes from outer space
(Hess, 1912).

The energy spectrum of cosmic rays (Figure 1.2) stretch from
below 100 Megaelectronvolt (MeV) up to 1020 eV. At very high en-
ergy, the energy gained from their acceleration exceeds anything
that could be performed in the largest manmade particle acceler-

http://www.aps.org
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ators on Earth. How these natural accelerators could accelerate
particles to such enormous level of energy is a mystery that still
puzzle scientists up to this day.

Efforts to pinpoint their sources and thus obtain a better under-
standing of the acceleration mechanism are however hampered
by the fact that cosmic rays are charged particles and could thus
get deflected to random directions by ambient magnetic fields.
Only cosmic rays of the highest energies are minimally deflected
by magnetic fields and could thus point back relatively close to
their sources, but these events are very rare (approximately one
1019 eV particle per km2 per year per steradian) and their obser-
vation would require a detector with a very large collecting area
so that enough particles could be detected within reasonable ob-
servation time. The Pierre Auger Observatory3 (Abraham et al., 3 http://www.auger.org

2004) is currently the largest cosmic ray observatory in the world,
operating at Malargüe in Argentina.

It is now generally accepted that cosmic rays with energies be-
low 100 MeV come from the Sun. Cosmic rays with energies up
to 1015 eV (the so-called “knee” in the cosmic ray energy spec-
trum) are usually considered to be Galactic in nature. The most
possible accelerators are the supernova remnants (SNRs). As the
shock front of the supernova propagates through the interstellar
medium, repeated scattering of the particles across the shock front
enable them to gain energy (Blandford & Eichler, 1987).

Cosmic rays with energies above 1018 eV are considered to
be accelerated at extragalactic sites such as active galactic nuclei
(AGN) or gamma-ray bursts (GRB) (Hörandel, 2010). These two
sources are an attractive candidate because their total energy out-
put is roughly equal to the total energy output of observed extra-
galactic cosmic rays (Gaisser, 1997; Halzen, 2007). If we integrate
the energy spectrum of extragalactic cosmic rays to obtain their
energy density ρE, we will arrive at roughly ρE = 10−19 TeV cm−3.
In order to generate an energy density with that magnitude over
a period of 1010 years, a population of sources would have to
release ∼3 × 1037 erg s−2 Mpc−3. This required energy release
corresponds roughly to ∼2 × 1044 erg per AGN or ∼2 × 1052 erg
per GRBs, which is coincident with the the observed output in
electromagnetic energy of these sources.

http://www.auger.org
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To confirm that GRBs or AGN are the primary sources of cos-
mic rays is difficult because of the aforementioned reason that
they are deflected by ambient magnetic fields. However, the inter-
action of cosmic rays with the ambient matters produce secondary
particles that does not interact with magnetic fields and points
back to its source: very-high energy (VHE) photons—which is
of particular interest to this dissertation—and ultra-high energy
(UHE) neutrinos. Thus the motivation to understand the origin
of cosmic rays at the highest energy is linked with the motivation
of this dissertation and is also inextricably related to the search of
high-energy neutrinos. Next we shall discuss on how by search-
ing for VHE photons and UHE neutrinos could aid in pinpointing
the exact location of cosmic rays.

Neutrinos are another kind of particle that have interest as-
tronomers soon after their discovery in 1956 (Cowan et al., 1956),
since they are also produced in the nuclear fusion reaction that
powers the Sun (Fowler, 1958). Because of the high density at
the core of the Sun, photons took hundreds of thousands of years
ricocheting through the Sun before they finally escape and reach
Earth. On the other hand, neutrinos interact very weakly with
matter and could travel unimpeded throughout the Sun. Neu-
trinos are then an important carrier of information about what is
going on at the core of the Sun, deep under the photosphere and is
hidden from the observations of photon astronomers. Their weak
interaction with matters, on the other hand, makes their detection
difficult. Neutrino astronomy was born when the first detection
of solar neutrinos was made (Davis, Harmer & Hoffman, 1968).

Figure 1.4: A Super-
Kamiokande neutrino image
of the Sun. The center of
this image is the position of
the Sun, and the size of the
image is 90◦× 90◦. Brighter
colors represent the higher
flux of neutrinos. This image
is made using 500 days of
Super-K data. Credit: Robert
Svoboda and K. Gordan,
Louisiana State University.
Retrieved from Astronomy
Picture of the Day (APOD).

Up to the time of writing, the astrophysical neutrino sources
thus far discovered are only the Sun and Supernova (SN) 1987A
(Hirata et al., 1987; Bionta et al., 1987), which emits neutrinos
with relatively low-energy, i.e. in the MeV regime. However, the
neutrino energy spectrum (Figure 1.5) extends from the very low
energies of 1.9 Kelvin cosmic neutrino background (CNB) radi-
ation to the very high at the EeV regime. CNB might never be The cosmic neutrino back-

ground (CNB) is the neu-
trino counterpart to the cos-
mic microwave background
(CMB). The CNB decoupling
from matters occured when
the universe was a mere 2
second old.

directly detected although it is possible to indirectly detect them
by analysing the power spectrum of the CMB (De Bernardis et al.,
2008). Aside from the Sun and SN 1987A, atmospheric neutri-
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U.F. Katz, C. Spiering / Progress in Particle and Nuclear Physics 67 (2012) 651–704 653

Fig. 1. Measured and expected fluxes of natural and reactor neutrinos.

created in cosmic ray interactions in the Earth’s atmosphere. Still awaiting detection are high-energy cosmic neutrinos from
extraterrestrial sources such as active galactic nuclei (AGN) or from interactions of ultra-energetic protons with the cosmic
microwave background [4]. These cosmic neutrinos will hopefully be detected by neutrino telescopes in the next decade,
even though predictions for their fluxes are uncertain by orders of magnitude in many cases.

The development of high-energy neutrino astronomy is reflected in a series of previous reviews spanning the period
1995–2009 [5–10]. The neutrino telescopes discussed in this review focus on energies beyond a few GeV. First searches for
such neutrinos were made in the 1960s in the Kolar Gold Field mine in India and in the East Rand mine in South Africa (for
a review see [7]). In the 1980s, the spectrum of atmospheric muon neutrinos was measured with a detector in the Fréjus
tunnel between France and Italy, and a first limit on the diffuse flux of extra-terrestrial TeV neutrinos was set [11]. Over the
following decades, the evolution of underground neutrino detectors culminated in two experiments with an area of about
1000m2 each (see Section 3.5 for a discussion of effective areas): MACRO in the Gran Sasso Underground Laboratory in Italy
and Super-Kamiokande in the Japanese Kamioka mine. MACRO collected more than thousand atmospheric neutrinos over
six years of data taking. Super-Kamiokande, with an even larger data sample, is still in operation. The atmospheric neutrino
results from these detectors have demonstrated that neutrinos oscillate between their flavour states νµ and ντ , additionally
to the νe oscillations observed for solar neutrinos [7].

The first-generation detectors in water and ice have beaten the largest underground detectors by a factor of about 30
with respect to their sensitivity to high-energy neutrinos. The second-stage detectors on the cubic-kilometre scale will
yield another factor of 30. Compared to detectors underground we therefore enter a ‘‘factor-1000 era’’. Arguably, this factor
is not a guarantee for discoveries. On the other hand it rarely happened in astronomy that improvements of more than
an order of magnitude (in sensitivity or in angular or time resolution) came along without discovering new, unexpected
phenomena [12]. ‘‘Nothing is guaranteed, but history is on our side’’ [13]: In some years we will know whether we indeed
have entered an era of discovery or not.

This review is organised as follows: Section 2 summarises the scientific motivation. Apart from the main topic, neutrino
astrophysics, it includes the indirect search for dark matter, the study of standard and non-standard neutrino oscillations,
the search for exotic particles like magnetic monopoles, super-symmetric Q-balls or nuclearites and – last but not least –
the investigation of environmental effects, be it in deep natural water or Antarctic ice. The basics of the detection methods
are summarised in Section 3. In Section 4 the first-generation neutrino telescopes are described, in Section 5 the second-
generation projects on the cubic-kilometre scale. A selection of results obtained with NT200 in Lake Baikal, ANTARES in the
Mediterranean Sea as well as AMANDA and IceCube at the South Pole is presented in the following Section 6. For the highest
energies beyond 100 PeV, even cubic-kilometre detectors are far too small to detect the feeble neutrino fluxes expected.
This is the realm of new technologies which aim, with a correspondingly high detection threshold, to monitor volumes of
100 cubic kilometres and beyond. These methods are described in Section 7. The last section finally gives a summary and
tries an outlook to forthcoming developments.

2. Scientific background and motivation

The primary motivation to build kilometre-scale neutrino detectors is driven by the observation of charged cosmic rays.
Since long, neutrinos have been supposed to be a key messenger to identify the sources of cosmic ray acceleration and to

Figure 1.5: The energy spec-
trum of natural and reactor
neutrinos, reproduced from
Katz & Spiering (2012).

nos produced from cosmic-ray interactions with the Earth’s at-
mosphere have also been regularly detected (Gaisser, 2011). Ul-
tra high-energy (UHE) neutrinos from astrophysical sources are
still awaiting detection and will probably be detected within the
next decade by existing or future very large volume neutrino tele-
scopes.

Observing UHE neutrinos is the tell-tale sign for the accelera-
tion site of cosmic rays. The emission of high-energy neutrinos is
expected as a consequence of the interaction between cosmic rays
with ambient matter. A relativistically expanding matter will in-
teract with its surrounding environment and create a shock wave.
Shock-accelerated protons could escape and be observed on Earth
as cosmic rays, but some will interact dominantly with photons
to produce Delta resonances which will subsequently decay into
charged pions (Waxman & Bahcall, 1997):

pγ → ∆+ → nπ+ (1.1)

π+ → νµ + µ+ (1.2)

µ+ → ν̄µ + e+ + νe (1.3)

n → p + e− (1.4)
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As we can see, the resulting neutrino flavour ratio at the source
is approximately νe : νµ : ντ = 1 : 2 : 0. If we assume that the
secondary pions receive 20% of the proton energy for each inter-
action, and each secondary lepton shares 1/4 of the pion energy,
each flavor of neutrino is then emitted with 5% of the proton en-
ergy which is dominantly in the PeV regime (Mészáros, 2006).

As has mentioned before, GRBs are an attractive candidate as
the source of cosmic-rays because their total energetics “suspi-
ciously” match the integrated energy of cosmic rays. It is possible
then that this injected energy is converted into the production of
cosmic rays. Observing UHE neutrinos could establish the cor-
responding source—be it AGN or GRBs—as the source of extra-
galactic cosmic rays. Since most GRBs are located at cosmological
distances with a redshift z ∼ 1, detecting neutrinos from each
individual GRBs might not be possible. However, nearby GRBs
do occur and it may be possible for a km-scale neutrino telescope
to detect neutrinos from these objects. In addition, the detection
of UHE neutrinos is also important in understanding the internal
mechanism of the probed source, e.g. GRBs: particle acceleration,
radiation mechanism, and the progenitor itself could be character-
ized.

Very-high energy photons could also be produced from the in-
teraction of cosmic rays with ambient matters. The first channel
that can be considered is through the production of Delta reso-
nance:

pγ → ∆+ → π0 + p, (1.5)

π0 → γγ, (1.6)

here π0 will decay into VHE photons. Another way to produce
VHE photons is through the Inverse Compton (IC) mechanism:

e− + γ → e− + γ, (1.7)

here low-energy photons γ are scattered by relativistic electrons
and thus gain energy, becoming high-energy photons γ.

The first channel can be an important contribution to the total
flux provided there are protons accelerated in significant number
and that their energy exceeds that of the VHE photon by at least
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one order of magnitude. The proton spectral index should be
hard, e.g. dN/dεp ∝ ε−2

p rather than ε−2.2
p , otherwise there will not

be enough protons to produce VHE photons and the pγ channel
will be a less important channel than the IC component (Mészáros,
2006).

Another variation of the IC process is the synchrotron-self Comp-
ton (SSC) process in which the photons are provided by the syn-
chrotron radiation from accelerated electrons. This model is lep-
tonic in nature, i.e. pure electron acceleration model, and not
hadronic. This means that they do not directly explain the origin
of cosmic rays. In most realistic cases, however, both hadronic
and leptonic models do take place. Observing VHE photons from
GRBs could then provide not only hints on the origin of cosmic
rays but also on the acceleration mechanisms of hadrons and lep-
tons in the source. The production of VHE photons will be elabo-
rated in Section 2.1.

The main problem that troubles observations of VHE photons
is the fact that they interact very strongly with ambient infrared
photons to produce pairs of electron-positron. The universe is
transparent to photons up to εγ ∼ 10 GeV, but at εγ = 1 TeV
the mean free path is only a few hundred Mpc (Finke, Razzaque
& Dermer, 2010). This limits our observational window only to
nearby GRBs, which very rarely go off at such nearby distance.
However, one can hope as such an event has happened in the
past, e.g Galama et al. (1998); Mirabal et al. (2006); Starling et al.
(2011).

1.2 Gamma-ray burst astronomy

Gamma-ray bursts are a brief flash of γ-rays occuring approxi-
mately once per day at random time and direction in space (Fish-
man & Meegan, 1995; van Paradijs, Kouveliotou & Wijers, 2000;
Woosley & Bloom, 2006; Gehrels, Ramirez-Ruiz & Fox, 2009). In
this brief moment, the γ-radiation lit up the otherwise dark γ-ray
sky, outshining any other γ-ray sources. Their spatial directions
are isotropically distributed and so far are found to be nonrepeat-
ing. The γ-ray production mechanism of GRBs are thought to
involve particles accelerated to ultrarelativistic speeds and colli-
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Figure 1.6: The first ever GRB
signature detected by Vela.
Credit: Goddard Space Flight
Center.

mated into bipolar jets (e.g. Rees & Mészáros 1992, Mészáros &
Rees 2001). The total energy output in γ-rays for a typical GRB,
corrected for beaming effects, is ∼1051 erg (Woosley & Bloom,
2006).

The discovery of GRBs is a quintessential example of serendip-
ity in scientific endeavour. In the midst of the Cold War and the
looming threat of an all-out nuclear war, the Nuclear Test Ban
Treaty was signed in July 1963 by the governments of the Soviet
Union, United Kingdom, and the United States. The treaty pro-
hibits nuclear detonation test anywhere except underground. To
assure compliance to this treaty, the United States government
launched a series of satellites called Vela (Figure 1.7) to detect any
nuclear test conducted in space or in the atmosphere.

Figure 1.7: The Vela 5B satell-
lite. Credit: NASA.

In 1967, Vela 4A detected a flash of γ-radiation which time pro-
file showed a double-peaked curve (Figure 1.6): a short intense
peak followed by a softer but prolonged peak. Although this is
a tell-tale signature of a nuclear explosion, it was later clear that
this gamma-ray burst did not come from a nuclear explosion. The
intense first peak shown in Figure 1.6 is much too long for an at-
mospheric nuclear test, which duration lasts typically in the order
of miliseconds. Several bursts of this nature were later detected,
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but the military nature of the Vela mission kept this discovery from
going public until 1973, when it was finally declassified and pub-
lished by Klebesadel, Strong & Olson (1973). This was confirmed
shortly after by Soviet scientists who observed similar bursts de-
tected by the satellite Kosmos 461 (Mazets, Golenetskij & Il’Inskij,
1974).

Serendipity is characterized by a “happy accident”, i.e. finding
an unforeseeable event that turns out to be better than what could
be foreseen by the original intent. What was meant to be a rather
mundane task of detecting nuclear test in space—some sort of
an anti-shoplifting mirror in space—turns out to be one of the The anti-shoplifting-mirror-

in-space analogy was de-
scribed by Ralph Wijers in
one of his lectures on GRB:
“If you own a shop and you
don’t trust your customers,
you put mirrors at the cor-
ners to prevent shoplifters. In
the Cold War you put satel-
lites in space to make sure the
other side keep their side of
the bargain.”

greatest mysteries astronomers ever faced.

The direction of γ-rays is notoriously difficult to pinpoint. This
difficulty hampered early attempts to understand GRBs. A first
attempt to determine their direction was performed by triangula-
tion using the arrival time of the γ-rays at different satellites. This
way, the Interplanetary Network (IPN) of six satellites managed
to localize GRBs with uncertainty up to within arcminutes from
their actual location (Vedrenne, 1981; Cline et al., 1981). No opti-
cal counterpart, however, was found within this error circle. There
was no way to determine the distance to the GRBs either, and thus
without any knowledge of their intrinsic brightness it was next to
impossible to discern the true nature of GRBs.

In the face of this gross lack of observational data, controver-
sies and wild speculations were rampant. Since the discovery of
GRBs up to 1995, about 2000 papers have been published about
GRBs (Fishman & Meegan, 1995). Theories abound on their na-
ture, ranging from the exotic which involves cosmic strings (e.g.
Paczyński, 1988) to the rather standard such as comets impacting
a neutron star (e.g. Tremaine & Żytkow, 1986), or even simple
local events such as the scattering of solar photons by relativistic
dust grains (e.g. Grindlay & Fazio, 1974). Ideas kept popping out
and at one point there were about 100 competing models that tried
to explain GRBs (Nemiroff, 1994). One of the main issues of this
debate is whether GRBs are local events or located at cosmological
distances.
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Figure 1.8: A sample of sev-
eral GRB light curves from
the First BATSE Gamma-Ray
Burst Catalog (Fishman et al.,
1994). The profile of the light
curves exhibit a variety in
their profiles, intensities, and
duration.
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Figure 1.9: The sky dis-
tribution of the 1122 GRBs
from the BATSE 3B catalog,
mapped on Hammer-Aitoff
projection in Galactic coor-
dinates. The isotropic dis-
tribution of the GRB direc-
tions suggests that they are
located at cosmological dis-
tances. The map is repro-
duced from Meegan et al.
(1996).

Progress in our observational knowledge of GRBs before 1997
was mostly obtained from the observations of the γ-ray detector
BATSE4 on board the Compton Gamma-Ray Observatory (CGRO)5. 4 Burst And Transient

Source Experiment,
http://www.batse.msfc.
nasa.gov/batse/
5 http://heasarc.gsfc.
nasa.gov/docs/cgro/

In BATSE, NaI crystals are used as a scintillator which is sensi-
tive to γ-rays with energies from ∼25 to 2000 keV (Paciesas et al.,
1999). This wide energy range makes BATSE very sensitive and
thus enable it to detect 2 or 3 GRBs on a typical day. To com-
plement BATSE, Compton also carried with it the EGRET6 instru- 6 Energetic Gamma-Ray

Experiment Telescope,
http://heasarc.gsfc.nasa.
gov/docs/cgro/egret/

ment, a multilevel thin-plate spark chamber that produces pairs of
electron-positron upon impact with a γ-ray (Kanbach et al., 1988).
EGRET is sensitive to γ-rays from 20 MeV to 40 GeV and is thus
suitable to probe the high-energy component of a GRB.

Between 1991 and 2000 BATSE observed 2704 GRBs. Their spa-
tial distribution indicates an isotropic angular distribution (Figure
1.9) which implies that GRBs must be located at cosmological dis-
tances (Meegan et al., 1992; Briggs et al., 1996), or at least located at
the halo of our Galaxy (Podsiadlowski, Rees & Ruderman, 1995).
If GRBs are located at cosmological distances, consequently their
energy output should be extremely huge. This narrows down the
possible theoretical explanations.

Two other BATSE results of note will be described here. The
first is the realization that the time-averaged energy spectrum of
a GRB emission can be well-described at low energy by a power-
law function with an exponential cutoff (Band et al., 1993, Figure

http://www.batse.msfc.nasa.gov/batse/
http://www.batse.msfc.nasa.gov/batse/
http://heasarc.gsfc.nasa.gov/docs/cgro/
http://heasarc.gsfc.nasa.gov/docs/cgro/
http://heasarc.gsfc.nasa.gov/docs/cgro/egret/
http://heasarc.gsfc.nasa.gov/docs/cgro/egret/
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Figure 1.10: An example of
a GRB photon spectral den-
sity and the spectral fitting of
the Band function to the data,
here reproduced from Band
et al. (1993). The GRB shown
here is GRB 1B 911127. The
low-energy spectral index is
α = −0.968 ± 0.022, the high-
energy spectral index is β =
−2.427 ± 0.07, and the break
energy is εb = 149.5 ± 2.1.

1.10),

dN
dεγ

∝ ε−α
γ exp

(
− εγ

εb

)
, εγ ≤ (β − α)εb (1.8)

and at high energy with a steeper power-law

dN
dεγ

∝ ε
−β
γ , εγ ≥ (β − α)εb, (1.9)

in which β > α and εb is the break energy, i.e. the energy at which
the spectrum breaks. This broken but smoothly-connected power-
law is called the Band function, named after astronomer David
Band who first-authored the paper discussing the energy spectra
of BATSE GRBs (Band et al., 1993). It is necessary here to point
out that the Band function is phenomenological in nature and is
not physically motivated. Nevertheless it is without doubt very
useful since it could fit well with a large number of GRB spectra
and thus provide hints to the mechanisms of γ-ray emission.

The second notable BATSE result is the identification of two
classes of GRBs based on their burst duration and hardness ra-
tio. The now-standard method to determine the burst duration is
to measure the time interval during which the integrated counts
from the burst increase from 5% to 95% of the total counts (Kou-
veliotou et al., 1993). Such duration is called T90. The distribution
of T90 exhibits a bimodality suggesting two different classes of
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Figure 1.11: Left: The T90 dis-
tribution for GRBs from the
BATSE 3B Catalogue, here re-
produced from Kouveliotou
et al. (1996). The solid
line is a fitting of two log-
normal distribution to the
data. Right: The hardness ra-
tio – T90 diagram for GRBs
from the BATSE 3B, also re-
produced from Kouveliotou
et al. (1996). The dashed-
dotted lines are the average
hardness for the short (top
line) and long (bottom line)
GRBs, which is separated at
2 second.

GRBs: short-duration GRBs which typically last less than 1 sec-
ond and long-duration GRBs which typically last more than 10
second (Kouveliotou et al., 1996, Figure 1.11, left). The demarca-
tion between short and long GRBs is usually taken to be 2 second.
We can also correlate T90 with what is known as the hardness ra-
tio. Denoted as HR32, the hardness ratio is the ratio of the total
count of a GRB during the T90 interval in the range of 100–300
keV with the total count between 50–100 keV. The correlation be-
tween HR32 and T90 shows that long GRBs are predominantly
soft while short GRBs are predominantly hard (Kouveliotou et al.,
1996, Figure 1.11, right).

An important event in GRB astronomy happened in 1997, when
the first high-resolution X-ray images of a GRB were made for the
first time by the Italian-Dutch satellite BeppoSAX7 (Costa et al., 7 Satellite per Astronomia a

raggi X. Beppo is the nick-
name of physicist Giuseppe
Occhialini. http://www.
asdc.asi.it/bepposax/

1997). Eight hours after the γ-ray detection of GRB 970228, a
fading X-ray afterglow of the burst was discovered (Figure 1.12),
which has been theoretically predicted (Mészáros & Rees, 1997).
This leads to an arcminute-accuracy pinpointing of the GRB po-
sition, which allows us to perform follow-up observations in the
longer wavelength. An optical observation of the afterglow would
soon follow (van Paradijs et al., 1997) as well as the discovery of
the first GRB afterglow in the radio band (Frail et al., 1997, GRB
970508). The discovery of the afterglow allows us to determine

http://www.asdc.asi.it/bepposax/
http://www.asdc.asi.it/bepposax/
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Figure 1.12: The discovery of
the first X-ray afterglow of
a GRB, 970228. These are
false-colour images of the af-
terglow taken with the Bep-
poSAX Medium Energy Con-
centrator Spectrometer (2–10
keV). White corresponds to
31 counts per pixel2, green
corresponds to 6 counts per
pixel2, and grey to a back-
ground of 0–1 counts per
pixel2. Images reproduced
from Costa et al. (1997).

their redshift, to identify the host galaxies, and to confirm their
cosmological origin (Metzger et al., 1997). GRB astronomy has
gone multiwavelength.

A model of GRB has appeared even before their actual detection,
when Colgate (1968, 1974) proposed the very first model of a γ-
ray burst. In this model, prompt γ-rays and X-rays could be emit-
ted as the breakout of relativitistic shocks from the photosphere
of supernovae (SNe). The lack of GRB-supernova connection was
however noted by Klebesadel, Strong & Olson (1973), who pointed
out that there were no observed supernovae within several weeks
around the time of the bursts. They did however aware that nu-
merous supernovae could occur undetected if it is too faint in the
optical regime.

The idea of GRB-SNe connection resurfaced time and again
(e.g. Paczyński, 1986), but it was not firmly established until much
later, in 1998, when GRB 980425 occurred in conjunction with SN
1998bw. The GRB was detected both by BeppoSAX (Soffitta et al.,
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1998) and BATSE. Within the 8’-radius error circle lies a late-type
galaxy ESO184-G82 (z = 0.0085, Tinney et al. 1998), hosting in
one of its spiral arm a luminous supernova designated 1998bw
(Sadler et al., 1998). Initially the association of the GRB with the
SN was controversial, but follow-up observations by BeppoSAX re-
veal a variable X-ray source at the location of the SN (Pian et al.,
2000). Further Chandra observations of the location increase the
confidence in the connection between the GRB and the SN (Kou-
veliotou et al., 2004).

GRBs are designated by the
date of their detection. In
this way, GRB 980425 is the
burst that has been detected
on April 25 1998. If more
than one burst is detected
during the day, a letter is ap-
pended to the name: GRB
980425A, for example, is the
first GRB detected on April
25 1998, GRB 980425B is the
second, and so on. The same
naming convention also ap-
plies to supernovae, except
that only the year is used
to name the supernova, e.g.
SN 1998, which means that
the supernova is detected in
1998. Capital letters from A
to Z are appended to indi-
cate the order of detection in
that year, followed by pairs
of lower-case letters after all
the letters of the alphabet has
been used. Hence SN 2005nc
is the 367th supernova dis-
covered in 2005.

On the surface, the GRB looks unremarkable. It has a smoothly-
broken power law with break energy εb = 148 keV and a moder-
ate burst duration that last T90 = 23.3 s (Galama et al., 1998).
However GRB 980425/SN 1998bw was quite unusual for a GRB
because its redshift implies an underluminous γ-ray energy out-
put, having an isotropic emission of Lγ = 8 × 1047 erg (Galama
et al., 1998). This is more than three orders of magnitude fainter
than a typical long-duration GRB, which is at the order of 1052 erg
(Butler, Bloom & Poznanski, 2010), and any collimation into jets
would make the energy output in γ-ray even smaller. This un-
usual property led to the consensus that GRB 980425/SN 1998bw
is an example of one extreme end of a spectrum of events with the
same underlying physical mechanism (Woosley & Bloom, 2006),
and the notion that GRBs are associated with SNe is maintained.
The first unambiguous association of a GRB with a Supernova
came later when HETE8 satellite (Ricker et al., 2003) detected GRB 8 High Energy Tran-

sient Explorer, http:
//space.mit.edu/HETE/

030329/SN 2003dh (Hjorth et al., 2003).
The large redshifts of GRBs imply that the isotropic γ-ray flu-

ences are of the order of one solar rest mass, M(c2 ∼ 2× 1054 erg,
which is ∼1000 times the total energy emitted by a typical SN
(Mészáros, 2006). This huge energy requirement could be reduced
significantly, however, if the emission is collimated into a jet. Ob-
servations of breaks in the optical and IR light curves of the GRB
afterglows show that this is indeed the case (Kulkarni et al., 1999;
Castro-Tirado et al., 1999). This collimation would then make the
total energy output comparable to that of SNe, the difference be-
ing that the energy of GRBs is emitted mostly in γ-ray over a
very short period of tens of seconds, while SNe emit their energy
isotropically mostly in the optical wavelengths over longer period

http://space.mit.edu/HETE/
http://space.mit.edu/HETE/
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of several weeks.
The small time variability δt of GRBs, which is at the order

of miliseconds, implies typical emitting regions of several thou-
sand kilometers, i.e. cδt = 3000 km(δt/10 ms). Within this very
small space, around 1051–1053 erg of energy—which is more than
the total emission of the Sun during its lifetime—must be injected
within a few tens of seconds. The sudden release of this large
amount of energy will result in the conversion of a fraction of this
energy into neutrinos and gravitational waves, and a significantly
smaller fraction (10−3–10−2) is converted into a fireball composed
of baryons, e±, and γ-rays. This fireball is transparent to gravita-
tional waves as well as to neutrinos (Mészáros, 2006).

Observations suggest that the photon luminosity of the fireball
is many orders of magnitude larger than the Eddington luminos-
ity LE = 4πGMmpc/σT = 1.25 × 1038(M/M() erg s−1, which
means that the radiation pressure of the fireball exceeds its self-
gravity and thus should expand. However, the injection of so
much energy into a very small space within a very short time
implies that the fireball should be very opaque to high-energy
photons. Photons with MeV energy and higher would annihi-
late to create electron-positron pair. Consequently we should not The energy threshold for two

photons to annihilate and
create a pair of electron-
positron is εth = mec2 =
0.511 MeV

observe high-energy γ-rays, yet we do. The energy spectrum
of GRBs extend to MeV (Matz et al., 1985; Schneid et al., 1992)
and occasionally also observable to the GeV regime (Abdo et al.,
2009). To solve this compactness problem, first the total mass of
baryons in the central region of the progenitor must be below
∼10−12M( so that the electrons do not produce a large opacity
(Paczynski, 1990), and second the fireball must expand relativis-
tically so that the baryon density decrease rapidly and thus the
opacity to photon-photon collisions could be avoided.

The relativistic expansion of the fireball solves the compactness
problem in three ways. Suppose the fireball expands relativisti-
cally with a bulk Lorentz factor Γ. The observed photons will
then be blueshifted by a factor Γ, so that the observed γ-rays are
actually X-rays in the fireball. This greatly reduces the number of
photons at the fireball that is actually above the pair-production
threshold. Secondly, for a typical observed timescale of δt, the
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Figure 1.13: An illustra-
tion of the various phases
in the GRB standard model,
with the internal and exter-
nal shocks and the radia-
tions they emit. Illustration
by the author, based on an
illustration by Juan Velasco
in Gehrels, Piro & Leonard
(2002).

physical size of the emitting region is actually Γcδt instead of cδt
for a stationary source, which means that the density of photons
is reduced considerably. Thirdly, relativistic beaming implies that
only a small fraction 1/Γ of the source is observable, regardless
of the opening angle of the jet. This means that the relative angle
of the photon-photon collisions must be less than the Γ−1, which
also reduces the effective rate of pair-production for a large Γ.

These three combined effects reduce the optical depth for pair
creation by a factor Γ2+2α, where α is the spectral index of the
observed photon spectrum, dNγ/dεγ ∝ ε−α. For α ∼ 2 this would
mean a drop of optical depth by a factor of Γ6 (Zhang & Mészáros,
2004). Considering these effects, for α ∼ 2 it is found that Γ ≥ 100
is required in order that the pair-production optical depth is less
than unity (Piran, 1999; Lithwick & Sari, 2001).

Evidence for the relativistic expansion of the fireball is provided
by radio observations of the GRB afterglow, which shows a strong
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irregular variations in the radio flux that dampened after about a
month. These variations are caused by the interstellar scintillation
in our Galaxy. The damping of the fluctuations afterwards reflects
the increasing size of the source. By knowing the distance to the
source and the properties of the insterstellar medium along the
line of sight, the size of the source by the time the fluctuations
disappear could be determined. Frail et al. (1997) employed this
method to GRB 970508 and found out that the radio afterglow
expanded with velocity close to the speed of light.

It is inside and around this relativistically expanding fireball
that the γ-ray emission we observe is produced, through inter-
nal shocks (Rees & Mészáros, 1994) and external shocks (Rees &
Mészáros, 1992). Inside the fireball, time-varying outflow from the
GRB central engine leads to successive shells of materials ejected
with varying Lorentz factor (Figure 1.13). A fast blob ejected af-
ter a slower one will eventually overtake and collide with it. Due
to the relativistic expansion of the fireball, the timescale that we
observed is compressed by a factor Γ−1. Thus the γ-ray burst
that we observe in only a few seconds could actually take a day
to produce. These shocks can thus explain the rapidly varying
light-curves of the prompt γ-ray emission.

As the fireball expands and eventually slows down, it collides
with the external medium surrounding the GRB, forming an exter-
nal shock wave that will persist even as the fireball slows down.
This type of shock explains quite well the GRB afterglow emis-
sion and its gradual degradation from γ-rays to X-rays to visible
light and finally to radio waves. A reverse shock that propagates
back into the fireball can also occur. As the reverse shock crosses
the fireball, it will heat up the matter in the fireball and acceler-
ates electrons, producing a strong optical flash and a radio flare
(Mészáros & Rees, 1997).

The progenitor that becomes the central engine of a GRB is
thought to involve compact objects at its heart. It is natural to
think this way because of the small time variability which implies
a progenitor possessing huge energy occupying a very small vol-
ume. The nonrepetition of a GRB means that the progenitor is
catastrophically destroyed.
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One family of progenitor models, called the hypernova or col-
lapsar model, involves rotating massive stars with M∗ ! 20M(.
In this model the iron core of such star will eventually collapse,
forming a black hole encircled by a debris disk (Woosley, 1993;
Popham, Woosley & Fryer, 1999; MacFadyen & Woosley, 1999).
Within minutes following the collapse, the black hole accretes the
residual matter into the center and funnels them into a powerful
relativistic jet that will be observed as a GRB if the jet happens
to point towards the Earth. The massive star must also have shed
its hydrogen-rich envelope at the time of collapse, in order to not
only avoid a significant amount of baryon-loading into the jet, but
also to allow the jet, which is formed deep inside the star, to break
through the body of the star and develops.

Numerical simulations of collapsars show that the progenitors
can not produce bursts shorter than ∼5 s (MacFadyen & Woosley,
1999). We observe nevertheless short-hard bursts in Figure 1.11,
so their existence require other kind of progenitors. The merger
of a compact binary could explain this.

There are many variations within the merger of compact binary
scenario: a neutron star merges with another neutron star (NS-
NS), black hole + neutron star (BH-NS), black hole + white dwarf
(BH-WD), or black hole + helium star (BH-He).

The merger of two neutron stars provide a huge supply of
gravitational binding energy that can be channeled into the fire-
ball, and a baryon-clean region along the rotation axis of the bi-
nary. The fireball is created from the enormous compressional
heating and dissipation associated with the accretion. The rela-
tivistic expansion of the fireball is driven by νν̄ → e+e− annihila-
tion or strong magnetic fields in at the order of 1014 G (Rosswog,
Ramirez-Ruiz & Davies, 2003). A black hole will be formed from
the NS-NS merger, while remnants of the merger form a neutron-
rich high-density torus that will orbit the black hole. Neutrinos
and antineutrinos from the torus then annihilate to produce an ul-
trarelativistic e+e− plasma outflow along the rotation axis, which
becomes the fireball.

The torus is very dense and thus only neutrinos can extract its
thermal energy present in the torus. The neutrino emission will be
focused along the original binary rotation axis, as the pole regions
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are covered with high-density walls of the thick disk and the steep
density gradient in the radial direction prevents lateral expansion.
In a particularly baryon-clean region, a relativistic outflow can be
accelerated by νν̄ annihilation. While it is similar to the collapsar
mechanism suggested by MacFadyen & Woosley (1999), in this
case the jet does not have to burrow through the stellar envelope.

The typical isotropic energy provided by the νν̄ annihilation is
Eiso ∼ 1048 erg, emitted within 0.2 second after the merger (Ross-
wog, Ramirez-Ruiz & Davies, 2003). This is comparable to the
typical duration of a short-hard burst. Gravitational wave emis-
sion is also expected from short-hard bursts (Cutler & Thorne,
2002).

The extension of the Band spectrum to the megaelectronvolt
(MeV) regime has been observed even before the launch of Comp-
ton. The Solar Maximum Mission9 (SMM) and the Franco-Soviet 9 http://heasarc.nasa.gov/

docs/heasarc/missions/
solarmax.html

PHEBUS detector on the Granat10 mission has detected GRBs with
10 http://heasarc.gsfc.
nasa.gov/docs/granat/
granat.html

γ-ray energy up to 10 MeV (Matz et al., 1985; Barat et al., 1992).
These authors showed that the spectra of GRBs very often ex-
tend to this high-energy regime, while on the other hand the ob-
servations of γ-ray emissions up to 100 MeV have only been re-
ported for a small number of GRBs, mainly by the COMPTEL11 11 Imaging Comp-

ton Telescope, http:
//heasarc.gsfc.nasa.gov/
docs/cgro/comptel/

and EGRET instruments on board the CGRO (Schneid et al., 1992;
Hanlon et al., 1994; Winkler et al., 1995; Kippen et al., 1998). Be-
tween 1991 and 1995 COMPTEL observed 29 GRBs in the range
0.75–30 MeV and suggested that GRB spectra extend at least to
hundreds of MeV.

Observations in the gigaelectronvolt (GeV) regime has been re-
ported only for a handful of GRBs. EGRET observed seven GRBs
with emissions in the MeV and GeV regime (Kwok et al., 1993;
Hurley et al., 1994; Sommer et al., 1994; Dingus, 1995). Particu-
larly interesting is GRB 940217 which lasted for 90 minutes and
includes an emission of an 18 GeV photon emitted ∼4500 s af-
ter the low-energy emission has ended (Hurley et al., 1994). The
launch of Fermi12 in 2008 provides an opportunity to observe the

12 Fermi was formerly named
GLAST (Gamma-ray Large
Area Space Telescope) before
NASA invited the general
public to suggest a new name
for it. http://fermi.gsfc.
nasa.gov/GeV part of GRB spectra since one instrument on board Fermi,

the Large Area Telescope13 (LAT), is particularly sensitive to GeV 13 http://www-glast.
stanford.edu/γ-rays. The LAT is a pair-conversion telescope that measures the

http://www-glast.stanford.edu/
http://heasarc.nasa.gov/docs/heasarc/missions/solarmax.html
http://heasarc.nasa.gov/docs/heasarc/missions/solarmax.html
http://heasarc.nasa.gov/docs/heasarc/missions/solarmax.html
http://heasarc.gsfc.nasa.gov/docs/granat/granat.html
http://heasarc.gsfc.nasa.gov/docs/granat/granat.html
http://heasarc.gsfc.nasa.gov/docs/granat/granat.html
http://heasarc.gsfc.nasa.gov/docs/cgro/comptel/
http://heasarc.gsfc.nasa.gov/docs/cgro/comptel/
http://heasarc.gsfc.nasa.gov/docs/cgro/comptel/
http://fermi.gsfc.nasa.gov/
http://fermi.gsfc.nasa.gov/
http://www-glast.stanford.edu/
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Fermi Observations of High-Energy
Gamma-Ray Emission from GRB 080916C
The Fermi LAT and Fermi GBM Collaborations*

Gamma-ray bursts (GRBs) are highly energetic explosions signaling the death of massive stars in
distant galaxies. The Gamma-ray Burst Monitor and Large Area Telescope onboard the Fermi
Observatory together record GRBs over a broad energy range spanning about 7 decades of gamma-
ray energy. In September 2008, Fermi observed the exceptionally luminous GRB 080916C, with the
largest apparent energy release yet measured. The high-energy gamma rays are observed to start
later and persist longer than the lower energy photons. A simple spectral form fits the entire GRB
spectrum, providing strong constraints on emission models. The known distance of the burst enables
placing lower limits on the bulk Lorentz factor of the outflow and on the quantum gravity mass.

Gamma-ray bursts (GRBs) are the most
luminous explosions in the universe and
are leading candidates for the origin of

ultrahigh-energy cosmic rays (UHECRs). Prompt
emission from GRBs from ~10 keV to ~1 to

5 MeV has usually been detected, but occa-
sionally photons above 100 MeV have been
detected by the Energetic Gamma-Ray Experi-
ment Telescope (EGRET) (1) and more recently
by Astro-rivelatore Gamma a Immagini LEggero
(AGILE) (2). Observations of gamma rays with
energies >100 MeV are particularly prescriptive
because they constrain the source environment

and help understand the underlying energy
source. Although there have been observations
of photons above 100MeV (3–5), it has not been
possible to distinguish competing interpretations
of the emission (6–8). The Fermi Gamma-ray
Space Telescope, launched on 11 June 2008,
provides broad energy coverage and high GRB
sensitivities through the Gamma-ray Burst
Monitor (GBM) and the Large Area Telescope
(LAT) (9). The GBM consists of 12 sodium
iodide (NaI) detectors, which cover the energy
band between 8 keV and 1 MeV, and two bis-
muth germanate (BGO) scintillators, which are
for the energy band between 150 keV and 40
MeV. The LAT is a pair conversion telescope
with the energy coverage from below 20 MeV to
more than 300 GeV (supporting online text). In
this paper, we report detailed measurements of
gamma-ray emission from the GRB 080916C
detected by the GBM and LAT.

Observations. At 00:12:45.613542 UT (T0)
on 16 September 2008 the GBM flight software
triggered on GRB 080916C. The GRB produced
large signals in 9 of the 12 NaI detectors and
in one of the two BGO detectors. Analysis of
the data on the ground localized the burst to a
right ascension (RA) = 08h07m12s, declination

*The full list of authors and affiliations is presented at the
end of this paper.

Fig. 1. Light curves for GRB 080916C
observed with the GBM and the LAT,
from lowest to highest energies. The
energy ranges for the top two graphs
are chosen to avoid overlap. The top
three graphs represent the background-
subtracted light curves for the NaI, the
BGO, and the LAT. The top graph shows
the sum of the counts, in the 8- to 260-
keV energy band, of two NaI detectors
(3 and 4). The second is the corre-
sponding plot for BGO detector 0,
between 260 keV and 5MeV. The third
shows all LAT events passing the
onboard event filter for gamma-rays.
(Insets) Views of the first 15 s from
the trigger time. In all cases, the bin
width is 0.5 s; the per-second counting
rate is reported on the right for
convenience.

RESEARCHARTICLES
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Figure 1.14: The light curves
of GRB 080916C observed
with the GBM and the LAT,
from the lowest to highest
energies. The Figure is re-
produced from Abdo et al.
(2009).

tracks of the electron (e+) and positron (e−) that result when an
incident γ-ray passes through the detector and undergoes pair-
conversion. It is sensitive to γ-rays with energies between 20 MeV–
300 GeV, and has an effective area of 0.95 m2 for γ-rays coming at
normal incidence (Atwood et al., 2009). On September 16 2008, an
exceptionally bright GRB triggered the Gamma-Ray Burst Moni-
tor14 (GBM) instrument onboard Fermi. Both GBM and LAT ob- 14 http://gammaray.msfc.

nasa.gov/gbm/served the GRB and extract the light curve of the GRB at various
energy ranges (Abdo et al., 2009). Fourteen events were observed
to have energies in excess of 1 GeV and the highest observed γ-ray

http://gammaray.msfc.nasa.gov/gbm/
http://gammaray.msfc.nasa.gov/gbm/
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energy is ∼13 GeV. What is particularly interesting with the obser-
vation of this GRB is that the peak of the emission is shifted as we
move to higher energy regime (Figure 1.14). One way to explain
this shift to the higher energy is by invoking a hadronic model as-
sociated with ultra-high energy cosmic-ray (UHECR). The delay
of the emission is simply the consequence of the time required to
accelerate protons into higher energies where they can generate
an electromagnetic cascade either by photopion or by proton syn-
chrotron radiation (Abdo et al., 2009). This could be one of the
major clues on the emission mechanism of GRBs.

Moving further to the teraelectronvolt (TeV) regime, up to the
time of writing there is still no firm evidence of TeV γ-ray emis-
sion from GRBs, but not for the lack of trying. Attempts have
been made to detect TeV components of GRBs. Using coordinates
distributed by the BATSE Coordinates Distribution Network (BA-
CODINE) and later on by the GRB Coordinates Network (GCN),
the Whipple15 collaboration has observed 9 BATSE GRBs and 7 15 http://www.sao.arizona.

edu/FLWO/whipple.htmlother GRBs announced by GCN within minutes to hours after the
burst time given by the alert (Connaughton et al., 1997; Horan
et al., 2007). No evidence of TeV emission were found but upper
limits were reported. The MAGIC16 Telescope, using the same 16 Major Atmospheric

Gamma-ray Imag-
ing Čerenkov, http:
//wwwmagic.mppmu.mpg.de/

observation principle as Whipple, observed 9 GRBs announced by
GCN and found no evidence of TeV emission as well (Albert et al.,
2007).

So far the only indication of TeV emission were detections by
the HEGRA17 AIROBICC18 detector who claimed ! 16 TeV emis- 17 High-Energy-Gamma-

Ray Astronomy,
http://www.mpi-hd.mpg.de/
hfm/HEGRA/HEGRA.html
18 AIRshower Observation By
angle Integrating Čerenkov
Counters

sion from GRB 920925c (Padilla et al., 1998), the Milagrito19 collab-

19 A prototype of the Mi-
lagro Gamma-ray Observa-
tory, http://www.lanl.gov/
milagro/index.shtml

oration (Atkins et al., 2000b, 2003, 2005) who reported detection of
γ-rays at ∼650 GeV, and the GRAND20 array (Poirier et al., 2003)

20 Gamma Ray Astrophysics
at Notre Dame, http://www.
nd.edu/~grand/

at 0.01 TeV. The observations by Milagrito and GRAND will be
described below.

Milagrito is a water Čerenkov array of size 35 × 44 × 2 m at an
altitude of 2650 m near Los Alamos, New Mexico, United States.
It comprise 228 photomultiplier tubes arranged in a 2.8 × 2.8 m
grid, submerged in a large pool of water with volume 24× 106 liter
(Atkins et al., 2000a). Milagrito operated in 1997–1998 and was
later replaced by Milagro which has better sensitivity. During the Milagro is Spanish for mir-

acle, while its aptly-named
smaller predecessor Milagrito
is the diminutive form of mi-
lagro.

period of Milagrito’s activity, 54 BATSE GRBs were observed but

http://www.sao.arizona.edu/FLWO/whipple.html
http://www.sao.arizona.edu/FLWO/whipple.html
http://wwwmagic.mppmu.mpg.de/
http://wwwmagic.mppmu.mpg.de/
http://www.mpi-hd.mpg.de/hfm/HEGRA/HEGRA.html
http://www.mpi-hd.mpg.de/hfm/HEGRA/HEGRA.html
http://www.lanl.gov/milagro/index.shtml
http://www.lanl.gov/milagro/index.shtml
http://www.nd.edu/~grand/
http://www.nd.edu/~grand/
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Fig. 2.—Number of events recorded by Milagrito during T90 in overlapping 1!.6 radius bins in the vicinity of GRB 970417a

Fig. 3.—GRB 970417a: (a) Plus signs indicate the arrival time of events
from within a 1!.6 radius of the candidate TeV counterpart for "15 s around
the start of T90. The histogram shows the same data binned in 1 s intervals.
(b) Milagrito data integrated in 1 s intervals for "100 s around the start of
T90 (13:53:35.689 UT).

determined by BATSE. The uncertainty in the candidate lo-
cation is approximately 0!.5 (1 j), much better than the BATSE
uncertainty. Figure 2, which shows the number of counts in
this search region for the array of 1!.6 bins, illustrates the lo-
cation and shape of the peak. The bin with the largest excess
has 18 events with an expected background of 3.46" 0.11
(statistical error based on the background calculation method
used). The Poisson probability for observing an excess at least

this large due to a background fluctuation is . The!82.9# 10
probability of such an excess or greater anywhere within the
search region for this burst was found by the Monte Carlo
simulation described above to be (see Fig. 1). For!52.8# 10
54 bursts, the chance probability of background fluctuating to
at least the level observed for GRB 970417a for at least one
of these bursts is . The individual events contrib-!31.5# 10
uting to this excess were examined. The distributions of the
number of tubes hit per event and the shower front reconstruc-
tions were consistent with those from other shower events.
There is no evidence that the detector was malfunctioning dur-
ing the burst analysis time period.
Although the initial search was limited to T90, upon iden-

tifying GRB 970417a as a candidate, longer time intervals were
also examined. EGRET observed longer duration GeV emis-
sion (Hurley et al. 1994), and TeV afterglows are predicted by
several models (Meszaros & Rees 1994; Totani 1998b). A
search for TeV gamma rays integrated over time intervals of
1 hr, 2 hr, and 1 day after the GRB start time did not show
any significant excesses. Histograms of shorter time intervals,
in which the data are binned in intervals of 1 s, are shown in
Figure 3. An analysis of the data also revealed no statistically
significant evidence for TeV afterflares.

4. DISCUSSION

If the observed excess of events in Milagrito is indeed as-
sociated with GRB 970417a, then it represents the highest en-
ergy photons yet detected from a GRB. The energy spectrum
and maximum energy of emission are difficult to determine
from Milagrito data. The small size of the pond compared to

Figure 1.15: Milagrito obser-
vation of TeV γ-ray emission
from GRB 970417A, here re-
produced from Atkins et al.
(2000b). The plot shows the
number of events recorded
during the T90 duration in
overlapping 1.6◦ radius bin
within vicinity of the GRB.

only one, namely GRB 970417A, exhibits an excess of events over
background (Atkins et al., 2000b). The probability that such an
excess is caused by background fluctuation is 2.8 × 10−5 (Figure
1.15), however this increases to 1.5 × 10−3 if we take into account
the fact that all 54 GRBs were observed. Further analysis indicate
that this excess over background must be caused by γ-rays with
energies of at least 650 GeV (Atkins et al., 2003). If this excess
is true then it can be implied that the total isotropic energy of
the GRB in the TeV range is ∼103 times than the total isotropic
energy in the MeV (Totani, 2000). One interpretation of this phe-
nomenon is through the proton-synchrotron model, in which only
(me/mp) ∼ 10−3 of the kinetic energy of the fireball is carried by
electrons and the rest is carried by protons. If this energy carried
by the protons is then emitted as γ-rays, much more energy could
be radiated in the TeV regime than the sub-MeV range by a factor
of ∼1000 (Vietri, 1997; Totani, 1998a,b, 1999).

GRAND is a muon detector array located north of the Uni-
versity of Notre Dame campus, approximately 150 km east of
Chicago, Illinois, United States. It detects γ-ray-induced muons
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at ground level by employing 64 tracking stations of proportional
wire chambers (PWC). GRAND has a collecting area of ∼80 m2.
Eight GRB candidates were observed by GRAND and one of them,
GRB 971110, showed an excess of 466 ± 171 muons during its
BATSE T90 interval. The probability that this excess is caused by
background fluctuation is 3× 10−3, or 0.025 probability to observe
such background fluctuation in one of the eight bursts observed
by GRAND. The detection significance of GRB 971110 is therefore
marginal at 2.7σ (Poirier et al., 2003).

Another attempt to detect TeV γ-ray was done by the Tibet ASγ

Experiment21. It is a Sino-Japanese experiment located in Yang- 21 AS stands for air shower.
http://www.icrr.u-tokyo.
ac.jp/em/

bajing, Tibet, at 4300 m above sea level. Tibet ASγ consists of 221
scintillation counters with area 0.5 m2 each and are placed on a
15 m2 grid. Using the scintillation detector array, Tibet is able
to observe the extensive air shower induced by not only cosmic
rays but also by γ-rays. With a duty cycle of 24 hours per day re-
gardless of weather condition and a wide field of view of about 2
steradian, Tibet ASγ provide an unbiased survey of TeV sources in
the northern sky (Amenomori et al., 2010). They have succesfully
observed γ-ray sources in the TeV range, such as the Crab Neb-
ula (Amenomori et al., 1999), Markarian 501 (Amenomori et al.,
2000), and Markarian 421 (Amenomori et al., 2003). Between Oc-
tober 1995 and March 1996, data coincident with 69 BATSE GRBs
were analysed, in search of multi-TeV signals. No significant TeV
γ-rays were discovered (Amenomori et al., 2001).

We can see that there are very little results from the search of
TeV γ-ray emission from GRBs, but nevertheless the question of
whether GRBs emit TeV γ-rays is an important one, as the obser-
vations or the lack thereof TeV γ-rays from GRBs would provide
important constrains on the acceleration mechanisms of cosmic
rays. One of the more specific big questions in GRB astronomy is
whether the jets of GRBs are dominated by ultrarelativistic pro-
tons or pairs of e+e−. We have seen that protons are an important
component in producing TeV γ-rays, and thus the observation of
TeV γ-ray emissions from GRBs is an important clue in answering
these questions.

http://www.icrr.u-tokyo.ac.jp/em/
http://www.icrr.u-tokyo.ac.jp/em/
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1.3 Teraelectronvolt astronomy: tools of the trade

It can be said that TeV γ-ray astronomy is the “final frontier” in
photon astronomy, as it is the last electromagnetic window to be
opened (Aharonian, 2004). Whereas photons with energies lower
than X-ray are mostly emitted by thermal processes and exhibit
blackbody spectrum, photons with energies at the X-ray regime
and above are emitted through nonthermal and relativistic pro-
cesses. Their power-law spectrum also confirms their nonthermal
origins.

To observe γ-ray photons is then to observe the most extreme
part of the universe. These energetic phenomena are of partic-
ular interest to particle physicists as they involve natural accel-
erators and physical processes that are difficult, if not impossi-
ble, to emulate in laboratories. It is a small wonder then that the
first γ-ray astronomers generally came from high-energy particle
physics community interested in energetic phenomena in the uni-
verse (Weekes, 2003). γ-ray astronomy as a concept was first put
forward by Morrison (1958). In his seminal 1958 paper, he not only
described the physical process that could produce cosmic γ-rays
but also outlined the methods to detect them and list a number of
possible γ-ray sources.

The γ-ray regime covers at least 14 decades in energy. It spans
from approximately the energy of an electron, E = mec2 ≈ 0.5 ×
106 eV to ≥ 1020 eV. This lower bound corresponds to the region
of nuclear γ-ray lines as well as the electron-positron annihilation
line, while the upper bound corresponds to the highest observed
energy of cosmic rays (Aharonian, 2004). We can divide this wide
energy band into several areas defined somewhat arbitrarily: the
low energy (LE, below 30 MeV), high (HE, 30 MeV–100 GeV), very
high (VHE, 100 GeV–100 TeV), and ultra high (UHE, beyond 100
TeV). This subdivision has little to do with the physical processes
involved in their radiation but has more to do with the interac-
tion phenomena of γ-rays with matter and the various techniques
employed for their detection.

Observations in the low and high-energy band are carried out
by space satellites or balloons in the upper atmosphere. In the LE
regime the Compton process is the dominant interaction mode
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used for the detection. Detection in the HE and VHE regime
makes use of the pair-production interaction but in different ways:
balloons or spaceborne HE telescopes employ spark chambers
to identify the electron-positron pair produced as γ-rays interact
within the spark chamber plates. On the other hand, ground- Even though spark cham-

bers have been obsolete for
high-energy physics experi-
ments, they have long been
the workhorse detector in
HE γ-ray astronomy and has
been employed to great suc-
cess among others by EGRET.

based VHE detectors detect the electromagnetic showers that de-
velop in the Earth’s atmosphere as γ-rays interact with the atmo-
sphere.

It is readily apparent that there are certain peculiarities unique
to γ-ray astronomy that are not present at lower energy regimes.
In other regimes of the electromagnetic spectrum, astronomical
telescopes take advantage of the fact that light passing through a
large aperture can be concentrated to a much smaller area through
reflection of refraction, making the size of the detector just a small
fraction of the telescope aperture. Optical, infrared, radio, and
even X-ray astronomers take advantage of this fact and design
a suitable geometry to concentrate photons into a small detector
element, so that the signals are detectable above a certain back-
ground.

The penetrating power of γ-rays at MeV energies and above
prevents them to be efficiently reflected off a surface and thus nu-
clear physics detection methods must be employed to observe the
interaction of γ-rays with matters. In general, the size of a γ-ray
“telescope” is then effectively only as big as the size of the detector
itself (however, as we shall see later on, this will not be the case for
ground-based VHE γ-ray telescopes). It is also necessary to iden-
tify cosmic γ-ray events from the charged particle backgrounds.
Payload constraints must also be taken into account for space-
borne telescopes. Compton was one of the largest and heaviest
scientific instruments ever put into space and yet its LE telescope,
COMPTEL, and its HE telescope, EGRET, had effective apertures
of respectively 5 cm2 (Diehl, 1988) and 2000 cm2 (Kanbach et al.,
1988).

The second peculiarity of cosmic γ-ray detection is that the
Earth’s atmosphere is opaque to all γ-rays. Even on top of the
highest mountains it is still many radiation lengths below the top
of the atmosphere, thus it is virtually impossible to directly detect
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γ-rays without sending instruments to outer space. Balloons can
lift γ-ray detectors to near the top of the atmosphere and much
of the pioneering works in γ-ray astronomy was done this way.
Later on as rocket technology improves, satellites operating high
above the atmosphere can carry heavier γ-ray detectors. The ab-
sorption of γ-rays by the atmosphere, however is not without its
own merit, as their interaction will produce a cascade of charged
particles that could be detected by dedicated instruments.

Not long after the publication of Morrison’s paper on γ-ray as-
tronomy, Cocconi published an optimistic prediction for VHE γ-
ray astronomy and suggested a design of a VHE γ-ray telescope
consisting of arrays of particle detectors (Cocconi, 1960). This
method has been succesfully applied to detect cosmic ray show-
ers, however other experimenters realized that for γ-ray-induced
cascade a higher sensitivity could be gained by detecting instead
the Čerenkov radiation. A group of Soviet physicists from the
Lebedev Institute then build an array of 12 light detectors in the
Crimea, and after four years of observing the sources suggested
by Cocconi (radio galaxies and supernova remnants) no convinc-
ing detection was made (Chudakov et al., 1967).

The Earth’s atmosphere is opaque to all electromagnetic radia-
tion with energy greater than 10 eV. The vertical thickness of the
atmosphere above sea level is approximately 1030 g cm−2. Since
one radiation length in air is X0 = 36.62 g cm−2 (Nakamura &
Particle Data Group, 2010), the thickness of the atmosphere is
equal to more than 28 radiation lengths. While the γ-ray itself
may be absorbed by the atmosphere, the secondary products of
its interaction with the atmosphere do survive and are detectable.

The dominant interaction of a γ-ray with energy greater than
10 MeV is pair-production. Typically this will occur after one ra-
diation length has been traversed. The resulting electron-positron
pair will share the energy of the parent γ-ray and will be emitted
in virtually the same direction as the original direction of the γ-
ray. After this pair traverse another radiation length, they could
interact with the atmosphere to emit secondary γ-rays through
bremsstrahlung. A secondary γ-ray could also produce another
electron-positron pair after another radiation length. This pro-
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Figure 1.16: Monte Carlo
simulations of a 320 GeV γ-
ray shower and a 1 TeV pro-
ton shower. The horizontal
scale is exaggerated by a fac-
tor of 5. Figure reproduced
from Hillas (1996).

cess continues down through the atmosphere (Figure 1.16) until
the average energy of the particles drops to a point where ioniza-
tion energy losses and the radiation losses become equal (Rossi &
Greisen, 1941). At this point the shower reaches a maximum and
the number of particles gradually diminishes and the cascade dies
away.

If the energies of the secondary electron-positron pairs are above
the Čerenkov threshold, i.e. they travel with velocities above the
velocity of light in the atmosphere, they will make the atmosphere
radiate Čerenkov photons. Since many of the electron-positron The Čerenkov threshold for

the atmosphere is 21 MeV at
sea level. The Čerenkov an-
gle at sea level is θc ∼ 1.3◦

where the refractive index is
n = 1.00029.

pairs will be above the threshold, the cascade will also be accom-
panied by a shower of Čerenkov photons. As the refractive index
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ANRV385-AA47-13 ARI 22 July 2009 4:12
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Figure 5
A sketch of the imaging atmospheric Cherenkov technique showing the formation of an electromagnetic
cascade for a 300 GeV photon primary, the production of Cherenkov light, and the formation of an image in
the camera of a Cherenkov telescope. Cherenkov light production for a proton initiated cascade is shown for
comparison. Shower images produced by Konrad Bernlöhr.

3. INSTRUMENTS FOR TeV ASTRONOMY
AND THEIR CHARACTERISTICS
Given the very low fluxes of γ rays in the VHE regime—O(10−11) photons per cm2-second (a few
photons per m2-year) above 1 TeV for strong sources—direct detection by space-based instruments
is excluded. Ground-based instruments detect secondary products resulting from the development
of γ -ray-initiated air-showers: either particles reaching the ground or Cherenkov light emitted
by shower particles in the atmosphere. In contrast to the well-collimated electromagnetic air-
showers induced by γ rays (or electrons), air-showers initiated by CR nucleons typically feature
a number of electromagnetic subshowers induced by π0 decays and contain muons from charged
pion decays (see Figure 5). Rejection of the background of showers initiated by charged CRs is
a key performance criterion for γ -ray detection systems, and is usually achieved on the basis of
shower shape or muon content. A more detailed discussion of air-shower characteristics and the
detection systems used can be found, for example, in Aharonian et al. (2008h).

3.1. Instrument Characteristics
For ground-based instruments detecting γ rays via their shower development in the atmo-
sphere, effective detection areas, A(E ) [defined such that the differential detection rate Rγ (E ) =
#γ (E )A(E )], have a subthreshold region where they exhibit a steep rise with energy and a high-
energy region where A(E ) varies only weakly with energy. In the subthreshold region, the de-
tector triggers only because of favorable fluctuations in the development of an air-shower. In the
high-energy region, every air-shower within a certain fiducial region is recorded. The “energy
threshold” of a detection system is usually quoted as the energy at which the peak detection
rate R(E ) occurs for typical power-law γ -ray spectra. The threshold thus determined obviously
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Figure 1.17: An illustra-
tion describing the method
to detect VHE γ-rays us-
ing ground-based optical re-
flectors. As γ-rays interact
with the Earth’s atmosphere,
they will produce pairs of
electron-positron that will
make the atmosphere radi-
ate Čerenkov photons. With
ground-based telescopes one
could detect these photons
and reconstruct the direction
and energy of the γ-rays. Be-
cause the secondary radia-
tion arrives at detector level
as a broad but thin disk, the
detector can have a large col-
lecting area for the primary
γ-ray detection. The forma-
tion of an image on the cam-
era of a Čerenkov telescope
is also shown. Illustration
reproduced from Hinton &
Hofmann (2009).

of air is close to unity, the shower will point in the forward direc-
tion. From an observer on the ground, the shower of Čerenkov
photons will look similar to meteoric trails (Weekes, 2003). If the
trails are extrapolated backward they will point back to their ori-
gin. A simple reflector equipped with photomultiplier tubes and
a fast pulse-counting electronics could in principle detect the cas-
cade (Figure 1.17) and determine the point of origin, energy, and
the time of arrival of the γ-ray. Thus a map of VHE γ-rays could
be produced, the energy spectrum be determined, and variability
of the source could be measured.

The unique feature of atmospheric Čerenkov telescopes (ACT)
is that the telescope can have a large collecting area for the detec-
tion of the primary γ-rays, beyond of the size of the mirror area
itself. This is because the secondary radiation arrives at detector
level as a broad but thin disk (Figure 1.17). Since the radius of
the Čerenkov light pool on the ground could reach ∼120 m, the
shower detection area is ∼5 × 104 m2 (Weekes, 2003), which is
huge by astronomical standards. Since at high-energies the fluxes
of cosmic γ-ray are low, this large collecting area is a key advan-
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tage compared to spaceborne γ-ray detectors.
The main limitation of ACTs is that they can only operate with

a low duty cycle, because the photomultiplier tubes are sensitive
to stray background lights such as moonlight, starlights, airglow,
lightning and meteoric trails, and manmade light sources such
as satellite lights and airplanes. By building the telescope away
from human habitations, manmade background lights could be
avoided. By choosing the observing time, natural background
lights such as the Sun, Moon, and lightning could be avoided.
To minimize the natural background due to starlight and air-
glow, it is best to choose the photomultipliers with higher quan-
tum efficiency in the blue light, which is the peak emission of
the Čerenkov photons (Weekes, 2003). As a consequence of these
limitations, ACTs can only operate ∼1000 hours per year (Hinton
& Hofmann, 2009). This corresponds to a duty cycle of ∼10%.
Other limitations of ACTs are their narrow field of view, which is
typically ∼5◦ (Hinton & Hofmann, 2009), and their slow slewing
capability toward an intended target. The shortest slewing time is
∼80 s for MAGIC (Albert et al., 2007).

Despite the huge collecting area and high sensitivity, the low
duty cycle and the long slewing time make ACTs a limited in-
strument to observe GRBs. As we have discussed in the previous
section, efforts were made by ACTs to observe GRBs but no signif-
icant signals were found. On the other hand, for the observations
of steady sources such as supernova remnants and active galactic
nuclei, ACTs have been proven to be the most powerful instru-
ment to study these objects.

The first large optical reflector built to observe atmospheric
Čerenkov radiation was the Whipple 10 m γ-ray telescope installed
on Mount Hopkins in southern Arizona in 1968. It was not until
1989 that Whipple finally made the first robust detection of VHE γ-
rays, the Crab Nebula (Weekes et al., 1989). Since then numerous

Over time, the Crab Neb-
ula has become the “stan-
dard candle” of high-energy
astrophysics. Fluxes of high-
energy sources are customar-
ily measured in units of the
Crab’s flux.

other Čerenkov telescopes have been built and today ∼80 VHE
γ-ray sources have been identified (Hinton & Hofmann, 2009).

The performance of ACTs can be significantly improved if mul-
tiple telescopes are employed so that the shower could be imaged
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Instrument
Lat. Long. Alt.

Tels.
Area Pixels/

camera
FoV Thresh. Sens.

[◦] [◦] [ m] [ m2] [◦] [ TeV] [% Crab]
HESS -23 16 1800 4 428 960 5 0.1 0.7
VERITAS 32 -111 1275 4 424 499 3.5 0.1 0.7
MAGIC 29 18 2225 2 468 1039 3.5 0.03 1.0
CANGAROO -31 137 160 3 172 427 4 0.4 15
Whipple 32 -111 2300 1 75 379 2.3 0.3 15

Table 1.1: Properties of sev-
eral currently-active ACTs,
compiled from Hinton &
Hofmann (2009). The mirror
area is the combined area of
all telescopes.

from different viewing angles. The telescope separation must be
large enough so that the baseline is long enough for stereoscopic
imaging, yet small enough that multiple telescopes can still fit
within the Čerenkov light pool (Figure 1.17). This stereo detec-
tion could improve angular resolution as well as the rejection of
backgrounds due to cosmic-ray induced showers. The availability
of multiple images of the same shower allows for a reduction of
the energy threshold by using a coincident trigger between tele-
scopes, a determination of shower maximum, and better angular
resolution. The advantages of this system is first demonstrated
by HEGRA, an Armenian-German-Spanish collaboration and the
precursor of the MAGIC collaboration, with five ACTs installed
on La Palma, Canary Islands (Konopelko et al., 1999). Most of
the current generation of ACTs employ this stereoscopic system
(Table 1.1). Telescopes such as HESS22 can measure the direction 22 High Energy Stereoscopic

System, http://www.mpi-hd.
mpg.de/hfm/HESS.

of a single γ-rays with resolution of 3–6 arcminutes, an energy
resolution of around 15%, and a cosmic-ray rejection factor of 1%
or better. This allows the detection of sources as faint as 1% the
strength of the Crab Nebula (νFν ∼ 3 × 10−13 erg cm−2 s−1 at
∼1 TeV) within 25 hours close to the zenith (Hinton & Hofmann,
2009).

The next generation of atmospheric Čerenkov telescope, the
Čerenkov Telescope Array (CTA)23, is currently in a preparatory

23 http://www.
cta-observatory.org

phase. It is foreseen that it becomes operational with full capacity
in 2018 (Actis et al., 2011). With CTA (Figure 1.18) an in-depth
study of individual sources as well as a wide-field survey can be
made. By employing telescopes of different mirror area, CTA is
also expected to cover a wide energy band ranging from below 100

http://www.mpi-hd.mpg.de/hfm/HESS
http://www.mpi-hd.mpg.de/hfm/HESS
http://www.cta-observatory.org
http://www.cta-observatory.org
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Figure 1.18: An artis-
tic impression of the
Čerenkov Telescope Array
(CTA), currently in the
preparatory phase and is
expected to be fully opera-
tional in 2018. Credit: G.
Perez, SMM, IAC, http:
//www.cta-observatory.org

GeV to more than 10 TeV. A small number of very large telescopes,
possibly four, with a 20–30 m diameter will be used to detect γ-
rays of energies below 100 GeV. The so-called core energy range
between 100 GeV to 10 TeV will be covered by a grid of telescopes
with 10–15 m diameter spaced ∼100 m apart. The high-energy
range above 10 TeV may be detected by a large number of small
telescopes with diameter of a few meters spaced within the size
of the Čerenkov light pool. CTA is planned to be built on two
separate sites. A main site to be located in the southern hemi-
sphere covering an area of 3 km2 will observe the central region
of the Milky Way. A complementary northern site covering an
area of 1 km2 will be devoted to extragalactic studies such as the
observation of AGNs and GRBs.

Despite the low-duty cycle of CTA, its expected sensitivity is 1%
Crab in the wide-field survey mode. The fast-slewing capabilities
will be used to observe GRBs in their afterglow phase or even
earlier in their prompt phase. In a recent simulation of follow-up
GRB observations with CTA, Kakuwa et al. (2011) conclude that
CTA could observe ∼0.1 GRBs per year during the prompt phase
and ∼0.5 GRBs per year during the afterglow phase. It is possible
that a fraction of these observed GRBs could also be observed in
the TeV regime.

A complementary method of VHE γ-ray detection can be per-
formed by directly detecting the air-shower particles. This re-

http://www.cta-observatory.org
http://www.cta-observatory.org
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quires an array of a large number of particle detectors through
which some of the particles should pass. This method of detection
allows what ACTs could not provide: very high duty cycles (close
to 100%) and very wide field of view (∼2 sr). These advantages
make particle shower arrays a suitable method to observe tran-
sient events such as GRBs, despite the fact that the point-source
sensitivity of these detectors is almost two orders of magnitude
worse than the best ACTs (Hinton & Hofmann, 2009). As men-
tioned in the previous section, a marginal detection of TeV γ-rays
from GRB 970417A was reported by Milagrito which is a particle
air-shower detector array.

The main challenges faced by particle air-shower detectors is
the discrimination of γ-ray showers with hadronic showers. One
way to solve this problem is to put the detector at a high altitude
in order to achieve a lower energy threshold (less than 1 TeV).
Another way is to put the detector deep undegroud and observe
high-energy muons which constitute the penetrating component
of the shower. Muons from electromagnetic showers could be pro-
duced from hadronic photoproduction and the subsequent pion
decay, as well-as direct pair-production of muons from the in-
teractions of γ-rays with atmospheric nuclei (Stanev, Vankov &
Halzen, 1985; Halzen, Kappes & Ó Murchadha, 2009). Although
the number of muons produced in an electromagnetic shower is
relatively small compared to hadronic showers, a targeted search
to a known source could produce a statistically significant excess
over background.

In the 1980s there were a number of repeated detections of
γ-ray-induced muons. Samorski & Stamm (1983) from the Kiel
experiment and Marshak et al. (1985) from the Soudan-1 detec-
tor have detected muons from γ-rays with energies of 1015 to
1016 eV originating from the binary X-ray source Cygnus X-3,
while Dzikowski et al. (1983) from the Łodz group detected a
muon excess from γ-rays with energies of at least 1016 eV from the
Crab Nebula. Despite a promising start, interest in this method
however appears to waned in the following decades (Weekes, 2003).

The high-altitude water Čerenkov approach pioneered by Mila-
gro proved to be more successful, with contributions to the catalog
of TeV sources (Abdo et al., 2007) and surveys of the diffuse γ-ray
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large field of view (!2sr or 16% of 4p sr) and near 100% duty cycle
that will allow for observations in the prompt phase. They are also
sensitive to energies beyond those covered by satellites. EAS obser-
vatories, in particular HAWC, are thus useful high-energy GRB
detectors that complement the observations by satellites such as
Fermi. In this paper we will present the sensitivity and capabilities
of two methods of detection of GRBs by HAWC and show the
observatory’s ability to measure possible high-energy emission
from GRBs.

2. HAWC

The High Altitude Water Cherenkov (HAWC) observatory is a
very high-energy (VHE) gamma-ray detector currently under con-
struction near the peak of Volcán Sierra Negra, Mexico. HAWC is
located at 4100 m of altitude, N 18"5904800, W 97"1803400. When
completed in 2014, HAWC will consist of 300 steel tanks of 7.3 m
diameter and 4.5 m deep, covering an instrumented area of about
22,000 m2 (the actual tank coverage is 12,550 m2). Each tank will
hold a bladder filled with purified water and will contain three
20 cm photomultiplier tubes (PMTs). The PMTs are placed near
the bottom of the tank looking up in order to measure prompt
Cherenkov light. The inner walls of the bladders are dark to reduce
reflections of light. An additional 25 cm, high quantum efficiency
PMT will be added to the center of each tank. However, results
presented here correspond to simulations of three 20 cm PMTs
per tank. The additional PMT will extend HAWC’s low energy
threshold, improving upon what is presented here. A test array of
seven tanks, called VAMOS (Verification And Measuring of Obser-
vatory System), has already been built on site. Six of the tanks have
been filled with water and instrumented with 4 to 7 PMTs per tank.
Engineering data has been collected with 6 tanks. Continuous oper-
ation of VAMOS started in Sept 29, 2011. Operation of the first 30
HAWC tanks is expected to start in 2012. A layout of HAWC and
VAMOS as well as a description of the water Cherenkov detection
method can be seen in Fig. 1.

HAWC observes gamma rays by detecting, at ground level, the
particles that compose an extensive air shower. Charged particles
moving through water in the tanks generate Cherenkov light that
is captured by the PMTs. Energetic photons traveling through the
water in the tanks will typically Compton scatter or produce an
electron–positron pair, resulting in Cherenkov light. This latter fact
is an advantage of the water Cherenkov method because a large
fraction of the electromagnetic component of an air shower at
ground level are photons [40].

HAWC improves the sensitivity for a Crab-like point spectrum
by a factor of 15 in comparison to its predecesor, Milagro [41]

while also extending the reach in the low energy region. The
trigger in Milagro used the upper pond layer of 4000 m2, while
HAWC uses its entire instrumented area of 22,000 m2. For the pur-
poses of discriminating gamma rays from hadrons, Milagro used its
deep pond layer of 2,000 m2, while HAWC can use its entire instru-
mented area of 22,000 m2. Discrimination of gamma rays and
hadrons is also better in HAWC with respect to Milagro because
detection elements are optically isolated (tanks vs. single pond).
Milagro was complemented by a sparse outrigger array that ex-
tended to about 40,000 m2 to improve reconstruction capabilities.
This is not as necessary in HAWC, as the array is already big enough
to provide excellent reconstruction. Finally the higher altitude of
HAWC (4100 m vs 2630 m) implies that the detector is closer to
the air shower maximum and for a given species of primary, more
particles are available at ground level. This is particularly impor-
tant for the low-energy gamma rays relevant for GRB observations.
HAWC will also be able to send quasi-real time alerts (e.g. via the
GRB Coordinate Network, or GCN [42]) that can trigger multi-
wavelength campaigns. The VERITAS IACT is geographically located
close to HAWC, and alerts issued by HAWC may be followed by
VERITAS.

HAWC data will be collected by two data acquisition systems
(DAQs). The main DAQ will measure the arrival time and time over
threshold (TOT) of PMT pulses, hence providing information for the
reconstruction of the shower core, direction and lateral distribu-
tion, which in turn helps to determine the species of primary par-
ticle and its energy. A secondary DAQ, the scaler system, operates
in a PMT pulse counting mode [43] and is sensitive to gamma ray
and cosmic ray (i.e. due to Solar activity) transient events that pro-
duce a sudden increase or decrease in the counting rates with
respect to those produced by atmospheric showers and noise.

3. The main DAQ

HAWC’s primary DAQ system will record individual events
caused by air showers large enough to simultaneously illuminate
a significant fraction of the HAWC array. In the simplest approach,
depending on the number of hit PMTs during a given time window
(trigger condition), a trigger will be issued and sent to time to dig-
ital converters (TDCs). The TDCs will store the measured times of
the PMT hits closest to the trigger time. The data of each issued
trigger are called an event. For the operation of HAWC we plan
to use CAEN VX1190 VME TDCs. The final triggering configuration
of HAWC is still not defined. As will be shown below, small events
contribute significantly to the sensitivity to GRBs.

The event data recorded by the main DAQ system will consist of
the leading and trailing edges of discriminated PMT pulses. The

Fig. 1. HAWC layout and operation principle. The left panel shows the relative position of HAWC tanks. The seven tanks at the top left correspond to VAMOS. The electronics
counting house will be at the empty region in the center of the array. The right panel shows the principle of water Cherenkov detection. Particles, part of an air shower, arrive
at the ground in a shower front. Relativistic charged particles produce Cherenkov radiation as they travel in the water tanks. Cherenkov radiation is emitted at a precise angle
hc with respect to the particle trajectory. Cherenkov radiation is detected by photomultiplier tubes at the bottom of the tank.

A.U. Abeysekara et al. / Astroparticle Physics 35 (2012) 641–650 643

Figure 1.19: HAWC lay-
out and operation princi-
ple. Left: The relative posi-
tion of HAWC tanks (blue).
The seven tanks at the top
left are initial test array.
Right: The principle of wa-
ter Čerenkov detection. Par-
ticles produced in an air
shower arrive at the ground
and produce Čerenkov pho-
tons as they travel in the wa-
ter tanks. The photons are
emitted at a characteristic an-
gle θc with respect to the
particle track. The photons
will be detected by the pho-
tomultiplier tubes at the bot-
tom of the tank. Figures re-
produced from (Abeysekara
et al., 2012).

emission of the Milky Way (Abdo et al., 2008). As we have seen in
the previous section, Tibet ASγ has also demonstrated the ability
to detect TeV γ-rays from the Crab Nebula and several AGNs.

The High-Altitude Water Čerenkov (HAWC) observatory24 will

24 http://hawc.umd.edu/

be the successor of Milagro and is expected to be completed in
2014. Located near the peak of Volcán Sierra Negra, Mexico, at an
altitude of 4100 m, HAWC will consist of 300 steel tanks of 7.3 m
diameter and 4.5 m deep, covering an instrumented area of about
22 000 m2 (Figure 1.19). Each tank is filled with purified water
and will contain four photomultiplier tubes (PMTs): three 20 cm
PMTs will be placed near the bottom of each tank looking up to
efficiently measure Čerenkov light, and an additional 25 cm PMT
with higher quantum efficiency will be placed at the center of
each tank. With sensitivity 15 times higher than Milagro, HAWC
is expected to observe the brightest GRBs with significance of at
least 5σ (Abeysekara et al., 2012).

1.4 The rise of neutrino telescopes

Ideas to search for cosmic neutrino sources other than the Sun
emerged soon after the discovery of Cowan et al. (1956) was pub-
lished. In 1960, Kenneth Greisen (Figure 1.20) proposed to build
a 3000 tons underground neutrino detector to observe the Crab
Nebula. Although he admitted that the rate of cosmic neutrino
events will be low, Greisen nevertheless was optimistic that “neu-

http://hawc.umd.edu/


46 starlight beneath the waves

trino detection will become one of the tools of both physics and
astronomy” (Greisen, 1960). On a more pessimistic note, Fred-
erick Reines noted that “the problem of detecting the cosmic ray
neutrino appears to be a most formidable one,” and warns that
“the probability of a negative result even with detectors of thou-
sands or possibly hundreds of thousands of gallons of CCl4 tends
to dissuade experimentalists from making the attempt” (Reines,
1960). In other words, one must possess extreme patience and
a readiness to face disappointment to undertake such an effort.
Later on Soviet physicist Moisey Markov proposed “to install de-
tectors deep in a lake or in the sea to determine the direction of
charged particles with the help of Čerenkov radiation” (Markov,
1960). To isolate the neutrinos from cosmic-ray backgrounds it
is necessary to observe neutrinos that have passed through the
Earth since “all known particles with the exception of neutrinos
are absorbed by scores of kilometres of the substance and thus are
entirely screened by the planet” (Markov, 1961).

Figure 1.20: Kenneth Greisen
in 1971, here shown celebrat-
ing a balloon flight which
was the first to detect pulsed
γ-rays with energies greater
than 200 MeV from the pulsar
in the Crab Nebula. Credit:
David Koch, Cornell Univer-
sity.Even neutrinos with extremely-high energy can pass through a

detector and remain undetected. The few that interact could cre-
ate muons as well as electromagnetic and hadronic secondary par-
ticle showers. These charged particles will then produce Čerenkov
photons that can be detected by a three-dimensional array of pho-
tomultiplier tubes that comprise the detector. In the years follow-
ing Markov’s proposal, it was realized that the detector must be
of at least a cubic kilometer in size.

In view of these requirements, three open and transparent me-
dia came into mind: the atmosphere, water, and ice. Instrument-
ing the atmosphere with omnidirectional detector does not pro-
vide sufficient shielding against cosmic-ray backgrounds. Further-
more, it is constantly lit-up by the Sun and the Moon except for
only ∼10% of the time (Roberts, 1992).

Water is another option that give several advantages: If the de-
tector is deep enough (∼2–4 km from the surface), sunlight can
not penetrate the depth and the layer above it could provide suf-
ficient shielding against the muon background from cosmic rays.
Water also has excellent optical qualities, with relatively long ab-
sorbtion and scattering lengths that lead to a good angular reso-
lution in reconstructing the direction of the muon.
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Water is however contaminated with light from two sources:
intermittent light from bioluminescent marine life present at all
depths and radioactive decays of 40K that yields a constant rate
of optical noise. There are numerous technological challenges in
installing an array of detectors at the bottom of the sea. The pho-
tomultipliers must be encased in a transparent yet protective shell
able to withstand the very high pressure of sea water (roughly 100
atmospheres per kilometer of depth) and the corrosive salt water.
In addition, there must be a method to constantly monitor the po-
sitions of the photomultipliers which are changing due to the sea
currents.

Ice provides a stable platform to work with and the optical
background in the sterile ice is low. The scattering length of ice is
however shorter than water leading to a lowering of the angular
resolution.
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FIG. 11. Ground-plane view, showing how sensor strings are

attached to the row cables to form sensor planes (Roberts and

Wilkins, 1980).

FIG. 9. The first DUMAND array: DUMAND G, the 1978
model. See text for details (Roberts and Wilkins, 1978).
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FIG. 10. Plan view of DUMAND G. Note: View B is not a

perspective view of a cube, but a ground-plane view of the hex-
agonal array. (A) The three primary power/data support
cables; (B) The 60 row cables that support the array's 1261 vert-

ical sensor strings (Roberts and %'ilkins, 1980}.

Y-shaped central distribution cable. The three legs of the
Y, 120 apart, are each 800 m long, and from each of
them 20 parallel rows arise, 40 m apart, marking the base

of the strings attached to each row at 50-m intervals.

These are shown in Figs. 10 and 11. The sensor strings

are 500 m long, with 18 sensors per string, spaced 50 m

apart. The array thus comprises 60 sensor planes with

1261 strings of 18 modules each, for a total of 22 968 op-
tical modules. We ignore for the moment the acoustic

detector modules attached as outriggers to the array.
Several points deserve mention. The optical modules

were still undefined. At that time they were expected to

be complex multitube systems using wavelength-shifter

techniques to effectively multiply the photocathode area.
Also, the development of optical fibers had not yet
reached the point where the attenuation was low enough,
the cost moderate enough, and auxiliary optical trans-

mitters and receivers cheap and reliable enough to be

adopted for our use. Consequently we still had to plan
on using copper cables for data transmission to shore.
This entailed not only the need for several repeaters in

the shore link, but an overall bandpass of only a few

MHz, and therefore a need for a large amount of data
filtering and compression at the ocean bottom. All of
that must be executed by equipment physically inaccessi-

ble and subject to modification only by previously pro-

grammed alternatives controllable from shore.

Daunting though this prospect might have seemed, its
effect was not to discourage the already committed, but

to point out where progress was needed. That progress
was not long in coming.

In 1979, at a DUMAND conference hosted by the

Russians in Khabarovsk and Lake Baikal, Wilkins was

able to announce a result toward which all his efforts had

been bent for many years: optical fibers were now ready
for use in undersea cables (Wilkins, 1980). The advances
that made this possible included the production of mul-
timode fibers with attenuations of 0.47 db/km and

single-mode fibers with the (then) unbelievable attenua-

tion value of 0.2 db/km at 1.55 microns. Not only were

optical fibers becoming practical, they were eliminating

the need for repeaters. In addition reliable operation of
quaternary laser transmitters at 1.27 pm and

Ino-aAsp avalanche photodiodes at 1.257 pm and

beyond were reported. Full duplex operation was

demonstrated over 8-km lengths, and 100-Mb/sec com-

munication at 1.3 pm with 10 bit error rate was report-
ed over 53 km of cabled, multimode fiber with 25 fusion
splices. DUMAND specifications now call for fibers op-
timized at 1.300 pm and 1.550 pm, with less than 12 db
attenuation over the 40-km length (DUMAND II

Rev. Mod. Phys. , Vot. 64, No. 1, January 1992

Figure 1.21: The early design
of DUMAND: More than
20 000 photomultipliers are
arranged in a hexagonal ar-
ray 800 m on a side. The
photomultipliers are tied into
strings, each strings consist
of 18 photomultipliers. There
are 1261 strings, each spaced
50 m apart from each oth-
ers. Figure reproduced from
Roberts (1992).

The first and heroic effort to construct a large-scale neutrino de-
tector was by the DUMAND25 Collaboration. An early history of

25 Deep Underwater Muon
And Neutrino Detector,
http://www.phys.hawaii.
edu/dmnd/

DUMAND was excellently written by Roberts (1992) and will be
summarised here. The genesis of DUMAND happened in the 1973
International Cosmic Ray Conference in Denver, when a small
group of physicists conceived an undersea muon detector to clar-
ify an anomaly observed in the cosmic-ray depth-intensity curves.
The anomaly disappeared later-on when other experiments were
made, but it was realized that such an undersea muon detector
could also be a neutrino detector. Most of the members of the
group then agreed to put the idea of building an undersea muon
detector into reality. Thus DUMAND was born. It is interesting to note that

Frederick Reines is in fact
one of the physicists who
conceived DUMAND and he
was even the one who named
it so (Roberts, 1992).

During a series of DUMAND workshops between 1975–80, it
was decided to deploy the detector 30 km off the coast of the
Island of Hawaii, at a depth of 4.8 km. The ambitious early de-
sign was to construct a detector with 1.22 km3 volume, consisting
of 20 000 photomultiplier tubes arranged in 1261 strings (Figure
1.21). Budgetary and technological constraints forced a constant
redesign that considerably reduced the size of the detector after
each iteration. The first of such was in 1980 which reduced the
number of photomultipliers into 6000 and the volume into 0.6
km3. Another redesign in 1982 reduced again the size of the de-

http://www.phys.hawaii.edu/dmnd/
http://www.phys.hawaii.edu/dmnd/
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Figure 3: A ”gold plated” 19-hit neutrino event. Left: Event display. Hit channels are in black. The thick
line gives the reconstructed muon path, thin lines pointing to the channels mark the path of the Cherenkov
photons as given by the fit to the measured times. The sizes of the ellipses are proportional to the recorded
amplitudes. Top right: Hit times versus vertical channel positions. Bottom right: The allowed θ/φ regions

(see text).

Applying eq.2 not only to pairs at the same string, but to all pairs of hit channels, one
can construct an allowed region in both θ and φ. For clear neutrino events this region is
situated totally below horizon. This is demonstrated at the bottom right picture of fig.3.
The same holds for the other two events, one of which is shown in fig.4. Fig.5, in contrast,
shows an ambiguous event giving, apart from the upward solution, also a downward solution.
In this case we assign the event to the downward sample.

4 Conclusions

The analysis presented here is based on the data taken with NT-96 between April 16 and
May 17, 1996 (18 days lifetime). Three neutrino candidates have been separated, in good
agreement with the expected number of upward events of approximately 2.3. Our algorithm

4

Figure 1.22: Left: One
of the first upgoing mu-
ons from a neutrino, ob-
served using the 4 strings of
the detector in 1996. Fig-
ure reproduced from Balka-
nov et al. (1997). Middle:
The design of the NT200 ar-
ray of the Baikal Neutrino
Telescope. Credit: Baikal
Neutrino Telescope, http://
baikalweb.jinr.ru/. Right:
The upgraded Baikal Tele-
scope NT200+: the old
NT200 surrounded by three
external long strings at 100 m
radius from the center.

tector into 756 photomultipliers and a volume of 0.03 km3, which
also met the same fate with previous designs. The design that was
finally accepted was a 9 strings detector, each with 24 photomul-
tipliers, for a total of 216 photomultipliers. The strings were ar-
ranged in octagonal configuration, 40 m on a side, with the ninth
string placed at the center.

In December 1993 the first string was finally deployed (Grieder,
1995). The deployment was a success. Unfortunately a leak oc-
cured in one of the electrical connectors, resulting in a short circuit
and a complete breakdown after 10 hours of operation. Despite
a successful recovery of the damaged string one month later, in
mid 1996 the US Department of Energy terminated further sup-
port and thus the venture to establish the first undersea neutrino
telescope met its tragic end.

Lake Baikal in Siberia, Russia, is the deepest fresh water lake
in the world and it is here that the venerable Baikal Neutrino
Telescope26 is located. Several of the Soviet scientists involved 26 http://baikalweb.jinr.

ru/in Baikal were previously part of the DUMAND Collaboration,
however in the early 1980s they were excluded from the Collabo-
ration because the Reagan administration threatened to cut fund-
ing should Soviet collaborators be involved (Roberts, 1992).

http://baikalweb.jinr.ru/
http://baikalweb.jinr.ru/
http://baikalweb.jinr.ru/
http://baikalweb.jinr.ru/
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The Baikal telescope is located in the southern part of Lake
Baikal, 3.6 km from the shore at a depth of 1366 m. The first
string of photomultipliers was deployed in 1984 and the first mu-
ons were detected soon afterwards (Bezrukov et al., 1984). In
1993 Baikal became the first collaboration to deploy three strings
of photomultipliers (three is the minimum number of strings re-
quired for full spatial reconstruction of muon tracks) and was also
the first to report the detection of a neutrino underwater (Figure
1.22, left). In April 1998, 192 photomultipliers were deployed in an
array designated as NT200. The photomultipliers are supported
by eight strings attached to an umbrella-like frame on top of them
(Figure 1.22, middle). The configuration spans 72 m in height and
43 m in diameter.

Baikal is still taking data and upgrades are still carried out. Be-
tween February and April the lake is covered with a thick layer
of ice, providing a convenient working platform for the construc-
tion and maintenance works. In 2005–07 Baikal was fenced by
three distant, longer outer strings containing 36 photomultipliers
in total (Figure 1.22, right). With this additional strings, named
NT200+, the sensitivity of Baikal was increased by a factor of 4
(Aynutdinov et al., 2006).

Figure 1.23: The design of
the Gigaton Volume Detec-
tor (GVD). Top: Top view of
GVD, showing the arrange-
ment of the 12 clusters. Bot-
tom: Schematic view of a
cluster, containing 8 strings
with 24 photomultipliers in
each string. Figure repro-
duced from Avrorin et al.
(2011).

The Baikal Collaboration will assure the continuing presence
of a neutrino telescope in Lake Baikal with the plan to install
the Gigaton Volume Detector (GVD). GVD will consists of strings
grouped in clusters of eight (Figure 1.23). Each string will carry 24
photomultipliers spaced uniformly from a depth of 900 m down
to about 1250 m depth. It is expected to achieve a detection vol-
ume of 0.3–0.8 km3 for muons above 50 TeV (Avrorin et al., 2011).

Efforts to establish a neutrino observatory in ice was pioneered
by the AMANDA Collaboration27 in the late 1990s (Andrés et al.,

27 Antarctic Muon and Neu-
trino Detection Array, http:
//amanda.uci.edu/

2001). It was built in the 3 km-thick ice sheet at the Amundsen-
Scott South Pole Station. Strings with photomultipliers are de-
ployed into the ice by first drilling holes of 60 cm diameter into
the ice with pressurised hot water. The strings are then lowered
into the hole which subsequently refreezes.

During the 1993–94 Austral summer, 80 photomultipliers en-
cased in protective vessels and mounted on four strings were low-

http://amanda.uci.edu/
http://amanda.uci.edu/


50 starlight beneath the waves

ered into depths between 800 and 1000 m. No muon tracks were
however observed. The problem was due to air bubbles trapped
in the ice that makes the scattering length became as short as 50
cm, making track reconstruction impossible (Askebjer et al., 1995).

By observing that the scattering tends to decrease with depth it
was predicted that the bubbles should disappear at a depth below
1400 m, as the high pressure would cause the bubbles to collapse.
The deployment of four additional strings at depths between 1500
and 2000 m during the 1995–96 summer proved this to be the case,
as analyses of the data showed that the scattering length is ∼20 m.
While this is still considerably worse than water, nevertheless it is
sufficient for track reconstruction (Ahrens et al., 2004). By 2000,
AMANDA was completed, with 19 strings and 677 photomulti-
pliers.

IceCube, the successor of AMANDA, began construction in
January 2005. It consists of 5160 photomultipliers mounted on 86
strings at depths of 1450–2450 m (Figure 1.24). The 86 strings are
spaced 125 m from each other, covering a surface area of roughly
1 km2. The photomultipliers are attached to the strings and ver-
tically spaced 17 m from each others. An additional six strings,
called DeepCore, are situated in the inner part of IceCube, spaced
72 m apart from each others. DeepCore strings have 50 photomul-
tipliers per string and is installed in the very clear ice at depths
between 2100 and 2450 m, where the efective scattering length
is at least 50 m. The photomultiplers used in DeepCore strings
have an enhanced quantum efficiency. This tighter spacing, bet-
ter ice quality, and higher effiency of the photomultipliers give
DeepCore a lower energy threshold, possibly as low as 10 GeV
(Halzen & Klein, 2010). IceCube was completed in 18 December
2010, when its 86th string was deployed. It is currently the largest
neutrino telescope in the world.

DUMAND’s efforts to establish an undersea neutrino telescope is
continued by European groups. The NESTOR28, ANTARES, and 28 Neutrino Extended Subma-

rine Telescope with Oceano-
graphic Research, http://
www.nestor.org.gr

NEMO29 collaborations were established to explore the possibil-

29 Neutrino Mediter-
ranean Observatory, http:
//nemoweb.lns.infn.it/

ity of constructing an undersea neutrino telescope in the Mediter-
ranean Sea. After an extensive research and development cam-
paigns, the general atmosphere was an optimistic feeling that the

http://nemoweb.lns.infn.it/
http://www.nestor.org.gr
http://www.nestor.org.gr
http://nemoweb.lns.infn.it/
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Figure 1.24: Schematic view
of the IceCube Neutrino Ob-
servatory, with 5160 pho-
tomultiplers in 86 strings
within 1 km3 of natural
ice. Also shown is the loca-
tion of AMANDA and Deep-
Core. The Eiffel Tower is
also shown as a size compar-
ison. Credit: IceCube, http:
//icecube.wisc.edu/.

technological challenges to built an undersea detector has been
overcome (ANTARES collaboration, 1997).

The ANTARES neutrino telescope was completed in 2008, prov-
ing that such an instrument is now within technological reach. It
is currently the largest underwater neutrino telescope in the world
and data are routinely taken. The detector is located at a depth
of 2475 m, 40 km off Toulon, south of France. It consists of 12
detector strings, 11 strings have 25 floors with 3 photomultipliers
and 1 string has 20 floors with 3 photomultipliers. The strings
are anchored to the seabed and kept upright by a buoy at the top.
Because of the long scattering length of more than 250 m and ac-
curate positioning of all photomultipliers, muon tracks can be re-

http://icecube.wisc.edu/
http://icecube.wisc.edu/
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constructed with precision of ∼0.2◦ for muons of energies greater
than 1 TeV (Brunner, 2011). More technical details on the AN-
TARES neutrino telescope and its track reconstruction technique
will be described in Chapter 6.

The ambition to build a km-scale undersea neutrino telescope is
continued by the KM3NeT Collaboration30, which was formed by 30 km3 NEutrino Telescope,

http://www.km3net.org/the previously mentioned European groups together with deep-
sea technology and marine science groups. The technical design
phase has been completed. The first string of KM3NeT is expected
to be deployed in 2013 and construction is expected to be com-
pleted in 2020.

1.5 This thesis: Neutrino telescopes as γ-ray observatories

Neutrino telescopes can also operate as γ-ray observatories by
observing the muon component of photon showers. With the es-
tablishment of very large volume neutrino telescopes in the last
five years and plans to build larger telescopes, it is timely to re-
visit this old idea and analyse the now-available data.

The muon component of electromagnetic showers is however
produced in small numbers. Thus the sensitivity of neutrino tele-
scopes to γ-rays is weak. Muons induced from cosmic rays in-
teracting with the atmosphere will be the main background. The
thick layer of water or ice above the neutrino telescope provide
shielding that reduces the background—as we shall see later on
from analysis of ANTARES data in Chapter 8—to a small amount.

In principle this method of detection is applicable to any known
TeV γ-ray sources, for example supernova remnants in the Galaxy
or nearby AGNs. In reality, however, their measured fluxes are in
the order of ∼10−11 TeV−1 cm−2 s−1, which is much too low to be
detected by neutrino telescopes (Halzen, Kappes & Ó Murchadha,
2009). After all, these TeV sources are steady sources and can be
studied better with atmospheric Čerenkov telescopes.

GRBs are however an attractive target for neutrino telescopes
due to the large flux of γ-rays during a very short time. Despite
the fact that most of GRBs are located at cosmological distances,
on rare occasions nearby GRB events do occur. The high duty
cycle and wide field of view of neutrino telescopes are suitable to

http://www.km3net.org/
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observe nearby GRBs. Should a nearby GRB occur within the field
of view of a neutrino telescope, detecting TeV γ-rays allows us to
put constraints on the mechanisms of GRB jets and to search for
origin of cosmic rays. Moreover, background can be considerably
reduced by localizing the search to the specific direction and time
of where and when the GRB happened.

Another way that can possibly increase the sensitivity of neu-
trino telescopes is by looking at the raw data when the GRB hap-
pened. Due to the large amount of data, filtering algorithms are
employed to record events that are possibly caused by the passage
of muons in the detector. However, the analysis of the raw data
that coincide with a known GRB event can possibly lower the de-
tection threshold and thus increase the potential to discover γ-ray
signals from GRBs. The trigger to save all raw data can be pro-
vided by spaceborne γ-ray observatories that routinely detect ∼1
GRB per day. Together they form the GRB Coordinates Network
(GCN)31, a system that distribute alert notices to its subscribers 31 http://gcn.gsfc.nasa.

gov/whenever any spacecraft that is part of this network detects a po-
tential GRB (Barthelmy et al., 2000). Neutrino telescopes can use
these alert information to save all raw data for offline analysis. At
present five satellites are part of this network: HETE (Ricker et al.,
2003), INTEGRAL32 (Winkler et al., 2003), Swift33 (Gehrels et al., 32 INTErnational Gamma-

Ray Astrophysics Laboratory,
http://www.esa.int/esaMI/
Integral/
33 http://heasarc.nasa.
gov/docs/swift/swiftsc.
html

2004), Fermi (Moiseev, 2008), and AGILE34 (Cocco et al., 2002).

34 Astrorivelatore Gamma a
Immagini LEggero (Light-
Imaging Gamma Astrophysi-
cal Detector), http://agile.
rm.iasf.cnr.it/

Despite these potentials, detecting the TeV component of GRBs is
not without pitfalls. One of the main problems that comes to mind
is the attenuation of TeV γ-rays by ambient IR photons in the uni-
verse. Along their path from the source to the Earth, TeV γ-rays
collide with ambient IR photons and annihilate themselves, creat-
ing pairs of electron–positron in the process. The cross section for
such process is well-known but measuring the accurate spectral
density of cosmic IR photons at all redshifts is still a main prob-
lem. This problem will be discussed in more details in Chapter
2 by confronting current attenuation models with observational
data. This attenuation will limit possible observations only to the
nearest GRBs.

Another crucial problem is to calculate the number of detectable
muons produced from a γ-shower. Two production mechanisms

http://gcn.gsfc.nasa.gov/
http://gcn.gsfc.nasa.gov/
http://www.esa.int/esaMI/Integral/
http://www.esa.int/esaMI/Integral/
http://heasarc.nasa.gov/docs/swift/swiftsc.html
http://heasarc.nasa.gov/docs/swift/swiftsc.html
http://heasarc.nasa.gov/docs/swift/swiftsc.html
http://agile.rm.iasf.cnr.it/
http://agile.rm.iasf.cnr.it/
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are identified: photoproduction and direct muon-pair production.
Both mechanisms have a small cross-section process and different
energy dependence. The two mechanisms will be discussed in
more detail in Chapter 3 and the necessary formula to determine
the number of muon produced from γ-showers will be provided.
In calculating the observed muon flux at detector level, the muon
energy loss caused by their passage through seawater (Section 3.6)
should also be taken into account. Using all this, the number of
detectable muons for single GRB events at different redshifts are
calculated (Chapter 4), as well as the prospect of detecting signal
events from stacked GRB data (Chapter 5).

It is also necessary to quantify the performance of the detec-
tor. Part II of this dissertation will cover this question. After a
description of the ANTARES neutrino telescope and the recon-
struction technique in Chapter 6, simulations of the response of
the ANTARES detector to downgoing muons will be described in
Chapter 7. The statistical methods employed to analyse the data
are presented in Chapter 8 and Chapter 9.

Part III of this dissertation deals with the analysis of the AN-
TARES data to search for TeV γ-ray signals from potential GRBs.
A selection of potential targets among the known GRB events will
be presented in Chapter 10, followed by the description of the data
analysis in Chapter 11.

The conclusion that can be derived from this first attempt to
operate a neutrino telescope as a γ-ray observatory will be dis-
cussed in Chapter 12. The overall prospect of this whole venture
will also be discussed.



Part I

Theory





2 The creation and propagation of TeV photons

The high-energy component of the Band function hints at the
nonthermal nature of the very high energy γ-ray emission. It has
been shown that the extension of the spectrum towards the GeV
regime has been established in some GRBs (e.g. Hurley et al. 1994;
Abdo et al. 2009), while there are evidences that GRBs also emit
TeV γ-rays (e.g. Atkins et al. 2000b; Poirier et al. 2003).

On the theoretical side, the emission of very high energy γ-
rays are expected within the standard fireball shock scenario. The
emission could occur from the leptonic component of the fire-
ball through the electron inverse Compton mechanism as well as
from the hadronic component through proton synchrotron, π+

synchrotron emission and π0 decay.
This Chapter will elaborate on the various mechanisms within

the fireball shock scenario that could give emission of TeV γ-rays
(Section 2.1) and the calculations employed to describe the spec-
trum of a GRB with its physical parameters such as its luminosity
and its distance (Section 2.2). The annihilation of TeV γ-rays by
ambient infrared photons will also be discussed, along with some
discussions on how the optical depth is calculated and how this
can affect our observations (Section 2.3).

2.1 VHE γ-ray productions and the photon spectrum of a
GRB

Within the fireball of a GRB, the emission of VHE γ-rays could
occur within external shocks as well as within internal shocks in
the prompt phase. In the external shocks, the likely mechanism to
emit VHE γ-rays is through electron Inverse Compton (IC) mech-
anism (Zhang & Mészáros, 2001) as well as through proton syn-
chrotron emission (Vietri, 1997). Synchrotron emission within in-
ternal shocks could also produce VHE γ-rays up to 30 GeV (Pe’er
& Waxman, 2004). Emission of VHE γ-rays in the prompt phase
via the Synchrotron Self-Compton (SSC) mechanism can also be
expected (Wang, Dai & Lu, 2001a,b).

These are not an exhaustive list of mechanisms that can occur,
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and not all of the processes may be operative at any one time. For
example, if the GRB wind is strongly dominated by a Poynting
flux, γ-rays are emitted due to dissipation of magnetic energy
(Lyutikov & Blandford, 2003) and the internal shock components
would be suppressed or absent (Zhang & Mészáros, 2004).

Before we move on to the descriptions of some of these mecha-
nisms, let us first define the following three reference frames and
their notation:

1. The comoving frame or the wind rest frame is the frame of the
outflowing ejecta expanding with bulk Lorentz factor Γ with
respect to the observer and the central engine. Quantities mea-
sured in this frame are denoted with primes.

2. The source rest frame is the frame of the GRB central engine
which is located at redshift z from the observer frame.

3. The observer frame is the reference frame of the observer on
Earth, which is related to the source rest frame by the redshift
correction factor (1 + z).

2.1.1 Synchrotron emission

It is natural to think that the nonthermal emission of GRBs
is caused by synchrotron emission, i.e. radiation from relativis-
tic electrons gyrating in magnetic fields, if we consider the fire-
ball scenario. In calculating the photon energy spectrum due to
synchrotron radiation, we can first assume that the energy of the
electrons are distributed according to a broken power-law func-
tion (Sari & Esin, 2001; Gupta & Zhang, 2007):

dNe
dε′e

∝





ε
′−p
e , ε′e,min ≤ ε′e ≤ ε′e,c,

ε
′−(p+1)
e , ε′e,c < ε′e,

(2.1)

in the case of slow cooling, where p is the spectral index of the
distribution function and ε′e,min = γ′

e,minmec2 is the minimum in-
jection energy of the electrons and γ′

e,min is the minimum Lorentz
factor of the electron. Energies in the source rest frame and the
comoving frame are related as ε = Γε′. To keep the energy of the
electrons finite, the spectral index must obey p > 2. ε′e,c is the
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energy of an electron that loses its energy significantly during the
dynamic timescale, defined as the cooling energy of the electrons.

If the electrons are cooling fast so that even the electrons with
the minimum injection energy have cooled during the dynamical
timescale, the electron distribution function is

dNe
dε′e

∝





ε′−2

e , ε′e,c ≤ ε′e ≤ ε′e,min,

ε
′−(p+1)
e , ε′e,min < ε′e.

(2.2)

If the electrons are accelerated behind a relativistic shock prop-
agating through a uniform cold medium with particle density n,
the energy density U behind the shock is U = 4Γ2nmpc2, where Γ
is the Lorentz factor of the shocked fluid (Sari, Piran & Narayan,
1998). The energy density is related to the GRB isotropic luminos-
ity Liso in the source frame by

U =
Liso

4πr2
dΓ2c

, (2.3)

where rd = δtΓ2c is the radius of the γ-ray emitting region in the
source frame and δt is the time variability of the GRB in the source
frame.

If we further assume that a constant fraction εe and εp of the
shock energy goes to the electrons and to the protons respectively,
we would then obtain the minimum injection energy of the elec-
trons in the comoving frame to be

ε′e,min = γ′
e,minmec2 =

εe
εp

(
p − 2
p − 1

)
mpc2Γ. (2.4)

We could also assume that the magnetic energy density behind the
shock is a constant fraction εB of the shock energy, which would
give us a magnetic field strength in the comoving frame (Sari,
Piran & Narayan, 1998; Gupta & Zhang, 2007)

B′ = (32πmpξεBn)1/2Γc

, 1.5 × 107 G ξ1/2ε1/2
B L1/2

iso,51Γ−3
100

(
δt

1 ms

)−1
,

(2.5)

where ξ is the compression ratio which is ξ ∼ 7 for strong shocks
(Gupta & Zhang, 2007), Liso,51 = Liso/(1051 erg s−1), and Γ100 =

10−2Γ.
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Within the internal shocks, the total internal energy is distrib-
uted among electrons, protons, and the internal magnetic fields,
and the relation εe + εp + εB = 1 is maintained.

The electrons will lose their energy through synchrotron radia-
tion as well as inverse-Compton scattering (Panaitescu & Meszaros
1998, see also Subsection 2.1.2). The cooling energy ε′e,c that breaks
the electron energy spectrum can be calculated by first calculat-
ing the cooling time t′cool, which is a convolution of the cooling
timescales for the synchrotron radiation t′S and for the inverse-
Compton (IC) scattering t′IC:

1
t′cool

=
1
t′S

+
1

t′IC
. (2.6)

If Ue and UB are the energy densities of electrons and magnetic
fields respectively, the energy density of the synchrotron radiation
is (Sari & Esin, 2001)

Ue,syn =
ηeUe

1 + Ye
=

ηeεeU
1 + Ye

, (2.7)

here ηe is the radiation efficiency of the electron where ηe =

(ε′e,c/ε′e,min)
2−p for slow cooling and ηe = 1 for fast cooling, and

Ye =
Le,IC
Le,S

=
Ue,syn

UB
=

−1 +
√

1 + 4ηeεe/εB
2

(2.8)

is the relative importance between the IC and synchrotron com-
ponents. Here Le,IC and Le,S are the luminosities of the radiations
emitted from inverse Compton radiation and synchrotron emis-
sion, respectively. The inverse of the cooling time of the electrons
is then the ratio between the power and the electron energy (Gupta
& Zhang, 2007)

1
t′cool

=
4
3

σTγ′
e,cc

(UB + Ue,syn)

mec2 =
4
3

σTγ′
e,c

cεBU
mec2 (1 + Ye), (2.9)

where σT = 6.625 × 10−25 cm−2 is the Thomson cross section. If
the ratio between the cooling timescale t′cool and the dynamical
timescale t′dyn , Γδt is denoted as fc = t′dyn/t′cool, the electron
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cooling energy is then (Gupta & Zhang, 2007)

ε′e,c = γ′
e,cmec2 = mec2 3mec2 fc

4ΓδtσTcUεB(1 + Ye)

= 5.3 keV
(

δt
1 ms

)(
fc

100

)
Γ5

100L−1
iso,51ε−1

B (1 + Ye)
−1.

(2.10)

The cooling energy ε′e,c and the minimum injection energy ε′e,min
of the electrons define two break energies in the photon spectrum
due to synchrotron spectrum. The cooling break energy in the
photon spectrum is (Gupta & Zhang, 2007)

εγ,c,S = Γ
3h
4π

(
ε′e,c

mec2

)2 eB′c
mec2

, 2.8 meV
(

δt
1 ms

)1/2 ( fc
100

)2
ξ1/2L−3/2

iso,51ε−3/2
B Γ8

100(1 + Ye)
−2.

(2.11)

We can see that εγ,c,S is very sensitive mainly to Γ, allowing it
to become very large at the slightest increase of the bulk Lorentz
factor.

The break energy in the photon spectrum due to the minimum
electron injection energy is then

εγ,min,S = Γ
3h
4π

(
ε′e,min
mec2

)2
eB′c
mec2

, 85 MeV
(

εe
εp

)2 ( δt
1 ms

)−1
(ξεBLiso,51)

1/2Γ−1
100.

(2.12)

Synchrotron radiation is also accompanied by absorption, in
which radiated photons interact with a charge in magnetic fields
and are absorbed, transferring its energy to the charge. This is
called synchrotron self-absorption (Rybicki & Lightman, 1979).
The synchrotron self-absorption (SSA) energy εSSA within internal
shocks will constitute the minimum cutoff in the photon energy
spectrum, and can be expressed as (Gupta & Zhang, 2007)

εSSA , 3.57 keV
(

δt
1 ms

)−5/7
L5/14

iso,51Γ−8/7
100 (ξεB)

1/14
(

εeηe
1 + Ye

)2/7
.

(2.13)
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The photon energy spectrum due to synchrotron radiation for
the case of slow-cooling relativistic electrons is then (Sari, Piran &
Narayan, 1998; Gupta & Zhang, 2007)

dNγ

dεγ

∣∣∣∣
S

∝






ε−2/3
γ , εSSA < εγ ≤ εγ,min,S,

ε
−2/3+(p+1)/2
γ,min,S ε

−(p+1)/2
γ , εγ,min,S < εγ ≤ εγ,c,S,

ε
−2/3+(p+1)/2
γ,min,S ε1/2

γ,c,Sε
−(p+2)/2
γ , εγ,c,S < εγ.

(2.14)

The slow-cooling case happens when εe,c,S > εe,min,S. For the case
of fast-cooling electrons, i.e. εe,c,S < εe,min,S, the spectrum will be

dNγ

dεγ

∣∣∣∣
S

∝






ε−2/3
γ , εSSA < εγ ≤ εγ,c,S,

ε5/6
γ,c,Sε−3/2

γ , εγ,c,S < εγ ≤ εγ,min,S,

ε5/6
γ,c,Sε

−3/2+(p+2)/2
γ,min,S ε

−(p+2)/2
γ , εγ,min,S < εγ.

(2.15)

As we can see, the photon energy spectrum consists of three
segments. The low-energy part of the spectrum will always be the
sum of the contribution of the tails of the emission of all electrons
and thus is independent of the exact shape of the electron distribu-
tion. On the other hand, at the highest energy the most energetic
electrons cool rapidly and practically transfer all their energy to
the photons. Thus the high-energy part of the spectrum will have
a power-law function that depends on the energy spectrum of the
electrons.

Within the internal shock scenario, the total energy emitted in
synchrotron radiation is Eisoηeεe(1 + Ye). Here Eiso is the total
energy emitted by the GRB which is related to the luminosity Liso

by Eiso = LisoT90/(1 + z), where T90 is the duration of the burst
in the observer frame. The normalisation constant fγ,S for the
synchrotron photon energy spectrum can then be calculated:

fγ,S

∫ εγ,max,S

εSSA
dεγεγ

dNγ

dεγ

∣∣∣∣
S
= Eiso

ηeεe
(1 + Ye)

, (2.16)

where the maximum photon energy that can be radiated is (Gupta
& Zhang, 2007)

εγ,max,S = 102 GeV
(

Γ100
1 + Ye

)
. (2.17)
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2.1.2 Electron inverse-Compton scattering

In inverse Compton (IC) scattering, ultrarelativistic electrons
scatter low-energy ambient photons so that the photons gain en-
ergy at the expense of the electrons which subsequently lose their
energy.

Assuming a spatially isotropic and homogeneous distribution
of electrons and photons, the spectrum of accelerated photons per
unit time per unit energy is (Blumenthal & Gould, 1970; Gupta &
Zhang, 2007)

dN
dεγ

∣∣∣∣
IC

=
∫ ∫

dεedεγW(εe, εγ, εγ)
dNe
dεe

dNγ

dεγ

∣∣∣∣
S

, (2.18)

where

W(εe, εγ, εγ) =
8πr2

e c
εeη

[
2q ln q + (1 − q)

(
1 + 2q +

η2q2

2(1 + ηq)

)]
,

(2.19)

and

η =
4εγεe

(mec2)2 , q =
εγ

η(εe − εγ)
. (2.20)

Here W(εe, εγ, εγ) defined in Equation 2.19 is the scattering prob-
ability which already take into account the Klein-Nishina effect.
The parameter η in Equation 2.20 defines the domain of the scat-
tering: For η - 1 the photons take only a small fraction of the
electron energy and thus scatterings occur in the Thomson regime,
while for η . 1 the photons take almost all the energy of the elec-
trons in one scattering, which is called the Klein-Nishina regime.

Solving the integrals in Equation 2.18, the photon energy spec-
trum due to inverse-Compton scattering for slow-cooling of elec-
trons is (Gupta & Zhang, 2007)

dNγ

dεγ

∣∣∣∣
IC

∝
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ε
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γ,K ε

−p
γ , εγ,K < εγ

(2.21)
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Here the break energies for the IC emission are related to the break
energies for the synchrotron emission by the electron Lorentz fac-
tor γ′

e,min and γ′
e,c: εSSA,IC = γ′2

e,minεSSA, εγ,min,IC = γ′2
e,minεγ,min,

and εγ,c,IC = γ′2
e,cεγ,c. In the case of fast cooling, where εγ,min,IC >

εγ,c,IC, the IC photon spectrum becomes

dNγ

dεγ

∣∣∣∣
IC

∝
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γ,K ε
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(2.22)

Contrary to Equation 2.21, in Equation 2.22 the relation between
the break IC energies with the break synchrotron energies are
εSSA,IC = γ′2

e,cεSSA, εγ,c,IC = γ′2
e,cεγ,c, and εγ,min,IC = γ′2

e,minεγ,min.
In both Equations, εγ,K is the energy at which IC scattering

enters the Klein-Nishina (KN) regime and the KN effect becomes
important (Fragile et al., 2004):

εγ,K = 2.5 GeV
(

εγ,pk

1 MeV

)−1
Γ2

100, (2.23)

here εγ,pk = max
[
εγ,c,S, εγ,min,S

]
is the energy at which the synchtro-

ton spectrum peaks.
As the electrons scatter the ambient photons, they will lose their

energy and cool down to a level in which they could no longer
scatter photons. The timescale of the cooling is (Fragile et al.,
2004)

t′IC = 1.1 × 10−5 s
(

δt
1 ms

)2
Γ6

100
(
γ′

eLiso,51
)−1 . (2.24)

The cooling of the electrons would naturally impose a cutoff in the
resulting IC γ-ray spectrum at maximum photon energy (Fragile
et al., 2004)

εγ,max,IC = 852
(

δt
1 ms

)1/2 Γ5/2
100

ε1/4
B L1/4

iso,51
GeV. (2.25)

Knowing the maximum energy of the photons emitted by IC scat-
tering, the IC photon spectrum can then be normalized by (Gupta
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& Zhang, 2007)

fγ,IC

∫ εγ,max,IC

εSSA,IC
dεγεγ

dNγ

dεγ

∣∣∣∣
IC

= Eiso
ηeεeYe
(1 + Ye)

. (2.26)

The most likely origin for an extendend high-energy afterglow
component in GeV energies is from the electron IC scattering in
the external shock (Zhang & Mészáros, 2001). In general, the de-
tectability of the IC component is favoured by a high-density ex-
ternal medium, and it is possible that the late GeV emission oc-
cured in GRB 940217 (Hurley et al., 1994) was caused by the IC
component.

2.1.3 Proton synchrotron emission

There are two ways in which relativistic protons lose their energy.
The first is by synchrotron emission and the second is—as men-
tioned in Chapter 1—by interacting with low-energy photons in
the ambient medium to produce Delta resonances. The Delta res-
onances will subsequently decay into photopions (π0, π+). The
probabilities of π0 and π+ production are 1/3 and 2/3, respec-
tively. π0s primarily decay into γ-rays, i.e. π0 → γγ, while π+s
decay into neutrinos (Equations 1.2–1.3). VHE γ-rays production
from photopions will be discussed later-on in the next subsection,
however since photopion productions affect proton synchrotron
emission, some of the properties related to photopion production
will also be discussed here.

The emission of VHE γ-rays from proton synchtroton was orig-
inally proposed by Vietri (1997). Vietri argued that cosmic rays of
energies ∼1020 eV could be produced from external shocks, and
these protons could emit VHE γ-rays through synchrotron emis-
sion as they cross the acceleration region.

To calculate the photon energy spectrum due to proton syn-
chrotron, let us first assume—analogous to electron synchtroton
emission—that the energy of the protons is distributed in a power-
law function:

dNp

dε′p
∝





ε
′−p
e , ε′p,min ≤ ε′p ≤ ε′p,c,

ε
′−(p+1)
e , ε′p,c < ε′p,

(2.27)
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here εp,min = γ′
p,minmpc2(p − 2)/(p − 1) is the minimum injection

energy of the protons and ε′p,c is the break energy in the spectrum
due to proton cooling. In this calculation only the slow-cooling
scenario is considered since protons are poor emitters of photons.

The break energy of the proton spectrum can be calculated
by comparing the comoving dynamical timescale t′dyn with the
cooling timescale t′cool of the protons. The inverse of the cooling
timescale t′cool is equal to

1
t′cool

=
1
t′S

+
1
t′π

, (2.28)

where t′π is the photopion cooling timescale which is equal to
1/t′π ∼ fπ/t′dyn. Here fπ is the fraction of the proton energy that
goes into pion production in pγ interactions. The cooling time
due to photopion productions has been calculated by Waxman &
Bahcall (1997) for the calculation of neutrino energy spectrum:

1
t′π

≡ − 1
εp

dεp

dt

=
c

2γ′2
p

∫ ∞

ε0
dεσπ(ε)ξ(ε)ε

∫ ∞

ε/2γ′
p

dεγ

ε2
γ

dNγ

dεγ
,

(2.29)

where γ′
p = εp/mpc2, σπ(ε) is the cross section for pion produc-

tion for a photon with energy ε in the proton rest frame, ξ(ε) is
the average fraction of energy lost to the pion, and ε0 = 0.15 GeV
is the threshold energy. The second integral is over the low-energy
spectrum where dNγ/dεγ is the photon spectrum of the GRB in
the frame of the protons. The solution to this integral is (Waxman
& Bahcall, 1997)

1
t′π

, Uγ

2εγb
cσpγξpeak

∆ε

εpeak
min(1, 2γ′

pεγb/εpeak), (2.30)

where σpγ , 5 × 10−28 cm−2 is the peak value of the pγ inter-
action cross section at the Delta resonance and ξpeak , 0.2 is the
value of σ and ξ at ε = εpeak ∼ 0.3 GeV and ∆ε , 0.2 GeV is the
width of the peak.

Using the relation between photon luminosity and the photon
energy density shown in Equation 2.3, the fraction of energy lost



the creation and propagation of tev photons 67

by protons to pions can be calculated:

fπ(εp) ,
Γδt
t′π

= f0






εp
εpb

, εp ≤ εpb,

1, εp > εpb,
(2.31)

where

f0 = 16.2
Liso,51

Γ4
100

(
εγb

1 MeV

)−1 ( δt
1 ms

)−1
. (2.32)

Here εγb is the break energy of the Band spectrum. In this formula
the spectral indices of the Band function is assumed to be (α, β) =

(1, 2). A more general formula can be found in Gupta & Zhang
(2007). The proton break energy in Equation 2.31 is

εpb = 3 × 103 Γ2
100

(
εγb

1 MeV

)−1
TeV. (2.33)

The break energy ε′p,c in the proton spectrum due to proton
cooling can be calculated by similar mean as in the previous sec-
tion for the case of electrons:

ε′p,c = 6.25 × 104 TeV
(

fc
100

)(
δt

1 ms

)(
Γ6

100
εBΓ100 + 1.51

)
L−1

iso,51.

(2.34)

The photon energy spectrum from proton synchrotron is then
(Gupta & Zhang, 2007)

dNγ

dεγ

∣∣∣∣
PS

∝





ε
−(p+1)/2
γ , εγ,min,PS < εγ ≤ εγ,c,PS,

ε3/2
γ ε

−(p+2)/2
γ , εγ,c,PS < εγ,

(2.35)

here the minimum photon energy from proton synchrotron emis-
sion is related to the minimum photon energy from electron synchtro-
ton by (Zhang & Mészáros, 2001)

εγ,min,PS = εγ,min,S

(
ε′p,min

ε′e,min

)2 (
me
mp

)3
. (2.36)

The cooling break energy εγ,c,PS in the photon spectrum is the
characteristic photon energy for proton of energy ε′p,c. It can be
expressed as (Fragile et al., 2004)

εγ,c,PS = 0.32 eV
(

δt
1 ms

)
Γ8

100(εBLiso,51)
−3/2. (2.37)
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To normalize the photon spectrum, the contribution of proton
synchrotron relative to pγ interactions must be calculated. Similar
to the calculation of Ye, we can define (Gupta & Zhang, 2007)

Yp =
Lp,pγ

Lp,PS
=

σpγ

σp,T

Ue,S
UB

=
σpγ

σp,T
Ye, (2.38)

where Lp,pγ and Lp,PS are the luminosities emitted in pγ and
proton synchrotron respectively and σp,T = (me/mp)2σe,T is the
Thomson cross section for protons. Since σpγ is much larger than
σp,T , most of the proton energy will go to the pγ interaction rather
than to the proton synchrotron emission. The normalisation of the
proton synchrotron photon spectrum is then

fγ,PS

∫ εγ,max,PS

εγ,min,PS
dεγεγ

dNγ

dεγ

∣∣∣∣
PS

= Eiso
ηpεp

(1 + Yp)
, (2.39)

where ηp = (ε′p,c/ε′p,min)
2−α. Proton acceleration is also limited

by synchrotron cooling which limits the maximum proton energy
that can be achieved by proton acceleration (Totani, 1998a):

εp,max,PS = 4.26× 1017 eV
(

δt
1 ms

)1/2
(εBLiso,51)

−1/4Γ5/2
100 , (2.40)

which again imposes a cutoff in the resulting photon spectrum:

εγ,max,PS , 5Γ300 TeV. (2.41)

Within the external shock scenario, already early-on Gallant &
Achterberg (1999) showed the difficulty of accelerating protons in
a fireball expanding into the ambient interstellar medium. For am-
bient Fermi-accelerated particles with initialy isotropic momenta,
they can gain a factor of ∼Γ2 in energy in the first shock crossing
cycle but only a factor of 2 in the subsequent shocks, because the
particles do not have time to become isotropic before being over-
taken by the shock. This is in contradiction with the assumption
of Vietri (1997) that the energy of the accelerated particle is multi-
plied by a factor of Γ2 after each shock crossing. Under the condi-
tions imposed by Gallant & Achterberg (1999) the maximum en-
ergy attainable is well below 1020 eV. To solve this problem, Gal-
lant & Achterberg (1999) suggested that the shock expands into
an already-relativistic medium such as the pulsar wind bubble.
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Pulsars emit relativistic winds which should contain ions. These
relativistic ions conserve their post-shock energy throughout a rel-
ativistic plasma bubble formed from the shock of the pulsar wind
against the ambient gas. The presence of a pulsar wind bubble
surrounding the GRB progenitor is plausible in the neutron-star-
binary merger scenario.

2.1.4 π0 decay

For typical parameters of a GRB, a significant fraction of the en-
ergy of the protons accelerated to energies larger than the break
energy, εob

pb ∼ 104 TeV, would be lost to pion production. π0s
typically carry ξpeak ∼ 20% of the proton’s energy and in the cen-
ter of mass frame the γ-rays produced in the decay will equally
share the available energy. The mean pion energy is then 〈επ0〉 ∼
ξpeakεp, and as the energy of the neutral pions will be shared
equally among the γ-rays, each γ-ray will then have an average
energy 〈εγ〉 ∼ 0.5ξpeakεp.

Assuming a photon with energy 2mec2 ∼ 1 MeV in the comov-
ing frame, then in the source rest frame the energy of the photon
is 400 MeV for Γ = 400. This photon could produce photopions by
interacting with protons of minimum energy εp ∼ 120 TeV (Gupta
& Zhang, 2007). The minimum energy of the photons produced
from π0 is then expected to be 〈εγ〉 ∼ 12 TeV.

The γ-ray spectrum due to π0 decay can be calculated, using
the proton energy spectrum defined in Equation 2.27 and assum-
ing the fraction fπ/3 of the protons’ energy goes into π0 (Fragile
et al., 2004; Gupta & Zhang, 2007):

dNγ

dεγ

∣∣∣∣
π0

∝
1
3

fπ(εγ)

2





ε

2−p
γ , εγ ≤ εγ,c,π0 ,

ε
1−p
γ , εγ > εγ,c,π0 ,

(2.42)

where the break energy εγ,c,π0 in the γ-ray spectrum due to pion
decay is εγ,c,π0 = 0.5ξpeakεpb. The photon flux due to pion decay
can then be normalized by

fγ,π0

∫ ε
γ,max,π0

ε
γ,min,π0

dεγεγ
dNγ

dεγ

∣∣∣∣
π0

=
1
3

Eiso
ηpεpYp

(1 + Yp)
, (2.43)

where εγ,min,π0 = 30Γ GeV and εγ,max,π0 = 0.1εp,max,PS.
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2.1.5 Internal absorption of VHE γ-rays by low-energy photons

In the internal shock, γ-rays produced from the mechanisms
described in previous subsections will interact with low-energy
photons through the γγ → e+e− process, annihilating themselves
and creating electron-positron pairs. A γ-ray with energy εγ can
produce a pair of electron-positron if it impacts a photon with
threshold energy

εth =
2ε2

e
εγ(1 − µi)

, (2.44)

where µi = cos θi, and θi is the angle of impact between the two
photons. For head-on collisions, the energy of the photons which
will interact with passing γ-ray photons is then

εth = 0.261
(

1 TeV
εγ

)
eV. (2.45)

The cross section of the γγ pair-production for photons of energies
(ε1, ε2) is (Breit & Wheeler, 1934; Gould & Schréder, 1967)

σ(ε1, ε2, µi) =
3

16 σT(1 − β2)

×
[
(3 − β4) ln

(
1 + β

1 − β

)
+ 2β(β2 − 2)

]
,

(2.46)

in which σT is the Thomson cross section and β is the electron-
positron velocity in the center-of-mass frame:

β =

√

1 − 2ε2
e

ε1ε2(1 − µi)
. (2.47)

The mean free path lγγ of a γ-ray with energy ε′γ interacting
with low-energy photon of energy ε′L can then be calculated as
(Gould & Schréder, 1967)

l−1
γγ (ε

′
γ) =

∫ 1

−1
dµi(1 − µi)

∫ ∞

ε′th

dε′L
dNγ

dε′L
σγγ(ε

′
γ, ε′L, µi). (2.48)

The low-energy photon spectrum is already known and is ob-
served by BATSE and Swift as the Band spectrum. Theoretically
this corresponds to the electron synchrotron component (Gupta &
Zhang, 2007), which is related to the luminosity by

∫ ε′γ,max,S

ε′SSA

dε′Lε′L
dNγ

dε′γ
= Uγ. (2.49)
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where

C ¼ 1

!obb " !obmin

!obb

! "

þ ln
!obmax

!obb

! " ; ð44Þ

and

Eob
t;s ¼

C
1þ z

! "2 m2
ec

4

!obb

¼ 22:5
C300

1þ z

! "2
1 MeV

!obb

! "

GeV ð45Þ

is the energy below which, as Eq. (43) shows,
sint / Eob

t , while sintðEtÞ ‘‘saturates’’ to a roughly
constant value above this energy with two Eob

t

dependent correction terms one of which falls off
as ðEob

t Þ"2 while the other increases with Eob
t only

as lnEob
t .

Eq. (43) also shows the sensitive dependence of
sint on C. The results of our full numerical calcu-
lations of sint shown in Figs. 1–4 clearly exhibit the
expected dependence of sint on various parameters
in the problem.

With the internal optical depth calculated as
above, the total number of high energy photons
emitted by the GRB per unit time per unit energy
as measured in the lab frame is given by

dN lab
c

dElab
c dtlab

¼ 4p rlabd

# $2
c
dnc
dEc

exp
#

" sintðEcÞ
$

; ð46Þ

where dnc=dEc is as given by Eq. (21), and with
Ec ¼ Elab

c =C. The total photon luminosity in the
high energy component emitted by the GRB
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Fig. 1. Internal optical depth as a function of the photon!s
energy in the observer!s frame, for various values of C as in-
dicated. Values taken for other relevant parameters are:
Lob
L;51 ¼ 1, bl ¼ 1, bh ¼ 2:25, !obb ¼ 0:5 MeV, Dtob ¼ 0:5 s, and

z ¼ 0:1.
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Figure 2.1: A plot of the in-
ternal optical depth τγγ,int as
a function of energy in the
observer frame, for different
values of bulk Lorentz fac-
tor Γ, while all other val-
ues are kept the same. Here
Liso = 1051 erg s−1, (α, β) =
(1, 2.25), εγb = 500 keV, δ =
500 ms, and z = 0.1. Figure
reproduced from Bhattachar-
jee & Gupta (2003).

The integral in Equation 2.48 has been analytically solved by Bar-
ing & Harding (1997) and Bhattacharjee & Gupta (2003), and the
internal optical depth is then

τγγ,int(ε
′
γ) =

rd
Γ

l−1
γγ (ε

′
γ). (2.50)

An example of how τγγ,int varies with observed γ-ray energy
and Lorentz factor Γ is shown in Figure 2.1. As we can see, there
is a high dependence of τγγ,int on the Lorentz factor Γ, which in
turn will determine how compact the fireball is. The compactness
of the fireball can be defined as l′ = ∆Rn′

γσT , where ∆R = ctdyn is
the comoving width and n′

γ = εeLiso/(4πmec3Γ2r2
d) is the comov-

ing number density of photons of energy larger than the electron’s
rest mass, εγ ≥ mec2 (Pe’er & Waxman, 2004). The compactness
parameter is thus

l′ =
εeLisoσT

16πmec4Γ5∆t
= 2500

(
δt

1 ms

)−1
Liso,51εeΓ−5

100. (2.51)

A source with low Lorentz factor will then make the fireball very
compact and increase the internal optical depth τγγ,int. According
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to Pe’er & Waxman (2004), who performed a fully numerical treat-
ment to the calculation of GRB prompt emissions, a fireball with
large compactness parameter (small Γ), l′ > 100, should present
a sharp cutoff in the photon spectra at εγ ∼ 10 MeV. A small-to-
moderate compactness parameter (large Γ), l′ " 10, would extend
the spectra to εγ ∼ 10 GeV. For fireballs with moderate-to-large
compactness parameters, we could then expect a rapid expansion
of the fireball and the escape of TeV γ-rays from the fireball, which
could be observed as the VHE component of the prompt emission.

The energies carried by the electron-positron pairs could be
converted and re-radiated again as photons through either the
e+e− → γγ process or through synchrotron emission. Calcula-
tions by Pe’er & Waxman (2004) and Gupta & Zhang (2007) shows
that this feedback process does not contribute significantly to the
resulting photon spectrum for fireballs with low compactness pa-
rameter. However, in fireballs with high compactness parameter,
annihilations of electron-positron pairs will produce an additional
peak of the photon spectrum at ∼31.6Γ100 MeV (Pe’er & Waxman,
2004).

It is clear then that observing the VHE component of a GRB
would provide a strong constraint on the compactness param-
eter l′ and thus on the fireball Lorentz factor Γ. For fireballs
with large compactness, models predict suppresion for energies
εγ ! 0.1 GeV, which is weakly dependent on other parameters.
On the other hand, fireballs with small compactness will exhibit
emissions above 10 MeV and the low-energy spectrum will de-
pend on εB (Pe’er & Waxman, 2004).

2.1.6 The detectability of each mechanism

The relative importance of the mechanisms described above
depends on the equipartition parameters (εe, εp, εB). The effects
of these parameters’ change to each contribution has been inves-
tigated by Gupta & Zhang (2007).

The contribution from electron inverse Compton will decrease
as εe decreases while εB is kept fixed. A low value of εe and a
high value of εp, e.g. εe/εp ∼ 10−3 will increase the proton syn-
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chrotron contribution to the resulting γ-ray spectrum as well as
the hadronic component. Pe’er & Waxman (2005) found out that
the proton synchrotron emission suggested by Totani (1998b,a) to
explain the 1 TeV γ-ray emission from GRB 970417a detected by
Milagrito (Atkins et al., 2000b) requires a very low fraction of the
energy carried by electrons, εe ∼ 10−3. This is in contradiction
with afterglow observations that imply εe to be nearly in equipar-
tition. The explanation favoured by Pe’er & Waxman (2005) is
the photoproduction of pion decay, which could be the case if the
magnetic field is well below equipartition, εB , 10−4.

2.2 Normalising the observed photon spectrum

The photon spectrum of a GRB occuring at redshift z is assumed
to be constant during the whole duration of the burst. The burst
duration in the observer’s frame is ∆t = (1 + z)∆t∗. The pho- Throughout this dissertation,

asterisks will be used to in-
dicate terms in the source’s
frame, while terms without
asterisk are terms in the ob-
server’s frame

ton spectrum N(ε) of a GRB is approximated by a broken but
smoothly connected power law, known as the Band spectrum,
which is a model based on BATSE observations of 54 GRB (Band
et al., 1993):

N(ε) = fγ

[
H(εbk − ε) exp

(
−(b − a) ε

εbk

)(
ε

εbk

)−(a+1)

+ H(ε − εbk) exp(a − b)
(

ε

εbk

)−(b+1)
]

TeV−1 cm−2 s−1,

(2.52)

where a and b are respectively the spectral indices of the power
law in the low- and high-energy regime demarcated by the break
energy εbk, and fγ is the normalisation constant in unit of photons
TeV−1 cm−2 s−1. The function H(x) is the Heaviside step function
defined as H(x) = 1 for x ≥ 0 and H(x) = 0 otherwise.

The break energy is related to the directly measurable peak
energy εpk∗, which is the energy in which the function ν fν ≡
ε2N(ε) peaks, through

εbk =
b − a
1 − a

εpk. (2.53)
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Here ν is the frequency of the γ-ray and is related to energy by
ε = hν, where h is the Planck constant.

BATSE observations extend only to several hundreds keV and
in some cases to several MeV, but subsequent observations by later
satellites confirmed that the power law extends to several GeV
(e.g. Hurley et al. 1994; González et al. 2003; Abdo et al. 2009).
Based on this we consider the case that this power law function
extends to the TeV regime.

The normalisation constant fγ is calculated by relating the en-
ergy spectrum in Equation 2.52 to its instrinsic isotropic-equivalent
bolometric luminosity Liso

bol∗:

Liso
bol∗ = 4πr2

c (z)(1 + z)
∫ ∆t

0
dt

∫ ∞

0
dεN(ε)ε, (2.54)

in which rc(z) is its comoving distance at redshift z:

rc(z) =
∫ z

0
dz′(1 + z′)

dl
dz′

, (2.55)

where dl/dz is the cosmological line element defined as

dl
dz

=
c

H0

1
(1 + z)

√
ΩΛ + Ωm(1 + z)3

, (2.56)

in which c is the speed of light, H0 = 72 km s−1 Mpc−1 is the
Hubble constant at the present epoch, ΩΛ = 0.742 and Ωm =

0.258 are respectively the present dark energy and matter density
in the universe in units of the critical energy density. The criti-
cal energy density is related to the Hubble constant H0 and the
gravitational constant G by 3H2

0 /8πG. It is assumed that the GRB
emission spectrum is constant during the whole burst duration. It
is also important to note that Liso

bol∗ is an isotropic-equivalent lu-
minosity which assumes that the γ-ray emission is isotropic and
is not beamed. The true, beamed, bolometric luminosity Ltrue

bol∗ is
related to Liso

bol∗ by

Ltrue
bol∗ = (1 − cos θj)Ltrue

bol∗, (2.57)

where θj is the opening angle of the jet. The average value of
the opening angle is 〈θj〉 ∼ 6◦ (Ghirlanda et al., 2007), making
Ltrue

bol∗ ∼ 0.0055Ltrue
bol∗.



the creation and propagation of tev photons 75

The integration in Equation 2.54 can be solved by fixing the
spectral index a to the typical value of a = 0 (Preece et al. 2000;
Natarajan et al. 2005) and letting the other values as free param-
eters. Solving the integration this way, we can obtain the photon
flux fγ:

fγ =
Liso

bol∗
4πr2

c (z)∆t∗ε2
bk∗λbol

, (2.58)

in which εbk∗ = εbk(1 + z) is the break energy in the source’s
frame and λbol is a bolometric correction to the flux, which is the
result of the integration in energy. To avoid a divergent flux in the
integration, we do not integrate it to infinite energy but instead
cut the spectrum off at maximum energy εmax∗ = 300 TeV. At the
moment the upper cutoff of the photon spectrum is not known,
and in fact the taking of 300 TeV as the limit of the integration is
quite arbitrary. Taking this in mind, the value of λbol is then

λbol =






− 1
b exp(−b) + 1

b +
exp(−b)

1−b

[(
εmax∗
εbk∗

)1−b
− 1

]
, for b 2= 1

− 1
b exp(−b) + 1

b + exp(−b) ln
(

εmax∗
εbk∗

)
, for b = 1.

(2.59)

Thus given (Liso
bol∗, z, b, ∆t∗, εbk∗) as parameters, we can construct

the photon spectrum of any GRB.

2.3 Photon absorption by ambient infrared photons

Along the path from the source to the Earth, γ-ray photons
interact with extragalactic background light (EBL) through the
γγ → e+e− process, annihilating themselves and creating pairs of
electron-positron. For head-on collisions, the wavelength of EBL
photons which will interact with passing TeV photons is then

λEBL , λe
εγ

2mec2 = 1.2
( εγ

1 TeV

)
µm, (2.60)

in which λe = h/(mec) is the Compton wavelength for an electron.
We can see that TeV photons will interact strongly with infrared
(IR) photons in the EBL.
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The optical depth τγγ(εγ, z) as a function of observed photon
energy εγ and redshift z can be calculated if we also know the
differential number density of background photons n(εbg, z) at
energy εbg and redshift z:

τγγ(εγ, z) = 1
2

∫ z

0
dz

dl
dz

∫ 1

−1
dµi(1 − µi)

×
∫ ∞

εmin
dεbgn(εbg, z)σ[εγ(1 + z), εbg, µi],

(2.61)

in which εmin = εth(1 + z)−1, dl
dz is the cosmological line element

defined in Equation 2.56, and σ(ε1, ε2, µi) is the cross section of
the γγ pair production.

Directly observing EBL photons to obtain their photon distri-
bution is difficult because of contamination issue from the instru-
ment as well as from the zodiacal light. Source discrimination
is also another issue: The Cosmic Infrared Background (CIB)—
which is extragalactic in nature—must be discriminated from fore-
ground objects such as discrete sources like stars and compact ob-
jects within the Galaxy, as well as diffuse sources such as light
scattered and emitted by interplanetary dust and emission by in-
terstellar dust (see Hauser & Dwek (2001) for a review on this
matter).

There are many approaches in calculating the EBL photon den-
sity for all redshifts. One basic approach of doing it is by using
“backward models,” in which we start from the existing galaxy
count data and then model the luminosity evolution of these galax-
ies backward in time (e.g. Stecker, Malkan & Scully 2006). An-
other approach is the “forward evolution,” performed by assum-
ing a set of cosmological theory and semi-analytic merger-tree
models of galaxy formation to determine the star formation his-
tory of the universe (e.g. Primack, Bullock & Somerville 2005;
Gilmore et al. 2009). Yet another approach is to focus on the prop-
erties and evolution of starlight, the primary source of CIB emis-
sion. This model integrates stellar formation rates and properties
over time to obtain the amount of light emitted (e.g. Kneiske et al.
2004; Finke, Razzaque & Dermer 2010).

In this dissertation three different attenuation models are con-
sidered: The “best-fit” model of Kneiske et al. (2004), the fidu-
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Figure 2.2: A plot of the
Fazio-Stecker Relationship
(Fazio & Stecker, 1970) for
several attenuation models,
as a function of redshift. Also
shown are the redshifts and
highest energy photons εmax
of various objects observed
by Atmospheric Čerenkov
Telescopes and Fermi-LAT
(Finke & Razzaque, 2009;
Abdo et al., 2010).

cial model of Gilmore et al. (2009), and the recent “Model C” by
Finke, Razzaque & Dermer (2010). These models, along with the
Baseline Model of Stecker, Malkan & Scully (2006), are compared
in the plot of the Fazio-Stecker relation (Fazio & Stecker, 1970)
in Figure 2.2. The Fazio-Stecker relation is the (εγ, z) value that
gives τγγ = 1. This is interpreted to be the redshift at which
the flux of photons of a given energy is attenuated by a factor e
and is called the γ-ray horizon. In this plot, for all models ex-
cept those of Stecker, Malkan & Scully (2006), for redshift " 5 the
universe is optically thin to photons with energy " 20 GeV. At
very low redshifts however, the models are relatively consistent
with each other, but the differences start to become apparent at
z ! 1. The model calculated by Stecker, Malkan & Scully (2006),
which predicts higher attenuation at higher redshifts, has in recent
times contradicted MAGIC (Albert et al., 2008) and Fermi (Abdo
et al., 2010) observations and thus can be ruled out with high con-
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Figure 2.3: An illustration of
the effect of attenuation to a
photon spectrum. Attenua-
tion is calculated using the
model by Finke, Razzaque &
Dermer (2010). The shape
of the photon spectrum of
a source located at redshifts
indicated beside each curve
is shown. Energies are in
the observer frame of refer-
ence. The further a source
is located, more attenuation
is suffered by the highest en-
ergy photons. The curve is
normalized to unity at εγ =
1 GeV.

fidence (furthermore, Figure 3 in Abdo et al. (2010) indicate that
models by Finke, Razzaque & Dermer (2010); Gilmore et al. (2009);
Franceschini, Rodighiero & Vaccari (2008) are the favourable ones)
and will not be used in further calculations.

Thus, knowing the attenuation function, we can then estimate
the total number of photons emitted from a GRB at redshift z per
unit energy arriving at the top of the Earth’s atmosphere per unit
area per unit time to be

γ0(εγ) = γ(εγ, t = 0) ≡ fγ

(
εγ

εbk

)−(b+1)
e−τγγ(εγ ,z), (2.62)

where fγ is as derived in Equation 2.59 and γ(ε, t) is the notation
for the photon flux at slant depth t in the atmosphere, as intro-
duced in Rossi & Greisen (1941). Slant depth t = 0 means the top
of the atmosphere. In this equation only the high-energy part of
Equation 2.52 is used, because this is precisely the concern of this
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study and henceforth this equation will be the working equation.
To give an illustration of the effect of attenuation to a pho-

ton spectrum, the shape of the photon spectrum curve of several
sources emitting at different redshifts is showed in Figure 2.3. As
a comparison an unattenuated photon spectrum is also shown.
The curves are normalized to an arbitrary unit. From the shape
of the curves, the more distant the source is located, the more
the photon spectrum curve is distorted due to attenuation effects.
This imposes a limit on the number of TeV photons that we can
observe from a given source.



3 Muon production in the atmosphere

High-energy γ-rays produce muons when they interact with the
Earth’s atmosphere. These muons will then traverse down to the
bottom of the sea, producing Čerenkov light that can be detected
by the detector array. This idea of detecting γ-induced showers by
detecting the produced muons has been around for a long time.
However, early calculations performed in the 1960s seem to in-
dicate that γ-induced showers are muon-poor, having only less
than 10% the muon content of proton-induced showers (Stanev,
Gaisser & Halzen, 1985). These calculations are contradicted when
muons were firmly detected at underground detectors, coming
from the direction of Cygnus X-3 (e.g. Marshak et al. 1985). De-
spite the low rates and weak signals, these detections raised the
interest to build large-area detectors that can detect high-energy
muons and thus operate as γ-ray observatory. Stanev, Vankov
& Halzen (1985) then identify two channels in which muons can
be produced in γ showers: photoproduction and direct muon-
pair production. In photoproduction, muons are produced from
the (semi)leptonic decay of pions or kaons produced by the in-
teraction of high-energy photons with the atomic nucleus of the
atmosphere. This is the most important channel to produce mu-
ons in the GeV regime. In direct muon-pair production, muons
are created directly via the channel γ + Z → Z + µ+ + µ−, in
which Z is a nucleus of the atmosphere. Whereas muon produc-
tion through photoproduction dies away with increasing energy,
the cross section for muon-pair production increases with energy
and thus muon-pair production is the dominant muon producing
channel in the TeV regime.

In the following subsections we will describe the necessary for-
mulation to calculate the muon flux generated in gamma-induced
showers. For convenience, all units of length are converted into
radiation lengths in the air λrad, which is taken to be 37.1 g cm−2.
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3.1 The cascade equation: Approximation A

High-energy photons interact with atoms in the atmosphere and
initiate electromagnetic showers of particles that will cascade on
their way through the atmosphere. Through materialization or
Compton collision, pairs of electron-positron will be produced,
which in turn emit additional photons by way of bremsstrahlung.
At each step the number of particles increases but their average
energy decreases (Rossi & Greisen, 1941). Nevertheless these sec-
ondary photons can also produce muons that can be detected by
the detector array, and thus it is important to calculate the total
number of photons produced in such a photon shower.

This problem of counting particles produced in electromagnetic
showers can be solved if we consider only radiation phenom-
ena and electron-pair production, which can be described by the
asymptotic formula for complete screening. This solution is called
Approximation A (Rossi & Greisen, 1941) and allows us to calcu-
late the photon flux at some depth t in the atmosphere, given the
initial photon energy spectrum. If the initial spectrum is in the
form of a power law such as γ(ε) ∝ ε−(b+1), then the resulting
spectrum at depth t is (Rossi & Greisen 1941; Halzen, Kappes &
Ó Murchadha 2009)

γ(ε, t) = γ(ε, t = 0)
(σ0 + λ1)(σ0 + λ2)

λ2 − λ1

×
[

exp(λ1t)
σ0 + λ1

− exp(λ2t)
σ0 + λ2

] (3.1)

In this Equation as well as the in the following calculations, t
is the slant depth in units of radiation length (in the atmosphere,
1 radiation length equals 36.62 g cm−2), σ0 = 7/9 is the proba-
bility per radiation length that an electron pair production will
take place (in a case of complete screening), and λ1,2 are the scale
lengths factor of the shower growth and dissipation in the atmo-
sphere. The formula to calculate λ1,2 as a function of spectral in-
dex b, as well as its tabulation, is given in Rossi & Greisen (1941).
For b < 1, λ1 is positive while for b > 1, λ1 is negative. This
would mean that in the former case the shower would grow as
it penetrates the atmosphere while in the latter it will dissipate.
Thus for a general case of an arbitrary value of b, the photon flux
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can be decomposed into its spectrum at the top of the atmosphere
and its scale factor at depth t, i.e

γ(ε, t) = γ0(ε)γ2(t). (3.2)

Particularly important is the case for b = 1 since λ1 = 0 and
λ2 < 0, and this would make the second exponential term in
Equation 3.1 essentially zero after several radiation length, making
the photon spectrum independent of depth:

γ(εγ, t) = 0.567γ(εγ, t = 0), (3.3)

where the photon spectrum at the top of the atmosphere γ(εγ, t =
0) is as described in Equation 2.62.

3.2 Pion decay

The interaction of high-energy photons with atomic nuclei in
the atmosphere can produce pions through the reaction γ + N →
π + X followed by leptonic decay of pions into a positive muon
and a muon neutrino, or a negative muon and a muon antineu-
trino:

π± → µ± + νµ(νµ), (3.4)

with a probabilty of close to 100% to occur. The formulation to
calculate the muon spectrum from this channel has been calcu-
lated using the linear cascade equation and assuming a power-law
photon spectrum with spectral index b = 1 by Drees, Halzen &
Hikasa (1989), and its generalisation to an arbitrary spectral index
by Halzen, Kappes & Ó Murchadha (2009).

For the case of b 2= 1, this paper will closely follow that of
Halzen, Kappes & Ó Murchadha (2009), which begins by an ansatz
that the differential pion spectrum in the atmosphere can be fac-
torized as

π(ε, t) = γ(ε, t = 0)π2(ε, t), (3.5)

in which π2(ε, t) can be split in two regimes: the high energy
regime where pion interactions dominate over decay, and the low
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energy regime where pion interactions are neglected. The pion
spectrum at high energy is

πHE
2 (t) =

[
exp(λ1t)− exp(−t/Λπ)

(σ0 + λ1)(λ1 +
1

Λπ
)

− exp(λ2t)− exp(−t/Λπ)

(σ0 + λ2)(λ2 +
1

Λπ
)

]

× zγπ

λγA

(σ0 + λ1)(σ0 + λ2)
λ2 − λ1

, (3.6)

while the spectrum at low energy is

πLE
2 (ε, t) =

zγπ

λγA

(σ0 + λ1)(σ0 + λ2)
λ2 − λ1

×
∫ t

0
dt′

(
t′

t

)δ [exp(λ1t′)
σ0 + λ1

− exp(λ2t′)
σ0 + λ2

]
, (3.7)

in which δ = t/dπ , where dπ is the decay length

dπ =
εt cos θ

επ
, (3.8)

here επ = 115 GeV is the pion decay energy constant.
The integral in Equation 3.7 can be expanded into series:

∫ t

0
dt′

(
t′

t

)δ exp(λit′)
σ0 + λi

≈ 1
σ0 + λi

100

∑
j=1

λ
j−1
i tj

(j − 1)!(δ + j)
. (3.9)

In Equation 3.6 and 3.7,

Λπ = 173 g cm−2 = 4.66 radiation lengths (3.10)

is the effective pion interaction length in the atmosphere,

zγπ =
σππ

σγN
= 2

3 (3.11)

is the ratio between cross sections σγ→π and σγN , and

λγA = 446.14 radiation lengths (3.12)

is the interaction length of photons in atmospheric nuclei. These
values are assumed to vary little for different spectral indices and
energy.
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Due to the unavailability of an analytical expression for both
energy regime, taking a smooth transition from one regime to an-
other is difficult. The pion spectrum at all energy regime is then

π(ε, t) = γ(ε, t = 0)min
[
πHE

2 (t), πLE
2 (ε, t)

]
. (3.13)

The muon flux at the surface of the Earth can then be obtained
by using standard 2-body decay kinematics, assuming no muon
decay and energy loss in the atmosphere:

dNµ

dεµ
=

∫ tmax

0
dtBµπ

∫ ε/r

ε

dε′

(1 − r)ε′
π(ε′, t)
dπ(t)

, (3.14)

in which r = (mµ/mπ)2 and Bµπ = 1 is the number of muons
produced for each decaying pion. The maximum depth tmax is
determined using

tmax = λe+e− ln
[

εmax〈x〉γ→µ

ε

]
, (3.15)

where λe+e− = 9/7 is the electromagnetic cascade length and
〈x〉γ→µ = 0.25 is the fraction of γ-ray energy that goes into the
final muon for the case of pion decays.

For the special case of b = 1, we calculate the muon spectrum
using the formulation by Drees, Halzen & Hikasa (1989):

dNµ

dεµ
= γ(εµ, t = 0)

Λπ

λγA
zγπ

Lγ

1 + (Lγ/Hγ)εµεπ cos θ
, (3.16)

where

Lγ =
1 − r2

2(1 − r)
tmax
Λπ

, Hγ =
1 − r3

3(1 − r)

[
1 + ln

tmax
Λπ

]
. (3.17)

The constant terms (Λπ , zγπ , λγA) in the Equations above are the
same as in Equations 3.10–3.12

3.3 Direct muon-pair production
γ

N

γ

N

!−

!+

Figure 3.1: Feynman diagram
for lepton-pair production in
the presence of a nucleus N

The Feynman diagram for direct lepton-pair production γ +

N → N + l+ + l− is pictured in Figure 3.1. This reaction oc-
curs when an impacting photon interacts with a photon within the
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electric field of a nucleus, producing a pair of leptons. The second
photon is necessary to maintain the conservation of 4-momentum,
transferring the required momentum from the nucleus. Lepton-
pair production is related to bremsstrahlung by a substitution rule
and the calculation of the cross section can be done if we know
how to calculate bremsstrahlung by electrons (Tsai, 1974). For the
interaction of a photon with nuclear electrons to produce muon-
pair, the photon energy threshold must then be

εth =
2mµ

me

(
mµ + me

)
, 43.9 GeV, (3.18)

where me is the electron mass and mµ is the muon mass.
To calculate an approximate formula of muon-pair production,

what is usually done is taking the Bethe-Heitler result for electron-
pair production (Bethe & Heitler, 1934) and substitute the electron
mass with that of muon. This generalization would not be correct,
however, because the atomic form factor involved in the calcula-
tion must be integrated over the transferred momentum in which
the upper limit is approximately the mass of the lepton involved
(Halzen, Kappes & Ó Murchadha, 2009).

We will now discuss the necessary calculations to obtain the
accurate formula for the cross section of muon-pair production.

The impacting photon energy will be fully shared by the result-
ing muon-pair according to

εγ = ε+µ + ε−µ , (3.19)

or in terms of fraction of photon energy:

x+ =
ε+µ
εγ

, x− =
ε−µ
εγ

, x+ + x− = 1. (3.20)

To take into account the atomic and nuclear form factors, we
need the differential cross section equation as a function of the
momentum transfer. Since this work concerns very high-energy
photons, we can use the ultrarelativistic approximation written as
(Bethe & Heitler, 1934)

dσ

dx+
= 4αZ2

(
r0

me
mµ

)2 [(
x2
+ + x2

−
)

Φ1(δ) +
2
3

x+x−Φ2(δ)

]
,
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(3.21)

where α is the fine-structure constant, Z is the charge of the nucleus—
for the Earth’s atmosphere Z = 7.37 (Rossi, 1952), r0 is the classi-
cal electron radius, and δ is the screening parameter equal to the
necessary minimum momentum transfer from the nucleus:

δ , qmin =
m2

µ

2εγx+x−
. (3.22)

The functions Φ1,2 are integrals of form factors over transferred
momentum q. Whereas electron-pair production involves only
the atomic form factors, in the case of muon-pair production it
is also necessary to consider the nuclear form factors since the
momentum involved is much larger than the inverse square of the
atomic radius (Tsai, 1974). The functions Φ1,2 would then be

Φ1,2(δ) =
∫ qmax

δ

dq
q3 [Fn(q)− Fa(q)]2 ψ1,2(q, δ), (3.23)

where Fn and Fa are respectively the nuclear and atomic form
factors and ψ1,2 are the wave functions of the nucleus.

Equation 3.23 has been solved with several assumptions. We
take the solution of Kelner, Kokoulin & Petrukhin (1995) in which
a single function Φ(δ) = Φ1 = Φ2 is used for the case of com-
plete screening. By taking the effects of complete screening into
account we consider the fact that atoms are essentially neutral at
large distance. This is because the electric charge of the nucleus
get “screened” by the atomic electrons, i.e. their field are canceled
by opposite electric charge of the atomic electrons, reducing the
effective charge according to distance and thus limiting the maxi-
mum distance at which photons can still interact.

The contribution from inelastic form factors is also considered.
This must also be taken into account since muon bremsstrahlung
occurs on electrons bound in the atom and not on free electrons
(Kelner, Kokoulin & Petrukhin, 1995).

Having considered both elastic and inelastic form factors, Equa-
tion 3.21 then becomes

dσ

dx
(x, εγ) = 4αZ2

(
r0

me
mµ

)2 [
1 − 4

3
x(1 − x)

] [
Φel(δ) +

1
Z

Φin(δ)

]
.
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(3.24)

The elastic contribution Φel(δ) is in the form of

Φel(δ) = ln

[
Φ∞

1 + (Dne1/2 − 2)δ/mµ

1 + BZ−1/3e1/2δ/me

]
, (3.25)

where

Φ∞ =
BZ−1/3

Dn

mµ

me
, δ =

m2
µ

2εγx(1 − x)
, e1/2 = 1.6187 . . .

B = 202.4 Dn = 1.49 for Hydrogen, and
B = 183 Dn = 1.54A0.27 otherwise.

(3.26)

Here A is the atomic number of the nuclei involved. For our case
of the Earth’s atmosphere, A = 14.78 (Rossi, 1952).

The inelastic contribution Φin(δ) is

Φin = ln

[
mµ/δ

mµδ/m2
e + e1/2

]
− ln

[
1 +

1
B′Z−2/3e1/2δ/me

]
, (3.27)

where B′ = 1429. We can see that the differential cross section is
symmetric in x+ and x−, thus we can write

x+x− = x − x2,

where x substitutes either x+ or x− and the other becomes (1− x).
In Figure 3.2 Equation 3.24 for various values of photon en-

ergy εγ is shown. We can see that due to the “screening” effect
the cross section does not increase indefinitely but saturates as εγ

increases. I integrate the differential cross section over x to ob-
tain the total cross section as a function of photon energy and the
result is shown in Figure 3.3. In the figure it is shown that satura-
tion of the cross section occurs when the impacting photon energy
εγ ≈ 10 TeV.

Using the cascade equation, we can calculate the muon-pair
flux at sea level:

dNµ

dεµ
= 2λrad

NA
A

γ0
(
εµ
) ∫ 1

0
dxxb dσ

dx

(
x,

εµ

x

) ∫ tmax

0
dtγ2(t, b),

(3.28)

where NA is the Avogadro number.
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Figure 3.2: Differential cross
section of muon-pair produc-
tion (Equation 3.24) in the
Earth’s atmosphere for vari-
ous values of impacting pho-
ton energy εγ, as a function
of x = εµ/εγ which is the
ratio between the resulting
muon energy and the pho-
ton energy. The atomic and
mass number of the atmo-
sphere is taken to be (A, Z) =
(14.78, 7.37).
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Figure 3.3: Total cross section
of the process γ → µ+µ− in
the Earth’s atmosphere as a
function of impacting photon
energy εγ. Due to screening
effect which limits the maxi-
mum distance in which high-
energy photons can still in-
teract with the nucleus, the
cross section saturates for im-
pacting photon energy εγ !
10 TeV.

3.4 Other channels of muon production

A γ-shower can also produce kaons and the hadronic decay of
kaons can produce a positive muon and a muon neutrino or a
negative muon and a muon antineutrino:

K± → µ± + νµ(νµ). (3.29)

This reaction has only ∼63.5% chance of occuring (Gaisser, 1990).
Furthermore, results from Halzen, Kappes & Ó Murchadha (2009)
showed that the muon yield from kaon decays and other channels
involving kaons can be neglected.

Positrons produced in γ-showers can also produce pairs of
muon by interaction with an atomic electron through reaction
e+e− → µ+ + µ−. However, cross section for this reaction is very
small and peaked at ∼61 GeV and falls rapidly with energy and
is essentially zero for εµ ! 700 GeV (Halzen, Kappes & Ó Mur-
chadha, 2009). Thus this production channel can also be neglected
altogether.

3.5 Cosmic ray-induced muon background

In order to calculate the detection significance of photon-induced
muons, we need to know the amount of the background in our
observation. In our case of photon-induced muons detection, the



90 starlight beneath the waves

background consists of cosmic-ray induced muons. These muons
are produced mainly through leptonic decay of pions, which is
essentially the same channel discussed in Section 3.2. Leptonic
decay of Kaons is also another channel of muon production albeit
it is less important.

The energy spectrum of cosmic-ray induced muons, as a func-
tion energy and zenith distance, has already been parametrized
by Gaisser (1990) as

dNµ

dεµ
≈ 0.14ε−2.7

µ

[
1

1 + 1.1εµ cos θ
115GeV

+
0.054

1 + 1.1εµ cos θ
850GeV

]
GeV−1 cm−2 s−1 sr−1.

(3.30)

This parametrization overestimates the actual measured muon flux
for energies below 10 GeV because at that energy regime muon de-
cay and muon energy loss become important factors (see Figure
6.1 in Gaisser 1990). However, this will not be our concern since
this is far below the energy regime we are interested in, and Equa-
tion 3.30 fits perfectly well for high-energy regime. This equation
estimates the muon flux at sea level, thus if we want to estimate
the muon background at detector we have to apply the appropri-
ate muon energy loss formula for seawater. We will discuss this
later in Section 3.6.

3.6 Passage of muons through seawater

Upon traversing a medium, energetic muons lose their energy
through ionization and radiative processes. This energy loss can
be treated by taking the standard formula to calculate the average
energy loss (Barrett et al., 1952)

− dε

dx
= a(ε) + b(ε)ε, (3.31)

in which a(ε) is the ionization contribution of the energy loss,
while b(ε) = bp(ε) + bb(ε) + bn(ε) is the radiative contribution
consisting of e+e− pair production (bp), bremsstrahlung (bb), and
photonuclear interaction bn.
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Here I take the approach of Klimushin, Bugaev & Sokalski
(2001) by splitting a(ε) into two separate processes, a(ε) = ac(ε)+

ae(ε), where ac is the classical ionization process sufficiently de-
scribed by the “Bethe” equation (Nakamura & Particle Data Group,
2010) and ae is the e diagrams for bremsstrahlung treated as part
of an ionization process. ac can thus approximated by

ac(ε) = ac0 + ac1 ln
(

Wmax
mµ

)
, Wmax =

ε

1 + m2
µ

2meε

, (3.32)

in which Wmax is the maximum transferable energy to the elec-
tron and mµ,e are respectively the masses of muon and electron.
The coefficients, in units of (10−6 TeV cm2 g−1), are (ac0 , ac1) =

(2.106, 0.0950) for ε ≤ 45 GeV and (ac0 , ac1) = (2.163, 0.0853) for
ε > 45 GeV. For ae, a polynomial approximation is used:

ae(ε) = 3.54 + 3.785 ln ε + 1.15 ln2 ε

+ 0.0615 ln3 ε 10−9 TeV cm2 g−1,
(3.33)

where ε is in units of GeV.
The terms of b are parametrized in a polynomial function in the

form

bi(ε) =
4

∑
j=0

bij lnj ε, where i = p, b, n. (3.34)

Here the energy input ε is also in units of GeV. The values of
coefficients for bij is already calculated by Klimushin, Bugaev &
Sokalski (2001) and is tabulated in their Table II. These formu-
lations of energy loss are expected to still valid for εdetector =

30 GeV − 5 TeV and slant depth (3 − 12) km with errors up to
±(6 − 8)% (Klimushin, Bugaev & Sokalski, 2001).

Taking into account these contributions, the total muon energy
loss in seawater as a function of energy is shown in Figure 3.4.
In this figure we can see that at high energies radiative processes
are more important than ionization. The critical energy at which
the energy loss from ionization and radiative processes are equal
can be calculated by solving εµc = a(εµc)/b(εµc). In the case of
seawater this is εµc ∼ 590 GeV. Below this critical energy the
dominant process is ionization while above this limit the radiative
processes starts to dominate.
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Figure 3.4: The muon en-
ergy loss in seawater as a
function of energy, calculated
from Equations 3.32 to 3.34.
The total energy loss (solid
line) is decomposed into con-
tributions from different pro-
cesses, indicated in the leg-
end. This Figure is made us-
ing the values of Klimushin,
Bugaev & Sokalski (2001).

Figure 3.5: The muon energy
loss by passing a layer of sea
water with vertical depth d =
2475 m is pictured here in the
form of muon energy at the
surface of the sea εsurface as
a function of muon energy at
the detector level εdetector. We
plot the energy loss for differ-
ent zenith distance θ, thus the
path length is R = d/ cos θ.
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If we integrate Equation 3.31 we can obtain the integral equa-
tion

∫ εdetector

εsurface

dε

a(ε) + b(ε)ε
+ R = 0, (3.35)

in which εsurface is the energy at the surface of the sea and εdetector
is the energy at detector level, located at slant depth R = d/ cos θ

where d is the vertical distance of the detector and θ is the zenith
distance from which the source came. The slant depth formula
assumes a plane-parallel layers of the sea which does not take
into account the curvature of the Earth. This is however a good
approximation for zenith distances less than ∼85◦, which is the
range of zenith distances we are interested in.

Solving Equation 3.35, we can obtain εsurface if εdetector is the
input and vice versa. I solve Equation 3.35 to obtain εsurface as a
function of εdetector. The result for ANTARES depth of d = 2475 m
below sea level is shown in Figure 3.5 for several slant depths.

The relation between εsurface as a function of εdetector is particu-
larly useful to obtain the muon flux at detector level:

dN
dεdet

(εdet, R) =
dN

dεsur
(εsur)

dεsur
dεdet

∣∣∣∣
εdet,R

(3.36)

With these in mind, we can now proceed to calculate the muon
spectrum of a GRB based on its observed photon spectrum at the
top of the atmosphere.

3.7 On the multiplicity of downgoing muons

The calculations of muon production developed in this Chap-
ter is a time-averaged model and thus is incapable of predicting
the rate of muon bundles due to the occurence of several mu-
ons produced in a γ-induced shower. It is important, however, to
quantify accurately the rate of downgoing muon bundles, as they
can be misidentified as signals expected from γ-induced muons.

To this end, simulations of muon production from γ show-
ers have been performed with CORSIKA (Heck et al., 1998), a pro-
gram built to simulate in detail extensive air showers initiated by
cosmic-ray particles, including high-energy photons. A number
of showers with primary photons ranging from 1 TeV to 100 TeV



94 starlight beneath the waves

εγ Nγ Nµ Nµ(εµ ≥ 0.7 TeV) Nµ(εµ ≥ 0.9 TeV)

1 1 × 107 1 647 016 223 (0.014%) 55 (0.003%)

2 1 × 107 3 652 709 1271 (0.035%) 772 (0.021%)

5 1 × 107 10 389 534 3924 (0.038%) 2573 (0.025%)

10 4 × 106 9 119 416 3515 (0.039%) 2228 (0.024%)

50 2 × 106 28 121 835 9802 (0.035%) 6420 (0.023%)

100 6 × 105 18 345 064 6016 (0.033%) 3960 (0.022%)

Table 3.1: A summary of
the γ-induced electromag-
netic shower simulations per-
formed with CORSIKA. All
simulations are performed
with zenith distance θ = 30◦.
Each row summarises the
simulation results for pho-
tons with a given primary
energy εγ. Nγ is the num-
ber of showers simulated; Nµ

is the total number of mu-
ons produced from all sim-
ulations; Nµ(εµ ≥ 0.7 TeV)
and Nµ(εµ ≥ 0.9 TeV) are
the total number of mu-
ons with energies greater or
equal than respectively 0.7
TeV and 0.9 TeV.

is produced (see Table 3.1 for details on the number of showers
produced for each energy of the primary photon). Hadronic in-
teractions in the atmosphere are simulated with the QGSJET model
while the electromagnetic interactions are simulated with the EGS4

package. The photon source is fixed to an assumed position in the
sky, with an azimuth angle of 0◦ (toward the North) and zenith
distance of 30◦.

The result of the simulation can be seen in Table 3.2 and Figure
3.6. Table 3.2 shows the rate of single muon events produced
in each photon shower with given photon energy εγ. For each
primary energies, single muon rates are shown for three different
muon energy threshold: No threshold at all, εµ ≥ 0.7 TeV, and
εµ ≥ 0.9 TeV. For each threshold, two quantities are shown: The
number of showers that produce at least one muon passing the
energy threshold and the number of shower producing only single
muons passing the energy threshold.

Figure 3.6 shows the distribution of the muon multiplicity. For
each shower with given photon energy εγ the distribution of the

Table 3.2: The rate of sin-
gle muons for each shower
with given primary energy
εγ. For each given thresh-
old energy, two quantities are
shown: The number of show-
ers that produce at least one
muon with energy equal or
larger than the given thresh-
old and the number of show-
ers that produce only one
muon passing the given en-
ergy threshold.

εγ [TeV] No threshold εµ ≥ 0.7 TeV εµ ≥ 0.9 TeV
1 792740 529689 (66.82%) 208 208 (100.00%) 55 55 (100.00%)

2 945618 604308 (63.91%) 699 630 (90.13%) 435 415 (95.40%)

5 2181219 1203441 (55.17%) 2135 1914 (89.65%) 1365 1194 (87.47%)

10 1218344 511458 (41.98%) 1602 1409 (87.95%) 1020 905 (88.73%)

50 993949 21334 (2.15%) 3990 3207 (80.38%) 2746 2287 (83.28%)

100 599983 121 (0.02%) 4698 3652 (77.74%) 3215 2559 (79.60%)
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Figure 3.6: The distribution
of muon multiplicity Nµ at
the surface of the sea. Each
curve shows the fraction of
Nµ produced from showers
with given photon-primary
with energy εγ. Photons with
energy εγ ! 10 TeV can
produce large muon bundles.
However, if a certain muon
energy threshold is applied
(middle and bottom plots),
we can see that the majority
of the events are single mu-
ons.
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Figure 3.7: The distribution
of the angular separation ψ
of the original TeV photon
track and the track of muons
produced in the atmosphere.
In addition to the distribu-
tion of ψ for all muons, the
ψ distribution for six differ-
ent muon energy thresholds
are also shown. We can see
that for TeV muons, the angu-
lar separations with the orig-
inal photon tracks are very
small they are practically par-
allel with them.

number of muons Nµ produced in the shower, at the surface of
the sea, is shown. The top plot shows the distribution of Nµ for
muons with any energy. We can see that for photon primaries
with energy εγ " 10 TeV, the majority of the showers produce
no muons at all, with a probability of ∼ 20% producing at least
one muon. At higher primary energies, there is a higher chance
to produce multiple muons within a shower. However, the muons
must penetrate the depth of the sea in order to be detected by
the ANTARES telescope. Thus only muons with sufficiently high
energy are detected. If we only count muons with energy larger
than 700 GeV (middle plot of Figure 3.6) or 900 GeV (bottom plot
of Figure 3.6), it is clear that the majority of events contain a single
muons and that high-energy muon bundles are rare. Table 3.2
shows that in the photon energy range of 2 TeV ≤ εγ ≤ 10 TeV,
at most ∼11% of the muons with εµ ≥ 0.9 TeV arrive in bundles.
The rate of muon bundles is thus rather low.

If the very high energy muon bundles pass through the detec-
tor, it is still possible to reconstruct a track. At this energy, the
muons will travel essentially at parallel angles and could there-
fore be reconstructed as a single muon track. This is due to the
limited two-track resolution of the detector that hinders the abil-
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ity to distinguish multiple muon tracks coming at approximately
the same time (Halzen, Kappes & Ó Murchadha, 2009). From the
CORSIKA simulation, we could calculate the angular separation ψ

of the tracks with respect to the original photon directions. In Fig-
ure 3.7 the distribution of ψ is plotted for muons with any energy
as well as for muons passing a certain energy threshold. Six en-
ergy thresholds are considered, ranging from 590 GeV to 10 TeV.
We can see that for TeV muons, the distribution of ψ is peaked at
around ∼ 0.001◦, which is much smaller than the angular resolu-
tion of the ANTARES detector.

Consequently, the simulations of ANTARES’ sensitivity to down-
going muons can then be performed by generating single muon
tracks. We will discuss this simulation in Chapter 7.



4 Muon event rate from single GRBs

Once we know how to produce gamma ray-induced muons in
the atmosphere and how they lose their energy in seawater, we
are now in the position to calculate the muon yield both on the
surface of the sea and at detector level.

4.1 Muon flux from a fictive test source

I first calculate muons produced from a fictive, unattenuated
test source with fluence fγ = 10−1 TeV−1 km−2 s−1 at 1 TeV. The
source is a point source with negligible diameter, assumed to be
located at zenith distance θ = 30◦. The muon flux is calculated for
three spectral indices b = (0.6, 1, 1.6) and cutoff energy at εmax =

300 TeV. For the background estimation, the opening angle of the
search cone is taken to be θcone = 1◦. The results are shown in
Figure 4.1 and compared to a background of cosmic ray-induced
muons flux for the same zenith distance.

These results are reasonably consistent with the results of Halzen,
Kappes & Ó Murchadha (2009). We can see that the dominant
channel of muon-production at low energies is by pion decay.
However the number of muons that can be created from this way
goes down with photon energy. At high energies, because the
cross-section of the muon-pair production goes up with photon
energy before reaching saturation point at εγ ! 10 TeV, the domi-
nant muon production mechanism is direct-pair production.

A comparison is also made using CORSIKA. Simulations are per-
formed for fictive sources with the same zenith distances and
spectral indices as in the previous calculation, but with cutoff en-
ergy at εmax = 1000 TeV. The photon spectrum is normalized so
that the fluence will be fγ = 10−1 TeV−1 km−2 s−1 at 1 TeV. The
results of the simulations and the analytical calculations for the
same parameters are shown in Figure 4.2.

For b = 1, there is a good agreement between CORSIKA and the
analytical calculation. However for b = 0.6, the CORSIKA results
are systematically lower while the shape of the muon spectrum is
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Figure 4.1: The ν fν spec-
trum of a fictive, unattenu-
ated test source with fluence
fγ = 10−1 TeV−1 km−2 s−1

at 1 TeV, for photon spec-
tral indices b = (0.6, 1, 1.6),
photon energy cutoff εmax =
300 TeV, and zenith distance
θ = 30◦. The spectrum
is decomposed into its ma-
jor contributing components:
Pion decay and direct pair
production. For a compari-
son, the spectrum of cosmic
ray-induced muons for the
same zenith distance is also
shown, (see Equation 3.30).
The search cone has an open-
ing angle of 1◦. The result
is largely consistent with that
of Halzen, Kappes & Ó Mur-
chadha (2009).

consistent. For b = 1.6, the difference at lower muon energy is
even more pronounced.

These systematic differences however appear only at sub-TeV
energies. At TeV energies the shape of the muon spectrum is
reasonably in agreement, barring the fluctuations caused by low
statistics at very-high energy energies.

4.2 Muon flux from single GRB

Confident with the consistency of the calculation, I proceed
by calculating the muon flux for single GRB events located at
different redshifts. Using Equation 2.62, the photon flux arriv-
ing at the top of the atmosphere from GRBs with spectral in-
dices b = (0.5, 1, 1.25, 1.5), redshifts z = (0.05, 0.1, 0.2, 0.5), and
zenith distances cos θ = (0.5, 1) can be determined. A typical
GRB power spectrum measured by BATSE is b , 1.25 (Preece
et al., 2000), however measurement inconsistencies have been re-
ported and thus the shape of the spectral index at high energy is
still debatable and might not be in the form of a simple power
law (see e.g. Kaneko et al. 2008 and González et al. 2003). Until
this debate is clarified, it is reasonable to assume a soft spectrum
with index b , 1. The other spectral indices, b = 0.5 and b = 1.5
which corresponds respectively to a harder and softer spectrum,
while not entirely impossible nevertheless have a small possibility
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Figure 4.2: The same as in
Figure 4.1, but for cutoff pho-
ton energy εmax = 1000 TeV.
Red histogram is the result
from CORSIKA simulations us-
ing the same parameters as
the analytical calculation.

of occuring and is thus also considered to study their possibility
of observing the muon signal.

Throughout the calculation, the values ∆t∗ = 10 s, εbk∗ =

(b − a)εpk∗/(1 − a) = (b − 1)400 keV, and Liso
bol∗ = 8.9 × 1052 erg

are used. These values are the average values determined from
Swift observations (Butler et al., 2007; Butler, Bloom & Poznanski,
2010). After calculating the number of photons at the top of the
atmosphere, the muon flux at the surface of the sea is then de-
termined by means of Equation 3.14 or 3.16—depending on the
spectral index considered—and Equation 3.28. The muon flux at
the surface is then transformed to the muon flux at detector level
by way of Equation 3.36, and the corresponding energy at detector
level is calculated by solving Equation 3.35.

The results of this series of calculations are shown in Figure 4.3
using the attenuation model by Finke, Razzaque & Dermer (2010).
One panel in each of these Figures plot the muon flux of GRBs for
one spectral index. For each spectral index, the muon flux from
GRBs at different redshifts is also shown and indicated with the
colour scheme shown in the legend. For each redshift, an area is
drawn to show their dependence on zenith distance. The the bor-
ders of the area drawn for each redshifts are the the muon flux at
zenith distance θ = 0 (solid lines) and at θ = 60◦ (dashed lines).
Anything in between those two lines are then the amount of sig-
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Figure 4.3: The muon flux at
the detector (depth of 2475
m) for single GRBs emitted
from different redshifts indi-
cated by the colour coding
on the legend. The black
area is the background flux
from cosmic ray-induced mu-
ons, calculated using Equa-
tion 3.30 assuming a search
cone with an opening an-
gle of 1◦. For each colour,
the muon flux drawn by the
dashed-line is the flux from
zenith distance θ = 60◦ while
those drawn by the solid line
is the flux straight from the
zenith (i.e. θ = 0). The
filled-area indicates all possi-
ble fluxes from all zenith dis-
tance between θ = 0◦ and
θ = 60◦. Attenuation is de-
termined by using a model
by Finke, Razzaque & Der-
mer (2010).

nals from any zenith distance between the borders. A background
flux due to cosmic ray induced-muons calculated from Equation
3.30 is also shown for the same limit of zenith distances, indi-
cated by the black area. The search cone (or the opening angle) is
taken to be 1◦. The same calculations for other attenuation models
were made, but upon inspection of the numbers, results indicate
that the magnitude of attenuation does not differ much for nearby
universe, i.e. z " 0.2. Hence here only results calculated using the
calculation by Finke, Razzaque & Dermer (2010) are shown.

The results shown in Figure 4.3 indicate that the number of mu-
ons reaching the detector depends heavily on the GRB’s distance
from us and its power spectrum. The redshift is an important
factor because it determines the number of photons that survives
all the way from the GRB to the top of the atmosphere, and the
power spectrum determines the number of photons produced in
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Figure 4.4: The expected
number of muons with en-
ergies higher than a given
muon energy εµ,detector at
the detector (depth of 2475
m) for single GRBs emitted
from different redshifts. The
colour coding and line styles
are the same as in Figure 4.3.

the GRB.
The muon spectrum is then integrated to obtain a muon event

rate with energies higher than εµ,detector:

Nµ(> εµ,detector) =
∫ ∞

εµ ,detector
dεµ

dNµ

dεµ
(4.1)

The result of this integration is shown in Figure 4.4, using the at-
tenuation model by Finke, Razzaque & Dermer (2010). This result
can give us an idea of how many muon events per unit area per
unit time we can expect from any GRB event with the given power
spectrum, redshift, and zenith distance.

To explore further the effect of distance on the muon event rate
at the detector, in Figure 4.5 the event rate of muons with energies
higher than 0.1 TeV per unit area per unit time, Nµ(εµ,detector >

0.1 TeV), is plotted as a function of redshift. The black horizontal
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Figure 4.5: The muon
count rate with energies
εµ,detector > 0.1 TeV for GRB
events occuring at different
redshifts. As in Figure 4.3,
dashed lines are for GRBs at
zenith distance θ = 60◦ while
solid lines are for GRBs at
θ = 0◦.

lines are the background rate from cosmic ray-induced muons at
zenith distances θ = [0◦, 60◦].

Figure 4.5 tells us the minimum redshift and maximum zenith
distance to observe, for example, at least one muon event per kilo-
meter square per second. For example, a GRB event with power
spectrum b = 1.25 that occurs at the zenith must have a redshift
of z " 0.07 if we want to observe at least one muon per kilome-
ter square per seconds. The number of muons produced from a
photon spectrum with b = 0.5 and those from b = 1.5 exhibit a
large deviation, ranging from Nµ ∼ 1 to Nµ ∼ 104 km−2 s−1. This
is because a photon flux with a hard spectrum can produce elec-
tromagnetic showers that grow in the atmosphere, while fluxes
with softer spectrum produce showers that instead dissipate in
the atmosphere.

The number of detectable muons depends also on the size of
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Figure 4.6: The total num-
ber of muons with energies
εµ,detector > 0.1 TeV for GRBs
from different redshifts and
different spectral index as in-
dicated by the colour code
in the legend. The intrin-
sic burst duration ∆t∗ is as-
sumed to be 10 sec, thus
making t90 = (1 + z)∆t∗. The
total muon count is calcu-
lated by assuming different
detector sizes, which are as-
sumed to be independent of
energy.

the detector. ANTARES is projected to have an effective muon
area of Aµ

eff ∼ 10−2 km2 while IceCube is expected to have an
area of Aµ

eff ∼ 1 km2 (Halzen, Kappes & Ó Murchadha, 2009).
In Figure 4.6, I calculate the total number of detectable muons
during the whole duration of the burst for four different detector
sizes. The downgoing muon effective areas considered are Aµ

eff =

(10−3, 10−2, 0.1, 1) km2, which are assumed to be constant with
respect to the muon energy.

With a larger detector we can see farther GRBs, up to z ∼ 0.3
for b = 0.5. Using a detector with the size of ANTARES, however,
one can only detect at least one muon from GRBs at a redshift up
to z ∼ 0.2 for the same spectral index.

Since we know the number of signal and noise events in our
detector, we can now calculate the expected detection significance
of each individual GRB as a function of redshift. The significance
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S is calculated according to the procedure outlined by Li & Ma
(1983). The total signal Non is the number of muon events within
a 1◦ search cone and during the ton = t90 time interval, while the
total number of background Noff is the number of muons within
the same search cone but some amount of time toff before the GRB
took place. The statistical significance S (the number of standard
deviation above background) is determined using the likelihood
ratio method:

S =
√

2
{

Non ln
[

1 + α

α

(
Non

Non + Noff

)]

+ Noff ln
[
(1 + α)

(
Noff

Non + Noff

)]}1/2
,

(4.2)

where α is the ratio α ≡ ton/toff. The time toff to measure the
background rate is taken to be 2 hours, i.e. toff = 7200 s, thus
making α very low. The results of these calculation is shown in
Figure 4.7, again for four different detector sizes.

These results correspond to the detection significance of ob-
serving GRBs with a certain power spectrum, zenith distance, and
redshift. We can also use this result to determine the maximum
redshift where a GRB has to occur if we want to have at least 3σ or
5σ detection significance. As an example, for an ANTARES-sized
detector to detect a GRB signal with 5σ significance, a GRB event
at zenith must be closer than z " 0.05 if its power spectrum is
b = 1.

4.3 Conclusions

The most important factors in detecting a possible TeV compo-
nent of a GRB are the redshift, the spectral index, and the effective
area of the detector. The redshift determines the number of pho-
tons that survive to the top of the atmosphere, while the hardness
of the spectrum determines whether the electromagnetic spectrum
grows or dissipate in the atmosphere. The dependence of these
two quantities is presented in Figure 4.8. A typical GRB has a
spectral index b = 1–1.25 (Preece et al., 2000; Kaneko et al., 2008).
For an ANTARES-type telescope, a typical GRB must then be lo-
cated at redshift z " 0.05, while a larger telescope with a muon
collecting area of Aeff

µ = 1 km2 can see up to z " 0.1.
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Figure 4.7: The muon sig-
nal detection significance for
GRB events located at dif-
ferent redshifts and different
spectral indices as indicated
by the colour code in the leg-
end. The detection signifi-
cance is calculated using the
Li & Ma (1983) formula, and
using the results shown in
Figure 4.6.

A recent analysis of Fermi GRB data by Zhang et al. (2011) sug-
gests that the peak of the distribution in b has shifted to b ∼ 1.6,
a much steeper slope than what was suggested by previous ob-
servations. Consequently, the maximum redshift that permits a
3σ detection is lower: Redshift z " 0.005 for an ANTARES-type
telescope and z " 0.01 for a km3 neutrino telescope. In the anal-
ysis of Zhang et al. (2011), the peak distribution of integral index
a is a ∼ −0.1, which is not significantly different with previous
results.

The limitation pertaining to distance proves to be a great hin-
drance to the detection of TeV γ-rays from GRBs, as there are not
many GRBs with known redshift that took place at so close dis-
tance. Recent analysis of 425 Swift GRBs suggests that the redshift
distribution of GRBs is peaked at z ∼ 1 (Butler, Bloom & Poznan-
ski, 2010). Within this data set, there are 144 GRBs with known
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Figure 4.8: The combina-
tion of redshift z and spec-
tral intex b that gives a detec-
tion significance of 3σ (blue
lines) and 5σ (red lines), for
GRB photons that came from
zenith distances of 0◦ (solid
lines) or 60◦ (dashed lines).

redshift and 3 of them have z ≤ 0.15. This corresponds roughly to
a fraction of P(z ≤ 0.15) ∼ 7 × 10−3.

From these results we can conclude that a role of neutrino-
telescopes as a gamma-ray telescope can only be played-out re-
strictively to the nearest GRB sources. As nearby GRBs tend to
belong to a different population (i.e. short GRB) than the ones
farther away, other considerations must also be taken in view of
the different luminosity and burst duration of this population.

The rate of muon signals calculated in this Chapter does not
yet include the detection efficiency of the detector. To understand
this effect a Monte Carlo simulation of the detector response to
the muon signals must be performed. This will be discussed in
Chapter 7.



5 Muon event rate and discovery potential from
stacked GRB events

From the results in Chapter 4, we could now investigate how
long do we have to wait before a sufficiently nearby GRB event
takes place, or in another words, how frequent can we observe a
GRB with z " 0.1? Aside from this question, a second aim of this
Chapter is to calculate the integrated muon flux of any number of
simulated GRB events. To do this, a Monte Carlo method to sim-
ulate GRB events is developed, using a distribution functions of
several GRB parameters. These distribution functions are known
collectively as the GRB world model (Butler, Bloom & Poznanski,
2010).

5.1 GRB world model

The study of GRBs distribution functions has been intensified
due to the wealth of data from Swift. The latest data release con-
tains 425 bursts in which 147 of them have a measured redshift.
This data set largely supersedes previous GRB analyses (Butler
et al., 2007; Butler, Bloom & Poznanski, 2010). As shown in Sec-
tion 2.1, given (Lbol, z, b, ∆t, εbk) we can simulate a GRB event.
The distribution functions of these parameters have been deter-
mined. In this Section the form and parameters of these functions
will be described. The data set used for comparison in this sec-
tion is taken from Butler et al. (2007); Butler, Bloom & Poznanski
(2010). For all cases a criterion of signal-to-noise ratio of S/N > 10
is applied. In cases where redshift information is needed (e.g.
Luminosity function, redshift distribution), the redshift data are
further selected using the criteria suggested by Jakobsson et al.
(2006). These criteria select only redshifts measured under favor-
able conditions such that the distance is reliably measured. These
criteria include the public availability of X-ray positioning within
12 hours; low Galactic foreground, i.e. AV < 0.5; the burst took
place no less than 55◦ from the Sun; no nearby bright star; and the
burst should not be located at a polar declination, i.e. |δ| < 70◦.
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A catalog of GRBs1 passing these redshift measurement criteria 1 Available at http:
//www.raunvis.hi.is/
~pja/GRBsample.html.

is then used to select Swift measurements. At the end of this se-
lection procedure, 89 GRBs with high-quality measurements and
redshift information is obtained.

5.1.1 GRB luminosity function

The GRB luminosity function φ(log L) is traditionally defined as
the probability to find a GRB in a luminosity interval between
log L and log L + d log L. This function is usually assumed to be
of the form of a smoothly broken power law:

φ(log L) =
dN

d log L
=






(
L

Lpk

)−aL
for L ≤ Lpk,

(
L

Lpk

)−bL
for L > Lpk.

(5.1)

This function is normalized to the interval from zero to infinity.
Recent results from Swift indicates that the bolometric luminos-
ity function is well-described by the indices (aL, bL) = (0.27, 3.46)
and the peak luminosity log Lpk = 52.95 (Butler, Bloom & Poz-
nanski, 2010). Figure 5.1 shows the luminosity function compared
to a histogram of 89 Swift GRBs with measured redshift (Butler
et al., 2007; Butler, Bloom & Poznanski, 2010). The bolometric lu-
minosity Lbol is calculated using Equation 9 in Butler, Bloom &
Poznanski (2010).

5.1.2 The distribution of burst duration T90

The commonly used definition for the burst duration is T90, de-
fined as the time interval in which the background-substracted
integrated counts from the GRB increase from 5% to 95% of the
total counts (Kouveliotou et al., 1993, 1996). Based on this parame-
ter, Kouveliotou et al. (1993) found a bimodality in the distribution
of log T90 and thus introduced two distinct groups of GRBs: The
short and the long duration GRBs, with T90 shorter or longer than
2 seconds.

Further analysis using the BATSE 3B catalog (Meegan et al.,
1996), however, exhibit a possibility that the distribution of log T90

can also be well-fitted using a trimodal Gaussian thus indicat-
ing the existence of a third, intermediate, class of GRB (Horváth,

http://www.raunvis.hi.is/~pja/GRBsample.html
http://www.raunvis.hi.is/~pja/GRBsample.html
http://www.raunvis.hi.is/~pja/GRBsample.html
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Figure 5.1: The top graph
shows the luminosity proba-
bility density function while
the bottom graph is the
cumulative probability func-
tion. Red curves represent
the best-fit GRB world model
for the luminosity function
(Butler, Bloom & Poznanski,
2010), compared to 89 se-
lected Swift data with mea-
sured redshift (Butler et al.,
2007; Butler, Bloom & Poz-
nanski, 2010) and passing the
redshift measurement crite-
ria suggested by Jakobsson
et al. (2006). The left side
of the vertical axis is the ac-
tual number of data in each
bin while the right side is the
value of the probability func-
tion.

1998). Various statistical methods applied to different data sets
from different satellites (e.g. BATSE (Horváth et al., 2006), Bep-
poSAX (Horváth, 2009), Swift (Horváth et al., 2008)) seem to in-
dicate that this third class is real and not an artifact or bias from
one particular satellite. While the short and long GRB can be ex-
plained as two distinct physical phenomena, the third class is still
lacking any physical interpretation.

A trimodal Gaussion function is used to model the distribution
function of log T90:

dN
d log T90

= ∑
k=s,l,i

wk

σk
√

2π
exp

[
−

log2(T90/ log µT90,k)

2σ2
k

]
, (5.2)

in which (s, l, i) is the notation for respectively the short, long, and
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Figure 5.2: The red curve is
the T90 distribution function
from Horváth et al. (2008)
compared to 345 T90 mea-
surement by Swift (Butler
et al., 2007; Butler, Bloom &
Poznanski, 2010) with signal-
to-noise ratio larger than 10.
The parameters for the distri-
bution function is shown in
Table 5.1.

Terms k subscript µT90,k σk wk
short s -0.473 0.48 0.073
long l 1.903 0.32 0.582
intermediate i 1.107 0.35 0.345

Table 5.1: The parameters for
the trimodal Gaussian dis-
tribution function of log T90
(Horváth et al., 2008).

intermediate duration GRB, wk is the weight of the Gaussian func-
tion where ws + wi + wl = 1 applies, µT90,k is the mean in log T90

and σk is the standard deviation. We use the parameters calcu-
lated by Horváth et al. (2008) for the Swift data, shown in Table
5.1. In Figure 5.2 the distribution function is shown alongside the
T90 data measured by Swift. There are 345 Swift GRB measure-
ment with signal-to-noise ratio S/N > 10. The lack of a physical
interpretation for the intermediate class should not be a concern
because the aim of this study is to accurately simulate the obser-
vational features and not to deduce any physical interpretation of
these features.

5.1.3 The instrinsic peak energy εpk∗ distribution

The intrinsic peak energy εpk∗ is the energy in which the ν fν

spectrum peaks. It is calculated by performing a spectral fit to the
measured energy spectrum of a GRB. What one obtains from this
procedure is the observed peak energy εpk. For the Band spectrum
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Figure 5.3: The logarithm
of intrinsic peak energy εpk∗
histogram of 89 Swift GRB
with measured redshift (But-
ler et al., 2007; Butler, Bloom
& Poznanski, 2010). The
histogram is compared to a
best-fit Gaussian function in
log εpk∗.

(Equation 2.52), the peak energy is related to the break energy εbk
through

εbk =
b − a
1 − a

εpk. (5.3)

The distribution function of εpk∗ can be modelled reasonably
well by the normal distribution in log εpk∗:

dN
d log εpk∗

=
1√

2πσ2
εpk∗

exp

[
−

log2(εpk∗/εpk∗,0)

2σ2
εpk∗

]
. (5.4)

The mean and variance of the distribution is found to be (log εpk∗,0,
σεpk∗) = (2.58 ± 0.05, 0.50 ± 0.03). The corresponding function is
shown as the red curve in Figure 5.3.

5.1.4 The redshift distribution of GRBs in the universe

The redshift distribution function is calculated using the phys-
ical model formulated by Le & Dermer (2007), which includes the
effects of beaming by incorporating a distribution function for the
jet opening angle. This model sets out by assuming a GRB energy
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spectrum νFν = ε2N(ε) in the form of a broken power law, i.e.

νFν ≡ fεpk



H(εpk − ε)

(
ε

εpk

)α

+ H(ε − εpk)

(
ε

εpk

)β


 , (5.5)

where α(> 0) and β(< 0) are the spectral indices of the energy
spectrum, εpk is the peak energy, and H(x) is the Heaviside func-
tion. Using this energy spectrum, just as in Equation 2.54, we can
calculate the bolometric fluence of the GRB:

F =
∫ ∆t

0
dt

∫ ∞

0
dε

νFν

ε
= λbol fεpk ∆t, (5.6)

where the bolometric correction λbol in this is case is simply λbol =

(α−1 − β−1). Following Le & Dermer (2007), here the bolometric
correction is always taken to be λbol = 5 to simplify the situation.

Taking into account beaming effects, which means that the burst
is collimated to a bipolar jet with opening angle θj, the beaming-
corrected energy release Lγ∗ is given by

Lγ∗ = 4πr2
L(1 − cos θj)

F
1 + z

, (5.7)

where rL is the luminosity distance, related to the comoving dis-
tance as rL = (1 + z)rc. Inserting Equation 5.6 into Equation 5.7,
the peak flux is then given by

fεpk =
Lγ∗

4πr2
L(z)(1 − cos θj)∆t∗λbol

. (5.8)

The number of GRB events per unit redshift per unit solid angle
with spectral flux greater than fεpk can then be calculated using
the formula

dN(> fεpk)

dΩdz
=

c
H0

Θ(z)
nc(z)r2

L(z)
(1 + z)3

√
ΩΛ + Ωm(1 + z)3

, (5.9)

where Θ(z) is the jet opening angle distribution integrated over
all possible opening angle:

Θ(z) =
∫ cos θj,min

cos θj,max
d cos θj g(cos θj)(1 − cos θj). (5.10)



114 starlight beneath the waves

The form for the jet opening angle distribution g(cos θj) is un-
known, but Le & Dermer (2007) consider the form

g(cos θj) = g0(1 − cos θj)
sH(cos θj; cos θj,max, cos θj,min), (5.11)

where s is the power-law index of g(cos θj) and H(x; a, b) is the
Heaviside function such that it is H(x; a, b) = 1 when a ≤ x ≤ b
and zero elsewhere. This distribution is normalized to unity, thus

g0 =
1 + s

(1 − cos θj,max)1+s − (1 − cos θj,min)1+s . (5.12)

The final form of the GRB rate per unit redshift per spatial
opening angle is then (Le & Dermer, 2007)

dN(> fεpk)

dΩdz
=

cg0
H0(2 + s)

nc(z)r2
L(z)

(1 + z)3
√

ΩΛ + Ωm(1 + z)3
×

{[
1 − max(µ̂j, µj,min)

]2+s − (1 − µj,max)
2+s

}
,

(5.13)

here µj = cos θj and

µ̂j ≡ 1 − Lγ∗

4πr2
L(z)∆t∗ f̂ε̄λbol

, (5.14)

where f̂ε̄ is the νFν flux threshold sensitivity of Swift, taken to be
f̂ε̄ = 10−8 erg cm−2 s−1.

The function nc(z) is the comoving star formation rate from
Hopkins & Beacom (2006) which is in the form of

nc(z) =
1 + (a2z/a1)
1 + (z/a3)a4

, (5.15)

where a1 = 0.015, a2 = 0.10, a3 = 3.4, and a4 = 5.5 are the best-fit
parameters (Le & Dermer, 2007).

The unknown parameters in Equation 5.13 can be calculated
by performing a fit of the function to the observed GRB redshift
distribution. Le & Dermer (2007) obtained a best-fit values of
Lγ∗ = 4 × 1051 ergs, θj,min = 0.05 rad, θj,max = 0.7 rad, and
s = 1.25. The form of the function with the best-fit values is shown
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Figure 5.4: The GRB redshift
distribution compared to the
distribution function of Le &
Dermer (2007). The best-fit
values of Lγ∗ = 4× 1051 ergs,
θj,min = 0.05 rad, θj,max =
0.7 rad, and s = 1.25 are
used.

in Figure 5.4, as compared to the observed redshift distribution.

With this distribution function, we can estimate the probability
to observe a GRB of redshift z " 0.1. Figure 5.5 shows a more
detailed view of Figure 5.4 in low-redshift area. Le & Dermer
(2007) estimated that the probability to observe a GRB of redshift
z " 0.1 is P(z ≤ 0.1) ∼ 7× 10−5, and that P(z ≤ 0.2) ∼ 6.5× 10−4.
Assuming that 1 GRB is detected per day by any satellites, from
these number we can expect to observe 1 GRB with z ≤ 0.1 every
∼40 years and 1 GRB every ∼4.2 years to have a redshift of z ≤ 0.2.
The second number is still within the expected operation time of
neutrino telescopes, which is approximately 5–10 years.

Despite these discouragingly low numbers predicted by theo-
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Figure 5.5: A more detailed
view of the GRB redshift
distribution function of Le
& Dermer (2007) for low-
redshift area.

retical calculations, in the last 14 years we have observed at least
6 GRBs with z ≤ 0.1 and 12 GRBs with z ≤ 0.2 within the same
time period2. These facts alone show us the still-uncertain na- 2 From the GRB

index of GRBox,
http://lyra.berkeley.edu/grbox,
retrieved on August 30 2012.

ture of the GRB redshift distribution and that this venture is still
worth-pursuing.

5.2 GRB event generation and muon flux calculations

Generations of GRB events are performed for several data tak-
ing period (in years) nyr = {1, 2, 3, 5, 10} yr. It assumed that 1 GRB
is detected per day, thus making the number of GRBs generated
to be nGRB = 365 × nyr. For each data taking period, each GRB
is generated by randomly generating the six parameters using
the inverse-transform method (Nakamura & Particle Data Group,
2010). The zenith distance cos θ of each GRB is randomly gen-
erated assuming an isotropic spatial distribution in the sky. The
azimuth angle is not generated as it does not have any effect on
the resulting muon spectrum.

Only GRBs above the horizon are then selected for further cal-
culations. the six parameters (Lbol, z, b, ∆t, εbk, θ) is then used to
calculate the muon spectrum at detector depth d = 2475 km, fol-
lowing the prescriptions described in Chapters 2–3.
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The on-period of each GRB observation is defined to be equal
to T90 and the off-period is taken to be 1 hour before the GRB took
place, at the same zenith distance as the observed GRB. The num-
ber of expected event at detector depth could then be calculated,
and the number of expected background during the off-period.

The total number of events from GRBs above the horizon dur-
ing the observation period are then summed, thus stacking all
observed sources as if they are a single observation. The signifi-
cance S of the observation during the data-taking period is then
calculated using the Li & Ma (1983) significance formula written
in Equation 4.2.

Due to the stochastic nature of GRB events, this simulation is
repeated 106 times in order to analyze the distribution of the sig-
nificance and to estimate the discovery potential.

5.3 Result and conclusions

The result of the simulation is shown in Figure 5.6. Each panel
in the Figure describes the probability do make a detection with
significance greater than any given S, for 4 different detector size
(i.e. Aeff

µ = {10−3, 10−2, 0.1, 1} km2) and for 5 different data-taking
period.

The result in Figure 5.6 indicates that an ANTARES-sized de-
tector of Aeff

µ = 10−2 km2 is still too small make a discovery. Even
a sub-km3 detector with Aeff

µ = 0.1 km2 still has very little chance
to make a discovery with at 3σ significance, as it has only 5%
probability of making a 3σ discovery or better (for a data-taking
period of 5 years).

A km-sized detector can have a better chance of making a 3σ

detection. After an operation of 5 years, it has ∼50% probability
to detect TeV photon signals with 3σ significance or better, and
∼25% probability for a 5σ detection or better.

From these results it can be safely concluded that a neutrino
telescope that can be taken seriously must have an instrumented
volume of at least 1 km3, which enables it not only to detect astro-
physical high-energy neutrinos but also plays its secondary role
as a VHE γ-ray observatory.
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Figure 5.6: The distribution
of the detection significance
S of stacked GRB observa-
tions, here plotted for four
different detector size and 5
different data-taking period.
The larger the detector size,
the better the chance to detect
events with 3σ and 5σ signif-
icance or better, as indicated
by the dashed vertical lines.
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6 The ANTARES neutrino telescope

On May 29th 2008, the 12th line of the ANTARES neutrino tele-
scope was put in operation thus completing the construction which
has begun in 2006 (Ageron et al., 2011). This makes ANTARES the
largest neutrino telescope in the northern hemisphere and the sec-
ond largest neutrino telescope in the world.

Due to the location at the bottom of the sea, at a depth of
2475 m, many technical challenges had to be met to overcome the
problems that can arise from deep-sea environments. Following
a discussion on the basic detection principle of a neutrino tele-
scope, this Chapter will discuss the architecture of the ANTARES
telescope and the method to reconstruct muon tracks that pass
through the detector.

6.1 Čerenkov photons

When a charged particle such as a muon traverses a medium with
velocity β greater than the speed of light in that medium, u = 1/n, Here velocities β and u are

expressed in fractions of the
speed of light in vacuum c.

where n is the refraction index of the medium, an electromagnetic
shock-wave will be generated along the trajectory of the particle
(Figure 6.1). This shock-wave is in the form of coherent radiation
of photons emitted at a characteristic angle θC with respect to the
particle’s trajectory, which is determined by (Čerenkov, 1937)

cos θC =
1

βn
, β >

1
n

. (6.1)

For relativistic particles with velocities β , 1 traversing through
water (n = 1.33), the angle is θC , 41.2◦.
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Figure 5.3:

Cherenkov emission by a relativistic
charged particle traveling with a ve-
locity v > c/n through a medium
with refractive index n.

d2N

dxdλ
=

2πα

λ2

(
1 − 1

β2 n2

)
(5.2)

where α is the fine-structure constant. Hence a relativistic muon in water emits about
3.5 · 104 Cherenkov photons per meter in the visible and UV wavelength regime (300 –
600 nm).

5.1.4 Light propagation

The group velocity of Cherenkov light in a medium vg depends not only on the pho-
ton wavelength and the refractive index of the medium, but also on the wavelength
dependence of the refractive index [71] :

vg =
c

n

(
1 +

λ

n

dn

dλ

)
≡ c

ng
(5.3)

where ng is the group refractive index of the medium and c is the speed of light. In
particular, for photons with a wavelength of 460 nm in sea water, the group refractive
index is approximately 1.38.

Propagation of light through a medium is affected by absorption and scattering.
The former effect reduces the intensity of the Cherenkov light while the latter effect
influences the direction of the Cherenkov photons as a function of the propagation
distance. Both phenomena depend on the photon wavelength. Photon absorption is
characterised by the absorption length λabs of the medium, defined as the average
distance through which a fraction of e−1 of the photons survives. Photon scattering
in a medium is characterised by the scattering length λscat of the medium defined as
the average distance through which a fraction of e−1 of the photons do not scatter,
and by the scattering angle θscat of the photon single scattering process. These two
quantities can be combined into a parameter with similar characteristics to λabs. This
parameter is the effective scattering length, defined as λeff

scat = λscat/(1− 〈cos(θscat)〉),

72

Figure 6.1: An illustration
of the Čerenkov wavefront of
the photons emitted at an an-
gle θC . Figure reproduced
from Lim (2011).

This radiation is named after Pavel Čerenkov who first noticed
a very weak visible radiation from pure liquids under the influ-
ence of γ-rays in his experiments (Čerenkov, 1934, 1937). This
happened because the electromagnetic field of the traversing par-
ticle distorts the atoms such that they will be polarized toward
the trajectory of the particle. The atoms will then emit photons as
they return to equilibrium (Jelley, 1958). The number of photons
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emitted per unit wavelength per unit unit distance is

dN
dλdx

=
2παZ2

λ2

(
1 − 1

n2β2

)
, (6.2)

where α is the fine structure constant, Z is the electric charge of
the moving particle, and λ is the wavelength of the photons. If we
integrate Equation 6.2 over λ, we obtain the number of photons
emitted within a range of wavelength between λ1 and λ2 (Jelley,
1958):

dN
dx

= 2παZ2
(

1
λ1

− 1
λ2

)(
1 − 1

n2β2

)
. (6.3)

Thus for a relativistic muon with β , 1 in water, approximately
30 000 photons in the visible spectrum (350 nm ≤ λ ≤ 750 nm)

are emitted per meter.

6.2 Detection principle of a neutrino telescope

When a cosmic neutrino passes through the Earth, it may inter-
act via the charged current interactions to produce a muon that
could come out of the other side of the Earth (Figure 6.2). The
muon will travel in the same direction as the neutrino with minor
deviation. An upgoing track will confirm the neutrino origin of
the muon since no other known particles can traverse the entire
Earth.

In order to detect the faint Čerenkov light, no other source of
light—such as sunlight or manmade light source—should be de-
tected. The detector must also be deep enough to veto as much
atmospheric muons as possible. Atmospheric muons are muons
resulting from the interaction of cosmic rays with the atmosphere.
They can have sufficient energy to penetrate great depths, but they
should be detected as downgoing muon tracks (Figure 6.2). These
muons will constitute a background if the direction is not accu-
rately reconstructed. Another background is due to atmospheric
neutrinos, which are also the result of cosmic-ray interactions with
the atmosphere. They are indistinguishable from cosmic neutri-
nos.

The wavefront of the Čerenkov photons is a cone. To detect
these photons, a neutrino telescope comprises a three-dimensional
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Figure 6.2: The detection
principle of a neutrino
telescope and the various
sources of muons that can be
detected. Illustration by the
author.

arrangement of light-sensitive detectors, usually photomultiplier
tubes (PMT). The PMTs record the arrival time and amplitude of
the Čerenkov photons. For an underwater detector such as AN-
TARES, the PMTs are housed in a transparent pressure casing to
protect the PMTs and its electronic instruments against the hostile
environment of the deep sea.

6.3 The ANTARES detector

The site of ANTARES is approximately 40 km to the southeast
of Toulon, south of France (Figure 6.3). The control station of AN-
TARES is located at La Seyne-sur-Mer, a commune located at the
west of Toulon. Power to the detector and data from the detector
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Figure 6.3: The depth con-
tour of the Mediterranean
Sea around the site of AN-
TARES. ANTARES is located
approximately 40 km off the
coast of Toulon, south of
France, at a depth of 2475 m.

are transmitted through an electro-optical cable that connects the
detector to the control station on the shore.

ANTARES is located on the seabed at a depth of 2475 m. All
components of the detector must then be able to withstand a hy-
drostatic pressure between 200 and 256 bar and resist the cor-
rosion of sea water for a minimum detector lifetime of 10 years
(Ageron et al., 2011). The following subsections will give a brief
description of the most important components of ANTARES. A
more complete overview is given in Ageron et al. (2011).

6.3.1 The Optical Module (OM)

The basic element of ANTARES is a glass sphere with a PMT
inside, called optical module (OM), shown in Figure 6.4. The glass
sphere has a diameter of 43 cm and 15 mm thickness. The material
is a transparent Vitrovex® glass sphere with >95% transmission
for light with wavelength above 350 nm. The glass sphere contains
a PMT and a magnetic shield, kept in place by an optical gel. The
gel is a two-component silicon rubber with elasticity soft enough
absorb the sphere diameter reduction by the deep sea pressure
and yet stiff enough to hold the PMT in place (Amram et al., 2002).

The photomultiplier tube is the Hamamatsu 10” PMT model



the antares neutrino telescope 125

2. Detection principle of a neutrino telescope

High-energy muon neutrinos can be detected by obser-
ving the long-range muons produced by neutrino interac-
tions with the matter surrounding the detector [2]. In a
transparent medium, such as water or ice, the Cherenkov
light induced by these relativistic muons can be detected by
a three-dimensional array of PMTs. The measurement of
the arrival time of the Cherenkov light at each PMT
combined with the knowledge of their positions allows the
reconstruction of the muon direction. The number of
photons hitting each PMT gives an estimate of the muon
energy.

Though simple in principle, the design of the telescope is
limited in practice by two essential constraints:

! A very large muon flux is naturally produced by cosmic
ray interactions with the Earth’s atmosphere. In order to
reduce this background, the neutrino telescope must be
located in the sea (or ice) at a depth of a few kilometres.
Therefore, the PMTs must be housed in a transparent
and pressure-resistant glass sphere. This glass sphere,
together with the equipment inside, is called Optical
Module (OM).

! Due to the very low flux of high-energy neutrinos
from astrophysical sources and to the small neutrino
interaction cross-section, a large-volume detector is
necessary.

Fig. 1 shows a schematic view of the ANTARES
telescope. It consists of 12 vertical lines, separated by
60–75m from each other. Each line is equipped with 75
OMs, in groups of three forming storeys separated by
14.5m. The whole detector is immersed at a depth of
2500m and connected to the shore by a 40 km long electro-
optical cable.

3. Specifications for the ANTARES photomultiplier tubes

This section describes the specifications required
for the photomultiplier tubes used in ANTARES. In
order to establish a standard set of measurement
parameters, we require the following conditions during
the tests:

! an average light level corresponding to well below one
photoelectron is used;

! the high voltage is fixed to HVnom (see, below);
! the PMT is shielded against the Earth’s magnetic field;
! measurements are performed at room temperature
("20 #C);

! the light source illuminating the photomultiplier should
have a wavelength of about 450 nm;

! the temporal width of the light pulse is lower than 1 ns
(FWHM);

! light homogeneously illuminates the photocathode.

3.1. Dimensions

Fig. 2 shows a sketch of the ANTARES OM [3].
It consists of a pressure-resistant glass sphere housing
the photomultiplier embedded in silicon gel to ensure a
good optical coupling. A high permittivity alloy cage
surrounds the tube, shielding it against the Earth’s
magnetic field. Signal outputs and HV control and
monitoring are transmitted through pressure-resistant
connectors to and from the outside world. The glass
sphere, made of two separate halves, is closed by applying
an inner under-pressure of 200–300mbar. The sphere
dimension (41.7 cm inner diameter) limits the photo-
cathode diameter to "38 cm (15 in. PMT), and the total
PMT length to "35 cm.

ARTICLE IN PRESS

Fig. 1. The ANTARES detector will consist of 12 lines, about 450m long,
out of which 350m are equipped with 75 optical modules grouped in 25
triplets called storeys.

Fig. 2. Sketch of an ANTARES optical module. A large hemispherical
photomultiplier (10 in. diameter) is protected by a pressure-resistant glass
sphere. The outer diameter of the sphere is 43.2 cm.

J.A. Aguilar et al. / Nuclear Instruments and Methods in Physics Research A 555 (2005) 132–141134

inside and the outside, and a vacuum valve, which
is used to set and monitor the OM internal
pressure. The vacuum valve is the only metallic
part of the glass sphere: it is made of titanium to
prevent any risk of corrosion.

3.1.3. Magnetic shielding
The Earth’s magnetic field modifies the electron

trajectory in the PMT, especially between the
photocathode and the first dynode, and degrades
the uniformity of the response. At the ANTARES

site, the ambient magnetic field is expected to be
uniform, pointing downward at 231 from the
vertical with an amplitude of about 44 mT:
Laboratory measurements have shown that such
a magnetic field degrades the transit time spread
and peak-to-valley ratio of the 1000 Hamamatsu
PMT operating in nominal conditions by up to
30% (depending on the orientation).

A magnetic shield is thus used to make the PMT
response sufficiently homogeneous over the photo-
cathode surface, while minimizing shadowing
effects. For this purpose, a wire cage made of m-
metal, a nickel-iron alloy with very high magnetic

Fig. 4. Schematic 3D view of the ANTARES optical module and its components.

Fig. 5. A 1000 photomultiplier model R7081-20 from Hama-
matsu.

Table 1
Average properties of the 1000 Hamamatsu photomultiplier
R7081-20. The transit time spread (TTS), the peak-to-valley
ratio ðP=VÞ; and the resolution sE=E are measured from the
single photo-electron spectrum. The dark count (DC) rate is
measured at room temperature and at 0.25 photo-electron level.
Quoted values are for a nominal gain of 5# 107

Photocathode area 500 cm2

High voltage 1760 V
TTS (FWHM) 2:6 ns
P=V 2.7
sE=E 40%
DC rate B1900 Hz

P. Amram et al. / Nuclear Instruments and Methods in Physics Research A 484 (2002) 369–383374

Figure 6.4: Left: Schematic
view of an ANTARES op-
tical module (OM). Right:
A Hamamatsu R7081-20 10”
photomultiplier tube. Fig-
ures reproduced from Am-
ram et al. (2002).

R7801-20 (Figure 6.4, right). It is a large hemispherical PMT of
25 cm in diameter and an effective sensitive area of 440 cm2. It
is sensive to photons with wavelength in the visible spectrum be-
tween 300–600 nm, with peak quantum efficiency (QE) of 23% at
wavelength of 350–450 nm. At a voltage of 1760 V the PMT has a
nominal gain of 5 × 107. The accuracy of the measurement of the
arrival time of a photon at the photocathode is determined by the
Transit Time Spread (TTS). From the measurements of 912 PMTs,
the TTS is found to be 2.79 ± 0.15 ns and the dark noise rate to be
1.88 ± 1.08 kHz (Aguilar et al., 2005a).

The PMT is surrounded by a mesh of µ-metal wires to minimize
µ-metal is a nickel-iron al-
loy that has a very-high mag-
netic permeability for low-
intensity magnetic fields.

the influence of the Earth’s magnetic field. The size of the wire
mesh is 68 × 68 mm2 with a wire diameter of 1.08 mm, resulting
in a shadowing effect of less than 4% of the photocathode area
while reducing the magnetic field effects by a factor of 2.5 (Amram
et al., 2002).

The high voltage system to power the PMT adopts the Cockcroft–
Walton scheme (Cockcroft & Walton, 1932) to limit the power con-
sumption to less than 300 mW. This is a factor 10 reduction com-
pared to standard converters and passive dividers (Amram et al.,
2002). The system has two independent high-voltage chains. The
first chain produces a constant focusing voltage (800 V) to be ap-
plied between photocathode and first dynode, while the second
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chain gives the amplification voltage which can be adjusted from
400 to 1600 V by an external DC voltage (Ageron et al., 2011). A
48 V DC power supply powers the HV generator.

The OM is also equipped with a LED system used for internal
calibration, especially for the calibration of the TTS. This system
consists of a fast blue light-emitting diode (LED) with peak inten-
sity around 470 nm. The LED is glued on the back of the PMT
to optimally illuminate the photocathode through the aluminium
coating of the tube (Amram et al., 2002). The LED is activated by
an externally-driven pulser circuit.

6.3.2 Floors, sectors, and detector lines

5.2 The ANTARES detector
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Schematic views of an ANTARES optical mod-
ule (top-left) and a storey (right).
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approximately 2.6 ns FWHM. The dark count rate at the 0.25 photo-electron level
is about 2 kHz. The PMT is surrounded by a µ-metal cage to minimise the influence
of the Earth’s magnetic field on its response. The high voltage is provided by the
electronics board mounted on the PMT socket. This board also contains a LED
calibration system. A transparent silicon rubber gel provides the optical contact
between the PMT and the glass, and gives mechanical support. The glass hemisphere
behind the PMT is painted black and contains a penetrator which provides the power
and data transmission connection to the outside.

2. The OMs are grouped in triplets to form a storey or floor, as shown in figure 5.6.
They are mounted at equidistant angles around a titanium Optical Module Frame
(OMF), and point downwards at 45 ◦ with respect to the vertical. The OMs are con-
nected to the Local Control Module (LCM). This titanium cylinder at the centre of
the OMF houses data transmission electronics of the OMs, as well as various instru-
ments for calibration and monitoring. A storey may also contain extra instruments
that are mounted on the OMF, such as a LED beacon or an acoustic hydrophone.

3. Storeys are serially connected with Electro-Mechanical Cables (EMCs), which con-
tain electrical wires for power distribution and optical fibres for data transmission.
The distance between adjacent storeys is 14.5 m. Five storeys linked together consti-
tute a sector, an individual unit in terms of power supply and data transmission. In
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Figure 6.5: Schematic view
of an ANTARES floor and
its component. Figure repro-
duced from Lim (2011).

The optical modules are grouped together in triplets to form a
floor or storey (Figure 6.5). The PMTs point downwards at 45◦ an-
gle relative to the vertical to optimize photon collection from up-
going muon tracks. The frame that hold them together, the optical
module frame (OMF), also holds the local control module (LCM).
The LCM is a Titanium cylinder housing the readout electronics.
The OMF also supports various instruments for calibration and
monitoring.

Floors are connected with each other by an electromechanical
cable (EMC). The EMC contains 21 optical fibres for data trans-
mission as well as 9 electrical conductors for power distribution.
The distance between each floors is 14.5 m. Five connected floors
make up a sector and a sector is an individual unit as far as power
supply and data transmission are concerned. In each sector, one
of the five LCMs is a Master LCM (MLCM) that manages data
transfer between all LCMs and in the sector and the shore.

A single detector line (Figure 6.6) consists of 25 floors (or 5
sectors) linked together by the EMC. The line is anchored to the
seabed by a Bottom String Structure (BSS). The BSS also allows
line recovery by means of two parts: an unrecoverable deadweight
on the seabed and a recoverable part on top of it, which are con-
nected together by a release system remotely controlled by acous-
tic signals (Ageron et al., 2011). The BSS also contains a String
Control Module (SCM) and a String Power Module (SPM). The
SCM contains electronics that manages the data transmission be-
tween sectors in the line and the shore. The SPM provides indi-
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vidual power supplies for all sectors in the line.
The distance between the seabed to the lowest floor of each line

is 100 m, to maximize the development of the Čerenkov cone for
upgoing muon tracks. At the top of each line, a buoy is placed to
keep the line vertical.

The full ANTARES detector (Figures 6.7) consists of 12 detector
lines distributed in an octagonal configuration and a dedicated in-
strumentation line (IL). The instrumentation line is equipped with
instruments dedicated for acoustic neutrino detection (Aguilar
et al., 2011b) and environmental monitoring. The last line, Line 12,
contains only 20 floors. The lines are separated by an average dis-
tance of ∼60 m. The BSS of each line is connected to the junction
box (JB) which is the main distribution point of data and power
supply between the detector lines and the shore. The junction box
is connected to the shore by a ∼40 km main electro-optical cable
(MEOC).

Altogether, the 885 OMs in the 12 detector lines that comprise
ANTARES cover an instrumented volume of approximately 1.1 ×
107 m3.

Figure 6.6: A schematic view
of an ANTARES detector line
and its floors, compared with
the Eiffel Tower (324 m).
Also shown at the inset is the
comparison of an ANTARES
floor to the Pioneer plaque
man (168 cm). Figure cour-
tesy of Guillard (2011).

6.4 Data acquisition (DAQ) system

The main purpose of the data acquisition (DAQ) system is to
convert the analogue signals from the PMTs into a format suit-
able for physics analysis. This process consists of several steps:
The preparation for data taking, digitization of the analogue sig-
nals from the PMTs, transporting the data to shore, filtering the
physics signals from backgrounds, storing and archival (Aguilar
et al., 2007). Some of these aspects will be discussed below.

6.4.1 Signal digitization

When a photon hits the photocathode of a PMT, an electron may
be emitted through photoelectric effect. The electron is then accel-
erated through the dynode structure of the PMT and multiplied.
The quantum efficiency of the PMT determines whether a photon
in a certain wavelength could be detected.
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5.2 The ANTARES detector
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Figure 5.8: The ANTARES detector is composed of 12 detector lines of 25 storeys
each, plus an instrumentation line (IL) of 6 storeys. Line 12 has 24 stories
of which the top 4 do not contain optical modules.

5.2.2 Data acquisition

The transport of data and control signals between the PMTs and the onshore control
station and vice versa is handled by the Data AcQuisition (DAQ) system. The DAQ
system involves several steps, as described in the following [85].

Signal digitisation

A photon that hits the photocathode of a PMT can induce an electrical signal on
the anode of the PMT. The probability for this to happen is characterised by the
quantum efficiency of the PMT. If the amplitude of the signal exceeds a certain voltage
threshold, the signal is read out and digitised by a custom designed front-end chip, the
Analogue Ring Sampler (ARS) [86], located in the LCM. The voltage threshold is set
to a fraction of the single photo-electron average amplitude to suppress the PMT dark
current, typically 0.3 photo-electrons. The time at which the signal crosses the threshold
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Figure 6.7: A schematic view
of the full ANTARES detec-
tor, which consists of 12 de-
tector lines of 25 floors each,
and an instrumentation line
(IL) of 6 storeys. Line 12 has
only 20 floors. Figure repro-
duced from Lim (2011).

Digitization of the analogue signal occurs when the amplitude
of the signal exceeds a predetermined voltage threshold. The
threshold is typically set to a 0.3 of the single photoelectron sig-
nal, to suppress the PMT dark current. Signal digitization is per-
formed by a custom-made front-end chip called the Analogue
Ring Sampler (ARS). The ARS timestamps the signal when it crosses
the threshold. The time is defined with respect to a reference time
provided by a local clock which is synchronized with the onshore
master clock. The timing resoluting is better than 0.4 ns (Aguilar
et al., 2010).

The change of the analogue signals is measured with an 8-bit
Analogue-to-Digital Converters (ADC), with an integration gate
typically set to about 35 ns to minimize the contribution of elec-
tronic noise (Aguilar et al., 2007). A dead time of ∼250 ns is in-
troduced when the ARS is processing signals. Therefore two ARS
chips are used in order to minimizes this dead time. The min-
imum time difference between two consecutive hits in the same
PMT can thus be as low as 38 ns (Aguilar et al., 2010).
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The combined charge and time information of a PMT signal is
called a level zero (L0) hit. All 6 ARS chips in an LCM are read-
out by a Field Programmable Gate Array (FPGA) that arranges
the hits produced in a preset time window into a dataframe, and
buffers these in a 64 MB Synchronous Dynamic Random Access
Memory (SDRAM). The complete set of dataframes from all ARSs
corresponding to the same time window is called a time slice.

6.4.2 Data transfer, storage and filtering

During data taking, all signals recorded by the PMTs and digi-
tized by the ARS chips are transported to the shore station without
any selection. This concept is known as the all-data-to-shore con-
cept. All raw data are then available on shore in which further
analysis can be applied.

Each LCM contains a CPU connected to the onshore computer
farm through the main electro-optical cable. The buffered data
stored in the SDRAM are sent as single packet to shore using
TCP/IP (Aguilar et al., 2007). Each LCM CPU is connected to the
MLCM through a bidirectional Fast Ethernet link of 100 Mb/s. In
the MLCM, these links are multiplexed using an Ethernet switch
into two unidirectional 1 Gb/s links, one for incoming control
signals and one for outgoing data.

Data transport between the detector and the shore station em-
ploys the dense wavelength division multiplexing (DWDM). Mul-
tiple wavelength are used to transmit different streams of data
along a single fibre (Aguilar et al., 2007).

As a consequence of the all-data-to-shore concept, the rate of
data is typically at 0.3–0.5 Gb/s (Aguilar et al., 2007). The vast
majority of these data are due to the optical background in the
sea. A filtering system must be employed to reduce the demand
for data storage. A computer farm in the shore station is used
for this purpose. The algorithms implemented are designed to
search for a physics signal by looking for space-time correlations
between hits. The algorithm look for a set of causally-connected
hits. If such event is found, all hits during a preset time window
are stored.
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6.5 Calibrations

There are various calibrations performed to operate the detector
optimally: The time calibration is necessary to precisely determine
the arrival time of the Čerenkov photons at each PMT. Because of
sea currents and the flexibility of the electromechanical cables, the
detector lines can sway sideways and thus displace the position of
each PMT relative to the vertical. Position calibration is performed
to determine the accurate location of all PMTs at any given time.

A precise measurement of the photon arrival time and the posi-
tion of each PMTs allows tracks to be reconstructed with an accu-
rate angular resolution, which is expected to be " 0.3◦ for muons
of energies above 10 TeV (Ageron et al., 2007). The charge calibra-
tion is used to convert the data into units photoelectrons.

6.5.1 Time calibration

The relative arrival times of the Čerenkov photons between
PMTs are essential for an accurate reconstruction of the muon di-
rection. The difference of each local clock relative to the onshore
master clock thus has to be known. The time resolution of the
clock is limited by the transit time spread (TTS) of the signal in
the PMTs and by the scattering and chromatic dispersion of light
in seawater which typically has σ ∼ 1.5 ns (Aguilar et al., 2005b).

Time calibration should reach a precision below the nanosec-
ond level. Several complementary, independent calibration sys-
tem are implemented to this end.

The internal clock calibration system sends signals between the
onshore master clock and the local clock in each LCMs. The time
offset between all LCM clocks can be measured by recording the
time delays of the return signals of each floor relative to the origi-
nal clock signal emission time. A resolution of ∼0.1 ns is obtained
from measurements in real conditions (Aguilar et al., 2011a).

The blue LED inside each OMs is used to measure the relative
variation of the PMT transit time. Using this method, the path
traversed by the signal from the PMT photocathode up to read-
out electronics can be monitored. Over an eight month period,
the variation of the transit time is found to be less than ∼0.2 ns
(Aguilar et al., 2011a).
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The optical beacon system allows the relative time calibration
of different OMs to be determined as well as the influence of wa-
ter properties on the light propagation to be monitored (Ageron
et al., 2007). The optical beacon system consists of a series of
pulsed light sources distributed throughout the detector. An LED
beacon is composed of several LEDs, pulsed by dedicated elec-
tronic circuits. Four blue LED (470 nm) beacons are located in
every line of the detector at floors 2, 9, 15, and 21 (counted from
bottom to top), and two green (532 nm) laser beacons are located
on the BSS of lines 7 and 8 (Aguilar et al., 2011a). Once per week
a time calibration is done using the LED and laser beacons.

Calibration using the optical beacon system yield a time reso-
lution of ∼0.5 ns. The time resolution is thus dominated by con-
tributions from the transit time spread of the PMT, and the con-
tributions from the scattering and chromatic dispersion of light in
water (Aguilar et al., 2011a).

Absolute timing is performed by synchronizing the onshore
master clock with the Global Positioning System (GPS) time, which
provides a time accuracy of ∼100 ns (Aguilar et al., 2011a).

6.5.2 Position calibration

The sway of the detector lines due to sea currents is measured by
two independent systems: an acoustic positioning system and a
tiltmeter-compass system (Ardid, 2009).

A High Frequency Long Baseline (HFLBL) acoustic system is
used to determine the three-dimensional position of hydrophones
along a detector line. The positions are obtained by triangulation
from emitters anchored in the base of the line and autonomous
transporders on the sea floor. This method has an accuracy of
10 cm.

The tiltmeter-compass system gives the local measurements of
tilts (roll, pitch) and heading of storeys. The system has a mea-
surement accuracy of 0.2◦ in tilt and 1◦ in heading. The measure-
ments of the tilt and heading of each detector line is performed
every 2 minutes.

The swaying of the detector line is reconstructed using a global
χ2 fit of a line shape model to the data. The line shape model is
then employed to calculate the position of all OMs at any given



132 starlight beneath the waves

Chapter 5. The ANTARES neutrino telescope

PSfrag replacements

radius [m]

h
ei
gh

t
[m

]

v1

v2

v3

v4

v5

Figure 5.10:

Reconstructed detector line shape at
different sea current velocities [90] :

v1 = 0.01 cm/s
v2 = 7 cm/s
v3 = 12.6 cm/s
v4 = 16 cm/s
v5 = 20 cm/s

The tiltmeter-compass system comprises a tiltmeter and a compass in each LCM.
The two perpendicular tilt angles of a storey, the pitch and roll angles along the North-
South and East-West axes, are monitored by a tiltmeter with an accuracy of 0.2◦. The
heading angle of a storey with respect to the North-South axis is monitored with a
compass with an accuracy of 1◦. The tiltmeter-compass data are also read out every
2 minutes.

The shape of each detector line is reconstructed by performing a global χ2 fit using
information from both systems. The line shape is used to calculate the relative position
of each PMT in the detector line with respect to the BSS. The reconstructed detector
line shape for various sea current velocities is shown in figure 5.10. The absolute position
of the BSS of each line is determined during the connection of a line to the JB with a
Remotely Operated Vehicle (ROV). This is done by acoustic positioning and pressure
measurements by the ROV, and the GPS location of the ship.

5.2.5 Optical background

Naturally, sea water contains two independent sources of visible light which have to
be taken into account in the neutrino telescope concept : the radioactive isotope of
potassium, 40K, and bioluminescence.

Monitoring of the sea water salinity at the ANTARES shows that it is constant
at about 3.9%. This implies that sea water consists for approximately 400 ppm of
potassium. About 0.012% of potassium consists of the long-lived radioactive isotope
40K, which has a half-life of 1.3 billion years. It can decay to 40Ca through beta decay
(89% of the time) and to 40Ar through electron capture and emission of an energetic
photon (11% of the time). In the beta decay, the maximum electron energy of 1.3 MeV
lies above the Cherenkov threshold in water. In the electron capture, the photon energy
of 1.46 MeV is sufficiently high to Compton scatter an electron above the Cherenkov
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Figure 6.8: The shape of a
detector line due to sea cur-
rent. The swaying is shown
for various sea current veloc-
ities: v1 = 0.01 cm/s, v2 =
7 cm/s, v3 = 12.6 cm/s,
v4 = 16 cm/s, and v5 =
20 cm/s. The horizontal
scale is exaggerated for illus-
tration purpose. Figure re-
produced from Fritsch (2010).

time, relative to the position of the BSS. The absolute position of
the BSS itself is determined during the deployment of the BSS
with a remotely operated vehicle (ROV). This is performed by
acoustic positioning of the ROV and knowing the GPS location of
the ship at the surface. The reconstructed detector line shape due
to various values of sea current velocities is shown in Figure 6.8.

6.6 Triggering and track reconstruction

The majority of the data taken by ANTARES will come from
random backgrounds due to the decay of the radioactive Potas-
sium isotope 40K, and bioluminescence.

The decay of 40K will introduce a continuous baseline rate of
∼35 kHz (Figure 6.9) in the measurement of photon rate by the
PMTs (Amram et al., 2000). Bioluminescence, which is caused
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Figure 2.12: Typical photomultiplier tube counting rate as a function of time. The
almost flat background indicates the presence of potassium decay light while the bursts
correspond to bioluminescence. Figure taken from [Amra 00].

Figure 2.13: Correlation between
the burst fraction and the sea
current velocity, measured at the
ANTARES site. An increased
bioluminescence activity is ob-
served for higher current veloci-
ties. Taken from [Chia 10].

the equator of the sphere housing the photomultiplier tube, decreasing with increasing
zenith angle. Additionally it exhibits a tendency to saturate with time. Even though
the sedimentation rate at the site can be quite high, these sediments are washed away
by the sea currents. The light transmission as a function of time is shown in figure 2.14.

Figure 6.9: A typical mea-
surement of the photon
counting rate at 0.3 pe level.
A continuous baseline rate
of ∼35 kHz can be observed
here, which is due to the
40K decay. We can also
see an occasional burst of
photon rate which is due
to bioluminescence. Figure
reproduced from Amram
et al. (2000).

by marine life, will give rise to bursts with rates up to several
orders of magnitude above the baseline rate. Long-term observa-
tions show that these burst due to bioluminescence have seasonal
variations that correlate with the sea current.

A reduction of this background noise can be obtained by search-
ing for hits within a 20 ns window in PMTs of the same floor or
single hits with an amplitude higher than 3 pe. Hits satisfying
these criteria are called level one (L1) hits. By searching for L1 hits
satisfying the causality relation one can reduce the background
rate by a factor of ∼104 (de Jong, 2005).

6.6.1 Causality relation

Photon hits due to the emission of Čerenkov radiation from a
muon track should be causally related in space-time. In Figure
6.10 the track of a muon passing through a part of the detector
is depicted. Consider a pair of hits detected in PMTi and PMTj
respectively at time ti and time tj. If we assume that both hits are
Čerenkov photons emitted by the same muon, the time of the hits
and the distance between the PMTs must then satisfy the causality
relation

|ti − tj| = rij
n
c

, (6.4)

where rij is the distance between the two PMTs, n is the refractive
index of seawater, and c is the speed of light (Figure 6.10). This
Equation can be used to look for a cluster of hits. If the cluster



134 starlight beneath the waves

Figure 6.10: Left: Definitions
employed in the causality cri-
terion. Right: Definitions em-
ployed in a directional trig-
ger. Figure reproduced from
Ageron et al. (2011).

contains at least 5 L1 hits or a local cluster of neighbouring L1
hits, then the event will stored.

A directional trigger can be applied which includes a scan over
a number of directions. Two hits can be considered to come from
the same muon track if they satisfy the direction-specific causality
relation

(zi − zj)− Rij tan θC ≤ c(ti − tj) ≤ (zi − zj) + Rij tan θC, (6.5)

where zi,j refers to the positions of PMT i, j along the muon direc-
tion, Rij is the distance between the two PMTs in the plane per-
pendicular to the muon direction, and θC is the Čerenkov angle in
water. If a cluster contains at least 5 L1 hits within Rij ≤ 90 m, the
event will be triggered.

6.6.2 Onshore filtering system and the GRB Coordinates Net-
work (GCN)

The PC farm that comprises the onshore filtering system is also
linked to the GRB Coordinates Network (GCN). Whenever an
alert from GCN is received, all raw data currently being processed
are immediately saved to disk. The data stored in memory, which
were taken before the alert is received, are also saved to disk. This
is possible because the data filtering PCs serve also as a buffer-
ing system that delay the filtering process and store the raw data



the antares neutrino telescope 135

memory as long as possible. This allows us to save the raw data
up to 4 minutes taken before the alert was received (Bouwhuis,
2005). It is possible to store all the raw data up to 3 minutes after
the alert is received, this depends on the size of the raw data it-
self. This linking of onshore filtering system to GCN alert system
allows the sensitivity of ANTARES to transient sources such as
GRBs or X-ray flares to be maximized.

6.6.3 Track reconstruction

The goal of track reconstruction is to obtain the position and
direction of the muon track based on the recorded photon hits.
The trajectory of the muon can be expressed by the normalized
direction d ≡ (dx, dy, dz), the position p ≡ (px, py, pz) at a fixed
time t0. We can also express the direction in terms of azimuth φ

and zenith distance θ, i.e. d = (sin θ cos φ, sin θ sin φ, cos θ), which
explicitly reduces the number of directional parameters to two.
There are thus five independent parameters that we seek.

The reconstruction algorithm is performed in four consecutive
procedures, in which the final procedure gives the most accurate
result but requires an a priori estimate of the track parameters that
should be close to the true values (Heijboer, 2004).

In general, the fitting is based on the time residuals of the
recorded hits:

ri = ti − ti,th, (6.6)

where ti is recorded time of a hit and ti,th is the theoretical time
of hit should it comes from a Čerenkov photon, given the track
parameters.

k

p

q

!c

l

Figure 1: Geometrical relation between a point !q and the muon track. k and l
represent the components of !v = !q − !p perpendicular, and parallel to the track
direction respectively. The dashed line indicates the path of the light. θC is the
Cherenkov angle.

4

Figure 6.11: Geometry of the
detection of a Čerenkov pho-
ton. A muon with direction
d goes through point p. A
Čerenkov photon is emitted
at an angle θC and is detected
by an OM located at q. The
vector between p and q is v,
and k is the vector towards
q that is perpendicular to d.
Figure reproduced from Heij-
boer (2004).

To calculate the theoretical time of hit ti,th we must first know
the distance between the track and the PMT in which it is recorded.
In Figure 6.11, the geometry is described. Let us first define
v = q − p. We can project v to the track to obtain ‖l‖ = v · d.
The length of vector k can then be computed by

‖k‖ = (‖v‖2 − ‖l‖2)1/2. (6.7)

The theoretical time of hit is then

ti,th = t0 +
1
c

(
‖l‖ − ‖k‖

tan θC

)
+

‖k‖
vg sin θC

, (6.8)
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where vg is the group velocity of light.

The first stage of track reconstruction is the linear prefit. Let
us first denote the position of the i-th hit as (xi, yi, zi). In the prefit
it is assumed that the hits occur on points located on the muon
track. This assumption can be a reasonable approximation if the
length of the muon track in the detector is much larger than the
attenuation length of light (Heijboer, 2004). The following relation
thus holds:

y = HΘ, (6.9)

here y is a vector containing the hit positions,

y = [x1, y1, z1, . . . , xn], (6.10)

Θ is a vector containing the track parameters

Θ = [px, dx, py, dy, pz, dz]
T , (6.11)

and H is a matrix containing the hit times

H =





1 ct1 0 0 0 0
0 0 1 ct1 0 0
0 0 0 0 1 ct1
1 ct2 0 0 0 0
0 0 1 ct2 0 0
...

...
...

...
...

...
0 0 0 0 1 ctn





. (6.12)

The estimate of the track parameters Θ̂ can be calculated by min-
imizing the χ2,

χ2 = [y − HΘ̂]TV−1[y − HΘ̂], (6.13)

where V is the covariance matrix of the error estimates on the hit
positions, which usually is assumed to be diagonal. By minimiz-
ing χ2 we can obtain

Θ̂ = [HTV−1H]−1HTV−1y. (6.14)

For the second stage, an M-estimator fit is performed. This fit
works by maximising a function g(r). The fit is not very sensitive
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to the accuracy of the starting value, so it seems a logical contin-
uation of the previous stage. The function of the time residuals ri
that provides good results are found to be

g(ri) = −2
√

1 + r2
i /2 + 2. (6.15)

The hits used in this stage are based on the result of the linear
prefit. The time residual ri must satisfy −150 ns ≤ ri ≤ 150 ns
and a distance from the fitted track no larger than 100 m.

The third step is a maximum-likelihood fit where the hit selec-
tion is based on the results of the M-estimator fit. The residuals
used in this stage must satisfy −0.5 × R ≤ Ri ≤ R, where R is
the root mean square of the residuals used for the M-estimator
fit. Hits that are part of a coincidence are also selected. The
maximum-likelihood fit is performed by searching for parameters
that maximize

P(event|track) = ∏
i

P(ti|ti,th, ai, bi, Ai). (6.16)

Here P(ti|ti,th, ai, bi, Ai) is a probability distribution function (PDF)
of ti given (ti,th, ai, bi, Ai), where Ai is the amplitude of the hit, and

bi =
‖ki‖

sin θC
(6.17)

is the length of the photon path, and

ai = [v − d (‖l‖ − b)] · w (6.18)

is the cosine of the angle of incidence of the photon on the OM.
Here w is the direction where the OM points. For a head-on col-
lision of a photon with the photocathode, a = −1, whereas a = 1
means that the photon hits the insensitive rear of the OM.

The PDF used in this fit was developed by Hubaut (1999), and
is shown in Figure 6.12. This PDF does not take photon hits due
to backgrounds into account.

The last two steps are then repeated with different starting
points as input tracks. The different starting points are calculated
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76 Les outils de simulation

• dus au bruit de fond optique. Ils arrivent alors uniformément distribués dans le temps.

Seule la deuxième composante (celle des photons secondaires) dépend de l’énergie du muon.
La distribution temporelle obtenue par des simulations Monte Carlo de photons provenant de
muons de 2, 10, 50 et 250 TeV est montrée en exemple sur la figure 3.15. En la normalisant
à l’unité, cette distribution temporelle représente la densité de probabilité que le coup arrivé
au temps ti sur le photomultiplicateur i soit dû à la trace considérée. On l’appelle fonction de
densité de probabilité (fdp).

Construction de la fonction de vraisemblance

Le but est de trouver la trace muonique la plus probable. C’est celle qui permet de maximiser
le produit des probabilités que chaque coup i enregistré au temps ti lui soit imputable, soit :

L =
∏

i

fdp (ti − (ti)0) (3.9)

C’est ce qu’on appelle la fonction de vraisemblance L. Pour des raisons numériques, on essaie
en fait de maximiser le logarithme de cette fonction :

log(L) =
∑

i

log [fdp (ti − (ti)0)] (3.10)
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Figure 3.15: Fonction de densité de probabilité
du temps d’arrivée des photons issus de muons
de différentes énergies. Le temps Tcherenkov
(ti)0 est pris égal à 0. Seule la partie due
aux photons secondaires dépend de l’énergie du
muon. La contribution constante due au bruit
de fond optique est à un niveau inférieur à 10−5.
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Figure 3.16: Fonction de densité de probabilité
utilisée dans la reconstruction pour calculer la
fonction de vraisemblance. La queue exponen-
tielle correspond aux photons secondaires d’un
muon de l’ordre de 10 TeV.

Pour simplifier le problème, nous avons choisi de découpler la reconstruction de la trajectoire
muonique de la détermination de l’énergie (celle-ci sera présentée au paragraphe suivant). C’est
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à l’unité, cette distribution temporelle représente la densité de probabilité que le coup arrivé
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Pour simplifier le problème, nous avons choisi de découpler la reconstruction de la trajectoire
muonique de la détermination de l’énergie (celle-ci sera présentée au paragraphe suivant). C’est

Figure 6.12: The shape of the
PDF used in the maximum-
likelihood. On the left is
the PDF based on simula-
tions, for Čerenkov photons
coming from muons of dif-
ferent energies. On the right
is a parametrisation of the
PDF for a muon of energy
10 TeV. Figures reproduced
from Hubaut (1999).

by performing a series of rotations and translations. The result
with the best likelihood per degree of freedom is then kept. The
number of starting points that result in track estimates compatible
with the preferred result (those that give the same track direction
to within 1◦) is called Ncomp.

The final step is then to use the starting point obtained from
the previous step as a starting point for the maximum-likelihood
fit with an improved PDF, which is the sum of the PDF for signal
hits and optical background hits:

P(ti|ti,th, ai, bi, Ai). =
1

Ntotal
(PsigNsig + Rbg), (6.19)

here Ntotal and Nsig are the total number of hits and the number of
signal hits, and Rbg = Nbg/∆t = NbgPbg is the optical background
rate. ∆t is the time window of the selection of hits in the event and
Nbg is the expected number hits due to background. For this fit
only hits with residuals between −250 ns and 250 ns and hits
within local coincidences are used.

The final quality of the fit can be characterized by the quantity
Λ which is defined to be

Λ ≡ log L
NDOF

+ 0.1(Ncomp − 1), (6.20)

where L is the likelihood at maximum and NDOF is the degree of
freedom. A higher Λ value means a better-reconstructed event.
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The covariance matrix V can also be calculated by calculating the
second derivatives of the likelihood function at the fitted maxi-
mum:

[V−1]ij = −∂2 log L
∂xi∂xj

, (6.21)

where x = (px, py, pz, θ, φ). From this covariance matrix we can
extract the covariance matrix for the reconstructed azimuth φ̂ and
the reconstructed zenith distance θ̂:

σ̂ =

[
σ2

φ σφθ

σφθ σ2
θ

]
(6.22)

The error estimate of the direction of the reconstructed muon
track σψ can then be obtained from the covariance matrix, i.e.

σψ =
(

sin θ̂σ2
φ + σ2

θ + 2 sin θ̂σφθ

)1/2
. (6.23)

These two parameters, Λ and σψ, are often used for event selec-
tions. In later chapters these parameters will be used to evaluate
the quality of the fit and as basis for cuts.

Knowing how the ANTARES telescope works and how muon
tracks are reconstructed, we can then proceed to the simulations
of downgoing muon events in order to investigate the sensitivity
of the ANTARES telescope high-energy γ-rays.



7 Simulation of the detector response to
downgoing muons

This chapter will discuss the results of Monte Carlo simulations
of the response of the ANTARES detector to downgoing muon
signals. There are two reasons why this study is necessary: First,
the photomultipliers (PMT) are pointing downward to optimize
the detection of upgoing neutrino-induced muons, hence the de-
tection efficiency of downgoing muons will be different. This will
affect the energy threshold of muon detection as well as the an-
gular resolution of the track reconstruction. Secondly, downgoing
muon events in previous analyses are treated only as backgrounds
and not as possible signal. In this work downgoing muon events
are treated both as signal and background.

7.1 Simulation chains

Here we are interested in how downgoing muons are seen by the
detector. The simulations are thus performed in the environment
around the detector. This volume is called the can, a cylindrical
volume with the detector placed at the centre. The size of the can
covers the detector with a margin of a few times the attenuation
length of light. With this definition, the Čerenkov photons pro-
duced outside the can do not reach the PMTs and thus do not
need to be simulated.

Muon tracks are generated with gentra, a simpler version of
genhen (Bailey, 2002), developed specifically to generate single
muon tracks coming from a fixed zenith distance. The muons
are generated with initial positions at the surface of the can. The
azimuthal directions are isotropic but directed towards the inside
of the can, while the zenithal directions are according to the pro-
vided zenith distance range. It is also possible to generate zenithal
directions for a single value of zenith distance.

The energy of the muons are generated according to the power-
law spectrum dNµ/dεµ ∼ ε−α

µ , where α is usually fixed to α = 2.
The generated energy range is between 10 GeV and 1 PeV. In the
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first part of the simulation, the zenith distance range is from 0◦

(coming straight from the zenith) to 90◦ (parallel to the horizon),
equally divided into six bins each 15◦ wide. For each zenith dis-
tance bin, 107 muon tracks are generated. For convenience this
data set will be referred to as Simulation 1.

The propagation of the muon towards the detector, the genera-
tion of Čerenkov photons, and the generation of hits recorded by
the PMTs are simulated with the km3 program (Navas & Thomp-
son, 1999; Bailey, 2002). km3 uses a modified version of the MUSIC1 1 MUon SImulation Code

package (Antonioli et al., 1997) to propagate the muon. MUSIC

simulates both the energy loss and multiple scattering, and treat
all manners of muon interaction with matter as a stochastic pro-
cesses. The tracking of every photon emitted is very inefficient,
thus a set of tables is constructed by taking into account the ab-
sorption and scattering of light and storing the average photon
fields produced by muons for various distances, positions, and
orientations of the PMTs with respect to the track. The number
of the hits and the times on the optical modules are then sampled
from these tables.

The next step is then simulated with the TriggerEfficiency

(de Jong, 2009) program. This program simulates the PMTs and
data acquisition system. Optical background is also added, the
rates can either be provided by the user or generated according
to a Poisson distribution based on measured rates. The latter can
be chosen when one is interested to reproduce the conditions of a
specific data taking period. Signal and background hits are then
generated by simulating the response of the PMTs such as TTS
and electronic, the charge threshold, time integration, and dead
time. The hits are then processed based on the filtering algorithm
discussed in Section 6.6.1. The events used in this analysis are
triggered with the 3N trigger. This trigger is not only the stan-
dard trigger that is always present in ANTARES data taking, but
it also has a high purity, i.e. has a directional information which
is important for sources with known directions such as GRBs.

In TriggerEfficiency, the random background hits are gener-
ated according to the normal distribution, its rate is set to 100 kHz.
The number of triggered physics events for each zenith distance
is shown in the 4th column of Table 7.1.
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Zenith distance Can area
Ngen Nphys Nreco Nreco(ψ ≤ 1◦)

[◦] [km2]

0 ≤ θ ≤ 15 0.18 107 34556 (0.35%) 33308 (96.39%) 3956 (11.88%)

15 ≤ θ ≤ 30 0.22 107 17979 (0.18%) 17713 (98.52%) 3887 (21.94%)

30 ≤ θ ≤ 45 0.26 107 17783 (0.18%) 17659 (99.30%) 5143 (29.12%)

45 ≤ θ ≤ 60 0.27 107 24982 (0.25%) 24881 (99.60%) 8376 (33.66%)

60 ≤ θ ≤ 75 0.27 107 42374 (0.42%) 42279 (99.78%) 16374 (38.73%)

75 ≤ θ ≤ 90 0.25 107 81080 (0.81%) 80073 (98.76%) 35772 (44.67%)

Table 7.1: A summary of the
simulation results. The can
area used in each zenith dis-
tance bin is the median value
of the can area for each muon
track within the bin. Ngen
is the number of generated
muon tracks at the edge of
the can. Nphys is the number
of triggered events. Nreco is
the number of tracks succes-
fully reconstructed by aafit
algorithm, and Nreco(ψ ≤ 1◦)
is the number of tracks re-
constructed to better than 1◦

from its true direction. The
percentages in shown in a
column is calculated relative
to the previous column.

The tracks are then reconstructed with the aafit v0r9pre al-
gorithm, which employs the track reconstruction algorithm dis-
cussed in Section 6.6.3.

From the fitting result of aafit we can obtain the goodness-of-
fit Λ, which is the fit likelihood per number of degrees of free-
dom. The direction of the reconstructed track in azimuth angle
φ̂ and zenith distance θ̂ is obtained as well as the covariance ma-
trix σ̂. The difference between the true track direction and the
reconstructed track direction can be calculated from the dot prod-
uct of the direction vectors of the true muon directions and the
reconstructed directions:

cos ψ = xtrue · xreco,

= xtruexreco + ytrueyreco + ztruezreco, (7.1)

where xtrue = {xtrue, ytrue, ztrue} and xreco = {xreco, yreco, zreco} are
the direction vectors of respectively the true muon direction and
the reconstructed muon direction.

From the error covariance matrix σ̂ (Equation 6.22) we would Table 7.2: A summary of
the simulation results for the
fixed zenith distance source.

Zenith distance Can area
Ngen Nphys Nreco Nreco(ψ ≤ 1◦)

[◦] [km2]

0 0.14 107 44654 (0.45%) 43385 (97.16%) 22357 (51.53%)

15 0.20 107 23496 (0.23%) 22908 (97.50%) 3446 (15.04%)

30 0.24 107 16499 (0.16%) 16332 (98.99%) 4301 (26.33%)

45 0.27 107 19889 (0.20%) 19784 (99.47%) 6213 (31.40%)

60 0.28 107 30997 (0.31%) 30905 (99.70%) 11070 (35.82%)

75 0.27 107 56895 (0.57%) 56793 (99.82%) 23622 (41.59%)
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then obtain the angular error estimate σψ (Equation 6.23).
It is assumed that the detector is running with all 12 lines op-

erational, which means that it is assumed that the detector is run-
ning with full capacity.

Table 7.1 summarised the results after each stage of simulation is
passed. The numbers suggest that less than ∼ 1% of the generated
events are actually detected and reconstructed. While this num-
ber look discouraging, a look at Figure 7.1 however indicate that
the majority of the undetected events are low-energy muons with
energy εµ " 50 GeV. This can thus be interpreted as the threshold
energy of ANTARES for downgoing muons. As we can see in col-
umn 5, ∼ 99% of the detected events can be reconstructed albeit
with varying degree of qualities. Column 6 tells us the number of
reconstructed tracks with accuracy ψ ≤ 1◦. The percentage varies
with zenith distance, i.e. the shallower the tracks, the better its
reconstruction quality.

To simulate a GRB event, separate simulations have also been
performed with gentra. The simulations generate muon tracks
from a fixed zenith distance. Six cases of zenith distances are sim-
ulated, from θ = 0 to θ = 75◦, with 15◦ intervals. The generated
tracks are then processed using the same procedure. A summary
of the simulation results is shown seen in Table 7.2. We will refer
to this data set as Simulation 2.

7.2 Detector performance

Several aspects of the simulations pertaining to the performance
of ANTARES will be discussed in this Section, namely the shape
of the energy spectrum, the effects of quality cuts, and the effective
areas.

7.2.1 The muon energy spectrum

Figure 7.1 depicts the muon energy spectrum for Simulation 1
at various stages of the simulation. As mentioned in Section 7.1,
a minimum threshold at muon energy εµ ∼ 50 GeV can be seen.
The detection efficiency increases with energy and at TeV scale
the majority of muon tracks can be succesfully reconstructed. The
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Figure 7.1: The development
of the muon spectrum af-
ter each stage of the sim-
ulation. Black histogram
shows the initial spectrum
of the muons when they
are generated with gentra,
while red histogram corre-
sponds to the events that
pass the TriggerEfficiency
program as triggered events.
The dark blue histogram
shows all events succesfully
reconstructed by the aafit
v0r9pre algorithm. The
green histogram shows all
events satisfying the quality
cuts indicated at the legend.

plot of the muon detection efficiency ηµ as a function of muon
energy εµ is shown in Figure 7.8.

The shape of the reconstructed energy spectrum also varies
with zenith distance bins. Except for the bins containing sources
from the zenith, in general the detection efficiency increases with
zenith distance. This effect could arise from the geometry of the
detector. In the next section I will qualitatively discuss this rela-
tion between the detector geometry and the reconstruction quality.

7.2.2 The quality of the reconstructed tracks and the preliminary
cuts

The distribution of the true angular resolution ψ (the differ-
ence between the reconstructed angle and the true angle), error
estimate σψ (the statistical estimate of ψ), and the goodness-of-
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Figure 7.2: Top: The prob-
ability distribution function
(PDF). Bottom: The cumu-
lative distribution function
(CDF). Both functions are
shown for the true angu-
lar resolution ψ (left), the
angular uncertainty σψ (cen-
ter), and the fit likelihood Λ
(right). Different color in-
dicates different zenith dis-
tance according to the leg-
end.

fit Λ is shown in Figure 7.2 for all six cases of zenith distance
bins. The top row plots the probability distribution function (PDF)
while the bottom row plots the cumulative distribution function
(CDF) of each parameter. Table 7.3 summarises the effects of qual-
ity cuts.

From Figure 7.2, we can see that for all bins, ∼ 80% of all the
muon tracks have an error estimate of σψ " 1◦ (this can also be
seen from column 3 in the top part of Table 7.3). The distribu-
tion of σψ, however, does not completely reflect the distribution
of ψ. As we can see in the left column of Figure 7.2 as well
as the the rightmost column in Table 7.1, at best only ∼ 45%
of the reconstructed muon tracks (coming from zenith distances
75◦ ≤ θ ≤ 90◦) are actually accurate to better than 1◦, at worst
only ∼ 12% (coming from zenith distances 0◦ ≤ θ ≤ 15◦). Thus
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Table 7.3: A summary of the applied quality cuts. Nreco is the number of tracks succesfully reconstructed by aafit
algoritm and its percentage relative to Nphys. The first part of the table—under the first heading—shows the results
of selecting reconstructed muon tracks with σψ ≤ 1◦. The second part under the second heading are for the results
from selection of all tracks with Λaafit ≥ −6, and the last part shows the results from selecting muon tracks with both
quality: σψ ≤ 1◦ and Λaafit ≥ −6. For each part, Nsel is the number of tracks passing the applied quality cuts and its
percentage relative to Nreco; Nsel(ψ ≤ 1◦) is the number of tracks with good accuracy (i.e. ψ ≤ 1◦) and its percentage
relative to Nsel; Nsel(ψ > 1◦) is the number of poorly-reconstructed tracks and its percentage relative to Nreco; and
finally Nfalse is the number of false-negative tracks i.e. the number of tracks that did not get selected by the cuts even
though they are accurately reconstructed to better than 1◦. The percentage given in Nfalse is relative to Nreco(ψ ≤ 1◦),
shown in the rightmost column of Table 7.1.

Zenith
Distance

Nreco
Nsel = Nreco(σψ ≤ 1◦)

NfalseNsel Nsel(ψ ≤ 1◦) Nsel(ψ > 1◦)
0 ≤ θ ≤ 15 33308 25459 (76.44%) 3602 (14.15%) 21857 (85.85%) 354 (8.95%)

15 ≤ θ ≤ 30 17713 14665 (82.79%) 3805 (25.95%) 10860 (74.05%) 82 (2.11%)

30 ≤ θ ≤ 45 17659 14845 (84.06%) 5018 (33.80%) 9827 (66.20%) 125 (2.43%)

45 ≤ θ ≤ 60 24881 20691 (83.16%) 8158 (39.43%) 12533 (60.57%) 218 (2.60%)

60 ≤ θ ≤ 75 42279 35149 (83.14%) 15874 (45.16%) 19275 (54.84%) 500 (3.05%)

75 ≤ θ ≤ 90 80073 67746 (84.61%) 34849 (51.44%) 32897 (48.56%) 923 (2.58%)

Zenith
Distance

Nreco
Nsel = Nreco(Λaafit ≥ −6)

NfalseNsel Nsel(ψ ≤ 1◦) Nsel(ψ > 1◦)
0 ≤ θ ≤ 15 33308 13916 (41.78%) 3602 (25.88%) 10314 (74.12%) 354 (8.95%)

15 ≤ θ ≤ 30 17713 5897 (33.29%) 3399 (57.64%) 2498 (42.36%) 488 (12.55%)

30 ≤ θ ≤ 45 17659 7045 (39.89%) 4602 (65.32%) 2443 (34.68%) 541 (10.52%)

45 ≤ θ ≤ 60 24881 11129 (44.73%) 7652 (68.76%) 3477 (31.24%) 724 (8.64%)

60 ≤ θ ≤ 75 42279 21661 (51.23%) 15278 (70.53%) 6383 (29.47%) 1096 (6.69%)

75 ≤ θ ≤ 90 80073 46705 (58.33%) 34171 (73.16%) 12534 (26.84%) 1601 (4.48%)

Zenith
Distance

Nreco
Nsel = Nreco(σψ ≤ 1◦, Λaafit ≥ −6)

NfalseNsel Nsel(ψ ≤ 1◦) Nsel(ψ > 1◦)
0 ≤ θ ≤ 15 33308 11769 (35.33%) 3317 (28.18%) 8452 (71.82%) 639 (16.15%)

15 ≤ θ ≤ 30 17713 5573 (31.46%) 3356 (60.22%) 2217 (39.78%) 531 (13.66%)

30 ≤ θ ≤ 45 17659 6640 (37.60%) 4516 (68.01%) 2124 (31.99%) 627 (12.19%)

45 ≤ θ ≤ 60 24881 10484 (42.14%) 7509 (71.62%) 2975 (28.38%) 867 (10.35%)

60 ≤ θ ≤ 75 42279 20237 (47.87%) 14912 (73.69%) 5325 (26.31%) 1462 (8.93%)

75 ≤ θ ≤ 90 80073 43828 (54.74%) 33432 (76.28%) 10396 (23.72%) 2340 (6.54%)
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between zenith distances of 0◦ to 90◦, the number of tracks ac-
curately reconstructed to better than 1◦ ranges from ∼12%–45%.
This means that without any quality cuts, the majority of the re-
constructed tracks actually have poor accuracy.

Another thing that we can see from the distribution of ψ is
that although a relatively large number of tracks coming from
0◦ ≤ θ ≤ 15◦ can be successfully reconstructed compared to
the following three zenith distance bins (see Column 5 in Table
7.1), almost 90% of them are actually poorly-reconstructed as com-
pared to 70%–80% for the other bins. In other words, tracks com-
ing from steep zenith distances (close to the zenith) can be effi-
ciently reconstructed but with relatively low quality. This effect
can be attributed to the geometry of the detector. More detec-
tor lines can participate in the detection of the Čerenkov photons
when the muon passes the detector at a shallow angle, but only
one or two detector lines participate in the detection when the
muon is coming at a very steep angle. When only the PMTs from
one or two lines detect photons, a symmetry in the data remains
that results in an ambiguity of the track direction.

The relative number of poorly-reconstructed tracks could be re-
duced by applying selection cuts. The selection cuts are based on
a combination of goodness-of-fit Λaafit and angular resolution es-
timate σψ. The distribution of ψ are influenced by the combination
of these two values.

We have seen that the angular error estimate σψ is not entirely
correlated with ψ. This is more apparent in Figure 7.3, in which
the 2 dimensional histogram of σψ and ψ is shown. For all bins
of zenith distance, if we select all tracks with σψ ≤ 1◦, we reject
a large number of low-accuracy tracks. However, a considerable
number of poorly-reconstructed tracks (with an angular devia-
tion even as far as 180◦) will contaminate the resulting subsam-
ple, assuming that the background distribution is approximately
the same as the signal distribution. As we can see in Table 7.3, as
much as ∼ 86% and as little as ∼ 50% of the subsample will still
contain tracks with accuracy worse than 1◦.

A tighter correlation exists between goodness-of-fit Λaafit and
ψ, as we can see in the 2D histogram of Λaafit and ψ shown in Fig-
ure 7.4. We can also see a progression of a bimodality in the dis-
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Figure 7.3: Two dimensional
histogram of σψ and ψ. We
can see that σψ is not entirely
correlated with ψ. Tracks
with estimated error σψ ≤ 1◦

can actually be reconstructed
with low accuracy, even as far
as 180◦ from its actual direc-
tion.

tribution, in which there seems to be two peaks centered around
ψ " 1◦ and ψ ∼ 100◦. In zenith distance range 0◦ ≤ θ ≤ 15◦,
the distribution is concentrated at (ψ, Λaafit) ∼ (20◦,−6.25). In
general, the distribution of the good quality tracks is concentrated
around Λaafit ! −5.5. If we accept all tracks with Λaafit ≥ −6, we
can obtain a good majority of the high-quality tracks while reject-
ing a considerable number of poorly-reconstructed tracks. In the
middle part of Table 7.3, in Column 4, we can see that as much as
∼ 70% of the high-quality tracks can be kept.

Having seen the effects of both quality cuts separately, we could
also see their combined effects on the distribution of ψ. Such ef-
fects are shown in Figure 7.6, in which four combinations of qual-
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Figure 7.4: Two dimensional
histogram of Λaafit and ψ. A
progression of a bimodality
can be seen in the distribu-
tion with increasing zenith
distance. The majority of
tracks reconstructed to better
than 1◦ are concentrated
above Λaafit ∼ −5.5, while
the poorly-reconstructed
tracks (e.g. worse than
10◦) are concentrated below
Λaafit ∼ −6.5.

ity cuts are considered, and their effects on the PDF and CDF of
the true angular resolution ψ are shown. With very loose quality
cuts, shown as the purple-colored histogram, remains a consider-
able number of poorly-reconstructed tracks. With very tight qual-
ity cuts, shown as the red-colored histogram, a vast majority of
the poorly-reconstructed muon tracks is rejected, but leaves only
∼ 10% of all reconstructed events. This considerably decreases
the detection efficiency.

Preliminary selection criteria of σψ ≤ 1◦ and Λaafit ≥ −6 have
been defined to compute the median accuracy of the reconstruc-
tion of downgoing muons. Figure 7.7 shows the cumulative distri-
bution function of ψ after such quality cuts are applied. Although
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Figure 7.5: Two dimensional
histogram of σψ and Λaafit.

at steep zenith distances, i.e. 0◦ ≤ θ ≤ 15◦, the median accuracy
is ψ ∼ 3◦, in general the median accuracy is ψ ∼ 0.4◦.

The appropriate cut that could provide a good compromise be-
tween reliable background rejection and detector efficiency will be
defined in Section 8.2, in which we include background data into
the analysis.

7.2.3 Effective areas

The detection efficiency of the ANTARES detector as a func-
tion of energy, defined as the ratio between the number of recon-
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Figure 7.6: The effect of sev-
eral quality cuts (indicated by
different color coding shown
in the legends) to the PDF
and CDF of the angular res-
olution ψ.
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Figure 7.7: The CDF of the
true angular resolution ψ af-
ter the quality cuts σψ ≤ 1◦

and Λaafit ≥ −6 have been
applied. Only ∼ 30% of
the signals coming from very
steep zenith distances, 0◦ ≤
θ ≤ 15◦, are going to be
reconstructed to better than
1◦, but other zenith distances
will reconstruct to better than
1◦ between ∼ 60–75% of the
signals satisfying the applied
cuts.

structed muon tracks and generated tracks in each energy bin,

ηµ(εµ) =
dNµ,rec

dNµ,can
, (7.2)

is shown in Figure 7.8. The top graphic depict the efficiency if
all events are admitted while the bottom graphic is for all events
satisfying the quality criteria σψ ≤ 1◦ and Λaafit ≥ −6. The muon
effective area Aeff

µ as a function of energy is also shown in Figure
7.8. The effective area is simply the detection efficiency multiplied
by the generation area given in the second column of Table 7.1.

The muon detection efficiency and effective area for point sources
corresponding to six considered cases of zenith distances (the Sim-
ulation 2 data set) are shown in Figure 7.9.

It is also possible to calculate the photon effective area Aeff
γ as

a function of the photon energy εγ. First we must calculate the
muon spectrum at the surface of the sea, assuming that the elec-
tromagnetic shower is initiated by a single photon with energy εγ.
The photon spectrum at the top of the atmosphere would then be

γ0(ε) = γ(ε, t = 0) ≡ δ(ε − εγ), (7.3)
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Figure 7.8: Top: The muon
detection efficiency (left) and
the muon effective area Aeff

µ
(right). Bottom: The same,
but for events satisfying the
quality cuts Λ ≥ −6 and
σψ ≤ 1◦. The efficiency and
effective area are calculated
using the data set in Simula-
tion 1.

where δ is the Dirac delta function.
The development of the photon spectrum in the atmosphere

could be determined using a discrete approximation, in which
the atmosphere is segmented in layers if depth λR ln 2 and that
leptonic particles lose half their energy after passing each layer.
At depth t = nλR ln 2, the shower would contain 2n/3 photons
with energy εγ/2n. This would mean that the shape of the photon
spectrum at depth t is

γ(ε, t) =
2n

3
δ
(

ε − εγ

2n

)
. (7.4)

Using this formula we could then calculate the muon flux from
pair-production by using Equation 3.28, as well as the muon flux
from pion decay (Drees, Halzen & Hikasa, 1989). The result of
this analytical calculation is compared with results from CORSIKA
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Figure 7.9: The same as in
Figure 7.8, but for Simula-
tion 2.

for a number of photons with energy εγ = {1, 2, 5, 10, 50, 100} TeV
(Figure 7.10). We can see that there is a good agreement between
theoretical calculations and the simulations. We can now calculate
the muon spectrum at the detector using the manners described
in Section 3.6. The muon spectrum at the detector, before and
after reconstruction, is shown in Figure 7.11. Once we know the
shape of the muon spectrum after reconstruction, it is straightfor-
ward to calculate the photon effective area. The photon detection
efficiency would simply then be

ηγ(εγ) =
dNµ,rec

dεµ
. (7.5)

The photon effective area Aeff
γ is then the photon detection effi-

ciency multiplied by the generation area (column 2 in Table 7.2).
The photon effective area as a function of energy is showed in
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Figure 7.10: The muon flux
at the sea surface, induced
by single photons. The en-
ergy of the single photon is
given in the legend. Results
of the analytical calculations
are also given as a compari-
son.

Figure 7.12. The photon effective area of other (spaceborne) γ-ray
observatories is also shown for comparisons, namely Fermi-LAT,
EGRET, and AGILE, which parameterization has been calculated
by Le & Dermer (2009).

We can see that the photon effective area of ANTARES increases
where other satellites are decreasing, thus complementing these
instruments in higher energy ranges.
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Figure 7.11: The shape of
the muon spectrum induced
by single photons, at detec-
tor level. The dashed lines
are for spectrums of muons
arriving at the detector, while
the solid lines are after detec-
tion efficiency function is in-
cluded. Each panel is for a
different zenith distance.

Figure 7.12: The ANTARES
telescope photon effective
area Aeff

γ compared to space-
borne γ-ray observatories.



8 The point spread function and the
optimization of quality cuts

In this Chapter, the analysis involving both signal and back-
ground data will be described. Rather than reproducing back-
ground data with simulations, the input is taken from ANTARES
data that have been succesfully reconstructed with aafit. The
data used for this analysis is the data taken in 2008 with 12 lines.
During this period, the lifetime of the data taking period is 6.46 ×
106 s or roughly ∼ 75 days. There are approximately 6.9 × 107

reconstructed muon events within this period.

8.1 Background data

Various maps of the muon events in local ANTARES coordinates
are shown in Figure 8.1. In these maps, the celestial sphere is di-
vided into bins of equal area using the healpix algorithm (Górski
et al., 2005). It is then easy to calculate the total number events in
each bins. Dividing the number of events with the total lifetime
of the experiment and the size of the bin will give the background
event rate in units of Hz per square degree, as indicated by the fill
colour of each bin.

These maps give an overview of the background rate as a func-
tion of azimuth and zenith distance. In general the background
is essentially about 1 mHz per square degree. For the unfiltered
events, the background distribution is not the same in azimuthal
directions. This can be attributed to the detector geometry. Events
coming close to a detector line will be more likely to be recon-
structed than those coming at a considerable distance from any
detector line. This effect becomes less if we apply some quality
cuts. At the bottom plot, only background events with Λaafit ≥ −6
and σψ ≤ 1◦ are accepted. We can see that the anisotropy has di-
minished.

Figure 8.2 shows an azimuth-averaged muon rate as a function
of zenith distance. The red line is a polynomial fit to the data,
which will be useful for further calculations. We can also compare
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Figure 8.1: Mollweide
projections of the Altitude-
Azimuth distribution of
reconstructed muon events
detected with the ANTARES
telescope during the 12-line
period in 2008 (∼75 days
of data taking). The top
plot shows all reconstructed
events without any quality
cuts, while the middle and
bottom plots shows all re-
constructed events satisfying,
respectively, loose cuts of
Λ ≥ −6.5 and σψ ≤ 1◦, and
tighter cuts of Λ ≥ −6 and
σψ ≤ 1◦. For the unfiltered
events, the azimuthal distri-
bution is not really isotropic.
This can be attributed to
the detector geometry. This
anisotropy is diminished
somewhat when quality
cuts are applied. These
maps are made using the
healpix algorithm (Górski
et al., 2005) that pixelize the
celestial sphere into cells of
equal area and then count
the number of events within
each cell.
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Figure 8.2: The azimuth-
averaged muon event rate
as a function of zenith dis-
tance θ. A polynomial fit
to the data is shown as the
red line. A comparison
with the parametrization of
Gaisser (1990) is also shown
as the solid black line.

the observed rate with the expected muon rate parameterized by
Gaisser (1990).

A comparison between simulated signal and observed back-
ground events in the σψ–Λaafit space is shown in Figure 8.3. This
comparison indicates that the signal and background look rather
similar, despite the different origin (γ-induced muons events ver-
sus cosmic ray induced muon events).

8.2 Weighting scheme and the point spread function

The point spread function (PSF) of downgoing muons could be
determined from the simulated events. The determination of the
PSF is necessary as a first step in hypothesis testing (which will
be described in more detail in Chapter 9). The events that con-
stitute the PSF, however, are results from simulations of fictitious
events, which energies are generated according to simple power
law. Actual GRB events, however, do not follow a simple power
law. For example, at higher energy the spectrum is cut due to
attenuations by extragalactic infrared background photons. The
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Figure 8.3: A comparison of
signal (left plot) and back-
ground (right plot) events in
the σψ–Λaafit space.

severity of the attenuation depends on the redshift and the energy
band in question.

The simulated muon events must then be weighted accordingly
so that the muon spectrum reproduces the energy spectrum of a
GRB event. The background events must also be weighted, since
they are taken from an exposure time much longer than an actual
GRB events, with a different detector configuration and varying
detector conditions. The following subsection will describe the
weighting scheme employed in this analysis before we move on to
the modelling of the PSF.

8.2.1 Weighting scheme

For unweighted events, the normalisation of a histogram fol-
lowing a power law function is straightforward. For the j-th bin
of the histogram, the total number of reconstructed event per unit
energy would simply be

dN
dEj

=
1

Ej ln(10)
Nj

∆ log Ej
, (8.1)
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Par. Definition Value
α spectral index at low energy 1
β spectral index at high energy 2

εpk the energy at which the spectrum peaks 400 keV
Liso

bol isotropic bolometric luminosity 8.9 × 1052 erg
texp rest-frame burst duration 10 s

d ANTARES depth 2.475 × 105 cm

Table 8.1: The adopted values
used to calculate the muon
energy spectrum at can level.

where Ej is the energy at the midpoint of the j-th bin, Nj is the
total number of events in the j-th bin, and ∆ log Ej is the binwidth
in log Ej.

Equation 8.1 implies that all events have the same weight. Sum-
ming up all the weights of events within the j-th bin would result
in the actual event rate. The number of reconstructed events in
the j-th bin is related to the total number of generated events in
the same bin by way of

dNrec
dEj

(Ej, θ, z) =
dNcan

dEj
(Ej, θ, z)ηµ(Ej, θ)Acan(θ)texp, (8.2)

where dNcan/dEj(Ej, θ, z) is the number of generated events at the
edge of the can as a function of energy Ej, zenith distance θ, and
the redshift z of the GRB source, in units of TeV−1 cm−2 s−1,
ηµ(Ej, θ) is the muon reconstruction efficiency as a function of en-
ergy and zenith distance, Acan(θ) is the generated can area at the
given zenith distance, and texp is the time exposure. Using the
prescription described in Chapters 2–3, we can now determine
the number of photon-induced muons at the detector. The val-
ues used to construct the GRB spectrum are the standard values
shown in Table 8.1.

We can also see that the energy spectrum of the reconstructed
events also relates to the weight of individual events through

dNrec
dEj

(Ej, θ, z) =
1

Ej ln(10)
∑

Nj
i=1 wi,j

∆ log Ej
. (8.3)

By combining equation 8.3 with 8.2, the modified weight for
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the i-th event in the j-th bin would then be

wi,j(Ej, θ, z) =
dNcan

dEj
(Ej, θ, z)ηµ(Ej, θ)Acan(θ)texpEj∆ log Ej ln(10)N−1

j .

(8.4)

We can see from Equation 8.4 that for a GRB source located at
given θ and redshift z, the individual weight wi,j would just be a
function of the energy in the j-th bin. Thus all events inside the
same bin will have the same weight, provided the bin width is
sufficiently small.

The weighting of the background events follows a different but
simpler approach. They would just simply be weighted according
to ratio of the time exposure and the lifetime of the data taking:

wbg =
texp

tlifetime
. (8.5)

In this, we assume a fixed detector configuration. The muon
event rate as a function energy is shown in Figure 8.4, for dif-
ferent values of zenith distances and redshifts. In this, a stan-
dard GRB is assumed (see Table 8.1). In this Figure, the black
lines correspond to the muon energy spectrum at the edge of the
can, while the blue lines correspond to the spectrum of the re-
constructed events. The red lines correspond to the events sat-
isfying the quality criteria σψ ≤ 1◦ and Λaafit ≥ −6. The spec-
trum of the background muons—calculated using Gaisser’s (1990)
parametrization—is shown as the dashed lines. We can see that
given a short exposure time and small cone angle, the background
is very low.

8.2.2 The point spread function

The angular distributions of the weighted signal and back-
ground events are shown in Figure 8.5 for various values of zenith
distances θ and redshifts z. In this, the preliminary cuts are ap-
plied. The angular distribution of the events is depicted in the
Lambert azimuthal equal-area projection, which project the celes-
tial sphere onto a disk centered at a given direction in the ce-
lestial sphere. By choosing this projection, the shape of the dis-
tribution around the center of the disk, which is chosen to be
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Figure 8.4: The muon event rate as a function of energy. Each event is weighted according to the scheme in Equation
8.4. The rate is calculated for different zenith distances and redshifts.
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coincident with the assumed direction of the GRB, is free from
distortions and thus making shape and numerical comparison be-
tween event distributions at different zenith distance straightfor-
ward. From now on the angular distribution will be referred as
the point spread function (PSF).

A glance at the PSF in Figure 8.5 seems to indicate that the
most interesting signal events are well-reconstructed to better than
∼ 0.5◦ from the supposed direction of the GRB. We can also see
that for any GRB with redshift closer than z " 0.01, an excess of
signal over background will be immediately apparent in the PSF
distribution, except when the zenith distance of the source is very
close to the horizon (e.g. θ = 75◦).

The PSF depicted here are shown for events satisfying the pre-
liminary quality cuts, which were chosen rather arbitrarily. In
the following section we will discuss the optimization of cuts that
maximize the discovery potential.

8.3 Optimization for discovery: The model discovery po-
tential

Within the context of frequentist statistics, one can claim a dis-
covery when the probability that the effect will be mistaken as a
background fluctuation is very small. What is agreed as small is
generally in the order of α = 5.73 × 10−7 (an area in a two-sided
5σ Gaussian distribution tails). Thus in a counting experiment us-
ing Poisson statistics, for a given α, we can calculate the critical
number of events ncrit in which

P(≥ ncrit|µb) ≤ α = 5.73 × 10−7, (8.6)

which is the minimum number of events that has to be detected,
for a given background rate µb, so that the probability that the
observed number of events are caused by random background
fluctuation is equal of less than 5.73× 10−7. Should we also expect
to detect signal events with rate µs, we could then calculate the
probability to observe a number of events greater than ncrit given
the expected rate µs + µb:

P(≥ ncrit|µs + µb) = 1 − β. (8.7)
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Figure 8.5: The angular distribution of signal and background events for different zenith distances and redshifts.
Different rows correspond to different zenith distances θ and different columns correspond to different redshifts z.
Each plot is centered on the supposed direction of the GRB. The blue lines indicate an equally-spaced grids at 1◦ × 1◦.
The events are mapped in Lambert azimuthal equal-area projection.
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Figure 8.6: The model dis-
covery potential (MDP) for
50% chance of making a 5σ
discovery, plotted as a func-
tion of opening radius Ψ and
Λaafit. For each point in the
plot, the MDP is determined
from the background con-
tained within the radius Ψ
from the supposed direction
of the GRB and with a min-
imum reconstruction likeli-
hood Λaafit. The top, mid-
dle, and bottom rows corre-
spond respectively to zenith
distances 0◦, 15◦, and 30◦.
The left, middle, and right
columns correspond respec-
tively to redshifts 0.05, 0.02,
0.01, 0.005.

The value 1− β is the usually called the discovery potential. If we fix
1 − β to a certain value, e.g. 1 − β = 0.5, we could then calculate
the minimum signal required such that Equation 8.7 is satisfied.
The value of µs satisfying Equation 8.7 could then be interpreted
as the least detectable signal µlds.

The ratio between this least detectable signal µlds and the ex-
pected number of signal µs is called the Model Discovery Potential
or MDP. If we choose the cut criteria that minimize the MDP, we
would then minimize the required signal that will give a proba-
bility 1 − β it would yield an observation at significance level α.
For this minimization of the MDP, I choose two cut criteria: the
maximum opening radius Ψ around the supposed direction of the
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Figure 8.7: The same as in
Figure 8.6, but the top, mid-
dle, and bottom rows corre-
spond respectively to zenith
distances 45◦, 60◦, and 75◦.

GRB and the minimal Λaafit value.
The result of this minimization is given in Figures 8.6 and 8.7

for α = 5σ and 1 − β = 0.5. For various fictitious GRB events at
4 different redshifts and 6 different zenith distances, the MDP is
calculated as a function of the opening radius Ψ and the minimum
likelihood Λaafit. At each point in the Ψ–Λaafit space, all events sat-
isfying the cuts are admitted to calculate the MDP, and the point
that give the minimum MDP is then marked in the Figures as a
white cross.

We can see in these Figures that the position of the minimum
MDP does not change significantly with redshift and changes only
slightly with zenith distance. This is a good result because this
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Figure 8.8: The model dis-
covery factor (MRF) for 90%
confidence limit as a func-
tion of opening radius Ψ and
Λaafit. For each point in the
plot, the MRF is determined
from background events con-
tained within the radius Ψ
from the supposed direction
of the GRB and with a min-
imum reconstruction likeli-
hood Λaafit. The top, mid-
dle, and bottom rows corre-
spond respectively to zenith
distances 0◦, 15◦, and 30◦.
The left, middle, and right
columns correspond respec-
tively to redshifts 0.05, 0.02,
0.01, 0.005.

means that MDP is an unbiased estimator, i.e. the minimized true
signal rate µlds is independent of the expected signal rate µs. Table
8.2 summarizes the combination of cut values that minimizes the
MDP for all zenith distances.

8.4 Optimization for sensitivity: The model rejection factor

A method commonly used to set an unbiased sensitivity limit
is the Model Rejection Factor (MRF) technique (Hill & Rawlins,
2003). With this method the selection cut that minimizes the ex-
pected upper limit of the experiment—assuming that no true sig-
nal is present—can be determined.

Suppose we choose events satisfying a certain selection cuts,
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Figure 8.9: The same as in
Figure 8.8, but the top, mid-
dle, and bottom rows corre-
spond respectively to zenith
distances 45◦, 60◦, and 75◦.

we then obtain an expected background rate µb and an expected
signal rate µs. We can then simulate the experiment and obtain a
number of observed events nobs. Given µb and nobs, we can then
calculate the confidence interval µα = (µ1, µ2) using the Feldman–
Cousins unified approach (Feldman & Cousins, 1998).

Since we do not know the actual upper limit until we are look-
ing at the data, we can determine the average upper limit that
would be observed after we performed a hypothetical repetition
of the experiment (assuming that the background rate is µb and
there is no true signal) and obtain all possible outcomes of the
observed number of events nobs. This average upper limit would
then be the sum of all upper limits for the possible numbers of
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θ MDP MRF
[◦] Ψ Λaafit Ψ Λaafit

0 1.50 -6.08 2.66 -6.27
15 3.61 -6.33 5.58 -6.45
30 1.34 -6.21 5.58 -6.49
45 1.48 -6.29 6.25 -6.55
60 2.21 -6.32 8.80 -6.63
75 1.93 -6.25 12.39 -6.71

Table 8.2: The combination of
cut values that minimizes the
MDP and the MRF.

nobs weighted by their Poisson probability of occuring:

µ̄α(µb) =
∞

∑
nobs=0

µα(nobs, µb)
µnobs

b
nobs!

exp(−nb) (8.8)

By calculating µ̄α after the cut are applied, we can then deter-
mine the MRF which is the quantity µ̄α/µs. We could optimize the
cuts by finding the combination of cut values that would minimize
the MRF.

The result of the MRF minimization is shown in Figures 8.8
and 8.9 for a 90% confidence interval. For various fictitious GRB
events at 4 different redshifts and 6 different zenith distances, the
MRF is shown as a function of the opening radius Ψ and the min-
imum likelihood Λaafit. The point that give the minimum MRF is
marked in the Figures as a white cross. Table 8.2 summarizes the
combination of cut values that minimizes the MRF.

The cut that minimize the MRF is looser than that of the MDP
minimization. This is because we aim to optimize for sensitivity.
The short exposure time practically reduces the background rate
to zero. Consequently, the cuts should be looser. This is appar-
ent especially at angles close to the horizon. At these angles the
expected background rates is very low hence the search cone can
be very large and the Λaafit cut very loose. As a result, one will
accept admit more events.



9 Hypothesis testing

Once the optimal quality cuts have been defined and the data
have been obtained, we can test whether the data are compatible
with a signal plus background hypothesis or the background-only
hypothesis. These two hypotheses are traditionally referred to as
H0 for the background-only hypothesis and H1 for the hypothe-
sis that the data contain signal events in addition to background
events.

The hypothesis testing is usually performed with the likelihood
ratio method. The likelihood ratio Q is the ratio of probabilities
for the results from the two hypotheses:

Q = −2 ln
L(data|H1)
L(data|H0)

(9.1)

The likelihood L(data|H1) and L(data|H0) are the products of all
the probabilities for the events under the given hypothesis:

L(data|H1) = ∏
i

P(Xi|H1), (9.2)

L(data|H0) = ∏
i

P(Xi|H0), (9.3)

where P(Xi|H1) and P(Xi|H0) are the probability density func-
tions that describe the probability of an event with observable
parameters Xi to agree with the H1 hypothesis and the H0 hy-
pothesis, respectively.

For the modelling of the probability distribution function (PDF)
for the signal, we could use the point spread function (Chapter 8)
centered at the supposed direction of the GRB. The PDF would
simply return the probability to find a signal event at a given az-
imuth ψ and zenith distance θ. The closer the signal is to the
supposed direction of the GRB, the higher its likelihood to be a
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Figure 9.1: The probabil-
ity density function for sig-
nal and background. The
leftmost plot is the distribu-
tion of all events centered
around the direction of a fic-
tional GRB event located at
zenith distance 45◦ and red-
shift 0.01. The x and y
abcissa are the coordinates
in Lambert azimuthal equal-
area projection and are re-
lated to the azimuth ψ and
zenith distance θ in local co-
ordinates. The middle-top
plot is the same histogram
as in the leftmost plot, but
in the form of a lego plot.
The middle-bottom plot is
the bivariate normal distribu-
tion that fits the event distri-
bution. The rightmost plots
are the projections of the dis-
tribution. The dashed line is
the fit to the background dis-
tribution which is assumed
to be a constant.

signal event. The PDF for the signal events will thus be

Ps(x, y|µx, µy, σx, σy, ρ) =
1

2πσxσy
√

1 − ρ2
× exp

(
− 1

2(1 − ρ2)
×

[
(x − µx)2

σ2
x

+
(y − µy)2

σ2
y

+

2ρ(x − µx)(y − µy)

σxσy

])
,

(9.4)

where ρ is the correlation between x and y.
The probability distribution for the background events is taken

to be a constant function for all ψ and θ. This approximation is still
valid if we consider the background data within a small opening
angle (ψ ∼ 1◦) around the source direction. Figure 9.1 shows the
two-dimensional distribution of combined background and signal
events along with a fit of a bivariate normal distribution to the
data. We can see that the fit describes reasonably well the signal
and background data.

Since we now have all the ingredients for the test statistics, we
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can evaluate Q by seeking the values of the parameters that max-
imize

log Ps(data|pmax
s ) =

data

∑
i

log Ps(xi, yi|µx, µy, σx, σy, ρ), (9.5)

where pmax
s = (µ̂x, µ̂y, σ̂x, σ̂y, ρ̂) is the vector of parameters that

maximize said Equation.
To see how the test statistics are distributed, we perform Monte

Carlo experiments that simulate all possible outcomes of the ob-
servation. In this, a number of background events according are
generated according to the expected rate µb. The distributions of
the test statistics for the background-only experiments are shown
in the left part of Figures 9.2–9.4, for various zenith distances.

Using the cumulative distribution function Q for the background-
only experiment, we can compute the critical value of Qc, i.e. the
maximum value of Q in which the probability that the data sam-
ple contains not only background events but also signal events at
a given confidence level α. Per definition,

1 − α = P(Q ≤ Qc|H0). (9.6)

Figures 9.2–9.4 show the critical values for the 3σ and 5σ confi-
dence levels, respectively Q3σ

c and Q5σ
c . The determination of Q3σ

is straightforward, however the determination of Q5σ
c requires an

extrapolation of the CDF due to an insufficient number of experi-
ments. For each zenith distance, a set of 6 × 105 background-only
experiment is performed.

We can now move on to see how Q is distributed when there
are a number of signal events in the data in addition to the back-
ground. In this second run of experiments, a fixed number of
signal events is added to the background. The number of signal
events added are ns = {1, 3, 5, 8, 10, 12, 15, 18, 20}. For each value
of ns, first a fit is performed to obtain the parameters that max-
imizes the probability for the signal plus background hypothesis
and then the value of Q is evaluated. The probability density func-
tion of Q for this signal plus background case is shown in the right
part of Figures 9.2–9.4. The red histogram is the distribution of Q
for the background-only case, while the other histograms corre-
spond to the distributions for different numbers of signal counts.
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Figure 9.2: The distribution of test statistics Q. The left part shows the cumulative distribution of Q for the
background-only experiments, while the right part shows the probability density distribution of Q for the background-
only experiments (red histogram) and for a number of signal events added to the background. The number of signals
added to the experiment is indicated in the legend. For the background-only experiments, a parabolic function is
fitted to the logarith of the cumulative function in order to extrapolate the CDF to the 5σ level. The critical value of Q
at the 3σ and 5σ level is also shown. The top and bottom rows correspond respectively to zenith distances 0◦ and 15◦.
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Figure 9.3: The same as in Figure 9.2. The top and bottom rows correspond respectively to zenith distances 30◦ and
45◦.
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Figure 9.4: The same as in Figure 9.2. The top and bottom rows correspond respectively to zenith distances 60◦ and
75◦.
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Figure 9.5: The discovery po-
tential as a function of the
number of signal events ns
present in the data. Each
lines with different colors
plots the discovery potential
for different zenith distance,
indicated by the color-coding
in the legend.

We can see that the more signal events are added, the better we
can separate between background-only case and the signal plus
background case. The minimum number of signal events required
to claim a discovery depends on the background rate µb. Since
the background rate varies primarily with the zenith distance, it
is possible to determine the minimum number of signal events
required to claim discovery as a function of zenith distance only.
Figure 9.5 plots the discovery potential as a function of the num-
ber of signals for six different values of zenith distance. In general
we can see that for most cases there is a 90% chance of making
a discovery with 3(5)σ significance when there are 5(9) signal
events present in the data. For the most extreme cases, such as
sources coming straight from the zenith (θ = 0◦), the number of
required signal events is higher due to the higher background rate
relative to the other zenith distances. For sources close to the hori-
zon, here for example at θ = 75◦, the required number of signal
events is less due to the low background rate.





Part III

Data analysis





10 Prospective GRB sources

In this Chapter the procedure for selecting prospective GRB sources
will be described as well as a description of the target GRB pro-
posed to the ANTARES Collaboration to be observed.

10.1 Selection Procedure

A number of GRB events from the past ∼6 years has been com-
piled from various GRB catalogues and ranked in order of their
expected signal µs. The catalogues used to compile the events and
the number of GRBs obtained are:

1. Swift GRB Table, http://swift.gsfc.nasa.gov/docs/swift/archive/
grb_table.html/, 729 GRBs as of 29 January 2012.

2. Fermi GRB Table, http://fermi.gsfc.nasa.gov/ssc/observations/
types/grbs/grb_table/, 26 GRBs as of 29 January 2012.

3. GRBweb compilation, http://grbweb.icecube.wisc.edu/ (Aguilar,
2011), 568 GRBs as of 29 January 2012.

4. GRBox, http://lyra.berkeley.edu/grbox/grbox.php, 1 GRB
(GRB 080109A) that turns out to be an X-ray transient.

In these catalogues, most of the six physical properties required
to construct the photon spectrum and to estimate the expected
number of signal µs are available. Furthermore, whenever avail-
able, the properties in the initial catalogue are superseded with
those of the values calculated by Butler et al. (2007); Butler, Bloom
& Poznanski (2010) for the Swift GRBs and from Zhang et al.
(2011) for the Fermi GRBs. For these papers, the authors have
rigorously analyzed the spectra of the detected GRBs and have
calculated the values that best fit their spectral profile. If there is
still an unknown value, the standard values shown in Table 10.1
are used. These “most likely” values are obtained from the sta-
tistical analysis of GRBs measured by Butler et al. (2007); Butler,
Bloom & Poznanski (2010).

http://swift.gsfc.nasa.gov/docs/swift/archive/grb_table.html/
http://swift.gsfc.nasa.gov/docs/swift/archive/grb_table.html/
http://fermi.gsfc.nasa.gov/ssc/observations/types/grbs/grb_table/
http://fermi.gsfc.nasa.gov/ssc/observations/types/grbs/grb_table/
http://grbweb.icecube.wisc.edu/
http://lyra.berkeley.edu/grbox/grbox.php
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Par. Definition Value
α spectral index at low energy 1
β spectral index at high energy 2

εpk the energy at which the spectrum peaks 400 keV
Liso

bol isotropic bolometric luminosity 8.9 × 1052 erg
∆t∗ source-frame burst duration 30 s

z redshift 0.97

Table 10.1: The standard val-
ues of GRB physical prop-
erties used to estimate the
expected number of signal
events µs.

The redshifts of each individual GRBs are treated differently
depending on the available data. If the redshift is directly mea-
sured by a ground-based telescope, this measurement will be im-
mediately used. Unfortunately, due to the transient nature of
GRBs, only a small minority of GRBs have measured redshift. If
the redshift is unknown, the following scheme is employed in de-
scending order of priority:

1. If the apparent γ-ray flux Fiso is measured, I transform this
measured flux from the instrument band into the standard bolo-
metric band of 1–104 keV. The transformation is performed by
assuming that the bolometric flux is related to the measured
flux by

Fbol
iso = f I Finst

iso , (10.1)

where f I is the conversion factor from the instrument band to
the bolometric band. If we know that the photon energy spec-
trum is in the form of the Band function, then both Fbol

iso and
Finst

iso can be calculated by integrating the Band function N(ε)

described in Equation 2.52 in their respective energy band:

∫ 104 keV

1 keV
dεN(εγ)ε = f I

∫ ε2

ε1
dεN(ε)ε, (10.2)

where (ε1, ε2) is the energy range of the detector involved. The
solution to the integral on both side for α = 1 is given in Equa-
tion 2.59. However, various values of α have been measured
and it is necessary to solve the integral for a general value of α:

λbol(α, β, εbk, ε1, ε2) = ε2
bk(λlow + λhigh), (10.3)
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where

λlow =

(
ε1
εbk

)2−α

Eα−1

(
(β − α)

ε1
εbk

)
− Eα−1(β − α), (10.4)

λhigh = exp(α − β)×






1
2−β

[(
ε2
εbk

)2−β
− 1

]
, β 2= 2,

ln
(

ε2
εbk

)
, β = 2,

(10.5)

where En(x) in Equation 10.4 is the exponential integral (Abramowitz
& Stegun, 1964)

En(x) =
∫ ∞

1
dt

e−xt

tn , (n = 0, 1, 2, . . . ;5x > 0). (10.6)

Solving both integrals, the conversion factor f I can then be ob-
tained.

The redshift is then calculated by assuming that the isotropic
bolometric luminosity is Liso

bol = 8.9 × 1052 erg.

2. If no flux is measured, the most probable value of z = 0.97 is
used and the bolometric luminosity is assumed to be Liso

bol =

8.9 × 1052 erg.

The same scheme is also employed to calculate Liso
bol. If a mea-

sured redshift is available and the flux is also measured, the lu-
minosity is calculated first by transforming the measured flux to
the standard bolometric band, and then use it along with the mea-
sured redshift to calculate the luminosity. If any of those values
are unavailable, the standard value from Table 10.1 is used.

After all of the six values are determined, we can then proceed
by calculating the expected number of signal event µs:

µs = texp

∫ ∞

0
dεµ

dNµ

dεµ
(a, b, T90, εpk, Liso

bol, z, θ)Aeff
µ (εµ), (10.7)

where texp is the exposure time of the data taking and is assumed
to be equal to the measured T90 or 30 seconds if it is not measured;
Aeff

µ (εµ) is the muon effective area as a function of the muon en-
ergy εµ and is already presented in Section 7.2.3; dNµ/dεµ is the
muon spectrum of the GRB at detector level, given the six phys-
ical parameters of the GRB and its zenith distance θ. It can be
calculated using the prescription formulated in Chapters 2–3.
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The expected number of background event µbg parallel with the
direction of the GRB is calculated by counting all the events from
the reconstructed data that are within the circle of the optimum
radius centered on the zenith distance θ of the GRB and weight
them according to Equation 8.5.

All the GRBs in the catalogue are selected according to these
preliminary criteria:

1. The GRB must occur after the first light of ANTARES, which is
on 2 March 2006.

2. The GRB must be above the horizon of ANTARES when it is
occuring.

3. µs ≥ 10−9.

Using these three criteria alone, 14 GRBs satistfying all three crite-
ria are found. They are shown in Table 10.2, sorted in descending
order of µs. In the last column of this Table the Li & Ma (1983)
significance is also calculated. In calculating the Li & Ma signif-
icance, the on-time is taken to be equal to T90 and the off-time is
taken to be 1800 seconds (30 minutes) long.

By looking at the number of expected signal µs, it is appar-
ent that the collecting area of ANTARES still too small to observe
interesting TeV sources. It was proposed that the top two prospec-
tive GRBs will be observed, i.e. GRB 090709A and GRB 070220.
Even if in the end we do not find any signal-like events, it pos-
sible to set up a confidence limit on ANTARES sensitivity to TeV
γ-rays.

Before further analysis of ANTARES data can be performed, an
optimum quality cut needs to be found. In order to do this, the
number of expected signal and background need to be estimated.
To achieve the former, a full Monte Carlo simulation from the top
of the atmosphere to the detector volume needs to be performed.
The latter can be estimated by analysing the data already obtained
by ANTARES in the past years. The upper limit of signal event
rate µs can be determined by calculating the upper limit of the
Feldman-Cousins confidence interval, given the estimated num-
ber of background µb, the number of observed events nobs and the
required confidence limit α = 90%.
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10.2 GRB 090907A

GRB 090709A was discovered by the Burst Alert Telescope (BAT)1 1 http://heasarc.gsfc.
nasa.gov/docs/swift/
about_swift/bat_desc.html

onboard Swift on 2009 July 9 at T0 = 07:38:34 UT in (α, δ)J2000 =

(19h19m43s,+60◦43′37.5′′) (Morris et al., 2009). Swift immediately
slewed to the GRB and start also observing the GRB with the X-
Ray Telescope (XRT)2 starting from T0 + 67.8 s. Several follow- 2 http://www.swift.psu.

edu/xrt/up observations were made soon afterward, among others by the
automated PAIRITEL Telescope3 (Morgan, Bloom & Klein, 2009) 3 Peters Automated Infrared

Imaging Telescope, http://
www.pairitel.org/

in the infrared, the Palomar Observatory 60-inch (P60) telescope
(Cenko et al., 2009), and by the Subaru telescope (Aoki et al., 2009).

The redshift of the GRB was not measured. PAIRITEL near-
infrared observations and the P60 in the r′ and z′ band reveals
an extremely red afterglow which suggest a very high redshift
(z ∼ 10) GRB. However, spectroscopic analysis of X-ray from the
data taken by XMM-Newton4 and Swift data suggest a moderate 4 X-ray Multi-Mirror Mission,

http://xmm.esac.esa.int/redshift between 3.9 to 5.1 (de Luca et al., 2010).
The γ-ray fluence measured by Swift was found to be very

bright, with measured bolometric fluences in the 1–104 keV band
is 120+20

−30 × 10−6 erg cm−2 (Butler, Bloom & Poznanski, 2010). This
bright flux could also be a possible hint to a small redshift of the
GRB. Butler (2009) analyzed the high-energy light curve of the
GRB and suggests a low to moderate redshift, z " 2.

The power spectrum of the BAT light curve, shown in Figure
10.1, indicates a quasiperiodic signal with a period of 8 seconds
(Markwardt et al., 2009). This is the first time such quasiperiodic-
ity was observed in any GRB, which prompted Markwardt et al.
(2009) to suggest that GRB 090709A could be of different origin
than the standard scenario for a long GRB. The 8 seconds peri-
odicity is typical for Galactic as well as extragalactic magnetars.
This quasiperiodicity is however not observed in the power spec-
trum of the XRT and XMM light curve (Mirabal & Gotthelf, 2009;
de Luca et al., 2010). From the BAT light curve it is found that
the burst occured between T0 − 66.665 s and T0 + 509.035 s, with
T90 = 300 ± 105 s (Butler, Bloom & Poznanski, 2010).

At the ANTARES site which is located at geographical coordi-
nates (φ, λ) = (42◦47′56.1′′ N, 6◦9′56.5′′ E), the local coordinates
of the GRB at T0 is (Az, Alt) = (331.62◦, 25.09◦). The GRB is lo- The azimuth angle is mea-

sured from the celestial
North towards the East.

http://heasarc.gsfc.nasa.gov/docs/swift/about_swift/bat_desc.html
http://heasarc.gsfc.nasa.gov/docs/swift/about_swift/bat_desc.html
http://heasarc.gsfc.nasa.gov/docs/swift/about_swift/bat_desc.html
http://www.swift.psu.edu/xrt/
http://www.swift.psu.edu/xrt/
http://www.pairitel.org/
http://www.pairitel.org/
http://xmm.esac.esa.int/
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Figure 10.1: The BAT light
curve of GRB 090709A, mea-
sured in the 15–350 keV
band, with a smoothing
curve in red performed by
Markwardt et al. (2009).

cated rather close to the local horizon, which could result in a
reduction of the number of expected muons due to the lengthen-
ing of the path traversed through the sea.

10.3 GRB 070220

This GRB triggered BAT on 2007 February 20 at T0 = 04:44:33 UT.
Swift immediately slewed towards the GRB and observed it with
the XRT and the UVOT5 starting respectively from T0 + 79 s and 5 Ultraviolet and Op-

tical Telescope, http:
//www.swift.psu.edu/uvot/

T0 + 88 s (Stamatikos et al., 2007a). The 90% confidence level of the
GRB’s location is (α, δ)J2000 = (2h19m6.83s,+68◦48′16.1′′), based
on XRT observation of the afterglow (Beardmore et al., 2007).

The light curve of GRB 070220 (Figure 10.2) shows a multi-
ple peaked structure with T90 = 129 ± 6 s (Parsons et al., 2007).
The γ-ray bolometric fluence is measured to be Eiso

bol = 4030
10 ×

10−6 erg cm−2 (Butler et al., 2007).
Follow-up observations of GRB 070220 were performed in the

optical wavelength by the KANATA 1.5 m telescope in Hiroshima
(Arai, Uemura & Uehara, 2007) and by the robotic Faulkes North
Telescope (Melandri et al., 2007), in the near-infrared by the ART-3
Telescope (Torii, Tanaka & Tsunemi, 2007), and in the radio band

http://www.swift.psu.edu/uvot/
http://www.swift.psu.edu/uvot/
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value in this direction of 3.8×1021 cm−2). The 0.3 − 10.0 keV observed flux over this time inter-
val is (1.21 ± 0.05)×10−9 ergs/cm2/sec, which corresponds to an unabsorbed flux of (1.65 ± 0.10)
×10−9 ergs/cm2/sec. With a count rate of 17.0 count/s for this spectrum, we estimate a count to
unabsorbed flux conversion factor of 9.7 ×10−11 ergs/cm2/sec.

4 UVOT Observations and Analysis

No new optical source was found in any of the UVOT observations, inside the refined 2 arcsec XRT
error circle given in Beardmore et al., GCN Circ. 6118, either in the first white filter exposure or in
the summed exposures in all filters up to ∼T+2h. Upper limits, summarized in table 1, derived for
the initial White filter exposure as well as for the co-added exposures in all filters, have been reported
in de Pasquale and Stamatikos et al., GCN Circ. 6120.

Figure 1: BAT Light curve for GRB 070220. The mask-weighted light curve in the 4 individual plus
total energy bands. The green and black dotted lines bracket the T50 and T90 intervals, respectively,
while the blue and orange solid lines bracket the start and end of the slew, respectively. The time of
each bin is in the middle of the bin. The units are counts/sec/illuminated-detector and T0 is 4:44:33
UT.

Figure 10.2: The BAT light
curve of GRB 070220, mea-
sured in 4 different energy
band and the total energy
band in the 15–350 keV en-
ergy range (bottom plot). The
green and black dotted lines
bracket the T50 and T90 time
intervals, respectively, while
the blue and orange solid
lines bracket the start and of
the slew, respectively. Figure
reproduced from Stamatikos
et al. (2007b).

at 8.46 GHz by the Very Large Array (VLA) (Chandra & Frail,
2007). All observations did not find any counterpart to the GRB
in the bands observed.

The GRB is also observed by the Konus detector (Aptekar et al.,
1995) onboard the Wind satellite6. Konus is sensitive to γ-rays in

6 http://wind.nasa.gov/

20 keV–2 MeV, which allows for the high-energy spectral index β

to be measured. By fitting the time-integrated energy spectrum
of the GRB, β = −2.02+0.27

−0.44 is obtained (Golenetskii et al., 2007).
This is very close to the most common value of β. Using this
Konus spectral parameters, Pelangeon & Atteia (2007) obtained a

http://wind.nasa.gov/
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pseudo-redshift of ẑ ∼ 2.15 ± 0.8. A pseudo-redshift is a redshift
indicator proposed by Atteia (2003). The method works by using
the observed spectral parameters and the burst duration as an
input, and then the redshift is calculated by using the so-called
Amati relation (Amati et al., 2002) that found a linear relation
between the logarithm of εpk and the logarithm of Ebol

iso .
The local coordinates of GRB 070220 at the ANTARES site at

T0 is (Az, Alt) = (4.68◦, 22.05◦). The GRB is at an altitude close
to the local horizon, and given also the predicted redshift of the
GRB, most probably there are not many TeV γ-rays that could
reach Earth in the first place.

We will simulate the interaction of TeV γ-rays that reach Earth
with particles in the atmosphere of the Earth. This will be dis-
cussed in the next Chapter.



11 Analysis of ANTARES data coinciding with
two GRB events

In order to obtain an optimized quality cut for the selection of
events, it is necessary to estimate first the number of expected sig-
nal. While analytical calculations such as performed in Chapters
2–3 can give this number, there are several limitations to it if we
also want to include detector effects. The best way to estimate
the number of signals that could be expected from a GRB with
the given parameters is by performing a full Monte Carlo simu-
lation from the top of the atmosphere to the bottom of the sea.
A full treatment of Monte Carlo simulations allow us to include
the effects due to muon multiplicity, the lateral distribution of the
muons at sea level, and the stochastic effects of muon energy loss
in water, and furthermore the effects of photon detection by the
PMTs.

The discussion in this Chapter will be started with a description
of the simulation chain employed for both target GRBs.

11.1 Muon production

Simulations of muon production from in the atmosphere are
performed with CORSIKA (Heck et al., 1998) version 6990. Hadronic
interactions in the atmosphere are simulated with the QGSJET model
while the electromagnetic interactions are simulated with the EGS4

package. The photon sources are fixed to the sky, with an azimuth
and zenith distance conformed to the actual direction of the GRB.

The horizontal axes of CORSIKA are aligned with the Earth’s
north magnetic field, in order to include its effects to the tracks
of the simulated particles. As noted by Guillard (2010), the effects
of the Earth’s magnetic field are negligible at TeV energy which is
the interest of this study. Since there is negligible deviation due
to magnetic field—which we shall also see later at reconstruction
level—it is then safe to just consider that CORSIKA axes are aligned
with the celestial North pole.

The results of the simulation are shown in Table 11.1 and Figure
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No. Name α δ Azimuth Altitude Nγ Nµ Ns,HEµ

1 090709A 289.94 60.73 331.62 25.09 ∼ 108 11 706 524 24765
2 070220 34.80 68.80 4.68 22.05 ∼ 5 × 107 4 179 214 10638

Table 11.1: Summary of the
CORSIKA simulation. All posi-
tional coordinates are in de-
grees. Azimuth is measured
from the celestial North and
is positive toward the East.
Altitude is measured from
the local horizon, positive to-
wards the zenith and nega-
tive towards the nadir. Nγ

is the total number of gen-
erated photons and Nµ is
the total number of mu-
ons generated in the atmo-
sphere. Ns,HEµ is the num-
ber of muon showers contain-
ing at least one muon with
energy higher than 500 GeV.
The photon and muon spec-
tra are shown in Figure 11.1.

11.1. The spectrum is calculated using an analytical formulation
involving the attenuation of TeV photons by the cosmic infrared
background (CIB). Because attenuation is involved, the shape of
the photon is then no longer in the form of a simple power sam-
ple, i.e. dNγ/dεγ ∝ ε

−β
γ , where β is the spectral index of the

photon spectrum’s high-enery component. Instead, the shape of
the photon spectrum will be in the form of

dNγ

dεγ
∝ ε

−β
γ e−τγγ(εγ ,z), (11.1)

where τγγ(εγ, z) is the optical depth of the universe along the
line of sight to the GRB, as a function of the photon energy in
the observer frame εγ and the redshift z of the GRB. The optical
depth τγγ increases with increasing photon energy and redshift.
Attenuation then get more severe. This is discussed in more detail
in Section 2.3.

Because CORSIKA can only generate photons according to simple
power law, a certain trick has to be used so that it will generate
photons from an attenuated spectrum. The trick invented for this
purpose is to chop the attenuated spectrum into small bins and
calculate the number of photons that should be generated in the
bin. This is done first by normalizing the spectrum to the total
number of photons Nγ we want to generate:

Nγ = fγ

∫ εγ,max

εγ,min
dεγε

−β
γ e−τγγ(εγ ,z). (11.2)

From this equation it is straightforward to calculate the normaliza-
tion factor fγ. The minimum energy εγ,min is set to 1 TeV and the
maximum energy εγ,max is arbitrarily set to 300 TeV. We could then
chop the spectrum into a number of n bins of equal bin width:

∆ log εγ =
1
n

log
(

εγ,max

εγ,min

)
, (11.3)

and calculate the number of photons that should be generated
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Figure 11.1: The shape of
the photon spectrum used to
generate photons, and the re-
sulting muon spectrum. The
solid line on top of the pho-
ton histogram is the theoret-
ical photon spectrum, while
the solid line on top of
the muon histogram is the
theoretical calculation of the
muon spectrum.

within the i-th bin:

Nγ,i = fγεγ,i ln(10)∆ log εγ
dNγ

dεγ,i
e−τγγ(εγ,i ,z). (11.4)

The number of muons inside each bins as well as the minimum
and maximum energy is then used as input to CORSIKA along with
other required input. The resulting spectrum could then mimic
the attenuated spectrum, as we can see in Figure 11.1.

Using this method, the calculation of the weights of the simu-
lated events reduces to a single constant value and is invariable to
energy.

11.2 Muon duplication

The column with header Ns,HEµ in Table 11.1 shows the num-
ber of muon showers that contain at least one muon with energy
higher than 500 GeV. The content of the muon bundle generated
in one photon shower can go up to hundreds of muons, although
within this bundle of muons normally there would only be one or
two very high energy muons. The number of showers containing
high-energy muons are too low if we also think that they have
to be propagated to the detector and then reconstructed, but in-
creasing the number of photons to be simulated will increase the
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amount of computer time. It is faster to duplicate these showers
and treat them as if they are different events.

It is also necessary to not only duplicate the muons but also
to spread them into a more extended beam that covers all part of
the detector. The generating area of the photons within CORSIKA

is concentrated only to a beam with radius ∼20 m, which is too
small compared to the size of the detector which radius is ten
times the corsika beam radius. If we only propagate photons from
a pencil beam, we would only simulate a small part of the detector
which may introduce a bias in the result of the simulation.

The definition of the photon duplicating area at the surface
must not be too large that muons at its edge would never be
detected and thus waste computer time, but also must be large
enough that it efficiently covers all part of the detector. One
scheme that meets these requirements is shown in Figure 11.2.
This scheme requires the dimension of the can that covers the in-
strumented volume, the vertical location of the detector’s centre
of gravity, the depth of the sea, and the direction of the GRB in
local coordinates azimuth φ and zenith distance θ.

The basic idea is as follows: First we draw a circumscribing
sphere around the can. It is straightforward to calculate the radius
rs of this sphere (Figure 11.3):

rs = ( 1
4 h2

c + r2
s )

1/2, (11.5)

where hc is the height of the can which can be obtained if we know
the vertical coordinates of the top and bottom and surface of the
can:

hc = zc,max − zc,min. (11.6)

We can then draw a tube with radius rs that points to the direc-
tion (φ, θ) of the GRB. This tube represents the beam of photon-
induced muons. The muons inside this beam will hit all parts of
the detector because the beam exactly covers the can. The cylin-
drical section of the tube that parallels the plane of the sea surface
is then simply the muon duplication area, and is in the shape of
an ellipse with semimajor axis

a =
rs

cos θ
, (11.7)
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Figure 11.2: This sketch illus-
trates the scheme for defining
the photon generation area.
A sphere Vdet is first drawn
to exactly circumscribe the
can that surrounds the de-
tector. We could then draw
a tube with the same radius
that points to the direction of
the GRB. The cylindric sec-
tion that parallels with the
plane of the sea surface is
then the photon generation
area, which will be an ellipse.
Illustration by the author.

and semiminor axis is b = rs. Because the tube points to the
direction of the GRB, the axes of the ellipse is inclined with angle
φ relative to the axes of the coordinate system. The area of the
ellipse is Aellipse = πab.

The coordinates of the center of the ellipse relative to the center
of gravity of the detector can be obtained if we know the depth
of the sea dANT and the vertical coordinates of the detector’s cen-
ter of gravity zC.O.G. The coordinates for the center of gravity of
the detector can be obtained from the km3 program. The vertical
distance ds of the circumscribing sphere to the surface is then

zs = zC.O.G + zc,max − 1
2 hc, (11.8)

ds = dANT − zs. (11.9)

Here zs the vertical coordinates of the circumscribing sphere. The
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Figure 11.3: The top-view
and side-view of the muon
generating area and its orien-
tation with respect to the can.
Because the tube represent-
ing the beam of TeV photon-
induced muons are directed
toward the source, the ellipse
representing the muon gen-
erating area is inclined with
angle φ = 360◦ − Azimuth
with respect to the x-axis.
Calculating the size of the el-
lipse with respect to the can
is straightforward if we con-
sider a sphere exactly circum-
scribing the can. Illustration
by the author.

coordinates of the center of the ellipse is then

rellipse =




xellipse
yellipse
zellipse



 =




ds tan θ cos φ

ds tan θ sin φ

ds



 (11.10)

We could now generate random points within this ellipse that
would be the new coordinates of the muons relative to the center
of gravity of the detector. First we generate two random numbers
{R1, R2} ∈ [0, 1]. Using these two random numbers we could then
calculate the coordinates at the sea surface relative to the center of
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No. Name φ θ Ns,HEµ Duplication Run No. Nrec µs

1 090709A 28.38 64.91 24 765 50 000 41812 27 221 2.7 × 10−4

2 070220 355.32 67.95 10 638 1 200 000 26128 912 6.5 × 10−8

Table 11.2: Summary of the
detector simulation. All posi-
tional coordinates are in de-
grees. φ is measured from
the celestial North and is pos-
itive toward the West, thus
φ = 360◦ − Azimuth. θ
is measured from the zenith
and is positive toward the
nadir, and θ = 90◦ −
Altitude. Ns,HEµ is the num-
ber of photons that gener-
ate muon showers contain-
ing at least one muon with
energy higher than 500 GeV.
Duplication is the number of
times Ns,HEµ are duplicated.
Run No. is the raw data file
used for background simula-
tion, Nrec is the final num-
ber of events at reconstruc-
tion level. µs is the number
of weighted signal events.

the ellipse rellipse:

r′surf =

[
x′surf
y′surf

]
=

[
−a + 2aR1
−b + 2bR2

]
(11.11)

This generated coordinates will be accepted if the criterion
(

x′surf
a

)2

+

(
y′surf

b

)2

< 1 (11.12)

is satisfied. Next we rotate the coordinates by an angle φ:

rsurf =

[
xsurf
ysurf

]
=

[
cos φ − sin φ

sin φ cos φ

] [
x′surf
y′surf

]
(11.13)

The new coordinates for the muon will then be

rµ = rellipse + rsurf + rµ,0, (11.14)

where rµ,0 are the original 2D coordinates of the muon at the sea
surface, obtained from CORSIKA simulation. It is worthwhile to
note here that rµ are 3D coordinates with the same vertical com-
ponents, i.e. zellipse = ds.

This algorithm is repeated for all muons. The muons are also
duplicated to increase the statistics at reconstruction level. The
number of duplications are shown in Table 11.2.

The final position of the muons is shown in Figure 11.4. We can
see that our calculations are correct since the size and orientation
of the ellipse are correct and that the muons do point toward the
detector.

11.3 Further simulation chains

Muon propagation from the sea surface towards the can is per-
formed using the MUSIC code (Antonioli et al., 1997) that runs
within the km3 software. Furthermore, km3 is also used to gener-
ate the Cherenkov photons and hits detected by the PMTs. The re-
sponse of ANTARES to the photons is then simulated with TriggerEfficiency,
and the tracks are reconstructed with the aafit v0r9 algorithm.
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Figure 11.4: The initial po-
sitions (left) and momentum
vectors (right) of the muons
at the surface, relative to the
center of gravity of the detec-
tor. The red dots in the left
plot shows the final coordi-
nates of the initial positions
of the muons, after coordi-
nate rotation has been per-
formed. Green crosses show
the positions of the detector
strings. As we can see, the
muons are distributed inside
an ellipse with the prescribed
size, as well as the inclina-
tion relative to the X-axis. In
the right plot, the momen-
tum vectors of several muons
are shown, to make sure that
they do point toward the de-
tector.

To emulate environmental and detector conditions, the random
background hits in TriggerEfficiency are generated by using in-
put parameters obtained from the raw data file corresponding to
the time when the GRBs took place. The quality of the data taken
during the corresponding the run is shown Table 11.3.

11.4 Results of the reconstruction

The final number of events at reconstruction level is shown in
Table 11.2. This is the total number which already includes du-
plication. The expected number of signal µs is shown in the last
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Run No. 41812 26128
Baseline rate [kHz] 67.76
Burst fraction 0.43
Expected muon [minute−1] 83.18
Number of active lines 9
Theoretical number of OMs 645 375
Number of active OMs 486
Mean active OMs 509.91
Mean rate [kHz] 96.45 118.91
Median trigger hits 12.19
Number of muons [minute−1] 84.90
Data quality 1
Run duration [s] 15704

Table 11.3: Data quality of
the runs containing the se-
lected GRBs. These values
are taken from the ANTARES
database.

column, where

µs = wsNrec, (11.15)

here ws is the weight of each individual signal event. Because of
the way we generate the photons, the shape of the generated pho-
ton spectrum reproduces the expected photon spectrum. Conse-
quently, the weight of each individual signal event ws is invariant
to the energy εγ of the photons, and the value is the same for all
signal events:

ws =

dNγ

dεγ

∣∣∣
th

εγ

dNγ

dεγ

∣∣∣
C

εγ

T90 Aellipse

Nduplication
. (11.16)

Here dNγ

dεγ

∣∣∣
th

εγ
is the theoretical photon spectrum at a certain energy

εγ, dNγ

dεγ

∣∣∣
C

εγ
is the CORSIKA photon spectrum at the same photon

energy, T90 is the burst duration, Aellipse is the size of the ellipse
generating area, and Nduplication is the number of muon duplica-
tion performed.

11.4.1 Detection efficiency

The plots that describe the detection efficiency ηµ for each GRB
is shown in Figure 11.5. For each GRB, the muon spectrum at
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Figure 11.5: Top: The shape
of the muon spectrum at
the surface (blue histograms)
and at reconstruction level
(red histograms) for each
GRB. The muon energy at the
x-axis is the surface energy.
Bottom: Reconstruction effi-
ciency.

the sea surface is shown as the blue histogram, while the muon
spectrum at reconstruction level is shown as the red histogram.
The muon energy used at the x-axis is the muon energy at the sea
surface. We can see that low-energy muons could penetrate the
depth of the sea and be reconstructed, albeit with low efficiency.
High-energy muons with εµ ≥ 1 TeV still comprise the majority
of the reconstructed tracks. At the bottom plot of Figure 11.5, the
detection efficiency ηµ as a function of the muon energy is plotted
for each GRB.
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Figure 11.6: The probability
distribution function (PDF)
and cumulative distribution
function (CDF) of the true an-
gular resolution ψ (left), the
angular uncertainty σψ (cen-
ter), and the fit likelihood Λ
(right). Different color indi-
cates different GRB, as indi-
cated in the legend.

11.4.2 Track reconstruction quality

The distribution of the relevant parameters that define the
quality of the reconstruction are shown in Figure 11.6. This Figure
shows the distribution of the true angular resolution ψ, angular
error estimate σψ, and the goodness-of-fit Λ for both GRBs.

We can see that the distribution of σψ and Λ is consistent with
previous simulations shown in Chapter 7. The distribution of ψ

however is different with what we would expect from a source
at this zenith distance. This could arise from the fact that we
are simulating the detector with realistic conditions, and that the
detector conditions at the time the GRB took place was below the
idealized optimum conditions. Table 11.3 shows the quality of the
data taken in the run when the selected GRB events happened, as
well as the detector condition at that moment. We can see that
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Figure 11.7: The point spread
function (PSF) of the muon
events of the GRBs, drawn
in Lambert azimuthal equal-
area projection. The size of
the box is 3◦ × 3◦ and the
width between grid lines is
1◦. The plot is centered on
the supposed location of the
GRB, marked by the white
cross in the middle of each
plot. For illustration pur-
pose, the weight for each
events is set to 1.

when GRB 090709A (run number 41812) went off, only 9 lines out
of the total 12 were active at that time. GRB 070220 (run number
26128) happened when the ANTARES detector consisted of only
5 lines. The quality of the data taken were category 1 for run
number 41812. Quality 1 indicate that the data taken surpass the
basic quality criteria and are suitable for physics analysis.

The point spread function of the reconstructed events for each
GRB is shown in Figure 11.7. Here the weight of events are set
to ws = 1 for illustration purpose. We can see that most of the
interesting signal events are well-reconstructed, within a radius of
the PSF is ∼1◦.

11.5 Optimization

The optimization results for the model discovery potential (MDP)
approach are shown in Figures 11.8–11.9 and Table 11.4, while the

GRB MDP (3σ) MDP (5σ) MRF
Ψ [◦] Λaafit Ψ [◦] Λaafit Ψ [◦] Λaafit

090709A 1.43 -6.29 1.24 -6.25 2.82 -6.55
070220 1.04 -6.12 7.29 -6.92 9.68 -7.00

Table 11.4: The combina-
tion of cuts for each GRB
that minimizes the MDP and
MRF.
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Figure 11.8: The model dis-
covery potential (MDP) for a
50% probability of making a
3σ discovery, as a function of
opening radius Ψ and Λ, for
both GRBs. The cut in Ψ and
Λ that minimizes the MDP is
shown as the white cross in
the plot.

results for the model rejection factor (MRF) is shown in Figure
11.10 and Table 11.4. The optimization result is reasonable given
that the expected number of signal events are very low.

11.5.1 Expected significance of the observation

We could calculate the significance of the detection using the
significance formula derived by Li & Ma (1983), which is based
on the likelihood ratio method. For this calculation, an “ON” and
“OFF” period must be defined: The “ON” time is the period in
which we know there is a GRB event, while “OFF” is the period
in which we know there is only background. For simplicity of the
calculation we could define ton as the T90 of the GRB, and toff as
the one hour period before the GRB in question took place. We

No. Name ton toff non noff S
1 090709A 344.85 3600 0.07 0.76 2.52 × 10−4

3 070220 150.67 3600 0.32 7.60 3.03 × 10−8

Table 11.5: Summary of the
Li & Ma (1983) significance
calculation. On-time ton and
off-time toff are in seconds.
non and noff are the expected
number of events during the
respectively on and off pe-
riod. The significance of the
detection S is shown in the
last column.
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Figure 11.9: The same as in
Figure 11.8, but for a 50%
probability of making a 5σ
discovery.

measure the number of events during the “ON” period, non, as
well as the number of events during the “OFF” period, noff. From
these four quantities, we can measure the significance S of the
detection.

The results of these calculations are shown in Table 11.5. The
expected significances for all GRBs are very low, despite the very
low background rate. This is because the expected number of
signal events itself is very low. Unless there is an enhanchement
of signal events at the source itself, this is the significance we could
expect after unblinding of the data.

As the number of background events are very low, the obser-
vation time during the “off” period is taken to be 60 minutes.

11.5.2 Expected sensitivity

The expected sensitivity plot for each individual GRBs is shown
in Figure 11.11. This expected sensitivity is calculated by multi-
plying the theoretical photon spectrum by the value of the mini-
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Figure 11.10: The plots for
the 90% confidence limit
model rejection factor (MRF),
as a function of opening ra-
dius Ψ and Λ, for the each
proposed GRBs. The set of
cuts that minimized the MDP
and the MRF is shown as the
white X in the each plot.

mum MRF:

φ90(εγ) =
µ̄90(µb)

µs
φ(εγ), (11.17)

where µs and µb are respectively the expected values of the sig-
nal and background that pass the quality cuts that minimize the
MRF, and µ̄90(µb) is the averaged upper limit at 90% confidence
level. After the unblinding, this sensitivity will be recalculated by
inserting the measured background and signal.

As we can see, ANTARES sensitivity is low for a GRB with a
small flux. Unless there is an enhancement of TeV photon pro-
duction at the source itself, we would not expect to see any event.
However, since we are observing the GRB event from start to fin-
ish, this would be a very compelling limit in the TeV regime.
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Figure 11.11: The expected
sensitivity of ANTARES to
each GRBs, shown here in
dotted lines. The theoretical
photon spectrum is shown
in solid lines. The left plot
shows the sensitivity if the
MRF result approach is used,
while the right plot shows
the sensitivity if the MDP 5σ
approach is used. If the MDP
values are used, the detector
is slightly less sensitive than
if the MRF results are used.

11.6 Summary

The individual optimization of the top two GRBs proposed to
be unblinded has been performed. Using CORSIKA to simulate
muon production in the atmosphere, the spatial distribution of
high-energy muons at the surface has been obtained and has been
put into good use.

A set of cuts that minimized the MDP and MRF has been ob-
tained, and the expected detection significance and limit of the
observation has been calculated. In principle all the necessary
analysis for unblinding has been performed.

Due to the very low expectation to observe any signal event
from GRB 070220 because of the small instrumented volume of
the detector when the GRB happened, it was proposed that this
GRB is dropped from the observation proposal. We will observe
then only one GRB instead of two.

In summary, further analysis after unblinding will be:

1. We will observe for 60 minutes the area within the optimum
radius Ψ (given the zenith distance θ of the GRB) in the direc-
tion of the GRB before the time when the GRB is occuring. This
way we could estimate the background rate µb at that time.
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2. The upper limit of signal event rate µs will be determined by
calculating the upper limit of the Feldman-Cousins confidence
interval, given the estimated number of background µb, the
number of observed events nobs and the required confidence
limit α = 90%.

3. The compatibility of the observed events with the background-
only hypothesis will be calculated by the likelihood ratio method.

The simulation suggests that no event will be observed during
the ON period and at most a couple background events during
the OFF period. This should also be the case when we unblind
the data and look at it, unless there is an enhancement of TeV γ-
rays production at the source itself. Such an enhancement could
occur when a more efficient channel of TeV γ-ray production takes
place in the GRB, for example the decay of secondary pions in the
GRB fireball into neutrinos and high-energy γ-rays (Waxman &
Bahcall, 1997; Fragile et al., 2004).

Should such enhancement do occur, the number of signal events
would increase dramatically and it is not impossible that they are
detectable even by ANTARES.

11.7 The result of data unblinding

The unblinding proposal has been granted on July 25 2012, and
the analysis was performed according to the proposal.

The data from run number 41812 were reconstructed with the
aafit v0r9 algorithm. The Julian Date in the data is used to de-
termine the time of arrival relative to T0 of the GRB, and local
coordinates are used to determine the direction.

For GRB 090709A, the beginning of the on-time is taken to be
-66.665 s with respect to the trigger time, and the end of it is taken
to be 509.035 s after the alert time. Both values as well as the
trigger time are taken from Butler, Bloom & Poznanski (2010).

The off-time is defined to be 1 hour before the on-time. Ap-
plying the cuts and knowing the local direction of the GRB at the
time it happened, no event were observed during the on-time for
both the MDP and MRF cuts. During the off-time, one event was
observed for the MDP cut, while 2 events for the MRF cut were
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Figure 11.12: The 90% confi-
dence level of the sensitivity
of the ANTARES Telescope to
GRB 090709A, shown here in
dotted lines. The theoretical
photon spectrum is shown in
solid lines.

observed. The observation of the 2 events after the MRF cuts were
administered implies that the number of background is nbg = 0.32
during the on-time.

The sensitivity plot is shown in Figure 11.12. At 10 TeV, the
photon is φ(10 TeV) = 9.25 × 10−2 TeV−1 km−2 s−1. By means of
Equation 11.17, the ANTARES upper limit is then

φ90(10 TeV) = 2.5 × 103 TeV−1 km−2 s−1. (11.18)

Compared to the expected sensitivity shown in Figure 11.11, the
unblinding result is consistent with the expected sensitivity.
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12 Conclusions and outlook

The author is of the opinion that the attempt to detect very-high
energy (VHE) γ-rays from GRBs is a most difficult venture. Some
of these difficulties will be discussed in the following.

It is possible that VHE γ-rays are not always produced in a
GRB, as the production of VHE γ-rays in GRBs is determined
largely by the bulk Lorentz factor Γ. As discussed in Chapter
2, the compactness of the GRB fireball is highly-dependent on Γ
and will introduce a cutoff in the emitted γ-ray spectrum. The
high-energy cutoff εcut of the energy spectrum is approximated
by Asano & Inoue (2007) as

εcut , Γ4
100L−1/2

iso,51

(
δt
1 s

)1.3
GeV, (12.1)

where Γ100 = 10−2Γ is the Lorentz factor of the GRB fireball,
Liso,51 = Liso/(1051 erg s−1) is the isotropic luminosity of the
GRB, and δt is the time variability of the GRB in the source frame.
From this Equation we can see that Γ must be ∼1000 to allow for
γ-rays of energies εγ " 10 TeV to escape from the fireball, assum-
ing a variability timescale δt = 1 s. This value of Γ is well above
that constrained by Lithwick & Sari (2001), which is generally be-
tween 100 and 400. While GRB 090510 has been observed to have
Γ ! 1200 (Ackermann et al., 2010), this GRB might represent the
higher end of a wide distribution in the bulk Lorentz factor Γ, and
a typical GRB will have Γ ∼ 200–720 (Ackermann et al., 2012).

Even if VHE γ-rays can escape the fireball, they will interact
with the cosmic infrared background radiation. The γ-rays are
annihilated, producing electron–positron pairs in its place. The
optical depth τγγ is a function of γ-ray energy and of the distance
to the GRB. As we have seen in Section 2.3, the attenuation limits
our observation only to the nearest GRBs. As can be seen from
Figure 2.3, the cutoff in the observed photon spectrum is already
severe for redshift z ∼ 0.2. This effectively limits our observation
only to the nearest GRB with redshift z " 0.2, which according
to Le & Dermer (2007) has only a probability of P(z ≤ 0.2) ∼
6.5 × 10−3 of occuring. Despite this low probability predicted by
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theoretical analyses, in the last 14 years alone we have observed at
least 6 GRBs with z ≤ 0.1 and 12 GRBs with z ≤ 0.2. This means
that nearby GRBs could occur with higher frequency than what
was predicted by theory.

The depth of the detector provides excellent shielding against
muon background events. However, if the detector is too deep
then even muon signal events can not penetrate to that depth.
Consequently, the neutrino telescope can not play its role as a γ-
ray observatory. The depth of the ANTARES neutrino telescope
already provides sufficient shielding while still allowing energetic
muons to reach the detector. To operate an underwater neutrino
telescope as a γ-ray telescope, it is better if the detector is not
deployed to a depth of more than ∼2500 m.

From the analysis of the expected muon rate from a single GRB
event, we found out that the muon rate is largely dependent on
three quantities: The distance to the GRB, the hardness of the
GRB energy spectrum, and the size of the detector. The distance
of the GRB, represented by its redshift z, determines the number
of γ-rays that survive to reach Earth. The hardness of the energy
spectrum, represented by its high-energy spectral index β, deter-
mines the growth or dissipation of the electromagnetic shower in
the atmosphere. Finally, the size of the detector determines the
number of detectable muons. An ANTARES-sized telescope how-
ever requires a typical GRB with spectral index β = −2 to be at
a redshift z " 0.05. This puts a heavy constraint on the discovery
potential as a GRB event that occurs at so small a redshift is very
rare. A km3-sized neutrino telescope will have a horizon up to
z " 0.1.

It is also possible to observe all detected GRBs that occur above
the local horizon of the detector and stack them as if they are one
single source. In order to understand this method, GRB events are
simulated using distribution functions that reflect the properties
of a GRB. From this simulation we learned that the effective area
of the detector must be at least of the order of Aeff

µ = 1 km2

to obtain at least 50% probability of making a discovery with 3σ

significance or better in 5 years.
Simulations of the ANTARES Neutrino Telescope’s response

to downgoing muons show that the detector is capable of recon-
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structing downgoing muon tracks with reasonable efficiency. The
muon detection efficiency is approximately ∼20% at a muon en-
ergy εµ = 10 TeV. This corresponds to a muon effective area
of approximately Aeff

µ ∼ 0.05 km2. This relatively small size de-
creases the redshift threshold even further. GRBs must then occur
at redshift z " 0.01 in order to be detected by ANTARES.

It is to be understood that ANTARES is built more as a proof
of principle for an undersea neutrino telescope—a continuation
of the legacy left by its predecessors such as DUMAND and the
still-active Baikal—than as an instrument of discovery. What has
been shown in this dissertation is that the detector is capable to
detect downgoing muon events with relatively good accuracy and
that a physics analysis can be applied to these data. We have also
seen that a statistical analysis can be applied to the data in order
to impose a limit on the TeV flux of a selected GRB target.

The sensitivity plot shown in Figure 11.12 implies that the 90%
confidence level of ANTARES sensitivity at 10 TeV is

ν fν,90(10 TeV) = 4 × 10−4 erg cm−2 s−1. (12.2)

This result shows that ANTARES is much less sensitive than other
ground-based γ-ray observatories such as Milagro, MAGIC, or
HESS. Milagro observed 28 GRBs between 2000–2008 and the best
upper limit they obtained at 99% confidence level is ν fν,99(> 100 GeV) ∼
10−6 erg cm−2 s−1 (Aune, 2009). Between 2005–2006, the MAGIC
telescope observed 9 GRBs during their afterglow phase and ob-
tained average upper limits in the order of 〈ν fν〉 ∼ 10−8 erg cm−2 s−1

(Albert et al., 2007). HESS observed GRB 060602B during its prompt
and afterglow phases, and obtain an upper limit for εγ > 1 TeV at
99% confidence level of ν fν,99(> 1 TeV) = 2.9× 10−9 erg cm−2 s−1

(Aharonian et al., 2009). Even though MAGIC and HESS have
better sensitivities than Milagro, their low duty cycle and slow
slew rate make it dificult for them to observe GRBs in the prompt
phase.

The currently largest neutrino telescope in the world, IceCube,
might be able to play a role as a γ-ray observatory. Two south-
ern GRBs were recently detected by Swift and should be within
the field of view of IceCube (Table 12.1). The host galaxy of GRB
100316D was identified to be at redshift z = 0.059 (Vergani et al.,
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Name
T0 αJ2000 δJ2000 T90 z References

[UT] [h:m:s] [◦ ′ ′′] [s]
100316D 12:44:50 07h10m30.63s −56◦15′19.7′′ 240 0.059 Vergani et al. (2010)
111005A 08:05:14 14h53m15.6s −19◦43′19.1′′ 26 0.01326? Levan et al. (2011)

Table 12.1: The parameters
of two nearby southern GRBs
whose TeV γ-ray emission
could possibly be observed
by IceCube.

2010) and an associated supernova, SN 2010bh was detected by
Wiersema et al. (2010). The host of GRB 111005A was not identi-
fied as the GRB occured at ∼35◦ from the Sun. However, Levan
et al. (2011) noticed that the BAT error circle contains a bright,
nearby galaxy at redshift z = 0.01326. If GRB 111005A is indeed
associated with this galaxy, then it would be the closest GRB iden-
tified since GRB 980425/SN 1998bw. Observing these two GRBs
with IceCube could provide us with interesting results given the
capabilities of IceCube.

Future neutrino telescopes such as the Gigaton Volume Detec-
tor (GVD) in Lake Baikal and KM3NeT in the Mediterranean Sea
will have a more serious chance to impose a stricter limit or mak-
ing a discovery. As mentioned in Chapter 1, KM3NeT is expected
to be completed in 2020 and is expected to cover an instrumented
volume of 5–8 km3. The site for KM3NeT has not yet been de-
termined at this time, however the design for the spherical casing
that will house the PMTs has been defined.

Figure 12.1: The prototype of
the KM3NeT digital optical
module (DOM). Credit: Pro-
priety KM3NeT Consortium,
http://km3net.org

The digital optical module (DOM) of KM3NeT (Figure 12.1)
will be a 17-inch glass sphere equipped with 31 3-inch PMTs. The
PMTs are oriented towards various directions, from straight down
to about 45◦ upwards. The advantages of this design among oth-
ers are that the overall photocathode area exceeds that of a 10-inch
PMTs by more than a factor of three, and that it provides more
directional sensitivity (Katz & Spiering, 2012). With this design
and its large volume, the sensitivity of KM3NeT to VHE γ-rays
could be increased to as much as a factor of 15 as compared to
ANTARES. Combine this large volume with a reconstruction al-
gorithm that can accurately reconstruct the direction of muons of
lower energies and better background rejection method, the sensi-
tivity of KM3NeT could be increased to as much as 100 times that
of ANTARES.

HAWC might be the detector with the best chance to observe
TeV γ-rays from GRBs. It has not only a wide field-of-view with

http://km3net.org
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near 100% duty cycle, but also a large photon collecting area with
Aeff

γ ∼ 105 m2 at εγ = 10 TeV (Abeysekara et al., 2012). HAWC
is expected to have a sensitivity of ν fν ∼ 10−7 erg cm−2 s−1 for
GRBs at a zenith distance of approximately 30◦ (Abeysekara et al.,
2012). This is still ∼10 times less sensitive than MAGIC and ∼100
times less than HESS, but the clear advantages of HAWC over
both instruments are its aforementioned field-of-view and duty
cycle.

The first confirmed discovery of TeV γ-rays from GRBs might
be performed by HAWC several years after it is completed in 2014,
however as we have seen in Chapter 5 it is possible that a detection
of at least 3σ significance could be achieved by KM3NeT within 5
years after it has been completed.



Summary

At the bottom of the Mediterranean Sea, at a depth of 2500 meter
and approximately 40 km off Toulon in south of France, lies the
ANTARES Neutrino Telescope. It is an array of light-sensitive de-
tectors pointed towards the ground to detect neutrinos that come
from the other side of Earth and have passed through it.

Neutrinos are particles that interact very weakly with matter
and thus are very difficult to detect. In fact, high-energy neutri-
nos must pass through the Earth before they have a good chance
to interact with the Earth and produce muons, which will travel
in the same directions as the neutrinos. When the muons come
out of the seabed, they travel with velocities exceeding the ve-
locity of light in water. An electromagnetic shock wave will be
generated along the path of the muon, which will be in the form
of coherent radiation of photons emitted at a characteristic angle
relative to the trajectory of the muon. This coherent photon radia-
tion is called Čerenkov photons. The light-sensitive detectors that
comprise ANTARES can detect these photons and reconstruct the
tracks of the muons. Detecting upward-going tracks will confirm
the neutrino origin of the muons as no other known particle can
traverse the entire Earth.

One of the scientific goals to build undersea and under-ice
high-energy neutrino telescopes is to search for the acceleration
site of cosmic rays at the highest-energy. Cosmic rays are fully
ionized atomic nuclei accelerated to relativistic velocities. They
constantly shower the Earth at all times and from all directions.
The energy of cosmic rays ranged from below 108 eV up to 1020

eV. This extremely-high energy exceeds anything that could be
performed in the currently largest manmade particle accelerators
on Earth, which is of the order of 1012 eV. How these particles can
be accelerated to such extreme energy and where are the sources,
is still a matter of debate. Pinpointing the source of these natural
accelerators could greatly help in understanding the mechanisms
of the acceleration.

The search for the acceleration sites of cosmic rays is particu-
larly difficult because they are charged particles and thus can be
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Figure 12.2: An artist impres-
sion of the ANTARES Neu-
trino Telescope. A discussion
on the ANTARES Neutrino
Telescope can be found on
Chapter 6. Credit: Alexan-
der Kappes (Physics Insti-
tute, University of Erlangen).

deflected to another random direction by ambient magnetic fields.
Thus the observed directions of cosmic rays do not point back to
the sources. On the other hand, cosmic rays of extremely-high en-
ergies are minimally deflected by magnetic fields. Their numbers
are however are very low and their detection would require de-
tectors of extreme size in order to detect them within reasonable
time.

This is how neutrino telescopes come into the picture. Ultra-
high energy neutrinos are expected as a by-product of cosmic ray
interactions with the ambient matter of the acceleration site. Rel-
ativistically expanding matter will interact with its surrounding
environment and create a shock wave. Shock-accelerated pro-
tons can escape to be observed on Earth as cosmic rays, but some
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Figure 12.3: An artist im-
pression of a Gamma-Ray
Burst. A description of obser-
vational and theoretical as-
pects of GRBs can be found
in Chapter 1.2, while the
mechanisms of VHE photon
productions in GRBs is dis-
cussed in Chapter 2.1. Credit:
ESO/A. Roquette.

will interact with the ambient matter to produce ultra-high energy
neutrinos.

Since neutrinos are electrically neutral they are not deflected
by magnetic fields. They are also not absorbed by matter because
they interact only weakly with it. Thus they point back straight to
their production site.

Gamma-Ray Bursts (GRBs) are attractive candidates for cosmic-
ray acceleration sites. They are brief flashes of γ-rays occuring ap-
proximately once per day at random time and direction in space
and is found to be nonrepeating. During this brief moment the
γ-radiation lits up the otherwise dark γ-ray sky, outshining other
γ-ray sources. GRBs have been understood to be the death throes
of massive stars or the outcome of merger events between compact
objects such as black holes or neutron stars. Whatever the progen-
itor was, the end result is an ultrarelativistic fireball expanding
into the interstellar matter. In this environment, protons can be
accelerated to reach extremely high energies and escape the fire-
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ball as cosmic rays, and can also produce ulta-high energy neu-
trinos which can be detected by large-scale neutrino telescopes.
Finding these ultra-high energy neutrino sources is the main goal
of neutrino astrophysics.

Cosmic rays can also interact with the fireball to produce very-
high energy (VHE) photons. These photons, of energies in the
order of 1012 eV and above, can also be detected by neutrino tele-
scopes by the same principle of detection. As the photons reach
Earth, they will interact with the atmosphere to produce muons,
which can travel downward through the depth of the sea. They
will lose their energy during their passage through the sea, but
if they are energetic enough they can still invoke electromagnetic
shockwaves which will generate Čerenkov photons. From these
photons the telescope can then reconstruct the downward-going
track of the muons. Thus by looking up like a photon astronomer
would traditionally do, instead of looking down like a neutrino
astronomer, a neutrino telescope could have a secondary function
as a γ-ray telescope.

Neutrino telescopes have a very wide field-of-view and a very
high duty cycle. Their coverage above the horizon is approxi-
mately π sr and they constantly take data 24 hours per day, 7
days per week, barring maintenance. Taking these two capabil-
ities into account, GRBs are then suitable targets to be observed
because of their transient and nonrepeating nature.

This idea of operating a neutrino telescope as a γ-ray telescope
is an old one, but can only become a reality with the recent ad-
vent of very large volume neutrino telescopes such as ANTARES
in the Mediterranean Sea, IceCube at the South Pole, and the fu-
ture KM3NeT. A very large detection volume is required not only
because in photon showers muons are produced only in small
numbers, but also because VHE photons are absorbed by ambient
infrared photons on their way from the source to the Earth.

The first step in exploring the prospect of this idea is by estimat-
ing the number of detectable muons at the detector. A number of
factors must be taken into account in this calculation: The intrinsic
number of VHE photons produced in the GRB itself, the number
of photons absorbed by ambient infrared photons during their
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propagation from the source to the Earth, the number of muons
produced in the Earth’s atmosphere, and the muon energy loss in
the sea given the depth of the detector.

Part I of this dissertation is focused on answering this first step.
The intrinsic number of VHE photons can be calculated by as-
suming a certain distance to the GRB, indicated by its redshift z,
and that the photons are emitted with an energy spectrum in the
shape of a power-law function. The severity of photon absorptions
by infrared ambient matters can be estimated by using currently-
available absorption models to calculate the optical depth τ(εγ, z)
of the universe to VHE photons as a function of energy and dis-
tance to the source.

The calculation of photon-induced muons is performed first
by identifying the two most probable channels. The first one is
from the decay of pions. High-energy photons interact with the
nuclei in the atmosphere to produce pions through the reaction
γ + N → π + X, followed by leptonic decay of pions into a posi-
tive muon and a muon neutrino, or a negative muon and a muon
antineutrino: π± → µ± + νµ(νµ). The energy spectrum of the
muons resulting from this channel has been calculated for a spe-
cific photon energy spectrum obeying the ε−2

γ function by Drees,
Halzen & Hikasa (1989), and has been generalised to an arbitrary
spectral index by Halzen, Kappes & Ó Murchadha (2009).

The second channel is the direct muon-pair production from
the interaction of high-energy photons with atmospheric nuclei,
γ + X → µ+ + µ−. For this to occur, the photon energy must
be higher than ∼43.9 GeV. The cross section for direct lepton-
pair productions has been calculated by Bethe & Heitler (1934)
for electrons, but the equation can be generalised to any type of
lepton by integrating the atomic form factor over the transferred
momentum with the mass of the lepton involved as the upper
limit (Halzen, Kappes & Ó Murchadha, 2009).

The resulting muon spectrum from these two channels can then
be calculated. At low energies, the dominant channel is the pion
decay; however, the number of high-energy muons that can be
produced from this channel goes down rapidly with increasing
energy. At energies higher than 1 TeV, the dominant channel of
muon production is pair production, because the total cross sec-
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tion increases with photon energy before reaching a saturation
point at εγ ! 10 TeV.

As the muons traverse the sea, they will lose their energy through
ionization and radiative processes. This is a stochastic process
which can be evaluated by means of Monte Carlo simulations, but
the average energy loss can be calculated by taking the standard
muon energy loss formula (Barrett et al., 1952). Using this for-
mula, the relation between the muon energy at the sea surface
and the energy at a certain depth can be calculated. It is now
also possible to calculate the muon spectrum at the depth of the
detector.

From these theoretical calculations, the three most important
factors in detecting VHE photons from GRBs has been identified.
The redshift z of the GRB determines the number of VHE photons
that survives the journey to the Earth, the hardness of the en-
ergy spectrum determines whether the electromagnetic spectrum
grows or dissipate in the atmosphere, and finally the size of the
detector determines the number of muons that can be detected.
Assuming a GRB with an average physical parameters, it is found
that an ANTARES-sized neutrino telescope can detect VHE pho-
tons provided that the GRBs are located at redshift z " 0.05. A
larger telescope with a muon effective area of Aeff

µ = 1 km2 can
see up to z ∼ 0.1.

To understand the response of ANTARES to downgoing muon
signals, Monte Carlo simulations are required. This is the main
subject of Part II. The simulations are performed in the environ-
ment around the detector. The volume is defined to be a cylinder,
called the can, with the detector placed at the centre. The size of
the can covers the detector with a margin equal to a few times the
attenuation of light. With this definition, the Čerenkov photons
produced outside the can do not reach the detector and thus do
not need to be simulated. This can significantly increase the speed
of the simulation.

In the atmosphere, several muons can be produced at once in
a bundle. These muon bundles travel next to each other and can
be inaccurately reconstructed. Monte Carlo simulations of muon
production in the atmosphere, performed with the CORSIKA pack-
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age, indicate that very high energy muon bundles that can pene-
trate the depth of the detector are very rare. Most of the muons
that reach the detector are single muons. It is thus appropriate to
generate only single muon tracks to study the detector response.

The results of the simulations indicate that the detector can
accurately reconstruct downgoing muon tracks, albeit with re-
duced efficiency compared to upgoing tracks. This is because the
light-detectors are pointed downwards to maximize light collect-
ing from upgoing tracks. The photon effective area of ANTARES
is found to be approximately 1 m2 at 5 TeV. Taking into account
these detector effects, the sensitivity of ANTARES to an average
GRB is only up to redshift z ∼ 0.01.

From the simulation we can also use the angular distribution
of reconstructed events to model a point spread function (PSF).
The PSF for the signal events can be approximated as a bivariate
normal distribution. The background events, which are muons
produced from the interaction of cosmic rays with atmospheric
nuclei, can be studied using actual data taken by ANTARES. Us-
ing a data set taken in 2008, in which ANTARES is running with
full capabilities, it is found that the angular distribution of the
background events can be approximated by a constant function,
assuming that only small opening angles are considered. Using
these two ingredients, toy Monte Carlo simulations can be per-
formed to generate background and signal events. These simu-
lations can be used for hypothesis testing to evaluate the com-
patibility of the data with the background-only hypothesis or the
signal plus background hypothesis. From this analysis it is found
that detecting only 5 signal events already gives a 90% probability
of making a discovery with 3σ significance.

The first attempt to find VHE photons from GRBs using a neu-
trino telescope is performed in this dissertation. This is described
in Part III. We first compile a list of detected GRB from various
sources; then the number of detectable muons from these GRBs
is calculated. The most prospective GRBs are then the ones that
have the highest emitted signal events.

To obtain an optimum quality cut that can maximize the discov-
ery potential, we need to estimate the number of expected signal
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and background events. The former is estimated by performing
a full Monte Carlo simulation from the top of the atmosphere to
the detector volume, while the latter is estimated by analysing the
data taken by ANTARES during the period when the GRB took
place. After an optimum quality cut has been obtained, the data
coinciding with the GRB is then observed.

From the two GRBs to be observed, no event was observed
during the time period when the GRB took place. Limits how-
ever have been set at 90% confidence level, which is found to be
ν fν,90%(10 TeV) = 4 × 10−4 erg cm−2 s−1. This result shows that
ANTARES is much less sensitive than other ground-based γ-ray
observatories such as HESS, Milagro, or MAGIC.

Two very nearby GRBs took place within the field-of-view of
IceCube. As the largest neutrino telescope in the world, IceCube
should observe these two GRBs. They should obtain interesting
limits given their capabilities.

Future neutrino telescopes such as the Gigaton Volume De-
tector (GVD) in Lake Baikal and KM3NeT in the Mediterranean
sea will have a more serious chance to impose a stricter limit or
even making a discovery. KM3NeT is expected to be completed
in 2020 and is expected to cover a volume of 5–8 km3. Another
instrument that has possibly the best chance to observe VHE pho-
tons from GRBs is HAWC, which has a photon effective area of
Aeff

γ ∼ 105 m2 at εγ = 10 TeV (Abeysekara et al., 2012), and an
expected sensitivity of ν fν ∼ 10−7 erg cm−2 s−1. This is still
∼10 times less sensitive than MAGIC and ∼100 times less sen-
sitive than HESS, but HAWC has a very wide field-of-view and
high duty cycle. It is possible that HAWC will make the first con-
firmed discovery of VHE photons from GRBs after it is completed
in 2014.



Samenvatting

Op de bodem van Middellandse Zee, op een diepte van 2500
meter en ongeveer 40 km van Toulon in Zuid-Frankrijk, staat de
ANTARES neutrinotelescoop. Deze telescoop bestaat uit een ver-
zameling lichtgevoelige sensoren. Neutrino’s zijn deeltjes die heel
zwak wisselwerken met materie en daarom erg moeilijk zijn waar
te nemen.

Neutrino’s met een hoge energie kunnen bij een interactie met
het zeewater een muon produceren. Dit muon reist in nagenoeg
dezelfde richting als het neutrino, en met een snelheid die de snel-
heid van licht in water overtreft. Hierdoor wordt een elektromag-
netische schokgolf teweeggebracht. Deze schokgolf maakt een ka-
rakteristieke hoek ten opzichte van het muonspoor en wordt ook
wel Čerenkov licht genoemd. Met de lichtgevoelige sensoren van
de ANTARES telescoop kan het Čerenkov licht worden gedetec-
teerd. Uit de plaats en tijd van het gedetecteerde licht kan het
muonspoor gereconstrueerd worden. Uit de richtingen van de
muonen kan de herkomst van de neutrino’s bepaald worden. Het
bijzondere is dat neutrino’s dwars door de aarde kunnen reizen.
Geen enkel ander deeltje kan dat. Dus als een naar boven gaand
muon wordt gedetecteerd dan zal dat door een neutrino gemaakt
zijn.

Een van de doelen van een neutrinotelescoop is het vinden van
de oorsprong van kosmische stralen. Kosmische straling bestaat
uit volledig geïoniseerde atoomkernen. De aarde wordt continu
en uit alle richtingen bestookt met kosmische stralen. De energie
van de kosmische stralen varieert van 108 eV tot aan 1020 eV. De
hoogste energie overtreft de energie die ooit bereikt zou kunnen
worden met deeltjesversnellers op aarde. Hoe deze deeltjes kun-
nen worden versneld tot zulke extreem hoge energieën en waar
de astrofysische deeltjesversnellers zijn, is nog steeds een vraag
die de wetenschap bezig houdt. Het opsporen van de bron zou
kunnen leiden naar het antwoord op de vraag hoe deze deeltjes-
versnellers werken.

De zoektocht naar de bron van kosmische stralen wordt echter
bemoeilijkt omdat de kosmische stralen ten gevolge van hun elek-
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Figuur 12.4: Een schets van
de ANTARES neutrinotele-
scoop. Een beschrijving van
de ANTARES neutrinotele-
scoop is te vinden in Hoofd-
stuk 6. Met dank aan Alexan-
der Kappes (Universiteit Er-
langen).

trische lading worden afgebogen door (inter-)galactische magne-
tische velden. Hierdoor kan men uit de waargenomen richtingen
niet direct de bron achterhalen. Alleen het traject van kosmische
stralen met extreem hoge energieën blijft voldoende recht. Hun
aantallen zijn echter te gering om binnen een redelijke termijn
voldoende statistiek te kunnen verzamelen. Dit is het punt waar
neutrinotelescopen een bijdrage kunnen leveren.

Neutrino’s kunnen ontstaan bij botsingen tussen de kosmische
stralen en materie (of zelfs licht). Sommige atoomkernen kunnen
ontsnappen uit hun versneller en zo waargenomen worden als
kosmische straling op aarde. Andere atoomkernen kunnen botsen
met de omringende materie en zo neutrino’s produceren. Daar
neutrino’s elektrisch neutraal zijn worden ze niet afgebogen door
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Figuur 12.5: Een schets van
een Gammaflits (Gamma-Ray
Burst, GRB). Een beschrijving
van de theoretische en prakti-
sche aspecten van GRB’s zijn
te vinden in Hoofdstuk 1.2.
De onderliggende mechanis-
men worden in Hoofdstuk
2.1 besproken. Met dank aan
ESO/A. Roquette.

magnetische velden. Ze worden slechts sporadisch geabsorbeerd
in materie omdat ze zo zwak wisselwerken met materie. Dus
wijzen neutrino’s direct terug naar hun bron.

Gammaflitsen (Gamma-Ray Burst, GRB’s) kunnen mogelijk dienst
doen als kosmische deeltjesversneller. Deze korte γ-flitsen wor-
den ongeveer eens per dag waargenomen worden. Deze γ-flitsen
geschieden op willekeurige tijden en plaatsen in de ruimte. Tot
nu toe lijken GRB’s zich niet te herhalen. Een GRB verschijnt ge-
durende korte tijd aan de gewoonlijk donkere hemel en overtreft
dan alle andere astrofysische bronnen van γ-straling in helder-
heid. Over het algemeen wordt aangenomen dat een GRB ontstaat
tijdens de laatste fase van de implosie van een zeer zware ster is,
of bij een fusie tussen twee astrofysische objecten zoals zwarte
gaten of neutronensterren. In beide gevallen bestaat het eindre-
sultaat uit een ultrarelativistische vuurbal die zich uitbreidt door
de interstellaire materie. In zo’n omgeving kunnen atoomkernen
heel effectief versneld worden. Met het bereiken van voldoende
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hoge energieën kunnen zij ontsnappen uit de vuurbal. Men heeft
echter nog geen verband kunnen leggen tussen GRB’s en de kos-
mische stralen. Veel modellen van GRB’s voorspellen de productie
van neutrino’s die waargenomen kunnen worden met neutrinote-
lescopen. Het waarnemen van deze neutrino’s zou dit verband
onomstotelijk kunnen vastleggen.

Bij de botsingen van de atoomkernen kan ook licht geprodu-
ceerd worden. De golflengte van dit licht is zeer klein en komt
overeen met een energie van 1012 eV of hoger. Bij deze energieën
gedraagt het licht zich als een deeltje en wordt daarom ook wel
γ-straal genoemd. Bereiken deze γ-stralen de aarde, dan zullen
ze botsen met atoomkernen in de atmosfeer boven de ANTARES
detector. Hierbij kunnen muonen geproduceerd worden. De mu-
onen zullen een gedeelte van hun energie verliezen tijdens hun
reis door de zee. Maar als ze genoeg energie bezitten kunnen ze
de detector bereiken en kan de elektromagnetische schokgolf van
Čerenkov licht gedetecteerd worden. Dus door omhoog te kijken,
in plaats van omlaag, zou een neutrinotelescoop een tweede toe-
passing kunnen krijgen, namelijk als een γ-straal telescoop. Neu-
trinotelescopen hebben een groot blikveld en zijn 24 uur per dag
en 7 dagen per week operationeel. Deze eigenschappen maken
een neutrinotelescoop zeer geschikt om GRB’s waar te nemen.

Het idee om een neutrinotelescoop als een γ-straal telescoop te
gebruiken is oud, maar is voor het eerst toegepast met ANTARES.
Met de veel grotere IceCube neutrinotelescoop op de Zuidpool en
de toekomstige KM3NeT neutrinotelescoop in de Middellandse
Zee wordt de toepassing van dit idee relevanter. Een uiterst grote
detector is vereist omdat de kans dat een detecteerbaar muon ge-
produceerd wordt klein is, en omdat de γ-stralen geabsorbeerd
kunnen worden op hun reis van de bron naar de aarde.

De eerste stap in het bepalen van het vooruitzicht van deze de-
tectiemethode is een schatting van het aantal waarneembare muo-
nen. Hierbij moet rekening gehouden worden met een aantal fac-
toren, namelijk: (i) het aantal γ-stralen dat geproduceerd wordt
in een GRB, (ii) het aantal γ-stralen dat geabsorbeerd wordt door
(infrarood) licht tijdens de reis van de bron naar de aarde, (iii)
het aantal muonen dat in de atmosfeer geproduceerd wordt en
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(iv) het aantal muonen dat de detector bereikt.
In Deel I van deze dissertatie wordt uitgelegd hoe het aantal γ-

stralen dat geproduceerd wordt in een GRB kan worden berekend
voor een bepaalde afstand van de GRB (aangeduid door een rood-
verschuiving) en hoe het energiespectrum eruit ziet. Op basis van
modellen kan de optische diepte van het heelal als functie van
de energie van de γ-stralen en de afstand tot de bron berekend
worden.

Voor de productie van muonen in de atmosfeer zijn twee do-
minante kanalen te identificeren. Het eerste kanaal verloopt via
productie en verval van kortlevende pionen. Het energiespectrum
van de muonen voortvloeiend uit dit kanaal is berekend voor een
specifiek energiespectrum van γ-stralen door Drees, Halzen & Hi-
kasa (1989) en later voor een algemener energiespectrum door
Halzen, Kappes & Ó Murchadha (2009).

Het tweede kanaal verloopt via de directe productie van mu-
onparen. De werkzame doorsnede voor de productie van elek-
tronparen werd lange tijd geleden berekend door Bethe & Heitler
(1934). Deze berekening is aangepast voor paren van muonen
(Halzen, Kappes & Ó Murchadha, 2009).

Het energiespectrum van beide kanalen kan dus worden be-
rekend. Bij lage energieën is het pionkanaal dominant. Echter,
het aantal muonen dat geproduceerd kan worden via dit kanaal
neemt af met toenemende energie terwijl de productie van muon-
paren juist toeneemt. Hierdoor is bij energieën hoger dan 1012 eV
het paarproductiekanaal dominant.

Als het muon door het water reist, verliest het energie door io-
nisatie van het water en door uitstraling van γ-stralen en paren
van elektronen. De laatste twee processen gedragen zich als een
stochastisch proces en kunnen met Monte Carlo simulaties geë-
valueerd worden. Het gemiddelde energieverlies kan simpelweg
berekend worden door de standaard formule voor het energiever-
lies te nemen (Barrett et al., 1952). Door deze formule te gebruiken
kan snel het verband tussen de muonenergie aan het zeeopper-
vlak en de energie op een bepaalde diepte worden berekend. Het
is ook mogelijk om het energiespectrum te berekenen op de plek
van de detector.

Met deze informatie kan, op basis van de roodverschuiving van
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de GRB, het aantal muonen dat de detector bereikt bepaald wor-
den. Uiteindelijk bepaalt de (effectieve) grootte van de detector
het aantal muonen dat gedetecteerd wordt. Uitgaande van een
gemiddelde GRB blijkt dat men met de ANTARES neutrinotele-
scoop energetische γ-stralen kan detecteren, mits de GRB relatief
dichtbij heeft plaatsgevonden (roodverschuiving z < 0.05). Met de
IceCube en KM3NeT telescopen kan men verder kijken (z < 0.1).

Om de respons van de ANTARES neutrinotelescoop op muonen
te begrijpen, wordt gebruik gemaakt van Monte Carlo simulatie
software. Dit wordt beschreven in Deel II. Om de snelheid van
de berekening te verhogen, wordt alleen het Čerenkov licht in de
omgeving van de detector gesimuleerd. Dit volume wordt gede-
finieerd door een cilinder rondom de detector. Er moet dan vol-
doende ruimte zijn tussen de wand van de cilinder en de detector,
zodat het Čerenkov licht dat buiten de cilinder wordt geprodu-
ceerd geen detecteerbaar signaal kan opleveren.

In de atmosfeer kunnen meerdere muonen tegelijkertijd gepro-
duceerd worden. Zo’n bundel muonen kan minder nauwkeurig
worden gereconstrueerd dan een enkel muonspoor. Gebruikma-
kend van het CORSIKA software programma is aangetoond dat ver-
reweg de meeste bundels die de detector bereiken uit een enkel
muon bestaan. Daarom wordt een enkel spoor van een muon ge-
simuleerd om de respons van de detector te bestuderen.

Met deze simulaties is aangetoond dat de sporen van neer-
waartse muonen nauwkeurig gereconstrueerd kunnen worden met
de ANTARES neutrinotelescoop, maar dat de efficiëntie vergele-
ken met die van de opwaartse muonen relatief laag is. Dit komt
doordat de lichtgevoelige sensoren naar beneden zijn gericht om
zodoende de detectie-efficiëntie van neutrino’s te maximaliseren.
Het effectieve oppervlak van de ANTARES detector voor energeti-
sche γ-stralen is ongeveer 1 m2 bij 5× 1012 eV. Als men de respons
van de detector in rekening neemt komt de reikwijdte van de AN-
TARES detector voor GRB’s overeen met een roodverschuiving
van z ∼ 0.01.

De simulaties kunnen ook gebruikt worden om de resolutie van
de detector te bepalen. De resolutie kan worden bepaald op basis
van de hoekverdeling van gereconstrueerde sporen ten opzichte
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van de positie van de GRB. De achtergrond bestaat voorname-
lijk uit muonen die worden geproduceerd in de interacties van
kosmische stralen met de atmosfeer. De achtergrond kan worden
bestudeerd door de meetgegevens te gebruiken die met de AN-
TARES detector zijn verzameld. Uit de meetgegevens van 2008,
het jaar waarin ANTARES gereed kwam, is de hoekverdeling van
de achtergrond bepaald. Op basis van de twee hoekverdelingen,
één van het veronderstelde signaal en één van de gemeten ach-
tergrond, kan een hypothesetest worden opgezet. De ene hypo-
these is dat er alleen achtergrond aanwezig is (H0) en de andere
hypothese is dat er een verondersteld signaal van een GRB is met
daarbij achtergrond (H1). De compatibiliteit van de meetgegevens
met de twee hypotheses kan dan getest worden. Uit mijn analyse
blijkt dat het detecteren van slechts 5 muonen al 90% waarschijn-
lijkheid biedt om een ontdekking te doen met een significantie die
overeenkomt met 3σ.

In Deel III wordt de eerste poging beschreven om met de AN-
TARES neutrinotelescoop energetische γ-stralen te detecteren die
afkomstig zijn uit een GRB. Hiertoe is allereerst een lijst van GRB’s
samengesteld en het aantal detecteerbare muonen uit iedere GRB
berekend. De meest kansrijke GRB’s zijn die GRB’s die het grootst
aantal detecteerbare muonen opleveren. Echter, voor een optimale
selectie moet naast het verwachte aantal muonen van een GRB
ook de achtergrond worden bepaald. Na een evaluatie op ba-
sis van de hypothesetest met gesimuleerde experimenten wordt
de uiteindelijke selectie bepaald. Tijdens de twee GRB’s die zijn
geselecteerd, werd er geen enkel muon in de ANTARES neu-
trinotelescoop waargenomen. Daarom zijn er limieten bepaald
op de intensiteit van hoogenergetische γ-stralen uit de GRB’s.
Deze limieten kunnen geformuleerd worden als ν fν,90%(10 TeV) =

4 × 10−4 erg cm−2 s−1.
Hoewel de ANTARES detector veel minder gevoelig is dan

daarvoor ingerichte observatoria zoals HESS, Milagro, of MAGIC,
biedt deze een breed en continu zicht op het heelal. Dat maakt het
toch interessant om met ANTARES naar GRB’s te kijken. Twee
intense GRB’s vonden kort na elkaar plaats in het blikveld van
IceCube. Gezien de grootte van IceCube is het zinvol om dezelfde



samenvatting 231

analyse toe te passen.
Met toekomstige neutrinotelescopen zoals de Gigaton Volume

Detector (GVD) in het Baikal-meer en KM3NeT in de Middel-
landse Zee zullen nog betere limieten bepaald kunnen worden of
kan er zelfs een ontdekking worden gedaan. KM3NeT komt naar
verwachting in 2020 gereed. Een ander instrument dat mogelijk
de beste kansen heeft om energetische γ-stralen uit GRB’s te kun-
nen waarnemen is HAWC, dat een effectief oppervlak heeft van
105 m2 bij εγ = 1013 eV (Abeysekara et al., 2012) en een verwachte
gevoeligheid van ν fν ∼ 10−7 erg cm−2 s−1. Dit is nog altijd ∼10
keer minder gevoelig dan MAGIC en ∼100 keer minder gevoelig
dan HESS, maar HAWC heeft een zeer breed blikveld en is con-
tinu operationeel. Het is dus goed mogelijk dat met HAWC de
eerste ontdekking van energetische γ-stralen uit GRB’s zal wor-
den gedaan zodra het gereed komt in 2014.
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Di dasar Laut Tengah, pada kedalaman 2500 meter dari permu-
kaan laut dan sekitar 40 km dari kota Toulon di Perancis Selatan,
dapat ditemukan Teleskop Neutrino ANTARES. ANTARES ada-
lah rangkaian detektor peka-cahaya yang diarahkan ke dasar laut
untuk mendeteksi neutrino energi tinggi.

Neutrino adalah partikel yang berinteraksi sangat lemah de-
ngan materi dan dengan demikian sangatlah sulit dideteksi. Neu-
trino energi-tinggi yang menembus seluruh Bumi dapat mengha-
silkan muon, yang akan bergerak dalam arah yang sama dengan
neutrino asalnya. Muon tersebut akan bergerak lebih cepat dari
kecepatan cahaya di air laut. Akibatnya, gelombang kejut elektro-
magnetik akan dihasilkan sepanjang jejak muon tersebut. Wujud
gelombang kejut ini adalah pancaran radiasi koheren foton yang
akan dipancarkan dalam sebuah sudut karakteristik relatif terha-
dap jejak muon tersebut. Radiasi koheren foton ini dinamakan
foton Čerenkov. Detektor peka cahaya yang menyusun ANTA-
RES dapat mendeteksi foton-foton ini. Dari posisi dan waktu saat
foton-foton tersebut dideteksi, dapat direkonstruksi jejak muon
yang menyebabkan gelombang kejut tersebut. Arah dari mana
datangnya neutrino yang menghasilkan muon tersebut kemudian
dapat ditentukan. Mendeteksi jejak yang bergerak naik menjauhi
dasar laut akan memastikan bahwa partikel tersebut berasal da-
ri neutrino, karena tidak ada partikel lain yang diketahui dapat
menembus perut Bumi.

Salah satu tujuan pembangunan teleskop neutrino adalah un-
tuk mencari sumber sinar kosmik berenergi tertinggi. Sinar kos-
mik adalah inti atomik yang telah terionisasi sepenuhnya. Se-
tiap saat sinar kosmik menghujani Bumi dari segala arah, de-
ngan energi merentang dari 108 eV hingga 1020 eV. Energi yang
sangat ekstrim ini melebihi kemampuan akselerator partikel ter-
besar yang pernah dibuat manusia. Bagaimana partikel-partikel
ini dapat dipercepat hingga mencapai energi yang begitu ekstrim
dan dimanakah lokasi akselerator alami ini, hingga kini masih di-
perdebatkan. Menemukan lokasi akselerator alami ini akan dapat
membantu kita memahami mekanisme pemercepatannya.
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Gambar 12.6: Sebuah gam-
baran pelukis mengenai Te-
leskop Neutrino ANTARES.
Diskusi teknis mengenai AN-
TARES ditulis di Bab 6. Sum-
ber: Alexander Kappes (In-
stitut Fisika, Universitas Erla-
ngen).

Mencari lokasi dipercepatnya sinar kosmik dipersulit oleh ke-
nyataan bahwa sinar kosmik memiliki muatan listrik dan oleh
karena itu dapat dibelokkan oleh medan magnet (antar-)galaksi.
Dengan demikian arah datangnya sinar kosmik tidak menunjuk
balik ke sumbernya. Di lain sisi, sinar kosmik berenergi ekstrim
tidak banyak terbelokkan dan akan menunjuk balik ke sumber
asalnya. Persoalannya adalah jumlah mereka sangat kecil dan di-
butuhkan waktu lama untuk dapat mendeteksinya dalam kurun
waktu yang masuk akal.

Di sinilah bagaimana teleskop neutrino akan dapat memban-
tu. Neutrino berenergi ultra-tinggi dapat muncul dari tumbukan
sinar kosmik dengan materi di sekitar lokasi akselerasi. Proton
yang dipercepat pada sumbernya dapat melesat dari gumpalan
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Gambar 12.7: Sebuah gam-
baran pelukis mengenai Sem-
buran Sinar-Gamma (GRB).
Deskripsi aspek-aspek pe-
ngamatan dan teoritis GRB
dapat ditemukan di Bab 1.2,
sementara mekanisme pro-
duksi foton berenergi tinggi
dari GRB didiskusikan di Bab
2.1. Sumber: ESO/A. Roqu-
ette.

materi ini dan akan diamati di Bumi sebagai sinar kosmik, namun
sebagian akan berinteraksi dengan gumpalan materi tersebut dan
menghasilkan neutrino berenergi ultra-tinggi. Neutrino tidak ber-
muatan listrik dan oleh karena itu tidak terbelokkan oleh medan
magnet. Mereka juga tidak diserap oleh materi karena berinterak-
si sangat lemah. Oleh karena itu neutrino yang diamati di Bumi
akan menunjuk balik ke lokasi di mana mereka dihasilkan.

Kandidat lokasi pemercepatan sinar kosmik yang paling mena-
rik adalah Semburan Sinar Gamma (GRB). GRB adalah kilatan
singkat sinar-γ, terjadi sekitar 1 kali sehari pada waktu dan lokasi
di langit yang tak bisa diramalkan dan juga tak berulang kembali
di lokasi yang sama. Di saat yang singkat ini radiasi sinar-γ da-
ri GRB tersebut lebih terang dari sumber-sumber sinar-γ lainnya.
Asal muasal GRB telah dipahami sebagai hasil dari kematian bin-
tang masif atau bisa juga hasil penggabungan objek-objek kompak
seperti lubang hitam atau bintang neutron. Apapun progenitor
GRB, hasil akhirnya tetap sama yaitu sebuah bola api relativistik
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yang mengembang di dalam materi antar bintang. Di dalam bola
api ini, proton dipercepat hingga mencapai kecepatan relativistik
dan melesat dari bola api tersebut sebagai sinar kosmik. Kaitan
antara sinar kosmik dengan GRB hingga kini masih belum dapat
dibuktikan. Banyak model GRB meramalkan penciptaan neutrino
energi-tinggi yang dapat dideteksi oleh teleskop neutrino skala
besar. Menemukan sumber-sumber yang memancarkan neutrino
berenergi tinggi dapat memastikan sumber pemercepatan sinar
kosmik.

Sinar kosmik juga dapat berinteraksi dengan bola api tersebut
dan menghasilkan foton berenergi sangat tinggi. Foton ini, yang
berenergi 1012 eV ke atas, juga dapat dideteksi oleh teleskop neu-
trino. Saat mencapai Bumi, foton-foton ini akan berinteraksi de-
ngan atmosfer dan menghasilkan muon, yang akan bergerak me-
nembus kedalaman laut. Mereka akan kehilangan energinya saat
menembus laut, namun apabila cukup enerjik mereka masih akan
dapat menimbulkan gelombang kejut elektromagnetik. Dengan
demikian, dengan melihat ke langit sebagaimana biasa dilakukan
astronom foton dan bukan ke tanah seperti yang dilakukan astro-
nom neutrino, sebuah teleskop neutrino memiliki fungsi sekunder
sebagai teleskop sinar-γ. Teleskop neutrino memiliki medan pan-
dang yang sangat luas dan beroperasi terus-menerus mengambil
data 24 jam sehari, 7 hari seminggu. Dua kemampuan ini menja-
dikan mereka instrumen yang cocok untuk mengamati GRB.

Ide untuk mengoperasikan sebuah teleskop neutrino sebagai
teleskop sinar-γ sudah dicetuskan semenjak lama, namun baru
pertama kalinya diterapkan untuk ANTARES. Dengan adanya te-
leskop neutrino bervolume sangat besar seperti IceCube di Kutub
Selatan dan pembangunan teleskop neutrino KM3NeT di masa
depan, maka penerapan ide ini menjadi lebih relevan. Detektor
berukuran besar dibutuhkan tidak hanya karena di dalam hujan
partikel di atmosfer yang diakibatkan oleh foton, muon yang di-
hasilkan sangat kecil jumlahnya, namun juga karena foton-foton
berenergi tinggi diserap oleh foton inframerah dalam perjalanan-
nya ke Bumi.

Langkah pertama dalam menjelajahi prospek penggunaan teles-
kop neutrino sebagai teleskop sinar-γ adalah dengan memperki-
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rakan jumlah muon yang dapat dideteksi detektor. Sejumlah fak-
tor harus diperhitungkan: Jumlah intrinsik foton berenergi tinggi
yang dihasilkan oleh GRB itu sendiri, jumlah foton yang dise-
rap oleh foton inframerah sekitar dalam perjalanan dari sumber
ke Bumi, jumlah muon dihasilkan dalam interaksi foton tersebut
dengan nukleus di atmosfer Bumi, dan hilangnya energi muon
dalam penjalaran di laut.

Bagian Pertama disertasi ini difokuskan untuk menjawab lang-
kah pertama ini. Jumlah intrinsik foton energi tinggi yang di-
hasilkan dari sebuah GRB bergantung dari jaraknya, dinyatakan
dengan pergeseran merah (redshift) z, dan bagaimana wujud spek-
trum energi foton GRB tersebut. Dari model dapat diperkirakan
pula kekedapan alam semesta terhadap foton berenergi tinggi se-
bagai fungsi energi dan jarak sumber.

Produksi muon dalam hujan partikel yang diakibatkan oleh fo-
ton dihitung dengan mengidentifikasi dua saluran yang paling
dominan. Saluran pertama adalah melalui produksi dan pelu-
ruhan pion. Spektrum energi muon yang berasal dari saluran ini
telah dihitung oleh Drees, Halzen & Hikasa (1989) untuk spek-
trum energi foton yang menaati fungsi ε−2

γ , dan telah digenerali-
sir untuk sembarang indeks spektrum oleh Halzen, Kappes & Ó
Murchadha (2009).

Saluran kedua adalah produksi langsung pasangan muon dari
interaksi foton energi tinggi dengan nuklei atmosfer. Penampang
silang untuk produksi pasangan lepton telah dihitung oleh Bethe
& Heitler (1934) untuk kasus elektron. Perhitungan ini telah dite-
rapkan untuk kasus muon oleh Halzen, Kappes & Ó Murchadha
(2009).

Spektrum energi muon yang diproduksi dari kedua saluran ini
dapat dihitung. Untuk muon berenergi rendah, saluran yang do-
minan adalah peluruhan pion, namun jumlah muon energi tinggi
yang dapat dihasilkan melalui saluran ini menurun drastis sei-
ring meningkatnya energi. Untuk energi lebih tinggi dari 1 TeV,
saluran produksi muon yang dominan adalah produksi pasang-
an karena penampang silang reaksi ini meningkat seiring dengan
meningkatnya energi foton, sebelum dicapai titik saturasi pada
εγ ! 10 TeV.

Ketika muon merambat di kedalaman laut, mereka akan kehi-



ringkasan 237

langan energi melalui proses ionisasi dan radiatif. Ini adalah pro-
ses stokastik yang dapat dievaluasi dengan simulasi Monte Car-
lo, namun laju rata-rata hilangnya energi dapat dihitung dengan
menggunakan persamaan standar hilangnya energi muon (Barrett
et al., 1952). Dengan formula ini, hubungan antara energi muon di
permukaan laut dan energi pada kedalaman tertentu dapat dihi-
tung. Dengan demikian kita dapat menghitung spektrum energi
muon pada kedalaman detektor.

Dari hitungan teoritis ini, tiga faktor terpenting dalam men-
deteksi foton berenergi tinggi dari GRB telah diidentifikasi. Per-
geseran merah z GRB menentukan jumlah foton berenergi tinggi
yang masih tersisa dan tiba di Bumi, kerasnya spektrum energi
foton menentukan apakah hujan partikel yang ditimbulkan akan
berkembang atau menyusut, dan akhirnya ukuran detektor me-
nentukan jumlah muon yang dapat dideteksi. Apabila kita meng-
gunakan GRB dengan parameter fisis rata-rata, ditemukan bah-
wa teleskop neutrino berukuran ANTARES dapat mendeteksi fo-
ton berenergi tinggi apabila GRB tersebut terletak pada z " 0.05.
Teleskop yang berukuran lebih besar, dengan permukaan efektif
muon Aeff

µ = 1 km2 dapat mengamati hingga z ∼ 0.1.

Untuk memahami bagaimana respons ANTARES terhadap si-
nyal muon yang bergerak ke bawah, dibutuhkan simulasi Monte
Carlo. Ini adalah pembahasan utama Bagian Kedua. Untuk me-
ningkatkan waktu komputasi, simulasi dilakukan hanya di ling-
kungan sekitar detektor. Volume ini didefinisikan sebagai sebuah
silinder yang berpusat pada detektor. Ukuran silinder ini menca-
kup seluruh detektor dengan batas beberapa kali panjang penye-
rapan cahaya. Dengan definisi ini, foton Čerenkov yang berada di
luar silinder tidak dapat mencapai detektor dan demikian tidak
perlu disimulasikan.

Di atmosfer, beberapa muon dapat diproduksi sekaligus dalam
bundel. Bundel muon ini bergerak bersanding dan direkonstruksi
dengan kualitas yang lebih rendah dari jejak muon tunggal. Se-
berapa sering bundel muon berenergi tinggi ini muncul, dapat
ditentukan dengan menggunakan paket simulasi produksi muon
di atmosfer, misalnya paket CORSIKA. Simulasi CORSIKA menun-
jukkan bahwa kemunculan bundel muon yang dapat menembus
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kedalaman detektor sangatlah jarang. Sebagian besar muon yang
mencapai detektor adalah muon tunggal. Oleh karena itu studi
respons detektor dilakukan dengan menggunakan muon tunggal.

Hasil simulasi menunjukkan bahwa ANTARES dapat dengan
akurat merekonstruksi jejak muon yang bergerak ke bawah, mes-
kipun dengan efisiensi yang lebih rendah apabila dibandingkan
dengan rekonstruksi jejak muon yang bergerak ke atas. Ini ka-
rena detektor peka cahaya yang menyusun ANTARES diarahkan
ke bawah untuk memaksimalkan pendeteksian cahaya dari jejak
yang bergerak ke atas. Luas permukaan efektif foton ANTARES
ditemukan sekitar 1 m2 pada energi 5 TeV. Apabila efek detek-
tor diikutkan, kepekaan ANTARES terhadap GRB rata-rata hanya
sampai z ∼ 0.01.

Dari simulasi ini kita juga dapat menentukan resolusi detek-
tor. Resolusi detektor dapat ditentukan dengan cara menghitung
sudut ruang antara jejak sinyal muon yang direkonstruksi de-
ngan posisi GRB. Derau, yaitu muon yang diproduksi dari in-
teraksi sinar kosmik dengan nuklei atmosfer, dapat dipelajari de-
ngan menggunakan data yang telah diambil ANTARES. Dengan
menggunakan set data yang diambil pada tahun 2008, ketika AN-
TARES mengambil data dengan kemampuan maksimal, ditemuk-
an bahwa distribusi anguler dari kejadian-kejadian derau dapat
didekati dengan fungsi konstan, dengan asumsi hanya bukaan
sudut yang kecil yang dipertimbangkan. Dengan menggunakan
dua bahan ini, dapat dilakukan pengujian hipotesis untuk meng-
uji kesesuaian data dengan hipotesis hanya-derau atau hipotesis
sinyal-tambah-derau. Dari analisis ini ditemukan bahwa hanya
dengan mendeteksi 5 kejadian sinyal, maka sudah diperoleh 90%
kebolehjadian untuk membuat penemuan dengan signifikansi 3σ.

Usaha pertama untuk menemukan foton berenergi tinggi dari
GRB dengan menggunakan teleskop neutrino dijabarkan dalam
Bagian Ketiga. Pertama-pertama dari berbagai sumber dikum-
pulkan daftar GRB yang selama ini telah dideteksi semenjak pen-
dirian ANTARES. Selanjutnya jumlah muon yang dapat dideteksi
dari GRB-GRB ini kemudian dihitung. GRB yang paling prospek-
tif adalah mereka yang diharapkan memancarkan sinyal dalam
jumlah terbesar.
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Untuk memperoleh seleksi kualitas optimum yang dapat me-
maksimalkan potensi deteksi, kita harus memperkirakan jumlah
kejadian sinyal dan derau. Jumlah kejadian sinyal dapat diperki-
rakan dengan melakukan simulasi Monte Carlo penuh dari atas
atmosfer hingga volume detektor di bawah laut, sementara jum-
lah kejadian derau diperkirakan dengan menganalisis data yang
diambil ANTARES pada saat terjadinya GRB yang dianalisis. Se-
telah seleksi kualitas optimum telah ditemukan, data yang beri-
risan dengan terjadinya GRB kemudian diamati.

Dari dua GRB yang diamati, tidak ada kejadian apapun diama-
ti pada saat GRB terjadi. Sebuah limit dengan tingkat keyakinan
90% telah diberikan, yaitu ν fν,90%(10 TeV) = 4× 10−4 erg cm−2 s−1.
Hasil ini menunjukkan bahwa ANTARES masih jauh kurang sen-
sitif dibandingkan observatorium sinar-γ landas-Bumi lainnya se-
perti HESS, Milagro, atau MAGIC.

Dua GRB yang sangat dekat terjadi dalam medan pandang Ice-
Cube. Sebagai teleskop neutrino terbesar di dunia, IceCube harus
mengamati kedua GRB ini. Dengan kapabilitas IceCube, mereka
akan memperoleh limit yang menarik.

Teleskop-teleskop neutrino di masa depan, seperti Gigaton Vo-
lume Detector (GVD) di Danau Baikal dan KM3NeT di Laut Tengah
akan memiliki kesempatan yang lebih serius untuk menaruh limit
yang lebih ketat terhadap pancaran foton berenergi tinggi dari
GRB, atau bahkan membuat sebuah penemuan. KM3NeT diha-
rapkan akan selesai dibangun pada tahun 2020 dan diperkirakan
akan mencakup volume sekitar 5–8 km3. Instrumen lain yang
kemungkinan memiliki kesempatan lebih baik untuk mengama-
ti foton berenergi tinggi dari GRB adalah HAWC, yang memiliki
luas permukaan efektif foton Aeff

γ ∼ 105 m2 pada εγ = 10 TeV
(Abeysekara et al., 2012), dan kepekaannya diharapkan mencapai
ν fν ∼ 10−7 erg cm−2 s−1. Ini masih ∼10 kali lebih lemah dari-
pada MAGIC dan ∼100 kali lebih lemah daripada HESS, namun
HAWC memiliki medan pandang yang sangat luas dan siklus ker-
ja yang sangat tinggi. Boleh jadi HAWC akan membuat penemu-
an pertama foton berenergi tinggi dari GRB setelah penyelesaian
pembangunannya pada tahun 2014.
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