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Abstract

Stellar flares are explosive phenomena caused by reconnection events in the mag-
netic fields of stars. They emit across a wide range of wavelengths but notably in
the optical, UV and in X-rays. They are some of the highest energy events seen from
other stars and they regularly dwarf those seen from the Sun. They are regularly
seen on low mass stars and provide a way of studying the magnetic activity of these
systems. Their role in exoplanet habitability (in particular for low mass stars) has
become increasingly relevant in recent years, necessitating studies of their energies
and occurrence rates.

In this thesis I present observations and analysis of stellar flares detected
with the Next Generation Transit Survey (NGTS). These flares come from stars
ranging from G to L spectral type. I also present the detection and analysis of the
transiting brown dwarf NGTS-7ADb, discovered in part because of the multiple flares
detected from the M dwarf host star.

These flare detections include the first ground-based CCD detections of su-
perflares from a G-type star, NGTS J030834.9-211322. I used the high cadence
NGTS observations to apply a Solar inspired empirical flare model, one which does
not require arbitrary break points between the flare rise and decay.

I also present the detection of a giant flare from a pre-main sequence M star.
This flare was one of the most energetic detected from an M star and displayed
quasi-periodic pulsations in the flare peak. I apply solar techniques to analyse these
oscillations and identify their cause.

I present the first detection of a white-light flare from an L2.5 dwarf. This

is the coolest star to ever show a white-light flare to date and shows strong tran-

xiii



sient magnetic activity can persist to the brown dwarf boundary. I also show how
full frame images in wide-field exoplanet surveys, provided they are a high enough
cadence, can be used to detect flares from the faintest and coolest stars.

I present the detection of NGTS-7Ab, an ultra-short period brown dwarf
around a tidally locked and active M star. I analyse the entire system, showing
through a kinematic and photometric analysis that it is likely a hierarchical triple
system formed of two active M stars (NGTS-7TA and NGTS-7B) and a transiting
brown dwarf (NGTS-7Ab). This is the shortest period transiting brown dwarf dis-
covered to date and it has spun up and tidally locked its host star, placing the
system in a state of spin-orbit synchronisation.

Finally, I discuss the detection of white-light flares from pre-main sequence
stars associated with the Orion complex. These stars have an average age of 4 Myr.
I measure the average flare occurrence rate for M0-M3 stars, finding a non-linear
relationship between flare occurrence rate and cluster age.

My work shows how the ground-based NGTS observations can rival those
available from space for high energy white-light flare events. Throughout this work
I also discuss the possible effects flares may have on nearby exoplanets, along with
how the detected flare events relate to other signs of magnetic activity such as

starspots.
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Chapter 1

Introduction

Stellar activity - who flares wins?

1.1 The Sun, Other Stars, And Their Activity

For half the time, our sky is dominated by our nearest star, the Sun. It is the centre
of our solar system and comprises roughly 99.9% of the mass within it. For the
other half we are able to see a vast array of stars in the sky, which have a wide
variety of masses, radii and ages. Depending on the type of star, some of these
have different internal structures than that of the Sun. In this section I will discuss
the types of stars which can be observed in the sky, along with their internal and
external structure. I will focus specifically on solar and lower mass stars, right down
to the brown dwarf boundary. I will discuss how we classify these stars based on

their surface properties, along with their surface activity.

1.1.1 Stellar Masses and Spectral Types

In order to classify stars we use the Harvard classifciation scheme (Cannon and
Pickering, 1901; Payne, 1925). This scheme is based on the relative strength of
absorption lines within spectra. The hottest stars generally only feature hydrogen
and helium lines. As we go to cooler stars, more complex molecules form within
stellar photospheres. The overall shape of the spectra themselves changes with
temperature, making both the presence of absorption features and the spectral shape
itself good classifiers for temperatures and masses. A type stars show strong Balmer
absorption lines, whereas M star spectra are marked by the presence of strong TiO
and VO absorption features (e.g. Allard and Hauschildt, 1995), along with SEDs



peaking at longer wavelengths. The list of spectral types and the masses, radii and
temperatures they correspond to are given in Tab. 1.1. The stars I will be discussing
in this thesis are those from G to L spectral types.

The changing temperatures and luminosities of stars with spectral type
means these parameters can be used for comparisons. The method for this is through
the use of a Hertzsprung-Russell (HR) diagram (Hertzsprung, 1911; Russell, 1914).
An example of such a diagram is shown in Fig.1.1. On the HR diagram the hor-
izontal axis signifies decreasing temperature, while the vertical axis is increasing
luminosity. More luminous stars reside towards the top of the diagram and cooler
stars reside towards the right hand side. Often observable signatures such as colour
and absolute magnitude (if the distance to the star is known) are used in place of
the physical parameters.

While all stars have roughly the same shape (a sphere approximately, de-
pending on their speed of rotation or the presence of companions), they have a wide
range of masses and radii. The lower end of the stellar mass regime is marked by
the brown dwarf boundary (75-80 Jupiter masses; Halbwachs et al., 2000) and is
where stars never begin to fuse hydrogen in their cores. The upper end of the mass
regime is more ambiguous and depends on your chosen theoretical limit (accretion,
Eddington) or even the amount of mass present to form your star in the first place.
Either way, I do not consider this regime in this thesis. In between these limits
reside stars of various masses and luminosities, which reside in different locations,
also depending on their age, on the HR diagram. Three can be seen in Fig. 1.1, the
main sequence, giant branch and white dwarfs. We can use the luminosity classes to
denote different types of star which may have the same temperatures. The Yerkes
spectral classification scheme is given in Tab. 1.2, with each type used as a suf-
fix to the Harvard classification unless noted otherwise (Morgan et al., 1943). For
reference, the Sun is a main sequence G2 star, so has a spectral type of G2V.

The main sequence of a star is the period in its life where it fuses hydrogen
within its core to form helium. During the main sequence, the star remains in a
state of hydrostatic equilibrium, where the inwards force of gravity is balanced by
the outwards gas and radiation pressure (for a detailed explanation, see Kippen-
hahn et al., 1990). All main sequence stars fuse hydrogen within their cores at a
mass-dependent rate. More massive stars have greater internal pressures and tem-
peratures, so fuse hydrogen faster than their lower mass counterparts. The relation

between the luminosity of a star on the main sequence and its mass is

Loc M® (1.1)
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Figure 1.1: Example of a Hertzsprung-Russell diagram, showing the changing po-
sition in both temperature-luminosity space and colour-magnitude space. Taken
and adapted from Gaia Collaboration et al. (2018a). Acknowledgement: Gaia Data
Processing and Analysis Consortium (DPAC); Carine Babusiauz, IPAG Universit
Grenoble Alpes, GEPI Observatoire de Paris, France.



Spectral Type | Mass (Mg) | Radius (Rg) | Temperature (K)

(0] >17.5 >7.53 >31500

B 2.30-17.5 2.09-7.53 9700-31500
A 1.59-2.30 1.79-2.09 7220-9700
F 1.08-1.59 1.12-1.79 5920-7220
G 0.87-1.08 0.82-1.12 5280-5920
K 0.55-0.87 0.56-0.82 3870-5280
M 0.08-0.55 0.11-0.56 2250-3870

Table 1.1: Spectral types and their main sequence stellar properties. We have left
out the L spectral type, which is mainly brown dwarfs.Values taken from Pecaut
and Mamajek (2013) and associated online table!.

with the power exponent o depending on the stellar mass. For stars up to 2 solar
masses it varies between around 2.3 and 4 (e.g. Hansen and Kawaler, 1994; Salaris
and Cassisi, 2005), depending on whether the star is partially or fully convective
(see below). Higher mass stars are more luminous than lower mass stars and fuse
hydrogen at a higher rate to offset gravitational collapse. Since o > 1, these higher
mass stars have shorter lifetimes than their lower mass counterparts, despite their
larger “fuel” supply. For example, the expected main sequence lifetime for the
Sun (G2V spectral type) is roughly 10 billion years (Kippenhahn et al., 1990).
However, a low mass (and luminosity) M star is expected to be on the main sequence
for hundreds of times the solar lifetime. The lower luminosity of low mass stars
manifests itself in two properties - their radius and their temperature. Lower mass
stars are smaller and cooler than high mass stars. Therefore, if we were able to
observe a set of stars formed at the same time evolve, we would see the highest mass
stars burn bright, blue and quickly along their main sequence while the low mass
stars would be faint, red and last a long time in the main sequence. However, as we
only see individual stars at a snapshot of their lives, we are unable to see this full
evolution and instead classify stars based on their observable features, as discussed

above.

1.1.2 The Carrington Event

The first detection of a solar flare was the detection of the famous “Carrington
event” on September 1st, 1859 (Carrington, 1859; Hodgson, 1859). The Carring-
ton event was first detected by Carrington and Hodgson when performing routine
imaging of the solar disc to measure sunspot shapes and sizes. Carrington (1859)

reported that the “brilliancy was fully equal to that of direct sun-light”, however

"https://www.pas.rochester.edu/~emamajek /EEM_dwarf UBVIJHK colors_Teff.txt



Luminosity class Type
1 Supergiants
11 Bright giants
111 Giants
vV Subgiants
A% Main sequence stars
sd (prefix) subdwarfs
D (prefix) white dwarfs

Table 1.2: Yerkes spectral classification.

after 60 seconds (the time taken to call someone to witness the flare) the event had
risen and then become “much changed and enfeebled”. The event was indepen-
dently observed by Hodgson (1859), confirming this indeed was a real solar flare.
Further confirmation came one day later when the world experienced a solar storm
arguably not seen in such intensity since. This was due to the flare-associated Coro-
nal Mass Ejection (CME) which bombarded the Earth with a stream of charged
particles. This buffeting of the Earth with charged particles caused a series of phe-
nomena, such as aurora (caused by the solar wind being channelled to the poles
by the Earth’s magnetic field) being visible as far south as Cuba. The storm also
had a notable impact on electrical systems at the time, as changing magnetic fields
from the storm induced electric currents in telegraph systems. Interestingly, in the
cases where telegraph cables hadn’t shorted out entirely, systems could send and re-
ceive messages even while disconnected from their main power supplies. As Prescott
(1860) reports, “such was the state of the line on the 2nd of September, 1859, when
for more than an hour they hold communication over the wire with the aid of the
celestial batteries alone”. While this may sound exciting, it has a dark undertone.

032 erg (Tsurutani et al.,

The energy of the Carrington event has been estimated at 1
2003) and is taken as the benchmark figure of the most energetic observed solar flare
(at least post-1800). Recent studies have shown that if a Carrington-like flare were
to occur today, the associated storm would shut down entire electrical grids and
cause the US economy losses of between $6 Bn and $42 Bn per day, with up to
a further $7 Bn per day lost globally through damage to supply chains (Oughton
et al., 2017). In fact, a smaller scale version of this occurred in March 1989, when an
extreme solar storm knocked out the Quebec electrical grid, which was estimated by
Lloyd’s of London as causing C$13.2Bn worth of damage (Lloyd’s, 2013). This 1989
storm is believed to be associated with two X4.5 and M7.3 flares (roughly 103! and
103 erg respectively; Maehara et al., 2015, and described in Sect. 1.2) that occurred

a few days before (Boteler, 2019). For these reasons along with reasons of scientific



Figure 1.2: Hand drawings of the Carrington flare (A, B, C, D) and associated
sunspot groups. Photo taken in the Burlington library by James A. G. Jackman.

curiosity, flares have been a subject of research since 1859.

1.1.3 Stellar Activity Across The HR Diagram

Across the HR diagram we observe a wide range of signals that are related to the
magnetic field of the star and are collectively termed stellar activity. Many of
these behaviours are due to stellar magnetic fields (resulting in the term magnetic
activity also being used). On the Sun, commonly observed forms of magnetic activity
associated with the visible surface (the photosphere), and discussed in this thesis,
are flares and sunspots. Flares are sudden outbursts of energy caused by magnetic
field reconnection events in the outer solar atmosphere (see Benz and Giidel, 2010,
and references therein). In solar white-light observations they are seen as a sudden
brightening in an isolated region on the solar surface. The highest energy flares on
the Sun are often associated with Coronal Mass Ejections, outbursts of magnetised
plasma and energy away from the Sun. These charged particles can impact the
geomagnetic field, inducing electric currents. As described above, this was the case
for the Carrington event. On the Sun, flares are also often associated with sunspots.
Again, this was the case for the Carrington event, as depicted in Fig.1.2. Sunspots
are dark regions on the photosphere where energy transport from the lower regions of
the Sun has been suppressed by the magnetic field (see Thomas and Weiss, 2008, and
references therein). An example of sunspots is shown in Fig. 1.3. These two forms of

magnetic activity are commonly seen on other stars as well, from F down to M and



Figure 1.3: Left: SDO/HMI of the solar photosphere from October 2014, showing a
large sunspot region associated with active region 12192. Image credit: NASA /SDO.
Right: An zoomed in example of a sunspot, observed with the New Solar Telescope
at the Big Bear Solar Observatory in July 2010. Note the central dark region
where convection and energy transport has been suppressed. Around the spot solar
granulation can be seen. Image courtesy of BBSO/ NJIT.

even L spectral types (e.g. Balona, 2012; Gizis et al., 2015). In stellar photometric
observations, where we measure the total stellar brightness as a function of time,
flares appear as sudden spikes in flux followed by an exponential decay. Sunspots,
now termed starspots, result in periodic modulation of the observed brightness as
they move across the visible disc of the star. If we observe multiple cycles of this
periodicity we can use starspots to measure the rotation periods of other stars.
Another form of magnetic activity seen in both the Sun and stars is the presence
of X-rays from the corona, something I will discuss in Sect.1.1.5. It is understood
that in both the Sun and other stars the magnetic field (and associated activity) is
driven by the stellar dynamo, which converts rotational energy to magnetic energy
(e.g. Charbonneau, 2010). By observing magnetic activity on both the Sun and
other stars we can improve our understanding of this mechanism, along with the

environments both inside and outside the star.

1.1.4 Internal Structure and the Dynamo

It isn’t only the surface of the star that changes with stellar mass, the interior
structure changes also. For stars with 0.35Mo< M <1.5Mg the stellar interior is
formed of the core, the radiative zone and the convective zone. Nuclear fusion of
hydrogen occurs in the core. Above the core is the radiative zone. In the radiative

zone energy is transferred by radiative diffusion and thermal conduction, as photons



are absorbed and scattered by electrons (see Kippenhahn et al., 2012, for a detailed
explanation). Above the radiative zone is the convective zone, where convection is
the dominant method of transporting energy (e.g. Severino, 2017).

For a region to be stable against convection, it needs to have a high enough
density gradient such that perturbed parcels of plasma will return to equilibrium
(e.g. Maciel, 2015). If the density gradient is too low, then the parcel will be unstable
to convection. This instability requirement can be achieved by a high temperature
gradient or by high opacities, neither of which are achieved in the hot solar radiative
zone. At cooler temperatures further from the centre, opacity increases due to
recombination and ionisation of hydrogen and helium, along with trace amounts
of heavier elements. For a solar type star, this causes a large enough temperature
gradient to result in an outer convective zone. Lower mass (cooler) stars achieve
this transition closer and closer to the core, eventually reaching a point where the
entire interior is dominated by convection. When this occurs, stars are referred to
as fully convective. This occurs at M=0.35Mg, or M3-M4 spectral type (Chabrier
and Baraffe, 1997).

Between the radiative and convective zones of partially convective stars there
is a boundary layer called the tachocline (Spiegel and Zahn, 1992). The radiative
zone rotates as a solid body with all latitudes moving with the same angular fre-
quency. However, the convective zone undergoes latitudinal differential rotation.
For instance, on the Sun the surface rotation period of the equator is around 24
days (e.g. Newton and Nunn, 1951; Balthasar and Woehl, 1980) and gets longer
closer to the poles. The tachocline connects the radiative and convective zones to-
gether and in turn acts as an intense shearing layer. Fully convective stars would
lack a tachocline. The presence of the tachocline is believed to be linked to the

dynamo mechanism in partially convective stars.

The Dynamo Mechanism

The dynamo is the physical mechanism within stars that is responsible for the gen-
eration of magnetic fields, converting rotational energy to magnetic energy. For
partially-convective stars (M>0.35M)) the mechanism is referred to as a o — Q dy-
namo, or an interface dynamo (for a review, see Charbonneau, 2010, and references
therein). In the a — € dynamo, initially poloidal field lines are wound out by dif-
ferential rotation into a toroidal field (2 mechanism). The © mechanism requires
a strong shearing force to stretch out the poloidal field lines, which for partially
convective stars is available at the tachocline. This toroidal field can stretch around

the entire star and, once formed, parts of the field will rise upwards through the con-



vective zone via magnetic buoyancy. These buoyant regions are twisted as they rise
and upon reaching the surface can form magnetic loops anchored in the photosphere
but stretching out into the corona (discussed in Sect.1.1.5). The o mechanism of
the a — Q dynamo refers to the generation of poloidal fields from the toroidal field.
Rising plasma within a convection cell is subject to cyclonic (or helical) twisting,
which in turn twists the toroidal field lines. This twisting was initially proposed by
Parker (1955) as due to the Coriolis force acting on rising parcels. This twisting,
if it occurs over many convection cells can then convert a large scale toroidal field
back into a poloidal one, from which the a — £ dynamo process can repeat.

The a — 2 dynamo process requires the presence of a strong shearing layer,
provided by the tachocline. So what happens when the tachocline is not present,
such as for fully convective stars? As mentioned in Sect.1.1.3, stars down to L
spectral type are known to exhibit signs of magnetic activity such as starspots, X-
ray luminosity and flares (e.g. Giles et al., 2017; Wright et al., 2018; Osten et al.,
2010). Fully convective stars can be more magnetically active than their higher
mass counterparts as well, with West et al. (2015) finding greater proportions of fully
convective stars to show signs of chromospheric activity. Polarimetry has found fully
convective stars to have strong average surface magnetic fields, with strengths in the
kilogauss regime (e.g. Shulyak et al., 2017, 2019). For reference, the average surface
magnetic field strength of the quiet Sun is a few Gauss (Solanki, 2009). Clearly,
fully convective stars are able to generate intense magnetic fields, despite lacking
the tachocline required for the o — {2 mechanism. One suggested alternative form
is the a® mechanism (e.g. Chabrier and Kiiker, 2006). In this scenario, turbulent
motions within the convective zone are able to generate and sustain a large scale
magnetic field within the stellar interior. Another is the a? — € mechanism, in which
the convective zone takes a more dominant role in the dynamo (e.g. Houdebine et al.,
2017). This mechanism has also been suggested for the Sun’s large-scale field (e.g.
Racine et al., 2011). However, the exact form of the fully convective dynamo is still

a matter of debate.

1.1.5 Outer Structure

Above the convective zone are a series of layers understood to be the external regions
of a star. At the base of these layers is the photosphere. The photosphere is what
we perceive as the visual surface of a star, as below this layer the star is opaque
to visual light. All lightcurves presented in this thesis are observations of stellar
photospheres. The photosphere is host to various transient signatures. One example

of this is stellar granulation, where convection of cells can be observed (e.g. Miiller



et al., 2001). One significant photospheric feature for this thesis are starspots. As
described in Sect. 1.1.3, starspots are dark regions where a magnetic field loop has
broken through the photosphere (Babcock, 1961) and visually mark the presence
of strong active regions, regions of enhanced magnetic field. An example of how
starspots look on the Sun is shown in Fig. 1.3. The concentrated magnetic flux at
the loop footpoints suppresses convection, reducing the energy transferred from the
stellar interior (e.g. Zwaan, 1978) to this local region. These regions become cooler
and less luminous than their surroundings, resulting in the observed darker spots
on the stellar surface. On the Sun, spots occur in pairs (where the loop footpoints
are) with opposite polarities (Hale et al., 1919). On other stars spots have been
invoked as an explanation for periodic modulation often seen in optical lightcurves
(e.g. Zeilik et al., 1990; Bonomo and Lanza, 2012). As the star rotates and the spot
passes in and out of view the overall flux received from the stellar surface decreases
and then increases, resulting in a periodic signature. Starspots have been observed
on spectral types from F down to late M and possibly even early L stars (Balona,
2019; Howard et al., 2019b; Gizis et al., 2013).

Above the photosphere is the chromosphere. The temperature and density of
the chromosphere vary as a function of height, with the solar chromosphere becom-
ing hotter and less dense with increasing height. The lower layers have temperatures
matching that of the photosphere, roughly 5800 K for the Sun. In the upper layers
this reaches up to ~10,000 K (for a review see Foukal, 2007, and references therein).
The spectrum of the chromosphere is therefore awash in ultraviolet and optical emis-
sion lines, some of which can be used as indicators of magnetic activity. This is in
contrast to the photosphere where the majority of cooling is via continuum emission
(in particular from H™). Chromospheric features commonly used as magnetic ac-
tivity indicators include the Balmer series, the Ca II H&K lines and He I lines (e.g.
Ayres, 2019). On the Sun each line probes a different depth of the chromosphere
(e.g. Ca II H&K probes the lower chromosphere/upper photosphere Ayres, 2019),
a result of the changing chromospheric temperature. In regions of strong magnetic
activity (e.g. plages associated with active regions) these spectral lines go from
absorption into emission. In some cases there can be an emission reversal, from
absorption and scattering in upper layers of the chromosphere (e.g. Fontenla et al.,
2016). The presence of veiling or emission in these lines is taken as signs a star is
magnetically active. I use all these lines as indicators of chromospheric activity in
Chapters 4, 5 and 6.

Above the chromosphere is the transition region, which separates the chro-

mosphere from the corona. The corona is the outermost layer of a star and for the
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Sun is comprised of tenuous plasma with a temperature of ~ 109K (see Aschwan-
den, 2006, and references therein). Magnetic field loops which have penetrated the
photosphere have their tops in the corona. The corona is the dominant source of so-
lar and stellar X-ray emission, which for the Sun is believed to be dominated by line
emission, although there is a continuum component present also. For all late type
stars it is believed that the corona is the source of the quiescent X-ray emission. The
exact heating mechanism of the corona is still a mystery, as energy must be delivered
from the interior to the corona without heating the layers in between. This mystery
has its own name - the coronal heating problem (Klimchuk, 2006). One suggested
solution is the presence of nano- or microflares which occur extremely frequently,
delivering energy to the corona and driving its intense temperatures (Parker, 1988;
Parnell and Jupp, 2000; Ishikawa et al., 2017; Li et al., 2018).

1.1.6 Stellar Evolution

As mentioned in Sect. 1.1.1, stars have a mass-dependent lifetime. During this life-
time, stars go through a series of stages. The most active stage of a stars life is
arguably the pre-main sequence stage. The pre-main sequence stage, which occurs
after a star has formed out the molecular gas cloud, but before it reaches the zero-
age main sequence (ZAMS) and begins to fuse hydrogen within its core. Pre-main
sequence stars start off as luminous fully convective T-Tauri stars. As they age,
they undergo gravitational contraction (which is the main source of their heating)
and they move along what is termed the Hayashi track in temperature-luminosity
space (also on the Hertzsprung-Russell diagram) (Hayashi, 1961). As they move
along this track they stay at approximately the same temperature while decreasing
in radius and luminosity. For stars with masses above 0.35M, eventually a radiative
zone will form within the stellar interior, after which they move along the Henyey
track (Henyey et al., 1955) until hydrogen fusion begins.

Pre-main sequence stars can identified in a number of ways. Firstly, the
increased luminosity of pre-main sequence stars compared to main sequence stars of
the same temperature results in an elevated position on the HR diagram. Secondly,
their spectra can be checked for the presence of lithium absorption at a wavelength
of 6708A. Stars form with a finite amount of lithium from their molecular cloud.
However, lithium is destroyed at temperatures of around 2.5 x 106 K (Jeffries, 2014).
Convective motions transport lithium to hotter regions within the interior where it is
destroyed. For fully convective stars below 0.35 Mglithium burning happens rapidly
and photospheric lithium is quickly depleted. For higher mass stars depletion of

photospheric lithium is halted by the formation of the radiative zone, which stops
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convection of lithium to high temperature regions where it can be depleted. In very
young groups of stars there also exists a lithium depletion boundary, a mass below
which the core temperature isn’t hot enough to burn lithium, so lithium reappears
in the spectrum (e.g. Basri et al., 1996; Jeffries and Oliveira, 2005). Therefore, the
presence of lithium within a spectrum is a sign of youth for stars. I use these two
methods to confirm the star in Chapter 4 is a pre-main sequence source. A third
method of checking whether a star is pre-main sequence is to check whether it is
a known member of a young association or an open cluster. Star forming regions
result in many stars, which remain localised for a certain time after formation. Open
clusters are good examples of this, as they are collections of stars of the same (or
very similar) age within a close region of space (e.g. Janes and Adler, 1982). As the
clusters get older they disperse. If a star is a known member of a young open cluster
then it will be young also. I use this method in Chapter 7 to find pre-main sequence
stars associated with the Orion complex. Another option is to look for signs of a

circumstellar disc, which is evidence that the star is young.

1.2 Solar and Stellar Flares

Flares are high energy phenomena caused by reconnection events in the magnetic
fields of stars. These reconnection events release energy and accelerate charged par-
ticles from the corona down towards the chromosphere and photosphere. Flares can
be detected in astronomical surveys via their sudden outbursts of electromagnetic
radiation, in particular in optical, ultraviolet and X-ray wavelengths. In this section
I discuss solar and stellar flares and the mechanisms which give rise to them. I will
initially describe the first observations of solar and stellar flares and how we classify
them based on their energies. I will discuss what we learnt from these observations.
I will then discuss the process of magnetic reconnection and give an overview of
the full standard flare model, focusing on specifically on those detected in optical

wavelengths, white-light flares.

Flare Energy Scales - GOES and Ergs

After the Carrington event, more and more solar flares and storms were observed.
These observations initially focused on the Ha line, which originates in the chromo-
sphere and is sensitive to flares (Benz and Giidel, 2010). In the 1940s the Sun was
first observed at radio wavelengths, then in the 1950s rockets and balloons began
hard X-ray observations of flares (e.g. Chubb et al., 1957; Peterson and Winckler,
1959). Since the 1970s space telescopes have been observing the Sun in the UV and

12



X-ray wavelengths. One particular telescope (or rather, a series of telescopes) of
note for solar flare studies has been the GOES satellites.

The GOES satellite program is a series of geostationary satellites designed
for meteorological and solar observations. Solar observations are performed using
onboard X-ray sensors, which obtain Sun-as-a-star observations in two wavebands.
These are 1-8A and 0.5-4A (Hanser and Sellers, 1996). Observations in these two
wavebands have been made by GOES since 1986 and their precursor NOAA SMS
satellites since 1974 (Garcia, 1994). Therefore they provide a large and relatively
homogenous catalogue of flares, which has made the GOES soft X-rays the go to
for solar flare classification. Solar flares are classified by their peak intensity in the
1-8A band. Five different logarithmic bands are used for classification. These are
A, B, C, M and X. A is the weakest, with intensities below 10~7 Wm™2, while X is

the strongest with intensities above 1074 Wm™2.

As these bands are logarithmic,
an M5 flare is 5 times more energetic than an M1, while an X1 is 10 times more
energetic than an M1. Consequently, it can be seen that the X4.5 and M7.3 flares
associated with the 1989 solar storm had an energy ratio of 6.16.

Observations of stellar flares are taken using much broader filters than those
used in solar observations. Along with this, white-light flares are observed in broad
optical filters and often with much longer exposure times than those used for solar
flares. Therefore we cannot directly apply the GOES classification scheme for soft
X-ray luminosity. Instead, the integrated energies of stellar flares are reported in
the cgs unit of ergs. An erg is equal to 10~7 J. Depending on the study, filter-specific
energies or bolometric energies can be reported. Bolometric energies are calculated
by assuming some shape for the flare spectrum, in order to calculate the energy over
all wavelengths. As I will mention in Sect. 1.3 and discuss in detail in Sect. 1.3.2
this is usually a 9000 K blackbody spectrum. The Carrington event, as mentioned
above, is estimated to have had a bolometric energy of 1032 erg (Tsurutani et al.,
2003).

In order to estimate the GOES classification of stellar flares, previous studies
have used solar flares observed simultaneously with GOES and other instruments
(e.g. RHESSI and SOHQO; Emslie et al., 2012). Emslie et al. (2012) found that
approximately one-fifth of the estimated total energy radiated by a solar flare is in
the soft X-rays. They found that the emission detected in the GOES 1-8A band
is a good tracer of the total energy. Following this work, Maehara et al. (2015)
estimated that 1032 ergs (Carrington-energy) is equivalent to an X10 flare, 1033 is
X100 and so on.
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1.2.1 The First Ground Based Stellar Flare Studies

Eventually the study of flares turned to other stars. Namely, could we even detect
flares from other stars and what kind of energies would they have? The answers to
these questions would be provided in the 1970s when ground based studies began
to target nearby active M dwarfs with high cadence electronic detectors. These
studies typically observed in the U band filter in order to maximise the flux received
during the flare relative to the red photosphere of these low mass stars. Examples
of nearby active stars targeted include AD Leo, EV Lac and UV Ceti (Moffett,
1974; Lacy et al., 1976). These studies found that not only could we detect flares
from other stars, their energies were approaching or equal to that of the Carrington
event. Interestingly as well, these studies showed that these high energy flares could
occur regularly, with Carrington energy flares occurring anywhere between 1-50
days from the Lacy et al. (1976) sample. The occurrence rates of these high energy
flare events on active M stars were measured and found to be well-characterised
by a power law in energy, something I discuss further in Sect.1.2.4. These power
laws meant predictions of even higher energy flares could be made and compared
to the Sun. Later surveys carried on this work, moving from individual M dwarfs
to larger sets of active and inactive M dwarfs and those of different spectral types.
An example of such a survey is that from Hilton (2011), who observed active and
inactive M0-M9 stars. These studies confirmed the expectation that active M dwarfs
(those with Hev in emission, a sign of magnetic activity) on average flared more often
than inactive M dwarfs of the same spectral types. The occurrence rates from these
studies could then be used to predict the number of flaring stars in future surveys
such as the Legacy Survey of Space and Time (formerly the Large Synoptic Sky
Telescope; LSST). Later studies also made use of large scale photometric surveys
such as 2MASS (Skrutskie et al., 2006) and the Sloan Digital Sky Survey (York
et al., 2000, SDSS; ) to detect flares. Repeated visits of these surveys to individual
stars meant sparse lightcurves could be constructed and in the case of more focused
regions (e.g. SDSS Stripe 82), flare surveys on thousands of M dwarfs could be
performed (Kowalski et al., 2009; Davenport et al., 2012). These surveys confirmed
the findings of earlier dedicated surveys of M dwarfs and obtained multi-wavelength
observations of flares, showing them to be much brighter at bluer wavelengths as
expected.

As time went on, targeted studies of M dwarf flares progressed from sin-
gle filter observations to those in multiple filters. As I will discuss in Sect.1.3.2
(and is shown in Fig.1.9), initial broadband photometry of white-light flares sug-
gested that their emission could be modelled with a 9000 - 10,000 K blackbody
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(Hawley and Fisher, 1992). However, later high cadence observations of flares in
multiple filters (e.g. using ULTRACAM; Kowalski et al., 2011) charted how the
colours of single flares changed with time, showing impulsive blue emission giving
way to redder fluxes, suggesting a changing flare temperature, instead of a single
blackbody feature. Along with this, targeted spectroscopic observations were also
being made to constrain the flare spectrum. As I will discuss in Sect. 1.3.2, these
observations showed that the white-light spectrum is not strictly a blackbody, but
rather a “blackbody-like” feature which could be approximated to a 9000 K black-
body. This “blackbody-like” feature was also found to have changing temperatures
throughout the impulsive and decay phase (Kowalski et al., 2013). The “blackbody-
like” spectrum showed the presence of absorption and emission features, suggesting
multithermal flare emission and hydrogen recombination at work.

It should also be noted that along with targeted observations, more serendip-
itous flare detections were happening as well. Several serendipitous flare detections
from F and G stars in the literature were compiled by Schaefer (1989) and Schaefer
et al. (2000). The earliest case was in 1899, when observers were checking the posi-
tion of a comet using nearby bright stars. During these observations, the G1V type
star S Fornacis flared and is reported to have become three magnitudes brighter than
usual - something which complicated comparisons to starcharts. Other examples of
detections include when a comparison star flared (HD 137050; Olson, 1980) and
while searching for meteors in Canada (8 Cam; Wdowiak and Clifton, 1985). These
flares were the first seen from G type stars other than the Sun. These events also
had very high energies (which allowed them to be seen), showing that superflares

from stars not dissimilar from the Sun were possible.

1.2.2 Going into space with Kepler

The studies mentioned so far had their limitations. Targets had to be active enough
to flare on average once per night and be bright enough so that high signal to
noise photometry and spectroscopy could be performed with short exposure times.
This resulted in low target numbers (coupled with limited observing time), so while
detailed photometric and spectroscopic observations of flares could be obtained, it
was difficult to scale these up to larger sample sizes. Along with this, measurements
of flare behaviours (e.g. occurrence rates) were biased to the more active stars. The
surveys that did exist from the large scale photometric surveys suffered from the
opposite problem, in that they had many stars but sparse lightcurves. In order to
scale up the flare studies to larger sample sizes, a way of observing thousands of

stars with continuous photometry was required.
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Wide-field exoplanet surveys provided a way to perform these observations.
The principal aim of these exoplanet surveys is to find exoplanets via the transit
method, the dip in light caused when a planet passes in front of their host star,
something I discuss further in Sect.1.5.1. However, due to the high inclinations
required, the chance of a given exoplanet transiting is low. To try and maximise the
chance of finding exoplanets, these surveys use wide fields of view to observe many
thousands of stars at any one time. To further maximise the chance of detecting
an exoplanet and measuring its orbital period, these surveys also monitor single
fields for long periods of time (at least months). Consequently, transiting exoplanet
surveys provide thousands (if not more) of lightcurves which cover long durations.
In the case of space-based missions, these lightcurves are continuous also. As one
may have realised, these datasets are also excellent for stellar flare surveys. Thus a
new form of flare studies came into being.

The wide-field exoplanet survey to really change things was the Kepler mis-
sion. The aim of the Kepler mission was to “determine the frequency of Earth-size
and larger planets in the habitable zone of solar-like stars” (Borucki et al., 2009).
It launched in 2009 and observed the same set of hundreds of thousands stars for
roughly four years, providing effectively uninterrupted photometry for that period.
The homogeneous dataset of lightcurves provided by Kepler changed stellar flare
studies. Suddenly large scale studies could be performed like never before, to study
how flare properties changed across not just across the M spectral type, but others
as well. The exquisite precision of Kepler meant it could be used to search for flares
from K, G and even F stars.

Some active M dwarfs within the Kepler field of view were observed in the
1-minute short cadence mode, allowing for studies analogous to those originally
performed from the ground. Not only did these studies characterise the occurrence
rates of more individual active M dwarfs, they also studied the flares themselves and
how they related to other signs of magnetic activity. Davenport et al. (2014) used the
1-minute cadence observations of 885 flares from GJ 1243 to generate an empirical
flare model, which is now often used for flare fitting and injection tests (e.g. Gizis
et al., 2017b; Ilin et al., 2019). For individual M stars the relation between starspot
phase and flare occurrence was investigated (e.g. Hawley et al., 2014), finding no
relation between the two. This was in contrast to solar observations, where flares
are observed to occur at active regions, where starspots are located (as discussed in
Sect. 1.3.)

Along with observing individual stars for longer periods of time than ever

before, large scale studies of M dwarf flares were also performed using Kepler data.
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These used both the 1-minute and 30-minute cadence modes of Kepler to study
how flare energies, amplitudes and durations varied across K and early M stars.
An example of a result from these studies was that the maximum observed flare
energy decreases with stellar effective temperature, although early M stars could
still flare with energies thousands of times the Carrington event (e.g. Davenport,
2016). The large sample size of flaring and non-flaring stars also allowed for studies
of the fraction of flaring M stars. Yang et al. (2017) found from their sample of M
stars an increasing fraction of flaring stars for later spectral types, up to almost 50
per cent for M4-M5 stars. One possibility is that these stars remain active for longer
periods of their lives than higher mass stars, meaning a random selection of field
stars is likely to have a higher fraction of more active stars. Studies of the activity
of stars with known ages (such as in Chap.7) can help constrain this.

It was not just K and M stars that benefited from the arrival of Kepler.
For G stars, the Kepler mission brought a revolution in itself. No longer were
serendipitous observations from a collection of surveys with varying methods and
equipment required to study these events. Long and short cadence observations from
Kepler revealed the presence of hundreds of flaring G stars, some with properties
similar to the Sun. The initial study of Maehara et al. (2012) found 365 flares from
148 G-type stars and later studies by Shibayama et al. (2013) and Maehara et al.
(2015) expanded upon this to discover upwards of 1600 more flares. These studies
found the occurrence rates of G star flares to have power laws similar to solar flares
(a ~ 1.75 Crosby et al., 1993; Aschwanden et al., 2000). This is shown in Fig. 1.4.
Shibayama et al. (2013) also found the exact occurrence rate was dependent on
rotation, with faster spinning stars showing more flares on average. Other studies
took the energy questions a different way and asked whether the energies of these
flares went upwards for ever with ever decreasing occurrence rates, or did they
saturate at some value? Wu et al. (2015) identified a saturation value of around
2 x 1037 erg for G stars, using the sample of Maehara et al. (2012) that displayed
periodic modulation. However, for other spectral types this saturation level hasn’t

been well constrained.

1.2.3 Stellar Flare Morphology

The ground-based and Kepler observations of white-light flares showed that they
have a distinctive shape. It can be characterised as an impulsive rise, up to a peak,
followed by a gradual decay (e.g. Davenport et al., 2014). An example of a stellar
flare is shown in Fig.1.5. The impulsive rise is the same as the one mentioned
in Sect. 1.3.2 which can be characterised with ~10,000 K “blackbody-like” emission
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(and some absorption). After the impulsive rise is the peak. In many photometric
studies the peak appears as a sharp boundary between the rise and the decay. High
cadence observations (such as those presented in Chapter 3) have shown instead
that it appears more as a rollover and a gradual transition, marking where the
cooling of the ~10,000 K blackbody-like feature starts to dominate. The decay of a
stellar flare is typically assumed to be an exponential, however many studies have
shown it is better fit with two exponential decay components. The initial decay is
believed to be dominated by the cooling of the blackbody-like emission (Hawley and
Fisher, 1992; Kowalski et al., 2013). The second, typically longer, decay component
has been attributed to cooling from the Balmer and other chromospheric emission
(Kowalski et al., 2013).

The described features (rise, peak, decays) model single flare events such
as the one seen in Fig.1.5 particularly well. Previous works have been able to
incorporate these components into models that are commonly used (e.g. Davenport
et al., 2014). These flares are typically called “simple” flares. However, lightcurves
often show flares which feature substructure deviating from the simple model. These
flares are called “complex”. Complex flares usually have multiple flare peaks, such as
can be seen in Fig. 1.5. Hawley et al. (2014) and Davenport et al. (2014) found that
complex flares generally have higher energies and longer durations than their simple
counterparts. These complex flares can sometimes be fitted with multiple single
flare events, suggesting they may be a composite feature formed of several simple
flares. One possibility is that the multiple flare events have overlapped in time in a
random fashion. Moon et al. (2002) found for solar flares this random overlap to be
statistically unlikely (from an excess of flares at short waiting times compared to a
stochastic process), suggesting “sympathetic flaring” as an alternative mechanism.
In this process one reconnection event can trigger others in nearby active regions,
resulting in repeated flaring behaviour at short waiting times. On the Sun, flares
can be both temporally and spatially resolved to test for correlations between active
regions, or large-scale structures linking them together (e.g. Torok et al., 2011).
However, we are unable to spatially resolve the active regions related to stellar
flares. This means that while it is likely very closely spaced flares are related, it is
very difficult to confirm whether sympathetic flaring is the cause.

Sometimes stellar flares will also feature more complex substructure. The
primary example of this are oscillations of flare intensity with time, called “quasi-
periodic pulsations”, or QPPs. QPPs are regularly detected in solar flares, however
still have relatively low detected numbers from stellar flares. In stellar flares they

have been observed in multiple wavelength regimes, including the white-light (e.g.
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Balona et al., 2015; Cho et al., 2016; Doyle et al., 2018). The exact cause of these
oscillations is still unknown. Multiple mechanisms for their generation have been
proposed, such as periodic modulation of plasma heating by MHD oscillations (e.g.

Zaitsev and Stepanov, 1982) and periodic reconnection events (e.g. Foullon et al.,
2005).

1.2.4 Occurrence Rates

The first targeted studies of flares from nearby active M dwarfs showed that stellar
flares occur according to a power law distribution in energy (Lacy et al., 1976). This
is typically written as

dN (E)ocE~%“dE (1.2)

where dN (F) is the number of flares (per unit time) with an energy in the interval
from E to dE, E is the flare energy and « is the power law index. From this, a linear

relation for the cumulative flare frequency distribution (CFFD) can be written as
logr =C + BlogE (1.3)

where v is the cumulative flare frequency, C is a normalisation constant and g = 1—«
(Hawley et al., 2014). The value of « dictates how often high energy flares occur
relative to those of lower energy and has been observed to vary across different
spectral types. As mentioned in Sect. 1.2.2, the Sun has a ~1.75 (e.g. Crosby et al.,
1993; Shimizu, 1995; Aschwanden et al., 2000). For comparison, M and L dwarfs
have had measured « values from 1.4 to 2 (e.g. Paudel et al., 2018b). Examples of
observed flare energy distributions and fitted occurrence rates are shown in Fig. 1.6.
The value of « also has implications for the environment of the stellar corona. A
value of a greater than 2 implies that there is effectively a limitless number of low

energy flares that can occur. This is because if write Eq. 1.2 as

dAN(E)
dE

— kE™ (1.4)

where k is a constant of proportionality, then the total energy released in some

interval is

E,
maz N (E) ko —(a—2)
Eir = FdE ~ —F 1.5

As E,,;, approaches 0 the total energy release diverges, allowing any power release

at small energies, something which does not occur for a < 2 (Giidel et al., 2003).

As mentioned in Sect.1.1.5, if this is the case then these very low energy
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Figure 1.6: Flare occurrence rates for individual active M stars, measured by Hawley
et al. (2014) using Kepler short cadence observations. Taken from Hawley et al.
(2014).

flares (e.g. nanoflares) may be responsible for the quiescent heating and X-ray
environment of the stellar corona (Giidel et al., 2003). The value of the normalisation
constant C' dictates how often flares of a given energy occur. Measuring C' means
power laws can be anchored to realistic values, making them of use to studies of
exoplanet habitability (see Sect.1.4.2).

Measuring both C' and « requires fitting Eq. 1.3 to a measured population
of flares. This is either done by fitting Eq. 1.3 directly to measured data, or by first
converting to log-log space and then fitting a linear function. Measurements of the
flare occurrence rate have been done for a variety of individual stars (e.g. Moffett,
1974; Lacy et al., 1976; Hawley et al., 2014) and for larger samples (e.g. Hilton,
2011; Lin et al., 2019). Studies of flare occurrence rates often note two features
which require careful treatment, both of which can be seen in Fig. 1.6.

The first of these features is at low energies and is due to the limiting sensi-
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tivity of flare detection. At the highest energies, flares will always be seen in a given
dataset — their amplitudes are large enough to trigger any detection algorithm,
whether it be automated or by eye. However, as one goes to lower energies fewer
flares have an amplitude large enough to trigger detection. Eventually the lowest
energy flares will be lost in the noise, cutting off the measured sample. The effect of
this is a turn-over at lower energies where the observed distribution no longer fits
a power law. The lowest energies are usually masked during fitting, with an energy
cut-off selected to include the most data but not deviate from an expected power
law distribution (e.g. Lin et al., 2019).

The second feature is a break in the observed power law at the highest
energies (e.g. Chang et al., 2015). This apparent break has been attributed to both
systematic and physical effects. One reason for it being a systematic effect is that
the parameter space for highest energy flares has not been fully sampled. This
would result in an apparent drop if the observation length covered a flare and most
of the time between its predecessor and successor. An alternative theory is that
if the highest energy flares are complex flares formed of several single events then
these flares would not follow the distribution followed by the lower energy single
events (e.g. Davenport et al., 2014). Or it may just be that the highest energy flares
are simply intrinsically rarer, possibly due to more complex magnetic configurations
being required.

Flare occurrence rates and power laws have been measured for both indi-
vidual stars and for larger samples. When measuring o and C' over large samples
the completeness of the sample must be considered. Stars of different magnitudes
will have different flare sensitivities, meaning the same energy flare would not be
detected on all stars. Different studies account for this by using flare injection and
recovery (often using an empirical flare model, e.g. Davenport et al., 2014) or an
energy-magnitude consideration using their detected flares. This then allows studies

to constrain their analysis to parameter spaces considered statistically complete.

1.3 The Standard Flare Model

In this section I will discuss in detail the mechanisms that give rise to solar and
stellar flares. In particular I will elaborate on processes and mechanisms already
mentioned in previous sections, such as magnetic reconnection and the generation

of white-light flares.
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Magnetic Reconnection

Stellar flares are believed to be analogous to those on the Sun and so the same
model is applied. This model is called the “standard flare model”, or the “CSHKP
model” after the major contributors (Carmichael, 1964; Sturrock, 1966; Hirayama,
1974; Kopp and Pneuman, 1976). In this model, depicted in Fig.1.8, a flare is
a series of emission mechanisms caused by an initial magnetic reconnection event.
Magnetic reconnection occurs when oppositely directed magnetic field lines within
a plasma come together. In the ideal MHD regime, magnetic field lines are frozen
into the surrounding plasma, so share its motion. As plasma regions move about,
oppositely directed field lines can come together. When this happens, (and lines go
into the so-called “diffusion region”; Gonzalez and Parker, 2016), non-ideal MHD
effects cause reconnection to occur. The immediate aftermath of reconnection is a
change in the overall system topology with new field lines formed. A 2D example is
shown in Fig. 1.7, where the existing magnetic field lines travel inwards, reconnect
and then new field lines travel outwards. The reconnection event results in the new
field lines existing at a lower energy state, with the excess energy being released
into the surrounding plasma (with the majority being converted into kinetic en-
ergy). Of course, it should be remembered that reconnection is a three-dimensional
problem and often is not limited to a single site as is suggested by the 2D example
in Fig. 1.7. Instead of occurring at the “X-point” where the field is neutral, recon-
nection in a 3D body occurs for multiple field lines near-simultaneously in rapid
succession wherever a magnetically neutral flux region occurs. It should also be
noted that magnetic reconnection isn’t just limited to solar and stellar flare events.
Field lines in the Earth’s magnetosphere undergo magnetic reconnection on both the
dayside (magnetopause) and nightside (magnetotail) (e.g. Cassak and Shay, 2007).
Reconnection also occurs in laboratory experiments and can be a problem for toka-
mak fusion reactors, where reconnection events can lead to “sawtooth crashes” and

instabilities.

High Energy Emission

According to the standard flare model, magnetic reconnection occurs in the corona.
When a reconnection event occurs it kicks off a chain reaction, resulting in emission
from radio wavelengths all the way up to hard X-ray and in the most energetic
cases, gamma rays. The flux received at different wavelengths allows us to probe
different areas of the standard flare model. The energy from the initial reconnec-

tion event is released as thermal and kinetic energy, accelerating charged particles
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Figure 1.7: Magnetic reconnection in a 2D plane. The red and blue lines indicate
magnetic field lines and the yellow arrows indicate the direction of plasma flow.
Oppositely moving field lines move with their plasma towards the reconnection site
in the centre of the image. There, the field lines connect and proceed to move
outwards. During this process the magnetic field lines change their topology and
release energy into the surrounding plasma.

in the surrounding plasma downwards towards the chromosphere and photosphere.
These non-thermal particles spiral along the newly reconnected magnetic field lines.
As they do so, these particles emit non-thermal microwave radiation via the gy-
rosynchrotron mechanism (Peterson and Winckler, 1958; Kundu, 1961; White et al.,
2011).

The accelerated particles then reach the denser plasma of the upper chro-
mosphere and impact this atmospheric layer. As they impact this region they are
rapidly decelerated. This deceleration occurs via the bremsstrahlung process, where
charged particles slowing down in an external electromagnetic field release radia-
tion. This process heats the surrounding plasma to ~ 10° K, evaporating it to form
a chromospheric evaporation (Antonucci and Dennis, 1983; Mason et al., 1986).
The plasma is also ionised by the same heating and collisions with non-thermal
electrons. At the same time as the chromospheric evaporation, to conserve momen-
tum, heated chromospheric plasma forms a chromospheric condensation which is
a compression pushing down towards the lower chromosphere (e.g. Canfield et al.,
1987; Fisher, 1989). The chromospheric evaporation rises and fills the newly re-
connected magnetic field lines, creating what are called hot flare loops, or in the

past these have been termed post-flare loops. These coronal loops are anchored into
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the dense plasma at the points of impact, called flare footpoints. At the flare foot-
points the bremsstrahlung process emits significantly in hard X-rays, while the hot
plasma within the loops emits most strongly in the ultraviolet and via soft X-rays.
After some amount of time, the hot plasma within the flare loops cools down and
condenses back at the flare footpoints.

Solar flares are observed to occur close to or at active regions, where the
magnetic field is perturbed. It is thought that active regions provide the magnetic
energy required for the particle acceleration and plasma heating. Solar flares are
associated with sunspots (e.g. Zirin and Liggett, 1987; Jiang et al., 2012), something
that was seen in the first solar flare observations (see Fig.1.2). Some studies have
suggested that reconnection events are driven in part by the twisting of field lines
by sunspot rotation. This can be exacerbated by multiple spots in sunspot groups,
where the shearing between spots provides energy for the reconnection events (Yan
et al., 2018).

Solar flares are sometimes associated with Coronal Mass Ejections (CMEs).
CMEs are outbursts of dense magnetised plasma and energy away from the Sun.
Flares which are accompanied by CMEs are termed “eruptive” flares, while those
which do not are called “confined” flares (Svestka and Cliver, 1992). High energy
solar flares (e.g. X class) have been observed to be more likely to have an accom-
panying CME event than low energy flares (e.g. Yashiro and Gopalswamy, 2009). If
particles from the CME outburst reach the Earth, they collide with the magneto-
sphere, exerting a pressure as they do so. They then travel along the geomagnetic
field lines towards the poles, where they reach the atmosphere. The changing cur-
rents in the Earth’s magnetic field caused by CMEs can induce electric fields on

Earth (see Sect. 1.2 for historical examples).

1.3.1 Solar White-light Flares

White-light flares are the component of flares that are visible at optical wavelengths,
with optical continuum emission in excess of the quiescent photosphere. Observa-
tions have shown solar white-light flares to comprise of continuum emission which
can be modelled as blackbody with temperatures ranging between ~5000 to 10,000 K
(Watanabe et al., 2013; Kretzschmar, 2011). This photospheric continuum emission
is often interpreted as due to either H™ continuum emission, hydrogen recombina-
tion emission (Balmer/Paschen), or some combination of both (Heinzel et al., 2017).
The low contrast between the white-light flare optical emission and the quiescent
solar photosphere makes the detection of solar white-light flares a difficult task. For

this reason, detections are often limited to the highest energy X class flares. How-
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Figure 1.8: An illustrated depiction of the standard CSHKP flare model. Taken
from Shibata et al. (1995).
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ever, lower energy flares have also been observed to exhibit white-light emission also
(C class flares; Hudson et al., 2006), suggesting a common mechanism across a wide
range of flare energies.

Unfortunately, the exact emission mechanism of solar white-light flares is
currently unknown and there exist many different models and explanations. The
white-light continuum emission is typically attributed to emission from the mid-
dle/upper photosphere or the lower chromosphere. The majority of solar white-light
flares (so called Type-I) exhibit a Balmer/Paschen jump in the continuum emission.
These flares are well correlated both spatially and temporally with HXR emission,
suggesting the accelerated electron jet has a role in the production of the white-
light emission (e.g. Xu et al., 2014). This is typically attributed to the ionisation of
hydrogen in the chromosphere via an increase in plasma temperature and collisions
with non-thermal electrons. However, despite the apparent spatial HXR correlation
the source height of the white-light emission remains a matter of debate. Some
observations have found the white-light emission to originate lower down than the
HXR emission (Watanabe et al., 2010). Other observations have shown the white-
light and HXR emission heights to overlap remarkably well (possibly through an
optically thin, directly heated, layer; Kerr and Fletcher, 2014), although the appar-
ent emitting volumes have been linked to both the chromosphere (Krucker et al.,
2015) and the photosphere (Martinez Oliveros et al., 2012). Observations linking
white-light emission to the photosphere then run into problems regarding energy
transport (see below).

The other form of white-light flares observed from the Sun are Type-II white-
light flares, which either show only weak Balmer emission lines or lack them entirely.
The continuum emission from these flares appears more consistent with photospheric
H~. The lack of chromospheric emission may point instead to direct heating in the
photosphere. Models that require direct heating of the photosphere run into prob-
lems regarding the strength of the accelerated electron jet. Solar electron jets are
typically not believed to be strong enough to penetrate through the upper chro-
mosphere to directly heat lower layers of both the chromosphere and photosphere.
However, observations currently require some method of heating the photosphere
to give rise to H™ continuum emission and match observed low emission heights
(Watanabe et al., 2010; Martinez Oliveros et al., 2012). Suggestions for such indirect
heating include backwarming by Balmer emission or XUV emission from hot flare
loops (e.g. Hawley and Fisher, 1992), Alfven waves dissipating energy (e.g. Fletcher
and Hudson, 2008), or energy transport by the chromospheric condensations (e.g.
Kowalski et al., 2017).
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1.3.2 Stellar white-light flares

Stellar flares are energetic events believed to be analogous to solar flares observed on
other stars. These events have been observed to occur on a wide range of stars, from
F (e.g. Balona, 2015) down to L spectral types (e.g. Gizis et al., 2017a) and with
some possibly even occurring on A type stars (Van Doorsselaere et al., 2017). The
energies of stellar white-light flares can be orders of magnitude greater in energy
than those seen on the Sun, causing some to question whether the stellar flare
heating and cooling mechanisms are exactly the same as for the Sun (e.g. Namekata
et al., 2017; Heinzel and Shibata, 2018). In this section I will discuss some of the
observations of white-light flare behaviour from other stars and outline how these
findings are used in my work.

Firstly, it is worth highlighting some of the differences between stellar and
solar observations. We are unable to spatially resolve the surfaces of stars (other
than the Sun) in our observations. Consequently, we observe the summed flux from
the visible disc of the star at any one time. Individual flare events cannot be linked
to specific active regions on the stellar surface, nor can we be entirely certain that
what we have observed is a single large flare event, or some composition of several
smaller events. We are also not able to measure the altitude of emission in the
stellar atmosphere. However, observations of stellar flares do have some benefits
over their solar cousins. The majority of stars observed in stellar flare studies are
more magnetically active than the Sun and have lower effective temperatures (i.e.
K and M stars). This means that many low mass stars show high energy flares
(relative to the Sun) on a regular basis. Secondly it means that when these high
energy flares do occur they appear larger than they would on the Sun, due to the
greater contrast between the flare spectrum and the quiescent (cool) photosphere.
Spectroscopy of stellar flares also benefit from broadband observations, allowing
several emission lines and continua to be observed simultaneously in a single filter.

Similar to their solar counterparts, the exact mechanisms driving stellar flares
are currently a subject of debate. Studies of flares using broadband photometry
found that white-light flares can be modelled with a ~9000 K blackbody (Hawley
and Fisher, 1992), which was interpreted as evidence of photospheric emission, re-
quiring deep heating possibly provided by soft X-ray emission from the hot flare
loop. An example of such photometry and the associated flare model is shown in
Fig.1.9. Later simulations of white-light flares by Allred et al. (2006) found that
this XUV flux could not adequately heat the photosphere and suggested that the
9000 K blackbody in UBVR photometry could be explained instead by enhanced

Balmer and Paschen emission, originating from the heated chromospheric plasma.
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Figure 1.9: UV and UBVR photometry of a flare-only spectrum. Note the appear-
ance of a #9000 K blackbody. Taken from Allred et al. (2006).

More recent studies (Kowalski et al., 2013, 2015, 2018) have found white-light stel-
lar flares are better characterised as having ~10,000 K “blackbody-like” emission.
Spectroscopy of M dwarf flares by Kowalski et al. (2013) showed that the impulsive
rise of flares exhibited both a ~9000-14,000 K blackbody-like component (typically
attributed to the lower chromosphere/photosphere) and varying strengths of Balmer
emission lines (typically attributed to the upper chromosphere). The presence of
Balmer emission also results in a Balmer jump above the blackbody feature which
can be fit to the continuum. All of these features can be seen in Fig.1.10. When
isolated, the hot blackbody showed signs of absorption (hence “blackbody-like”)
and appeared similar to the spectrum of an A type star (Vega in particular). The
Balmer emission lines also exhibited wing absorption, which Kowalski et al. (2013)
took as a sign of chromospheric layers of different temperatures.

Observations show that the blackbody and emission components persist into
the decay (shown in Fig. 1.11), although the overall optical emission becomes redder
(e.g. Hawley and Fisher, 1992; Kowalski et al., 2016). This was partially due to a
cooling of the hot blackbody component (down to ~8000 K), as seen in Fig. 1.11, but
also due to the formation of a secondary redder blackbody continuum (~ 6000 K),
the origin of which is not yet fully understood. One possibility is emission from the
heated photosphere (e.g. from Balmer continuum backwarming). Other possibil-
ities include multithermal flare emission and higher order hydrogen continua (e.g.
Paschen from recombining chromospheric hydrogen).

Explanations for these stellar flare observations differ from their solar coun-
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Figure 1.10: Example M dwarf flare spectra at maximum emission, taken from
Kowalski et al. (2013). The solid line is the flare spectrum, the dashed is the
quiescent M dwarf spectrum. The blue line on each indicates the best fitting Planck
function, from fitting to the blue optical emission. The yellow line is a fit to the
Balmer continuum emission alone. The x? and temperature for each are shown in
brackets. Note the Balmer jump in each.
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terparts, in that they are primarily chromospheric rather than invoking photospheric
emission. Kowalski et al. (2015) has proposed the ~ 10,000 K blackbody-like emis-
sion is due to chromospheric condensations. As condensations travel downwards
they cool from T~ 10K, reaching T~10,000 K. Radiative hydrodynamical sim-
ulations have been able to model this and generate both blackbody and Balmer
and Paschen continuum emission. These simulations can therefore match the ob-
served “blackbody-like” component and Balmer jump, however they currently do
not match other signatures such as observed Balmer line broadening. These simu-
lations also currently require electron jets with extremely high densities which may
not be available for all flare energies. It has been pointed out that models that
focus only on chromospheric condensation emission ignore the effect of the chro-
mospheric evaporation, the plasma of which fills the hot flare loops (Heinzel and
Shibata, 2018). Solar coronal loops are long but very narrow features (e.g. Jing
et al., 2016), which are usually deemed to contribute negligible amounts of white-
light flux. However, the strong magnetic fields (kG; Shulyak et al., 2017) on M
dwarfs could result in much larger coronal loops with greater surface areas than
their solar counterparts. Heinzel and Shibata (2018) found that these large flare
loops could contribute non-negligible amounts of optically thin emission for super-
flares from active stars. Heinzel and Shibata (2018) argue this will be a mixture of
Paschen or free-free emission, with free-free dominating at high temperatures (10°
K). Again, high flare plasma electron densities for the flare loops are required in this
model (103 ecm~3), above those seen on the Sun (10! — — — 102 cm~3) but at levels
expected from superflares. For comparison, the Kowalski et al. (2015) simulations
produce beam electron densities of 10'% cm™3. High energy stellar flares may then
be a combination of footpoint and loop emission and seemingly in a regime of their
own. Models currently do not recreate the cooler blackbody feature during the flare
decay. Unfortunately the simulations used to model flare behaviour are computa-
tionally expensive, currently limiting their use to the impulsive flare region. This is
likely to be an area of focus in the future.

Another area of focus in the future will be the assumption of a single flare
temperature. As shown above, while a 9000 K blackbody spectrum is a good first
order approximation, recent photometric and spectroscopic observations have shown
that the flare temperature changes with time, and can depart significantly from the
9000 K model on short timescales. This in particular can be seen in Fig. 1.10, where
some flares reach temperatures of around 15,000 K at maximum emission during the
impulsive phase, along with exhibiting a Balmer jump not included in the single

temperature model. Consequently, studies using a 9000 K model (including those
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presented in this thesis) may underestimate the energy emitted, especially during
the impulsive phase. Single filter photometric observations are not able to capture
the changing peak temperatures and timescales of the impulsive and decay phase,
necessitating the use of a single-temperature model to calculate blackbody tempera-
tures. Multi-filter photometry can avoid these issues in the future by simultaneously
sampling different regions of the flare spectrum, capturing changes in flare temper-

ature and allowing more accurate energy estimations.

1.4 Current Observations and the Impact of Stellar Flares

In this section I will discuss how more recent missions and surveys have built upon
those outlined in Sect. 1.2. T will also discuss how stellar flares may affect exoplanet

habitability, an area of fervent research in recent years.

Pushing mass and age limits with K2

After two of the Kepler reaction wheels failed, Kepler was reborn as K2(Howell
et al., 2014). The K2 mission surveyed a series of fields along the ecliptic for three
months each. K2 observations were driven by a guest investigator program, which
led to greater numbers of observations of flares from mid to late M stars. Obser-
vations using K2 even pushed down towards the brown dwarf boundary, detecting
flares from LO-L2 stars (e.g. Gizis et al., 2017a,b; Paudel et al., 2018b) and character-
ising individual L star occurrence rates. These stars were found to still show strong
flaring behaviour, with energies and occurrence rate power law indices comparable
to early M stars. It also raised the question of when do high energy white-light
flares stop being produced? Do they persist beyond the brown dwarf boundary to
mid-late L stars, which exhibit aurora-like behaviour in radio observations (e.g. Kao
et al., 2018)7 Mid-late L dwarfs have also shown signs of activity termed “radio
flares” associated with gyrosynchotron emission. If these are analogous to the gy-
rosynchotron emission from the flare accelerated electron beam, then perhaps some
equivalent of white-light flares may be present as well. Unfortunately, due to the
low luminosity of these sources only the nearest and earliest L type stars could be
observed meaning studies with K2 were limited. Observations of a single L5 star in
K2 showed no detectable flares, suggesting a cut-off or that such events occur less
than once every ~ 100 days (Gizis et al., 2017b). If these flares just happen to be
rare, then studies of the mass limit for white-light flares would need to observe the
nearest L dwarfs for very long periods of time. An alternative method is to observe

many L dwarfs which are too faint to detect normally and wait for one to flare into
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Figure 1.11: Example M dwarf decay phase flare spectra, taken from Kowalski et al.
(2013). The solid line is the flare spectrum, the dashed is the quiescent M dwarf
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view, which would allow studies to push to lower and lower mass stars. In Chapter
5 I present this method, pushing the cut-off to spectral type L2.5 for the first time.

The opportunity to target stars in upcoming K2 fields meant that the pro-
posed studies could better keep up to date with the field of research. One example
of this was how flaring activity evolves as function of age. Almost all flaring stars
within the Kepler field of view were main-sequence field stars, making determina-
tion of their age difficult. Some studies made use of kinematics in order to broadly
classify groups of stars in thin and thick disc populations, while others made use of
rotation periods and gyrochronology (Paudel et al., 2018b; Davenport et al., 2019).
While these studies could broadly show that flaring activity decreases as stars age
and spin down, the age determinations are not precise and could be plagued by
external effects (e.g. tidal evolution of binaries). Studies of how flare behaviour
changes as a function of age were therefore limited. In the K2 campaigns various
open clusters were targeted. As discussed in Sect. 1.1.6, open clusters are groups of
stars associated with the same star-forming region and all have very similar ages.
The ages of open clusters can also be determined precisely, from the main sequence
turn off on the HR diagram. K2 observations of the 125 Myr Pleiades and 630 Myr
Praesepe open clusters were used to do this, showing a mass-dependent spin down
rate between the two ages (Ilin et al., 2019). However, with only two clusters, limited
conclusions could be drawn about the nature of this decrease and further observa-
tions are needed. This is something I work on improving by studying white-light

flares from the Orion complex in Chapter 7.

TESS and PLATO

In late 2018 the Kepler spacecraft ran out of fuel, bringing the K2 mission to a
close. This however was by no means the end of space-based wide field photometric
surveys, as seven months prior to this the Transiting Exoplanet Survey Satellite
(TESS) was launched (Ricker et al., 2014). The primary mission of TESS is to
search for transiting exoplanets by observing 85 per cent of the sky in month-long
segments. The 2-minute cadence data from TFESS has already been used for stellar
flare work, for instance to continue probing the relation between flares and starspot
phase (Doyle et al., 2019) and for large-scale flare studies of energies and occurrence
rates (e.g. Giinther et al., 2020). However, space based observations come with
limitations.

In Sect. 1.2 I explained how the first ground based surveys could obtain im-
pressive amounts of detail about individual flare events, but were limited by their

sample sizes. The inverse problem is true for space surveys. Due to telemetry lim-

35



0.5} 1

Fractional Flux
= o o
S} w i

o
—_
ol

{

¥ e A
Wt
W "‘ii‘ \

v..‘h AR anil A l
T [P ), T A h L
uw ™Yy Ve “‘t;“ 'w-'-y.'--“,,"*wi"-‘y',,"“v"“"'.‘.‘"']

0.0 En““‘J
ALl

| | | | |

5 0 5 10 15 20 25 30 35 40
Time Since Flare Start (Minutes)
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itations, the amount of data that can be retrieved from space missions is limited.
This manifests itself in two ways, target lists and cadence. Both Kepler and TESS
observe(d) with two cadence modes, long and short. For both missions the long ca-
dence mode is 30 minutes and the short cadence is one and two minutes for Kepler
and TESS respectively. For both missions, the vast majority of stars observed are
in the 30 minute long cadence mode. The minority of targets that were selected
for the short cadence mode were pre-selected before launch. In fact for Kepler all
targets were pre-selected before launch and apertures were placed only on those
targets. Therefore, if a star flared within the Kepler field of view and didn’t already
have an aperture placed on it, it was not observed. The 2-minute TESS targets are
also selected before a sector is observed, through a community-driven process. As
with Kepler, this means that if a target is not selected in advance, it will not have
short cadence photometry. However, this is less of a problem for TESS, as TESS
obtains full frame images in which apertures can be placed anywhere. However,
again the issue is that these full frame images have a 30 minute cadence, which
limits the amount of data that can be obtained. The timescale of stellar flares is
minutes to hours. Long cadences can smear out flares, reducing their measured am-
plitudes and energies. An example of this for 13 second and a 2-minute cadence is
shown in Fig.1.12. From a comparison of the same flares observed in the Kepler 1
and 30-minute cadence modes, Yang et al. (2018) found that the energies measured
from the long cadence observations alone were reduced by 25 per cent compared
to the short cadence data. Without a posteriori correction, this causes studies to
systematically underestimate their measured flare energies. Along with this, short
duration flares will be missed entirely.

A future space-based transiting exoplanet mission which will avoid these
issues is PLATO (PLAnetary Transits and Oscillations of stars; Rauer et al., 2014).
The primary mission of PLATO is to search for planets in the habitable zone of
F-K dwarf and sub-giant stars. PLATO combines 26 cameras together to have a
field of view of ~ 2200 square degrees (Kepler had 96) with a observing cadence
of 25 seconds. The combination of this cadence and field-of-view means PLATO
will be a huge step forward for stellar flare studies. Due to the large amount of
data to be transmitted back to Earth, lightcurves will be generated on board for
selected targets, then beamed back. There is still therefore the inevitable possibility
for flares from the faintest stars (especially those of mid-late L spectral type) to be
missed. Along with this, the expected launch date of PLATO is 2026, meaning the
smearing effect of long cadences in space will still be an issue for some time. To get

around these issues, other facilities are required.
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1.4.1 Back to Earth

In recent years exoplanet surveys have not just gone into space, they’ve exploded in
numbers on the ground as well. Early ground based surveys included Super WASP
(Pollacco et al., 2006), HAT (Bakos et al., 2002, 2004) and KELT (Pepper et al.,
2007, 2012). These surveys helped lead the way in the discovery of exoplanets via
the transit method, employing wide fields of view to maximise the number of stars
observed. Many of these surveys however employed observing strategies (e.g. nod
on and off fields), which while good for finding exoplanets, were not particularly
efficient for flare studies because of their low cadence.

The more recent ground based wide-field surveys have been able to combine
the best of both worlds from previous space missions and targeted studies of flares.
Thanks to their wide fields of view, thousands of stars can be observed simultane-
ously each night. As these surveys are ground based they don’t suffer from the data
processing limitations that can hold back space missions. Consequently not only
can thousands of stars be observed in a single filter at any one time, but full frame
images can be observed at high time cadences. This means targets don’t need to be
pre-selected before observations begin and apertures can be placed anywhere within
images. Examples of these surveys include EvryScope (e.g. Howard et al., 2019a)
and the Next Generation Transit Survey (NGTS; Wheatley et al., 2018). It is this
latter survey that provides the bulk of observations used in this thesis and I describe
the survey itself further in Sect. 2.1. Depending on the observing strategy, these sur-
veys can complement those in space and each other. For instance, EvryScope and
NGTS both obtain high cadence (2 minutes and 13 seconds respectively) observa-
tions of set fields over long time baselines. This allows for precise measurements of
flare durations, amplitudes and energies. These in turn can be used to improve our
measurements of occurrence rates and also search for flare substructure, which would
be missed in long cadence studies. Transient surveys such as ASAS-SN (and LSST
in future Kochanek et al., 2017; Ivezi¢ et al., 2019), which search for supernovae
(and other events) probe a different parameter space to other studies. ASAS-SN
observes large areas of sky every night, making one or two observations per patch of
sky before moving on. The huge swathes of sky covered means it can search for the
rarest, highest energy, flares from very faint ultracool dwarfs. The flip side of these
surveys is that, similar to SDSS, a sparse cadence is employed in order to cover such
large patches of sky. The full frame images of higher cadence studies can now also

be used to achieve similar scientific goals however, albeit for smaller patches of sky.
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1.4.2 Flares and Exoplanet Habitability

In recent years different surveys have begun to detect Earth-sized exoplanets around
M stars. Surveys such as MEarth (Irwin et al., 2009) and TRAPPIST (Jehin et al.,
2011) have achieved this through the transit technique, where light from the host star
is blocked out by the planet passing in front (see Sect. 1.5.1). Other surveys such as
the Red Dot program (Escude, 2018) have achieved this through dedicated long term
radial velocity programs of nearby M dwarfs, looking for the Doppler shift in stellar
lines as the star and planet orbit a common barycentre (see Sect.1.5.2). Some of
the planets being discovered through these missions are in the so-called “habitable
zone” (HZ) of their host stars. Examples of this include three of the planets in
the TRAPPIST-1 system (TRAPPIST-1e, f, g) (Gillon et al., 2017) and Proxima
Centauri b (Anglada-Escudé et al., 2016). The generally accepted definition of the
HZ is the orbital region around a star within which an Earth-like planet receives
enough heating to have an equilibrium temperature sufficient to retain liquid water
on its surface. Due to the low effective temperatures of M dwarfs relative to the
Sun, the HZ is much closer in for an M dwarf exoplanetary system than for the
solar System. For instance, assuming a moist greenhouse model and using Eq. 2 and
Eq. 3 from Kopparapu et al. (2013) the HZ for an M3 star is at approximately 0.14
AU. For an M8 star this shrinks to 0.02 AU. The energy emitted from flares does
not scale at the same rates as the stellar luminosity (we can still have mid-M stars
showing similar flare energies to G stars; Maehara et al., 2012; Davenport, 2016;
Lin et al., 2019). Therefore, having planets so close in to their host star, without
a drop in flare energy, will amplify the effects flares might have on their surface
and atmosphere. This consequently brings the role of stellar flares in exoplanet
habitability into question.

Flares are known to emit strongly at UV and X-ray wavelengths (e.g. Loyd
et al., 2018), which are known to contribute to the removal of exoplanetary atmo-
spheres. An example of this in quiescence is for Neptunes such as GJ 436b (Ehren-
reich et al., 2015). If flares occur regularly enough then their XUV irradiation could
contribute to the removal of upper atmospheres, particularly if those regions are H
dominated, influencing the future atmospheric evolution (e.g. Venot et al., 2016).
It has been suggested as well that flares may deplete planetary ozone (e.g. Segura
et al., 2010; Tilley et al., 2017), although it has been shown that the dominating
factor in these events are proton fluxes from flare-associated CMEs. Segura et al.
(2010) and Tilley et al. (2017) estimated that for an unmagnetised planet the ozone
would be depleted within 8 years if there was a Carrington energy flare and asso-

ciated CME every week. A magnetised planet would be better protected against
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CMESs, however Kay et al. (2016) showed that an Earth-like magnetic field would
not suffice. Other studies have also shown that a magnetic field might accelerate
atmospheric loss, by channelling charged particles towards the poles (via the same
mechanism that results in aurora borealis). For solar flares, CMEs almost always
accompany the large X-class flares. Assuming this relation translates to M stars,
then almost all flares we observe will be accompanied by CMEs. If the ozone layer
is strongly depleted, then the surface will be vulnerable to flare-related UV flux,
which may cause biological damage to surface organisms. Organisms residing in
the oceans are expected to be sufficiently shielded from this UV flux by the water
column above them (Estrela and Valio, 2018).

There may be some positive effects from flares however. Due to their low
temperature the peak of emission from M stars is shifted towards redder wave-
lengths. Consequently, the surface NUV flux levels for planets around M stars is
diminished compared to their higher stellar mass counterparts (Rugheimer et al.,
2015; Abrevaya et al., 2020). Prebiotic chemistry pathways such as those impor-
tant for the synthesis of amino acids forebears (e.g. Sarker et al., 2013) and the
formation of RNA (e.g. Mulkidjanian et al., 2003) likely require the presence of UV
light to occur. In fact, components of RNA and DNA may even require a UV-rich
environment to form (e.g. Pollum et al., 2016). If this UV flux isn’t present, the
required reactions for life-forming components do not occur at an efficient rate and
other products can be formed instead. Flares, with their intense UV flux, have been
postulated as a way of providing the required irradiation. If flares of a certain energy
occur with high enough frequency, they could replace the quiescent NUV flux and
reactions could occur on a stop-start basis (e.g. Ranjan et al., 2017). Rimmer et al.
(2018) found from lab experiments that this would be a feasible mechanism for the
most active M stars. However, it is also the most active M stars that could cause
negative effects on their atmospheres through this UV flux and associated CMEs.
Along with this, the occurrence rates used by Rimmer et al. (2018) were from Kepler
main sequence sources. Younger stars are known to be more active and it is feasible
that they may still provide the required fluxes at the earliest ages. It is therefore
worth knowing what the average and individual flaring behaviour is at all ages to
properly understand the exact balance of flare effects and their impact on exoplanet
habitability, such as studied in Chapter 7.
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1.5 Binarity & Stellar Activity

In Sect. 1.1.3 I explained how we can observe stellar activity signals from stars across
the HR diagram. For individual, isolated, stars these signals are strongest at young
ages and decrease with time. This is because as stars age they spin down through
a process known as magnetic braking (Weber and Davis, 1967). Magnetic braking
is the process in which the ionised material from the stellar wind is captured by
the stellar magnetic field. As the star and its magnetic field rotates, this captured
material will rotate with the same angular velocity as it moves outwards. It even-
tually will escape, carrying some amount of angular momentum with it and slowing
the stellar rotation. This spinning down weakens the dynamo mechanism which
generates observed magnetic activity such as starspots (e.g. Morris, 2020) and flares
(e.g. Paudel et al., 2018b; Davenport et al., 2019). Flares of a given energy are
expected to become rarer with age. However, this can change if the star is part of a
binary system. When two stars are in a system, tidal interactions between them can
interfere with the usual spin-down process. Tidal interactions can spin up one star
in the system, which in turn can make it more active than expected for its age. This
has been previously observed for individual systems in open clusters (e.g. Wheatley,
1998) and for red subdwarfs (Mace et al., 2018). In the case of red subdwarfs, these
Gyr old stars can exhibit superflares after being spun up by a white dwarf compan-
ion. Tidal evolution can be an issue for gyrochronology, where the rotation period
is required to estimate the age of a star. This is why open clusters are so useful for
studies of activity with age, as I exploit in Chapter 7.

The increase in activity can sometimes act as a signpost to the system, as we
can spot behaviour we wouldn’t expect. One example of this is the red subdwarf—
white dwarf system I mentioned above. Depending on the inclination of the system,
this can sometimes lead to the detection of eclipses and even transits in wide-field
exoplanet surveys. Depending on the mass of the primary star, substellar objects
can exert enough torque to interact with and spin up their host star. I present an
analysis of such a system in Chapter 6, where the brown dwarf NGTS-7Ab has spun
up its host star to a period of 16.2 hours, resulting in strong magnetic activity.

Brown dwarfs are substellar objects with masses between 13 Mj and 75-80
Mjy. They reside in the mass region between planets and stars. The lower mass
limit is defined as the mass at which deutrium can be fused in the core. The upper
limit is when hydrogen can be fused consistently within the core and marks where
the stellar regime begins. When brown dwarfs are formed they fuse any available

deutrium in their cores. Once this is depleted they are unable to sustain their size
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and undergo gravitational contraction, slowly cooling and shrinking. During this
process brown dwarfs spin up.

The first detections of brown dwarfs came in the late 1980s, with GD 165B
in 1988 (Becklin and Zuckerman, 1988). Although this was first presented as a
“low-temperature companion to a white dwarf star”, it was later retrospectively
confirmed as a brown dwarf after a series of studies showed it to have a L spectral
type (e.g. Zuckerman and Becklin, 1992; Kirkpatrick et al., 1993, 1999). In the
meantime, other brown dwarf candidates and confirmation were presented. Exam-
ples of this include Teide 1 and Gliese 229B (Rebolo et al., 1995; Nakajima et al.,
1995). All of these sources were detected in infrared photometric surveys, with GD
165B and Gliese 229B being found as substellar companions and Teide 1 being found
as a lone brown dwarf in the Pleiades. Brown dwarfs are identified in photometric
surveys as low luminosity sources which appear brightest towards infrared wave-
lengths. Depending on the system mass and age, brown dwarfs can confirmed by
testing their spectra for lithium absorption. Lithium is burnt progressively quickly
in brown dwarfs above 50Mj(Baraffe et al., 2015). For masses above ~ 65Mj it is
burnt in approximately 100 Myr (Chabrier and Baraffe, 2000). As brown dwarfs are
fully convective, this process is very efficient. Objects below 65Mj and older than
100 Myr can be confirmed as brown dwarfs if they show lithium in their spectra.
Above 65M; brown dwarfs fully burn lithium, meaning that, like low mass stars,
lithium absorption is only present at young ages, limiting such a test.

Searching for faint red objects is still a method used to find brown dwarfs
today, more recently with surveys such as SDSS and in particular WISE (Wright
et al., 2010). These surveys are best for lone brown dwarfs and wide companions with
common proper motions as the brown dwarf photometry can be identified outright
or easily separated out from the host star. For closer in companions, especially
those around main sequence stars, such surveys are not able to resolve the separate
components. Along with this, the low luminosity of the brown dwarf compared
to the host stars means they cannot easily be identified through colours in these
surveys. To find brown dwarfs as close companions other techniques are required.

The first of these methods to achieve this was the radial velocity method,
the details of which I discuss in Sect.1.5.2. One of the first dedicated surveys for
brown dwarfs acting as companions was performed by Mayor et al. (1998) using
CORAVEL and then ELODIE. These were then followed by further precision radial
velocity surveys (e.g. SDSS-IIT MARVELS; Ge et al., 2008; Eisenstein et al., 2011),
increasing the sample of substellar companions. While the larger sample of radial

velocity discovered systems have been excellent for probing formation and evolution

42



scenarios, characterisation of individual brown dwarfs from these systems is limited.
The objects themselves are too close in to the host for their flux to be detectable
and the radial velocity method only gives a minimum mass for the system (if the
inclination isn’t known). One of the best opportunities for characterising a compan-
ion brown dwarf comes from those which transit their host star. Transiting brown
dwarfs offer us an opportunity to simultaneously measure both the radius and mass
of these objects, constraining their density. If the brown dwarf is bright enough then
we can also measure the dayside temperature and luminosity through measurements
of the secondary eclipse. The first discovery of a transiting brown dwarf around a
main sequence star came in the form of CoRoT-3b, a 21.7 + 1.0Mj brown dwarf
around an F3V star (Deleuil et al., 2008). This was shortly followed by the discovery
of NLTT 41135B, a 33.7 + 2.8 Mj brown dwarf around an M5 dwarf which itself has
a proper common motion partner (Irwin et al., 2010). Further discoveries followed
these, with 23 transiting brown dwarfs around pre-main or main sequence stars in
total discovered to date (see Subjak et al., 2019, for an up to date table of all brown
dwarfs as of 2019).

However, compared to the many more brown dwarfs identified either as alone
or as wide companions there appears to be a dearth of brown dwarfs acting as close
companions (usually noted to be <3 AU Marcy and Butler, 2000). This paucity
was termed the “brown dwarf desert” (e.g. Grether and Lineweaver, 2006) and is
typically attributed to different formation mechanisms for low and high mass brown
dwarfs. Some studies have noted that some of the observed paucity may arise from
selection effects in transit and RV surveys (most likely for brown dwarfs around
M stars; Damiani and Diaz, 2016), although it is likely not the driving mechanism
behind the desert. I will discuss the brown dwarf desert in more detail and in the
context of NGTS-7Ab in Chapter 6.

1.5.1 Transits

The transit method is the most prolific way of detecting exoplanets to date and
serves just as well for brown dwarfs. As a planet passes in front of its host star
it will block a fraction of the detected starlight. For a perfect transit, the amount
blocked is dependent on the ratio of planet size to the star size. If we know the

radius of the star, we can use the fraction of light blocked to measure the radius of

the planet using
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where 0 is the fraction of light blocked, R, is the planetary radius and R, is the
stellar radius (e.g. Perryman, 2018). Eq.1.6 assumes no limb darkening, which
changes the observed shape of the transit away from a box-shape to something
closer to a U-shape.

Stellar limb-darkening is an effect due the non-uniform brightness across the
visible disc of a star. An example of this can be seen for the Sun in Fig.1.3. It
occurs due to the changing line of sight of the observer between the centre and
edge of the stellar disc. Across the disc the line of sight of the observer penetrates
the photosphere at varying angles. At the centre the line of sight is normal to the
surface, while towards the limb it penetrates at a shallower angle. This results in an
optical depth of 1 being reached at a shallower depth towards the limb than at the
centre of the disc. Consequently, we are observing a cooler layer of the photosphere
and the disc towards the edge appears dimmer. The net result of this effect is a
changing transit depth as the brown dwarf (or exoplanet) passes in front of its host
star. An example of this for the transiting brown dwarf CoRoT-15b is shown in
Fig. 1.13. The deepest part of the transit is in the centre of the disc, where the star
is brightest and most light is blocked. In my analysis of NGTS-7Ab in Chapter 6 1

used a quadratic limb darkening law,

I(p) 2
=1—wu(1—p) —us(l— 1.
T = L) a1 = ) (1.7)
where u = cosf, with 6 being the angle from the centre of the disc. % is the

normalised intensity of the disc and u, (n=1,2) are limb darkening coefficients.
Along with the quadratic formulation for limb darkening there is a linear version and
further non-linear formulations (e.g. Claret, 2000) which require increasing numbers
of coefficients.

Typically once a brown dwarf (or exoplanet) candidate has been identified
in a wide-field exoplanet survey it will be put forward for photometric and spectro-
scopic follow up observations. Follow up photometry is required for various reasons.
From Eq. 1.6 we can see that even if a candidate has a Jupiter radius, if the stellar
radius is also large than the transit depth will be shallow. Follow up photometry
on a telescope with improved photometric precision (e.g. EulerCam, the SAAO
1.0m telescope, LCOGT) can be used to confirm the presence of a shallow transit.
Follow up observations in different photometric filters to the original discovery can
be used to rule out eclipsing binaries. Brown dwarfs and exoplanets do not emit
significantly in visible wavelengths relative to their host star, therefore their transit

depth is relatively constant when observed in different filters. A transiting star will
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Figure 1.13: The folded, detrended CoRoT lightcurve showing the transit of the
brown dwarf CoRoT-15b, taken from Bouchy et al. (2011).
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Figure 1.14: Mass-radius distribution for planets (below 13Mj), brown dwarfs (13-
75Mj) and stars (above 75Mj). The dashed lines show the dividing lines for each
category. Note the nearly equal radius value for giant planets, brown dwarfs and
low mass stars. Figure taken from Hatzes and Rauer (2015).

emit light of its own, with its own temperature-dependent spectrum, so the transit
depth can appear significantly deeper in different filters (e.g. Colén et al., 2015). Fol-
low up observations on telescopes with small pixel scales can be used to constrain
blended systems as well, something that is particularly important for discoveries
from TESS. As mentioned in Sect. 1.4, TESS has observed 85 per cent of the sky
in its primary mission, to search for transiting exoplanets. TESS has a pixel scale
of 21” meaning that targets of interest will be blended with nearby stars (Ricker
et al., 2014). Finally, as many brown dwarf and exoplanet candidates are found
long after the original observations, follow up photometry can be used to improve
candidate ephemerides. The errors in the ephemeris from original observations will
propagate with time, which can result in transits arriving early or late compared
to predictions. Follow up photometry can refine these parameters. In Chapter 6
NGTS-7Ab was put forward for follow up photometry for all these reasons.

The transit method works equally well for brown dwarfs as it does for exo-
planets. However, as seen in Fig.1.14, high mass planets, brown dwarfs and even
the lowest mass stars all have very similar radii (around 1Rj; e.g. Hatzes and Rauer,
2015). Consequently, while the transit method can tell you that you have a Jupiter
radius object, due to the mass-radius distribution it is not possible to confirm
whether it is a brown dwarf or not based on the transit alone. However, again
as seen in Fig. 1.14, these objects do cover a wide range of masses. Therefore, mea-
surements of the mass can be used to sufficiently separate out transiting brown

dwarfs from transiting planets or low mass eclipsing binaries.
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1.5.2 Radial Velocity

In order for one to determine that their transiting object is a brown dwarf, and not
a Jupiter, a mass measurement is required. The way of measuring this is to use the
radial velocity technique. This technique relies on the fact that in a star-companion
system both bodies will be orbiting a common centre of mass, or a barycentre. As
the star orbits this barycentre it will periodically move towards and then away from
the observer. This causes a Doppler shift in the observed flux from the star, which
can be seen in the periodic shifting in spectral lines throughout the orbit. The shift

in these spectral lines can be converted into a velocity, whose semi-amplitude K is

1

2rG\3 M,sini 1

- (29) 1 s
(My + M.)3 (1 —e€2)2

given by

where P is the orbital period, M, is the companion mass, M, is the stellar mass
and e is the orbital eccentricity (e.g. Perryman, 2018). If the period and the stellar
mass are known (usually through SED fitting and isochrone modelling), then mea-
surements of the radial velocity semi-amplitude can be used to measure M,sini. If
the inclination is not known, then this value is a minimum mass. One benefit of
transiting systems is that the inclination can be estimated and the mass can be well
constrained.

It can be seen from Eq.1.8 that the measured semi-amplitude is larger for
shorter periods, lower stellar masses and importantly, for more massive companions.
It is this final point that makes it possible to distinguish transiting brown dwarfs
from exoplanets. As an example, the hot Jupiter 51 Pegasi b (Mayor and Queloz,
1995) which has a M.sini of 0.47Mj, an orbital period of 4.23 days and orbits a
star with mass 1.1Mg. This has a radial velocity amplitude of 59 ms~!. However,
a brown dwarf of 50Mj on the same period around the same star will have an
amplitude of 5.7kms~!. Consequently transiting brown dwarfs can be distinguished
from Jupiter mass exoplanets relatively easily through radial velocity follow up. 1
use this radial velocity method in Chapter 6 to measure the mass of NGTS-7Ab
from HARPS observations (Mayor et al., 2003).

1.5.3 Secondary Eclipse

Along with the mass and radius of a brown dwarf, transiting systems can sometimes
offer a way of measuring their temperature. As transiting brown dwarfs travel along
their orbit they will pass behind their host star. This eclipse blocks out any flux we

may have been receiving from the transiting body. For a bright enough transiting
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body on a circular orbit this will result in a transit-like feature at phase 0.5 in
the phase-folded lightcurve. This however is not a transit but instead is called the
secondary eclipse. For the vast majority of detected transiting exoplanets and brown
dwarfs the amount of flux received from the transiting body relative to the host
star is negligible, so this eclipse is not detected in their phase-folded lightcurves.
However, for those systems that do emit enough light the secondary eclipse is a
powerful tool which can be used to probe the temperature and even the atmospheric
structure of the companion (e.g. Charbonneau et al., 2005). If we assume a non-
reflective atmosphere, then the flux from the companion will be purely due to its own
thermal emission. Measuring the depth will then give an estimate of the effective
temperature of the dayside of the companion - the side facing the star during the
eclipse. If the companion isn’t tidally locked (and assuming heat circulation) then
this temperature could be taken as representative of the companion equilibrium
temperature. If the companion is tidally locked (e.g. HD189733b Knutson et al.,
2012) then this measured flux will not be representative of the whole planet, only the
dayside. However, it still can give important information about the heat distribution
of the body.

In the above I assumed a non-reflective atmosphere, meaning all flux received
comes directly from the companion emission. This however is an extreme case, as
bodies will usually reflect some portion of the light received. An example of this
for an astronomical body is the Moon, which reflects about 10-15 per cent of the
light it receives from the Sun (in visual wavelengths) (Warell, 2004), which in turn
both helps autumn harvests but frustrates observers. A measure of the amount of
light reflected by a body is the geometric albedo, A,. The geometric albedo is the
fraction of flux reflected by a body relative to a diffusively reflecting Lambertian
disc of the same size. A diffusively reflecting Lambertian disc is an idealised object
that reflects any light isotropically (Lambert, 1760). The value of A, determines
the contribution of reflected light to the observed secondary eclipse. This plays off
against the thermal contribution, as more reflected light means a cooler temperature
is required for the same secondary eclipse depth. A,=0 indicates that no light is
reflected, such as in the case above. Due to the geometric albedo comparing a body
to a disc which reflects isotropically, if a body reflects light back along the line of
sight it could feasibly have A, > 1. For astronomical objects A, is usually fit for
between chosen limits. These are sometimes physical and chosen based on the Bond
albedo (the fraction of incident electromagnetic power re-radiated, which is fixed
by definition to between 0 and 1) (e.g. Esteves et al., 2015) and other times chosen

purely to explore the parameter space and determine temperature limits.
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The balance between the two effects (in a given photometric filter) is encap-

sulated in the following equation for the eclipse depth deipse,

Sectipse = (RBD>2S Fep(Tsp) S()) dA Ag<RBD>2 (1.9)

Ra (F, S(\)dA “a

where Fpp(Tsp) and Fy are the SEDs of the brown dwarf (with temperature Tgp)
and the host star respectively and S()) is the transmission curve chosen filter. T use
Eq. 1.9 in Chapter 6 to analyse the secondary eclipse of NGTS-7Ab and constrain

the dayside temperature.

1.6 Thesis Outline

In this thesis I present the results from a systematic search for stellar flares within
the datasets of the Next Generation Transit Survey (NGTS). In Chapter 2 I describe
NGTS, the methods used to detect flares in lightcurves and how I calculate flare
energies. In Chapter 3 I present the detection of superflares from a young G star,
showing how such events can now be detected in ground-based photometry. I also
present a new empirical flare model, which I compare with those in the literature. In
Chapter 4 I present the detection of a giant flare from a pre-main sequence M star.
I discuss how the flare was identified and how the star was confirmed as pre-main
sequence. In this chapter I identify oscillations in the peak of the flare as quasi-
periodic pulsations and apply solar techniques to analyse their cause. I also use
these oscillations to estimate the flare loop length, something rarely done for stellar
white-light flares. In Chapter 5 I present the detection of a white-light flare from
an L2.5 dwarf. This is the coolest star to show a white-light flare to date and one
of the largest flares ever detected, with an amplitude of AV ~10. The detection of
this flare highlights how the NGTS full frame images can be used to find the biggest
flares from the smallest stars. In Chapter 6 I present the discovery of the ultra-short
period transiting brown dwarf NGTS-7Ab. With a period of 16.2 hours, this is the
shortest period transiting brown dwarf around a main or pre-main sequence star
found to date. The brown dwarf has spun up its host star, resulting in NGTS-TA
being a tidally locked and active M star. In Chapter 7 I present a study of white-
light flares from stars associated with the Orion complex. I use these observations
to measure the average occurrence rate of 4 Myr early M stars and compare these
measurements to those of previous studies of older stars in order to understand how
the flare occurrence rate changes with age. In Chapter 8 I summarise the results

of these Chapters and discuss future missions and studies and how these might be
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used to study stellar flares and transiting brown dwarfs.
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Chapter 2

Methods

“Ah, there’s nothing more exciting than
science. You get all the fun of sitting still,
being quiet, writing down numbers, paying

attention. Science has it all.”

Principal W. Seymour Skinner (born Armin

Tamzarian), Bart’s Comet, The Simpsons

In this section I introduce and describe the NGTS instrument and outline
the methods used to detect flares in lightcurves, verify identified candidates and
measure their energies. I also introduce and explain concepts and methods used
repeatedly throughout the rest of this thesis. These are proper motion, parallax,
SED fitting, Bayes theorem and Markov Chain Monte Carlo methods.

2.1 The Next Generation Transit Survey (NGTS)

The Next Generation Transit Survey (NGTS) is a current generation transiting
exoplanet survey located at the Paranal Observatory in Chile. The primary mission
of NGTS is to monitor K and M stars in the search for exoplanet transits (Wheatley
et al., 2018). In particular, NGTS is searching for Neptune-sized exoplanets within
the so-called Neptune Desert, a region of mass-period space marked by a lack of
detected planetary systems. Neptune-sized exoplanets have very shallow transits
(on the order of 0.1%), making them challenging to detect from the ground. In
order to detect these transit events, NGTS is designed to achieve a photometric
precision of 0.1 per cent in 1 hour for stars brighter than [=13.

NGTS consists of twelve, 20 cm /2.8, optical telescopes each with a 520-
890nm bandpass and exposure times of 10 seconds (Wheatley et al., 2018). The
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Figure 2.1: The NGTS transmission curve, including the CCD response and filter
curve.

bandpass is shown in Fig.2.1. Each single camera has a field of view of ~ 8 deg?
and combined has a total instantaneous field of view of ~ 96 deg?. The wide field of
view of NGTS (comparable to the Kepler field of view) means that the high precision
observations required for Neptune transits are extended to hundreds of thousands
of stars. Each NGTS camera has a pixel scale of 5”, meaning it is able to resolve
targets that would be blended in TESS observations. In order to achieve the high
photometric precision required, NGTS operates with precise autoguiding. Each
telescope is on a separate equatorial mount and uses the DONUTS autoguiding
system (McCormac et al., 2013), which is able to keep stars on the same pixels
throughout the entirety of a night. This is done through real time analysis of the
science images, by collapsing them in the x and y direction and cross correlating
these with a reference image. By keeping stars on the same set of pixels, issues
related to inter-pixel changes (e.g. flat field noise) in sensitivity can be minimised.

To date, NGTS has made a number of discoveries, in both exoplanet science
and other areas of astronomy. In exoplanet science, this includes the discovery
of NGTS-4b, a sub-Neptune around a 13th magnitude K dwarf. This was the
shallowest ground-based transit detection, found only due to the high precision of
the NGTS telescopes. Another discovery from NGTS was NGTS-10b (McCormac
et al., 2020), the shortest period hot Jupiter discovered to date. Outside of exoplanet
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discoveries, NGTS has discovered many interesting stellar systems. These include
M dwarf-white dwarf binaries (of which NGTS is able to resolve the rapid ingress
and egress) and M+M dwarf binaries (e.g. Casewell et al., 2018). Along with these
discoveries, NGTS is now being used for follow up and vetting of candidates from
the TESS mission (Ricker et al., 2015).

2.1.1 NGTS Lightcurves and Pipeline Products

The observing strategy of NGTS is for each camera to intensively monitor individual
fields, obtaining full frame images with a 13 second cadence. Typically a single
camera will observe 3-4 fields each year, for 8 months on average. At the end of a
season, when a field is no longer visible, the data are returned to the University of
Warwick for reduction and analysis. Datasets are reduced using the custom built
NGTS pipeline. For each field, source detection is performed on a supersampled
reference image, generated from a stack of NGTS images. In the standard NGTS
source detection a limiting magnitude of I=16 is employed. The supersampled
reference image is able to detect stars fainter than this, however I=16 is believed to
be close to the detection limit for a single NGTS science image. An input catalogue
is automatically generated from this list of objects with I<16, ready for use in the
photometric pipeline.

The NGTS pipeline is also designed to accept custom generated input cat-
alogues. As NGTS obtains full frame images, these custom input catalogues can
specify source positions anywhere regardless of whether the star is detectable in
quiescence. I do this in Chapter 5 to detect a flare from a ¢'=21.46 L2.5 dwarf,
a star not normally detectable with NGTS. In all other chapters I use lightcurves
generated using the standard source detection algorithm.

To generate lightcurves from the NGTS images the pipeline uses aperture
photometry. Individual science images initially have their bias frames subtracted
and are corrected for flat field effects. For more detail on how NGTS obtains flat
field images, see Wheatley et al. (2018). Apertures are then placed on positions
defined by the source list within the reduced science images. The standard NGTS
aperture is a circular aperture with a radius of 3 pixels (15”). The sky background
for each aperture is obtained from a median-clipped map of non-aperture positions,
rather than from an annulus. For data from a given camera, the NGTS photometry
pipeline is run for all stars across all available nights, to create a season’s worth of
lightcurves.

Along with lightcurves, various ancillary products are generated by the NGTS

photometry pipeline. Two particularly important files are centroid x and y posi-
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tions for each detected source. The centroid is defined as the centre of light of an
aperture. For an isolated source we expect the centre of our aperture x4y,(t) to be
equal to the centre of flux x f1,,,(t). We can define the centroid {(t) as the difference

in position between the two, or

E(t) = T fluz(t) — zap(t). (2.1)

For a single source £(t) should be consistent with zero. However, for a blended source
there is an offset from the primary source due to the secondary flux contribution.
This offset will change if one of the stars brightens or dims, for example during a flare
or transit events respectively. Previous works have shown that the centroid positions
are a useful way of vetting transit candidates (Giinther et al., 2018). Multiple stars
in an aperture will dilute the amplitude of an astrophysical signals. One example
of this is if there are two stars in an aperture, one bright (the target) and a fainter
source. If the fainter source is an eclipsing binary with a deep eclipse depth, the
combined signal from the two stars may look like a exoplanet transit signal (as the
brighter star will dilute the eclipse depth). During the eclipse the aperture centroid
will move, not only telling us that the signal may be suspect but also which star
the signal is coming from, which can then be analysed further. This method has
been used previously to vet Kepler planet candidates (e.g. Bryson et al., 2013). The
precise autoguiding combined with the 5” pixel scale means it has also been proven
as a viable vetting method in NGTS transit searches, in particular being useful for
ruling out blended eclipsing binaries. I use NGTS centroids to confirm flare and

transit candidates in all science chapters in this thesis.

Detrending

Once lightcurves have been generated they are detrended using the SYSREM algo-
rithm (Mazeh et al., 2007). Typically in astronomical observations a target star and
a comparison star are observed. The comparison star is used to remove systematic
effects from the target data, such as trends due to changing atmospheric extinction
throughout the night. For wide field observations, SYSREM effectively treats every
star as a comparison star and searches for trends common across the whole field of
view. The common trend is then removed from all lightcurves, although with an
object-dependent amplitude. SYSREM is run iteratively in the NGTS pipeline to
remove all major first-order trends. The standard SYSREM pipeline also removes
7o outliers from individual lightcurves. These outliers can often be due to clouds or

satellites, introducing excess noise into lightcurves.
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Figure 2.2: Telescopes within the NGTS enclosure at Paranal.

These standard SYSREM lightcurves are the ones used when searching for
exoplanet transits. However, the flagging and removal of 7o outliers from lightcurves
means that the highest amplitude flares are removed before they can be searched
for. Therefore in this thesis I use an adjusted version of the SYSREM pipeline,
which does not mask 7o outliers. The resultant lightcurves keep the observed high

energy flare events, however also retain outliers due to clouds and satellites.

2.2 Detecting Flares

The distinctive shape of flares, as discussed in Chapter 1.2.3, means they can be
targeted in a relatively simple manner, by looking for consecutive outliers which
appear in single lightcurves. However, depending on the exact nature of the dataset
different approaches can be taken. For long and continuous datasets such as those
available from the main Kepler mission, detrending is often initially applied to re-
move trends in the quiescent flux (e.g. Davenport, 2016). These trends can be due
to long term systematics or due to the star itself, notably from starspots travelling
across the visible disc of the star as the star rotates. Basic versions of this detrend-
ing use a rolling median filter to remove variability. The smoothed lightcurve is

then used to remove the long term features, ideally leaving a flat lightcurve with
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flares remaining. These methods require the filter window to be longer in duration
than any expected flares and often a period of one or two days is chosen (e.g. Pugh
et al., 2015). More advanced versions of this detrending technique use multiple steps
with varying filter timescales and initial sigma clipping, to fully remove any under-
lying variations and to keep as many flares as possible. These flattened lightcurves
are then searched for outliers above some threshold (often based on the standard
deviation of the data), which are chosen as flare candidates.

For ground-based observations such as with NGTS a different technique is
required. This is because continuous observations are not possible from the ground,
thanks to the day-night cycle. As a result, smoothing filters are not able to accu-
rately model any variations with timescales on the order of a day. Instead, for a given
star observed with NGTS, individual nights are directly searched for flares without
any prior detrending. Flare timescales are typically minutes to hours, meaning a full
flare can usually be observed in a given night. Flares with large enough amplitudes
will dominate the variance of a given night, meaning that apart from the strongest
rotators any stellar modulation can be ignored.

To flag flares in a given night, I calculate two statistics. First is the median
flux value of the night. The second is the median absolute deviation (MAD). The
MAD is calculated by taking the median of the absolute deviations from the median,
or

MAD = median(|z; — T|) (2.2)

where T is the median value in a dataset and x; is the ith value in the dataset.
The MAD is often used as a robust measure of the variance in a dataset. Unlike
the standard deviation it is resistant against outliers, such as those introduced by a
flare. Consequently, using these two values gives a measure of the background flux
and its variance.

In the NGTS data the median and MAD were used in two ways to find flares.
First, individual nights were tested for flares by searching for three consecutive
outliers six MAD above the median of the night’s lightcurve. An example of this for
a real flare detection is shown in Fig. 2.3. Secondly, to search for long duration and
high amplitude flares which may dominate the flux distribution of a given night (as
in Chapter 5) I search for nights where the night median is 5 MAD above the season
median, where the MAD is now of the entire lightcurve. This automated two step

process was run on all stars in a given NGTS field of view.
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Figure 2.3: Left: An example of a false positive detection, caused by a satellite
passing through the chosen aperture. Right: A real flare detection, showing the
distinctive fast rise and exponential decay. On both the 6 MAD limit is shown with
a red line.

2.2.1 Visual Inspection

Once this automated flagging procedure was complete, I inspected each flagged
night visually and removed any false positives. Such false positives can be due to
astrophysical events (e.g. short period variable stars), man-made (e.g. satellites
passing through our aperture) or systematics (e.g. overlapping apertures). An
example of a flare compared to a false positive from a satellite can be seen in

Fig. 2.3. This example would likely be removed through visual inspection.

2.2.2 Image Inspection and Centroiding

It is important to be certain of the flare source. If multiple stars reside within
an aperture (in aperture photometry), any one of them flaring could result in the
observed signal. Without careful analysis this could result in ascribing the flare
to the wrong source, e.g. a large flare ascribed to an inactive A star rather than
the active M star also in the aperture. One way of verifying flare sources is to
check the images themselves. If the flare is large enough and the sources are well
separated, then it can be obvious which source is the flaring one. Another method,
more quantitative in nature is to check how the centroid of the aperture moves
during the flare. During a flaring event we would expect the centroid position to
move towards the flaring source. By checking the x and y centroids of an aperture
during a flare and combining this with source position information from an external

catalogue (e.g. Gaia DR2) the true flaring source can be determined.
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2.3 Stellar Flare Energies

To calculate flare energies, we used one of two methods depending on whether we

could see the star in quiescence.

2.3.1 “Visible” star method

When the star is visible in quiescence, the method used to calculate the flare energy
is based on that described by Shibayama et al. (2013), and makes the assumption
that the flare and star behave like blackbody radiators in order to estimate the
flare luminosity. The total flare energy (Ffqare) can be calculated by integrating the

luminosity of the flare (Lgare) with respect to time,

Eﬂare = J Lﬂare<t) dt. (23)
flare

The Stefan-Boltzmann relation can be used to estimate the bolometric lumi-
nosity of the flare,
Lﬂare(t) = UTfilareAﬂare(t)v (2'4)

where o is the Stefan-Boltzmann constant, Th..e is the flare effective temperature,
and Agae is the area covered by the flare. Another estimate of the flare luminosity

can be made from the blackbody flux through the instrument bandpass,

Lﬂare,obs = Aﬂare (t) JTABA(THMQ) d)‘v (25)

and similarly the observed luminosity of the projected hemisphere of the star (as-

suming Lambertian blackbody emission) can be estimated from,

L*,obs = TI'RE J‘TXB)\(TQH) dA, (26)

where A is the wavelength, ry is the instrument response function, Byr) is the
Planck function, and R, is the stellar radius. From the relationship L = 4nd*F
(where d is the distance to the star and F' is the flux) it can be seen that the ratio
of two luminosities will be equal to the ratio of two fluxes if the distances are the

same. Hence the ratio of the flare and stellar fluxes can be written as,

AF(t) o Aﬂare (t) ST)\B)\(Tﬂare) d)\
F(t)  wR2{rByry dA

(2.7)

where % is the change in flux due to the flare, normalised by the underlying
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stellar flux. Rearranging this equation will give an expression for the area of the
flare, Afare(t), which can then be substituted into Eq.2.4 in order to calculate the
luminosity as a function of time, Lgare(t), and hence bolometric energy of the flare,
Ffare, from Eq. 2.3. We have chosen to calculate the total energy of the flare as
opposed to just within the NGTS filter. This is to allow for comparisons of NGTS
results to previous studies which followed the method above to calculate the total
energy from Kepler observations (e.g. Machara et al., 2012). In order to calculate the
ratio %, the stellar flux during the flare is determined through linear interpolation,
which is reasonable considering in nearly every case the timescale of any modulation
of the stellar light curve (for example, due to the rotation of the star and the
presence of starspots) is much less than the timescale of a flare. This method makes
the assumption that the stellar blackbody emits with the Lambertian cosine law,
resulting in an observed emission area of mR2, while the flare emits as a small face-
on area. We visually inspect each flare to determine where the start and end points
are, which are only used when generating the baseline for each flare. The ratio was
then calculated by subtracting this underlying stellar flux from the actual observed
flux during the flare, and then dividing by the underlying stellar flux. In order to
estimate the uncertainty of the flare energy, Monte Carlo simulations were performed
using the uncertainties of the stellar radius, stellar effective temperature, and flare
effective temperature. The stellar radius and effective temperature are derived from
SED fitting, as I will discuss in Sect.2.5. These simulations were carried out by
randomly sampling each parameter 10,000 times, assuming a normal distribution for
each. For each sample, the flare energy was calculated. The uncertainties on the flare
energies were measured from the final distribution of the 10,000 calculated samples.
The flare temperature was assumed to be 9000 + 500 K, which is consistent with
observations from Hawley and Fisher (1992). An uncertainty of 500 K on the flare
temperature is chosen to account for some of the changing blackbody temperatures
between flares (e.g. Kretzschmar, 2011; Kowalski et al., 2013). This assumption of
a single 9000 K blackbody is commonly made in stellar flare studies (e.g. Maehara
et al., 2012; Shibayama et al., 2013; Giinther et al., 2020).

2.3.2 “Faint” star method

For stars too faint to be detected in quiescence with NGTS (as in Chapter 6) we
calculate the flare energy in a different manner. However, these stars have quiescent
magnitudes measured in similar filters by different surveys (e.g. i band by SDSS).
For a given NGTS flare lightcurve we first calculate the instrumental NGTS mag-

nitude at every observation. We then convert this instrumental NGTS magnitude
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to a magnitude in the filter in which the quiescent magnitude was measured. This
is done through the use of measured zero point between the NGTS filter and the
quiescent magnitude filter (e.g. SDSS i’ band). For the brightest point in the flare
lightcurve we simulate the 9000 + 500 K flare blackbody required to give that ob-
served magnitude. We then multiply the normalised lightcurve by this value for the
flare amplitude.

For each observation we integrate the flare blackbody over all wavelengths
and multiply by 47d?, where d is the distance to the star. This gives the bolometric
flare luminosity, which is then integrated over the visible flare duration. These steps
give the bolometric energy for the visible duration of the flare, which can be taken
as a lower limit of the true value. This is because if there is substructure, or the
flare decay persists for a long time below the NGTS detectability limit, it will not

be taken into account in the energy calculation.

2.4 Proper Motions, Parallaxes and Gaia

Stars are not stationary objects stuck on a two-dimensional sphere above us. Stars
have their own motions throughout the galaxy and are located at varying distances
from us. Based on stellar colour/ temperature alone, it is impossible to confirm
whether an object of some brightness is small, or far away. As shown in Fig.1.1, a
cool main sequence M star has the same colour as a red giant. For studies which
want to focus only on main sequence stars (e.g. exoplanet surveys), we need some
way of separating out these stars from far-off interlopers. The most successful way
of doing this for many years was to use the proper motion of stars (e.g. Chromey,
2010). As stars move on their orbits each one will have some relative motion to
the solar orbit. Over time, this motion causes these stars to change position in
the sky. This is at a rate determined by the projection of their velocity onto the
sky. Consequently, nearby stars tend to have higher proper motions than those that
are further off. For the furthest stars, such as giants, which may reside kiloparsecs
away, the proper motion is very small or negligible despite perhaps having similar
absolute velocities to nearer stars. The proper motion of a star can be measured
by comparing positions in different catalogues. This meant that any catalogues
separated by a long enough timespan could be used to measure proper motions (e.g.
UCACS5; Zacharias et al., 2017). A drawback of the proper motion method is that
it works best when the motion is perpendicular to our line of sight. Stars moving
radially to our line of sight will appear similar to those with low space velocities.

A better method for filtering out giant stars from main sequence samples
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is to use their distances. Distances to astronomical objects can be calculated by
measuring their parallax angle (e.g. Chromey, 2010). For ground-based observers,
as the Earth moves along its orbit the apparent position of a nearby star will shift
relative to distant background objects. An example of this is shown in Fig.2.5. The
shift in position increases with the baseline separation. Therefore, from Earth the
parallax (rather, double the parallax) is best measured using observations separated
by 6 months, or a baseline of 2 AU. Once the parallax angle has been measured and
the baseline separation is known, the distance can be measured using trigonometry.
Or, if the parallax, p, is measured in arcseconds, then the distance, D, in parsecs
can be calculated using

D=1/p (2.8)

The parallax angles used in distance measurements are extremely small. For refer-
ence, the parallax of the closest star, Proxima Centauri, is 0.768 arcseconds (Gaia
Collaboration et al., 2018b). For nearby stars, sensitive CCD cameras opened up
faint close-by objects such as L and T dwarfs to parallax measurements, which pre-
viously could not be detected with photographic plates (Monet and Dahn, 1983;
Monet et al., 1992; Dupuy and Liu, 2012). However, observations were still limited
by the ability to measure small angles, limitations imposed by observing through
the Earth’s atmosphere such as atmospheric seeing. The way of getting around this
was to go into space.

In 1989 the first space telescope dedicated to astrometry, Hipparcos, was
launched (ESA, 1997). Hipparcos was designed to measure the astrometry of 118,218
pre-selected stars brighter than V=13 to a precision of 1 milliarcsecond (Perryman
et al., 1997). Hipparcos had a 29cm aperture Schmidt telescope and a field of view
of 0.9x0.9 square degrees. A “beam combining” mirror brought two fields of view
58 degrees apart into the same focal plane. During operations, the telescope rotated
and tracked the positions of stars as they moved across the two fields of view. As
the telescope rotated and stars were repeatedly scanned in different orientations, a
catalogue of relative positions (both small and large-scale) was built up and used to
measure their astrometry. At the same time, Hipparcos also used a star mapping
instrument to determine the satellite attitude by observing the positions of known,
bright, stars. The information from the star mapper was used to create the Tycho
catalogue, which contained magnitudes and astrometry for 1,058,332 bright stars
(Hoeg et al., 1997). The Tycho-2 catalogue, an improved re-reduction of the star
mapper data, increased this number to 2,539,913 stars (Hog et al., 2000). The
Tycho-2 catalogue had a limiting magnitude of Va~12 and a median astrometric

precision of 60 milliarcseconds. With these two catalogues, parallaxes and proper
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motions for over 2 million stars were available.

The successor to the Hipparcos satellite is Gaia, the data from which I use
repeatedly throughout this thesis. Gaia was launched in 2013 and was designed to
measure the magnitude, positions and motions for over a billion stars, both in and
outside the Milky Way. For a subset of these stars, spectra and colour photometry is
measured as well. Like Hipparcos, Gaia rotates to scan the celestial sphere. However,
instead of a single telescope, Gaia uses two telescopes separated by 106.5° (Gaia
Collaboration et al., 2016b). Both telescopes have a common focal plane, where an
array of 106 CCDs are located (Riello et al., 2018). As the stars move across this
CCD array, their positions, magnitudes and spectra are measured.

Gaia observes with three filters, Gaia G, BP and RP. The Gaia G band is
a wide bandpass covering wavelengths from 330 nm to 1050 nm. The Gaia G band
photometry is measured from the same CCD array as the astrometry, using line
profile fitting. This method uses source windows of 0.7”x2.1”, capable of resolving
close sources (Arenou et al., 2018). The BP and RP photometry is measured by
integrating two low-resolution spectra, covering wavelengths from 330 to 680 nm and
630 to 1050 nm respectively. The tranmission curves for G, BP and RP are shown
in Fig.2.4. The BP and RP photometry is measured from the total flux within a
3.5"x2.1"region (Evans et al., 2018). This means that sources that may be resolved
in Gaia G can be blended in the BP and RP photometry. This is something I
take into account in Chap.6 when analysing the NGTS-7 system, which has two
M stars separated by 1.14”. In addition to the BP and RP spectra, Gaia also
features a dedicated radial velocity spectrometer (RVS), designed to measure the
radial velocities of stars brighter than Ga17. For stars brighter than G=10, Gaia
is designed to have an end-of-mission median parallax error of 6 microarcseconds,
which increases to 26 microarcseconds at G=15.

In the second data release of Gaia DR2, over 1.3 billion sources had positions,
parallaxes and proper motions measured. Gaia DR2 is complete down to G=17,
although magnitudes are measured down to Ga21. At the faint end, Gaia DR2 is
able to detect ultracool and brown dwarfs within 20 pc. Beyond this distance, as
shown in Chapter 5, these objects are too faint and their distances must be estimated
using empirical spectral type-colour-distance relations (e.g. Dupuy and Liu, 2012).
Gaia DR2 has a median parallax uncertainty of 40 microarcseconds for stars brighter
than G=15 (Lindegren et al., 2018). The astrometry of Gaia DR2 has been shown
to have a global parallax zero-point of 30 microarcseconds (Lindegren et al., 2018).
However, Lindegren et al. (2018) also showed that there exist spatial correlations

on various scales (1 and 25 degrees) on the order of 40 microseconds in parallax,
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Figure 2.4: Gaia DR2 transmission curves. G is the green curve, BP is the blue
curve, RP is the red curve. The grey lines show the pre-launch versions, from Jordi
et al. (2010). Figure credit: ESA/Gaia/DPAC, P. Montegriffo, F. De Angeli, C.
Cacciari

which act to increase the uncertainty. These uncertainties can be added to those
listed in the Gaia DR2 catalogue when used in SED fitting to take account of any
spatial correlations and the parallax zero-point. Along with this there exist some
sources with spuriously high parallaxes and proper motions, which fortunately do
not arise at in this thesis. I use the data from Gaia DR2 in Chapters 3, 4, 6 and
7. In particular, I use the parallaxes to identify pre-main sequence stars and during

SED fitting to measure stellar radii.

2.5 SED Fitting and Broadband Photometry

In order to measure the properties of a stellar flare or a transiting brown dwarf, we
first need to know the properties of the host star. Commonly used stellar properties
in this thesis are the effective temperature, Tog, and the stellar radius, R,. The most
common method of measuring these properties is through fitting the Spectral En-
ergy Distribution (SED) of the star. The SED is the distribution of emitted energy
with wavelength or frequency. The SED of a perfect blackbody is described by the
Planck function (see Golden, 2013, for a detailed explanation). However, elements

and molecules within the stellar photosphere absorb light at different wavelengths.
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Figure 2.5: An example showing how the parallax angle can be measured. As the
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Figure 2.6: Comparison of the solar spectrum (blue) to a 5778 K blackbody (red).
solar data is the 2000 ASTM Standard Extraterrestrial Spectrum Reference E-490-
00, taken from https://www.nrel.gov/grid/solar-resource/spectra-astm-e490.html

This causes a departure from a perfect blackbody, as light is absorbed. An example
of this for the Sun is shown in Fig.2.6. As discussed in Chapter 1, cool M stars
exhibit strong molecular features in their spectra. Consequently, a blackbody spec-
trum can be a poor fit for the SEDs of these stars. If the absorption lines and
opacities of different elements and molecules are known then stellar spectra can be
generated synthetically. Studies of line lists and opacities is a vital area of research
in astronomy, as without these we wouldn’t be able to accurately model stellar
spectra.

Over the last 50 years many grids of synthetic stellar spectra have been
generated (e.g. Kurucz, 1979). These grids encompass wide ranges of effective tem-
peratures, surface gravities and metallicities. The two grids of atmospheric models
used in this thesis are the PHOENIX v2 (Husser et al., 2013) and the BT-Settl
grids (Allard et al., 2012). If one already knows the properties of their target star
these pre-existing grids can be interpolated across to quickly generate an SED. If the

stellar properties are not already known, but some measure of the SED has already
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Figure 2.7: Comparison of the SDSS filters (top) with different stellar spectra (bot-
tom). Each filter has been normalised, as in reality the 2’ filter is much less efficient
than the others. Note how the majority of flux from Vega will be detected in u’ and
g', whereas for the M5 giant star it will be in ¢’ and 2’. Figure taken from Girardi

et al. (2004).

been obtained, then different spectra can be compared to the SED to find the best
fitting parameters.

One way of measuring an SED is to take multiple spectra in different wave-
length regimes and stitch them together. This could be done with different instru-
ments, or a single instrument which observes from the UV to near-IR wavelengths,
such as X-SHOOTER on the VLT (Vernet et al., 2011). This observed SED can
be then compared directly with synthetic stellar spectra. Along with providing a
direct measurement of the stellar SED, this method has the benefit of measuring
individual absorption lines. These absorption lines can be used to precisely measure
surface gravities and also to check for signs of youth, e.g. through the Li 6708A
line. However, this method is also time intensive and therefore not suited to large
samples, such as the one conducted in Chapter. 7. An alternate and quicker method
is to fit to catalogue broadband photometry.

For centuries astronomers have made catalogues of the sky, charting the
positions and brightness of stars. While originally performed using visible light, in
the last few decades, surveys have expanded such surveys to cover the whole sky
in a wide range of wavelengths. These range from the UV, through the visible and
up to the mid-IR. Examples of such surveys include GALEX (Martin et al., 2005),
SDSS (York et al., 2000), 2MASS (Skrutskie et al., 2006) and WISE (Cutri and et
al., 2014). Importantly, many of these different surveys observed the same patches
of sky in different filters. A single photometric filter only transmits photons within

a set range of wavelengths. It is opaque to photons outside these limits. Therefore,
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for a stellar spectrum a range of different photometric filters will receive light from
different parts of the spectrum. An example of this is shown in Fig.2.7. This
means that an individual star, if observed by several surveys, will have catalogue
photometry in many different filters. By combining these magnitudes, something
akin to a low resolution spectrum can be formed. The grid of synthetic spectra can
be convolved with the same set of photometric filters to generate synthetic fluxes
(or magnitudes) for each model. This new grid of synthetic fluxes are then fitted
directly to the catalogue photometry, in order to determine the best fitting stellar
properties.

When fitting it is typical to fit at least for the effective temperature Teg,
surface gravity logg and a scaling factor S. The effective temperature, as for a
blackbody, determines the overall shape of the SED. The scale factor S determines
the amplitude of the SED. The PHOENIX v2 and BT-Settl grids are generated to
give the spectrum at the surface of the stellar photosphere. To rescale these spectra
to the appropriate stellar radius and distance, the spectrum must be multiplied by
S, which is equal to (Rs/D)? where D is the distance to the star. If the distance to a
star is known before fitting, i.e. from Gaia parallaxes, then the radius and distance
can be fit for directly using the known distance as a prior. Otherwise, only the scale
factor can be fit for. Another fit parameter commonly used in this thesis (and in
the literature) is an uncertainty inflation term o. Other fit parameters commoo
is designed to account for underestimated catalogue photometry uncertainties and
has the effect of forcing the reduced x? of a fit to unity. It is added in quadrature to
the catalogue reported uncertainties. Another fit parameter which is not intrinsic to
the synthetic grids, but commonly used, is an extinction term Ay . Dust between an
emitting source and an observer absorbs and scatters light. This effect is wavelength
dependent, with blue light being scattered more than red light. For two identical
stars at different distances, this effect will make the farther star appear redder,
an effect called interstellar reddening (e.g. Cardelli et al., 1989). This dust can
lie within the interstellar medium between the observer and the star, or can be
associated with the star (e.g. circumstellar dust). By fitting Ay we can correct
a synthetic spectrum for the effects of extinction and reddening. This is usually
through the use of a known extinction law (e.g. Fitzpatrick, 1999) to correct the
unreddened synthetic photometry before comparison with the catalogue values.

I perform SED fitting in Chapters 3, 4, 5, 6 and 7. Each time I fit a variation

on the above stellar properties, depending on the scenario at hand.
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2.6 Bayes Theorem and MCMC

Throughout much of this thesis I use Bayes Theorem and Markov Chain Monte
Carlo (MCMC) methods to estimate the best model parameters that fit a set of
data. Such methods are regularly used in astronomy, especially when the parameter
space is complicated. MCMC methods explore this parameter space, finding regions
of highest probability where best fitting model parameters may be located. 1 use
them throughout this thesis for fitting flare models to lightcurves, SEDs to catalogue
photometry to measure stellar properties, fitting a brown dwarf transit model to
lightcurve, and to fit cross correlation functions.

For a model M and a set of data D, Bayes theorem is given as

P(D|M)P(M)

P(MID) = —=5 5

(2.9)
where P(M|D) is the probability of the model M being true, given your data D. This
is commonly referred to as the posterior probability distribution. P(M) is the prior
probability of your model, while P(D) is the evidence. The prior encapsulates the
information you already have about your model, such as the physical constraints
on different parameters (e.g. stellar radius must be positive). The evidence is
the probability of your model being true. P(D|M) is the probability of your data
given your underlying model and is called the likelihood. An example of this is in
Chapter 6, where Bayes theorem is used (as part of an MCMC) to evaluate how well
a given transit model explains a photometric lightcurve containing a brown dwarf
transit.

The likelihood of the data D given your model M is given by,

1 XZ
P(D|M) = HP(Di\M) - H oo, P (- 22) (2.10)

with
(D; — M)?

X;=———5—" (2.11)

0;

where D; is the ith data point and o; is the associated uncertainty of the ith data
point. The Bayesian methodology can be used to constrain the parameters of the
model M to those which best fit the data. This is done by maximising the likelihood.

However, for computational reasons we more often maximise the log-likelihood,
1 X2
In P(D|M) = —2<n1n27r+2?1na§ +2?2Z) (2.12)
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which is sometimes changed in code such that we minimise the negative log-likelihood
(-In P(D|M)).

To implement Bayes’ theorem in my work I use Markov Chain Monte Carlo
(MCMC) processes. MCMC processes are now commonly used across all walks of
astronomy, from models of gamma-ray burst progenitors (e.g. Chrimes et al., 2020)
to studies of exoplanet atmospheres (e.g. Kirk et al., 2019). It is a powerful method
which can be used to fully explore posterior parameter spaces and infer likelihoods of
models. MCMCs use a Metropolis-Hastings sampling algorithm (Metropolis et al.,
1953; Hastings, 1970) and MCMCs go as follows. At the start of an MCMC run an
initial model M,  is generated and the posterior probability P(My4|D) is calculated
using Bayes theorem. In the next step a new model M,,,, is created, by taking a
random step in parameter space away from M. The posterior probability of this
new model is then calculated and compared to the old model. Here, the Metropolis-
Hasting sampling algorithm is used to compare the posterior probabilities of the two
models. The ratio between the new and old probability is calculated and compared
to a random number between 0 and 1. If the ratio is greater than the randomly
generated number, the new position in parameter space is taken as the starting point
for the next step. This method keeps better fitting regions of parameter space and
ideally works towards the best fitting region in the global parameter space.

MCMC processes in practice use multiple chains of what are called “walkers”.
Walkers are started in randomly chosen positions of parameter space and evolved.
These n walkers sample the posterior probability distribution in n locations. After
a given number of steps (the “burn-in” time) these multiple chains are expected to
reach the highest probability region and can be used to fully sample the posterior
probability parameter space. The burn-in steps are discarded when assessing the
posterior distributions of parameter values.

I use MCMC processes multiple times in this thesis in various contexts, all
using the Python module EMCEE (Foreman-Mackey et al., 2013). In chapters
3 and 5 I use it when fitting an empirical flare model to detected G and L star
superflares. In chapters 5, 6 and 7 I use it for fitting spectral energy distributions to
catalogue photometry, in order to determine stellar parameters. In chapter 6 I use
it to fit the transit, secondary eclipse and out-of-transit modulation of NGTS-7Ab
across NGTS and follow up datasets. It is also used in chapter 6 to fit the HARPS
cross-correlation functions of NGTS-7A and NGTS-7B simultaneously. In all of
these examples I use it to fully explore the posterior distribution of the parameter

space I am investigating.
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Chapter 3

Ground based detection of G

star superflares

Are you going to Star-borough Flare?

Simon & Garfunkel, Scarborough Fair
(Adapted by James A. G. Jackman)

3.1 Introduction

In this chapter we present the first ground based CCD detections of superflares
from a G type star. As described in Sect. 1.2, by taking measurements of G star
superflares we can study the occurrence rates and energies of flares from stars similar
to the Sun, make comparisons between Solar and stellar flare properties and see how
these properties relate to Solar and stellar behaviour (e.g. the relation between flare
occurrence and starspot phase). If the data quality is high enough, we can also apply
Solar techniques to stellar flares. The flares presented in this chapter are some of
the most well resolved superflares to date, with a higher cadence than all Kepler
measurements and most ground based observations. We present our measurements
of the stellar and flare parameters and make comparisons with previously detected G
star flares. We also present our modelling of each flare using a solar inspired general
flare model. This chapter uses material from Jackman et al. (2018), however we
have updated this work to include parallax and proper motion measurements from
Gaia DR2. Including these values has changed the distance and fitted stellar radius
reported in Jackman et al. (2018).
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Property Value Reference
RANGTS 03:08:34.9

Decyars -21:13:22

RANcTs (Deg) 47.14557

Decygrs (Deg) -21.22284

W3 9.699 + 0.034 4
W2 9.731 + 0.020 4
w1 9.699 + 0.022 4
K 9.768 £ 0.020 1
H 9.865 + 0.023 1
J 10.216 + 0.022 1
i 11.174 £+ 0.062 3
r’ 11.356 £ 0.051 3
g 11.899 + 0.033 3
Gaia G 11.400 £ 0.002 2
Gaia RP 10.872 £ 0.004 2
Gaia BP 11.797 + 0.006 2
v 11.562 + 0.049 3
B 12.291 + 0.058 3
NUV 16.943 + 0.028 5
FUV 20.666 £ 0.245 5
ROSAT X-ray Count Rate (ct/s) 0.042 6
Extinction Ay 0.O7J_r8:82

URA —1.059 + 0.065 7
UDEC —6.371 + 0.086 7
Parallax 2.9906 + 0.0612 7
Distance 331.3f§:? 8

Table 3.1: Properties of NGTS J0308-2113. Coordinates are given in the J2000
system. References are as follows, 1. Skrutskie et al. (2006), 2. Gaia Collaboration
et al. (2018b), 3. Henden and Munari (2014), 4.Cutri and et al. (2014), 5. Martin
et al. (2005), 6. Boller et al. (2016) , 7. Zacharias et al. (2017), 8. Bailer-Jones et al.
(2018). NUV, FUV, i, ', g are AB magnitudes. Proper motions are in mas/yr.
Parallax is in mas. Distance is in parsecs.

71



0.08

5| ] ' géé + ++++*++++++++H++*+*++f

= ool I 4 0.00 -4t

3 IR (%555 060 pos g6

£ ;ml‘!!llu.’. ‘I). | W W.. l_iiL !llli L4 1.
"B T bl

g il e B T

8 it ioni A

Time Since Flare Start (Hours)

Figure 3.1: The superflare observed on NGTS J0308-2113 on 2016 January 3rd with
best fitting model overlaid in red. The inset panel shows a zoomed in view of the
data comprising the flare rise and peak, showing how the high cadence of NGTS has
enabled us to resolve and fit to these regions. The bottom panel shows the residuals
from our fitting. We note potential substructure in the flare decay around 0.7 hours
and discuss this in Sect. 3.4.
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3.2 Observations

The data presented in this chapter were collected with the Next Generation Transit
Survey (NGTS; Wheatley et al., 2018) over 80 nights between 2015 November 4th
and 2016 February 25th. The two flares in this Chapter were detected on the
nights of the 2015 December 17th and 2016 January 3rd. NGTS is a ground-based
transiting exoplanet survey, operating at Paranal. As described in Sect. 2.1, NGTS
has twelve, 20cm /2.8, optical telescopes, each with a 520-890nm bandpass and
exposure times of 10 seconds. Each single camera has a field of view of ~ 8deg?.
The NGTS field used in this work is NG0313-2230, which is centered on 03:13:38.2,
-22:29:24 4.

3.3 Data Analysis and Results

3.3.1 Flare search algorithm

To search for flares we started from the raw NGTS lightcurves and detrended
them using the SYSREM algorithm, as described in Sect.2.1. For these detrended
lightcurves, we applied an additional filter to remove frames which showed excess
variance above an empirically defined limit, primarily to remove data adversely af-
fected by clouds. The timescale of stellar flares is minutes to hours (e.g. Poletto,
1989), so most flares will have durations less than one night, and we searched for
flares on a night-by-night basis.

In order to find flares in each night we followed the method outlined in
Sect. 2.2, looking for 3 consecutive points greater than 6 M AD from the median of
the night, where M AD is the median absolute deviation. We applied no binning
to the data, in order to fully utilise the time resolution of NGTS. Once the auto-
mated flagging procedure was complete, we inspected each flagged night visually
and removed false positives. Examples of events which resulted in false positive
flags include satellites passing through our aperture and high amplitude variable

stars (e.g. RR Lyrae).

3.3.2 Flare detection

Using the method from Sect. 3.3.1 we detected a single flare, shown in Fig. 3.1, from
the star NGTS J030834.9-211322 (NGTS J0308-2113). This star has also previously
been identified as 2MASS J03083496-2113222. After identifying this flare we visually
inspected each night to search for lower amplitude flares which were not flagged.

From this, we identified a second flare, shown in Fig. 3.3.
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Property Value
Radius (Rg) | 1.75 + 0.04
log g 3.8:”8:2
Ter (K) 5462173
Distance (pc) | 331+7
Ay 0.07:90%
o 0.03 +0.01

Table 3.2: SED fit results for NGTS J0308-2113.

To confirm the flares were not from a neighbouring source, we checked indi-
vidual NGTS images from before and during the large flare, along with the positions
of nearby stars from Gaia and 2MASS. The nearest source identified is from Gaia,
a 20.658 magnitude star 10.5 arcseconds (2.1 pixels) away, placing it within our
aperture. However, NGTS images reveal no shift in centroid position during the
flare, and no light entering from outside the aperture, making us confident the flares
are from NGTS J0308-2113.

3.3.3 Stellar Properties

To determine the stellar parameters for NGT'S J0308-2113 we performed SED fitting
using the broadband photometry listed in Tab. 3.1. These photometric values were
obtained as part of the standard NGTS cross-matching pipeline (Wheatley et al.,
2018). We used the SED modelling method described in Gillen et al. (2017) and
Chapter 2, with the PHOENIX v2 model atmospheres (Husser et al., 2013). We
fitted for Teg, log g, radius R, distance D, extinction Ay and an uncertainty inflation
term o, to account for underestimated catalogue photometry uncertainties. We note
that log g can only be loosely constrained by our SED fitting, which does not deeply
probe individual absorption lines but rather bulk effects. We fitted to the catalogue
photometry presented in Tab. 5.1. We applied a Gaussian prior on the extinction Ay
using the Green et al. (2019) Bayestar 3D extinction map. We applied a Gaussian
prior of 331 + 7 pc on the distance using the Gaia DR2 value from Bailer-Jones
et al. (2018). This distance value takes the global Gaia DR2 zero point into account,
however does not take into account the larger scale parallax variations mentioned
in Chap.2, which affects large groups of stars. As we are fitting for a single star, we
have neglected to include this extra uncertainty but note that our radius uncertainty
may be underestimated. The resultant SED fit is shown in Fig. 3.4 and the results
are given in Tab.3.2. From the SED fit we determined the effective temperature
Tog = 5405 fig K and a radius of R = 1.75 + 0.04 Rg. In our fitting we assumed
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solar metallicity. This is 2.16 times larger than the value reported in Jackman et al.
(2018), which assumed NGTS J0308-2113 was on the main sequence. We then used
the information presented in Table 5 of Pecaut and Mamajek (2013) to identify the
temperature as consistent with spectral type of G8. The measured radius is larger
than expected for a main sequence G star (Boyajian et al., 2012, 2017), something
which would suggest that NGTS J0308-2113 is likely a pre-main sequence star. As a
check, we compared the radius and temperature to the PARSEC stellar evolutionary
models (Bressan et al., 2012) for masses above 0.7 M and ages between 1 and 100
Myr. We also compared the HR diagram position of NGTS J0308-2113 to the MIST
isochrones (Dotter, 2016; Choi et al., 2016). The HR diagram and MIST models
are shown in Fig.3.2. We found that the radius, temperature and the position on
the HR diagram can be explained with an age between 5 and 10 Myr and an initial
mass similar to that of a late F star. However, the position on the HR diagram
also places NGTS J0308-2113 within the region typically occupied by subgiants. We
discuss this further in Sect. 3.4.2.

We also note that this star was detected in X-rays with ROSAT. The de-
tection of X-rays from this source can be a sign of an active stellar corona (Boller
et al., 2016), especially if the emission is saturated. This is something we check for
and find in Sect. 3.3.5. Strong X-ray emission has been detected from both pre-main
sequence stars (e.g. Pizzolato et al., 2003) and from subgiants, both isolated (e.g.
Howell et al., 2016) and in binaries (e.g. RS CVns; Perdelwitz et al., 2018).

Another possibility is that NGTS J0308-2113 is a binary star. The presence of
two stars would result in an elevated position on the HR diagram and would explain
the large fitted radius. The Gaia DR2 astrometric fitting assumes a single source.
Depending on the projected separation, the single source solution can result in poor
astrometric fits to binaries (Lindegren et al., 2018). We checked the quality of the
Gaia DR2 photometry and astrometry using the quality checks recommended by
Gaia Collaboration et al. (2018a) and Lindegren et al. (2018). This checks have been
developed to remove spurious sources, such as partially resolved binaries where the
photocentre changes between scans. NGTS J0308-2113 passes these tests, meaning
we cannot immediately rule it out as a binary with a poor astrometric fit. We
discuss the possiblity of NGTS J0308-2113 being a binary further in Sect. 3.4.

3.3.4 Stellar Rotation

The NGTS lightcurve of NGTS J0308-2113 shows periodic flux variations, which
we attribute to starspots moving across the visible disc of the star. We use this

behaviour to determine the rotation period of the star, using a Lomb-Scargle peri-
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Figure 3.2: HR diagram for NGTS J0308-2113. Top: The full HR diagram. Blue
points are stars within 100 pc which pass the astrometric and photometry quality
checks recommended by Gaia Collaboration et al. (2018a) and Lindegren et al.
(2018). The red circle is the unreddened photometry of NGTS J0308-2113. Bottom:
A zoom in on the area around NGTS J0308-2113, showing its position near the
subgiant region and red giant branch.
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odgram. To do this, we use the ASTROPY package LombScargle (Astropy Collab-
oration et al., 2013) and test for 20000 periods spaced between 13 seconds and 80
days. We mask the flares from our lightcurve when performing this analysis. Our
periodogram for the whole time series of NGTS J0308-2113 is shown in Fig. 3.5, from
which the period of the main peak is 59.09+0.01 hours (0.41 d~!). We calculate
the uncertainty on this period by fitting a sine wave to the data. Using the analysis
from Baluev (2008) we determine the false alarm probability (FAP) of this peak to
be negligible, a result of the high amount of data. We also note a second peak at
40 hours, which we found to be an alias by performing an identical Lomb Scargle
analysis on a sine wave of period 59 hours with the same time sampling as our
lightcurve.

This short period fits with NGTS J0308-2113 either being a young star or a
rapidly rotating subgiant. Through comparing to the observed spin-age relations of
open clusters the rotation period alone suggests an age less than 600 Myr, consistent
with our findings in Sect.3.3.3 (e.g. Sadeghi Ardestani et al., 2017; Douglas et al.,
2017; Stauffer et al., 2016). Using the measured period of 59 hours and our fitted
stellar radius, we estimate an equatorial rotation velocity of 36kms™!.

The amplitude of the observed spin modulation evolves with time. We split
the lightcurve into three regions of activity, corresponding to an initial active por-
tion, a secondary quiet portion and a final region where the amplitude increases
once more. The 59 hour period phase folded data for these regions can be seen
in Fig. 3.6. These regions are plotted in phase relative to the beginning of the
lightcurve. The third region has a similar but slightly offset phase from the first,
as well as less complete phase coverage due to a shorter duration. The durations
of each region in the lightcurve are 40, 23 and 17 days respectively. The change
in phase, along with the changing flux variation, can be explained by the decay
of the original set of star spots and the formation of new ones. Starspot lifetimes
have been studied by Bradshaw and Hartigan (2014) and for main sequence stars
are on month timescales. One example is CoRoT-2, which has a starspot evolution
timescale of 31+15 days (Silva-Valio and Lanza, 2011). Consequently we attribute
our changing lightcurve modulation to starspot evolution.

We also searched for periodic signals separately in the three light curve re-
gions. The three Lomb-Scargle periodograms are presented in Fig.3.7. In the sec-
ond, quiet, period of the light curve we see no evidence for periodic modulation.
Calculating the modulation period of the third region gives a significantly longer
rotation period of 60.8740.04 hours (0.39 d~!). This offset period suggests that the

star exhibits differential rotation and that the new set of starspots are formed at a
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Figure 3.3: A lower amplitude flare, from 2015 December 17th. The best fitting
model is overlaid in red. We note the appearance of substructure at the flare peak
and at 1.5 hours and discuss this in Sect. 3.4. The flare start time is given here by
where the fit goes above 1o above the quiescent flux, as discussed in Sect. 3.3.6
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Figure 3.4: SED fit of NGTS J0308-2113 using the magnitudes listed in Tab. 3.1,
matching best to a G8 spectral type. The cyan circles indicate the catalogue pho-
tometry, red squares are the fitted values. The residuals are in units of the adjusted
catalogue photometry, adjusted using the uncertainty inflation term o. The grey
line is the best fitting PHOENIX v2 model, from which our best fit photometry was
integrated.
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Figure 3.6: Phase folded data for the three regions of flux variation. Top is the
initial active portion, middle is the quiet region and bottom is the following increase
in activity. Overlaid in red is the sinusoidal fit for a 59 hour period. The black
lines indicate the location of the small flare (top section) and the large flare (middle
section).

81



Power

NI

0.5 1.0 15

Frequen(;,y (1/day)

Power Power
CO00000000000000000000000000

QOORPNWHUIONCCORNWHARUIOOINNO0ORNWEHUTO)J

.0 2.0

Figure 3.7: Lomb-Scargle periodograms for each section shown in Fig. 3.6. Note the
lack of a period detection in the quiescent region.
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different latitude to the original active region.

We also check where each flare occurs in phase, to search for any relation to
the location of the active region. The smaller flare occurs towards the end of the
first region, close to maximum optical brightness, while the larger flare occurs in the
second, quiet region at similar rotation phase (see Fig.3.6). To calculate the phase
we used the emphemeris of the first region. For the smaller flare, this is opposite in
phase to the dominant active region. Neither flare seems to be located at a rotation
phase where a large star spot group is obviously visible, and we discuss this further
in Sect. 3.4.

3.3.5 X-ray Activity

As noted in Sect. 3.3.3, NGTS J0308-2113 has been detected in X-rays with ROSAT.
The detection was made during the ROSAT all sky survey, and we adopt count rates
and hardness ratios from the 2RXS catalog (Boller et al., 2016). The ROSAT PSPC
count rate was 0.042 + 0.018s™! and the hardness ratios in the standard ROSAT
bands were HR1=1.000 + 0.325 and HR2=-0.428 + 0.243. The HR1 value indicates
that the source was detected only in the ROSAT hard X-ray band (0.5-2.0keV) and
not in the soft band (0.1-0.4keV).

The ROSAT PSPC count rate of NGTS J0308-2113 corresponds to a 0.1—

2 using energy flux conversion factors

2.4keV energy flux of 5.7 x 10713 erg s~ tem™
determined for coronal sources by Fleming et al. (1995). This flux conversion uses
the HR1 hardness ratio to account of the characteristic temperature of corona, and
it has been applied to large samples of stars from the ROSAT all sky survey by
Schmitt et al. (1995) and Huensch et al. (1998).

This X-ray flux corresponds to a 0.1-2.4 keV X-ray luminosity of Ly = 7.5 x
1030 erg s~!, using the distance for NGTS J0308-2113 of 331 pc from Bailer-Jones
et al. (2018). Using the values for Teg and R, from Sect. 3.3.3 we find the bolometric
luminosity of the star to be Ly = 9.2x 1033 erg s~! and hence log Lx/Lpy = —3.1,
which corresponds to saturated X-ray emission (Pizzolato et al., 2003; Wright et al.,
2011).

We compared our calculated values for Lx and log Lx/Lp, to the sample
of open cluster measured X-ray luminosities from Nuniez and Agiieros (2016). This
sample combined C'handra observations of the ~ 500 Myr open cluster M37 with
literature X-ray studies of clusters with ages between ~ 5 and 600 Myr. This sample
includes G, K and M stars. From comparison with the Nunez and Agiieros (2016)
samples, our values for Lx and log Lx/Lp, are consistent with an of ~ 5 Myr,
which is the Orion complex in their sample. If we assume that NGTS J0308-2113 is
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a pre-main sequence star and not a subgiant, then this estimated age would fit the
5—10 Myr age of NGTS J0308-2113 inferred from the SED fitting and HR diagram
analysis in Sect. 3.3.3. Alternatively, the value of log Lx/Lpy, ~ —3 has previously
been observed in rapidly rotating subgiant and giant stars (e.g. Howell et al., 2016).

Combining this X-ray luminosity with our measurement of the stellar rotation
period (Sect. 3.3.4), we can place NGTS J0308-2113 on the rotation-activity relation
of Wright et al. (2011). This is shown in Fig.3.8 where NGTS J0308-2113 can
be seen to reside close to the break point between saturated X-ray emission and
the power law decrease in activity to slower rotation. We have also calculated
the Rossby number, Ro =P, /7 where 7 is the convective turnover time. The
convective turnover time is believed to be strongly time-dependent during the pre-
main sequence phase of a star’s life (e.g. Kim and Demarque, 1996). To estimate the
convective turnover time for NGTS J0308-2113 we use the theoretical local values
from Landin et al. (2010). Assuming NGTS J0308-2113 is a pre-main sequence star,
we calculate a Rossby number of 0.03, placing NGTS J0308-2113 well within the
X-ray saturated region.

Using the relation between the X-ray surface flux and average coronal temper-
ature from Johnstone and Giidel (2015) we estimate an average coronal temperature
of 10 MK. This is similar to the coronal temperature of 7.5 MK predicted from the
rotation period using the relation by Telleschi et al. (2005).

The lack of detection of NGTS J0308-2113 in the ROSAT soft band, as well
as its relatively large distance, suggests that it may be subject to stronger inter-
stellar absorption than the sample of stars used to determine the flux conversion
factors of Fleming et al. (1995). We therefore double checked our flux estimation
using WEBPIMMS.! We assumed a characteristic coronal temperature of 7.5 MK and
an interstellar column density equal to the total Galactic columnn the direction
of NGTS J0308-2113, which is Ny = 2 x 102 cm™2 (Dickey and Lockman, 1990;
Kalberla et al., 2005). The measured ROSAT PSPC count rate then corresponds to
an unabsorbed 0.1-2.4keV energy flux of 4.6 x 10713 ergcm ™2 s ™!, which is within 20

percent of our calculation using the flux conversion factors of Fleming et al. (1995).

3.3.6 Flare Modelling

We model our flares following a similar method to Gryciuk et al. (2017), who fitted
solar flares in soft X-rays. For both flares, we use the convolution of a Gaussian
with a double exponential. A Gaussian is used to account for the heating in the flare

rise, which has been found to be appropriate for solar flares (e.g. Aschwanden et al.,

"https://heasarc.gsfc.nasa.gov/cgi-bin/Tools/w3pimms/w3pimms.pl
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Figure 3.8: Left: Stellar X-ray to bolometric luminosity ratio vs rotation period for
NGTS J0308-2113 with the data from Wright et al. (2011). Right: Same, but for
Rossby number. We have also overlaid the power law fit from Wright et al. (2011),
with f=-2.18. NGTS J0308-2113 is shown here with a red star. Note the position
of NGTS J0308-2113 is within the X-ray saturated regime.

1998). A double exponential is used for the decay, accounting for thermal and non-
thermal cooling processes, which has been used previously for the decay of stellar
flares (e.g. Davenport et al., 2014). A convolution of these Gaussian and exponential
functions is then analogous to the heating and cooling processes occurring during
the flare (Gryciuk et al., 2017). With this physically motivated model we can utilise
the high cadence of NGTS, in particular the flare rise which in the past has been
fit using a polynomial or disregarded due to a lack of data points (e.g. Davenport
et al., 2014; Pugh et al., 2016).

The mathematical form of this model, where g(t) represents the flare, is as
adapted from Gryciuk et al. (2017),

g(t) = (ﬁfc) (F1 exp [Dl(B — )+ CZD%] {erf(Zl) —erf (Zl - é)}*

P eXp[DQ(B — 1)+ CZD%} {erf(Z2) - erf<Z - é)D

where A is a normalisation factor, B is the central position of the Gaussian pulse, C

(3.1)

is the width of the Gaussian, D and Ds are the constants of the exponential decays

and F; and F5 are their relative amplitudes. Z; and Zs are

Jyg=——r — 0% (3.2)
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and erf is the Gauss error function. F; and F5 are related by
F=1-FK (3.3)

Before performing fitting, we inspected the full lightcurve and noted that
nights exhibited behaviour consistent with atmospheric extinction. We identified
this trend by using the full lightcurve to fit for a first order atmospheric extinction
term. This trend was then removed from the lightcurve, including the nights showing
our flares. The nights before and after each flare were used to check the quality of
this fit and were found to have the atmospheric extinction successfully removed. We
also account for the flux modulation effects from starspots. To do this we use the
preceding two and subsequent two nights and fit a sinusoid at the calculated 59 hour
stellar rotation period. With this sinusoid we are able to remove any gradient due
to rotation from the night. This is required most for the smaller flare, which sits in
the first, more active region of the lightcurve (Sect. 3.3.4).

For both flares we perform fitting using an MCMC analysis with the python
package EMCEE (Foreman-Mackey et al., 2013), using 100 walkers for 20000 steps
and discarding the first 5000 as a burn-in. During modelling we have increased
our error bars to account for scintillation using the modified Young’s approximation
with the empirical coefficient for Paranal (Young, 1967; Osborn et al., 2015). Prior
to fitting we reformatted the lightcurve in units of “hours since night start”, rather
than the standard HJD (in seconds) used in NGTS lightcurves. This was to avoid the
effect of large HJD values being used in the calculation of Z; 2 and consequently the
error function in Eq.3.1. The HJD start of night times for the large and small flare
were 2457391.5344097223 and 2457374.535011574 respectively. These correspond to
63334173 and 61865425 seconds in the NGTS lightcurve respectively (seconds after
1st Jan 2014). During fitting we required A to be greater than zero and B to vary
freely within the night. We required C' to be less than 4 hours and that Dy < Ds.
We required Dy and Dy to be less than 275 hours™', the reciprocal of one NGTS
exposure. The best fitting models for the two flares are overlaid on Figs. 3.1 & 3.3.
We have reformatted the time units in Figs.3.1& 3.3 to be relative to the flare.
The best fitting parameters are presented in Tab. 3.3 and the derived properties are
presented in Tab. 3.4.

Flare Amplitude and Duration

To determine the amplitude of each flare we use the maximum value of our fit. For

the larger flare this gives a fractional amplitude of 6.9 per cent. For the smaller flare,
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Property Large Small

0.49 0.95
A 2'90t0.39 0.53:).31
B (hours) 3.43+0.01 | 201709
C (hours) 0.02+0.01 | 0.117992

D; (hours™) | 2.59 +0.14 | 0.897012
Dy (hours™!) | 45.48+2997 | 69.83+19-28

0.39
Fi 0.524+0.10 | 0.14%503

Table 3.3: Fitted model properties of each superflare detected from
NGTS J0308-2113.

using the value from the fit gives a fractional amplitude of 1.2 per cent. Inspecting
Fig. 3.3, there appears to be impulsive substructure at the flare peak, which is not
accounted for in our model. Taking the average of the five data points around the
peak gives an peak amplitude of 2.0+0.3 per cent.

To obtain a measure of the full duration of the flare, we again make use of
our fit. We define the start and end of the flare as the points where the model rises
and then falls more than 1o above the background flux level, as in Gryciuk et al.
(2017). Here o is determined from the quiescent flux before the flare. From this, we
determine the flare duration of the larger flare to be 55 minutes. Due to the decreased
amplitude to error ratio of the smaller flare, we do not calculate the full flare duration
using this method. However, we also calculate the flare duration with two additional
methods - using its e-folding timescale (as performed in Shibayama et al., 2013) and
its scale time (the duration where the flare is above half the maximum flux value).
Again, we use our fit for these. For the large and small flare, we calculate the e-
folding timescale as 16 and 55.5 minutes respectively, and the scale time as 11 and
42 minutes respectively. With our fit we can also calculate the timescale of the flare
rise, using the time from the flare start to the peak of the model. Using this, we
calculate the flare rise time as 2.5 minutes for the larger flare. If we use the 1o start

limit for the smaller flare, we estimate the flare rise as at least 7.4 minutes.

3.3.7 Flare Energy

The method used to calculate the flare energy is based on that described by Shibayama
et al. (2013), and makes the assumption that the flare and star act as blackbody
radiators, with the flare having a blackbody spectrum of temperature 9000 + 500 K
in order to estimate the flare luminosity. Using the stellar effective temperature and

radius from Sect. 3.3.3, we calculate the bolometric energy of the larger and smaller
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Property Large Small
Energy (erg) 2.5703 x 10% | 54757 x 103
Fit Amplitude (per cent) 6.9 1.2

Full Duration (min) 55 N/A
e-folding duration (min) 16 55.5
Scale time (min) 11 42
Flare rise (min) 2.5 >7.4

Table 3.4: Overall properties of each superflare detected from NGTS J0308-2113.

flare to be 2.5f8:§ x 103 erg and 5.4f8:i x 1034 erg respectively. We integrated over
the duration of each flare by integrating from 5 minutes before the flare star to the
end of the night. It is striking that the smaller flare is only a factor two less energetic
despite having an amplitude around six times lower. Comparing to the Carrington
event energy of ~ 1032 ergs (Tsurutani et al., 2003), we can see that each flare had
a bolometric energy several hundred to thousands of times greater than this.

From a total of 422 hours of observation for this star, we have detected two
flares. We can use this measurement to estimate the flaring rate for flares above

54702 x 1034 erg as approximately 40 per year.

3.4 Discussion

3.4.1 Flare Properties

We have detected two superflares from the young star NGT'S J0308-2113 with high-
cadence NGTS optical photometry. These are the first ground-based CCD detections
of superflares from a G temperature star. Our NGT'S observations have much higher
cadence than the Kepler flare detections, allowing us to resolve the flare rise and
substructure.

The larger flare is shown in Fig. 3.1 and was calculated to have a bolometric

energy of 2.5f8:§’ x 1037

erg and a fractional amplitude of 6.9 per cent. Due to the
increased time resolution of our measurements compared to almost all previous su-
perflare detections, we have been able to fit this flare with a physically-motivated
model that includes a Gaussian pulse to describe the impulsive flare rise (as em-
ployed previously for solar flares). For the decay, our data require two exponential
components. Separate impulsive and gradual decay components been seen previ-
ously in some stellar flares, and attributed to decay of blackbody-like emission and
chromospheric emission respectively (Hawley et al., 2014; Kowalski et al., 2013). We

can also see that this flare displays a flattening around the peak, or a “roll-over”.
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Similar flare peak behaviour has been seen by Kowalski et al. (2011) from ULTRA-
CAM observations of the dM3.5e star EQ Peg A. This behaviour is captured in
the fitted model as a result of the observed combination of Gaussian heating and
exponential cooling. Further, we can identify smaller peaks in the decay of the flare,
located at approximately 0.7 and 1.0 hour after the flare start in Fig. 3.1. Struc-
ture, or “bumps”, such as this have been previously identified in flare decays with
Kepler (e.g Balona et al., 2015).

Our model has also been used to fit the smaller flare of NGTS J0308-2113,
shown in Fig. 3.3. This flare has a much lower relative amplitude of just 1.2 per cent,
making it the lowest-amplitude G star flare to have been detected from the ground.
Despite its low amplitude, this smaller flare has a much slower rise and longer
duration than the larger flare (by factors of 3-4) so that it has a high total energy
of 5.4f8:i x 103%erg, which is only a factor of approximately 2 lower than the larger
flare. When fitting this smaller flare it became apparent that there was additional
structure at the flare peak. This can be seen in the residuals of Fig. 3.3, as a small
spike lasting approximately one minute. This is a sign of an additional heating pulse
at the end of the initial flare rise. In this flare we also detect subtructure around
1.5 hours after the flare start (visible in the residuals). The amplitude of the peak
at this time is approximately 1 per cent, which is comparable with the amplitude
of the main flare. Considering the timing of this substructure relative to the main
flare peak, it is likely an example of sympathetic flaring (e.g. Moon et al., 2002).

One advantage of our flare model, combining a Gaussian heating pulse with
exponential cooling, is that it avoids an arbitary discontinuity between the end
of the rise and the beginning of the decay. This has generally not been the case
with previous stellar flare models, which have tended to include an instantaneous
transition between functions describing the rise and decay (e.g. Davenport et al.,
2014). Our model also provides a well-defined measure of the rise timescale, allowing
for studies of how the flare rise time changes between flares. In this case we see the
lower amplitude flare rising much more slowly than the high amplitude example.
This highlights how wide-field high-cadence surveys such as NGTS can contribute

to the quantitative characterisation of stellar flares.

3.4.2 Stellar Age

In Sect. 3.3.3 we determined that NGTS J0308-2113 had an age of 5 — 10 Myr. We
estimated this age through comparison of the stellar properties from our SED fitting
to the PARSEC stellar evolutionary models and through comparison of its position

on the HR diagram to the MIST isochrones. This analysis assumes the star is
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an isolated single star. We investigated the possibility that NGTS J0308-2113 is a
member of a young moving group or star-forming region, something that would help
explain its extremely young age. We compared the position of NGTS J0308-2113
with the Zari et al. (2018) and Cantat-Gaudin and Anders (2020) pre-main sequence
and open cluster stellar catalogues. We matched with no associations or clusters
in the Zari et al. (2018) or Cantat-Gaudin and Anders (2020) catalogues within 10
degrees of NGTS J0308-2113. This would suggest that while the stellar properties
of NGTS J0308-2113 are consistent with a young G star, it may not be a young star.

As noted in Sect. 3.3.3, the position of NGTS J0308-2113 on the HR diagram
overlaps with the region occupied by subgiant stars. Subgiant stars have begun
to evolve off of the main sequence and many types show forms of activity. Notsu
et al. (2019) found in a reanalysis of the Maehara et al. (2012); Shibayama et al.
(2013); Maehara et al. (2017) Kepler G star superflare samples, using Gaia DR2
parallaxes, that approximately 40% of their stars overlapped could be classified as
subgiants. This classification was based on their radii. Therefore, it is possible that
NGTS J0308-2113 is instead a subgiant star. A subgiant type which are known to
show flares and spot modulation are RS CVns. RS CVns are binary stars with
active chromospheres, of which one of the components can be an F or G type main
sequence or subgiant star. The strong activity results in spot modulation and flares
(e.g. Roettenbacher et al., 2016). The position of NGTS J0308-2113 overlaps with
those of confirmed RS CVn sources on the Gaia HR diagram (Gaia Collaboration
et al., 2019).

In order to confirm either scenario, spectroscopic observations are required.
If NGTS J0308-2113 is very young, then lithium should be present in the pho-
tosphere and the Li 67084 absorption line can be detected. If the spectrum of
NGTS J0308-2113 shifts in wavelength between observations due to being in an or-

bit with a companion, then this would confirm it as a possible RS CVn.

Binarity

Another possibility raised in Sect. 3.3.3 is that NGT'S J0308-2113 is a binary source.
As noted in Sect. 3.3.3, the presence of a second star would result in the apparent
elevated position on the HR diagram in Fig.3.2 and large fitted radius. If the
object is a close equal mass system, which has undergone tidal synchronisation to
the observed 59 hour period, then this may result in the observed X-ray saturation
also. Alternatively, a longer period system (tens of days) which has just arrived on
the zero-age main sequence could also show similar behaviour. To confirm whether

NGTS J0308-2113 is a binary system, multiple spectroscopic observations should be
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obtained, to look for the Doppler shift of each component with time.

3.4.3 Starspots and Flare Phases

Our analysis of the NGTS light curve of NGTS J0308-2113 revealed a 59.094+0.01 h
periodic modulation that we interpreted as the changing visibility of starspots on
the stellar rotation period (Sect.3.3.4). The initial set of starspots appear to decay
during the observations, and no spin modulation is detected for an interval of around
23 d. Periodic modulation begins again towards the end of the NGTS observations,
and at a slightly longer period, suggesting that the star exhibits differential rotation
and that new starspots have emerged at a different latitude.

Checking where the flares occur in rotation phase reveals that the smallest
flare occurs in antiphase to the dominant starspot group, while the larger flare
occurs during the quiescent interval of the lightcurve (at a similar spin phase to the
first flare). These flare timings are perhaps surprising, as we might expect to see
superflares when large active regions are present and visible. Instead, our results
suggest that the observed superflares do not emerge from the dominant active regions
on the stellar surface. Such behaviour is not unprecedented, as observations of the M
dwarfs AD Leo and GJ 1243 showed no correlation between stellar flare occurrence
and rotational phase (Hunt-Walker et al., 2012; Hawley et al., 2014). A similar
result was found for the K dwarf KIC 5110407, with all but the two strongest flares
showing no correlation with the most active regions (Roettenbacher et al., 2013).
In these cases it was suggested that the dominant active region might be located at
the pole, such that it is always in view and flares can be seen at any spin phase. An
alternative is that the majority of flares originate from smaller spot groups that do

not cause the dominant flux modulation.

3.4.4 Comparison with Kepler

In Fig.3.9 we compare the superflares of NGTS J0308-2113 with G star super-
flares detected with Kepler. We use the samples from Shibayama et al. (2013)
and Maehara et al. (2015) for the long and short cadence Kepler data respectively.
NGTS J0308-2113 has a Kepler magnitude of 11.4, calculated using the stellar ¢’
and r’ magnitudes and Eqn. 2a from Brown et al. (2011). This magnitude makes it
one of the brightest G stars seen to exhibit a superflare (see Fig. 3.9). The larger flare
from NGTS J0308-2113 also has a greater amplitude than all but one of those de-
tected in short cadence Kepler data. This flare also has a shorter duration than most

detected with Kepler. This comparison demonstrates that NGTS has a sufficiently

91



wide-field of view and high photometric precision to detect rare and interesting stel-
lar flares from bright stars. Each flare is also observed with higher cadence than has

previously been possible.

3.4.5 X-ray Activity

Thanks to the strong activity of NGTS J0308-2113 we were able to measure its X-ray
luminosity using archival ROSAT data (Sect.3.3.5). We found that the star is in
the saturated X-ray regime, with log Lx/Lpy = —3.1, and that its X-ray emission
is consistent with the rotation activity relation of Wright et al. (2011). It was not
detected in the ROSAT soft X-ray band, likely due to interstellar absorption. Using
our measured spin period and the theoretical value for the convective turnover time
from Landin et al. (2010), assuming a pre-main sequence star, we estimated the
Rossby number of NGTS J0308-2113 to be 0.03. Interestingly, this places the star
close to the peak of superflare occurrence rates found by Candelaresi et al. (2014).

We can also compare the X-ray luminosity of NGTS J0308-2113 with that
of other G stars exhibiting superflares. Yabuki et al. (2017) found nine stars with
X-ray detections from the Kepler superflare sample of Shibayama et al. (2013).
Using these nine X-ray detections they identified a correlation between the largest

white-light flare energies (estimated from Kepler data) and quiescent Lx with
0.3
Epqoc Ly 0, (3.4)

Based on this relation, we would expect NGTS J0308-2113 to exhibit flares of en-

ergies up to approximately 5 x 1036

erg. This is around 25 times greater than the
energy of our larger flare, suggesting NGTS J0308-2113 sometimes exhibits even

more energetic flares than the examples we have detected with NGTS.

Maximum Flare Energy

An alternative method to estimate the potential maximum flare energy is to use the

starspot activity. This is done using equation (1) from Shibata et al. (2013),

IN(B V( Awe )P
Eﬂ‘”‘e%”mw(erg)(o.l 6 5% 10192 (3:5)

where f, B and Agpot are the fraction of magnetic energy that can be released as
flare energy and the magnetic field strength and area of the starspot respectively.
We estimate the starspot area from the lightcurve modulation normalised by the

average brightness, following the method of Notsu et al. (2013). We use the region
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Figure 3.9: Comparison of the fractional amplitudes and Kepler magnitude of our
flares from NGTS J0308-2113 (red stars) with G star superflares detected in short
cadence (black squares) and long cadence (black crosses) Kepler data. When com-
paring fractional amplitudes between NGTS and Kepler it should be noted that the
Kepler bandpass extends blueward of NGTS.
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of greatest brightness variation to estimate the area, obtaining a value equivalent to
0.04 of the visible stellar surface. We assume f=0.1 (Aschwanden et al., 2014) and
B=1000 - 3000G (typical comparison values for solar-type stars e.g. Solanki, 2003;
Maehara et al., 2015) and calculate Efjgre = 1 —9 x 1036 erg. This estimated value
is the same order of magnitude as that calculated from the X-ray data, predicting

a flare of greater energy than our largest event.

3.4.6 Implications For Exoplanet Habitability

Understanding the properties of superflares from G stars is important when con-
sidering the habitability of Earth-like exoplanets, including those expected to be
detected with PLATO (Rauer et al., 2014). Stellar flares are known to be associ-
ated with intense ultraviolet radiation (e.g. Stelzer et al., 2006; Tsang et al., 2012),
which can reduce levels of atmospheric ozone (e.g. Lingam and Loeb, 2017) and
damage the DNA of biological organisms (e.g. Castenholz and Garcia-Pichel, 2012).
Associated X-ray and extreme-ultraviolet radiation can also erode the planetary at-
mosphere and drive water loss. Stellar flares are also associated with Coronal Mass
Ejections (CMEs), and while planetary magnetospheres may protect against the
quiescent stellar wind, CMEs can act to compress the magnetosphere and expose
the planetary atmosphere to further erosion and dessication (e.g. Kay et al., 2016;
Lammer et al., 2007).

The detections of superflares presented in this Chapter demonstrate that
wide-field ground-based surveys such as NGTS are capable of characterising the rates
and energies of superflares from G-type stars, despite their relatively low fractional
amplitude. Since flare detections with ground-based telescopes can be made and
announced in real time it may also be possible to trigger immediate follow up of
superflares with larger narrow-field telescopes while the flares are still in progress.
This has not been possible to date due to the unpredictable nature of superflares
and inevitable delays in downlinking and processing data from space telescopes
such as Kepler. Real-time follow up of NGTS flares might then provide the multi-
wavelength observations needed to assess the impact of superflares on potentially

habitable exoplanet atmospheres.

3.5 Conclusions

In this work we have presented the detection of two superflares from the G type star
NGTS J030834.9-211322 using NGTS. These are the first G star superflares detected

from the ground using a CCD, and they are among the highest cadence measure-
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ments of any superflares to date. We fit both flares with a model that incorporates a
Gaussian heating pulse, as seen previously in solar flares, and exponential decay on
two timescales. The model fit provides the amplitude, energy and duration of each
flare, and we find the two flares have similar total energies despite their different
amplitudes and durations. The larger flare has an unusually high amplitude and
short duration for a G star superflare. Our model also allows us to measure the
timescale of the flare rise, an interval that has been undersampled in previous stud-
ies, and we find the longer duration flare has a slower rise. We have also detected
substructure in both flares.

The stellar rotation period of NGTS J0308-2113 was measured to be 59 hours,
and we found evidence for differential rotation. The X-ray luminosity of the star was
calculated to be 7.4 x 10%° erg s~!, with log Lx/Lpy = —3.1 implying saturated X-
ray emission, as expected for a G8 star with such a short spin period. The Rossby
number of 0.03 places NGTS J0308-2113 close to the peak of the occurence rate
distribution implied by previous flare detections.

Our results highlight the potential for wide-field ground-based surveys such as
NGTS to determine the rates, energies and morphologies of superflares from G stars,
despite the modest white-light amplitudes of such flares. Further detections and
real-time multi-wavelength follow up will be important in assessing the habitability
of Earth-like exoplanets around G stars, including those to be found with PLATO.
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Chapter 4

Detection of a giant flare
displaying quasi-periodic
pulsations from a pre-main
sequence M star with NGTS

All I want is a star somewhere
Far away from the moonlight glare
With one enormous flare

Oh, wouldn’t it be loverly?

Wouldn’t it be Loverly from My Fair Lady
(My Flare Lady, adapted by James A. G.

Jackman)

4.1 Introduction

Stellar flares from M stars provide some of the most dramatic stellar events, yet they
cannot be predicted beforehand. Catching the relatively-rare high-energy events
therefore requires long-duration measurements of many stars, such as that from
wide-field surveys for transiting exoplanets. The energies output in such events
often dwarf the Carrington event and can be seen over a wide range of wavelengths,
notably in the optical, ultraviolet and in X-rays.

When observed in the optical, the highest energy white-light flares from mid-
M and later spectral types can change the brightness of the star by magnitudes for
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hours before returning to quiescence (e.g. Gizis et al., 2017a; Paudel et al., 2018b).
As described in Sect. 1.4, the largest amplitude events can also make stars that
normally reside below the sensitivity of a survey visible for short periods of time
(e.g. the AV < —11 flare from ASASSN-16ae identified by Schmidt et al., 2016).
Some large amplitude stellar flares exhibit complex substructure, one type of which
is the oscillations of flare intensity with time, commonly referred to as quasi-periodic
pulsations (QPPs, introduced previously in Sect. 1.2.3). A common phenomenon on
the Sun (Kupriyanova et al., 2010; Simoes et al., 2015; Inglis et al., 2016), QPPs
remain relatively rare in stellar flare observations. Those which have been observed
have been seen in the optical (e.g. Balona et al., 2015), microwave (Zaitsev et al.,
2004), UV (Welsh et al., 2006; Doyle et al., 2018) and X-ray (Mitra-Kraev et al.,
2005; Pandey and Srivastava, 2009; Cho et al., 2016).

As mentioned in Sect.1.2.3, the exact cause of these pulsations is not yet
known, however numerous mechanisms have been proposed and it is indeed possible
that different mechanisms act in different cases. These mechanisms can be split into
two groups: those where the flare emission is modulated by magnetohydrodynamic
(MHD) oscillations, and those based on some regime of repetitive magnetic recon-
nection (Nakariakov et al., 2016). In the first case, MHD oscillations may directly
affect the flare emission by modulating the plasma parameters (e.g. Nakariakov and
Melnikov, 2009); for example variations of the magnetic field strength would cause
gyrosynchrotron emission to vary. In addition the oscillations could indirectly af-
fect the emission by modulating the kinematics of charged particles in the flaring
coronal loops, which in turn would cause bremsstrahlung emission at the footpoints
to appear periodically (e.g. Zaitsev and Stepanov, 2008). For the second case, the
repetitive reconnection could be the result of external triggering, for example by
leakage of MHD oscillations of a nearby structure (Nakariakov et al., 2006). Alter-
natively it could result from a ‘magnetic dripping’ mechanism which does not require
an external trigger (e.g. McLaughlin et al., 2018). For this scenario, only when some
threshold energy is reached does magnetic reconnection occur. This reconnection
then releases energy and the process repeats periodically. Examples of this regime
are reported by Murray et al. (2009); McLaughlin et al. (2012); Thurgood et al.
(2017). If the mechanism behind a particular observation of QPPs in a flare can be
determined, then it may be possible to estimate coronal plasma parameters in the
vicinity of the flare via coronal seismology (e.g. Van Doorsselaere et al., 2016).

The timescale of QPPs can range from milliseconds to minutes (e.g. McLaugh-
lin et al., 2018) and as a result, without observations of a similar or higher cadence

these short-lived behaviours will be missed. For solar flares this cadence is regularly
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achieved (e.g. Dolla et al., 2012; Kumar et al., 2017), as it can be for targeted obser-
vations of stellar flares for individual stars (e.g. Mathioudakis et al., 2003). However,
in order to identify more of these events on stellar flares, long duration observations
with a high cadence are required for a large number of stars. As outlined in Sect. 1.2,
this became possible with the Kepler satellite. Indeed, short cadence observations
from Kepler have been used to increase the number of white-light QPP detections
(e.g. Balona et al., 2015; Pugh et al., 2016). However, only a small fraction of targets
were observed in the one-minute short cadence mode (e.g. Gilliland et al., 2010) and
not for the full duration of the mission, reducing the potential for detecting short
timescale QPPs. Consequently it is apparent that to increase not only the number
of both QPPs and high energy flares observed, long duration, wide field observations
are required with a high cadence for all stars.

This has become possible with the Next Generation Transit Survey (NGTS).
As described in Chapter2, NGTS is a ground-based transiting exoplanet survey
and consists of 12 telescopes, each with a 520-890nm bandpass (Wheatley et al.,
2018). Each camera operates with an exposure time of 10 seconds and has a field
of view of ~ 8 square degrees, resulting in a total instantaneous field of view of 96
square degrees. NGTS also benefits from high-precision autoguiding (McCormac
et al., 2013) which, when combined with a pixel scale of 4.97 arcseconds per camera,
enables the use of centroid analysis to rule out false positive planet candidates due
to blended sources (Giinther et al., 2017). With stable tracking and wide fields,
NGTS is able to detect and resolve flares on both single and blended objects.

In this chapter we present the detection of a high energy stellar flare with
QPPs from the pre-main sequence M star NGTS J121939.5-355557. This chapter
uses material from Jackman et al. (2019a). This is one of the best resolved obser-
vations of stellar flare substructure from a wide-field survey, allowing us to apply
methods developed for Solar flares. We present our detection with NGTS and discuss
how we identified the source of the flare and derived its properties. We also present
the oscillations of the flare and assess their significance, along with comparing them

to previous observations of stellar and solar QPPs.

4.2 Observations

The data presented in this chapter were collected with NGTS over 115 nights be-
tween 2015 November 28th and 2016 August 4th. The detected flare occurred on the
night of 2016 January 31st. The NGTS field used in this chapter is NG1213-3633,
which is centered on 12:13:50.7, -36:33:43.9.
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4.2.1 Flare Detection

To identify flares in our data, we initially detrended the raw NGTS lightcurves using
a custom version of the SYSREM algorithm, as detailed in Sect.2.1. To search for
flares within these lightcurves we followed the method discussed in Sect.2.2. This
method searches individual nights for 3 consecutive points greater than 6 MAD
above the night median. Along with this it searches for nights which reside 5 MAD
above the season median, indicative of a longer timescale flare where a single night
of observations may only capture a portion of the event.

Following this method we detected a flare from the blended source NGTS
J121939.5-355557 (hereafter, NGTS J1219-3555). Gaia astrometry reveals that two
sources reside within the NGTS aperture, separated by 6.7 arcseconds. The flare
was flagged as a night 5 MAD above the median of the lightcurve and is shown in
Fig.4.1. Fig.4.1 shows the flare after we have removed the flux contribution from
the background star, using the method described in Sect.4.2.4. The two sources
and the NGTS aperture are shown in Fig. 4.2.

Following the detection of the flare in Fig.4.1, we checked each individual
night to find low amplitude flares which may not have been flagged. Through doing
this we found three additional lower-amplitude flares towards the end of the season,

shown in Fig.4.3.

4.2.2 Centroid Analysis

As two sources are present inside the NGTS aperture, we needed to determine on
which star the flare occurred. To determine this, we followed the centroiding analysis
outlined in Sect.2.1. For this analysis we utilised centroid positions calculated as
part of the NGTS data analysis pipeline. Comparison of the centroid position with
time for the flare is shown in Fig.4.1. We also compared this centroid movement
with the images of the source before and during the flare to confirm the position of
the flaring source, identifying the source as NGTS J121939.5-355557 (NGTS J1219-
3555). This is the south east source in Fig. 4.2 and has previously been identified as
2MASS J12193970-3556017.

4.2.3 Stellar Properties
Spectral energy distribution

With this positional information we obtained catalogue magnitudes, making sure
to only use catalogues that are able to identify the two sources separately. The
results of this matching is shown in Tab. 4.2. Using the available 2MASS (Skrutskie
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Figure 4.1: NGTS data from the night of the flare. Top: The flare after the removal
of the background source flux, as discussed in Sect.4.2.4. Not shown are the quies-
cent nights before and after the flare, which are at an average value of 0 with this
normalisation. In red is the trend of the flare from an EMD analysis, discussed in
Sect. 4.3.4. Middle: Centroid movement (in pixels) during the night, showing corre-
lation with the flux. X and Y correspond to the movement along the axes specified
in Fig.4.2. Bottom: Zoom in of the flare peak, in which oscillations are clearly
seen. A flux spike, lasting only about 20-30 seconds, is seen at the beginning of the
oscillations approximately 8 minutes after the night start. A green interpolating
line is shown to aid the eye.
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Figure 4.2: Comparison of NGTS images with 2MASS and DSS. Top left is our
reference image of the source, top right is the image of the source at the peak of the
flare. The flaring source is located at the south east. Bottom left is the available
2MASS image and bottom right is from DSS. The blue circle shows our aperture
used, red squares are the positions of each individual source from Gaia. We have
also plotted the NGTS image coordinate axes for reference to Fig. 4.1.

et al., 2006), Gaia (Gaia Collaboration et al., 2016b, 2018b), SkyMapper (Wolf
et al., 2018) and WISE (Cutri and et al., 2014) information, we performed spectral
energy distribution (SED) fitting using PHOENIX models (Allard, 2016). From
this SED fitting and the Gaia DR2 parallax we obtain stellar temperature and
radius estimates. We find an effective temperature of 3090+30 K and a radius of
1.04+0.02 R for the flare star.

The large radius is not consistent with the expected value for a main sequence
M dwarf of this temperature (~0.2 Ro; Mann et al., 2015), suggesting NGTS J1219-
3555 is not a single main sequence object. NGTS J1219-3555 is shown on a HR
diagram in Fig. 4.4, where it resides around 1.5 magnitudes above stars of the same
Gpp-Ggrp colour. If it were a binary star we would expect it to reside no more
than 0.753 magnitudes above the main sequence (Gaia Collaboration et al., 2018a),
which is not consistent with our observation.

An alternative possibility is that NGTS J1219-3555 is a pre-main sequence
object. Interpolating the MESA Isochrones and Stellar Tracks (MIST) v1.1 models
(Dotter, 2016; Choi et al., 2016, with updated Gaia DR2 passbands and zeropoints)
at the position of NGTS J1219-3555 in Fig. 4.4 and assuming zero interstellar red-
dening, we estimate an age of 2.2 Myr and a mass of 0.18 M. These correspond to

a Teg of 3180 K and a radius of 0.96 Rg, very similar to the values obtained from
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Figure 4.4: Top: Hertzsprung-Russell diagram of Gaia crossmatched stars in our
NGTS field. The red marker indicates the position of NGTS J1219-3555 approxi-
mately 1.5 magnitudes above the main sequence. Bottom: The same HR diagram,
but now zoomed in and with selected MIST models overlaid. Green lines indicate
stellar mass tracks between 0.14 and 0.2 Mpand red line indicate isochrones of 1,
1.5, 2, 3 and 5 Myr.

103



1.6

1.4+¢

1.0F

0.8t 6690 6710 6730

Flux

0.4

0.2} i

0.0 I I I I
5500 6000 6500 7000

Wavelength (A)

Figure 4.5: Mean quiescent WiFeS/R7000 spectrum of NGTS J1219-3555, nor-
malised at 7000 A. Ha continues to a peak flux of 6.5 on this scale. Inset is the
Li I A6708 absorption line.

the SED fit above. We do not identify any IR-excess from our SED fitting on either
star, which implies that if NGTS J1219-3555 is a pre-main sequence star it has al-
ready lost the majority of any disc that was present during formation. Near- and
mid-infrared disc fractions in young clusters and star-forming regions are consistent
with median primordial disc lifetimes of 4-5 Myr for solar and later type stars (Bell
et al., 2013; Pecaut and Mamajek, 2016), suggesting that if NGTS J1219-3555 is as
young as 2 Myr, its disc dissipated earlier than expected, perhaps due to enhanced
mass accretion as a result of strong flares (e.g. Orlando et al., 2011). We would
expect a low mass star such as NGTS J1219-3555 to be moving almost isothermally
along its Hayashi track and thus remain at a similar Ggp-Ggrp colour as currently
observed. As a further test we compare the 2MASS J,H,K photometry of NGTS
J1219-3555 to those from giants and dwarfs in Bessell and Brett (1988). Doing this
we find that NGTS J1219-3555 resides in the region occupied by dwarfs, supporting
our interpretation that NGTS J1219-3555 is a pre-main sequence star as opposed
to a subgiant or an unresolved binary system.

From our SED fitting we determine the neighbouring star to be a background
G type star. From the Gaia parallax and proper motions it is clear that these

two sources are unrelated, with the G type star being much more distant than
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NGTS J1219-3555. The Gaia astrometry for NGTS J1219-3555 are not consistent
with membership in any known young moving group, association or open cluster.
Although spatially coincident with TW Hya Association members in the Northern
reaches of the Scorpius-Centaurus OB association, the 210 + 3 pc distance to NGTS
J1219-3555 means it is likely a young background object or escapee from the region.

Optical spectroscopy

To confirm that NGTS J1219-3555 is a pre-main sequence star we acquired six 1800 s
spectra on 20