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Abstract

Very high energy (E > 100 GeV) gamma-rays from extragalactic sources are
absorbed via 47 pair production on the cosmic infrared background (CIB) and
initiate electromagnetic cascades involving pair production and inverse Compton
interactions. This leads to the formation of an electron-positron pair halo, whose
particle distribution is isotropic if a sufficiently strong intergalactic magnetic
field (|B| > 1 nG) is present.

In this work, a Monte Carlo method has been adopted. The pair halo en-
ergy and angular distributions for many different parameters such as injected
distributions, CIB models and red shifts have been studied.

A key result is that the pair halo energy and angular distributions are sen-
sitive to the primary gamma photon energies only up to a certain limit, above
which the photons interact with the cosmic microwave background. Also, it is
found that at low red shift the spectrum of the CIB has a stronger influence
on the pair halo energy distributions than on their angular distributions. For
sources at high red shift, pair halo modelling of the angular distribution can be
used as indirect means of probing the CIB intensity.

The detection possibility of the pair halo from H1426+428 is also discussed.

Kurzfassung

Hochenergetische (E > 100 GeV) Gammastrahlen aus extragalaktischen Quel-
len werden infolge der yy-Paarbildung von der kosmischen Infrarot-Hintergrund-
strahlung (CIB) absorbiert und lésen elektromagnetische Schauer durch Paar-
bildung und inverse Comptonstreuung aus. Dies fithrt zur Ausbildung eines
Elektron-Positron-Paarhalos, dessen Teilchenverteilung isotrop ist, falls ein ge-
niigend starkes intergalaktisches Magnetfeld (|B| > 1nG) vorhanden ist.

In dieser Arbeit wird eine Monte-Carlo Methode angewandt, bei der die
Paarhalo-Energie und Winkelverteilungen fiir viele verschiedene Parameter (ein-
laufende Teilchenverteilungen, CIB-Modelle und Rotverschiebungen) untersucht
werden.

Ein wichtiges Ergebnis ist der Nachweis einer Grenze der Empfindlichkeit
der Paarhalo-Energie und der Winkelverteilungen auf die primdren Gamma-
Energien, oberhalb derer die Photonen mit der kosmischen Mikrowellen-Hinter-
grundstrahlung wechselwirken. Ausserdem wird gefunden, dass bei geringer
Rotverschiebung das Spektrum des CIB einen stirkeren Einfluss auf die Paarhalo-
Energie als auf die Winkelverteilungen hat. Fiir Quellen mit hoher Rotver-
schiebung kann ein Modellieren der Winkelverteilungen als indirektes Mittel
zur Untersuchung der CIB Intensitit dienen.

Der mogliche Nachweis eines Paarhalos aus der Quelle H14236+428 wird
diskutiert.
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Chapter 1

Introduction

It has been known since 1962 [Nik62] that the intergalactic medium (IGM) is
opaque for very high energy (VHE!) extragalactic gamma photons. For E, >
100 TeV, the absorption of these photons is primarily due to the 2.7 K cos-
mic microwave background radiation (CMB) via vy — e~ e* pair production
[GS67], hereafter denoted PP. For E, < 100 TeV the absorption caused by the
infrared /optical background or cosmic infrared background (CIB) can not be
neglected [WTW72, SJS92]. Thus, VHE photons, emitted at a sufficiently large
distance to the observer, will inevitably be absorbed.

Whenever a VHE photon is absorbed via PP, the resulting electron-positron
(e*) pair can interact with the soft photon background via inverse Compton
scattering (IC) and produce secondary gamma photons. These secondary pho-
tons can be PP absorbed by the same background to create more e* pairs if
they are sufficiently energetic. The tandem processes of PP and IC are referred
to as an electromagnetic cascade. The cascade develops until the Compton up-
scattered photon can no longer be PP absorbed. The electromagnetic cascade
converts one gamma photon into a number of gamma photons with much lower
energy. Since the IGM is transparent for these lower-energy gamma photons,
they can propagate freely from the source to the observer.

When the intergalactic magnetic field is taken into account, there are two
cases of the cascades that can be distinguished by the relation of the gyrora-
dius (Rgyro) to the IC mean free path (Arc). When Ry, > Ajc, the cascade
develops linearly along the line of sight between the source and the observer
[WC96, Hor00]. The other case is when Rgy,, < Ajc: the cascaded eTs are
trapped in a certain region and isotropically emit secondary photons. Actually,
this second case can be divided into two sub-cases. One is when the magnetic
field is strong : |B| > 1076 G. In such a high magnetic field the synchrotron cool-
ing rate is comparable to the Compton cooling rate. Since the e*s are cooled by
both interactions, the cascade can proceed only to several generations [KKO03].
In the other case, which is the topic of this work, the magnetic field is of moder-

1VHE gamma photon: E, > 100 GeV
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ate strength (1072 < |B| < 107% G). The synchrotron cooling rate can then be
neglected and only the Compton cooling is taken into account. The pairs pro-
duced are trapped immediately, isotropize, and isotropically upscatter ambient
soft photons to gamma photons [ACV94]. The upscattered photons produce
2nd-generation e*s which are also trapped and in turn upscatter ambient soft
photons initiating electromagnetic cascades. Thus, after the development of a
cascade, this scenario leads to the formation of a quasi-spherical e* pair halo
around the VHE primary gamma source. The important observable quantities
are the energy distribution and the angular distribution of the cascade gamma
photons.

Observing the gamma photons from the e* pair halo is promising for modern
VHE gamma-rays astronomy especially from ground-based observatories. In the
next section a review? of the ground-based VHE gamma-ray astronomy will be
presented.

1.1 VHE gamma-ray Astronomy

Ground-based gamma-ray astronomy began in 1948 when Blackett [Bla48] sug-
gested that Cerenkov radiation from cosmic rays would make up for a small
fraction of the night sky light. The idea was followed five years later with Gal-
braith & Jelley [GJ53] observing optical pulses coincident with signals from
a Geiger-counter array, confirming the association with cosmic-ray-induced air
showers. In 1958, Morrison [Mor58] provided the first arguments for searching
for cosmic gamma-rays. Cocconi [Coc60] carried this further with an estimate
of the flux of TeV gamma photons from the Crab nebula which was a thousand
times higher than the upper limit from the observations by the Crimean group
led by Chudakov [CT65]. In 1968, Fazio, Helmken, Rieke & Weekes [FT68]
finished the construction of the first high-quality, 10-meter-diameter Cerenkov
telescope at Mt. Hopkins in southern Arizona.

In 1977, Turver& Weekes [TW78] used Monte Carlo calculations of air show-
ers initiated by gamma-rays and protons to demonstrate that imaging might
provide a new technique for discrimination between the two species. In 1985,
Hillas [Hil85] showed that image characterization would substantially enhance
gamma-ray signals relative to the hadronic background. He suggested a very
powerful method by using the second moment of the air-shower image intensity
to distinguish those which were both narrow and aligned with respect to the
known source direction. In 1989, the Whipple Collaboration [W*89] by using
a 37 pixel camera reported the detection of the Crab nebula with a 9-¢ signifi-
cance. Two years later a 20-0 gamma-ray signal from the Crab nebula using a
109 pixel camera was reported [V*91].

The important developments in VHE gamma-ray astronomy came not only
from the ground-based telescopes, but also from space telescopes. In 1991,
the Compton Gamma-Ray Observatory (CGRO) which contains among other
experiment the Energetic Gamma Ray Experiment Telescope (EGRET) was

2The historical part of this review is mostly based on [AA97].
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launched. More than 270 identified and unidentified gamma ray sources have
been observed and summarized in EGRET catalogues [F+94, T95, Ht99]. The
EGRET observational results increase the number of possible targets for ground-
based observations. There are several sources, for example Mkn421, that have
been detected by both EGRET [L*92] and ground-based gamma-ray telescopes
[P*92]. However, most of the gamma-ray sources that have been discovered
by EGRET have not been detected in the TeV energy range. Some sources
were discovered by ground-based gamma-ray telescopes first and later on found
in EGRET observations (for example Mkn501 by the Whipple Collaboration
[Q*96]).

Another development of the ground-based gamma-ray telescope is the stereo-
scopic observation technique with an array of gamma-ray telescopes. This tech-
nique, first extensively explored by the HEGRA group (see e.g., [D797]), will
be used for the next generation of ground-based observatories such as H.E.S.S.
[AT97a], CANGAROO-III [Mor00], VERITAS [O"03], and presumably also
MAGIC Mir02].

Up to now more than ten TeV gamma-ray sources are known. Except for
one unidentified object (Cygnus OB2 [AT02b]), all objects are associated with
known Galactic and extra-galactic sources like BL Lacertae (BL Lac) type ob-
ject, shell-type supernova remnants, plerions, etc. Fig. 1.1 presents these TeV
sources together with the gamma sources found by EGRET.

The gamma-ray sky
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@ solar flare Unidentified TeV source

Figure 1.1: All sky gamma-ray sources. Courtesy Dieter Horns.
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1.1.1 Extensive Air Showers

Ground-based gamma-ray observations detect extensive air showers that develop
in the Earth’s atmosphere. The two different types of air showers which can be
classified with respect to the initiating particles are gamma-ray and cosmic-ray
air showers. The gamma-rays initiate the cascades via PP in the electric field
of the nuclei and electrons in the atmosphere, producing the e* pairs which
in turn generate high energy photons by Bremsstrahlung. The Bremsstrahlung
photons behave like the primary gamma photons producing the e*. The two
interaction processes sustain an electromagnetic cascade which is called gamma-
ray air shower. The products from the gamma-ray air shower are mainly photons
and electrons which differ from the cosmic-ray air showers described in the next
paragraph.

For cosmic-ray induced air-showers, the cascade is initiated by high energy
cosmic-rays. The showers are started by the cosmic-ray collisions with atmo-
spheric matter. The main products from the collisions are some nuclear particles
and m-mesons. The nuclear particles continue the cascade while the m-mesons
will mainly decay into muons and neutrinos:

0

™ = 27, (11
at = ut+u,, (1.2
T = u + U, (1.3

Subsequently, (=) from 7(=) decay produce electrons (and muon neutrinos
pt = et e+, (14
BT o= e+ U+, (1.5

The gamma photons from 7%-decay and the e* from 7% form electromagnetic
cascades. Whereas the electromagnetic cascades produce a number of et pairs,
the nucleonic cascades produce a number of muons. The muons from the nu-
cleonic cascades can travel from the atmosphere to the Earth’s surface, even
though the mean lifetime of muons is very short (2.2 x 1076 s), because of rela-
tivistic time dilation. Also they have virtually no nuclear interaction and their
ionization losses are small. One can show that muons with a Lorentz factor of
about 20 can travel more than 10 km before they decay. Therefore, for cosmic-
ray showers, muons can be observed by the observers on the Earth. Figure 1.2
shows schematic diagrams for both gamma-ray showers and cosmic-ray showers.

There are some differences between the gamma-rays and cosmic-ray showers.
Cosmic-ray showers are much wider than the gamma-ray ones because of the
transverse momentum given to pions in strong interactions. Another major
difference is that cosmic-ray showers produce a number of muons which can
penetrate to the ground.

1.1.2 Cerenkov imaging method

Cerenkov light is emitted in a dielectric medium when a charged particle with ve-
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Figure 1.2: This diagram shows a cosmic-ray shower and a gamma-ray shower in the
atmosphere.

locity faster than the local speed of light passes through the medium. The form
of Cerenkov light emission is analogous to the acoustic shock wave produced by
a supersonic aircraft. Fig. 1.3 shows Huygens’ construction for determining the
direction of propagation of the wavefront of Cerenkov light. The Cerenkov light
is emitted at angle 6 with respect to the velocity direction of the fast charged
particle. The emitting angle can be determined:

1
= — 1.
cosf B’ (1.6)

where 8 = v/c is the velocity of the particle (relative to speed of light) and n
in the refractive index of the medium.

T~

. e
Figure 1.3: This diagram shows the Huygens’s picture of Cerenkov emission.

Both cosmic-ray and gamma-ray showers generate high energy charged par-
ticles which emit Cerenkov light along the track of the charged particles. The
Cerenkov light flash lasts only a few nano-seconds and is intense enough to be
observed against the night sky background light [Bla48, GJ53]. Fig. 1.4 shows
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the showers and corresponding Cerenkov images in the telescope. A Cerenkov
image of the cosmic-ray shower is much wider and more diffuse than the gamma-
ray initiated shower image.

The shower Cerenkov images can be parameterized by the second moments
and positional angle of the centroid. It has been found [Hil85] that the simple
description of the image by using the parameters width, length, orientation,
and angular distance from the object observed, combined with possibly other
features (compactness) is sufficient to reject most of the background images not
due to gamma-rays. The widely used parameters of shower images are presented
in Fig 1.5.

Using the shower images from the Cerenkov light is an effective method to
exclude the dominant background of cosmic-ray induced air showers. In this
way, more than 95% of cosmic-ray showers are rejected[Hil96].

Stereoscopic systems using more than one telescope to observe the same
shower in coincidence can filter out the background more effectively than a sin-
gle telescope. The unambiguous reconstruction of the shower geometry (core
position, arrival direction, and position of the shower maximum) for individ-
ual events improves the rejection of hadrons, allows gamma-ray spectroscopy
with the very good energy resolution (AE/E = 10 %), and allows to control
systematic effects much better.

1.1.3 H.E.S.S.

The High Energy Stereoscopic System (H.E.S.S.) is one of the next generation
ground-based gamma-ray telescope array systems. The name H.E.S.S. was cho-
sen in honor of Victor Hess who discovered cosmic radiation in 1912 and received
the Nobel Prize in 1936 for his discovery [Hes12]. H.E.S.S. is located near the
Gamsberg in the Namibian Khomas highlands at a distance of about 100 km
from Windhoek, the capital of Namibia, (23°16'18"” S, 16°30'00” E) at 1800 m
altitudes. H.E.S.S. is one of the two ground-based Cerenkov telescope arrays
located in the southern hemisphere.

In the initial phase H.E.S.S. consists of 4 telescopes whereas the second phase
will include as many as 16 telescopes. The four telescopes of the first phase are
located at the corners of a square area with a side length of about 120 m. The
area covered by the telescopes of 120 x 120 m? is comparable to the size of the
typical Cerenkov light pool. The first phase is expected to be completed in 2003.
The first telescope has already been operated since June 2002.

Each telescope has a mirror dish with a diameter of more than 12 m and
380 individual glass mirrors. Each mirror reflects the light to the camera which
is located in the focal plane at a distance of 15 m to the dish [Bo03, C*03].
The telescopes are mounted on a circular rail of ~15 m diameter and can rotate
around the vertical axis. It takes one to three minutes to slew the telescope
from the parking position to an arbitrary position in the sky. Figure 1.7 shows
gamma-ray telescopes in the first phase of H.E.S.S.

The camera converts the light into a digital signal with photomultiplier tubes
(PMTs) and a sophisticated electronic read-out chain. The camera has 960
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figure was taken from [AT97b].
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Figure 1.5: Parameters used to describe a shower Cerenkov image. The figure is from
[Hil96].

pixels where 16 pixels are grouped together in a so called “drawer”. The drawers
contain the complete electronic read-out to process the signals. The camera
body contains the digital processors and the power supply for the 60 drawers
which slide into the camera body. The camera consumes in total 5 kW of
electrical power.

With the stereoscopic reconstruction of air showers, the H.E.S.S. telescopes
combine very good angular resolution and background rejection, which results
in a high flux sensitivity and low energy threshold. The angular resolution
calculated from Monte Carlo simulations is expected to o = 0.1° per event
[Kon00]. The energy threshold of H.E.S.S. is expected to be lower than 100 GeV
with a sensitivity of about 107!? erg cm~2 sec™! (or about 107!! cm=2 sec™!
for 50 hours of observation [Kon00]). At higher energies (1 TeV), the sensitivity
reaches a value of about 10712 erg cm 2 sec™! (or about10 13 cm 2 sec!
[Kon00]) as shown in Fig. 1.8.

Because of its performance, H.E.S.S is well suited to observe and resolve
extended sources such as the et pair halos from extragalactic sources which will
have an angular size of several degrees for sources at redshifts of z ~ 0.1...0.5.
The low energy threshold of 100 GeV and the good flux sensitivity improve the
chance of observing the pair halos.

1.2 Cosmic Background Radiation

The existence of the cosmic background radiation (CBR) which is composed
of the cosmic infrared (CIB) and cosmic microwave background (CMB) is an
essential reason for the formation of the et pair halos. The gamma photons
and the eT pairs interact with the photons in this radiation field. Most of the
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Figure 1.6: Sketch of the stereoscopic reconstruction of the arrival direction of show-
ers. The figure is from [AT97b].

VHE photons interact with the optical/infrared photons in the CIB because of
the energy threshold condition and resonance-like character of PP (see Sec. 2.1).
On the other hand, the e* pairs primarily upscatter microwave photons from
the lower energy CMB, because of the nonexistence of a threshold condition for
the IC process and the much higher number photon density for the CMB.

The CMB is the radiation field from the thermal equilibrium of the Universe.
It is one of the main observational evidences for the Big Bang theory. The
spectrum of the CMB can be naturally described by a blackbody radiation
characterized by a single temperature 7. Its dependence on the cosmological
redshift is given by

h_17r_20_3w2
= exp(hw, /ksT(1+2)) — 1’

n(w,, 2) (1.7)

where n(w,, z) is the number of photons per unit comoving volume per unit of
energy interval which is measured by a comoving observer at the redshift z, w,
is the photon angular frequency which is also measured at that epoch, kp is the
Boltzmann constant and the average temperature 7" at the present epoch is 2.7
K.
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Figure 1.7: The picture shows the first phase of H.E.S.S.

1.2.1 Cosmic Infrared Background

The CIB is in the range of 0.1 ym up to 1 mm and the main sources of these
photons are star light and dust absorption/re-emitted photons that are accu-
mulated from all epoches after the Big Bang. It is believed that the information
about the star formation history is contained in this field.

Direct Measurement of the CIB

The first direct measurements of CIB were carried out by rocket-borne exper-
iments. There were systematic errors in the measurement from the thermal
radiation of the rocket, the Earth’s atmosphere and scattered light from the
Earth’s surface but they could provide upper limits and a claim of possible de-
tection of the CIB [HDO01]. The Cosmic Background Explorer (COBE) launched
in 1989 was the first observatory that seriously attempted to observe the CIB
with two of a total of three experiments on board of COBE: the Diffuse InfraRed
Background Experiment (DIRBE) and the Far InfraRed Absolute Spectropho-
tometer (FIRAS). The COBE satellite was launched into a 900 km altitude,
99.3° inclination orbit.

The DIRBE instrument [HDO01] is an absolute photometer which provided
maps of the full sky in 10 bands at 1.25, 2.2, 3.5, 4.9, 12, 25, 60, 100, 140, 240
pm. The instantaneous field of view is 0.7°x 0.7°. The sensitivity (1o) of the
instrument after cryogenic operation within 10 months is ~ 2 nW m~2 sr~! at
1.25 and 2.2 pm, 0.5-1 nW m~2 sr—! from 3.5 to 100 um, 33 nW m—2 sr—! and
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Figure 1.8: H.E.S.S. flux sensitivity together with other gamma-ray observatories and
the Crab Nebula flux. Courtesy Dieter Horns.

11 nW m~2 sr! for 140 and 240 pm.

The FIRAS instrument [HDO01] is a Fourier transform spectrometer in the
form of a polarizing Michelson interferometer. The instrument can provide
precise spectral comparison of the sky brightness with that of a very accurate
full beam blackbody calibrator at wavelengths from 100 pgm to 1 cm. The
sensitivity (1o) from 500 ym to 3 mm was 0.8 nW m~2 sr~! and the field of
view is 7° diameter.

One of the most recent instruments providing diffuse infrared background
measurements is the near infrared spectrometer (NIRS) [N*94] which operated
for 30 days in 1995 on the infrared telescope in space (IRTS). The IRTS was
flown on a spacecraft which was launched into a 486 km altitude, 28.5° incli-
nation orbit. The NIRS instrument [N*94] was a simple grating spectrometer
covering wavelengths from 1.4 to 4.0 um with a resolution of 0.12 pm. The field
of view was 8’ x 8.

To measure this background directly is not trivial. All dominating compo-
nents of the foreground radiation have to be eliminated. There is foreground
radiation from many sources in the local region. The following is a list of the
possible sources for the foreground radiation:

1. instrument components themselves
2. Earth atmosphere
3. sources in the solar system

e the stray light from nearby objects such as the Sun, Moon, and Earth.

¢ absorption/re-emission from interplanetary dust (IPD)



14 CHAPTER 1. INTRODUCTION

4. sources in the local galaxy

e discrete sources in local galaxy
e diffuse interstellar medium (ISM).

Some portions of this foreground such as the radiation from the instruments
and the Earth atmosphere can be easily eliminated. Cryogenic operation above
the Earth’s atmosphere like DIRBE, FIRAS and NIRS can reduce the radia-
tion from the instruments and the Earth’s atmosphere. For these reasons, the
direct measurement for the CIB must be in the outer space above the Earth
atmosphere.

Stray light can be reduced by the design of the instruments. For example,
the DIRBE can reduce the stray light from wavelength 1.25 to 240 pym to be
less than 1 nW cm 2 sec™! [HDO1].

The foreground radiation from the IPD or the zodiacal light is the most
difficult portion of the foreground in order to filter out since it is the main
contribution of the total sky brightness in almost all the DIRBE observing
bands as shown in Fig. 1.9 and the knowledge of it is poor. To eliminate the
zodiacal light contribution, models of the IPD are required. By using the all-sky
DIRBE map, a reasonable IPD cloud model was proposed by the DIRBE team
in 1998 [K198].

10°¢ 3

o i ]

7 0%k -

¥ F E

g r ]

Z lof

< r ]

1E E

: * ]

107t [ ‘ ‘ ‘ |
107! 1 10 102 10°

A (pm)

Figure 1.9: Foreground contribution to the DIRBE data at 1.25-240 pgm in the Lock-
man Hole?area [LIM86]: the open circles are the observed sky brightness, the triangles
are the zodiacal light contribution, the squares are the bright galactic sources contri-
bution, the asterisks are the faint galactic sources contribution, the diamonds are
the contribution from ISM, and the solid circles are the residuals after removing all
foregrounds from the observed brightness. Figure taken from [HDO01].

3The region of minimum HI column density at galactic coordinate (I,b) ~ (150°,+53°) or
geocentric ecliptic coordinate (A, 3) ~ (137°, +45°).
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The foreground radiation from the galactic discrete sources contributes mostly
in the near-infrared region, wavelength 1.25-4.9 ym. These discrete sources were
classified into the bright and the faint galactic sources. To eliminate the con-
tribution from bright sources, the localized regions which are much brighter
than the average galactic foreground are excluded. The location of these bright
sources have been blanked from the maps and were excluded from further anal-
ysis. Screening out the contribution of faint galactic sources is more difficult.
These sources are sufficiently numerous and evenly distributed that a statistical
model well represents their collective emission. The DIRBE team constructed
a faint source model based on the statistical model developed by [W192]. The
sky brightness calculated from the faint source models were subtracted from the
sky maps (for more detail see [AT98]).

The main contribution to the radiation from ISM occurs in the mid- to far-
infrared regions, corresponding to the instrumental wavelength regions 12-100
and 140-240 pm, respectively. The procedure introduced by the DIRBE team
[AT98] is as follows. The map from the wavelength 100 pum is used to construct
a spatial ISM foreground distribution template for all other wavelengths 12 to
240 pm in the following form. The ISM map at 100 ym is multiplied by an
average color factor (AIy(A)/AIx(100pm)) to produce a template at wavelength
. These template are then subtracted from the corresponding map to produce
the final residual maps. The color factor for the wavelength A is a slope from
a linear fitting of the data plot between the intensities of the wavelength A and
of the wavelength 100 ym at the same position taken over the maps.

After modelling and removing the foregrounds, the isotropic distributions of
the residuals have to be checked since the background should be, by definition,
of extragalactic origin. The isotropy tests from the DIRBE experiment [HD01],
for example, include:

1. test of the consistency of the mean residuals on five sky patches near
the two galactic poles, the two ecliptic poles, and in the Lockman Hole
[LIMS86];

2. tests for spatial variations such as gradients with galactic and ecliptic
latitude;

3. tests of the residual pixel brightness distributions;
4. test for correlation of the residuals with the foreground models;

5. a two-point correlation function analysis of the residuals on 2% of the sky
including areas at high north and south galactic latitudes.

The direct measurement from the COBE was reported in 1998 [D*98]. There
are only two wavelengths, the 140 and 240 pym, which are isotropic residuals.
Matsumoto et al. (2000) [Mat99] provided direct measurement data from NIRS
in the range of 1.4 to 4.0 pm. These direct measurement CIB data are shown in
Fig. 1.10 together with other data from indirect measurements and a theoretical
calculation from Primack et al. (2000) [PSBDO00].
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It should be noted that in any case these results only conditionally could
be treated as direct measurements because their interpretation depends on the
modelling of the foregrounds. Therefore, the direct observations of CIB gen-
erally allow derivation of the flux upper limit rather than detection of positive
residual signals.
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Figure 1.10: Observed CIB data compare with the model. The Figure is based on
Aharonian et al., 2003,[AT03]. Courtesy Dieter Horns.

Indirect Measurement

There are several methods to estimate or constrain the CIB fluxes by using,
for example, the extragalactic source count. Extragalactic source counts or
galaxy counts can provide important constraints on the CIB. The sky brightness
calculated by integrating the emitted flux from these sources are used as the
lower limit of the CIB. As presented in Fig. 1.10 with a pentagon, Elbaz et al.
(2002) [E*02] calculated the lower limit to the 15 um extragalactic background
light of 2.4 4+ 0.5 nW m~2 sr~! using galaxy counts from the deep extragalactic
surveys with ISOCAM.

If one assumes that the main contribution to the CIB comes from extragalac-
tic discrete sources, the spatial fluctuations in the distribution of these should
affect the fluctuations in the CIB also. Therefore, conversely, observed spa-
tial fluctuations of the background can give information on the sources’ spatial
distribution. The fluctuation measurements do not give the CIB flux directly
but the CIB flux can be constrained by using several techniques. For example,
Miville-Deschénes et al. (2002) [MD™'02] analyzed the power spectrum, P(k),
which is the absolute value of the Fourier transform of the IRAS ISSA maps at
the 60 and 100 pm of 12 fields selected. Miville-Deschénes et al provided the
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upper limit of 13.5 nW m~2 sr~! and gave an estimate of 9.0 nW m~2 sr~! for
the flux at 60 pm.

Observing TeV gamma-rays from extragalactic sources is another approach
to measure or constrain the CIB. As said at the beginning of the chapter, TeV
gamma photons are absorbed by CIB photons. The observed TeV gamma-ray
flux (Fops(E)) at energy E will relate to the intrinsic source flux (Fo(E)) by

Fops(E) = Fo(E) exp(—7pp(FE)), (1.8)

where 7pp is the optical depth for PP. For a given FE, the optical depth is
proportional to the number density of background photons. Upper limits on
the CIB in the mid-infrared region were derived e.g. by Renault et al. (2001)
[RBLPO01] by using the observed data of the TeV gamma-rays obtained by CAT
and HEGRA from Mkn501. The upper limits found by Renault et al. were
4.7 oW m~2 sr~! between 5 and 15 ym. The TeV gamma-ray data not only
constrain the CIB flux but can constrain the shape spectrum of the CIB also.
By using the TeV gamma-ray data from the BL Lac object H1426+428 observed
by HEGRA in 1999 and 2000, Aharonian et al. (2002) [AT02a] discussed how
the flattening features of the observed TeV spectrum from 1 to 5 TeV reflect the
characteristic shape the CIB in the wavelength between 1 and several microns.

The author would like to comment here that all of the CIB measurements,
both direct and indirect, can give only the CIB at the present epoch. None of
them can measure the CIB at a specific redshift. The e* pair halos, however,
can provide an opportunity to gain some information of the CIB at a specific
redshift, since the interactions that lead to the formation of pair halos take
place in the local region nearby the primary gamma-ray sources. Consequently,
observing pair halos from many sources at various redshifts might open the
possibilities to trace the formation of the CIB and therefore gain information
about the star formation history.

The structure of this thesis is as follows. Chapter 2 introduces the pair
halo model and its physical basis. Numerical methods based on Monte Carlo
schemes are presented in Ch. 3, and numerical results for various situations are
given in Ch. 4. Chapter 5 concludes the results from the study and discusses
the possibility of detecting pair halos from TeV Blazars. Finally, a summary is
given in Ch. 6.
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Chapter 2

Giant Electron-Positron
Pair Halos

2.1 Interactions

For the electron-positron (ei) pair halo model, there are two interactions which
are relevant. One is yy pair production (PP), and the other is inverse Compton
scattering (IC). In the following, the physics of these interactions are discussed.

Three different inertial frames are used, with primes denoting variables in
the electron rest frame, “hats” (") denoting variables in the center-of-momentum
(CM) frame. Otherwise the variables are measured in the lab frame.

Note that only in this section, Sec.2.1, the units m, =1, A=1 and
c=1 are used.

2.1.1 ~~ Pair Production

3 w 9 w

et e et e
Figure 2.1: Feynman diagrams of 4y pair production.

From special relativity one obtains the energy condition by applying conser-
vation of four momentum, p,, and the invariance of p,p*. The result is

2(1 - 4% ' = ew(1 — cosh), (2.1)

19
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where ¢ and w represent the lab-frame energy of the colliding photons, 6 is the
angle between their lab-frame 3-momenta, and 3 is the speed of e* in the CM
frame. The threshold condition is derived by assuming that the photons collide
head-on and produce an e* pair at rest:

1
= _. 2.2
Eth w (2.2)

The process of v+ pair production is presented as 2 independent Feynman
diagrams in Fig. 2.1. Using the standard method of quantum electrodynamics,
the PP total cross section can be obtained (e.g., Akhiezer and Berestetskii, 1965
[AB65])

Y 3 R
orr = S or(1 -8 |© 5 I e A ALl S
where 8
o = gﬂ"{'g (2.4)

is the Thomson cross section and 7 is the classical electron radius.

From the total cross section, the absorption probability per propagation
distance for a photon with energy £ moving through an isotropic photon gas can
be formulated. Let n(w) be the background photon number density per unit
energy in the lab frame. In the interval (6,6 + df) there are (1/2)n(w) sin6d6
soft photons interacting with every hard photon, and one obtains

dTpp °

=0 = [ ren), (25)

where Tpp is optical depth, App is the PP mean free path length of the hard
photon, with an angle-averaged cross section

1 1-2/s¢
opp = 5/ (1 — ,U,)O'ppd,u. (2.6)
-1
Here, p = cosf and sy = ew. The quantity (1 — p)/2 represents the relative
velocity of the soft photon along the direction of propagation of the hard pho-
ton. The analytic solution of Eq.(2.6) was found by Gould and Schréder (1967)
[GS67],

3 1)’
opp = gor | — | rp(s0), (2.7)
8 So
where
1+ B2
epp(s0) = ﬂg Inag — BZnay —In® o
1-55
B,
12 +28p+4InagIn(ap + 1) — 4L(ay), (2.8)
0

2= 1-1/s, (2.9)
qo = (1+B0)/(1—fo), (2.10)
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and L(ayg) is the dilogarithm function,

L(ao) = —/an Mdt, (2.11)

which can be written as a series expansion;

1 &
L(ag) = 3 In? ap + 711-—2 - Z(—l)"_ln_2aa". (2.12)
n=1

The formula in Eq.(2.8) is computationally costly. However, an approximate

[N

10

OpdOr
T \HH‘

—— Gould and Schréder,1967
fffff Aharonian

10

Ratio

EW

Figure 2.2: The cross section gpp as given by Gould&Schréder, 1967 (solid line); i.e.,
Eq.(2.8), and computed from the approximate formula derived by Aharonian (dashed
line); i.e., Eq.(2.13). Both are shown in units of the Thomson cross section or. The
approximate formula is accurate to within 3%, as demonstrated in the lower panel.

form is given by (Aharonian, private communication),

_ 3o 1 1 1
opp = ﬁ|:<so+§lnso—€+E>ln(\/%+vso—l)

4 1 1
- ) Jie = 2.1
(so+9 980) ] (2.13)

which requires less CPU time, and still has an accuracy of better than 3%, as
evident from Fig. 2.2.

The mean free path is a key quantity in the numerical simulation, but from a
theoretical point of view, especially for PP, the optical depth is more important.
For the simple case, when the background photon field n(w) is independent of
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Figure 2.3: The mean free path length of a gamma photon in the 2.7 K microwave
background.

redshift, or when the redshift is too small to affect the background, the optical
depth becomes

PP — A;};d, (2.14)
where d = cz/Hj is the source distance corresponding to a redshift z, Hy being
Hubble’s constant!. The function pp is strongly peaked, with a maximum at

Wmaz = 4/5, (215)

and a convenient approximation for the PP optical depth [Her74, A*99] can
thus be written

o
Tpp ~ %wmazn(wmaz)d. (2.16)

The situation gets more complicated when the photons come from sources lo-
cated at high redshift, such that the effect of cosmological expansion has to be
taken into account. In this case, an observed photon with energy ¢ corresponds
to a photon emitted at redshift z with energy ¢, given by

€x =¢€o(l+ 2). (2.17)
The same applies to background photons;

wy = wo(l + 2). (2.18)
1n this work the Hubble constant has been set to Hyp = 60 km/s/Mpc.
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A natural consequence of the cosmological expansion is that the volume of the
universe was smaller in the past by a factor (1+ z)~3. Thus, if the background
photons were already in place at redshift z and no absorption or re-emission
occurs, the background photon field , n(w,, z), as seen by a comoving observer
in that epoch becomes

n(wz, 2)dw, = (1 + 2)*n(wo, 0)dwo. (2.19)

The PP optical depth associated with the photons from high redshift sources
must include the effects of redshift phenomena. The photon energy e, from
sources at high redshift z travels through the background photon field n(w,, 2)
in different redshifts before reaching the observer with energy €. The PP optical
depth, therefore, can be calculated by integrating Eq.(2.5) along the propagation
distance dz = —c dt/dz dz:

s dt

oo
Tpp(2s,€) = —c/ —dz/ dw,n(w,, 2)opp(es,w,), (2.20)
0o dz 1/e.,

where dt/dz is the cosmic time-redshift relation. The cosmic time relates with
redshift through the time derivative of the scaling factor R(t) which is model
dependent. In the Friedman cosmological model with cosmological constant
A =0 used in this work the cosmic time-redshift relation? is [Lon98]

dt 1

— = . 2.21
dz Ho(1+ 2)%(1 + 2gp2)1/? (221)

Therefore,

Zg o0
7pp(2s,€) = Hi / dz(1+2)2(1+ 2qoz)*1/2/ dw,n(w,,2)epp(e,,w.,),
0 1

0 Jes
(2.22)
where gp is the deceleration parameter3.
Another important function for the model is the resulting e energy distri-
bution. For very different energies between the colliding photons the resulting
distribution is given approximately by*? [AANS83]

dNe(Ye,w,€) 3or 4¢> dw(e — Ye)Ye
= In — 8we
drye 32w2e | (e — Ye)Ye €
2(2we — 1)€? 1 4
L 2we—1)e® (1 _ _> 7“]  (223)
(e —Ye)e we ) (€ —7e)*72

In Eq.(2.23), 7. = E./m.c? represents the electron (positron) energy, and € =
€ +w = ¢ gives the total lab-frame photon energy. The range of ~. is

;<1—H>§%§;(1+H>- (2.24)

2See more detail in Appendix A.
3This work uses gg = 0.5.
4subscript e in the formulas represents electron/positron.
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In the current model, the energy difference between the hard and soft photons
in the lab frame is greater than 10 orders of magnitude, and Eq.(2.23) is always
applicable.

The e* spectrum is symmetric about the energy €/2, which is also the min-
imum point of the function, as shown in Fig. 2.4. One can also see that the
larger sq is, the more pronounced and the further apart are the maxima of Fig.
2.4. For very large sg, one of the outcoming particles, e~ or e™, receives almost
all the photon energy (as seen from the lab frame).

(dN Jdy)/(dNJdy,)

ye/ Ye max

Figure 2.4: Differential spectra of e* from ~v pair production in different cases:
$0=10 (solid line), so = 3 (dashed line), so = 2 (dot-dashed line) and so = 1.5 (dotted
line).

2.1.2 Inverse Compton Scattering

To calculate the energy of a photon in the lab frame after scattering on an e*,

the photon energy can be transformed from the lab frame to the e* rest frame,
w' = yw(1l— Bcosh), (2.25)
where v = (1 — 82)~1/2 | § is the angle between the electron and photon mo-

menta, and 3 the e* speed in the lab frame. Applying the conservation of four
momentum in the e* rest frame gives a relation between the photon energy
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Figure 2.5: Feynman diagrams of IC.

before (w') and after (¢’) scattering;
/ w’

° = 1+ w'(l—cos®))’

(2.26)

Here,
cos ©] = cos @’ cos | + sin @' sin 6] cos(¢’ — @), (2.27)

where @) is the angle between the photon momenta before and after scattering,
6] is the angle between the scattered photon and the electron velocity before the
scattering, and ¢’ and ¢} are the azimuthal angles of the scattered and incident
photon in the rest frame. Transforming back to the lab frame, one obtains

e =ve'(1+ Bcoshy). (2.28)

In the special case of a head-on collision, the photon energy gain is given by
Emaz ~ 4y?w, which is quite large for a photon colliding with a high energy
electron. However, it is still small compared with the electron energy; in other
words the electron loses a small fraction of its energy in each scattering in the
Thomson regime. In the extreme Klein-Nishina regime, on the other hand, the
electron loses almost all its energy during one interaction.

In the lab frame, the total cross section for this interaction (e.g., Akhiezer
and Berestetskii, 1965 [AB65)) is

3o 4 8 1 8 1
=T 11— > - = )m@ ST — 2.29
7T iy [( x2> R BTy ) K
where x = 2wy, (1 — Bp).
The collision probability per unit distance for an electron propagating through
an isotropic photon gas with density n(w) is

dTIC
dx

- % /0 F1on(w)dw, (2.30)

where 77¢ is the e* optical depth, A;¢ is the mean free path length with respect
to IC, and the angle-averaged IC total cross section is

1 1
Tro — — 1— du. 2.31
i el 2/_1( Bu)orcdp (2.31)
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The exact solution for Eq.(2.30) [AKUV85, Pro86] is

Gro— 2 (i) (x0) (232

oic = 8UT Yo Yrc\xo), .

with
X0 = VeW, (2.33)
prc(xo) = F(xo(1+8)) - F(xo(1-5)) (2.34)
e (91 ¢ 1
F¢) = _Z+ (Z+E+§)1n(1+2£)+8+16§
3 1 2

~3 + 5 In® 2¢ + 12~ L(-2¢), (2.35)

An approximate formula for Eq.(2.32) was derived by Coppi and Blandford
(1990) [CB90]:

_3or
8X0

2 2 1 4 1
3t [(1————2>ln(1+2x())+—+——4. (2.36)

X0 Xo 2 xo 2(1+2x0)?

The functional dependence of 7 ¢ is shown in Fig. 2.6. In the Thomson regime,
xo < 1, the total cross section is energy independent. In the Klein-Nishina
regime, yo > 1, the et total cross section is a decreasing function of the e®
energy; i.e., o< Xg 1. The probability per propagation length for IC of an e*
passing through an isotropic photon gas is shown in Fig. 2.7.

Due to the fact that in the Thomson regime an e* loses only a small fraction
of its energy in each interaction, one can compute the associated, effective energy
loss rate. It is given by (e.g. [BG70])
dye 4

e gaTc'yzUph, (2.37)

where Upy, is the energy density of the isotropic photon gas

[ee)
U = / w (W) dw. (2.38)
0
The mean energy of the scattered photon is
4
E= 5725. (2.39)

The spectral distribution of the scattered photons via IC for the isotropic
photon gas [AA81] is

dN. 3o z? z 222
= 1+ + -
de dw? 21—2z) b(l-2z) b2(1-—2)2

B z3 2 In b(1 —z)
2b(1—x)2 b1 —x) z

(2.40)
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Figure 2.6: The approximation of the angle average IC cross section, Grc, [CB90] in
Eq.(2.36).

w b Emazx
= < — == 2.41
) Lz < 110 e ) ( )

€
r=— 2.42
= (242)
and

b = dwe. (2.43)

The spectrum of upscattered photons depends only on the parameter b, as
illustrated in Fig. 2.8. For small b i.e.; in the Thomson regime, the upscattered
photon population is predominantly in the low energy regime, whereas for large
b, corresponding to the Klein-Nishina regime, the population is shifted towards
high energies.

2.2 The Physical Model

The et pair halo model which was proposed by Aharonian, Coppi and Volk
(1994) [ACV94] concerns the effect of the intergalactic magnetic field on elec-
tromagnetic cascades of VHE gamma rays, 1 TeV < E.; < 1 PeV, from extra-
galactic sources.

The physical basis of the model is schematically shown in Fig. 2.9. The
VHE photons are emitted from an extragalactic source. Absorption of these
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Figure 2.7: Inverse Compton scattering mean free path in 2.7 K black body back-
ground photon distribution.

VHE gamma rays via PP with ambient soft photons (e.g., from the cosmic mi-
crowave background (CMB) [GS66] and the cosmic infrared background (CIB)
[WTW72, SJS92]) is substantial on cosmological propagation scales. Only
gamma rays with energies greater than several hundred TeV can interact with
CMB photons to produce pairs, whereas those with lower energies can produce
pairs in collisions with CIB photons. The number density of the low energy
gamma photon population is normally higher than that of the high energy one
for a reasonable source spectrum such as a power law. The PP opacity is there-
fore mainly due to the CIB. Even in the case of a monoenergetic distribution
of primary VHE photons at several hundred TeV, the CIB dominates the PP
opacity after several cascade generations.

On the other hand, the contribution to the IC opacity is dominated by the
CMB, rather than the CIB. The first generation e* pairs will interact with soft
photons from the same background photon field via IC and produce secondary
gamma rays. Almost all soft photons that interact with the e* are in the CMB,
because it has a much higher number density than the CIB. The IC upscattered
gamma photons in the Klein-Nishina regime are absorbed by the CIB, whereas
most of the photons from the Thomson regime experience an optically thin
background and propagate freely to the observer.

The extragalactic magnetic field plays an important role if it is sufficiently
strong, say |B| ~ 10~ G. The gyroradius Ry, of e*s of energy F, in this field
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Figure 2.8: Upscattered photon spectral energy distribution in arbitrary units for
different cases: b—0 (solid line), b=5 (dashed line), b=10 (dotted line), and b=50
(dot-dashed line).

is about Ry, = 100 pc (E,/100 TeV)(10~° G/|B|). At the same energy, E, =
100 TeV, the IC mean free path length A;c = 1 kpc, as shown in Fig. 2.10:
Rgyro < Arc. This means that after the ets are produced they will gyrate
several times before interacting with soft photons via IC, and therefore the
secondary gamma rays will be emitted isotropically. In previous cascade models,
which do not take into account the effect of the intergalactic magnetic field, the
assumption that all cascade particles travel in a straight line to the observer has
been applied.

The isotropically upscattered secondary gamma rays with an energy above
the PP threshold will produce a new generation of e*s, which in turn pro-
duce still another generation of isotropic secondary gamma rays. The cascade
develops until gamma rays of a later generation have an energy less than the
threshold energy, E.,, = m2c*/E,. Gamma photons with lower energies do
not interact with the background via PP, and therefore travel directly to the
observer. Such low-energy gamma photons are generated by the e*s via IC in
the Thomson regime. After many cascade generations, there are a large number
of e*s distributed isotropically around a VHE gamma ray source, and these
pairs produce gamma photons which may be detected by an observer.

Both the spatial and angular distributions of gamma-rays formed during the
cascade development in the vicinity of nonthermal extragalactic objects depend
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Figure 2.9: Physical picture of e pair halo.

on the CIB at the epoch corresponding to the redshift of the central source.
Thus, the detection and study of angular and energy distributions of gamma-
rays from Pair Halos surrounding extragalactic objects at different redshifts
would provide us with unique information about the CIB at remote cosmological
epochs and its evolution in time, not achievable by other means. Indeed, the
direct measurements of CIB, as well as the derivation of the CIB, based on
the study of absorption of gamma-rays in the intergalactic medium, contain
information only about the CIB integrated over large cosmological timescales.

Due to the fact that the radiation from the pair halo is isotropic, it can be
observed from any direction. This fact opens interesting possibilities, in that
certain types of VHE gamma ray sources have a highly anisotropic radiation
field (e.g., BL Lac galaxies) and can only be observed directly if their jet axis
is aligned with the observer. The phenomenon of pair halos might open a new
search channel for BL Lac galaxies which have not yet been identified.
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Figure 2.10: The PP and IC mean free path lengths for a specific CBR model, plotted
together with the e gyro radius for a magnetic field |B| = 107° G.
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Chapter 3

Monte Carlo Simulation

From the et pair halo model, the two most important observable quantities are
the et pair halo gamma photon energy and angular distribution. To calculate
the photon energy distribution from the electromagnetic cascade, most people
use the Monte Carlo method and calculation from two transport equations of
both e*s and photons.

The transport equation for the ets [Lee98] is

R, (Ee, t)

o —N(Ee,t) - c- /dEwn(Ew) (3.1)

X /dﬂ%(l — ﬂH)UIC(EeaEwHU’)

+c- / dE./R.(E.',t) / dE,n(E,)

1 do
X /dp,§(1 —ﬂlu)dTIC;(Ee;EelaEwau)

+e- / dER,(E.,t) / dE,n(E,)

1 dO'PP X
X/d,tl,§(1—,u) dE, (EeaEeaEwapf)
Qe (Ee,t),

where R, (FE,, ) is the differential number density of e*s at energy E. at time t,
n(E,) is the differential number density of background at energy E,,, Qc(Ee,t)
is an external source term for eTs at energy E. at time ¢, u is the cosine of
the interaction angle between the e*s and the background photons and f is the
velocity of the e*s. Eq.(3.1) describes the changing of the differential number
density within interval time dt. The loss rate in the first term is due to e*s
with energy FE. changing their energies via the IC. The other terms represent
the gain rate of the e*s differential number density due to: e*s with energy E.’
change to be E. via the IC (the second term), e*s produced by the PP (the
third term), the external e source Q.(E,,t) (the last term).

33
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For photons the equation is

dX. (E;,t)

ol = N(Bf) e / dE.n(E.) (3.2)

1
x / Ay (1 = w)opp(B., Bu,p)
te- / dERe(E,, t) / dE,n(E,)

1 dorc
X/dﬂi(l_ﬂﬂ/) d.E{ (EeaEeaEwa:u)
€

Qe (Ee, t),

where R (E,,t) is the differential number density of photons at energy E. at
time ¢t and Q.(FE.,t) is an external source term for photons at energy E. at
time ¢. The photon differential number density changes because of the loss rate
from the PP. Whereas the gain rate from the IC and the external photon source
are represented as the second and third term in the right hand side of Eq.(3.2)
respectively.

Using Eq.(3.1) and (3.2) to compute the energy distribution of the pair halo
is much more economical than Monte Carlo simulation in terms of computing
time. However, It is clear that the e* pair halo angular distribution can not
be gained by using these two transport equations. Another method that can
calculate both the energy and angular distribution of the pair halo. It is the
solving of the kinetic equations for different generations of particles produced
by the cascade [Kha03]. However, this method is only applicable for the pair
halo developing in the high magnetic field (~ 10~% G) region which synchrotron
cooling is not negligible. Monte Carlo simulation is the most suitable method
for calculating the pair halo angular distribution.

The Monte Carlo methods have been defined by Halton (1970) [Hal70]: the
Monte Carlo method is defined as representing the solution of a problem as a
parameter of a hypothetical population, and using a random sequence of numbers
to construct a sample of the population, from which statistical estimates of the
parameter can be obtained.

In the current work, the pair halos were simulated by following all particles,
i.e. e*ts and gamma-photons and calculating all interactions that these particle
encounter in the electromagnetic cascades. The Monte Carlo method was used
to generate parameters for many distributions that are needed for the simula-
tion. Monte Carlo simulation is arguably the best method, since this allows the
most comprehensive analysis for an arbitrary background photon field and pri-
mary VHE photon spectrum. This Chapter discusses the Monte Carlo scheme
which has been used in the current work.
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3.1 Simulation of the Pair Halo

Consider a VHE gamma photon source which is located at redshift z, while the
observer is at redshift 0. The distance between the source and the observer, d;,
equals the coordinate distance, D, (see Appendix A); i.e.,

dy = D,, (3.3)

that can be written as a function of the luminosity distance, D;, which is more
realistic distance,
D, = D;/(1+ z). (3.4)

The coordinate distance between two objects can be calculated by integrating
the line element along the propagation of light which travel from one objects to
the other. For the specific cosmology model such as the Friedmann model with
cosmological constant A = 0 used in the current work, the coordinate distance
can be expressed as [Mat58],

1 c
D= oy (et - [+ @m0} 69)
s 0

However, the equivalent expression given by [Ter77],

1 czs zs(1 — qo) ]
D= —— 1+ , 3.6
¢ (1+Zs) HO [ (1+2QO23)1/2+1+qozs ( )

is better in order to avoid terms that almost cancel at small ggz;. In the case
of small z, both Eq.(3.5) and Eq.(3.6) reduces to Hubble’s law, ds & cz,/Hp.

In the numerical code, there are two conditions which determine when an
electromagnetic cascade is stopped:

e The scattering takes place at a distance larger than a maximum value
given by d. = 103d,. This condition ensures that IC scattering beyond the
observer which produces radiation returning inward is taken into account.

e The e*s energy is less than a specified limit, E, < Ee¢ppin-

In principle, the interactions should be simulated until the e*s have lost
all their kinetic energy. For computational reasons, however, this approach is
impossible, and the second condition defined above is used. For most of the
simulations of the current work, the pair halo photon energy distribution is
considered only at energies E. above 10 GeV. In order to achieve good statistics
for the spectrum down to this value, the minimum electron Lorentz factor Ye min
is then defined according to

Ye ,min

Q
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with B, pnin = 10 GeV. In Eq.(3.7), the mean soft photon energy has been taken
to be approximately 6 x 10~%, corresponding to the CMB (see, e.g., [MW86]),
and an empirical constant factor (“0.1” in the formula) has been introduced. For
E.in = 10 GeV, Ye,min corresponds to an electron energy of F. min ~ 560 GeV.
In Fig. 3.1 the cases of E nin =~ 560 and 180 GeV are compared.

E? dN/dE [Arbitary Unit]

——  Egqpin =560 GeV
100 |-
E e Eqmin = 180 GeV
10’2 \\\\‘\\\\‘\\\\‘\\\\‘\\\\‘\\\\‘\\\\‘\i\
0 0.5 1 15 2 25 3 35 4
log(E/GeV)

Figure 3.1: The pair halo gamma photon SED computed with Fe min & 560 GeV
(solid blue line) and with E¢ min = 180 GeV (red dashed line).

The computational time consumed for the case F¢ min ~ 180 GeV is 5 times
longer than that for the case F¢ min ~ 560 GeV. If one injects one thousand pri-
mary gamma photons at energy 100 GeV, the total run time for one simulation
is about 30 minutes for the computer hardware available for the current work.
The statistical accuracy in the region £ > 1 TeV in Fig. 3.1 is still low. To
improve the statistical accuracy in the extreme high-energy region, the number
of primary gamma photons must be increased, unavoidably increasing the com-
putational time. A compromise can be obtained by considering the pair halo
SED in the regions £ < 10 GeV and E > 10 GeV separately. For £ < 10 GeV,
one can use a small number of primary photons but a low value of E, min, while
for E > 10 GeV a larger number of primary photons is required, but also a
larger value for E, min is acceptable. Moreover, the £ > 10 GeV energy range
covers the effective energy region for the next generation imaging atmospheric
Cherenkov telescopes system such as H.E.S.S. [Kon00], which is expected to be
able to detect pair halos.

For each primary gamma photon, the algorithm follows the cascade devel-
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opment through the following procedure:

1.

An energy value is given for a primary gamma photon which will start the
cascade from a specific source spectrum. Two types of primary photon
distributions have been used in the current work. One is monoenergetic,

dN
dE,

= §(Ee — E¢o), (3.8)

and the other is a power law distribution,

dN —a+1 _
= E.~¢ .
dE, EJ"‘H — EsfaJrl ’ (3.9)

where N is a sample number distribution, « is the power index and E.;
and E., are the upper and lower energy limits. The source of the VHE
primary gamma photons is located at the origin, (0,0,0).

. The free path lengths of the gamma photons are generated from the prob-

ability distribution

dN 1

b S —r/A 1

&~ App exp(—r/App), (3.10)
where App is a PP mean free path length which depends on the gamma
photon energy and the spectrum of the background photon field, as given
by Eq.(2.5).

. The propagation direction for the gamma photon is given in spherical

coordinates (7,6, ¢). Rather than using 6 and ¢, p and ¢ are used because
of their isotropic distribution in solid angle.

. The interaction point is computed from the free path and propagation

direction. At that point, the PP takes place and produces a e* pair. If
the point is located out of the considered sphere with radius d., this pair
will be abandoned and the algorithm considers other e*s in the memory.
If there are no e* in the memory, the algorithm will take the actions
described in item no. 11. On the other hand, if there is a particle, the
program will do as described in item no. 8.

. A photon to be pair produced is generated. Since the sample space of

the background photons that can interact with gamma photons is reduced
by the PP cross section, the distribution used is the product of the back-
ground photon (n(z, E,)) and the angle-averaged PP cross section (pp)
in Eq.(2.13);

dN

df = nPP(Za E67Ew) = EPP(EEVEW)n(z’ Ew) (31]‘)
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Figure 3.2: Comparison between npp and n for the case of 2.7 K background with
z = 0 and gamma photon energy is 100 PeV.

6. Energies for the e* pairs are generated. At this stage E. and E, are

known, and the spectrum of the produced e* in Eq.(2.23) is used to gen-
erate the energies for the e* pairs.

. A particle from the pair, say e', is recorded. The parameters that need

to be recorded are the particle energy and position. The other particle,
e, is followed for the next interaction. This particle will be abandoned
in the record when E, < F.,,;,, after which the program looks for a new
one. When there are no more particles in the record, the program will do
as described in item no. 11.

. A photon to be upscattered is generated. The distribution

dN
ﬁ = 7710(2, EeaEw) = EIC(EEaEw)n(za Ew)7 (3'12)

is used, with 1¢ from Eq.(2.36). The free path for e~ does not need
to be generated because in the model the e*s gyrate only across a region
which is very small relative to the size of the pair halo. Thus, it can be
assumed that they remain at the point where they are produced. If the e~
energy is less than the energy limit in Eq.(3.7), the program will abandon
this particle and follow the last e*s in the record. The action taken by the
program if there are no e* left in the record is discussed in item no. 11.
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Figure 3.3: Comparison between nrc and n for the case of a 2.7 K background with
z =0 and a gamma photon energy of 100 PeV.

9.

10.

11.

An upscattered gamma photon is generated. The spectrum of the gamma
photons from IC from Eq.(2.40) is used, where the e~ energy and soft
photon energy values are already known. After obtaining the gamma
photon energy, the energy of the e~ is subtracted.

The e~ is recorded, and the program follows the gamma photon. The
gamma photon has a higher priority than e*, in order that the cascade
be followed. The gamma photon is followed and the procedure in items
no. 26 is repeated.

When no particles remain in the record, the cascade is aborted and the
computations are finished for one primary gamma photon.

During the monitoring of a cascade, several variables have to be computed;
e.g., the propagation distances of the particles, the energy of the resulting par-
ticles in each interaction, and the soft photon energy w from the background
field. The next section discusses the techniques used in the program to compute
these variables.



40 CHAPTER 3. MONTE CARLO SIMULATION

3.2 Random Number Generator

In the current work, the Monte Carlo simulation uses two different random
number generators. One is a transformation method, and the other a hit-or-
miss method [Jam80].

3.2.1 Transformation Method

In order to generate random numbers from f(z), the transformation method
uses a normalized accumulated function of f(z):

1 T
Fla)= / £(8)ds, (3.13)
with a normalization factor
A= f(£)dz. (3.14)

The function F(z) is a monotonically increasing function in the range 0 to
1. When a random number £ has been chosen from a uniform probability
distribution on the interval (0,1), the variable = can be calculated. In the case
of F(z) being an analytically invertible function, one can find z from

z=F7Y(¢). (3.15)

However, if F(z) cannot be inverted, one can tabulate F(z) and = and find the
z-value corresponding to £ by interpolation.

This method is used to generate the free path length of the particles, with
a probability density which attains an exponential form,

f(z) = A" te®/A (3.16)
The normalized accumulated distribution is
F(z) = (1—e®/Y), (3.17)

and the free path length can be produced by inverting the normalized accumu-
lated function
z=—Aln¢, (3.18)

where A is the free path length from Eq.(2.6) for PP and Eq.(2.30) for IC.
The transformation method is computationally efficient in one-dimensional
problems, especially when F(z) is an invertible function. There are, however,
disadvantages of the method in multidimensional or many-variable problems, the
reason being that in these cases the accumulated distribution cannot generally
be inverted with respect to every variable. Typically, interpolating between
tabulated values is practical only for functions with up to two variables.
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3.2.2 hit-or-miss Method

The hit-or-miss method is the most simple technique for generating random
numbers, provided there is a distribution f(z) from which random numbers «
can be taken. The procedure is as follows:

1. Two random numbers, o and ¢, within the intervals (Z,in, Tmaz) and
(Ymin, Ymaz ), are independently obtained from a uniform probability dis-
tribution.

2. The hit-or-miss condition is checked: if £ < f(«) then « is accepted (hit),
but if £ > f(«) then « is rejected (miss).

The distribution of the accepted a will have the same shape as f(z).

The necessary parameters are Tin, Tmazs Ymin, and Ymaz. However, in
practice, at least in this simulation, only .4, is an unknown parameter. Hence,
in this simulation before the program generates the random number from a
distribution function f(z) the program has to find the maximum value of f(z),

ymaw-
The efficiency of the hit-or-miss technique depends on

_area under f(z) fzz:;’ f(z)dz (3.19)
P = area of sample space  (Tmaz — Tmin) X (Ymaz — Ymin) ’

When p = 1, the area under the curve f(z); i.e., the “hit” area, is nearly the
same as the sample space area. Most of the sample in the sample space is in the
hit area. In contrast, if p < 0.5, most of the sample is in the “miss” area, and
the program has to generate random numbers many times to get a satisfactory
value.

One advantage of this technique, and the main reason that it was chosen for
the current work, is that it can be applied for many-parameter problems, such
as is the case for the pair halo model.

In PP, the hit-or-miss technique is applied for two tasks. One is to generate
the energy of the pair produced e* from Eq.(2.23), which depends on two pa-
rameters (v and w ) and one variable (E.,). From Fig. 2.4, it is seen that this
method is very efficient when sg is a low value. Fortunately, most of the PP
processes in the pair halo model concerns such cases.

The other task is to generate soft photons from the background photon
distribution. For this task, the methodology that was suggested in [Pro86] has
been applied, where the soft photons are generated from a modified background
photon distribution, npp(E.;w) in Eq.(3.11). Here, p < 0.5, so this technique
is not particularly efficient. However, because the program deals with a number
of PP which is much lower than that of IC, it is still acceptable to use this
technique for generating soft photons.

In IC, the hit-or-miss technique is applied only in order to generate the
energy of the upscatter gamma photons from Eq.(2.40). As seen from Fig. 2.8,
this method is not very efficient in the Klein-Nishina regime, but it is quite good
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in the Thomson regime, especially in the case of b < 10. Fortunately, most of
the IC processes in the cascade are within the last regime.

The hit-or-miss method is not appropriate for generating the IC interacting
soft photons from the modified background photon field 7;¢, as in Eq.(3.12).
This is partly due to the fact that p < 1 for the modified background photon
distribution, but also because most of the interactions that occur in the program
are IC in the Thomson regime. Thus, the computational demands here are high.
The hit-or-miss method together with the comparison function technique; e.g.,
[PTVF94], is needed to solve this problem.

Such a technique can be used to improve the random number generated from
the hit-or-miss method, especially in the case of p < 1. The idea is to apply
a transformation method to generate random numbers a from a distribution
function g(x) that has the following properties:

1. g(z) > f(x) for all z

2. g(z) is an integrable function for which the accumulated distribution in-
vertible.

When « is generated, g(a) will be set equal t0 Ymaz- Then isotropically dis-
tributed random numbers £ from (Ymin,Ymaz) are generated. The hit-or-miss
condition is applied to £ in order to select a from the distribution f(z). The effi-
ciency of this technique depends on how close the function g(z) is to f(z). This
technique can be modified for application to problems that have many parame-
ters by finding an integrable function g(z) which satisfies g(z) > f(z1,Z2, ..., Tn; )
for all z and all parameters x1, ..., .

3.3 Collecting Data

Strategy

A specific strategy has been adopted for collecting data from the simulation, in
order to reduce the number of primary gamma photons; i.e., computation time.
The strategy is based on the fact that the halo is spherically symmetric, and
thus observing from any direction from a given distance yields the same picture.
An observer located at a sphere with a radius equal to the distance between the
VHE gamma source and the observer, d;, is formed, with the VHE photon source
located at the center of the sphere. During the simulation, whenever gamma
photons cross the observer sphere, this implies that the observer can detect these
photons. Therefore, information on these gamma photons is recorded. Gamma
photons crossing the observer sphere are allowed to continue cascading, and the
photons they subsequently produce, can reach the observer.

Following this strategy, there are two important observable quantities from
the pair halo that can be computed. One is the energy of the observable gamma
photons, and the other is their angular distance from the source, §. The algo-
rithm used to compute these quantities will be introduced below. Not only does
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this scheme reduce the number of particles needed in the simulation, but it also
yields a particularly efficient computation of the angular photon distribution.

Pair Halo Angular Distance Determination

As shown in Fig. 3.4, the normal vectors on the observer sphere are always in
the same direction as the line of sight. Therefore, the angle between the photon
direction of propagation and the normal vector can be interpreted as the angular
distance of the observed gamma photons from the VHE source.

Observer

Figure 3.4: Geometry picture shows how to collect data from the simulation.

If gamma photons, produced at ro and propagated through a distance D in
the direction k., cross the observer sphere (with radius R), the condition

(ro k)2 4+ R2—712>0 (3.20)

has to be satisfied. If Eq.(3.20) is not satisfied, the gamma photons never
cross the observer sphere. Otherwise, the distance between the point where the
gamma photons were produced and the crossing point can be calculated from

d=—(ro-k,) +1/(ro-k,)? + B2 — 2. (3.21)

For d < 0, the gamma photon propagates in the direction opposite to IA(,y, and
this case is rejected. If d > D, the gamma photons interact with a soft photon
before reaching the crossing point; otherwise the real crossing point can be
calculated by .

r; =ro +dk,. (3.22)
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At this point the angle 6 is given by

I‘]_-k,y

cosf = .
|r1]

(3.23)

Note that because the probability density in #-space is proportional to cos 6,
the histogram in this case has to be weighted by the factor | cos™! §|. For more
detail, see Appendix B.

3.4 Sample Monte Carlo Simulation

In this section, the results of a simulation will be explained in detail, together
with the underlying assumptions. The source H1426+428 is a BL Lacertae ob-
ject at 2=0.129, and is here assumed to be a VHE gamma ray source producing
a pair halo.

Source luminosity Lo = 10%° erg/s
Monoenergetic
Primary gamma photon | (dN/dE),,,,... x 6(E — Eyp)
spectrum Eop = 100 TeV
CIB model Primack et al.,2000
Redshift 0.129

Table 3.1: Summary of the quantities and parameters used in the program for a
preliminary simulation run.

The parameters that have been used for the sample Monte Carlo simulation
are summarized in Table 3.1. In subsequent sections, these input parameters
will be presented in a similar fashion. Several reports on H1426+428 [A*02a,
DA*02, HT02] show energy fluxes over several energy bands of order 1043 —10%4
erg/s. For this example, we assume unboosted, isotropic emission, which gives
a source luminosity Lo ~ 10?5 erg/s. The infrared background photon field
from [PSBDO00] using the Salpeter initial mass function (IMF), as illustrated in
Fig. 3.5(a), is also consistent with the redshift value of z = 0.129. The mean
free path length with respect to the background photon field for both PP and IC
is presented in Fig. 3.5(b). In both figures, the quantities have been calculated
from Eq.(2.6) for PP and Eq.(2.30) for IC.
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Figure 3.5: Left panel: (a) The background photon field at 2=0.129. The CIB
component is from [PSBD00]. Right panel: (b) The mean free path length of gamma
photons with respect to PP, and of e* with respect to IC, given the background photon
field.

Figure 3.6(a) and (b) show a sample SED and angular distribution for a pair
halo using simulated data. Below, the assumptions and approximations used
for producing these figures are discussed.

The main assumption used to obtain the pair halo energy flux is that the
cascade is in a steady state, implying a constant primary VHE photon flux from
the central source. The steady-state has been used in several previous works
on cascades; e.g., [AKUV85, Pro86, Zdz88]. The observed pair halo gamma-ray
luminosity is then proportional to the luminosity of the VHE primary gamma

photons, and one obtains
Lo = kE;, (3.24)

where k is a constant used to convert energy to luminosity, and

B2 ANt
E, = / dE E <—) , 3.25
° El dE source ( )

with Nt being the number of primary photons used in the simulation. At this
point, it should be noted that in the numerical code the integration in Eq.(3.25)
is computed via a summation, which is practical for a histogram representation.
Since the histograms are presented in logarithmic scale, the summation is given
by

E, = AlogE; E; | —— 3.26
'i:zl g <A log Ez ) source , ( )

where NiT, E;, and Alog E; are respectively the photon number, the mean
energy, and the logarithmic bin size of the i** bin. The mean energy of the first
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Figure 3.6: Left panel:(a) The spectral energy distribution of the observed gamma
photons from the halo within 1°. Right panel:(b) Angular distribution of observed
pair halo gamma photons with energy above 10 GeV.

and last bin correspond to log E; and log Eq, respectively. The corresponding

SED becomes
dNt NI
2 N~ E | —2— . 2
E dE ¢ (AlogEi> (3-27)

Equation (3.27) is used to represent the energy distribution throughout this
work. During a cascade, the total primary gamma photon energy is converted
into three forms: pair halo gamma photon energy Epqi,, pair energy E., and
survival primary gamma photon energy E’;

Es = Epato + Ee + EL. (3.28)

Analogously with Eg, Exqi, can be calculated from
Eralo = AlogE; E; | —~— R .29
hal ; 0og Alog E; . (3 )

where the first and last bin correspond to 10 GeV (the chosen minimum value)
and the pair halo maximum energy, respectively.
The luminosity of the pair halo gamma photons,

Lhalo = kEhaloa (330)
is related to the source luminosity via

Lhalo _ Ehalo

31
L, E, (3.31)
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From this relation, the pair halo luminosity can be found, and the pair halo flux
can be calculated via

Fhalo = KEhalo
= Z Alog E,L‘ HE,L' <m) 5 (3.32)
i=1 hal
where
Lo
R = m. (3.33)

The factor k is used to convert the energy into energy flux, and thus yield the

pair halo SED:
dN Ni
@) —m(gs) . e
aE ) ;.00 Alog E; halo

where N is the particle flux received at the observer sphere.

The spectral energy distribution of the pair halo gamma photons can be
divided into two regions with respect to the SED maximum point, E* [ACV94].
As seen from Fig. 3.6(a), E* &~ 150 GeV. The region of the SED where the
photon energies are above E*, hereafter referred to as the high energy region
(HER), contains information about the CIB.

The flattening at £ > 1 TeV of the SED, for example, shows the influence
of the mid-infrared part of the background photon field, which has the form
n(E,) « E, ', as seen from Fig. 3.5(a). For such the background spectrum,
the PP optical depth (see Eq.(2.15) and (2.16)) will not depend on gamma
photon energy any more. Therefore, the flattening arises in this energy range.
This flattening feature will pay an important role in order to constrain the CIB
in mid-infrared region which has the highest uncertainty because of the zodiacal
light in local solar system.

Figure 3.7 shows that most of the photons in the HER are in the center of
the halo, while photons with energy lower than E*; hereafter referred to as the
low energy region (LER), come from all angles. This fact is confirmed by the
angular distribution, as discussed below.

The photon angular distribution is arguably the most important prediction
of the pair halo model. Figure 3.6(b) shows the angular distribution at energies
above 10 GeV within 1°. As seen from the figure, the population of gamma
photons is concentrated towards the center of the halo. The angular distribution
satisfies the normalization

IN(E > E)
—————dQ=1 .
| , (3.35)

where {2 = 47 is the solid angle of the whole sphere and the limiting energy has
been set to E; = 10 GeV for every differential angular distribution presented in
this work.
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Figure 3.7: Left panel:(a) The pair halo SED for different opening angle size. Right
panel:(b) The same SED in different angular regions.

The angular distribution can be fitted by a polynomial function

dN aj as

% =g T g Tl (3:36)
where al,..., a4 are fitting parameters. For the angular distribution in Fig. 3.6(b),
the parameters are presented in Table 3.2. In some simple cases, further dis-

al am as a4
0.152 x 1072 | 0.521 x 10~ ' | 4.05 | -332.5

Table 3.2: Summary on the fitting parameters of the angular distribution in
Fig. 3.6(b). These parameters were calculated using the normalization given by
Eq.(3.35).

cussed in Appendix C, the angular distribution is given to a good approximation
by using only the second and third terms. The gamma photon angular distri-
bution at different energies is shown in Fig. 3.8(a). The figure reveals that the
flux and statistical accuracy decrease with increasing energy. This result is as
expected.

However, from an observational point of view a more interesting property
is the shape of the angular distribution. For the energies 10 and 100 GeV, the
angular distributions do not deviate substantially, while those at 10 GeV and 1
TeV have rather different profiles. For example, at 10 GeV the flux at 8 = 0°
is two orders of magnitude above that at § = 1°, and at 1 TeV the difference is
three orders of magnitude. This implies that the larger the angle, the smaller is
the high energy flux. This conclusion can be drawn by inspecting the normalized
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Figure 3.8: Left panel:(a) Gamma photon angular distribution at different energies.
Right panel:(b) Cumulative angular distribution at the same energy. Note that
Integrated flux = 1 ” implies that the cumulative angular distribution equals unity
when 6 = 180°.

cumulative angular distribution, which is plotted in Fig. 3.8(b). In this figure,
a different normalization has been used for the various curves; with E; being
respectively 10 GeV, 100 GeV, 500 GeV and 1 TeV. The curves reveal how the
halo gamma photons with energy above E; are distributed over the plane of the
sky.

The surface brightness of the halo for different energies is represented in
Fig. 3.9. Although these plots are less applicable for quantitative analysis,
they give crucial keys to how a halo would appear observationally. To obtain
the surface brightness, the azimuthal angles ¢ have been randomized from the
uniform probability distribution from 0 to 27. Each observed gamma photon
has been put in the x-y plane at a position given by

x = 6fcos¢ (3.37)
y = 0sing. (3.38)

Note that the resolution in the figure is Az = Ay = 0.1°, which is approximately
the same as the resolution of HEGRA and H.E.S.S. [Kon00] Cerenkov telescopes.

The very highly concentrated flux at the halo center is seen at every energy
range, as evident from Fig. 3.9. Using this property, together with the fact
that the specific gamma photon flux increases towards lower energies (as seen
from Fig. 3.8), a pair halo is most easily detected via the lower energy gamma
photons. This is an advantage for searching after blazar-type objects with their
jets not pointing towards the Earth.

It is conceivable that when observing with a gamma ray telescope with a low
energy threshold, say 100 GeV as for H.E.S.S., one would see a large number
of halos on the sky which unveil hidden blazar-type objects. The flux from the
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Figure 3.9: Left panel: Surface brightness of the pair halo for energies 10 GeV and
100 GeV. In the text, these plots are referred to as (a) and (b). Right panel: Surface
brightness of the pair halo for energy 1 TeV, and a 2-dimensional histogram of the
surface brightness corresponding to (a). In the text, the plots are referred to as (c)
and (d).

halos can be used to estimate the luminosity of the central engine. Since the
photons from the VHE sources cannot be observed directly, the gamma photon
flux has a contribution only from the halo.

Figure 3.10 shows the angle-energy relationship for the pair halo gamma
photons. As seen from this plot, the characteristic size of the halo decreases
with increasing photon energy.
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3.5 Simulation for High Redshift Sources

Source luminosity Lo = 10% erg/s
Monoenergetic
Primary gamma photon | (dN/dE),,, ... %< 6(E — Eq)
spectrum Ey = 100 TeV
CIB model Primack et al.,2000

Redshift 2

Table 3.3: Summary of the quantities and parameters used in the program for the
high redshift case.

In the case of high redshift sources, the Monte Carlo simulations become
more involved, because some cosmological effects can no longer be neglected.
For high redshift problems, two variables must be modified in the simulation.
First of all, one must account for the redshift of the observed photon energy,

E.,

E. = . .
142 (3:39)
Secondly, the angular distance involves the cosmological redshift;
d(1
A6 — %, (3.40)

where d is size of the object and D, the coordinate distance.

However, a more serious difficulty that arises for high redshift sources is that
the assumption of a non-evolving background photon field along the propagation
path no longer holds. To account properly for the background photon field, soft
photons have to be generated all along the line of propagation, which involves
redshifts from z to 0.

Instead of simulating all interactions in the cascade from the source to the
observer, the algorithm follows the cascade in a certain region around the source.
In the program, this region is defined to be sphere with radius » = D.A#, using
A6 = 5° and assuming that within this region the CBR is in the same epoch as
the source and does not change significantly.

The flux of gamma photons from a cascade in this region is set to be the
primary halo gamma photon flux, F;(E.), using the relation in Eq.(3.32) with
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Figure 3.11: Cosmic background radiation at z = 2, for the energy range correspond-
ing to the CIB region.

the new flux-energy conversion factor, k., which accounts for the cosmological
redshift:

= T (3.41)

where & has been defined in Eq.(3.33). The factor (1 + z)~2 converts the coor-
dinate distance D, into the luminosity distance, D; which already includes the
cosmological expansion. This is further discussed in Appendix A.

The observed halo gamma photon flux, Fpqi0(E.), can be calculated by mul-
tiplying the primary halo gamma photon flux with the opacity factor, exp(—7pp);

Fhrato(E:) = F1(Ec) exp(—Tpp), (3-42)

where 7pp is calculated from Eq.(2.22). This leads to an abrupt high-energy
cutoff. However, this method differs from that used in the low-redshift simula-
tions, since it is not entirely self-consistent; the energy of high-energy photons
interacting with the CBR via PP is not added to the SED. Nevertheless, at high
and moderate energies this method produces accurate results.

The results from the simulation from the above scheme are presented in
Figs. 3.11- 3.15, with the parameters given in Table 3.3.
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Figure 3.12: Attenuation factor corresponding to the CBR in Fig. 3.11.
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Figure 3.13: The pair halo SEDs from a monoenergetic source at z = 2 before (dotted
line) and after (solid line) suffering absorption from the IGM.)
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Figure 3.14: The PP and IC mean free path length for different energies corresponding
to the CBR in Fig. 3.11.
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Figure 3.15: Left panel: The differential angular distribution from the pair halo at
z = 2. Right panel: The corresponding cumulative angular distribution.
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Chapter 4

Pair Halo Study

There are three main parameters that can affect the energy and angular distri-
bution of a giant pair halo;

1. the initial primary VHE gamma photon energy distribution

2. the background photon field or the cosmic background radiation (CBR)
composed by the cosmic microwave background (CMB) and the cosmic
infrared background (CIB),

3. and the distance between the gamma rays source and the observer, indi-
cated by the redshift.

The first two quantities are especially uncertain and not easily accessible by
measurements. It is of particular interest to determine how these quantities
affect pair halos to study the sensitivity of pair halo characteristics to these
parameters.

4.1 Pair Halos from Different Source Spectra

4.1.1 Monoenergetic Distribution Sources

In this section, a pair halo will be studied for different mono-energetic injected
primary gamma photons. Table 4.1 summarizes the assumed luminosity (Lo),
energy of the injected photons (Eg), CIB model, and redshift. In the second
row of the table, Eg-values are shown in different colors and plotted with lines
corresponding to those used in other figures. The infrared background photon
field model and redshift are the same as in the previous section, for which the
background and mean free path are shown in Fig. 3.5.

Table 4.2 shows (for each Eg) the pair halo (Lpq,) and absorbed flux lumi-
nosity (Lgps) in percent of the total source luminosity. The Eq = 100 and 500
TeV cases have no surviving primary gamma photons, and since the number

57
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Source luminosity Lo = 10*° erg/s
Monoenergetic
Primary gamma photon | (dN/dE),,,... < 6(E — Eq)
spectrum
Eo = 10 TeV (solid line)
Eo = 100 TeV (dashed line)
Eo = 500 TeV (dotted line)
CIB model Primack et al.,2000
Redshift 0.129

Table 4.1: Summary of quantities and parameters used in the simulation program,
for the case of halos with (different) monoenergetic sources.

of injected primary gamma photon are 10* and 1.8 x 103 respectively, L,ss can
only be said to be less than 1072% and 5.6 x 10~2% respectively.

Consider first the 10 TeV monoenergetic case. Comparing the spectral en-
ergy distribution (SED) in Fig. 4.1(a) and (b), it is evident that when one
considers pair halo angular distances § < 180°, the SED is higher than when
considering only § < 1° over the whole energy interval. The SED peak is also
somewhat higher in the § < 180° case than in the § < 1° case.

The situation is different at higher energies. For the cases of monoenergetic
injection at 100 or 500 TeV, practically all photons in the high energy region
(HER) are produced near the center of the halo. Moreover, Fig. 4.2 shows that
within 1° (1 — p ~ 1.5 x 10~%) the highest energies for each angle are more or
less the same, in contrast with the results shown in Fig. 3.10 where a similar
distribution is shown for the case of monoenergetic injection at 100 TeV. This
may imply that the corresponding e®s have roughly the same energy. Note
that Fig. 3.10 and Fig. 4.2 show results from identical situations, except for the
energy of the primary gamma photons. The Ey = 10 TeV case can be considered
as a single-generation cascade pair halo, since the PP mean free path length is
about 100 Mpc, which is the same order as the source distance and larger than
the radial distance of about 10 Mpc which corresponds to an opening angle is
1°. The next generation PP will take place with more or less the same mean free
path, see Fig. 3.5(b). By then most of the second generation e*s have escaped
the region corresponding to 1°. The first generation e*s interact with the CMB
soft photons in the Thomson regime producing continuous secondary gamma
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Figure 4.1: Pair halo gamma spectral energy distributions (SEDs) from a source
located at z = 0.129 with luminosity Lo = 10* erg/s for the cases of monoenergetic
and power-law distributions of emitted primary gamma photons as function of energy
in unit GeV; (a) § < 1° and (b) 6§ < 180° are presented in left and right panels
respectively.

photon energy distribution. Therefore, it can be said that the spectrum of the
pair halo gamma photons in this case is the IC spectrum of the first generation
cascade e*s.

In the cases of Eg = 100 and 500 TeV the PP mean free path of the primary
photons are smaller than 10 Mpc; i.e., 2 Mpc and 10 kpc respectively. This
means that several generations of cascades have already developed at the center
of the pair halo. Therefore, only gamma photons near the center of the halo
have energies up to the maximum, whereas the outer parts of the halo contain
only low-energy gamma photons.

An interesting result evident from Fig. 4.1(a) is that in the whole energy
range considered, the gamma photon flux from the Ey = 100 TeV case is greater

N’y Eq Lhato Laps 690%
(E > 10 GeV) (E > 100 GeV)

10° 10 TeV 30.1% 0.03% 11.7°

104 100 TeV 28.9% <1072% 4.6°

1.8 x 103 | 500 TeV 29.0% < 5.6 x 1072% 4.6°

Table 4.2: The Table shows the injected number of photons (V) the luminosity of the
pair halo (Lrato) and the absorbed (Lass) flux in unit of percent of the source luminosity
(Lo), and the angular distance that contains 90% flux of the pair halo gamma photons
with energy more than 100 GeV for different monoenergetic distributions with different
Eq.
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Figure 4.2: The pair halo gamma photon distribution plot in 1 — y (reaching up to
1°) and energy space from the monoenergetic case with an energy of 10 TeV.

than that in the Eg = 500 TeV case. The reason is that the 500 TeV gamma
photons can interact with the CMB which has a much higher number density
and consequently the PP mean free path is very short (App(500 TeV) ~ 10 kpc).
Many generations of the cascade are produced at the core of the halo and lead
to a rather different energy spectrum for the gamma photons than for the Eg
= 100 TeV case. It is known that the differential energy distribution of the
gamma photons from the cascade in an optically thick medium is a power law
with index 1.5 [BG70, Zdz88, AANS83] , see more explanation below. While
there are several cascade generations in the Eg = 100 TeV case, the number of
the gamma photons which generate observed gamma photons is bigger than in
the case of Eqg = 500 TeV. Therefore, the SED from 10 GeV to several TeV of
the Eg = 100 TeV case is higher than the Eqg = 500 TeV case even integrated
over all observing angles.

The conclusion from the Eg = 500 TeV case motivates a comparison with
the case Eg = 1 PeV monoenergetic source. As shown in Fig. 4.3, the SED and
the pair halo gamma photon angular distribution are identical in both cases. In
both cases the primary gamma photons are totally absorbed close to the source
and develop cascades over many generations. After that they form the same
energy distribution as the gamma photons. From this result, one can see that
the pair halos from a very high energy, say more than about 500 TeV, have the
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Figure 4.3: Comparison of the SED and angular distribution between the case of 500
TeV and 1 PeV monoenergetic primary gamma photon sources.

identical energy and angular distribution.

The monoenergetic distribution is converted immediately into a power-law
distribution which will then in turn produce a larger halo than in the Eg =
100 TeV case. Since the cascade SED follows a power-law with index 1.5, it
is reasonable to expect that the SED and angular distribution of the pair halo
gamma photons from both the power law and the 500 TeV monoenergetic case
should be approximately the same. Figure 4.4 shows the comparison, and
supports this expectation. However, there are some differences between the
power law and monoenergetic case, as shown in Fig. 4.4(b). In the first bin
of the histogram, the flux from the monoenergetic case is higher than in the
power law case, while in other bins it is lower. The essential reason is that
in the monoenergetic case the whole first generation cascade is initiated in the
first bin, while in the power law case the primary gamma photons may initiate
cascades at larger distances.

It might be concluded here that in a monoenergetic source with very high
energy, high enough to pair produce with CMB, the first pair halo f