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Abstract

M-type red dwarfs are among the most active stars. Their light curves display 

random variability of rapid increase and gradual decrease in emission. It is believed 

tha t these large energy events, or flares, are the manifestation of the permanently 

reforming magnetic field of the stellar atmosphere. Stellar coronal flares are observed 

in the radio, optical, ultraviolet and X-rays. With the new generation of X-ray 

telescopes, XMAI-Newton and Chandra . it has become possible to study these 

flares in much greater detail than ever before. This thesis focuses on three core 

issues about, flares: (i) how their X-ray emission is correlated with the ultraviolet,

(ii) using an oscillation to determine the loop length and the magnetic field strength 

of a particular flare, and (iii) investigating the change of density sensitive lines during 

flares using high-resolution X-ray spectra,

(i) It is known that flare emission in different wavebands often correlate in time. 

However, here is the first time where data is presented which shows a correlation 

between emission from two different wavebands (soft X-rays and ultraviolet) over 

various sized flares and from five stars, which supports that the flare process is 

governed by common physical parameters scaling over a large range.

(ii) As it is impossible to spatially resolve any but a very few giant stars, the only 

information 011 spatial dimensions as well as the magnetic field strength of stellar 

coronae has to come from indirect measurements. Using wavelet analysis, I isolated 

the first stellar X-ray flare oscillation. Interpreting it as a standing coronal flare 

loop oscillation, I derived a flare loop length as well as the magnetic field strength 

for this X-ray flare.
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(iii) The high-resolution soft X-ray spectra of Chandra and XMM-Newton allow 

us to determine temperatures, densities and abundances of the stellar coronae. De­

spite a low signal-to-noise ratio because of the relatively short duration of a flare, we 

find that, if adding up the photons of several flares, certain density sensitive spectral 

lines change significantly between quiescent and flaring states. This project led on to 

investigate the flaring spectrum further, and it is found that the plasma is no longer 

in collisional ionisation equilibrium, but that it is dominated by recombinations.
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Chapter 1

Introduction

1.1 M dwarfs

1.1.1 G eneral properties

Solar-like stars, that is cool stars with spectral type F, G, I<, and M along the main- 

sequence of the Hertzsprung-Russell (HR) diagram, show various degrees of activity, 

flares being among the most energetic. Stellar flares radiate in all wavelengths, from 

radio to y-rays, typically lasting from tens of minutes up to several hours, and 

releasing energies of up to 1034 erg (Pettersen, 1989). They are understood to be 

manifestations of the dynamic magnetic fields dominating the stellar atmospheres.

A list defining the various stellar classes referred to in this work is given in 

Table 1.1. The dMe stars which are analysed in this thesis all fall into the following 

categories: active dwarfs (more loosely, I sometimes also refer to them as active 

stars), flare stars, red dwarfs, solar-like stars, late-type stars, and cool stars.

The detection by Grotrian and Edlen of a million degree hot corona surrounding 

the Sun was made more than 60 years ago measuring optical lines of highly ionised 

elements. First solar X-ray photons were recorded during a rocket flight around 

10 years later in 1949 by Burnight, while the Skylab mission in the early 1970s was 

crucial for our understanding of the X-ray corona of the Sun. The first stellar coronal

17
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Table 1.1: Terminology

Cool stars : all stars cooler than type A, i.e., F, G, K and M

Hot stars : 0  and B stars

Late-type stars : stars which are or were type F, G, K or M during their 

main-sequence phase

Early-type stars : stars which are or were type 0  or B during their main- 

sequence phase

Solar-type stars : stars close to G2 during their main-sequence phase (like the 

Sun); can also be young (pre-main sequence) or evolved

Solar-like stars : stars with an outer convection zone, which are F, G, K or 

M, on or close to the main-sequence phase

Dwarf : here: solar-like star

Red dwarf : M star on or close to the main sequence

Active dwarf dMe (or dKe) stars which show lot of coronal activity and 

flare frequently

Active star here: active dwarf

Flare star active dwarf
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observation was made of Capella during a rocket flight (Catura et al., 1975), and 

soon after the first stellar X-ray flares were recorded with AMS'on YZ CMi and UV 

Get (Heise et al., 1975).

Late-type stars all have convective envelopes, which support dynamic magnetic 

fields. These fields rise from the interior to the outside, trapping ionised particles 

and sustaining the stellar atmosphere. While in the dense stellar interior the gas 

pressure is larger than the magnetic pressure, the opposite is true for the stellar 

atmosphere. There the dilute ionised plasma particles are tied to the magnetic field 

lines and can only move along them.

While the average solar corona is around 1-2 MK, compared with the solar sur­

face temperature of around 6000 K, the average temperature of coronae from active 

stars can be several times higher, i.e., 7 -8MK. which is closer to the average tem­

perature of the solar corona above an active region. As many of these stars are of 

type M, with surface temperatures of around 3500 K, the temperature gradient from 

their surface to the corona is steeper than on the Sun.

The thermal emission of the hot coronae is best studied in the soft X-ray (1-50 A )  

and extreme ultraviolet (EUV) regime (50-1000 A ) ,  as many atomic transitions at 

hot temperatures (> 1 MK) fall into this range. However, X-ray and EUV obser­

vations need to be made in space because these regimes are not transparent to the 

E arth’s atmosphere. Classical activity indicators therefore are hot lines in the op­

tical (4000-7000 A )  and near UV range (2000-4000 A )  visible from the ground, like 

the hydrogen Balmer series Ha (A6563A), H(3 (A486lA), Hq (A4340A) etc., as well 

as C all H (A3968A) and K (A3934A) and Mgll h (A2802A) and k (A2795A). which 

are typically formed in the chromosphere and occur during flares.

Red dwarfs (main-sequence M stars) are the most common stars and make up 

around 78% of the stellar population (Ledrew, 2001). They lie at the cool end of 

the HR diagram. W ith a B — V  colour index between 1.35 and 2.1 and effective 

temperatures below 3500 MK, the peak of their black-body emission lies in the in­

frared. Because of their low optical luminosity, optical flares can easily be observed
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above the stellar black-body background. They can temporarily increase the stellar 

luminosity by several magnitudes. Comparatively, detecting optical flares on the 

Sun, which is a G2 main-sequence star with Teff = 5770 K and therefore has its 

peak black-body emission in the optical, is much more difficult because of the lower 

contrast.

Of all the stars, flares are most frequently observed on a certain class of M-type 

stars. These active stars are also known as ‘flare stars’ or dMe stars, i.e., dwarf, M- 

type, with the Ha-line (A6563A) in emission. During solar flares, the Ha-line is in 

emission, while for the quiet Sun this line is absorbed. For flare stars, Ha is always in 

emission, which is explained by their permanent flaring activity. Sometimes, these 

stars are also referred to as UV Ceti-type stars in honour of their prototype UV 

Ceti.

M and K stars can be divided into two categories, the ones with the Ha line in 

emission (dMe/dKe), and the ones with the Ha line in absorption (dM/dK). The 

emission-line stars are much more active, which is seen in their higher X-ray emission 

(Mathioudakis & Doyle. 1989; Mullan & Fleming, 1996) and frequent flaring activity. 

However, non-emission-line stars also show flaring activity, albeit to a much lesser 

extent. Mullan & Fleming (1996) conclude that the active stars are covered to a 

much greater extent in active regions (above 50% of the surface), while the active 

region coverage of the relatively inactive stars must be below 10%. The inactive 

stars resemble much more the F and G stars, where Ha is also in absorption and 

their spot coverage is only a few percent of the stellar surface (0.01-1% for the Sun, 

which is a particularly inactive star).

1.1.2 M agnetic activ ity

Stellar X-ray emission is connected to the convective envelope. Flares are observed 

across the HR diagram, but they are concentrated along the main-sequence of late- 

type stars. Flaring is proportional to the volume of the stellar convection zone Vcz
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(Pettersen, 1980). Vcz increases from the more massive early F to the less massive 

m id/late M stars until the star is fully convective at M  «  0.3M©, which is the case 

for M5V and later stars, or Lboi < 3 • 1031ergs-1 . For even lighter objects, the 

overall activity then starts to decline, although occasional flares are also observed 

for very late M stars and brown dwarfs (e.g., Stelzer et al., 2006).

The stellar activity is dependent on the spectral type: (i) Later stars are more 

active because they have a larger convection zone, (ii) Fast rotators are more active,

(iii) Younger stars are more active, a possible simple explanation is because they 

are rotating faster. Ultimately, the magnetic field is responsible for activity.

Stellar magnetic activity is dependent on age, chemical composition, mass and 

rotation rate of the star. Cool stars with convective envelopes all show soft X-ray 

emission. Between stars, the X-ray emission varies from 1026 to 1031 erg s-1 , but 

is not dependent on the stellar type. Lowest levels of X-ray emission from a star 

can be as low as the X-rav emission from a solar coronal hole, while highest levels 

are around the level of solar active regions, suggesting the star is entirely covered in 

active regions (during solar maximum, up to 1% of the solar surface gets covered by 

active regions). However, the maximum emission a star can produce is dependent 

on the volume of the convection zone (Pettersen, 1989).

An activity indicator frequently used is the ratio between X-ray and bolometric 

luminosity, Lx/Lboi- While Lboi decreases from the earlier, more massive F-type 

to the later, less massive M-type stars. Lx/Lboi increases, which is related to the 

relative size of the stellar convection zone. While A-type stars have no convection 

zone at all and show no X-ray emission, late M-tvpe stars are fully convective. Stellar 

interior models show that not only relative, but also absolute values of the convective 

envelope volume increases for later-type stars, until a star is fully convective, which 

is the case for M5V or later stars with masses smaller than ~  0.3 A/© and radii 

below 0.4 R e .

Another correlation is L \ versus rotation rate PTOt . the faster a star rotates, the 

more active it is, until the correlation reaches saturation for very fast rotators. An
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indirect measure of magnetic activity is the ratio of X-ray to bolometric (i.e. total) 

luminosity Lx/^boi- For high magnetic activity, the X-ray luminosity is relatively 

large. Compared to other stars, the Sun shows only moderate magnetic activity, 

with L x / L hoi 10 7 around solar minimum and increasing to «  10 6 during solar 

maximum, while active M stars are with Lx/Tboi ~  10-3 at saturation limit.

There is a close correlation between the Lx/Tboi ratio (or ultra-violet activity 

indicators, Mathioudakis et al., 1995) and the Rossby number. The Rossby number 

is given by Ro =  Prot/Tc, where rc is the convective overturn time. rc is an increasing 

function of B  — V, with B  — V  increasing for later-type main-sequence stars (Noyes 

et al., 1984). The stellar rotation slows down with stellar age. Thus, young, late- 

type stars with a small rotation period and a large convective overturn time have 

a small Rossby number and show high magnetic activity, while older arid younger 

stars have a lower magnetic activity.

With age, the stellar activity is declining due to a slow-down of the rotation 

rate. Observations show that young stars with disks slow down much more than 

stars without surrounding disks because angular momentum is transferred from the 

star onto the disk.

Stars below a stellar mass of around 0.35 Mr., are believed to be fully convective 

(Chabrier & Baraffe, 1997) and can therefore not support a solar-type all-dynamo, 

which operates at the tachocline between the convection and the radiation zone 

(Parker. 1975).

The all-dynamo, which relies on differential rotation and shear forces at the 

tachocline. which is missing in fully-convective, late M stars, cannot be responsible 

for the strong magnetic activity of these stars. Instead, the idea of a dynamo which 

acts in the convection zone only has been brought forward, which could be either 

a locally acting turbulent dynamo (Drake et al., 1996) or a large-scale a 2-dynamo 

(Chabrier & Kiiker, 2006). Apart from the non-existent tachocline. four observa­

tional facts support a convective dynamo: (i) the absence of differential rotation,

(ii) the absence of magnetic activity cycles similar to the 11-yr solar cycle, (iii) the
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increase of activity with the volume of the convection zone, and (iv) the fact tha t a 

fully covered solar surface with active regions would not reach the X-ray saturation 

limit of L x/L b0i = 10-3 which is observed for many flare stars; for the Sun, the ratio 

would only be around 10-4 (Vilhu, 1984; Giidel, 2004). The last finding suggests 

that a convective dynamo is more efficient than the afTdynamo. The rotational de­

pendence of X-ray activity in fully-convective stars suggests further that the stellar 

rotation rate determines the activity level of the convective dynamo. For stars with 

a tachocline, both dynamos may be at work, the dominant contribution depending 

on whether there is fast rotation (convection dominated) or large differential rota­

tion (afl  dominated). Both these dynamos produce variable magnetic fields, which 

lead to reconnection and flaring.

Are there qualitative differences between flares caused by either dynamo, or are 

they purely quantitative? The ‘convective dynamo’ flares are certainly more fre­

quent and often more energetic. But what about the flare geometry and radiation 

processes? Are we allowed to apply the solar analogy to deduce stellar flare proper­

ties?

1.1.3 Features o f the dM e stars treated  in th is work

Table 1.2 lists the seven dMe stars studied in this thesis and some of their properties. 

The spectral type is from the SIMBAD database, which omits the V for some of 

the stars. Many other sources, however, list these targets as Ha emitters, and all of 

them are flaring frequently. All stars are in the solar neighbourhood within 10 pc (or 

just around for AT Mic). At 1.3pc, Proxima Cen is the closest star to the Sun and 

a distant companion of a  Cen A and B. It is also the X-ray faintest in our sample. 

UV Cet (GJ 65B) forms a visual binary with BL Cet (GJ 65A), with a separation of

5.06 AU or 2?’ on the sky, which is unresolved by XMM-Newton , but resolved with 

Chandra (Audard et al., 2003). Both components, however, are of similar spectral 

type. AT Mic is another unresolved binary system with XMM-Newton but with
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Table 1.2: Targets and their properties
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Name UV Cet YZ CMi AD Leo Prox Cen AT Mic AU Mic EV Lac

GJ 65 B 285 388 551 799 AB 803 873

Sp. Type" M5.5e6 M4.5Ve M3.5V M5.5Ve M4.5C MlVe M3.5e
Parallax d 

[mas]
Distance

[pc]

381±6

2.62
±0.04

169±3

5.9
±0.1

213±4

4.69
±0.09

772±2

1.295
±0.003

98±5

10.2
±0.5

101±1

9.9e
±0.1

198±2

5.05
±0.05

B - V a 1.85 1.61 1.54 1.97 1.58 1.44 1.36
y a 12.52 11.12 9.43 11.05 10.25 8.61 10.09

A l y f

L ho\ ■ 1030
[ergs ]

T eff \ K] h

15.4

5.59

2950

12.3

47

3150

11.1

91.6

3450

15.5

6.56

3050

11.0»

99^

3380

8.63

240

3515

11.6

53.5

3300

R * / R e h ,14±.01 .37±.06 .43±.06 ,14±.0U .47* .67 .36±.04

M / M e k .11±.02 0.26 0.37 0.11 0.38 0.68 0.32

-3.30 -2.94 -3.14 -3.65 -2.85 -3.05 -3.05

P rot [days]m 27±7 2.78 2.7 42.0 2.04n 4.87 4.38

Ro° 0.892 0.099 0.099 1.335 0.072 0.184 0.169

“From the SIMBAD database
6GJ 65 A (BL Cet). with a separation of about 2'' (5.06 AU). which is unresolved with XMM- 

Newton but resolved with Chandra (Audard et al., 2003). is of the same spectral type as GJ 65 B.
cBoth components, separated by 2”.8 («  29 AU. Masciadri et al.. 2005) and unresolved in 

X-rays, are of the same spectral type.
dFrom HIPPARCOS (Perryman et al., 1997). except for UV Cet (Harrington & Dahn, 1980) 

and AD Leo (Jenkins. 1952)
eSeparated from AT Mic by 40000 AU, or 1.3° on the sky (Gliese & Jahreiss, 1988)
AJsing M y =  V 4- 5 (log(Parallax) +  1)
^Scaled to one component
^From Pettersen (1980). except for AT Mic and AU Mic (Lim et al.. 1987). /?* was derived 

using Lboi =  47r/? (̂rTpff. where a  is the Stefan-Boltzmann constant and Hr. =  6.961010cm. 
Corrected for the newer HIPPARCOS distance (Perryman et al.. 1997)
^Direct interferometric measurement (Segransan et al.. 2003) yields the same radius. 
A'Calculated from the empirical mass-luminosity relationship for M dwarfs given by Delfosse 

et al. (2000) using M y,  except for the direct measurement of UV Cet (Lacy, 1977)
/With EXOSAT  X-ray luminosities from Pallavicini et al. (1990)

mFrom Mathioudakis et al. (1995) and references therein, except for the predicted value of UV 
Cet (Doyle, 1987) and AT Mic (see note n)

"Using Prot =  27r/j,+ (t’sim )~1 with usinz =  11.7km s-1 (Fuhrmeister et al., 2004)
°Ro =  Pto\ / tc. with the convective turnover time rc calculated using B  — V  (Noyes et al., 1984)
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Table 1.2: Targets and their properties -  continued
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Name UV Cet YZ CMi AD Leo Prox Cen AT Mic AU Mic EV Lac
log(S)f
[cms J 5.2« 4.7 4.79 5.2r 4.7 4.6 4.8

v sims 
[kms-1] 0.26 6.8 8.1 0.17 11.7 7.0 4.2

Chapter 3 3 5 5 3, 4 3, 5 3, 5, 6

fUsing g =  ( ^ )  ge,
^Values in agreement with Leggett et al. (1996) 
rValue in agreement with Segransan et al. (2003) 
sUsing Dsini —

* rot

Table 1.3: Solar parameters

Sp. Type B - V My Ten R ;: M,

G2V 0.656“ 4.8 5770 K 7 1010 cm 2 1 033 g

logfoe [cms-2]) Lbol Lx/Lboi r’eq Trot Ro

4.44 3.91033 ergs-1 0.25-2.5 10-66 2 kms-1 25.38 days 2.06c

“Gray (1992)
6Haisch et al. (1990) 
cNoyes et al. (1984)

both components of the same spectral type. Thus, a flare observed on UV Cet or AT 

Mic could originate from either of the two components, but flare comparisons with 

spectral type are still meaningful because of the same spectral type. Both systems 

are also separated well enough not to share a common magnetic envelope, thus not 

belonging to the RS CVn variables, where magnetic loops could connect one star 

with the other and result in huge flares. AU Mic forms a distant proper motion pair 

with AT Mic, with a separation of 40’000AU or 1.5deg on the sky, while AD Leo 

has a very low mass binary companion with a separation of 0.366 AU. The other 

two stars in the sample, YZ CMi and EV Lac, are single stars.

The stars in the sample are all young objects having just reached or approach­

ing the main sequence, thus placing their age at or younger than 1 Gyr. AT Mic
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and AU Mic are possibly the youngest of the sample, both belonging to the /? Pic 

moving group, of which isochrone studies estimate an age of 20±10Myr (Barrado 

y Navascues et al., 1999). However, recent findings (talk by E. Jensen at CS14) 

show that AT Mic is totally Li-depleted and stellar models suggest that it should 

therefore be at least 40 Myr old.

A disk was detected between 50 and 210 AU around the earliest star in our 

sample, AU Mic (Kalas et al., 2004). So far, no disks were detected around any 

of the other stars, which might be because of (i) sensitivity limits, as disks around 

later stars would be less massive and therefore less luminous, (ii) dusty disks are 

expected to have completely disappeared by 100 Myr, and only AU Mic is young 

enough to still have a disk, or (iii) disks are more difficult to form around binary 

stars (e.g., young AT Mic).

Stellar winds are also observed. For solar-like stars, the mass-loss rate is propor­

tional to the stellar X-ray luminosity, but also to the age of the star (Wood et al., 

2002). Younger stars have stronger winds. The mass-loss rate of AT Mic is 450 A/0 , 

the one of AU Mic is 720 M0 , where A/0 =  3 • 10-14 A/0 yr-1 (Chen et al., 2005). 

Proxima Cen has a mass-loss rate of less than 0.2 A/e , and EV Lac around 1 A/0 , 

which is uncharacteristically low for active M dwarfs (Wood et al., 2005).

Star spots have been observed on many of these stars, traditionally inferred by 

periodic light curve variations, which also yield the rotational period. E.g., Pettersen 

et al. (1983) do this exercise for EV Lac and YZ CMi. Alekseev (2005) finds spots on 

EV Lac on low latitudes (6-16°), and that they show an anti-solar drift from equator 

polewards, along with an anti-solar differential rotation (slow at equator, faster closer 

to the poles), with a cyclic period of 7.5 vr. On EV Lac. very strong (4 kG) magnetic 

fields have also been measured (Johns-Krull & Valenti, 1996). Recently, Cincunegui 

et al. (2007) found indications of a stellar activity cycle of 442 days in Proxima Cen.
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1.2 Flares

1.2.1 Stellar flare observations

The first stellar flare observations were made in the late 1930s and 1940s in visible 

light on UV Cet, YZ CMi, AD Leo, WX UMa, Proxima Cen, and DO Cep (see list 

in Lippincott, 1952), all of which are active M stars. While the magnitude of WX 

UMa was found to change between observations (van Maanen, 1940), variations in 

the optical spectrum were observed on UV Ceti (Joy & Humason, 1949) and Proxima 

Centauri (Thackeray, 1950). The first stellar flare light curve was observed in the 

optical by Gordon & Kron (1949) on AD Leo.

Flares on M stars have also been observed in radio, optical and UV, and soft 

and hard X-rays. dMe-tvpe stars, active M-type dwarfs, are among the most active 

stellar objects. Their frequent flaring allows us to observe flares during almost any 

observation, wrhich is fortunate, as available satellite observation time is generally 

limited. However, sometimes it can get difficult to catch a quiescent time interval 

in order to compare the flaring state to the quiet one.

1.2.2 T he standard flare m odel: M agnetic reconnection  and  

chrom ospheric evaporation

The “standard” picture of a solar flare is that it is caused by reconnection of the 

magnetic field, which unleashes non-thermal electron and proton beams at the re­

connection site. These beams travel along the magnetic field lines (while emitting 

gyro-synchrotron radio emission) and impinge on the chromosphere (or even photo­

sphere), where they produce bremsstrahlung seen in hard X-ravs (from electrons) 

and 7-rays (from protons) while heating the material at the foot points of the flare 

loop. The ionised chromospheric material then evaporates along the magnetic field 

lines of the (post-) flare loop upwards into the corona.

Ultra-violet (UV) as well as broad-band white-light (WL) radiation is produced
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somewhere along this process, as a flare is often also seen in these wavelengths. It 

is not yet clear how exactly this radiation is produced, but it must be related to the 

impulsive phase of the flare, as it shows a steep rise concurrent to the hard X-ray 

light curve. On the Sun, it is difficult to observe WL radiation, as the WL flare 

emission is much weaker than the photospheric black-body radiation peaking in the 

same wavelength range. On the other hand, WL flares (WLF) are often seen on 

dMe stars, their background radiation being much weaker, with a black-body peak 

in the infrared. Therefore, it is easier to observe and study WL or near-UV flares 

on M-type stars than on the Sun.

Figure 1.1 visualizes chromospheric evaporation. Magnetic loops form a dense 

network over most of the Sun’s surface into the corona, emerging from the inter- 

granular spots on the photosphere. The charged particles in the corona are confined 

to these field lines which define a loop, as seen e.g. in TRACE  images. If two closed 

field lines/loops are in such a configuration that rearranging themselves would yield 

a lower potential energy, they reconnect. During the extremely fast reconnection 

process, particles are accelerated from the reconnection site and travel downward 

along the loop (Fig. 1.1). The fast, non-thermal electrons gyrate along the field lines, 

emitting gvro-synchrotron radio emission. They also collide with the surrounding 

plasma and emit bremsstrahlung in hard X-rays (> 20 keV); this happens mainly in 

the chromosphere, where the plasma is denser than in the corona. In this process, 

the plasma ions get excited and/or higher ionised. The chromospheric plasma in the 

magnetic loop is now hotter than the one above it, thus it expands and rises along 

the loop into the lower corona. This process is called chromospheric evaporation. 

Subsequently, the rising ions in the heated plasma cool down again and emit mostly 

in soft X-ravs and extreme ultraviolet radiation (EUV) from atomic recombination.

If this chromospheric evaporation process is efficient enough it could account for 

most of the coronal heating; though, rather than heated, the hot coronal material 

is constantly replaced. Although the frequency of flare occurrence for large flares 

on the Sun is not high enough to explain a substantial amount of coronal heating,
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C l.

Photosphere

Figure 1.1: Chromospheric evaporation. From the corona, a non-thermal electron 

beam is accelerated along a magnetic loop down toward the photosphere. The rel- 

ativistic electrons gyrate along the magnetic field lines and emit gyro-synchrotron 

radiation in the radio frequency. When they reach the chromosphere, they collide 

with the dense plasma, exciting the ions and emitting hard X-ray bremsstrahlung. 

Thus, the plasma gets heated and flows up into the corona. Eventually, the plasma 

cools again and emits soft X-rays (SXR) from recombination processes. Subse­

quently, the material sort of condenses, falls downward, gets denser still and thus 

radiates even more SXR.
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there is evidence that the number of small flares increase rapidly with decreasing

energy (Krucker k, Benz, 1998; Parnell & Jupp, 2000), so tha t they could account 

for the bulk of coronal heating (Mitra-Kraev & Benz, 2001). Similar evidence but 

for larger flares is also seen on stars (Audard et al., 1999; Giidel et al., 2003).

The “Neupert Effect” (Neupert, 1968) describes how the thermal soft X-ray 

(SXR) emission is proportional to the integrated non-thermal hard X-ray (HXR) 

emission (and also to the non-thermal radio emission):

where Lsxr and Lhxr are the soft and hard X-ray luminosities, respectively, and t 

the time coordinate. This means that the non-thermal process is directly responsible 

for the plasma heating.

How does white-light flare emission fit into this picture? During the rise phase 

of a flare, white light very closely follows steep rise of the the non-thermal emission. 

Studying WLF on the Sun is not easy because of the large background optical/near 

UV light from the solar photosphere. But WLF on M stars are easily observed 

because their white-light emission is low, as their black-bodv radiation peaks in 

the infrared. It is therefore desirable to study the relationship between white light 

and other wavelengths during flares on active M stars. Understanding stellar white- 

light emission in the overall flare context is of particular importance, as WL is 

believed to be closely related to non-thermal emission, which is otherwise also seen 

in hard X-rays or the radio regime. The latter two wavelength ranges are fairly well 

understood on the Sun, but not often observed on stars; hard X-rays because there 

are not vet many observations available, while radio observations also depend on the 

flare geometry and not every soft X-ray flare is accompanied by a radio flare (Smith 

et al., 2005). However, optical flares are frequently observed.

Lsxn(t) ot j Lhxr(0 ^Jo
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1.2.3 F lare dim ensions

Solar flares can end up in single loop structures (1-loop flare), in arcades of flares 

(2-ribbon flare), or even more entangled magnetic features with many loops above 

an active region. X-ray observations of the Sun over a broad range in the soft X-ray 

band observed with Yohkoh revealed large, thick, fuzzy post-flare loops, where the 

diametrical cross-section can be around one tenth of the loop length. These cylin­

drical loops are filled with denser and hotter material than the surroundings. The 

GOES satellites, which mainly monitor the solar full-disk X-ray emission, observe 

in about the same wavelength regime. This X-ray range is also the regime where 

XMM-Newton and Chandra observe. Therefore, by analogy and assuming stellar 

structures are comparable to solar ones, the point-like stellar sources observed by 

XMM-Newton and Chandra may have underlying structures similar to the ones 

which were observed with Yohkoh on the Sun.

Solar observations with TRACE  and SOHO , which observe in a narrower coronal 

temperature band around 1MK, reveal even more and finer structures, and suggest 

the thick Yohkoh loops are made up from many thin, fine strands of magnetic field 

lines.

1.3 M agneto-hydrodynam ic waves

As coronae are dominated and highly structured by the stellar magnetic fields, the 

magnetic field lines can act as wave guides for magneto-hydrodynamic (MHD) waves. 

The waves can be traveling or standing waves. They can be magnetic dominated 

(Alfven waves), or pressure dominated, or a combination thereof. And a wave can 

be fast or slow. In the stellar interior, where the gas pressure is larger than the 

magnetic pressure, acoustic (pressure) waves travel fast and magnetic waves travel 

slowr. In the stellar atmosphere, where the magnetic field dominates over the gas 

pressure, the opposite is true: magnetic waves travel fast and acoustic waves travel 

slow.
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As the coronal plasma is highly ionised and dilute, the magnetic field dominates 

in the corona and the ionised particles must gyrate along the magnetic field lines. 

Using waves to probe into the structure of the corona has in the past decade matured 

into a discipline termed “coronal seismology” .

A flare loop is an ideal platform for a standing wave, acoustic or magnetic, 

where the wave period is proportional to the loop length. Additionally, the wave 

propagation depends on the local magnetic field strength, as well as the plasma 

density and temperature. Thus, measuring coronal waves enables us to probe into 

otherwise unobservable coronal properties. In the solar case, where the loop is 

resolved, the unknowns are usually the magnetic field strength and electron density. 

For stars, however, where the electron density can be measured from spectroscopy 

but no spatial resolution is available, an oscillation can be used to find the flare loop 

length as well as the magnetic field strength.

1.4 X-ray spectroscopy

A wide range of spectral features fall into the soft X-ray regime (1-50A), which is 

covered by the high-resolution instruments on-board XMM-Newton and Chandra. 

The K-shell transitions of carbon through iron and the L-shell transitions of silicon 

through iron fall in this region (Kahn et al., 2002). Furthermore, high-temperature 

astrophvsical plasmas, including stellar coronae, emit at these wavelengths. The 

emission spectrum depends on physical properties of the plasma like element abun­

dances, differential emission measure, temperature, density, opacity, but also on the 

type of ionisation equilibrium (IE) or non-ionisation equilibrium (NIE). Thus, the 

soft X-ray range is ideally suited to probe into plasma conditions.
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1.4.1 T em peratures and densities from line ratios

Temperature and density diagnostics by spectroscopy is best done by comparing 

certain sensitive line ratios of the same element, thus avoiding uncertainties in rel­

ative element abundance. The simplest temperature determination is achieved by 

comparing the line ratio of adjacent ionisation states of the same element; for higher 

temperatures, the higher ionisation state will become more populated. Density de­

termination, on the other hand, is often made by comparing certain density-sensitive 

line ratios of the same ion.

The He-like triplets of the resonance ( r ) ,  intercombination (?) and forbidden ( /)  

lines are well suited for both temperature and density diagnostics. The r ,  i, and /  

lines are given by the following K-shell transitions: 

r : ls2p 1Pi —* Is21 So

i : ls2p 3P 2,i —► Is2 !So

/  : 1s2s 3S i —> ls21S0

While the R  = f / i  ratio is sensitive to density, the G = ( f  -hi)/r  ratio is sensitive to 

temperature (Gabriel & Jordan, 1969: Porquet et al., 2001). The temperature sensi­

tivity arises because the collision strength of r  increases with increasing temperature, 

while the ones of /  and ? drop, thus G decreases with increasing temperature.

The density dependence arises from the fact that the electrons from the 3Si state 

can be collisionally excited into the 3P levels. At high densities this process dom­

inates over the radiative decay of the forbidden line such that the i line becomes 

stronger at the expense of the /  line. Thus, R  decreases with increasing density. 

The presence of a strong UV radiation field can act in a similar way through pho- 

toexcitation, and so the density diagnostics capabilities of the R  ratio can only be 

used if the UV radiation field is negligible, which is usually the case in a coronal 

plasma.

Figure 1.2 shows the calculated density dependence of the R  ratio for various 

ions using the CHIANTI database (Dere et al., 1997: Landi et al., 2006). The



CHAPTER 1. INTRODUCTION 34

6 

5 

4  

\  3

2

1 

0 
108 1010 1012 1014 1016 

Density [cm -3]

Figure 1.2: The //z -ra tio  as a function of density for He-like ions at their respective 
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temperature sensitivity ranges from 1069 K for the hottest ions (S i) to 105-7 K for 

the cooler ones (N ). The cooler ions are density-sensitive at lower densities, while 

the hotter ions probe only higher densities.

1.4.2 N on-ionisation  equilibria

Coronal plasma are usually in thermal ionisation equilibrium; in fact, the term 

“coronal” is often used as synonym for “thermal” . However, flares are quintessen- 

tially non-equilibrium, transient phenomena. Can therefore non-ionisation equilibria 

(NIE) be observed in stellar X-ray flare spectra? This depends on the equilibration 

timescale r  which is a measure for the time it takes a transient NIE plasma to reach 

ionisation equilibrium, and is inverse proportional to the ambient density (Mewe 

et al., 1985). Because of the high coronal densities, r  is usually around a second or 

smaller and therefore much too short to allow accumulating such a NIE spectrum 

with current telescopes. However, r  is also dependent on the temperature, and for 

the very high temperatures occasionally observed in stellar flares it can take values 

of up to several thousands of seconds.

Non-ionisation equilibria can be caused by either ionisation or recombination 

(Liedahl, 1999). Ionisation again can happen through either photoionisation or 

collisional ionisation. Each of these cases has a different signature in the X-ray 

spectrum.

The G ratio of the He-like triplets is a good indicator about the type of plasma. 

For a collisional ionisation equilibrium plasma (CIE), G is between 0.7 and 1.5, 

while an ionizing plasma has G < 0.7, and a recombining plasma G > 1.5 (Pradhan, 

1985). For recombinations, a large G ratio arises because electrons mainly recombine 

(directly and through cascades from higher orbits) into the 3Si state (from where 

they can also be excited into the 3P states if the density is high enough), but to a 

much lesser degree into the resonant !Pi level. Ionizing, on the other hand, is more 

efficient into the *Pi level because of its larger coefficient rate. In all of the above
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cases, the temperature dependency of the G ratio is still valid, but the dependency 

function is different for the various cases (Bautista & Kallman, 2000). Thus, in 

order to establish the temperature from the G ratio, the ionisation mechanism must 

be determined first.

1.5 Open questions

Can our knowledge from the Sun be extended to the case of low-mass stars? W hat 

are the physical conditions of M star flares, their structures, loop lengths and mag­

netic field strengths?

In particular, does the standard flare model with magnetic reconnection, particle 

acceleration and subsequent chromospheric evaporation hold for M star flares? If the 

answer is yes, then we may use the solar analogy to deduce stellar flare properties 

which are unobservable by direct means like spatial dimensions or (coronal) magnetic 

field strengths.

Active M stars are about 10 times more active than the Sun would be if it were 

covered entirely in active regions. This might be explained by a different dominant 

dynamo mechanism acting in these stars. A turbulent (or convective) dynamo which 

scales with the convective volume and the rotation rate might be more efficient in 

producing a magnetic field than the solar-like ail-dynamo. Are flares caused by 

such a “turbulent” magnetic field simply more frequent and often more energetic 

than solar flares but otherwise similar, or are there deeper differences? Does the 

flare-frequency distribution depend on the type of magnetic dynamo, and could in 

the turbulent case the coronal heating be fully explained by flares?

The turbulent dynamo and its effect can be studied in isolation on M stars, 

whereas on the Sun it is overshadowed by the a-ft-dynamo but may still play an 

important role. Does it? Could for instance a turbulent dynamo on the Sun be 

responsible for enough small flares to heat the quiet corona?

Apart from the Sun, which is the only place to observe spatially resolved stellar
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flares, active M stars are particularly good objects to study flares for the following 

reasons: the flaring rate is very high, which in turn enhances the chances to observe 

high-energy flares, where physics in extreme conditions can be studied; and as the 

black-body emission of M stars peaks in the infrared, all important wavelength 

regimes to flaring, including optical and UV, have a low background (unlike for the 

Sun).

1.6 Overview

This thesis concentrates on a few aspects of the general stellar flare picture, in 

particular aspects of M star flares. The chromospheric evaporation scenario is sup­

ported by simultaneous UV and X-ray flare observations, which follow a power-law 

relationship and show that UV flares peak before the X-ray ones (Chapter 3), as 

well as by the large density increase observed during flares in the He-like O VII lines 

(Chapter 5). Under the chromospheric evaporation assumption, an observed flare 

oscillation is used to determine the flare loop length as well as the ambient coronal 

magnetic field strength (Chapter 4). And finally, in Chapter 6, a high-resolution 

flare spectrum is discussed in detail, where it is found tha t the plasma is no longer 

in thermal equilibrium, but transient and recombining, which can only be observed 

under extreme conditions with very high temperatures. It also shows upflows and a 

possible photoionisation signature in the cooler elements, which may be caused by 

a strong UV radiation field.

Chapter 2 gives a short introduction to the instruments on XMM-Newton and 

Chandra which were used for gathering the data analysed in this thesis, while 

Chapter 7 ends this work with overall conclusions and a short outlook.
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Instrumentation

Since their launch at the beginning of this millennium, the X-ray satellite observato­

ries Chandra and XMM-Newton have revealed much information on the composition 

and physical conditions of stellar coronae (see review by Giidel, 2004), in particular 

because of their high-resolution X-ray spectral capabilities.

As one of ESA’s “cornerstone” missions, XMM-Newton1, launched on 10 Decem­

ber 1999, is the biggest ever scientific satellite built in Europe, while the Chandra 

X-ray Observatory2, which was launched on 23 July 1999, takes its place among 

NASA’s four “Great Observatories” . Both observatories have imaging and spectral 

capabilities in the 0.1-10 keV energy range. They are both in high-altitude elliptical 

orbits around the Earth, reaching to around a third of the Moon's orbit, with orbital 

periods of 48hrs for XMM-Newton and 64hrs for Chandra , and can thus observe 

for up to 37 and 48 consecutive hours, respectively. Their extended mission lifetime 

is 10 years each.

1 ht-t-p: /  /  sci .esa.int/  science-e/\v\v\v/area/index. cfm?fareaid=23
2 http: /  /  chandra.harvard .edu /  about /
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2.1 XM M -N ewton

The X-ray Multi-Mirror (XMM) assembly, which honors Sir Isaak Newton in its 

name, consists of three barrel shaped X-ray telescopes, each consisting of 58 gold- 

coated, concentric nested mirrors with 0.3 to 0.7m in diameter and 0.6 m in length. 

The total collecting area is 4300 cm2 at 1.5 keV and 1800 cm2 at 8 keV. The mirror 

grazing incidence angles range between 17 and 42arcmin and have a focal length 

7.5m (Jansen et al., 2001).

There are three main scientific instruments on board XMM-Newton : (i) the 

European Photon Imaging Camera (EPIC), (ii) the Reflection Grating Spectrometer 

(RGS, den Herder et al., 2001), both recording X-rays, and (iii) the Optical/UV 

Monitor (OM, Mason et al., 2001). which is co-aligned with the X-rav instruments 

and gives the telescope its multi-wavelength capacity.

Behind two of the three X-ray mirrors is an RGS, RGSl and RGS2 respectively, 

while EPIC detectors are at the end of the focal path of each of the three X-ray 

telescopes. The two EPIC detectors with an RGS in their optical path are equipped 

with mos-type CCDs (EPIC-mos, Turner et al., 2001), while the EPIC detector 

which receives the full photon flux operates on pn-CCDs (EPIC-pn, Striider et al.,

2001). All EPIC detectors have a circular field of view of 30'. while the resolving 

power (FWHM) for extended sources is 5".

Table 2.1 lists some of the key instrument features of XMM-Newton and Chandra 

in the X-ray range. The X-ray photons are all recorded with their arrival time and 

position on the detector, which in the case of RGS corresponds to energy and in 

the case of EPIC to the physical image. EPIC also records the energy, but with a 

much smaller spectral resolution than RGS. While the EPIC instruments have very 

high sensitivity, imaging capabilities and a large bandpass, but only limited spectral 

resolving power, RGS is optimised for a high spectral resolution.

The instrument time resolution is far better than the integration time needed 

to obtain a stellar light curve with a good signal-to-noise ratio (SNR), which is
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Table 2.1: Key instrument spectral X-ray features of XMM-Newton and Chandra

XMM-Newton a Chandra b

EPIC RGS HETGSC LETGSd

pn mos HEG MEG

Bandpass E  [keV] 0.15-15 0.15-12 0.35-2.5 0.8-10 0.4-5 0.07-10

Bandpass A [A] 0.8-82 1-82 5-38 1.2-15 2.5-31 1.2-175
Spectral 

resolving power 
E / A E  or A/AA

20-50 20-50 200-800 65-1070 80-970 25-1000

Spectral resolution 
A A (FWHM) [A] 1.0e 0.9e 0.06' 0.012 0.023 0.05

Maximal effective 
area A ê  [cm2] 1000 400 140 ~50 ~140 25

Time resolution 0.03 ms 1.5 ms 0.6 s 2.85 ms-3.24 s 10 ms

“From the XMM-Newton Users' Handbook, see 
http://xmm.vilspa.esa.es/externaI/xmm_user_support/docinnentat.ion/uhb/index.htm] 

bFrom the Chandra Proposers’ Observatory Guide, see 
ht t p: /  /cx c . harvard. ed u /  proposer /  P O G /  pog_pd f. ht m 1 

CHETG with ACIS-S 
rfLETG with HRC-S 
eAt. 1 keV
■Alen Herder et al. (2001)

http://xmm.vilspa.esa.es/externaI/xmm_user_support/docinnentat.ion/uhb/index.htm
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usually chosen to be 100-200 s for a broadband EPIC-pn light curve. There is a 

trade-off between high spectral and good time resolution. For a nearby M star, an 

integration time of 30 ks yields a decent high-resolution X-ray spectrum. However, 

the SNR is often too low for studying spectral changes during a flare which only lasts 

for perhaps 5 ks. Good SNR over such short integration times can only be achieved 

for extremely bright flares with lot of emission. Unfortunately, such huge flares do 

not occur often and are therefore very rarely observed. Summing up spectra from 

many flares can somewhat overcome this limitation, although this only allows to 

study average flare properties.

The Optical Monitor (OM), which is co-aligned with the X-ray instruments and 

operates simultaneously, monitors the sky in the optical and UV. Its primary mirror 

has a diameter of 30 cm. The field of view is lT’x l? ’ and the imaging resolution 

0.5” , 1” , or 2” (depending on timing constraints). It has six broad-band filters in 

the range from 180 to 580 nm, and one for ‘‘white-light” which transmits light over 

the full range. Additionally, it contains two grisms to obtain spectra, one optimised 

for the UV, the other for the optical range. Finally, a magnifier can provide high 

spatial resolution in a 380-650 nm band. One of the 10 filters only can be chosen 

for each exposure. The observations analysed in this thesis (Chapter 3) were made 

with either the UVW1 (245-320 nm) or the UVW2 (180-225 nm) filter.

The OM can operate in either the ‘IMAGE’ or the ‘TIMING’ mode. The IMAGE 

mode is optimised for spatial resolution, while a single exposure takes between 800 

and 5000 s. As an overhead of around 300 s has to be added in, the best cadence 

achieved in IMAGE mode is around 1100 s. In TIMING (or fast) mode a time 

resolution of up to 0.5 s can be achieved (with a maximal exposure length of 4400 s). 

For monitoring active, variable stars (point-sources!) the TIMING mode would 

generally be desirable. However, the observations presented here were all obtained 

during the early stages of the XMM-Newton mission, where technical problems 

were encountered with the TIMING mode. Therefore, although the targets were 

originally proposed to be observed in TIMING mode, this could not be done, and
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the IMAGE mode was used instead. The problems have since been resolved.

2.2 Chandra

The Chandra X-ray observatory, named after the astrophysicist Subrahmanyan 

Chandrasekhar, has an assembly of four pairs of nested mirrors coated with iridium, 

with grazing angles ranging from 27 to 51 arcmin and a focal length of 10 m. The 

effective area at IkeV is 800 cm2, the mirror resolution 0.5” .

Chandra is equipped with four X-ray instruments3, two with imaging capabil­

ities, the Advanced CCD Imaging Spectrometer (ACIS) and the High-Resolution 

Camera (HRC), and two high-resolution spectrometers, the High-Energy Trans­

mission Grating Spectrometer (HETG) and the Low-Energy Transmission Grating 

Spectrometer (LETG). Unlike the instruments on XMM-Newton , the science in­

struments on Chandra do not observe simultaneously.

The ACIS can be for imaging (ACIS-I) or in conjunction with either of the two 

transmission grating spectrometers (ACIS-S), while HRC can be used for imaging 

(HRC-I) or as readout for LETG (HRC-S). The right side of Table 2.1 lists some 

of the key spectral features for the two different transmission grating spectrometer 

configurations of Chandra , HETGS and LETGS.

This work only uses Chandra data taken in the HETGS (HETG+ACIS-S) con­

figuration, therefore I will concentrate on its description. The collected X rays first 

pass through the HETG spectrometer and are then recorded on the ACIS detector 

chips. The zeroth order photons form an X-rav image on the detector, while the 

first and higher order spectra are dispersed in a straight line away from the zeroth 

order image, the position depending on the energy of the recorded photon. Thus, 

each photon gets recorded with its individual energy and arrival time. The HETG 

consists of two gratings, the high-energy grating (HEG) and the medium-energy 

grating (MEG). Their grating arms are offset by an angle of 10° on the detector.

3http://cxc. harvard.edu/cdo/about_chandra/overview _cxo.html

http://cxc


Chapter 3

Flares in X-rays and ultraviolet

3.1 Summary

We present simultaneous ultraviolet and X-ray observations of the dMe-type flaring 

stars AT Mic, AU Mic, EV Lac, UV Cet and YZ CMi obtained with the XMM- 

Newton observatory. During 40 hours of simultaneous observation we identify 13 

flares which occurred in both wave bands. For the first time, a correlation between 

X-ray and ultraviolet flux for stellar flares has been observed. We find power-law 

relationships between these two wavelength bands for the flare luminosity increase, 

as well as for flare energies, with power-law exponents between 1 and 2. We also 

observe a correlation between the ultraviolet flare energy and the X-ray luminos­

ity increase, which is in agreement with the Neupert effect and demonstrates that 

chromospheric evaporation is taking place. This work was published in Mitra-Kraev 

et al. (2005a).

3.2 Introduction

XMM-Newton is an ideal platform for observing cosmic sources simultaneously in 

X-rays and ultraviolet (UV). In particular, flux and energy comparisons between 

these wavebands are important in understanding the flare mechanisms in stellar
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coronae. Late-type stars typically show high coronal activity similar to the Sun, 

with flux variability through all observed wavelength bands. dMe-type stars are 

particularly active. They show frequent flaring activity (Pallavicini et al., 1990), 

as well as strong emission lines (including the Ha Balmer emission line, which is 

denoted by the ‘e’ in dMe). Soft X-rays (<12 keV) typically originate in the corona, 

while UV radiation comes from the chromosphere and transition region. Flares are 

observed in both wave bands, but what is the physical process that connects X-ray 

and UV flares?

In the chromospheric evaporation picture (see, e.g., Antonucci et al., 1984), flares 

are believed to be due to the energy release from the reconnection of magnetic 

field lines in the lower corona. Electrons are accelerated at the reconnection site. 

They gyrate downward along the magnetic field lines, emitting gyrosynchrotron ra­

dio emission. Their collision with denser material in the chromosphere unleashes 

bremsstrahlung seen in hard X-rays (>20 keV). Both the gyrosynchrotron radio and 

hard X-ray flare emissions are impulsive, with a fast increase and a steep decay. At 

the same time, the electrons impulsively heat the chromosphere, which results in 

prompt optical/UV emission which closely correlates with the hard X-ray emission 

(Hudson et al., 1992). During the collisions, the chromospheric ions get further 

ionised, the material heats up and evaporates, increasing the density and the tem­

perature of the reconnected loops in the corona. The hot material is seen in soft 

X-ray and extreme ultraviolet emissions, where the light curves are more gradual, 

with a slower increase than the impulsive emission and a much longer, exponential 

decay. The impulsive and gradual emissions are often temporally connected through 

the “Neupert effect” relation (Neupert , 1968: Dennis & Zarro, 1993)

indicating that the gradual radiative loss rate is directly proportional to the cu­

mulative impulsive energy input, and suggesting that the energy input from the 

non-thermal electrons is responsible for the heating of the plasma.

Lgrad(0 — Q [  LjmpUls(f ) dt JO 
(3.1)
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The soft X-rays originating from the hot (>1 MK) coronae of late-type stars are 

dominated by emission lines (H- and He-like transitions of C , N , O , Ne, Mg, 

and Si, and FeK- and L-shell transitions), indicating thermal processes. The UV 

emission from dMe stars is mainly line emission formed around 104 K (Linsky et al., 

1982), though during flares continuum emission is also observed in the near-optical 

UV band (Hawley &; Pettersen, 1991). At optical wavelengths, both impulsive con­

tinuum and gradual line emission are observed during flares (Garcia-Alvarez et al.,

2002). The Neupert effect has been known to exist between impulsive U-band and 

soft X-ray emission (Giidel et al., 2002; Hawley et al., 1995).

Previous investigations relating UV and soft X-rays in late-type stars were ei­

ther focused on individual flares or statistical flux-flux relationships for the entire 

stellar emission with no temporal resolution. The UV data were collected with the 

International Ultraviolet Explorer (IUE), which obtained low dispersion spectra in 

the 1150-3200 A  band, and compared with data from the X-ray satellites Einstein 

(0.2-4 keV), EXOSAT  (0.06-2 keV) and ROSAT  (0.1-2.4 keV), and more recently 

UV data from the Hubble Space Telescope were compared with X-ray data from the 

Chandra satellite (Ayres et al., 2001). To distinguish flaring from non-flaring con­

ditions, Mathioudakis & Doyle (1989) compared flux-flux relationships of inactive 

dM/dI< to active dMe/dKe stars, using the latter as a proxy for flaring conditions. 

They find a power-law relationship with an exponent of ~1 betwreen chromospheric 

M gII h & k (2795-2803 A )  IUE and coronal X-ray (Einstein and EXOSAT) flux, 

but only for the active stars. The inactive stars are scattered, with generally lower 

X-rav luminosity. Thus, the coronal X-rav emission is enhanced for stars with flares 

compared to stars without . Similar analyses for F-K  type stars have been made by 

Schrijver et al. (1992, including a basal flux subtraction) and Ayres et al. (1995, 

fluxes scaled to bolometric fluxes), who found power-law exponents between 1.5 and 

2.9. The basal flux is the part of the stellar emission not originating from magnetic 

activity, but caused by acoustic waves. In particular, it forms a component of the 

emission originating from the chromosphere, but not from the corona, as acoustic
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waves are supposed to have dissipated by the time they would reach the corona. 

The remaining flux after the removal of the basal flux, which is dependent on stellar 

type or colour, is independent of stellar colour for late F to K stars.

None of the above papers tested the relationship of different fluxes for individual 

flares. We set out to probe directly the statistical flux-flux relationship between 

X-ray and UV emission for flares. dMe-type stars are the natural choice, as they 

flare frequently. The instruments on-board XMM-Newton provide an excellent 

opportunity for carrying out these observations.

This chapter is structured in the following way: Sect. 3.3 describes the observa­

tions and the instrumental setup. The results are presented in Sect. 3.4, starting 

with the X-ray and UV luminosity light curves of EV Lac, UV Cet, YZ CMi, AU Mic 

and AT Mic. The respective light curves are cross-correlated and flares identified 

in both wavebands. Then, the power-law relationships between luminosity increase 

per flare and flare energy are presented. We discuss the results in Sect. 3.5 and 

conclude with Sect. 3.6.

3.3 Observations

We present XMM-Newton data of dMe-type stars obtained during the Reflection 

Grating Spectrometer (RGS) Guaranteed Time Programme. We make use of the 

pn-European Photon Imaging Camera (EPIC-pn, Striider et al., 2001). and the 

Optical Monitor (OM, Mason et al.. 2001). The EPIC-pn covers the range 0.2- 

12 keV (1-62 A ) .  The OM observed with two different UV filters, one for each 

observation, namely the UVW1 (2450-3200 A )  and the UVW2 (1800-2250 A )  filter.

Table 3.1 gives a list of the targets, shows the spectral type, the distance to the 

star (from SIMBAD parallaxes), the observed UV range and UV filter. The index 

is for further reference in the later plots. While some of the X-ray results of these 

targets have already been published (Raassen et al., 2003; Ness et al., 2003; Magee 

et al., 2003), this is the first time that we make use of the simultaneously obtained



Table 3.1: Observational Parameters and Results

EV Lac UV Cet YZ CMi AU Mic AT Mic

Index 

Spectral Type 

UV Filter 

UV Range [A]

A

dM4.5e

UVW1

2450-3200

B

dM5.5e-RlM5.5e

UVW1

2450-3200

C

dM4.5e

UVW2

1800-2250

D

dM le

UVW2

1800-2250

E

dM4.5e+dM4.5e

UVW2

1800-2250

Luv[1029erg/s] 

Lx[1029erg/s] 

Time-lag UV—X-ray [s] 

X-ray/UV max. Correlation

0.434

0.545
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UV data.

For all observations, OM observed in IMAGE mode, where a single exposure 

lasted 800 s and the dead-time between two exposures was 320 s, thus resulting 

in a time resolution of 1120 s. (Originally, the UV observations were meant to 

be taken in high-time resolution mode, but because of instrumental problems with 

the TIMING mode during the early stages of the mission, the IMAGE mode was 

used instead. These problems were resolved later on.) The data for the EPIC-pn 

light curves were binned into 200 s time intervals. All data were reduced with the 

XMM-Newton Science Analysis System (SAS) version 5.4.

3.4 R esults

3.4.1 Light curves

3.4.1.1 D eterm ining th e lum inosity

Figures 3.1 and 3.2 (left panels) display the X-ray and UV light curves of EV Lac, 

UV Cet, YZ CMi, AU Mic and AT Mic. In the ultraviolet, EV Lac and UV Cet 

(Fig. 3.1) were observed with the UVW1 filter, whereas YZ CMi, AU Mic and AT 

Mic (Fig. 3.2) were observed with the UVW2 filter.

The conversion from X-ray and UV count rates to luminosity has been made in 

the following wav: The UV luminosity Luv is given by

Luv =  47tg^ • G • Auv • cuv. (3.2)

with Cuv the UV count rate and d* the distance to the star (see Table 3.1). G 

is the factor to convert from count rate to flux, derived by folding stellar spectra 

with the in-flight response curves of the OM and tabulated on the XMM-Newton 

SAS homepage at Vilspa. The values of G for M-tvpe stars are 7.32(±0.39) • 

10-16 erg cm-2 A -1 cts-1 and 1.04(±0.21) • 10-13 erg cm-2 A -1 cts-1 for the UVW1 

and the UVW2 filter, respectively. Auv is the bandwidth of the UV filter, 750 A  for
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Figure 3.1: The light curves (left panels) and their cross-correlations (right panels) 

of EV Lac and UV Cet. where the UVW1 filter for the OM was used. The lowest 

panel in each left graph shows the 200s-binned X-ray data, the upmost panel the 

UV light curve, and the middle panel the X-ray light curve at maximum correlation 

(shifted by the time lag) and binned to UV resolution (800 s integration time and a 

cadence of 1120 s). The count rate is given on the left, the luminosity on the right 

ordinate. The dashed vertical lines indicate the start and the end of the flare, the 

dotted vertical lines the time of the flare peak in the UV. The light panels show the 

cross-correlation between the X-ray and UV light curve for each target (see main 

text). The horizontal dotted lines are at 90% level of each maximum and mark the 

peak error interval.
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Figure 3.2: The light curves (left panels) and their cross-correlations (right panels) 

of YZ CMi, AU Mic and AT Mic, where the UVW2 filter for the OM was used. The 

same explanations as in Fig. 3.1 hold.
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UVW1 and 450 A  for UVW2. The values of the average stellar UV luminosities 

over the whole observations, Luv, are displayed in Table 3.1.

For the X-ray luminosity, the average luminosity Lx has been obtained from 

fitting the EPIC-pn spectrum from the whole observation with a 3-Temperature CIE 

(collisional ionisation equilibrium) model within the SPEX package (Kaastra et al., 

1996) with variable elemental abundances. The precise values of the abundances 

do not m atter in this context, as the value for the average luminosity, which is 

directly given by the count rate in the spectrum, is stable. The value of L x for each 

target, which includes dead-time corrections, is displayed in Table 3.1. The three 

temperatures are typically 2-3 MK, 7-8 MK and >20 MK. The X-ray luminosity 

Lx is then given by the average luminosity L x divided by the average count rate cx 
times the X-ray count rate cx

L* = ■ Cx- (3.3)

One might argue that the different shapes of the quiescent and flaring X-ray spec­

trum have a non-linear effect on the scaling of the luminosity. The X-ray spectrum 

is dominated by lines in the range of 0.2-1 keV and has a decreasing exponential 

tail above 1 keV. During flares, the exponential tail falls off more slowly than during 

quiet times, indicating higher temperatures and energies, while the low-energy range 

rises uniformly. Our fits show that most of the energy comes from the low-energy 

range. The values for the total observations are 0.2-1 keV ~  70—75%, 1-2 keV ~  

15—20%, and 2-12 keV ~  10%, while during flares the contribution to the lowest 

energy band is reduced by about 5%, and increased by about 5% for the highest en­

ergy band. This suggests that the approximation that the luminosity scales linearly 

with the count rate is a fair assumption.

3.4.1.2 Cross-correlation between the U V  and X-ray flux

The two light curves from each of the five observations show a good correlation. 

For an increase in the UV, we generally also see an increase in the X-rays. Note
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that the UV is broad-band emission and therefore the bulk of it being continuum 

(non-thermal) and not line emission (thermal).

According to the Neupert effect, the X-ray light curve should match the in­

tegrated UV light curve (or, equivalently, the derivative of the X-ray light curve 

matching the UV light curve). To include cooling, the UV light curve should in fact 

be convolved with a cutoff exponential decay profile instead of just integrated, with 

a decay time of 200 s giving a good fit for, e.g., Proxima Cen (Giidel et al., 2002). 

Unfortunately, the time resolution of the UV data (800 s integration time and 300 s 

time gap) is not good enough to test directly for the Neupert effect. Therefore, each 

pair of light curves has been cross-correlated in such a way that the 200s-binned 

X-ray light curve (lowest panels in the light curve plots of Figs. 3.1 and 3.2) was 

shifted by a multiple of 200 s, then binned to the UV resolution and correlated with 

the UV light curve (upmost panel). As the bin-size of the data compared is larger 

than the cooling decay time of ~200 s arid therefore the resolution is below the one 

required for observing the Neupert effect, no information would be gained by com­

paring the UV versus the derivative of the X-ray light curve instead of simply the 

two light curves. Therefore, the two light curves are cross-correlated directly in the 

above manner without using the derivative of the X-rav one.

The plots on the right hand side of Figs. 3.1 and 3.2 show the cross-correlation 

for each target. The abscissa displays the time-lag between the UV and X-ray light 

curves, the ordinate the corresponding correlation coefficient. For all observations, 

the function has a. distinct peak with a maximum correlation coefficient between 

0.68 and 0.90. For the error estimate in time, the width of the cross-correlation 

distribution function at the 90% level of the correlation coefficient maximum was 

calculated (horizontal dotted lines in the cross-correlation plot). This error corre­

sponds to about the la  error of the Fisher z-test. In all but the UV Get observation, 

which is dominated by short X-ray flares which are below the OM resolution, the 

entire peak within the error lies left of zero, indicating that flares tend to peak earlier 

in UV than in X-rays. The middle panels of the light curve plots show the X-ray
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light curves at maximum correlation (shifted by the time-lag) and binned to UV 

resolution.

3.4.1.3 Flare identification

In both the UV and the X-ray (low 800s-resolution) light curves (upper two panels 

in Figs. 3.1 and 3.2) flares are identified. The flare criteria are: (i) It has to appear 

in both wave bands simultaneously, (ii) The difference between flare peak and start 

intensity exceeds 3a of the noise (3xaverage noise), (iii) The difference between 

flare peak and end intensity exceeds 3<r in at least one of the light curves (and 1<t in 

the other). The beginnings and ends of the flares are marked with a dashed vertical 

line, the flare peak with a dotted vertical line. Each flare is named by a letter and 

a number displayed under the UV light curve.

3.4.2 T he U V -X -ray  relationship in flares

For each flare, the background-subtracted energy from flare start to end E f = 

i t  (L (t) -  L t " ) dt as well as the luminosity increase from flare start to flare 

peak have been obtained for both UV and X-rays (low 800s-resolution). Figure 3.3 

shows the relationship between UV and X-ravs for the observed flares from EV Lac 

and UV Get (UVW1 filter, left side) and from YZ CMi, AU Mic and AT Mic (UVW2 

filter, right side). The upper panels are for the luminosity, the lower panels for the 

energy relationship. We define the spectral luminosity density (luminosity per unit 

wavelength) C := L /A  and the spectral energy density E E / A, with A being the 

width of the respective passband. The flare data are fitted with a power-law

(X-ray) =  10c • (UV)K, (3.4)

the values of c and k, are given in Table 3.2. The regressions have been made in the 

following way: For each regression, we have first applied two linear ordinary least- 

square (OLS) fits (Isobe et al., 1990) to the logarithmic data, one for Y dependent 

on X, taking the Y-error into account, the other for X dependent on Y, taking the
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Figure 3.3: X-ray vs UV flare relationships. The two panels on the left use the 

UVW1, the ones on the right the UVW2 filter. The upper panels are for the lu­

minosity increase, the lower panels for the flare energy. Used throughout for the 

regression are spectral luminosity density and spectral energy density, as defined in 

Sect. 3.4.2. The crosses denote the flares, their sizes corresponding to the la  error. 

They are labelled according to their identification as in Figs. 3.1 and 3.2. The solid 

line in the plot indicates the best fit power-law regression. The flares have been 

weighted with their individual errors for the regression. The dashed lines contour 

the 3a error, where a is the standard deviation of the mean. The regression values 

are given in Table 3.2.
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Table 3.2: Relationship Parameters for log(X-ray) =  k, • log(UV) +  c

K c

UVW1 1.17±0.05 —3.1±1.4
c

UVW2 1.10±0.09 —2.5±2.5

UVW1 1.21±0.05 —4.5±1.4
s

UVW2 1.68±0.13 —20±4

X-error into account (linfit.pro in IDL). Given the two regressions (slopes fa and 

fa), the bisector was calculated (slope fa = tan atanA +atan& ) ancj new variances 

obtained from Monte-Carlo simulations. The OLS bisector is thus chosen as the 

optimal regression.

For the luminosity (Eqs 3.2 and 3.3), we only considered the error from the 

counts, which basically follows Poisson statistics. Three further errors of the quan­

tities used to derive the luminosities do not contribute much to the overall result. 

The uncertainty in stellar distance (< 5%) affects UV and X-ray luminosity alike 

and therefore does not influence the power-law slope. The G-factor of Eq. (3.2) 

carries an error of 5% for UVW1 and 20% for UVW2. As our targets all have sim­

ilar spectral types, the possible systematic error is unlikely to affect the power-law 

exponent either. The third error is the (small) non-linear contribution from the 

determination of the X-ray luminosity, which has been neglected (see Sect. 3.4.1.1).

3.5 Discussion

Comparing the peak luminosity increase as well as the total energy of flares, we find 

that the UV and X-rav emissions are correlated and that the relationships follow 

power laws, with power-law indices between 1 and 2. For the UVW2 results, the 

different power-law indices for the luminosity and energy relationships indicate that 

different time scales are involved in the energy release of X-ray and UV emission.
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Figure 3.4: Relationship between X-ray luminosity increase and UV flare energy. 

The conventions are the same as in Fig. 3.3. The fit parameters are given in Ta­

ble 3.3.

While the luminosity increase roughly scales with an index of unity, the energy, 

which is time-integrated luminosity, scales with a power-law index significantly larger 

than unity. This suggests that for larger flares the duration of the X-ray emission 

is relatively longer than the duration of the UV emission. We are careful not to 

draw quantitative conclusions for the UVWT1 results because of the extremely small 

statistical sample.

The Neupert effect (Eq. 3.1) predicts a temporal correlation between UV energy 

and X-rav luminosity. Although our data do not have a high enough temporal res­

olution, we can still test for a consistency with the Neupert effect indirectly. If the 

Neupert effect holds, then the total UV flare energy should be roughly proportional 

to the X-ray peak luminosity increase. From the chromospheric evaporation sce­

nario, we indeed expect that a larger influx of non-thermal energy results in a larger 

amount of hot plasma, i.e. in more X-ray emission. We test for such a correlation, 

which is plotted in Fig. 3.4, and the power-law fit parameters are given in Table 3.3. 

We find that there is such a correlation between the UV and the X-ray emission. 

The existence of an X-ray-luminosity/UV-energy correlation is in agreement with
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Table 3.3: Neupert Relationship Parameters: Cx = 10c • £*v

K c

UVW1 1.08±0.05 —4.4±1.5

UVW2 1.40±0.11 —15±3

the Neupert-effect relationship and would suggest that the plasma is heated from 

the bottom of the magnetic flux tube to the top, first reaching the chromosphere 

and only a few hundred seconds later the hotter corona (from the time-delay in 

the flare emission between UV and X-rays), which is consistent with chromospheric 

evaporation. It does not, however, confirm the Neupert effect. For that, the time 

resolution would have to be much better. The power-law exponent is close to unity 

for the UVW1 flares and somewhat larger for the UVW2 flares. If this correlation 

were indeed due to the Neupert effect, a. power-law exponent of 1 would indicate 

that the factor of proportionality q in Eq. (3.1) would be similar for all flares and 

thus imply similar physical conditions (e.g. the physics of energy transport and 

transformation) for all flares. A power-law exponent of a different value would 

suggest an energy dependence of q.

We would like to remark here that time resolution of the light curve also has an 

effect on the slope. While the flare energy is not strongly dependent on the bin size, 

the luminosity increases are. If the bin size is larger than the time scale of the flare, 

the underestimation of the luminosity increase can be severe. For X-rays, comparing 

the 200s-binned data with the 800s-binned data, we find that for small flares the 

luminosity increase is underestimated more than for large flares if the bins are large. 

For the UV flares, which are known to be more impulsive and have shorter time scales 

than the X-ray flares, the luminosity increase might be underestimated throughout. 

The luminosity-energy relationship is especially affected by this underestimation and 

the true correlation might be less steep and closer to unity.
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It may also be that all these correlations are just a manifestation of the big flare 

syndrome (BFS), which states tha t statistically all energetic flare phenomena are 

more intense in larger flares, regardless of the detailed physics (Kahler, 1982). On 

the other hand, a correlation of two a priori unrelated parameters tells us something 

about the underlying physics. A correlation between extensive parameters (e.g. 

volume and mass) can be regarded as trivial, but a correlation between intensive 

parameters (e.g. energy and luminosity) is not trivial. Since in this paper we are 

studying correlations between intensive parameters, even if the correlations are due 

to the BFS, they tell us something about the underlying physics. We can test for 

the BFS, if we compare the correlation coefficient of flare parameters we expect 

to correlate based on flare models, like Lx — Luv, Ex — Euv and the relationship 

following from a possible Neupert effect Lx — Euv, to flare parameters which have no 

physical reason to correlate (Ex — Luv). The correlation of the latter would reflect 

merely the BFS. The former being significantly higher than the latter would indicate 

an additional physical cause than just the BFS. Indeed, for the UVW2 filter, the 

relationship Ex — Luv gives a much lower correlation coefficient (r =  0.63) than the 

ones which are physically related (r = 0.83 for luminosity, r = 0.92 for energy and 

“Neupert”). Therefore, the UVW2 correlations are probably reflecting more than 

just the BFS. However, the correlation coefficients for the small UVW1 sample are all 

above 0.95, including the BFS control parameters Ex — L uv, and cannot distinguish 

between trivial and non-trivial scalings.

The slopes of the average stellar luminosities are close to unity, in agreement 

with Mathioudakis & Doyle (1989). If the total stellar emission in X-rays and UV 

is a result of the superposition of many flares, then the X-rav to UV ratio of the 

average stellar luminosity should be similar to the X-ray to UV ratios of the flare 

energies. This is indeed so. For the flares, the ratio of X-ray to UV spectral energy 

density ranges from 10 to 29 (average of 19) for UVW1 and from 0.9 to 3.6 (average 

of 1.7) for UVW2. For the entire sample of stars, the ratio of X-ray to UV average 

spectral luminosity density is between 15 and 16 for the UVW1 filter and between
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1.6 and 3.3 for the UVW2 filter. The quiescent spectral luminosities have the same 

ratios. The energy ratios among the flares have a relatively wide spread because 

the power-law exponent is greater than unity. The stellar luminosity ratios within 

each UV wave band vary much less and are very close to the average flare energy 

ratios. Previously, Haisch et al. (1990) also reported that the ratio between energy 

losses in coronal X-rays and chromospheric Mg II lines is similar in flares and in 

quiescence in the dMe star Proxima Cen. This indicates a similar energy release 

physics both in flares and in the low-level emission. A possible explanation is that 

the low-level emission is in fact produced by a large number of unresolved flares that 

heat chromospheric gas and build up a corona by chromospheric evaporation. This 

hypothesis has recently found strong support from statistical light curve analysis 

(Giidel et al., 2003; Arzner fc Giidel, 2004).

The extremely good temporal correlation between UV and X-ray flares is note­

worthy. For almost every increase in UV emission, we also observe a corresponding 

increase in X-rays, which is a similar result to the one found between the optical 

U-band and X-rays in a recent observation of Proxima Cen (Giidel et al., 2004). The 

overall good correlation between UV and X-rav flare occurrence is contrary to many 

previous observations, where some X-ray flares do not show a UV (or radio) coun­

terpart and vice versa. This is especially true for older observations, which might 

be due to poorer instrumental performance. On the Sun, however, soft X-ray flares 

(usually less intense than the typical stellar flare observed here) only occasionally 

show simultaneous white-light emission, but all white-light flares also have a cor­

responding X-ray flare. Recent investigations by Matthews et al. (2003) show that 

white-light production is connected to peak pressure. It might be that in these more 

energetic stellar flare events such a critical peak pressure is almost always present , 

and therefore all flares are observed in both wavebands.

In the UVW2 observations, we notice that there are two types of flares. The 

impulsive ones with a linear increase, an exponential decrease and a sharp peak, 

and the flares with a flat top. The latter are rising somewhat slower than the
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impulsive ones, showing prolonged, sustained peak emission. The tops of these 

flares (El, D2, C2) are not constant, and in the case of E l show periodic variations. 

We note that in the energy relationship plot these flat-top flares lie above the best-fit 

power-law correlation, which means that either there is a deficit in UV emission, or 

that there is an excess in X-rays. A similar phenomenon is seen in the correlation 

between microwave and hard X-ray emission in solar flares (Kosugi et al., 1988), 

where the long duration flares lie above the mean linear correlation, indicating a 

larger microwave to hard X-ray ratio for these flares.

3.6 Conclusions

We have investigated X-ray and UV light curves of several dMe stars, focusing on the 

temporal coincidence of flares and possible correlations between fluxes and radiative 

energies. The aim of this project was to study causal relations between mechanisms 

that produce UV and X-ray emission. The chromospheric evaporation scenario 

developed from solar observations and flare simulations predicts that the impulsive- 

phase optical/UV emission, most likely due to accelerated electrons impacting on the 

chromosphere, should precede the more slowly evolving soft X-ray emission that is 

emitted by the heated plasma. Specifically, the Neupert effect should approximately 

hold, i.e. the X-ray light curve is proportional to the time integral of the optical/UV 

light curve. Further, if the energy in the plasma stems from the accelerated electron 

population, we expect that the flare amplitudes are roughly correlated in amplitude 

or radiated energy.

We find evidence of both features predicted by the evaporation scenario. Firstly, 

most UV flares characteristically precede the X-rav peaks by typically ten minutes, 

which approximately coincides with the soft X-ray flare rise time. Secondly, we find 

a close near-linear correlation between the peak fluxes of the optical and the X-ray 

flares. The correlation becomes non-linear for the total radiative energies, implying 

that for larger flares the time scales of the X-ray flares become longer compared to
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the UV flare time scales.

An interesting aspect is the comparison of the X-ray to UV energy loss rate ratio 

of flares with the corresponding ratio between average emissions. We find tha t the 

two are indeed similar, which suggests that the total emission is a superposition of 

individual flare emissions. Our observations thus support a picture in which stellar 

chromospheres and coronae are continuously heated by impulsive energy release 

processes.



Chapter 4 

X-ray flare oscillation

4.1 Summary

We present the first X-ray observation of an oscillation during a stellar flare. The 

flare occurred on the active M-type dwarf AT Mic and was observed with XMM- 

Newton. The soft X-ray light curve (0.2-12 keV) is investigated with wavelet anal­

ysis. The flare’s extended, flat peak shows clear evidence for a damped oscillation 

with a period of around 750 s, an exponential damping time of around 2000 s, and 

an initial, relative peak-to-peak amplitude of around 15%. We suggest that the 

oscillation is a standing magneto-acoustic wave tied to the flare loop, and find that 

the most likely interpretation is a longitudinal, slow-mode wave, with a resulting 

loop length of (2.5 ±0.2) 1010cm. The local magnetic field strength is found to be 

105±50G . These values are consistent with (oscillation-independent) flare cooling 

time models and pressure balance scaling laws. Such a flare oscillation provides an 

excellent opportunity to obtain coronal properties like the size of a flare loop or the 

local magnetic field strength for the otherwise spatially-unresolved star. This work 

was published in (Mitra-Kraev et al., 2005b).

62
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4.2 Introduction

Oscillations in the solar corona have by now been observed for many years. Wave­

length regimes ranging from radio to hard X-rays have been investigated in the 

search for evidence of waves. Table 1 in Aschwanden et al. (1999) provides a sum­

mary and description of the different periods found (0.02 to 1000 s). Most of these 

waves have been explained by magneto-hydrodynamic (MHD) oscillations in coro­

nal loops, see Roberts (2000) for a detailed review of waves and oscillations in the 

corona.

One of the most exciting aspects of “coronal seismology” is that it potentially 

provides us with the capability for determining the magnetic field strength in the 

corona (Roberts et al., 1984), as well as, in the stellar case, with information on 

otherwise unresolved spatial scales, e.g., flare loop lengths. It is notoriously difficult 

to measure the magnetic field strength in the corona because of the very high speeds 

of coronal electrons, which broaden spectral lines far beyond the width of Zeeman 

splitting. Techniques using both near-infrared emission lines and radio observations 

are successful, but have poor spatial resolution. Indirect methods are commonly 

used, such as the extrapolations of the coronal magnetic field from the photospheric 

magnetic field, which in turn can be measured using the Zeeman effect.

Many of the observations of waves have been determined from variations in 

intensity. However, a huge step forward was achieved in solar coronal physics due 

to the high spatial resolution available with the Transition Region and Coronal 

Explorer (TRACE, Handy et al., 1999). Aschwanden et al. (1999) observed the 

first spatial displacement oscillations of coronal loops. It wras suggested that these 

oscillations were triggered by a fast-mode shock from a flare site, and they were 

interpreted as standing fast kink-mode waves.

Nakariakov & Ofman (2001) made use of such flare-related spatial oscillations 

to determine the magnetic field strength (13± 9G ), which in the case of a standing 

kink wave is related to the period of the oscillation, the density of the loop, and
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the length of the loop. Another model used to derive the magnetic field strength 

from loop oscillations was put forward by Zaitsev & Stepanov (1989), which assumes 

that the oscillation is triggered by a centrifugal force, generated by the evaporating 

chromospheric plasma moving upward along the magnetic field. In this case, the 

magnetic field strength is given by the amplitude of the oscillation, as well as the 

loop density and temperature. The model also predicts loop lengths if collisional 

damping is assumed. (Or vice versa, density and temperature, if the loop length is 

known.)

Although waves are observed across the electromagnetic spectrum on the Sun, 

observations on other stars are rarer. The principal reason for this is that the Sun 

can be spatially resolved, whereas on stars, the signal for the wave must be strong 

enough to be observed above the full disk emission. The first oscillation associated 

with a stellar flare was reported by Rodono (1974), who observed the flare star II 

Tau with high-speed optical photometry, and found a long-lived oscillation during 

flare decay with a mean period of 13 s. In a series of papers in the late 1980’s 

and early 1990’s, Andrews and co-workers (e.g., Andrews, 1990) presented optical 

observations of dMe flare stars, where they observed quasi-periodicities with periods 

of a few tens of seconds, and put forward the idea that these were coronal loop 

oscillations. Mullan et al. (1992) also found optical oscillations (periods of the order 

of a few minutes) in dMe stars, concluding that they more likely arise from a coronal 

than from a photospheric origin. In a later paper, Mullan & Johnson (1995) found 

oscillations in X-ray data of dMe stars. These oscillations have periods in the range 

of several tens to a few hundreds of seconds. They were not associated with any 

flare, though they were interpreted as coronal loop oscillations. Optical stellar flare 

oscillations have been observed by Mathioudakis et al. (2003), who found a period of 

220 s in the decay phase of a white-light flare on the RS CVn binary II Peg, and also 

by Zhilvaev et al. (2000), who found coherent oscillations of 13 s and 26 s during the 

early stages of a flare on EV Lac. Solar observations of soft X-ray flare oscillations, 

with periods ranging from around 4 to 20 minutes, include work by Svestka (1994);
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McKenzie &; Mullan (1997); Mariska (2005).

In this work, we investigate the first X-ray observation of an oscillation during 

a stellar flare. Section 4.3 describes the target, AT Mic, as well as the observation. 

In Sect. 4.4, we present the data analysis, determining the period and amplitude of 

the oscillation through wavelet analysis. In Sect. 4.5, we determine the magnetic 

field strength and the length of the coronal loop by assuming tha t the oscillation 

is due to a magneto-acoustic wave. As a validity check, the value of loop length 

was compared to the value determined from a radiative cooling model, as well as 

from pressure balance scaling laws. The latter also gives an independent estimate 

of the magnetic field strength. Finally, we discuss the results and give conclusions 

(Sect. 4.6).

4.3 Target and Observation

AT Mic (GJ 799A/B) is an M-tvpe binary dwarf, with both stars of the same 

spectral type (dM4.5e-FdM4.5e). Both components of the binary flare frequently. 

The radius of AT Mic given by Lim et al. (1987) is 2.6 • 1010cm, using a stellar 

distance of 8.14pc (Gliese & Jahreiss, 1991). Correcting for the newer value for the 

distance from HIPPARCOS (10.2±0.5pc. Perryman et al., 1997), and using the fact 

that the stellar radius is proportional to the stellar distance for a given luminosity 

and spectral class, we obtain a stellar radius of r* =  3.3 • 10locm =  0.47 t q . The

mass of AT Mic given by Lim et al. (1987) is m* =  0.4 mQ.

For our analysis we used the XMM-Newton (Jansen et al., 2001) observations 

of AT Mic on 16 October 2000 during revolution 156. Raassen et al. (2003) have 

analysed this data spectroscopically, obtaining elemental abundances, temperatures, 

densities and emission measures, while a comparative flare analysis between X-ray 

and simultaneously observed ultraviolet emissions can be found in Mitra-Kraev et al. 

(2005a). Here, we solely used the 0.2-12 keV X-ray data from the pn-European

Photon Imaging Camera (EPIC-pn, Striider et al., 2001).
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Figure 4.1: The AT Mic 0.2-12 keV X-ray 10-s bin light curve (shown in black). 

Overplotted in white is the same light curve smoothed with a sliding time window of 

200 s. The time is in ks, starting from the beginning of the observation (2000-10-16 

00:42:00). The vertical dotted lines mark the flare start, end of rise phase, end of 

extended top phase and end of the flare.
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Figure 4.1 shows the AT Mic light curve. The observation started at 00:42:00 

and lasted for 25.1 ks (~7h). A large flare, starting ~15ks into the observation, 

increases the count-rate from flare onset to flare peak by a factor of 1.7, and lasts 

for l h  25min. It shows a steep rise (rise time r r =  1300 s) and decay (decay 

time Td = 1700 s). There is an extended peak to this flare, which shows clear 

oscillatory behaviour. Applying a multi-temperature model, Raassen et al. (2003) 

obtain a best fit with a mean flare temperature T  =  24 ±  4 MK and a quiescent 

temperature Te =  13 ±  1MK, and from the O vil line ratio a flare and quiescent 

electron density of n =  4 l |  1010cm-3 and ne = (1.9 ±  1.5) 10locm "3, respectively. 

The total flare and quiescent emission measures are EM =  (19.5 ±  0.8) 1051 cm-3 

and EMe =  (12.2 ±0.5) 1051 cm-3. The total emitted energy in the 0.2-12 keV band 

of this flare is ~  6 • 1032erg (Mitra-Kraev et al., 2005a).

4.4 Analysis

4.4.1 D ata  preparation

For the extraction of the EPIC-pn light curve we used the XMM-Newton Science 

Analysis System (SAS) version 6.0. Light curves with a cadence of 1 s were ex­

tracted for concentric regions around the source (20:41:51.156, -32:26:11.02, ICRS 

2000 coordinates), and a background, off-set from the source on the same detector 

chip (20:41:48.428,-32:29:00.66); both regions used a radius of 41.325arcsec. The 

selected energy range is 0.2- 12keV (A =  1-62 A). The obtained errors for the count 

rates follow Poisson statistics for all data, points. The background light curve is 

subtracted from the source light curve. Data missing due to telemetry absences are 

identified by obtaining the 1-s light curve of the entire detector chip; they manifest 

as time intervals with zero count rate. At such times, the background-subtracted 

raw light curve is interpolated. This light curve is then re-binned to 10-s bins and 

used for further analysis.
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4.4.2 Continuous w avelet transform  and frequency band de­

com position

We apply a continuous wavelet transform (CWT) to the 10-s light curve, following 

the approach laid out by Torrence & Compo (1998). For our analysis, we use 

the Morlet wavelet \P0iv) = 7r- 1/4el6T?e-T?2//2. Figure 4.2 displays the CWT. The 

vertical dotted lines denote the start (14.3ks), the end of the rise phase (15.6ks), 

the beginning of the decay phase (17.9 ks) and the end (19.6 ks) of the flare. The 

contours give significance levels of 68%, 95% and 99.9%, respectively. At flare rise, 

the power is enhanced at all timescales in the CWT. The bold arrow points to 

the flare oscillation, which causes a local maximum in the wavelet coefficient plane. 

It has a period between 500 and 1200 s and occurs during flare maximum, with a 

significance level of > 99.9%. Note that there is another local maximum of 68% 

significance at a period of ~ 1000s occurring during a weaker flare at around t = 

10 ks, which suggests that this earlier flare might oscillate as well. A third, minor 

flare at t =  22 ks, on the other hand, shows no oscillation. Here, we investigate only 

the major oscillation during the largest flare.

We split the CWT into three frequency bands with periods of P > 1200 s, 500 s < 

P  < 1200 s, and 10 s < P  < 500 s, so that the middle band encompasses only the 

oscillation range. The light curve is reconstructed for the three bands separately. 

Figure 4.3 shows these decomposed light curves (upper three panels), and their 

sum, the reconstructed light curve (lowest panel). As the decomposition is a linear 

transform, it is easy to derive the standard errors for the decomposed light curves (see 

the following section, Sect. 4.4.3, for the error treatment in our CWT analysis), they 

are represented by the shaded areas around each light curve. Figure 4.3 demonstrates 

how the oscillation has been separated from the flare profile, allowing the oscillation 

to be analysed separately.

Figure 4.4 shows the isolated oscillation (solid line) to which we fit a damped sine 

curve (dashed line). The fitted curve has an oscillation with a period of P = 750s,
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Figure 4.2: The upper panel shows the 10-s bin light curve. The lower panel displays 

the high-frequency wavelet coefficients of the continuous wavelet transform of the 

above light curve, using a Morlet wavelet (see Sect. 4.4.2). The contours give the 

68%, 95% and 99.9% significance levels. The dashed lines represent the cone of 

influence. The vertical dotted lines are the same as in Fig. 4.1. The arrow points to 

the flare oscillation in the wavelet domain and the horizontal dotted lines mark the 

division between the high (noise), medium (oscillation) and low frequency ranges.
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Figure 4.3: The reconstructed light curve divided into three frequency bands, low 

(P > 1200 s), medium (500 s < P  < 1200 s, including the oscillation) and high 

(10 s < P  < 500 s, mainly noise); together they add up to the original data (lowest 

panel). The shaded areas showT the standard errors. The vertical dotted lines are 

the same as in Fig. 4.1. A coherent oscillation is easily identified during flare peak.
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Figure 4.4: The flare part of the P  = 500...1200 s reconstructed light curve (Fig. 

4.3, second panel). The vertical dotted lines bound the flare top. The solid line 

shows the reconstructed light curve from the data, whereas the dashed line is a 

damped sine curve (bounded by the exponential envelope, dashed-dotted line) with 

an oscillation period oi P  = 750 s and an exponential decay time of r  =  2000 s. The 

relative peak-to-peak amplitude is initially 15%.
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an exponential decay (damping) time of r  =  2000s, and an amplitude of 1 counts-1, 

which gives, with an average count rate of 13 counts s-1 during flare peak (from the 

low-frequency light curve), a peak-to-peak amplitude of A I / I  =  15%.

A continuous wavelet transform is able to provide us with all our aims simulta­

neously: the wave is located in time and frequency (= l/period), it is naturally 

isolated from the underlying flare profile and thus the amplitude and damping 

are easily available from the fit parameters for a damped sine wave. The low 

signal-to-noise ratio is dealt, with by disentangling the high frequencies from the 

lower oscillating frequency. In particular, this provides us with a better estimate 

for the amplitude. While the period derived from the smoothed light curve is 

broadly the same as the period obtained from wavelet analysis, the amplitude

A I f l  — (I max Imin )̂\{Imax T Imin')/2] 10%, with Imax (Imin) the intensity

at the first peak (dip), is considerably underestimated.

4.4.3 C W T  error analysis

In this section, we derive the error used in our CWT analysis. The continuous 

wavelet transform of the signal /  is given by convolving the signal with a wavelet 

function ^

denoting the complex conjugate and the scale Sj = s0 2jSj. In our analysis, we set

(4.1)

or in components:

(4.2)
777

s0 =  1 and Sj =  0.25 for the Morlet wavelet. Significance levels can be derived as

(4.3)

(4.4)
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*■ -  ( ^ ) +  ■  *■ <- 5>

for cr^ the variance of / m, and x 2 the x2_distribution of Wjn. The signal can be 

reconstructed by using
/ii = c.£ M M  ( 4 _6 )

j
with c the normalisation constant (see, e.g., Torrence & Compo, 1998). If a filter 

F  is applied to the wavelet coefficients, Wjn = Wjn • Fjn, the filter coefficients being 

0 or 1, the filtered signal is then given by

/„  =  C  • £  (4.7)
j  V s ?

Inserting Eq. (4.2) into Eq. (4.7) and rearranging the sums, we obtain

/„ =  (4.8)
m

with

Am n= c - Y , 'R e{* i" ^ ' Fin- (4.9)
j V5?

Thus, the signal can be filtered and reconstructed using a linear transform, which is

determined by the wavelet function and the filter. The variance of the reconstructed

light curve is then given by

(4 -10 )m
The signal can be decomposed without loss, if the sum of the different filters used 

is 1 for all filter components.

4.5 R esults

Our analysis clearly shows that there is an oscillation during the X-ray flare on AT 

Mic. The oscillation, which has a confidence level > 99.9%, starts when the flare 

reaches its maximum and continues during the extended flare top. A damped sine
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curve with an oscillation period of P  = 750 s and an exponential decay time of 

r  =  2000 s fits the data. The initial relative amplitude is A I / I  = 0.15.

In the following, we investigate the different types of magneto-acoustic loop 

oscillations. Comparing their various estimates for the flare loop length with two 

other, independent methods for the loop length, namely from radiative cooling times 

and from pressure balance, we find the most likely oscillation mode. We also derive 

the magnetic field strength.

4.5.1 M agneto-acoustic waves

Zaitsev & Stepanov (1989) introduced a model, where a hard X-ray oscillation is 

excited by a centrifugal force, which the evaporating plasma exerts on the flare loop, 

stretching the magnetic field lines upward and triggering Alfven oscillations. In this 

scenario, the relative amplitude of the oscillation is determined by the additional 

energy from filling the magnetic flux tube with hot plasma

A I  4wnkBT
I B 2 ' '  ' ;

With A / / /  =  0.15, n =  (4 ± 3 ) • 10locm-3. T  = (24 ± 4 ) MK and ks  the Boltzmann 

constant, the magnetic field then is B  = (105 ±  50) G.

Roberts et al. (1984) showTed that for a straight cylindrical geometry several types 

of magneto-acoustic wave modes in a magnetic loop are feasible, namely the slow

(acoustic), the fast kink and the fast sausage modes. For a standing oscillation in a

loop, the loop length L is given by

L =  jc P /  2. (4.12)

with P  the oscillation period, j  the mode number and c the appropriate wave speed. 

For slow modes in the long wavelength limit, c is the tube speed q , with



CHAPTER 4. X -R A Y  FLARE OSCILLATION 75

whereas for the fast kink modes, c is the kink speed c*., with

nci + ne<?Ae
4  =  ^  (4.14)n +  ne

with the sound speed ca =  \Jypfp  and the Alfven speed ca = B/y/iirp. 7 .= 5/3 is 

the adiabatic constant for a monatomic gas/plasma, p the gas pressure and p the 

plasma density.

The period of the (global) sausage mode is given by P  = 2L/cp, where cp is 

the phase speed of the sausage mode and lies somewhere between the Alfven speed 

inside and the one outside the loop (Nakariakov et al., 2003). A necessary condition 

for the existence of the global sausage mode is also L/2a  < 0.65yjn,/ne, with a the 

tube radius. With the measured loop density around double the surrounding density 

we have L/2a < 0.9, which brakes down the geometry of a loop as the loop length 

(L) then would have to be smaller than the loop cross-section (2a). Thus we exclude 

the sausage mode on these grounds.

The sound speed is cs — yj2^ksT/rrip = 1.66-104\/T  =  (8.1±0.7) 107cm s-1 . Us­

ing the centrifugal model and inserting Eq. (4.1lJ into the expression for the Alfven 

speed, we obtain c \ — (A‘JBT)1/2[mp(A // Z)]~1//2 =  (1.1± 0.1) 108cm s-1. We imme­

diately see that, assuming the centrifugal model, the ratio of Alfven to sound speed 

is determined by the relative oscillation amplitude and is ca/ cs =  [2'} (A //7)]_1//2 ~  

1.41. Using this last relation, the tube speed then is ct ~  0.82cs =  (6.6 ±  0.6) • 

107cm s_1. To obtain the kink speed,, we also need to know the Alfven speed out­

side the loop. CAe- Assuming the same value for the magnetic field strength inside 

and outside the loop, c \e —  c a  =  (i-7 ±  1.4) lo8 cm s 1. Note the large error

because of the large density error. The kink speed then is c = cA y 2/?/(n 4- n€) = 

(1.3 ±  1.1) 108 cm s-1 . Thus, we have (ct =  0.82cs) < cs < (c:a =  1.41cs) < (c*. =  

1.65CS) < (CAe = 2.05cs).

Assuming a standing slow-mode oscillation, the loop length is Lsm = Pct/2  = 

(2.5 ±  0.2)1010cm. For a standing fast kink-mode oscillation, a loop length of 

Lfk = Pck/2 =  (5 ±  4) 10locm is derived.
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4.5.2 Loop length  from radiative cooling tim es

The loop length can also (and independently of any oscillation) be estimated from 

rising and cooling times obtained from the temporal shape of the flare, applying a 

flare heating/cooling model (see, e.g., Cargill et al., 1995). We follow the approach 

by Hawley et al. (1995) who investigated a flare on AD Leo observed in the extreme 

ultraviolet. The shape of this flare is very similar to our flare on AT Mic, but roughly 

10 times larger, and shows a flat top, too.

The flare loop energy equation for the spatial average is given by

\ p  = Q - R ,  (4.15)

with Q the volumetric flare heating rate, R  the optically thin cooling rate and p 

the time rate change of the loop pressure. During the rise phase, strong evaporative 

heating is dominant (Q R ), while the decay phase is dominated by radiative 

cooling and strong condensation (R^> Q). At the loop top, there is an equilibrium 

(R = Q). The loop length, assumed to be constant, can be derived as

L  =  • T1/  . r^ 7 • T>/2, (4.16)
(1 )

where rr is the rise time, tj the flare decay time (indicated in Fig. 4.2 with the 

vertical dotted lines), T  the apex flare temperature and x 2d =  Q / cmax, with cmax the 

peak count rate and cd the count rate at the end of the flare. Inserting these values, 

the loop length is found to be L «  2.5 • 1010 cm.

4.5.3 Pressure balance scaling laws

To maintain stable flare loops, the gas pressure of the evaporated plasma must be 

smaller than the magnetic pressure

B 2
2nkT  < — . (4.17)

87T

Knowing the flare density and temperature, we get a lower limit for the magnetic

field strength B  > 80 ±  60 G. Again, there is a large error because of the large
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uncertainty for the density. Shibata & Yokoyama (2002) assume pressure balance 

and give equations for B  and L:

Using these relations, we obtain a magnetic field strength of B  =  75 ±  40 G and a 

loop length of L =  (2.8 ±  1.7) 1010 cm.

Combining the above results, we find that both pressure balance considerations 

as well as the centrifugal oscillation model are consistent. The derived loop lengths 

from pressure balance and radiative cooling times are consistent with each other 

and in agreement with the loop length derived assuming a slow-mode oscillation or 

a fast kink mode. We further discuss the plausibility of the different modes in the 

following section.

4.6 Discussion and conclusions

We have investigated an X-ray oscillation during a flare on AT Mic, observed by 

XMM-Newton. In order to locate the oscillation in time and frequency, we applied 

a continuous wavelet transform to the time series, and found that the oscillation, 

starting at flare peak and continuing during the flare’s flat-top phase, with a period 

around P  = 750s, has a confidence level of > 99.9% (Fig. 4.2). We then recon­

structed the light curve from the CWT for three different frequency bands (Fig. 4.3). 

In particular, the light curve passed through a low-pass filter (P  > 1200 s, first 

panel), displays the overall shape of the light curve and picks out the long-lasting 

flares, whereas the light curve reconstructed from wavelet coefficients in the range 

around the oscillation period (500s < P  < 1200s, second panel), isolates the oscil­

lation. The coherent oscillation during the large flare can be fitted with a damped 

sine curve with a period of P = 750 s and an exponential decay time of r  =  2000 s 

(Fig. 4.4). The initial, relative peak-to-peak amplitude of the oscillation is found

B  =  50 (

L  =  109 (

1048 cm-3 
( E M

1048 cm_:

E M
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Table 4.1: Comparison of values derived for the indicated models

Model Loop length Magnetic field

Slow mode® (2.5 ±0.2) 1010 cm

Fast kink mode® (5 ±  4) 1010 -cm

Centrifugal force model6 (105 ±  50) G

Pressure balance® (2.8 ±1 .7) 1010 cm (75 ±  40) G

Radiative coolingd 2.5 • 1010 cm

“(Roberts et al., 1984) 
b(Zaitsev & Stepanov, 1989) 
c(Shibata &; Yokoyama, 2002) 
d(Hawley et al., 1995)

to be A / / /  =  15%. Decomposing a light curve in such a way is a powerful tool 

for isolating an oscillation from a flare, as well as disentangling the flare and the 

oscillation from the high-frequency noise. Because the effect of noise can thus be 

greatly reduced, this method provides us with a more accurate value for the oscilla­

tion amplitude than a value potentially obtained from a binned or smoothed light 

curve, which is always underestimated, especially if the bins are large.

Interpreting this oscillation as a standing magneto-acoustic wave in the flare loop, 

we infer that it is a longitudinal slow-mode wave, oscillating at the fundamental 

frequency. This mode has a node at the loop apex and is capable of causing the 

largest global flux variations. Using the relations derived by Roberts et al. (1984), 

we find a flare loop length of L = (2.5 ±  0.2) 10locm. This value is consistent with 

estimating the loop length from radiative cooling times of the flare (Hawley et al., 

1995) as well as from pressure balance considerations (Shibata & Yokoyama, 2002). 

Table 4.1 provides a comparison of these results. The derived loop length of a fast 

kink wave, which has a large error due to a large error in density, is also consistent 

with the two independent methods of radiative cooling times and pressure balance. 

This mode, however, is basically incompressible (Nakariakov et al., 2004), and it 

would be hard to imagine how it could cause intensity perturbations in a spatially



CHAPTER 4. X -R A Y  FLARE OSCILLATION 79

unresolved light curve. We discount fast sausage-mode waves, since they would 

require a loop aspect ratio (L /2a ) smaller than 1, in which case the cylindrical 

geometry assumption breaks down. In summary, we conclude tha t the observed 

oscillation is most likely a standing longitudinal slow-mode wave.

To estimate the magnetic field strength, we apply the centrifugal force model of 

Zaitsev & Stepanov (1989), where the magnetic loop is stretched by a centrifugal 

force which is caused by the upwardly evaporating plasma, stretching the loop be­

yond equilibrium and thus exciting MHD waves. The flux tube starts to oscillate up 

and down (i.e. in the plane of the loop), resulting in the excitation of the vertically 

polarized kink oscillation. The same upflows can also excite acoustic modes, as the 

particle density inside the loop also oscillates. This acoustic oscillation can be seen 

in the thermal radiation (soft X-rays and extreme ultra-violet). Non-thermal radi­

ation, originating from gyro-synchrotron (radio) and bremsstrahlung (hard X-ravs 

and optical), caused by fast electrons trapped within the loop and moving back 

and forth from one end of the loop to the other, also oscillates: the speed of the 

trapped electrons, and hence the non-thermal radiation, is modulated by the plasma 

density. The magnetic field strength thus obtained is B  = (105 ±  50) G. The large 

error results from the large uncertainty in the particle density. This value for the 

magnetic field strength is consistent with pressure balance considerations (Shibata 

& Yokoyama, 2002), where B  = (75 ±  40) G.

The observed rapid damping of the oscillation (a damping time comparable to the 

oscillation period) is in agreement with other magneto-acoustic wave observations 

(e.g., Ofman & Wang, 2002; Verwichte et al., 2004). So far, various models have 

been put forward to explain the fast damping. In the case of slow-mode wraves, 

Ofman & Wang (2002) numerically find that thermal conduction is the dominant 

dissipation mechanism in loops with T  > 6 MK.

An alternative to the interpretation of a standing magneto-acoustic wave causing 

the flare oscillation is that repeated and rapid flaring is occurring. This might also 

explain the flat-top character of the time profile of this flare, which differs from the
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usual shape of solar flares, which shows a rapid rise from beginning to peak, followed 

by a slow decay (see, e.g., Svestka, 1989). A possible mechanism to trigger periodic 

flaring could be an MHD oscillation in a nearby loop (Nakariakov et al., 2006). In 

any case, the mechanism must be of a periodic and exponentially-decaying nature 

in order to explain the observed damped oscillation.

The derived length of the flare loop is about the size of the stellar radius and 

is comparable in absolute size to loop lengths of large solar flares. In particular, 

Svestka (1994) investigated solar X-ray observations which showed periods close 

to 20min. They associated them with spatially resolved la^ge-scale coronal loops 

with loop lengths of (2-3)10locm, and interpreted the oscillations as slow-mode 

MHD waves. Terekhov et al. (2002) observed an X-ray oscillation with P  = 143 s 

during a solar flare, and derived a loop length of (l-3 )10 locm. The centrifugal 

force model, originally derived for non-thermal X-rays (Zaitsev k, Stepanov, 1989), 

has also been applied to mi Hi met re-wave emission (Stepanov et al., 1992), thermal 

X-rays (Terekhov et al., 2002), and, in the stellar case, to optical emission (Mullan 

et al., 1992; Mathioudakis et al., 2003).

This is the first time that an oscillation has been observed in X-rays in a stellar 

flare, and has been used to derive a flare loop length and a local magnetic field 

strength. Comparable loop dimensions and magnetic field strengths indicate the 

similar natures of AT Mic's corona and that of our Sun. Because of the smaller 

radius of these M-type stars (r* 0.5 t q ), the loop length is in fact of the order of

the stellar radius, whereas the magnetic field strength is around the upper limit for 

solar coronal values. This is consistent with this class of low mass stars (dMe-type) 

being very X-ray active.



Chapter 5

High-density flares on EV Lacertae

5.1 Summary

This chapter presents detailed statistical analyses of spectral changes in the O vil 

(21.6- 22.1 A) and O vill (A18.97) lines between phases of quiescence and high flaring 

activity in soft X-ray emission of active M stars. During flares, the plasma is known 

to become hotter, but also changes in density are anticipated, as the reconnected 

flare loops will be filled with evaporated chromospheric material. The density can be 

measured by the ratio of the flux from the forbidden ( /)  and the intercombination 

(i) line of He-like triplets, in this case O vil i (A21.80) and /  (A22.10). The Chandra 

database was searched for flares from dMe stars which were observed with the High 

Energy Transmission Grating Spectrometer (HETGS). As no flare was adequately 

bright and long-lasting to produce enough photons for a sufficiently well exposed 

spectrum, the spectra of several flares were co-added and compared to the quiescent 

stellar spectrum. The observation of EV Lac was particularly useful to make this 

comparison, as the first third of the lOOks observation was relatively quiet, while 

the remaining part was dominated by many flares. For three other targets, AD Leo, 

Proxima Gen and AU Mic, a distinction between flaring and quiescent times was 

not as clear, and the spectra are not sufficiently well exposed to reveal significant

81
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changes. For EV Lac, a significant increase in the O VII i line during the flaring phase 

is found, indicating a strong density increase. Using a bootstrap and cumulative 

distribution functions, solid statistical confidence limits on line flux changes can be 

given. An average O VII flare density of 3 • 1011 cm-3 is found, as compared to the 

quiescent density of 5 • 10locm~3. From the measured densities, the flaring volume 

is estimated at around 10% of the quiet corona.

5.2 Introduction

Coronae of cool stars are likely to be highly structured similar to the solar corona, 

where the ionised particles are tied to the magnetic field lines. As the emission 

measure, which is proportional to the luminosity, is given by EM = nenpV , where ne 

and ftp are the electron and proton density and V  the emitting volume, regions with 

high densities are brighter than those with lowr densities. While the solar disk can 

be observed in detail, stars are unresolved point sources. Any features in the stellar 

light curve or its spectrum are therefore superpositions of all processes occurring 

on this star during that time. Flares, huge energy events which can dominate the 

light curve for a few minutes to several hours, are manifestations of the magnetic 

field reconnecting to a state of lower potential energy. In this process, the plasma 

is heated and due to chromospheric evaporation fills post-flare loops and arcades. 

An increased density of a flare plasma is an indicator of chromospheric evaporation; 

measuring the loop density and its corresponding emission measure enables us to 

determine the emitting flare volume, which is unobservable by direct means.

The multi-million degree hot stellar coronae and flares are bright in soft X-ravs. 

The corresponding densities can be obtained from the density-sensitive lines in this 

spectral range, in particular from the He-like transitions of C v , N vi, O vil, Neix, 

M gXI and S ixm  (Gabriel & Jordan, 1969; Porquet et al., 2001). In cool stars with a 

negligible ultraviolet radiation field, the upper level of the forbidden line /  (Is 2s 3Si) 

has two major channels of transitions into other levels, either radiative decay into
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the ground state Is2 !So (with very long decay times, because this transition is 

forbidden) or, if the plasma density is sufficiently high, collisional excitation into 

the upper level of the intercombination line i ( ls2 p 3P!). With increasing density, 

the latter transition becomes increasingly important, thus leading to simultaneous 

reduction in /-line flux and increase in the «-line.

Chandra and XMM-Newton allow us to do time-resolved spectroscopy, as all 

observed X-ray photons are recorded with their individual energy and arrival time. 

Therefore we can obtain spectra from any given combination of time intervals. In 

particular, the light curve can be split into flaring and quiescent parts. Ideally, one 

would like to compare the spectrum of one flare (or a part thereof) to the quiescent 

state. However, this is only possible for very large flares with many recorded photons. 

Giidel et al. (2002) observed a huge flare on Proxima Centauri, with a 60-fold increase 

in soft X-ray flux from pre-flare to peak level, and were able to determine densities 

from the O vil and NelX / / /  ratio for different flare stages, the density increasing 

20-fold from pre-flare to peak level (from 2 x 10locm~3 to 4 x 1011 cm-3) and then 

gradually decreasing again. However, it requires a great deal of luck to capture 

such a huge flare in the course of only 20-30 hours of observation, the characteristic 

time usually allocated for stellar X-rav observations. The huge flare of Proxima 

Cen was to date the only one large enough to do time-resolved density analysis in 

X-rays. More common are flares with flux increases of a few times the pre-flare 

value. Attempts were made to obtain flare versus quiescent densities from such 

more averaged sized flares (Raassen et al., 2003; van den Besselaar et al., 2003). 

and trends toward higher densities for flares were inferred, but the photon-count 

statistics were not high enough to measure a significant increase in density (the lcr 

errors were overlapping). More common are density comparisons between different 

stars (Ness et al., 2001, 2002; Testa et al., 2004a).

Recently, Maggio & Ness (2005) found density variations measured from spectral 

lines in the corona of AD Leo between exposures taken several months apart. The 

intercombination lines of the NelX and Si XIII He-like triplets were strongly enhanced
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for the observation where the light curve seems to be in the declining phase of a 

large flare, as opposed to the observation where the emission was at a relatively 

constant low level. Based on these findings, our aim was to search particularly for 

(i) observations with flares, and (ii) for any changes in intercombination line fluxes 

between flare and non-flaring part of an observation, to ascertain whether the density 

changes can be positively attributed to flares. Once a flare density is measured, the 

emitting flaring volume can also be estimated.

Therefore, we searched the Chandra High-Energy Transmission Grating (HETG) 

archive for stellar flares, in particular from dMe stars, and looked for variability in 

the i and /  lines of He-like triplets between quiescent and active stages. Here, the 

focus is entirely on the O vil lines (resonance line r at 21.60 A ,  i at 21.80 A ,  /  at 

22.10 A ) ,  as this line triplet is well separated and unblended. The EV Lac obser­

vation was the only one from a flare star which has distinct flaring and quiescent 

stages, allowing to compare the two. Neither flare itself is large enough to analyse 

its spectrum alone, but combining all bigger flares we are able to extract an ac­

tive spectrum with an adequate signal-to-noise ratio. Finding strong indications for 

significant line changes in the i line of O VII for our manually chosen active versus 

quiescent spectrum, we devised a bootstrap to estimate the statistical significance of 

the observed variations, and find that the variations are indeed significant. An earlier 

analysis of the same observation was made by Osten et al. (2005), who additionally 

presented simultaneous observations with radio, optical and ultraviolet. They con­

cluded that the density changes between quiescent and flares derived from f  / i  ratios 

are not significant. However, they did not devise a bootstrap, nor applied any other 

elaborate statistical analysis tools. Because the flares are relatively short, close in 

time but differing manually chosen flare intervals can have quite different //?' ratios. 

Thus, comparing only one active to a quiescent spectrum without taking statistical 

behaviour into account can lead to inconclusive findings. The bootstrap method for 

the oxygen lines is also applied to three other dMe-star observations (Proxima Cen, 

AD Leo and AU Mic), but no significant density variations are found there, mainly
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because there was no clearly identifiable flaring versus quiescent state, and the flares 

are even smaller. From the f / i  ratios of the EV Lac observation we derive densities 

and also estimate the flaring volume.

We also derive temperatures from the G = ( /  +  i ) / r  as well as from the r /L y a  

ratios, and briefly discuss the inconsistencies between the two. We check for reso­

nance scattering, which might be an explanation for the large G-ratio, but cannot 

be confirmed in other lines. However, the problem can be resolved by allowing for a 

recombining flare plasma, i.e., a plasma not in thermal equilibrium. This last point 

will be analysed and discussed in more detail in the following chapter.

5.3 D ata reduction

We extracted light curves and grating spectra utilizing the Chandra Interactive Ana­

lysis of Observations (CIAO) software, version 3.2.1, following the science threads 

for CIAO 3.21. The CIAO software allows us to apply time filters. As each detected 

photon is recorded with its energy and arrival time, we can define any number of 

non-consecutive time intervals and extract photons that arrive within these times.

The photons detected through Chandra s High-Energy Transmission Grating 

Spectrometer (HETGS or HETG) are recorded in a two-dimensional array, the ze­

roth order of the grating spectrometer forming an image of the star (point-source), 

while the higher orders of the spectrum are projected outwards from the stellar 

image in a line according to their diffraction, plus and minus orders in opposite 

directions. The two gratings, the Medium-Energy Grating (MEG) with a range of 

2.5-26 A and the High-Energy Grating (HEG) with a range of 1.7-17.5 A form two 

such lines (or arms) at an angle of 10°. In this chapter, only the MEG data is used, 

as the focus is laid on the oxygen lines, which are beyond the wavelength range 

covered by HEG.

All the data older than version DS 7.3.0 had to be reprocessed, starting with

1 http: /  /  cxc.harvard .edu /  ciao/threads /
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the level 1 event file (evtl). If the observation was processed before DS 7.4.0, the 

acis_detect_afterglow correction was removed with dmtcalc, ACIS hot pixels and 

cosmic ray afterglows identified (acis_runJiotpix), creating a new bad-pixel file, 

which was then incorporated into a new evtl file using acis_process_events. The 

position of the zeroth-order image was then obtained with tgdetect, the region 

mask created with tg_create_mask, and grating events to spectral orders assigned 

(tg_resolve_events). This gives a new level 1.5 event file. A new level 2 event file 

(evt2) is then generated by applying grade/status and Good Time Interval (GTI) 

filters (dmcopy). Next, the destreak tool was applied to remove falsely deposited 

charge on the ACIS detector chips. Afterwards, a barycenter correction (axbary) 
was applied to the evt2 file, accounting for the difference in photon arrival times 

as the Earth and Chandra move around the Sun. The grating spectrum (pha2) is 

then extracted from the evt2 file with tgextract. From this, the grating RMFs 

and ARFs were created (mkgrmf and fullgarf) for the +1 and -1 order spectra 

of MEG and HEG. The light curve was extracted from the evt2 file (dmextract) 
for the HEG and MEG grating arms individually, excluding the zero order photons. 

Now, specific quiescent and flaring time intervals are chosen according to the light 

curve, and using them, quiescent and flaring spectra were extracted from the evt2 

file. The +1 and -1 order time-filtered spectra were co-added using the RMFs and 

ARFs of the entire observation.

5.4 Analysis and results

In this section, the data analysis method is described using the observation of EV 

Lac. First, the light curve and spectra of EV Lac are presented (Sect. 5.4.1), then 

the statistical analysis method introduced using EV Lac data (Sect. 5.4.2), and 

finally the statistical method is also applied to three other dMe stars (AD Leo, AU 

Mic and Proxima Cen) in Sect. 5.4.3.
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5.4.1 Light curve and spectra

Figure 5.1 (top panel) shows the light curve of EV Lac observed with Chandra. 

It has a quiet (Q) phase during the first part of the observation and an active 

(A) phase during the second part, which makes it an ideal candidate to look for 

spectral changes between the two phases. As none of the flares are large enough 

to accumulate sufficient photons during its duration to obtain a spectrum with an 

adequate signal-to-noise ratio, we sum up the photons of several flares in order to 

obtain a flaring spectrum with a reasonably good signal-to-noise ratio. Of course, 

physical properties of individual flares may differ widely, and we keep in mind that 

by co-adding several flares we can only gain information about their average, which 

need not coincide with any individual flare.

We split the observation manually into a flaring (black) and a quiescent (blue) 

part, and reduce the spectrum of each. The lower left panel of Fig. 5.1 shows the 

X-ray spectrum in the range of 21.4-22.2 A ,  containing the He-like O VII line triplet, 

with the resonance line r  at 21.6 A ,  the intercombination line i at 21.8 A ,  and the 

forbidden line /  at 22.1 A .  The spectrum in black was obtained from the flaring 

phase of the observation and corresponds to the black part of the light curve, while 

the blue part corresponds to the quiescent phase of the observation. The thickness 

of the spectral lines outlines the standard error, which roughly means that if the 

lines overlap there is no significant change in line intensity from one spectrum to 

the other, while if they are well separated the change is significant. The lower right 

panel of Fig. 5.1 displays the O vm  Lya line, centred around 18.97 A ,  for the same 

data.

In collisionally ionised plasmas, which is the case for stellar coronae. the line 

ratio R  =  f / i  is density sensitive and decreasing with increasing density, while 

the line ratio G =  ( /  +  i ) / r  is temperature sensitive and decreasing with increasing 

temperature (Gabriel & Jordan, 1969; Porquet et al., 2001). Of the O v i i  line triplet 

(Fig. 5.1, bottom left panel), the intercombination line is the only line showing a



CHAPTER 5. HIGH-DENSITY FLARES ON E V  LACERTAE 88

EV Loc

2.0

in
o
o  1.5
UJ2O

0 .5

11.732 11.734 11.736 11 .738 11.740
Time [1 0 7 sec]

EV Loc

0.20

0.15

c3Ou 0.10

0.05

0.00
21.4 21.6 21.8 22.0 22.2

A

Flaring
Q uiesc

EV Loc

1.0

0.8

>
c3O

0.4

0.2

0.0̂ ^ — ■ ■ 1 . i . i . . .
18.90 18.92 18.94 18.96 18.98 19.00 19.02 19.04

Figure 5.1: The Chandra HETG-MEG light curve (top), 0  vn-triplet (bottom left) 

and O VIII line (bottom right) of EV Lac. The light curve was divided into flaring 

(black) and quiescent (blue) time intervals. The two different coloured spectra 

correspond to these times. For illustrating purposes, the spectra were smoothed 

by a factor of 5, matching the instrumental resolution of 0.023 A. The thickness of 

a spectral line corresponds to its standard error. The light curve, with an observing 

cadence of 3.24104 s, was binned by a factor of 10 and smoothed by a factor of 20 

for the plot; the lcr error bars are plotted about every 160 s; and the time is given in 

seconds after midnight of 1 January 1998. The quiet (Q) and active (A) phase of the 

observation as defined in the left panel will be used for the analysis in Sect. 5.4.2.
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significant increase from the quiescent to the flaring state. The other two lines 

remain at the same flux level. This means that the density during the flares is 

increased. But how significant is this increase, and specifically, how robust is it if 

flare intervals are chosen slightly differently? Indeed, some flare intervals show a 

much lesser density increase, as for instance the one used by Osten et al. (2005). In 

order to answer this question, a bootstrap using the cumulative distribution function 

(CDF) is devised in the following section.

At first glance, the obtained changes in line fluxes would also mean a temper­

ature decrease during the flares, because the G-ratio increases. The inconsistency 

arising from the temperature estimate from the G-ratio versus the one from the 

O VII r/O  v i l l  Lya-ratio, which shows no change, is discussed at the end of this 

chapter, and in more detail in Chapter 6.

Because all the oxygen lines of our interest are well separated and without line 

blends with Chandra MEG, we can measure the count rate / of a line by accu­

mulating the count rates from —0.05A to +0.05A around the respective line cen­

tre, which is adequate for the instrumental resolution of Chandra HETG-MEG of

0.023A (FWHM). We also estimate the standard error 07 for each line, which is mea­

sured and basically follows Poisson statistics (square root of the number of photon 

counts). The background and continuum are neglected, as they are both small. For 

each spectral line, we calculate the count-rate excess (difference between flaring and 

quiescent) A/ =  l\ — Z2, where ZL2 is the count rate of a line from spectrum 1 and 2, 

respectively. We use the notation I — i  for the 0  VII intercombination line, l — f  for 

O vn  forbidden line. I =  r for O vil resonance line, and / =  a for O vm -Lya line. 

The corresponding error o^z is given by error propagation a \ t = of +  of2, where 

o’/j and 072 is the error in li and Z2, respectively. We also introduce the notation 

=  A l/a&i, which is the count-rate excess of a line in units of its standard error 

(a value of /(h =  0 means identical fluxes, Zi =  Z2, a value of l$  = 1 means that the 

lines differ with a significance of la ).
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5.4.2 S tatistical assessm ent

How significant is z<t>? To answer this question we devise a bootstrap by reconstruct­

ing the cumulative distribution function (CDF) for each line. The CDF is defined 

as F(<&) = / f o o /^ )  d0, where is the normalised probability density function. 

Thus, $  is an increasing function from 0 to 1 over — oo < $  < oo. Practically, we 

get the CDF by obtaining a large set of random variables (observations) <Fn, with 

n  =  1, 2, ...,7V and TV the number of elements in the set, so that the variables are 

sorted (<!>„+1 > for all n). For <f>n < <I> < $ n+i, the CDF is then given by 

F(<F) =  n / N .

We obtain the CDFs by slicing the observation into 12 or less random, disjoint 

time intervals, then co-adding the photons of the even sections into one and the 

photons of the odd sections into the other spectrum, such that the two spectra 

add up to the total observation (each photon is associated to either one of the two 

spectra), and assigning one of the two spectra randomly as spectrum 1 and the 

other one as spectrum 2. We then calculate *<!>, r<F, and a<f> for this spectral 

pair. This process is repeated 1000 times so that each has TV =  1000 elements. 

As an additional constraint, we only allow pairs of spectra where each of the pairing 

spectrum was accumulated over at least 20 ks (in the case of EV Lac, at least 10 ks 

for the other targets); this is to ensure a reasonable signal-to-noise ratio for each 

spectrum and results in an actual TV which is somewhat smaller than 1000.

Figure 5.2 shows the CDFs F (l3>), F( f$) .  F (r<F), and F(a$)  for the entire

EV Lac observation. For comparison, the line between the shaded and the white
2

area is the CDF of the normal distribution 2 d</>. First, we notice that

all the CDFs are symmetric around <3> =  0 and F  =  which confirms that our 

statistics is unbiased, as the /(l>'s are random and therefore have equal probability 

to be positive or negative. As the spectral noise is dominated by Poisson statistics, 

F (l<&) is expected to follow the normal distribution if the line does not change
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Figure 5.2: The cumulative distribution functions (CDFs) for the O v n - i  (21.8 A ) ,  

O VII - /  (22.l A ) ,  O v il-r (21.6 A ) ,  O vm -Lya (18.97A) line difference in units of its 

standard error (see main text) between two disjoint random spectra of the entire EV 

Lac observation. The dividing line between the grey shaded and the white region 

in the graph is the CDF of the normal distribution. The r-line follows the normal 

distribution, implying that there is no variation beyond noise statistics. The CDFs 

for the other lines are all broadened, implying a significant change beyond noise, i.e. 

line variability due to density or temperature changes. The crosses mark the values 

corresponding to the line differences of the two manually selected spectra shown in 

Fig. 5.1, the values being F(*<f>) =  0.98, F( /$ )  = 0.81, F ( r<f>) =  0.63, F (a<f>) =  0.93.
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Figure 5.3: Same as Fig. 5.2, except that the line excess is calculated from the 

difference of a random spectrum from the active phase and a random spectrum 

from the quiet phase. All the lines are shifted toward positive indicating a 

generally higher flux during flare activity than during quiescence. The i line is 

shifted the most, being the only one where more than 95% of the distribution has 

positive values. The crosses marking the values of the two manually chosen spectra 

are at F(*$) =  0.97, F(^4>) =  0.84, F ( r$) =  0.51, F (a$) =  0.92.
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intrinsically during the entire observation, but only fluctuates because of photon- 

count uncertainty. This is the case for F (r<J>), meaning that the resonance line 

does not vary beyond flux uncertainty. The other CDFs, however, have a broader 

distribution. They vary more than just because of the photon count uncertainty, 

but because there is a real change in the physical conditions during the observation, 

i.e. density or temperature fluctuations. The crosses in the plot mark the values 

corresponding to the line excesses of the manually selected spectral pair displayed 

in Fig. 5.1.

The CDFs constructed from the entire observation do not let us answer the 

question whether the spectral variations are caused by the flares or not. To address 

this question, we make use of the fact that the light curve of EV Lac is neatly 

divisible into a quiet (Q) and an active (A) phase (see panel 1 of Fig. 5.1). Instead 

of dividing the entire observation randomly into two parts and taking the difference 

of the two spectra, we now take the difference between a random spectrum obtained 

during the active phase (a subset from the active phase) and a random spectrum 

from the quiet phase (a subset from the quiet phase). Figure 5.3 displays the CDFs 

of the spectral difference of the active versus quiet phase for our four spectral lines 

of interest, again in units of its standard error (same convention as for Fig. 5.2). 

The shift of all CDFs along the x-axis toward positive values reflects the general 

flux increase during the active phase compared with the quiet one. The r, /  and 

a  lines are shifted only very little, while the i line is shifted considerably toward 

larger values, implying a relative larger flux increase during flare activity for this 

line compared with the other ones. The confidence level for a line increase (where 

> 0) is 97% for the / line, but considerably smaller for the other lines (66% for 

/ ,  68% for r and 74% for ft). Therefore wre conclude that although the /  as well as 

the ft lines along with the i line show flux variations during the entire observation 

(because of a deviation from the normal distribution, see Fig. 5.2), the i line is 

the only one which is significantly (with a confidence level of 97%) enhanced during 

flares. The count-rate increase of the i line is also the only one which has a confidence
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level above 95% in either and both the distributions (total as well as active versus 

quiescent).

5.4.3 R esults o f other dM e stars

Can we also observe temporal variations of the investigated oxygen lines in other 

flare stars? We analysed the data of AD Leo, Proxima Cen and AU Mic, all active 

M-type dwarfs like EV Lac which were also observed by Chandra HETG. Figure 5.4 

shows the light curve (left panels) of, from top to bottom, AD Leo, Proxima Cen 

and AU Mic, again manually divided into two parts (black and blue), and the 

corresponding spectral lines of O vil (middle panels) and 0 VIII (right panels). AD 

Leo and AU Mic have many small flares or fluctuations comparable to the small 

variations during the quiescent phase of the EV Lac observation, where the flux 

level changes by less than a factor of 2. In comparison, the flux changed by up 

to a factor of 4 during the flares of EV Lac. These ongoing small variations make 

it impossible to split any of the observations into two different activity stages like 

the one for EV Lac, thus only statistical behaviour of the total observation can be 

determined, but no comparison between two different phases is possible. Proxima 

Cen has a flare at the beginning of the observation with a flux increase by a factor 

of approximately 3 and thereafter stays at a very low emission level. The flux level 

of the quiescent phase of Proxima Cen is at about half the level of any of the other 

quiet emission levels. Therefore, the signal-to-noise ratio is rather poor, which is 

reflected in the weak lines and large error regions of the spectrum. By looking at 

each pair of the manually chosen spectra, none of the oxygen emission lines of these 

three stars varies significantly, except for the O vil I line of Proxima Cen, which is 

because of the larger flux and suggests a higher temperature during the flare.

Figure 5.5 shows the CDFs, obtained in the same manner as Fig. 5.2 for EV Lac 

(Sect. 5.4.2), for the oxygen lines of AD Leo, Proxima Cen and AU Mic. In AD Leo 

(left panel), the i and a  lines are normally distributed, while r and /  show a small
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Figure 5.4: Light curves and spectral lines of, from top to bottom, AD Leo, Proxima 

Cen and AU Mic.
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Table 5.1: EV Lac line count rates. In bold are significant changes.

Ion Transition A [A] q̂uiet [cts/ks] âctive [cts/ks]

O vm  Lya 2p2P i 3-2’2 M s2Si2 18.97 6.8±0.3 7 .9±0.4

O vil r Is 2p ^Pi —Ms21S0 21.60 1.3±0.1 1.4±0.2

0  VII i ls 2 p 3Pi,2-Ms21S0 21.81 0.31±0.07 0.7±0.1

O vil / 1s2s3S i--Ms2 % 22.10 0.53±0.09 0.7±0.1

Fexvil 2s22p53 d 1P i^ 2 s 22p61S0 15.01 3 .3± 0.2 4 .6± 0 .3

Fexvil 2s22p53d3Di->2s22p61S0 15.26 2 .1± 0.2 2 .8±0.3

Fe XVII 2s22p53s3P 1-*2s22p61S0 16.78 1 .7±0.2  2 .6±0 .3

deviation from the normal distribution. This suggests that there might be small 

temperature or density variations during the observation. The same goes for AU 

Mic (right panel), where the a  line is the only one having a broader than normal 

distribution. As the manual values of all the lines with a broadened distribution have 

not particularly high confidence levels, neither of these variations can positively be 

attributed to the small flares observed. For Proxima Cen, all the O vil lines are 

normally distributed. However, the O vm  line shows a huge broadening, with the 

manual value for the flare having a confidence of 100%. This confirms the clear line 

flux change directly seen in Fig. 5.4 and demonstrates that using CDFs to determine 

confidence levels is a useful and powerful method for analysing temporal flux changes 

in spectral lines.

5.5 Discussion

5.5.1 Tem perature and densities from line ratios

The count rates of relevant lines, both for the quiescent as well as the active phase of 

the EV Lac observation, are displayed in Table 5.1. Bold numbers indicate significant 

changes (non-overlapping errors) between the two spectra. Of the oxygen lines,



CHAPTER  5. HIGH-DENSITY FLARES ON E V  LACERTAE 98

Table 5.2: EV Lac line ratios and derived densities and temperatures. In bold are 

ratios which show significant changes.

quiet (Q) active (A) flaring (A-Q)

R = f / i 1.7±0.5 1.0± 0.2 0.44±0.36

G =  ( /  +  i ) / r 0 .6± 0.1 1.0± 0.2 5.6±12.3

{ f  + i +  r ) /a 0.31±0.03 0.35±0.04 0.6± 0.6

r / a 0.19±0.02 0.18±0.03 0.1± 2.0

Fexvil (A15.26/A15.01) 0.6± 0.1 0.61±0.08 0.5±0.6

Fexvil (A16.78/A15.01) 0.52±0.07 0.57±0.07 0.7±0.5

ne [10locm~3] 5 [3,9] 11 [9,16] 32 [16,226]

Tg [NIK] 4 1.5 -

Tr/o [MK] 4 4 -

O vm  Lya and O vil? both increase more than the sum of their standard errors, 

while O vil r and /  remain the same.

The first part of Table 5.2 displays various ratios using the numbers from Ta­

ble 5.1. Both the R- and G- ratios show significant changes between the quiescent 

and the flaring spectrum. From these ratios, we estimate an electron density ne and 

an electron temperature Tq using the tabulated calculations from Porquet et al. 

(2001). During quiescence, we obtain n€ = 5 • 10locm-3 and Tq =  4MK, while 

during flares the average density doubles 1 • 1011 cm-3, and the pure flare density (as 

derived from the active minus the quiescent spectrum) is estimated at 3 • 1011 cm-3, 

with a lower and upper limit of 1.6 • 1011 cm-3 and 2 • 1012cm-3, respectively. The 

flare temperature apparently drops by more than a factor of 2. Another temperature 

estimate using the 0  VII r  to O vm  Lya ratio ratio remains the same in both spectra 

and gives temperatures of 4MK (using the CHIANTI database), the same as the 

temperature obtained from the G-ratio for the quiescent spectrum. We conclude 

that there is no measurable oxygen temperature increase during the flares, and that
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the G-ratio is altered for other reasons, which will be discussed in the following 

sections. Therefore, a temperature of 4 MK was used for all density estimates from 

i?-ratios (as the R -ratio is only weakly dependent on temperature, the exact value 

of the temperature does not matter much anyway), using the tabulated values of 

Porquet et al. (2001), with the radiation temperature value set to zero.

5.5.2 R esonant scattering

The temperature-sensitive G-ratio is larger for the active phase than what it is for 

the quiescent phase, suggesting a lower temperature during the flares. This con­

tradicts our knowledge about flares, which usually show an increased temperature, 

and is also not consistent with the temperature derived from the r /Lya  ratio, which 

remains unchanged. In fact, the overall flare temperature is very high indeed, as is 

seen in the rise of lines with hotter formation temperature in the entire soft X-rav 

spectrum (Chapter 6). Therefore, we seek another mechanism responsible for the 

suppression of the r-line flux. One possibility is resonance scattering, i.e., the ab­

sorption of a passing photon of the right energy by photo-excitation and subsequent 

re-emission of a photon out of the line-of-sight. The transition 2So —* JPi {r) is 

affected by resonance scattering, as its oscillator strength is high, while the tran­

sitions 1S0 —> 3P ].2 (0 and %  —> 3Si ( /)  are not subject to resonance scattering, 

as these atomic transitions would need a change of spin. This means that photons 

from the r  line may get lost or amplified on their way to the observer, depending 

on the geometry of dense structures, which the photons have to traverse on their 

way to the observer. In particular, if a dense, elongated structure lies in the path 

of the photons, resonant photons may be scattered out of the line-of-sight. Such a 

geometry is possible, especially as we assume the flares to be associated with dense 

coronal loops. A support for this view is obviously the strong density increase dur­

ing the flares. The i and /  photons, however, are not affected by this scattering 

effect. Thus, only the resonance line would be suppressed and the overall effect is
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an increased G-ratio. Testa et al. (2004b) for instance find a suppression of the Lya 

and r  lines of oxygen and neon and relate it to resonance scattering.

We test the hypothesis of resonance scattering by looking at line ratios of certain 

Fexvil lines, which are particularly sensitive to resonance scattering (Ness et al., 

2003). The line at A=15.01 A  is most affected, while the line at A=15.26 A  scatters 

less than a quarter of the A15.01 line, and scattering of the A16.78 line is even 

less probable at only 0.04 times that of the A15.01 line. We look at both the 

A15.26/A15.01 and A16.78/A15.01 ratios during quiescent and active emission, which 

are listed in Table 5.2. Contrary to findings by Matranga et al. (2005) of flares on AB 

Dor where resonant scattering is found, both the ratios here do not vary between 

the two states. Therefore, we reject the hypothesis for resonance scattering and 

investigate other possibilities.

5.5.3 Transient recom bination

Spectra, with He-like triplets which show a G-ratio of 4 or more, i.e., the r line is 

much weaker than the sum of the i and /  lines, are indicative of a cooling, recombin­

ing plasma (Pradhan, 1985), a plasma which is no longer in ionisation equilibrium. 

In a cooling plasma, with recombination processes dominating collisional ionisa­

tion, the JPi state is populated by recombinations and cascades from higher orbit 

recombinations to a much lesser extent than the 3P and 3S states.

Flares are prototypical high-energy, non-equilibrium events, releasing electro­

magnetic continuum radiation over a wide range of the spectrum, from radio to q 

ravs. It has earlier been suggested that flare plasma should be treated as a collisional 

ionizing plasma in its initial phase, and radiative recombining in its gradual cooling 

phase (Liedahl, 1999), as it is heated by an initial shock and subsequently cools via 

radiative processes. However, such spectra are rarely observed, because their usual 

short integration period of a flare duration of only a few minutes yields low signal-to- 

noise ratios. We will elaborate in more detail on this topic in Chapter 6, where the
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pure flare spectrum (active minus quiet spectrum) of EV Lac is presented. Transient 

recombination is therefore a viable explanation for spectra which were obtained from 

the decay phase of flares, or a superposition of those with more quiescent emission. 

The latter may be in a collisional ionisation equilibrium (CIE) state, but the former 

is not, making it a hybrid plasma where CIE interpretations are no longer valid.

5.5.4 Flaring volum e

The emission of the active phase is given by the superposition of the emission of the 

quiescent phase and the pure flaring emission. Note that the pure flaring emission 

is an average over all selected flares. Let us assume that the volume from where 

the active emission originates equals the quiescent emitting volume, i.e., the flare

replaces part of the quiet corona. We also use the definition of the emission measure,

EM =  J nenpdV,  with ne the electron. np the proton density integrated over the 

emitting volume V.  We set np = ne (a more exact approximation usually used is 

np =  0.85rce) and assume ne is constant within the emitting volume. This leads to 

the following identities for volumes and emission measures, with A denoting active, 

Q quiescent, and F flaring phase

EMq,a.f =  nQ.A,F Fq,a,F (5-1)

EM a — EMq T EMp (5.2)

Ra -  Vq . (5.3)

Rearranging the above equations (e.g., substituting Eqs 5.1 into Eq. 5.2. then re­

placing V'a by Eq. 5.3 and solving for Vf/Vq), we obtain

£ ■ ̂Fq n p

Inserting the values for the densities from Table 5.2, we obtain Vp ss O.IVq, i.e., the 

flaring volume is about 10% of the quiescent corona. As the density intervals are 

adjacent, this is only a rough estimate; within the error margin, Vf/Vq can take any 

value from 0 up to almost 1.
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5.6 Conclusions

We find that the intercombination line flux of O vil increases significantly during 

flares on EV Lac, while the other O vil line fluxes remain unchanged. This suggests 

increased densities (from ~  5 to 30 x 1010cm-3) during flares at 4MK. For solar 

flares, similar flare-density enhancements derived from the O vil f / i -line ratio were 

observed by Doschek et al. (1981). We obtain (i) a quiescent density, (ii) an active 

density, which is given by the superposition of flares and quiet corona at 4MK, and 

(iii) a flaring density, which is derived from the line ratios of the active minus quies­

cent spectrum. The latter has the largest uncertainties because of error propagation. 

Based on these densities, the flaring volume is estimated to be around 10% of the 

quiet coronal volume.

A bootstrap wras devised to statistically assess the significance of the line flux 

changes. Of the lines of the O Vll-triplet and O VIII Lya, and requesting a confidence 

limit of over 95% , only the O vil i line showed significant flux increase during flares, 

implying a larger density. The statistical assessment also worked for a flare on 

Proxima Cen, where the O VIII Lya line was significantly enhanced due to a hotter 

temperature. The bootstrap is an excellent method to statistically confirm that a 

variable is significantly changing, even when the error margins are rather large (over 

30% in this case) and a simple comparison between two states is inconclusive.

For collisionallv ionised plasma in thermal equilibrium (coronal plasma), the G- 

ratio can also be used to determine the electron temperature of the plasma. However, 

the rise in only the intercombination line and not in the resonance or the forbidden 

line yields a lower flare temperature using the G-ratio, which is counterintuitive 

and is not supported by the temperature derived from the O VII r/O  vill Lya ratio. 

We tested for the occurrence of resonance scattering during flares, which could be 

a possible explanation, as the photons of the r line would be affected to a much 

larger extend than the ones from the i or /  lines. However, other ratios, namely of 

Fe xvil lines, which would also be affected by resonance scattering are not changed



CHAPTER 5. HIGH-DENSITY FLARES ON E V  LACERTAE 103

between quiescent and flaring state in this observation, so the resonance scattering 

hypothesis has to be rejected. We suggest that the suppressed resonance flux along 

with the increased flux in the intercombination line during the flares is due to a 

recombining plasma (Pradhan, 1985), as is the case for cooling plasmas in non­

ionisation equilibria. This is consistent with what we know about flares, high-energy 

phenomena in thermal non-equilibrium. They cool during their decaying phase, and 

a ‘coronal’ plasma assumption is no longer valid.



Chapter 6

The recombining X-ray flare 

spectrum of EV Lac

6.1 Summary

In this chapter, the pure flaring spectrum of the active M-type star EV Lac is 

presented, as observed by the Chandra observatory in the soft X-ray range 1.7- 

26 A. While the quiescent spectrum is in collisional ionisation equilibrium (CIE), as 

expected for a thermal, coronal plasma, this is no longer true for the flaring spectrum. 

While, as expected, the latter is dominated by hotter lines than the quiescent one, 

we also find that certain line ratios of the flaring spectrum are incompatible with 

a “coronal” plasma in thermal equilibrium. However, they are consistent with a 

highly ionised, rapidly cooling plasma. These findings have major consequences for 

interpreting the plasma of active stellar coronae. In particular, such thermal non­

equilibrium conditions lead to a suppression of the resonance line and affects the G- 

ratio of He-like ions, which is often used for temperature diagnostics. Active stellar 

coronae, where the emission is thought to come from a superposition of numerous 

small flares, should no longer be treated in CIE, but rather as a hybrid plasma with 

an additional cooling component. Inconsistencies between the temperature derived

104
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from the G-ratio and temperatures derived by other means can thus be resolved.

6.2 Introduction

Traditionally, a stellar coronal plasma is treated as being collisionally ionised and 

in thermal equilibrium, which is usually a good approximation. This assumption is 

normally also made for flaring plasmas. However, coronal flares, which release huge 

amount of energies on short time scales (several tens of minutes to a few hours), 

are quintessentially in a non-equilibrium state, and therefore a flaring plasma need 

not show the same characteristics as a quiescent one. In this chapter, we discuss 

inconsistencies in the flaring spectrum of EV Lac if it is interpreted as a purely 

collisionally ionised plasma, and suggest that treating it instead as a recombining 

plasma resolves the puzzle.

It is generally accepted that a flaring plasma is hotter, as the line emission from 

ions with higher formation temperature is usually enhanced. Basically, temperatures 

can be obtained using two types of line ratios: (i) from lines of the same element but 

in different ionisation states, or (ii) from lines of the same ion. In particular, He- 

and H-like transitions have good diagnostic capabilities in the X-ray range, as the 

transitions of C, N, O, Ne, Mg and Si all lie within 1-40 A. In recent years, during 

the Chandra and XMM-Newton era, inconsistencies have been found between 

estimating the temperature with the G-ratio and by other means, especially for 

active stellar coronae. It is suspected that the G-ratio, which is given by 

where r is the resonant line transition (Is2 ^ o - ls  2p ^ i ) ,  i the intercombination line 

transition (Is2 1S o-ls2p 3Pi,2) and /  the forbidden line transition (Is2 1S o-ls2s 3Si) 

is not always reliable.

To interpret a spectrum one needs to establish the dominant physical process 

which led to its formation. A plasma can either be in ionisation equilibrium (IE), 

which applies to the majority of observed spectra, or in a non-equilibrium state or 

non-IE (NIE) (Liedahl, 1999). Both cases can again be split into two categories.



CHAPTER 6. THE RECOMBINING X -R A Y  FLARE SPECTRUM 106

In equilibrium, the plasma can either be in collisional ionisation equilibrium (CIE), 

where electron-ion collisions are balanced by radiative recombination, or in photo­

ionisation equilibrium (PIE), where an intense radiation field strips ions of their 

outer electrons, which are then recaptured via radiative recombination and cascade 

back into lower orbits (Kahn et al., 2002). The first is characteristic of a coronal 

plasma in thermal equilibrium, with million K high electron temperatures, while 

the second type is characterised by rather cool temperatures around 1000 K, but 

with a strong radiation field, and applies to accretion powered sources such as X- 

ray binaries and active galactic nuclei. Transient plasmas in NIE can either be 

dominated by ionisation (collisional or photo-), as observed in super-nova remnants 

(SNR), or by recombination (Liedahl, 1999). As time-scales in SNR are rather large,

i.e., hundreds of years, such transient plasmas can easily be observed there.

The G-ratio of the He-like triplets is a good indicator about the plasma type. 

For G between 0.7 and 1.5, the plasma is usually in CIE, while G below 0.7 holds 

for an ionizing, and G above 1.5 for a recombining plasma (Pradhan, 1985). A 

large G-ratio arises because recombining electrons (from direct recombination and 

radiative cascades following recombination onto higher levels) mainly end up in the 

3Si state (and, if the density is large enough, can from there be excited to the 3P i.2 

states) and to a much lesser extent in the resonant 2p !P] state. In fact, while 

the n =  2 state is the predominant excited resonance line *Pi under collisions, 

electrons can recombine as likely to any other resonant level (3p, 4p, etc.), and 

therefore in a recombining plasma the r line is also suppressed when compared to 

higher n-states (Bautista & Kallman, 2000). In particular, an enhanced Is2 ]So -  

Is 3p *Pi line compared to the r line is a further indicator of a recombining plasma. 

On the other hand, if the plasma is ionised, photoexcitation is occurring from the 

ground into the resonant !Pj state, which enhances the r line and decreases the 

G-ratio (also, electrons from the 3Si state ( /)  are photo-excited into the 3P i.2 state 

(?), decreasing the /7-ratio, independently from density conditions). The G-ratio is 

temperature dependent for any of the above scenarios, but the dependency is not the
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same (Bautista &; Kallman, 2000). Therefore, using the G-ratio as a temperature 

diagnostics tool, one needs to first establish the type of plasma observed. A further 

plasma type could also be a hybrid plasma, i.e., a superposition to different kinds 

of the above described plasmas, which makes G-ratio temperature diagnostics even 

trickier.

Solar and stellar flares are transient phenomena on rather short time-scales, 

few seconds for the ionisation phase, and tens of minutes for the cooling phase. The 

ionisation phase is given by a strong increase in temperature caused by reconnection 

of magnetic field lines, which unleashes a shock through the flare site, releasing non- 

thermal hard X-ray, 7-ray, ultra-violet and radio radiation, and seen In soft X rays in 

the rise phase of a flare light curve, while the cooling phase is given by the gradual, 

long decay of the soft X-ray light curve.

We present the X-ray spectrum of EV Lac extracted during the entire flaring 

phase of several flares, and compare it to the quiescent plasma. While the quiescent 

plasma is in CIE, we argue that the flaring plasma shows the characteristics of a 

recombining plasma in NIE. The dMe star EV Lac as well as the Chandra data 

extraction were already described in Sect. 5.3, and will not be repeated here.

6.3 Results and discussion

The here presented active and quiescent spectra are the same ones used in Chapter 5 

and referred to as manually selected spectra. The quiescent one was extracted from 

the blue part of the observation (accumulated over 60.6ks), as indicated in the light 

curve of Fig. 5.1 (top panel), while the active one was assimilated from the flaring 

part shown in black (accumulated over 39.1 ks). The flaring spectrum is defined 

as the difference between active and quiescent spectrum, as we assume that the 

flaring emission is superimposed on the quiescent one, and not replacing it. The 

total fluxes in the quiescent as well as the flaring spectrum are comparable and are 

listed in Table 6.1.
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Table 6.1: Chandra HETG fluxes of EV Lac during quiescence and flares

Instrument Wavelength 
Range (A )

Quiescent Flux 
(1028 ergs-1)

Flaring Flux 
(1028 ergs-1)

MEG 2.5-26.0 2.8 3.1

MEG 1.7-17.5 1.9 2.5

HEG 1.7-17.5 2.0 2.6

Spectra from both the Chandra High-Energy Transmission Grating Spectrom­

eter (HETG or HETGS) High-Energy Grating (HEG) arm, with a spectral range 

from 1.2-15 A  and a resolution of 0.012 A  (FWHM), as well as from the Medium- 

Energy Grating (MEG) arm with a spectral range of 2.5-26 A  and a resolution of 

0.023 A  (FWHM) were extracted.

Figures 6.1-6.9 show the Chandra HETG-MEG and HETG-HEG spectra of EV 

Lac. The quiescent spectrum is given by the light blue line, the active spectrum 

by the black dotted line, and the pure flaring spectrum (active minus quiescent) by 

the solid dark red line. The largest la  error within each panel is plotted in one 

of the upper corners, and the errors roughly scale with the flux. For illustration 

purposes, the spectrum was smoothed by a factor of 5, matching the instrumental 

resolution of 0.023 A  for MEG and 0.012 A  for HEG. Three different flux scales (with 

units 10- 12ergcm-2 s-1 A - 1 ) are used to present the figures. The flux range of the 

first three figures (Figs 6.1-6.3) goes from 0 to 40 and displays nicely the most 

pronounced changes; medium resolution can best be seen in Figs 6.4-6.6 with a flux 

range from 0 to 10; and the last three figures (Figs 6.7-6.9) with a flux range from 

0 to 3 display the most details. For wavelength ranges where there are MEG as well 

as HEG data, the corresponding two spectral plots are shown in the same figure, 

with MEG in the top and HEG in the bottom panel (Figs 6.1- 6.2, 6.4-6.5, and 6.7- 

6.8). We note that both the MEG and HEG spectra are in good agreement. Here, 

the spectra are discussed qualitatively. Fitting spectral models to derive elemental 

abundances, differential emission measures etc. are left to the future.
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Figure 6.1: The Chandra MEG (top) and HEG (bottom) spectra between 1.7 and

9.8 A of flaring (red) and quiescent (blue) states of EV Lac -  strongest lines.
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Figure 6.2: The Chandra MEG (top) and HEG (bottom) spectra between 9.8 and

17.9 A of flaring (red) and quiescent (blue) states of EV Lac -  strongest lines.
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9.8 A of flaring (red) and quiescent (blue) states of EV Lac -  medium zoom.
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Figure 6.6: The Chandra MEG spectrum between 17.9 and 26.0 A of flaring (red)
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Figure 6.7: The Chandra MEG (top) and HEG (bottom) spectra between 1.7 and

9.8 A of flaring (red) and quiescent (blue) states of EV Lac -  details.
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Figure 6.9: The Chandra MEG spectrum between 17.9 and 26.0 A of flaring (red)

and quiescent (blue) states of EV Lac -  details.
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6.3.1 Spectral lines

We discuss all prominent lines in the spectra, with special focus on the resonant 

transition lines of H-like (np2P !/2 —► I s 2Si/2, Lyman series), and He-like ( I s n p 1?! 

—» Is2 !So) ions (with n=2,3,4,...), some FeL-shell transitions, and the intercombina­

tion ( l s 2p 3P lj2 —> ls21So) and forbidden (1s 2s 3Si —► ls21So) transitions of He-like 

ions. We also check for radiative recombination continua (RRC) to either rule out or 

confirm photoionisation. Displayed line transition values were taken from CHIANTI 

5.1, with the exception of N VI /?, 7 and 8, which, along with the values for the RRC 

edges, were taken from XSTAR 2.1.

6.3.2 Overall trends

Let us first discuss the overall trends of the spectral changes from quiescent to flaring 

emission while concentrating on Figs 6.1-6.3. The cooler lines, usually situated 

at longer wavelengths (> 1 2 A ) ,  are generally stronger in the quiescent spectrum 

(light blue) than in the flaring one (dark red), while the opposite is true for hotter 

lines below 12 A .  The hottest lines identifiable in the quiescent spectrum are the 

resonance line Si XIV Lya (the ‘Ly’ is omitted in the plot labels) at 6.19 A ,  with a 

peak formation temperature of ~16MI<, which gives us an upper limit on the quiet 

coronal temperature, while the hottest lines in the flaring spectrum are the Fe XXV 

with a temperature of ~63MK, the (unresolved) He-like triplet being at 1.85-1.86 A.  

and possibly even the Fexxvi resonance line (A1.78) at 100 MK, which is visible in 

the HEG spectrum.

The strongest line in the quiescent spectrum is O vil I Lya (A18.97, Tpeak =  

13MK), while in the flaring spectrum this line is strongly reduced, with now NeX 

Lya (A12.13, 13 MK) being the strongest line, which has the same flux as during 

quiescence.

It is not clear whether a continuum exists at all or not. In the MEG spectrum, 

the X-ray spectrum seems to be elevated between ca. 6 and 12 A ,  more so in the
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flaring than in the quiescent phase, while in the same range in the HEG spectrum, 

this does not seem to be the case, as the flux level approaches zero now and again. 

Therefore, the MEG elevations seems more like a pseudo-continuum, consisting of 

unresolved lines.

6.3.3 T he He-like transitions

An increase in the i line, such that f / i  is decreased, is indicative of a density increase, 

while a relative decrease of the r line compared to /  and i suggests a recombination 

plasma. Another indicator of a recombination plasma is the He-like r(3/ra ratio 

( l s 21So - l s 3 p !P i) /( ls 2 !So - l s 2p 1Pi). This ratio increases for similar reasons 

like the G-ratio, namely because the l s 2p 1Pi is populated by recombinations to 

a relatively lesser extent than the l s S p T j  state (Bautista & Kallman, 2000), or, 

differently expressed, a recombining electron has no preference into which I s n p T i  

state to recombine, while for excitation it is much more likely to make the resonant 

transition with the lowest energy.

The O VII lines show a strong recombination signature. While the quiescent 

spectral lines show normal CIE behaviour, the r line is practically reduced to zero 

in the flaring phase, while the O vil (3 line flux remains the same, thus relatively 

increasing compared to the much reduced r flux, indicative of a recombining plasma. 

Earlier, we have ruled out resonance scattering as a cause for the reduced r-line 

flux, by independent comparison of Fexvn (A15.01, A15.26, and A16.78) line ratios 

(Sect. 5.5.2). Additionally, as was already investigated in Chapter 5, the i line showrs 

a strong enhancement, while the /  line has decreased, so that R  < 1 which implies 

a high density.

Does the possible recombination last long enough to be observed? Table 6.2 

displays the calculated equilibration timescales for collisional ionisation (r\on) and 

radiative recombination (rrec) using the rate coefficients given by Mewe et al. (1985)
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Table 6.2: Collisional ionisation and recombination equilibration timescales r

r
O vii

i /

Te =  100 MK T on N 0.02 2.6 11

ne — 30 • 1010 cm-3 Tec M 1470 240 150

Te = 100 MK T on M 0.07 7.9 34

77,e =  10 • 1010 Cm-3 Tec is] 4420 720 460

Te =  100 MK T on [s] 0.15 16 68

ne = 5 • 10locm-3 Tec [s] 8850 1440 920

Te = 10 MK T on [s] 0.04 0.28 1.3

ne =  30 • 1010 cm-3 T e c [s] 200 37 44

Te =  10 MK T on [s] 0.11 0.84 3.9

ne = 10 • 1010 cm-3 T e c [s] 600 110 130

Te -  10 MK T on [s] 0.22 1.7 7.9

7?e =  5 • 1010 cm-3 T e c [s] 1190 220 270

*II

T on M 0.10 0.31 1.5

7?,e =  30 • 1010 cm 3 T e c [s] 90 18 27

II

T on M 0.29 0.94 4.6

ne = 10 • 1010 cm 3 T e c [s] 270 53 81

Te -  4 MK T on [s] 0.59 1.9 9.2

7?e =  5 • 1010 cm-3 T e c [s] 540 110 160
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(which axe also used by CHIANTI) for the O vil r, i and /  lines at different tem­

peratures and densities. If the equilibration times are small compared to flare rise 

and decay times, respectively, then the plasma can be treated in thermal equilib­

rium. This is indeed so for the ionisation timescale r\on, which is in all tabulated 

cases much smaller than the typical flare rise time of a few minutes. However, the 

recombination equilibration time rrec for the r line is several thousands of seconds 

for 100 MK high temperatures, which is in the same order of or even larger than 

the flare decay time. The observed 100 MK flare temperature of EV Lac strongly 

supports the NIE interpretation of the flare spectrum. Thus it is possible to observe 

a transient recombining flare plasma which is not in thermal equilibrium.

The N e ix  lines are consistent with a coronal plasma, though recombination 

cannot be ruled out completely. The He-like triplet line flux is reduced in all the three 

lines during the flaring phase, implying less emission at the formation temperature 

of Neix, with the i line even completely disappeared, possibly because of a low 

overall flux and not necessarily because of lower density. Here, the (3 line is of no 

help, as this line is blended with Fexvill (possibly decreased flux during flares) and 

FeXXII (possibly increased flare flux).

M g XI shows decreased r  flux and increased i and /  flux during the flares, which 

suggests recombination and higher density (? only appeared in the flaring spectrum). 

A l XII is weak (probably low abundance), but the r and /  lines are appearing in the 

flaring spectrum (from zero in quiescence). The S ixm  r and / line fluxes increase, 

whereas /  slightly decreases, indicating higher density. Si XIII (3 also appears, hinting 

at recombination. S x v  r i f  and F ex x v  r i f  are present but not well resolved.

6.3.4 The H-like Lym an-series

Relative increase of higher Lyman (Lv) transitions (/3, 7 , <5, ...) as compared to 

Lya are indicative of a recombining plasma for the same reasons as the He-like 

resonant line transitions. O vm  Lya is strongly reduced during flaring, while Lv(3
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is reduced also but relatively less (it is unfortunately blended with FeXVlll, which 

is also expected to be reduced), and Ly7  and Ly<5 are even less reduced, hinting 

at recombination. N e X Lya is a little reduced, while Ly/? remains its flux, and so 

do Ly7  and Ly^, which could be a recombination signature. The remaining H-like 

transitions, which are all below 9.5 A ,  are rather messy because o f  the line jungle 

at low wavelengths. MgXll Lya seems to retain its flux, while Sixiv, Sxv , CaXVX 

and Fe XXVI all appear because of the enhanced temperature from the flare.

The Lya line of N  VII is blue-shifted and less intense in the flaring plasma, while 

Lyj3 and Ly7 of N Vll also appear to be blue-shifted but with increased intensity, 

which would be indicative of a recombining, up-flowing plasma.

6.3.5 Photoionisation?

A last question remains. Was the recombining plasma excited by collisions or by 

photoionisation? If there were a strong radiation field, the r lines of the He-like 

triplets would not be so much suppressed, because photoexcitation would enhance 

this level. Another way to check is to look for radiative recombination continua 

(RRC). The broadness of the RRC is proportional to A*£Te, with ks  the Boltzmann 

constant and Te the electron temperature (Kahn et al., 2002). For photoionised 

plasma, the /rs Te 1 is small and therefore the RRC has a large peak, while 

for collisionally ionised plasma ksTe «  1 and the RRC is small and buried in the 

spectral background.

Can any RRC be identified? The O  v i i  RRC edge lies at 16.76 A. Unfortunately, 

in the MEG spectrum this edge is still within the blue wing of the Fexvn (A16.78) 

line, and in the HEG spectrum the effective area above 16 A  is too small to see 

anything. Nevertheless, in the blown-up spectrum of that region (Fig. 6.10) it can 

be seen that the Fe XVII line is much lower during the flaring phase, while the flare 

emission in the O vil RRC region exceeds the quiescent emission. However, this 

excess emission is very weak, and comparing the broadness of this line with Figure 1
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Figure 6.10: The Ovil RRC edge blended by the Fexvn line.
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in Kahn et al. (2002) gives an electron temperature estimate of 15 MK, which is 

about the coronal flare temperature and therefore not caused by any radiation field. 

All RRCs of ions at shorter wavelengths are, if at all visible, extremely small, and 

often blended with stronger emission lines.

The RRC for N VI (A22.4) and for N VII (A18.6), however, seem to be recognisable, 

but very weakly (Fig. 6.9). In the same wavelength regime, there are also two 

unidentified lines in the flaring spectrum, which could be Fexvill RRC (A21.2 and 

A23.5). If this is indeed so, then the blue-shifted N VII lines in the flaring spectrum 

would have been formed by photoionisation. This could possibly have been caused 

by a strong UV radiation field which was generated by the flare lower down in the 

atmosphere. The cooler nitrogen would then be heated and ionised by the photons, 

and in turn flow up-wards. Thus, if this picture holds (given the relatively weak N 

lines and relatively large error margins), we are observing chromospheric evaporation 

into the corona.

6.4 Conclusions

The temperature derived from the G-ratio is inconsistent with the one derived from 

the O vil r /O v u i Lya ratio, the latter being the more believable one, as it does 

not change from quiescence to active state, while the G-ratio temperature is lower 

in the active phase, which is counterintuitive. In recent years, many researchers 

have encountered inconsistencies with the G-ratio in the stellar coronal context. 

From the FeX V ll line ratios we rule out resonance scattering as an explanation. We 

argue qualitatively that the flaring plasma is no longer in thermal equilibrium, but 

that it is a recombining plasma, and therefore the temperature dependence of the 

G-ratio is changed. This picture is additionally supported by the relative increase 

of the resonance (3 line compared to the a  one. Such conditions are so far better 

known in the context of, e.g., supernova shock waves (Pradhan, 1985) or accretion- 

powered sources (Kahn et al., 2002), where the plasma is ionised by the strong
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photon radiation field and therefore constantly recombining. In stellar flares, the 

plasma is likely to be predominantly ionised by high-energy collisions between ions 

and electrons arising from shocks caused by the flare (Liedahl, 1999). In extreme 

cases photoionisation caused by a strong ultra-violet radiation field, which can be 

produced by the flare itself, may also play a role, as perhaps for the N vi-vil lines, 

a view which is supported by recent radiative hydrodynamic models of M dwarf 

flares (Allred et al., 2006). Additionally, a blue-shift is observed in the N vil lines, 

suggesting cooler material evaporates from the chromosphere into the corona. After 

an initial rapid ionisation due to the sudden appearance of hot temperatures, the 

plasma recombines, which happens during the gradual phase of the flare. This is 

what we observe in the accumulated flaring spectrum. The expectation would be 

that with better resolution and/or for a huge flare, the spectrum from the increasing 

phase of the flare would show an ionizing plasma, which has other characteristic 

distinctions, e.g. an enhanced resonance a line.



Chapter 7

Conclusions and outlook

7.1 Conclusions

In this thesis, I have investigated several flares on seven dMe-type stars. The findings 

are consistent with the standard flare model of magnetic reconnection, followed by 

particle acceleration, which leads to the production of a strong UV radiation field, 

plasma heating, chromospheric evaporation, increased plasma density in the corona, 

and transient non-ionisation equilibrium plasma conditions dominated b}' radiative 

recombinations.

There is a good correlation between flare emission from the UV and the soft 

X-ray regimes. Simultaneous UV and X-rav observations of flare stars by XMM- 

Newton show that for every larger X-ray flare there is a corresponding UV flare 

and vice versa. The UV flares typically precede the X-ray flares by around 10 

minutes, which approximately coincides with the soft X-ray flare rise time. The 

flares follow power-law relationships (i) between UV and X-ray flare energy, (ii) 

between UV and X-ray peak luminosity increase, and (iii) between UV energy and 

X-ray peak luminosity increase. There is no good power-law correlation between 

UV peak luminosity increase and X-ray energy, which has been used as a control 

relationship, but was not expected to show a correlation other than the “Big Flare

126
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Syndrome” (e.g., all quantities correlate for big flares). The first two relationships 

show that the underlying physics is the same for all the observed flares. The third 

relationship is consistent with the Neupert effect, which states that processes leading 

to non-thermal emissions, here the UV, are directly responsible for the heating of 

the plasma, which in turn radiates in soft X rays. This was the first time where UV 

versus X-ray scaling laws were investigated and correlations found between flares 

from different stars.

For one particular flare characterised by a damped oscillation (in intensity) dur­

ing its flat-top phase, loop length and magnetic field strength could be estimated 

using its oscillation. The derived loop length of around 250 Mm is comparable to a 

large solar post-flare loop, while rather large compared to the star itself (about the 

length of the stellar radius). The coronal magnetic field strength of around 100 G 

was also found to be on the larger side of solar coronal values. It is, however, what 

can be expected from a star which has a larger X-ray activity than the Sun at solar 

maximum.

This was the first ever X-ray oscillation observed during a stellar flare. Between 

the two competing hypotheses of the cause for the observed oscillation, post-flare 

loop oscillation versus repeated flaring, the former is perhaps more supported. The 

supporting factors for the loop oscillation are that the oscillation has a smooth 

exponential decay and a regular oscillation frequency, both of which are difficult to 

explain with random repeated flaring. In Chapter 3 we also found a possible UV 

deficiency (or X-ray excess) in this flare.

The coronal electron density is enhanced during flares, as seen here in a significant 

increase of the O vil intercombination line, and UV radiation is found to correlate 

with X rays over many different-sized flares, consistent with the Neupert effect . Some 

cooler ions in the long wavelength X-ray regime may be photoionised by such a UV 

radiation field, as line ratios of N VII and appearing radiative recombination continua 

suggest, thus heating the lower-lying plasma, which then evaporates upwards, as 

seen in possible blue-shifts of the same lines. The overall flare plasma is no longer in
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collisional ionisation equilibrium, but shows the characteristics of a cooling plasma 

in non-ionisation equilibrium.

The non-ionisation equilibrium observed in the EV Lac flares can be observed be­

cause the equilibration time for the recombining plasma can reach several thousands 

of seconds, which is in the order of the flare decay and long enough to be observed. 

The equilibration time can be this high because of the very high temperatures oc­

curring during the flares. The appearance of the Fe XXVI line in the Chandra HEG 

spectrum during flares is indicative of flare temperatures of up to 100 MK. Thus, 

the flare plasma may be rapidly heated by a large initial shock, highly ionizing even 

the heavy elements such as iron, and stripping the less heavy elements like oxygen 

completely of their electrons. After the shock, this hot flare plasma, which is tied 

to the flare loop, then starts to rapidly cool, as the hot flare loop (tens to a hun­

dred MK) is embedded in the cooler coronal surrounding (several MK only). The 

highly ionised ions recapture their electrons and recombine. This radiative cooling 

signature is especially clear in the O VII lines with the repressed r line.

The observed flares on the dMe stars are all small to medium sized ones, com­

pared to the occasional huge flares seen on these stars and described in the literature. 

Compared with solar flares, however, the observed flares are large, comparable in 

size and energy to large solar flares. Comparing these flares to the relative size of 

the star, the flares are huge, having loop structures similar in size to the stellar 

radius. On the Sun, this happens only for extreme cases like for equatorial loops 

connecting the northern with the southern hemisphere, or magnetic loops ranging 

from one active region to another one. As the dMe stars are likely to be covered 

entirely in active regions, the magnetic carpet and overlying coronal loop structures 

are much more entangled and extended than on the Sun, the entanglement leading 

to more frequent reconnection and flares, the extension to larger flares sizes. This 

very strongly supports that these stars have stronger and more active magnetic 

fields, which is likely to be linked to the large convection zones (in relative as well as 

absolute terms) which these stars have, and the resulting magnetic-field generation
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by an efficient convective dynamo. The flare mechanisms, on the other hand, are 

similar to solar flares: reconnection, particle acceleration, chromospheric heating, 

chromospheric evaporation, temperature and density enhancements.

Thus, I conclude that flares on dMe stars are caused by the same mechanisms 

which also trigger solar flares, namely reconnection of the rearranging magnetic field 

lines, and that their signatures are similar too, except that some features can be 

explored from a slightly different angle, as the situation on these stars can be more 

extreme than on the Sun. In particular, UV or WL flares can better be studied on 

the, in this wavelength regime, less luminous M-tvpe stars, and high-energy X-ray 

related phenomena can be even more energetic than on the Sun.

7.2 Outlook

An imminent future project would be to find other cases of transient radiative recom­

bining plasmas caused by a collisional, high-temperature shock wave, which could 

be observed during the gradual decaying phase of a soft X-ray flare. The preceding 

transient collisional ionizing plasma, which occurs during the rising phase of a soft 

X-ray flare, has already been observed for solar flares, but would be much more 

challenging to see in stellar flares. To my knowledge, neither detailed theoretical 

calculations or numerical models, nor other observational examples are available to 

date which deal with a cooling plasma during flare decay, although they were antic­

ipated. It would be a worthwhile project to model this observed flaring plasma of 

EV Lac.

It would be very interesting to measure for a wide range of flares how UV corre­

lates with density or pressure, a project which might only become feasible with the 

next generation of high-resolution X-ray spectrometers like Xeus or Constellation-X. 

Recent solar observations of flares triggering a surface wave (Kosovichev & Zharkova, 

1998; Donea & Lindsey, 2005) suggest that only in certain conditions flare energy 

can be transferred all the way down to the photosphere. These surface waves caused
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by flares are so far only seen during the declining phase of the 11-year solar cycle. 

They are observed in WL, and therefore they are always accompanied by a WL flare. 

But do WL flares always produce surface ripples? I speculate that they might, and 

that their radiation is actually produced on the photosphere (UV might be produced 

a bit higher up). They could be generated when the flare pressure is large enough, 

and only then, so that the pressure wave originating from the flare reconnection site 

can propagate all the way to the photosphere before being dissipated.

Global mode measurements on M-type stars will soon become available with the 

recently launched COROT satellite and other dedicated observatories to asteroseis- 

mology. Determining whether M-type stars actually do have a tachocline or whether 

they are fully convective, as well as measuring their interior rotation profile will shed 

light on the production mechanism of their strong magnetic fields.
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