
Feedback from Winds and

Supernovae in Massive Stellar

Clusters

Hazel Claire Rogers

Department of Physics and Astronomy

University of Leeds

Submitted in accordance with

the requirements for the degree of

Doctor of Philosophy

September 2013

ThesisFigs/leeds_logo.eps


ii

The candidate confirms that the work submitted is her own, except where work which

has formed part of jointly authored publications has been included. The contribution

of the candidate and the other authors of this work has been explicitly indicated. The

candidate confirms that appropriate credit has been given within this thesis where

reference has been made to the work of others.

This copy has been supplied on the understanding that it is copyright material and

that no quotation from the thesis may be published without proper acknowledgement.

c© 2013 The University of Leeds and Hazel Rogers.



For my parents, Phil and Annette Rogers.





Preface

Within this thesis, some chapters have been based on work presented

in the following jointly authored publications:

I. “Feedback from Winds and Supernovae in Massive Stellar Clus-

ters. I: Hydrodynamics”, H.Rogers and J.M.Pittard, 2013,

MNRAS, 413,1337.

II. “Feedback from Winds and Supernovae in Massive Stellar Clus-

ters. II: X-Ray Emission”, H.Rogers and J.M.Pittard, 2013, in

prep.

III. “Feedback from Winds and Supernovae in Massive Stellar Clus-

ters. III: Radio Emission”, H.Rogers and J.M.Pittard, 2013, in

prep.
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were carried out by the primary author using the radiative transfer X-
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Abstract

This thesis contains a study of the mechanical feedback from winds

and supernovae on inhomogeneous molecular material left over from

the formation of a massive stellar cluster. Firstly, the mechanical

input from a cluster with three massive O-stars into a giant molec-

ular cloud (GMC) clump containing 3240 M⊙ of molecular material

within a 4 pc radius is investigated using a 3D hydrodynamcial model.

The cluster wind blows out of the molecular clump along low-density

channels, into which denser clump material is entrained. The dens-

est regions are surprisingly resistant to ablation by the cluster wind,

in part due to shielding by other dense regions close to the cluster.

Nonetheless, molecular material is gradually removed by the cluster

wind during which mass-loading factors in excess of several hundred

are obtained. Because the clump is very porous, 60-75 % of the in-

jected wind energy escapes the simulation domain. After 4.4 Myrs

the massive stars in the simulation start to explode as supernovae.

The highly structured environment into which the SN energy is re-

leased allows even weaker coupling to the remaining dense material

and practically all of the SN energy reaches the wider environment.

Secondly, the X-ray emission from the simulated stellar cluster is pre-

sented. The GMC clump causes short–lived attenuation effects on

the X-ray emission of the cluster. However, once most of the mate-

rial has been ablated away by the winds the remaining dense clumps

do not have a noticable effect on the attenuation compared with the

assumed interstellar medium (ISM) column. The evolution of the

X-ray luminosity and spectra are presented, and synthetic images of

the emission are generated. The X-ray luminosity is initially high



whilst the winds are “bottled up”, but reduce to a near constant

value once the GMC clump has been mostly destroyed. The lumi-

nosity decreases slighly during the red supergiant phase of the stars

due to the depressurization of the hot gas. However, the luminos-

ity dramatically increases during the Wolf-Rayet stage of each star.

The X-ray luminosity is enhanced by 2-3 orders of magnitude for at

least 466 yrs after each supernova explosion, at which time the blast

wave leaves the grid. Comparisons between the simulated cluster and

both theoretical models and observations of young stellar clusters are

presented.

Thirdly, the radio emission from the simulated cluster is presented.

Similar to the X-ray emission, the thermal radio emission is intially

high when the winds are confined in the GMC clump and reduce as

the material is ablated away. The evolution of the radio flux density

and spectra are presented, and synthetic images of the emission are

generated. The radio emission is compared with the X-ray results

throughout the evolution of the cluster. The flux density increases

during the RSG phase, and remains high during the WR phgase of

the stars. The radio flux density is enhanced by three orders of magni-

tude during the first supernova explosion. Comparisons between the

simulated cluster and observations of young stellar clusters are made.

Finally, a preliminary investigation of the interaction of stellar winds

within a massive cluster are presented. The hydrodynamcial simula-

tions examine the energy and mass input of a stellar cluster into the

ISM.
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Chapter 1

Introduction

Massive stars have a profound effect on their natal environment creating wind-

blown shells, cavities and HII regions. Their winds and supernovae (SNe) chem-

ically enrich the interstellar medium (ISM) and also help to sustain turbulence

within it. Massive stars embedded within molecular clouds likely inhibit fur-

ther star formation as their winds and ionizing radiation disperse and destroy

the remaining molecular gas, though in some circumstances massive stars may

also trigger new star formation (Koenig et al., 2012) and new cluster formation

(Beuther et al., 2008; Gray & Scannapieco, 2011). The removal of molecular ma-

terial is also crucial to the question of cluster dissolution (Pelupessy & Portegies

Zwart, 2011; Pfalzner, 2011; Portegies Zwart et al., 2010).

Stellar feedback is also recognized as having significant influence on galactic

and extragalactic scales. For instance, without strong stellar feedback, cosmo-

logical models predict around 10 times the stellar mass found in real galaxies

(e.g. Cole et al., 2000; Kereš et al., 2009). Feedback from massive stars can also

drive galactic winds from starburst galaxies (e.g. Adelberger et al., 2003; Axon &
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Taylor, 1978; Bland & Tully, 1988; Heckman et al., 2000), and appears to be re-

sponsible for the low star formation efficiency of galaxies with dark matter haloes

somewhat less than the halo mass of the Milky Way (Guo et al., 2010). Ioniz-

ing radiation from massive stars is also important for the ionization of galaxies

(Reynolds, 1984) and the reionization of the early universe (Fan et al., 2006).

In order to understand the effects of massive stars on galactic scales, however,

we must first understand their impact on their local (cluster) environment. The

extent to which a cloud is affected by stellar feedback is clearly dependent on a

number of parameters, including the mass of the cloud and the stellar cluster,

the structure of the cloud, the position of the cluster relative to the cloud, and

the age of the system. However, the degree to which stellar feedback processes

(stellar winds, SNe and ionizing radiation) couple to the clumpy, inhomogeneous

molecular clouds which initially surround a massive stellar cluster is exceedingly

ill-determined, and the dominant feedback process is still to be settled (e.g. Draine

& Woods, 1991; Lopez et al., 2011; Matzner, 2002; Pellegrini et al., 2011; Wang

et al., 2010; Yorke et al., 1989).

This thesis examines feedback from massive stellar winds and supernovae in

a clumpy environment using state-of-the-art hydrodynamical simulations. This

Chapter provides a review of the current understanding of the nature and struc-

ture of massive star forming environments and the effect that massive stars have

on them.
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1.1 Star Formation and GMCs

Within the Milky Way there are approximately 300 Giant Molecular Clouds

(GMCs) with masses of the order of 105−−6 M⊙. GMCs have average densities

of ∼ 100 cm−3, but as they are clumpy and filamentary in structure there are

regions of much higher density called clumps, and regions with still higher density

known as cores (see Table 1.1). Understanding the properties of these GMCs is

important as these are the primary sites for star formation.

The susceptibility of a clump to collapse under its own self gravity can be

approximately assessed by examining the Jeans mass (Jeans, 1902), which can

be expressed as:

MJ =

(

5kbT

Gµmp

)3/2(
3

4π

)1/2

ρ−1/2 (1.1)

where T and ρ are the local temperature and density of the clump, kb is the

Boltzmann constant, G is the gravitational constant and µ is the molecular weight

of the material in the clump. Clearly, a high density favours collapse whilst a

high temperature favours a large Jeans mass. If the mass of any given region

exceeds MJ then it is susceptible to gravitational collapse. The Jeans mass is

around 50 M⊙ for the typical molecular clump noted in Table 1.1. However,

there are many clumps observed in GMCs which are above this mass and haven’t

undergone gravitational collapse.

The timescales over which cloud collapse occurs can offer insight into the na-

ture of the stars that are formed in these regions. The timescale for gravitational

collapse is given by the free-fall time:
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Table 1.1: Typical properties of molecular clouds over a multitude of scales.

GMC Molecular Molecular Cloud

cloud clump core

Mean radius (pc) 20 5 2 0.08

Density n(H2) (cm−3) 100 300 102-103 105

Mass (M⊙) 105 104 103 10

Temperature (K) 15 10 10 10

tff =

(

3

2πGρ

)1/2

(1.2)

where ρ is the average mass density of the material. Again, using the typical

values for a GMC clump noted in Table 1.1, the average free-fall time would be

approximately 6.5×106 yrs. The collapsing material comes together in the centre

of the collapse region and a protostar is formed. The gravitational potential

energy of the material is converted into thermal energy. The timescale over

which this happens is given by the Kelvin-Helmholtz time.

Within GMCs, the average star formation rate per free-fall time (SFRff ) is

only approximately 2% (Kennicutt, 1998), despite the fact that many clumps

are observed to exceed the Jeans mass. This implies that something must be

preventing the gas contained in GMCs from collapsing, as thermal pressure alone

is not sufficient to support these clouds against their self-gravity.

Magnetic fields are a candidate for providing such support. Even relatively

weak magnetic fields have been theorized to give support against gravity in dense,

massive clouds (Mouschovias, 1991; Shu et al., 1987). However, more recently

the role of magnetic fields in supporting GMCs is thought to be more secondary

in nature (Krumholz et al., 2006). Crutcher (2010) argues that a significant
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population of molecular clouds must have very small magnetic field strengths,

which implies that for many molecular clouds magnetic fields do not dominate as

a mechanism for support.

Supersonic turbulence may be regarded as another mechanism supporting

larger masses (e.g. see the review on supersonic turbulence by Mac Low &

Klessen, 2004). However, supersonic turbulence dissipates on such a short time

scale compared to cloud lifetimes that it will not be of much significance unless

there is something continually driving it. In GMCs where stars have formed, the

energy and momentum input from massive stars is a very plausible candidate

for support against gravity, and for driving the turbulence in the clouds (McKee

& Ostriker, 2007). The main sources of stellar feedback are noted in detail in

Section 1.2.

Understanding the extent to which massive stars can affect feedback in small

GMC clumps can help to build up a picture of star formation within galaxies.

The efficiency with which the gas contained within galaxies is converted to stars,

and the extent to which this process can affect further star formation will cause

the observed properties of galaxies to evolve over time. A full understanding of

the evolution of galaxies therefore requires an understanding of these feedback

effects.

1.1.1 Massive Star Formation

The formation of massive stars (M> 8 M⊙) is not as well understood as that

of their low mass counterparts, and yet the effect they have on their natal en-

vironment is extreme. The high temperatures and luminosities produced by a
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massive star results in the injection of large amounts of kinetic energy and ioniz-

ing radiation into the ISM. The nucleosynthesis reactions occurring within their

core produce heavy elements which are deposited into the surroundings during

their lifetimes by continuous mass loss, discrete eruptions and in their inevitable

explosion at the end of their lives.

Massive stars form extremely quickly, with a Kelvin-Helmholtz timescale of

only ∼ 104−5 yrs. For stars with masses above 8 M⊙, the Kelvin-Helmholtz

timescale is shorter than the free-fall time, which implies that fusion begins in

these stars before the gas has finished collapsing, leaving them still embedded in

dense material whilst they begin hydrogen burning. This makes observing these

stars rather difficult.

Whereas low mass star formation is reasonably well understood, there are

problems when trying to scale this process up for massive stars. Low mass star

formation results from the gravitational collapse of a clump within a GMC. When

the temperature at the core of the collapsing material becomes hot enough fusion

begins. Rotation of the protostar becomes important as an accretion disc is

formed around it. Winds and outflows from the protostar begin to disperse

the surrounding envelope of cloud material. Due to the much shorter Kelvin-

Helmholtz timescale for massive stars, however, there is only a short time for the

accretion process to occur before the ionization and intense radiation pressure

from the protostar halts it (Wolfire & Cassinelli, 1987). This makes it difficult to

understand massive star formation as just a scaled up version of low mass star

formation.

Early 1D simulations performed to try and understand the physics which could

allow a massive star to form agreed that the growing radiation pressure halts and
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reverts the accretion flow onto a massive star yielding a theoretical upper mass

of approximately 40 M⊙ (Edgar & Clarke, 2004; Kahn, 1974; Larson & Starrfield,

1971; Wolfire & Cassinelli, 1987; Yorke & Kruegel, 1977). However, recent 3D

hydrodynamical models indicate that accretion by a disc could circumvent the

proposed barrier to massive star formation by shielding the infalling material from

the intense radiation field of the central object (Krumholz et al., 2009; Kuiper

et al., 2010). Some of these results are summarized in Table 1.2.

The simulations in Krumholz et al. (2007, 2009) are simulated for approxi-

mately one third and just over one free-fall time of the pre-stellar core, respec-

tively. As these simulations are quite short, the accretion phase has not finished

by the time the simulations end (denoted by a “+” in Table 1.2) and there is

likely to be further accretion occurring were they to run for longer. The addition

of an accretion disc by Kuiper et al. (2010) allows stars much more massive than

the previous work to be formed. Indeed, for the most massive pre-stellar core

in their work, 480 M⊙, the simulation did not last until the end of the accretion

phase, and so again further accretion seems to be a natural continuation of the

run. The simulation time for the initial core masses of 60 M⊙, 120 M⊙, 240 M⊙

and 480 M⊙ were 14, 10, 7 and 2 free-fall times respectively. These simulations

generate the most massive stars to date, and are a promising start at truely un-

derstanding the underlying physics in the formation processes of such important

astronomical objects.
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Table 1.2: Overview of the multi-dimensional radiation hydrodynamic simula-
tions of massive star formation.

Authors Mcore tend M∗

(M⊙) (kyr) (M⊙)

Yorke & Sonnhalter (2002)

30 25 31.6

60 45 33.6

120 70 42.9

Krumholz et al. (2007)

100 (A) 20+ 5.4 (+3.4)

100 (B) 20+ 8.9 (+2.4)

200 20+ 8.6 (+6)

Krumholz et al. (2009) 100 75+ 41.5+29.2 (+28.3)

Kuiper et al. (2010)

60 939 28.2

120 489 56.5

240 226 92.6

480 41+ 137.2 (+67.8)
Notes: The columns from left to right state the authors, the initial pre-stellar core
mass, the evolutionary time simulated and the final star mass. A “+” in the tend

column means that the accretion phase is not simulated until the end. Only the
formation of the most massive stars are considered here; all other stars formed have
masses below 1 M⊙. In the case of Krumholz et al. (2007), the “(A)” and “(B)” in
the Mcore column mark the usage of different perturbation fields of the initial state
(same labels as in the original paper) and the M∗ column gives additionally the
remnant disc mass around the primary star. In the case of Krumholz et al. (2009)
and the 480 M⊙ study from Kuiper et al. (2010), the M∗ column gives additionally
the remnant disc plus envelope mass. Data from this table was compiled by Kuiper
et al. (2010).

1.1.2 Initial Mass Function and Mass Segregation in Clus-

ters

Stars usually form not individually, but rather in clusters ranging from tens of

stars to very dense groups containing thousands of stars. The initial mass function

(IMF) is a convenient way of characterizing the relative number of stars as a

function of their mass. The IMF for stars above ∼ 1 M⊙ follows a power-law with
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a logarithmic slope of -2.35, first found by Salpeter (1955). The exact form of

the function is:

ξ(M) = ξ0M
−2.35 (1.3)

where ξ0 is a constant which sets the local stellar density. At 1 M⊙ there is a

turnover of the IMF, yielding distinct regimes at masses lower than this (Chabrier,

2003). Since the stellar luminosity from galaxies is dominated by high mass stars,

the Salpeter IMF is a valuable probe for the field of galaxy evolution as well as

for star formation.

Currently, the two favoured theories for the determination of the slope are

turbulent fragmentation of the parent cloud (Padoan et al., 2007) or competitive

accretion (Bonnell & Bate, 2006). The factors which determine an upper mass

limit (mup), should it exist, remains unknown, although some authors argue that

a limit close to 150 M⊙ is plausible (Figer, 2005; Koen, 2006). Crowther et al.

(2010) argue that if massive stars above 150 M⊙ did exist then they would be

located in very high mass (≥ 104 M⊙), very young (≤ 2 Myrs) stellar clusters.

They would be incredibly luminous, since L∝M1.5 for zero-age main sequence

(ZAMS) stars above 85 M⊙, and they would certainly possess very powerful stellar

winds. However, they would be short-lived, with evolution to become a WR star

occuring within 1–2 Myrs. Crowther (2012) argue against an upper mass limit,

as they have inferred initial masses of 165-320 M⊙ for the massive star forming

region R 136, the central ionizing cluster of 30 Dor, which has a total stellar

mass of ∼ 55, 000 M⊙ and an estimated age of 1–2 Myrs. Previous estimates

of the stellar masses in this region were 120–155 M⊙ (Massey & Hunter, 1998).
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However, statistics of high mass clusters for which accurate stellar masses have

been determined remain very poor. Should an upper mass limit actually exist, one

viable mechanism for halting accretion onto the protostar is increasingly strong

feedback (Zinnecker & Yorke, 2007).

Larson (1998) suggested that the IMF should vary with the pressure and tem-

perature of the star-forming cloud, with regions at higher temperatures producing

stars with a higher average mass. Also, fragmentation of a cloud will be easier

if the gas can cool, so primordial gas without any metals should form more mas-

sive stars. However, so far there is no convincing evidence for a variable IMF,

implying that it may well be universal.

Some clusters show mass segregation, where the most massive stars are prefer-

entially found near the centre of the cluster. Mass segregation can be dynamical

or primordial in origin. Arguments for dynamical mass segregation include the

merging of several subclusters (McMillan et al., 2007), and the dynamical evo-

lution of a cluster whereby the more massive stars gravitate towards the central

potential well. Simulations by Yu et al. (2011) confirm that mass segregation

can arise in an initially cool and clumpy cluster, especially if there is a radially

dependent velocity distribution, which would lead to higher velocities towards

the centre of the cluster. On the other hand, due to the higher density of gas at

the centre of a clump or core than in the outskirts the Jeans mass at the centre

will be smaller (see Section 1.1), allowing smaller protostars to be formed. These

smaller protostars are then able to accumulate gas and evolve into massive stars

more easily than those formed on the outskirts due to competitive accretion. This

is an example of primordial mass segregation (Bonnell et al., 1997; Larson, 1982;

Murray & Lin, 1996). In addition to the mechanism of competitive accretion, it
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is argued that the protostars are so rich in the cluster centre that they can merge

into the massive stars (Bonnell & Bate, 2005; Bonnell et al., 1998).

However, Ascenso et al. (2009) argue that mass segregation may not be a true

phenomenon and may be an observation bias in some cases. Er et al. (2009) argue

that it may be a temporary effect from the random motions of massive stars.

Mass segregation has been observed in many stellar clusters, including the

Trapezium (Hillenbrand, 1997; Hillenbrand & Hartmann, 1998), NGC 6611 (Bon-

atto et al., 2006), M 17 (Jiang et al., 2002), Westerlund 1 (Lim et al., 2013),

NGC 1333 (Lada et al., 1996), NGC 2244 and NGC 6530 (Chen et al., 2007).

However, there are some stellar clusters which do not show signs of mass segre-

gation even though they are old enough for dynamic segregation to occur. One

example is cited by Wang et al. (2008), who find an absence of mass segregation

in the Rosette nebula.

1.2 Stellar Feedback

Massive stars deposit a considerable amount of mechanical and thermal energy

into the ISM by a variety of processes. On galactic scales the more important

feedback mechanism is supernova explosions (e.g. Dekel & Silk, 1986; McKee &

Ostriker, 1977). However, the rate of explosions is relatively low compared with

the dynamical timescale in star forming regions, and so supernovae are relatively

ineffective at regulating star formation on much smaller scales, in the vicinity of

the progenitor.

On scales of a few pc, stellar winds and photoionization are likely to play im-

portant roles in regulating the formation of stellar clusters (Tenorio-Tagle et al.,
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1986, 1999, 2003). Whilst the star formation rate may be enhanced by the frag-

mentation of shells of material swept up by the winds or expanding HII regions

(Elmegreen et al., 2002; Whitworth & Francis, 2002) the evacuation of gas away

from the immediate region of the OB star will limit the total fraction of the natal

cloud that can be converted into stars.

The dominant source of feedback into GMCs is still hotly debated (e.g. Draine

& Woods, 1991; Lopez et al., 2011; Matzner, 2002; Pellegrini et al., 2011; Wang

et al., 2010; Yorke et al., 1989), and is likely to vary depending on the specific

conditions of any individual system. In the following subsections feedback from

winds, photoionization and supernovae will be discussed.

1.2.1 Winds

Winds from massive stars clear out cavities in the interstellar medium (ISM).

These bubbles impact their surrounding molecular clouds and the star formation

occuring within them. Stellar winds can have a significant role in the evolution

of starburst galaxies, as they can transfer heavy element enriched gas from the

central regions to the outer parts of the galaxy. Within the literature there are

two well known models for the structure of a wind-blown bubble.

1.2.1.1 The Castor et al. Model

The Castor et al. (1975) model has a freely expanding wind, surrounded by a

region of shocked wind material. These two regions are separated by a reverse

or inner shock (ra). Outside the shocked wind material is a swept-up shell of

shocked ISM material, which will typically collapse into a thin, cold shell as a

result of radiative cooling. These two regions of shocked material are separated by
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a contact discontinuity (rb). The outer or forward shock (rc) propagates into the

ISM, sweeping up more material into the shell (this structure is demonstrated

in the schematic in the left panel of Fig. 1.3). This model assumes spherical

expansion, and therefore that the ISM is homogeneous.

Following the method of Dyson & Williams (1980), an expanding stellar bub-

ble of this structure has radius and expansion speed:

Rs ≈

(

125Lwt3

154πρ0

)
1

5

∼ 10L
1

5

37n
−

1

5

3 t
3

5

M pc, (1.4)

and

Ṙs ≈

(

243Lw

3850πρ0t2

)
1

5

∼ 6.2 × L
1

5

37n
−

1

5

3 t
−

2

5

M km s−1, (1.5)

where Lw is the mechanical luminosity of the stellar wind, ρ0 is the mass density

of the ambient medium and t is the bubble age. L37, n3 and tM are normalised

values such that L37 is the luminosity in units of 1037 ergs, n3 is the density in

units of 103 cm−3 and tM is the time elapsed since the wind ‘turned on’ in units

of Myrs.

The radial structure of such a bubble around a massive star in a uniform

ambient medium with a constant stellar wind was simulated and is demonstrated

in Fig. 1.1. The top panel shows the density and the bottom panel the tem-

perature structure at a time of t∼ 1.0 Myrs, which represents a time during the

main sequence (MS) phase for a massive star with Ṁw = 5 × 10−7 M⊙ yr−1 and

vw = 2000 km s−1, typical of the mass-loss rates for massive stars presented in

Vink et al. (2000, 2001). The ambient density of the surrounding ISM is assumed

to be ρ = 10−24 g cm−3 and the ambient temperature is T = 1×104 K.
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Figure 1.1: Radial density and temperature structure of a stellar wind around
a massive MS star calculated by a hydrodynamical code. [Top] shows the density
and [Bottom] shows the temperature of the bubble. The stellar wind parameters
are Ṁw = 5 × 10−7 M⊙ yr−1 and vw = 2000 km s−1.

The density of the freely expanding wind region at the centre of the bubble

falls off as r−2. The temperature in this region is assumed constant at ≈ 104 K.

The location of the reverse shock is seen as the jump in density and temperature

at ta ≈ 6 pc. The region of shocked wind material has approximately constant

temperature (T∼ 5 × 107 K) and density (ρ ∼ 2 × 10−28 g cm−3). This region

occupies by far the largest volume (c.f. the left panel of Fig. 1.3) in the bubble

structure. On the other side of contact discontinuity at rb = 32 pc is the cold,

Chapter1/Chapter1Figs/EPS/rho_0070.eps
Chapter1/Chapter1Figs/EPS/temp_0070.eps
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swept-up shell. The compression of the swept-up gas and the thickness of the

shell is determined by the Mach number of the outer shock, which here lies at

rc = 37 pc. Beyond this point is the ambient medium at ρ = 10−24 g cm−3 and

T = 1×104 K. The bubble has an expansion speed of Ṙs = 23 km s−1, in excellent

agreement with Equation. 1.5.

The Castor et al. model has been widely applied by many other authors.

Weaver et al. (1977) included thermal conduction between the hot bubble interior

and the cold swept-up shell in their model, as well as modifying the bubble to

take radiative losses into account. Harper-Clark & Murray (2009) allowed wind

material to leak through holes in the expanding outer shell (see Section 1.2.1.3).

More recently, van Marle et al. (2012) have performed 2D simulations of the

collision of the bubbles around two nearby massive stars, as would be likely for

massive stars formed within a cluster. Interestingly, they found that the collective

bubble was too large to be sustained purely by the lower mass star once the more

massive star had exploded, causing the outer shell to disintegrate.

1.2.1.2 The Chevalier & Clegg Model

Chevalier & Clegg (1985) assume a spherically symmetric wind with steady mass

and energy input into the wider ISM. Their work was originally used to describe

outflows from starburst galaxies. Stevens & Hartwell (2003) applied the steady

state model to super star clusters, where each star contained within the cluster

has an individual wind and bubble of the same structure as described by Castor

et al. (1975). These individual bubbles then combine together to form a global

superbubble formed by a spherically symmetric wind driven from a central region

of uniform mass and energy deposition. This model has a steady input of energy
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and material into the wider ISM, but assumes the ISM has no affect on the wind.

A sonic surface exists at the outer radius of the stellar cluster, Rc, with the cluster

wind becoming supersonic outside of this.

Cantó et al. (2000) carried out hydrodynamic calculations of such a cluster

wind assuming a spherical cluster consisting of ∼30 identical stars. These cal-

culations, and those of Stevens & Hartwell (2003), assume a non-uniform stellar

distribution, whereas the original Chevalier & Clegg work assumed that mass and

energy injection is uniform throughout the region. Cantó et al. (2000) showed that

their non-uniform distribution generally reproduced the results of the Chevalier

& Clegg model despite this difference.

Fig. 1.2 shows the radial structure for the cluster wind simulated by Stevens &

Hartwell (2003) based on the Chevalier & Clegg (1985) model. The radius of the

cluster is set to Rc = 1 pc, the central temperature of the cluster is 5.8×107 K, the

number density is 0.67 cm−3 and the cumulative X-ray luminosity of the region

within a radius Rc is LX = 5.1 × 1032 ergs s−1. The vast majority of the X-ray

emission originates from the cluster, with the volume outside Rc contributing

only 15% of the total X-ray luminosity. The reason for this is the sharp fall-off

in both density (bottom left panel in Fig. 1.2) and the temperature (top right

panel) outside the cluster radius, which more than compensates for the increasing

volume of the emission region.

The solid line in each of the panels represents η = 1, where η is a prescription

for the thermalization efficiency of the cluster, or the fraction of the kinetic energy

of stars and supernovae in the cluster which are thermalized. Any energy which is

not thermalized is assumed to be lost to the system via radiative losses. Strickland

& Stevens (2000) make an argument for a very efficient thermalization of energy
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Figure 1.2: The radial structure for the cluster wind, as calculated from the
Chevalier & Clegg (1985) model. Shown are the radial profiles for the wind
velocity (top left panel), gas temperature (top right), density (bottom left) and
the cumulative X-ray luminosity (bottom right). The standard model (solid line)
is for a star cluster with a stellar mass injection rate of Ṁ∗ = 10−4 M⊙ yr−1,
V̄∗ = 2000 km s−1, η = 1 and no additional mass loss (Ṁcold = 0). The second
model (dashed line) is identical, except η = 0.1; and the third model (dotted line)
has η = 1 and Ṁcold = 2×10−4 M⊙ yr−1. Taken from Stevens & Hartwell (2003).

Chapter1/Chapter1Figs/EPS/sandhgraphs.eps
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(η = 1), whereas other authors (e.g. Bradamante et al., 1998) argue for a much

lower thermalization efficiency of only a few percent. This model also assumes no

additional mass loading from cold material being injected into the cluster wind

(Ṁcold = 0). The mass-loss rate of the cluster is Ṁ∗ = 10−4 M⊙ yr−1, and the wind

velocity is V̄∗ = 2000 km s−1. The dashed line is the same model but with η = 0.1.

The dotted line has η = 1, but has mass-loading with Ṁcold = 2 × 10−4 M⊙ yr−1,

making a combined Ṁtot = 3 × 10−4 M⊙ yr−1.

It is interesting to note that both mass loading and a low thermalization

efficiency (η< 1) lead to lower cluster temperatures, but also often higher X-ray

luminosities.

In a series of papers, Silich et al. has extended the Chevalier & Clegg model

to include the effect of radiative losses (e.g. Silich et al., 2004, 2009). They

demonstrate that cooling may drastically modify the temperature distribution

and the observational appearance of cluster winds if the rate of injected energy

approaches a critical value. They also claim that some HII regions can only

survive if the majority of the mechanical energy is lost within the star cluster

volume due to the effect of radiative cooling.

1.2.1.3 Wind Leakage

Harper-Clark & Murray (2009) have recently modified the Castor et al. model

to try to describe a more realistic bubble expanding into an inhomogeneous en-

vironment, as shown in Fig. 1.3. This causes the shell to expand asymmetrically

into the ISM, which causes gaps in the shell through which hot wind material

can escape. This “leakage” reduces the expansion speed and therefore the size

of the bubble, as well as the interior pressure. As the wind material is not com-
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Figure 1.3: Cartoons of the Castor et al. bubble (i) and the modified Castor
et al. bubble (ii). The Castor et al. bubbles have a four zone structure. Zone
a is a hypersonic stellar wind; zone b is a shocked stellar wind and evaporated
material from the shell; zone c is the bubble shell; and zone d is the ambient ISM.
ii - The structure of the modified Castor et al. bubble, showing the leaking from
the shell. Note the larger size of region a, smaller size of region b and material
escaping into region d. Taken from Harper-Clark & Murray (2009).

pletely confined the pressure within the bubble is lower than in a completely

confined model. This in turn will mean that the region of shocked wind material

is proportionally smaller than in the Castor et al. (1975) model, whilst the freely

expanding wind will be proportionally bigger.

This modified Castor et al. bubble fits better to observations of stellar clusters.

Harper-Clark & Murray (2009) compared the predicted X-ray luminosity and

pressure of the Castor et al. (1975) and Chevalier & Clegg (1985) models with

observations of Tr 16, a massive stellar cluster in the Carina Nebula, the results

of which are presented in Fig. 1.4. The top two black lines represent the X-

ray luminosity and pressure within the bubble as a function of radius for the

Castor model, whilst the bottom two blue lines represent the X-ray luminosity

and bubble pressure as a cumulative function of radius for the Chevalier & Clegg

Chapter1/Chapter1Figs/EPS/leakybubble.eps
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Figure 1.4: Plot of the scaled X-ray luminosity and pressure calculated as a
function of radius for the two classes of (unmodified) models for Tr 16. The
Castor model is plotted as a function of bubble size whereas the Chevalier model
is plotted as a cumulative function of radius (due to its steady state nature).
The upper LX and P lines (black) are for the Castor model and the lower lines
(blue) for the Chevalier model. The two dots show the observed pressure (lower)
and X-ray luminosity (upper). In the Castor et al. model the pressure is roughly
constant for r<Rb, but this constant pressure is a function of the bubble radius, as
shown. In the Chevalier & Clegg model there is no bubble, but pressure decreases
with increasing radius. Taken from Harper-Clark & Murray (2009).

model. The higher relative pressure of a confined bubble creates a larger region

of hot, shocked gas which leads to greater X-ray emission (see Section ??). The

two labeled dots in Fig. 1.4 show the observed pressure and X-ray luminosity for

Tr 16. Clearly both the pressure and X-ray luminosity fall between both models,

adding credence to the leaky-bubble model of a partially confined bubble. The

Chapter1/Chapter1Figs/EPS/comparison_graph.eps
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Figure 1.5: Graphs for three modified Castor simulations with Cf = 1 (black
solid line), Cf = 0.65 (blue dashed line) and Cf = 0.3 (green dotted line). (a)
Radius versus time, (b) pressure versus radius, (c) X-ray luminosity versus radius
and (d) number density inside the bubble versus radius. Observed results are
shown as a black dot. Taken from Harper-Clark & Murray (2009).

observed X-ray luminosity is LX = 6.1 × 1034 ergs s−1 at 2.6 kpc (Seward et al.,

1979). This is, in fact, ten times higher than predicted by the Chevalier & Clegg

model, but one hundred times lower than predicted by the Castor et al. model.

In order to compare their new model against the results from these two models

Chapter1/Chapter1Figs/EPS/hc+m_graphs.eps
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and observations of Tr 16, Harper-Clark & Murray (2009) considered three poros-

ity values; a completely confined bubble with covering factor Cf = 1.0, a mostly

confined bubble with Cf = 0.65 and a poorly confined bubble with Cf = 0.3. The

results of their analysis are presented in Fig. 1.5. The observed results are shown

as black dots in each panel. Unsurprisingly, as Cf decreases the shell expands

more slowly, the bubble interior pressure is lower, as is the predicted X-ray lumi-

nosity. It would also appear that the X-ray luminosity is much more sensitive to

changes in the covering factor of the bubble than the other measures explored.

The degree of porosity of a bubble is therefore important for understanding X-ray

observations of stellar clusters.

Many observations of massive clusters support the possibility of hot gas leak-

age. Most intuitively perhaps, if it is possible to see the stars in a cluster then

there must be a gap in the shell along the observers line of sight (Smith & Brooks,

2007). Further support comes from observations of G298-0.34, which is a GMC

being affected by the massive star contained within it (see Fig. 1.6). The white

solid oval indicates the likely position of the bubble blown by this massive star,

whilst the white dotted oval indicates the extent to which radio emission is ob-

served. The fact that the radio emission is observed to much further distances

than the bubble indicates that some of the hot wind material is able to leak

through holes in the bubble wall. The five red circles show regions where there is

further star formation occuring. This is suspected to be triggered by the central

star due to the spatial co-incidence with the bubble (see Section ?? for more

details on triggered star formation).

Further possible evidence of leakage from bubbles can be seen in RCW 49,

which is a giant HII region powered by Westerlund 2, an OB association containing
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Figure 1.6: A Spitzer Glimpse image of G298-0.34, a GMC in the process of
being blown apart by an invisible central massive star cluster (Murray et al.,
2010). The small red dashed ellipses show compact HII regions from triggered
star formation. The solid oval is the bubble wall and the large dotted oval is the
extent of the WMAP source, suggesting the hot gas is leaking from the bubble
(Harper-Clark & Murray, 2009). Taken from Harper-Clark & Murray (2011).

at least a dozen OB stars. The earliest is an O6 star, and 5 O7 stars and two

Wolf-Rayet stars have also been detected (Moffat et al., 1991). The presence of

these massive stars implies a cluster age of 2–3 Myrs (Piatti et al., 1998).

Radio continuum observations by Whiteoak & Uchida (1997) revealed the

presence of two wind-blown shells at the centre of RCW 49. One of these is

closed and is most likely blown by the WR star WR 20b (see Fig. 1.7). The

Chapter1/Chapter1Figs/EPS/feedback1.eps
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other shell is centered on the OB association Westerlund 2, but there is another

WR star (WR 20a) in this region as well. Due to the strong wind produced by

a WR star, it is likely that WR 20a may govern the dynamics of the shell. This

shell shows a large blister extending to the west in the radio data. Chandra X-

ray observations by Townsley et al. (2005) have shown over 100 point sources

which are spatially coincident with Westerlund 2. However, there is also a diffuse

component centered on the ionizing cluster, implying that RCW 49 is filled with

X-ray emitting gas.

Povich et al. (2008) have discovered three bowshocks which are associated

with RCW 49 from a Spitzer GLIMPSE image, shown in Fig. 1.7. Each of the

three bowshocks are shown in individual insets in the figure. RCW49-S2 is ori-

ented away from Westerlund 2, and is therefore likely to be influenced by nearby

WR 20b. RCW 49-S3 is oriented broadly towards Westerlund 2 and is therefore

likely influenced by the cluster wind. RCW 49-S1 is more difficult to explain.

Although it lies relatively far from the HII region, it is still likely that it is associ-

ated with RCW 49. The fact that it is far away from any other bright IR sources,

and that the bowshock is oriented towards Westerlund 2 are strong indicators of

an association. Also, the distance to RCW 49 is consistent with the luminosity

of the driving star being an O-star adds weight to this theory. If RCW 49-S1

is indeed associated with Westerlund 2 then this is evidence that the combined

winds of the ionizing stars in the cluster have escaped the HII region, creating a

flow of hot gas that extends at least 16 pc away from RCW 49.

Despite the continuous input of mass, momentum and energy into the ISM,

feedback from stellar winds is clearly less effective if some proportion of their

energy can leak out of the bubbles they blow. In cases where there is a great deal
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Figure 1.7: GLIMPSE full-colour image of RCW 49 (blue:[3.6]; green:[4.5]; or-
ange:[5.8]; red:[8.0]. The insets show shocks from escaping gas colliding with
stellar winds outside the bubble (scale bars are 30”≈ 0.6 pc at 4.2 kpc). Three
energy sources that could drive large-scale interstellar flows are also indicated:
the Westerlund 2 cluster (circled), and the Wolf-Rayet stars WR20a and WR20b.
Taken from Povich et al. (2008).

of leakage then it is possible that the effect of the winds is rather weak, and they

may provide only an order of unity enhancement to radiation pressure (Krumholz

& Matzner, 2009). However, where there is a high degree of confinement the

effectiveness of stellar winds will be much higher.

Chapter1/Chapter1Figs/EPS/bowshocks.eps
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1.2.2 Photoionization

Photoionization is the removal of one or more electrons from an atom or molecule

by absorption of a photon of visible or ultraviolet light. On a large scale this can

lead to the stripping of material from within a GMC.

In a uniform medium surrounding a star a spherical HII region, or Strömgren

sphere will form (Strömgren, 1939). This region will expand if there is an over-

pressure of the photoionized gas with respect to its surroundings (Kahn, 1954).

However, observations have shown neatly spherical HII regions are not the norm

(e.g. Kurtz et al., 1994; Wood & Churchwell, 1989). Simulations of photoioniza-

tion into a uniform medium, such as an HII region, demonstrate that feedback

operates preferentially in directions of steeply declining density, which suggests

that the net feedback effect in clouds that are realistically clumpy or inhomoge-

neous may be very different from that in simulated smooth density fields.

If a massive star is formed close to the edge of the natal molecular cloud then

the ionization front of the corresponding HII region can break through the sur-

face of the cloud. This is known as a “blister” HII region, as the photoionized

gas within the cavity is exposed to view, and can be observed as a blister on

the surface of the molecular cloud. The hydrodynamics of blister HII regions

was modeled by Tenorio-Tagle and collaborators in a series of papers (Boden-

heimer et al., 1979; Tenorio-Tagle, 1979; Yorke et al., 1983), who renamed them

“champagne” flows. Subsequently, Comeron (1997) included the effect of adding

a stellar wind to this scenario. Such a champagne flow could efficiently disrupt the

surrounding molecular cloud (Bodenheimer et al., 1979; Whitworth, 1979). There

have been many other numerical photoionization feedback studies performed for
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cases of highly idealised cloud structures (e.g. Franco et al., 1990; Garcia-Segura

& Franco, 1996; Yorke et al., 1989).

Many more recent hydrodynamical studies have been done to try and elucidate

the effect that photoionizing radiation has on actual GMCs with a turbulent

density structure (e.g. Dale & Bonnell, 2012; Dale et al., 2012; Mac Low et al.,

2007). One of the interesting results from these studies is that photoionization

can couple quite weakly to the denser regions of gas in the GMC. In fact, the

ionizing radiation preferentially penetrates and ionizes neutral gas along pre-

existing low density channels, causing them to expand and start to compress

the denser, unionized regions. Similarly, Gritschneder et al. (2009) performed

hydrodynamic simulations of the effects of photoionizing radiation on a turbulent

ISM, and found that the ionized gas reacted to the increased temperature and

started to exert pressure on the cold gas in the ISM. The cold gas was compressed

and pushed away from the source, leading to peculiar structures such as pillars

and fingers. Observations of these features, such as the Pillars of Creation (e.g.

Linsky et al., 2007) and the Horsehead nebula (e.g. Bowler et al., 2009) find that

there is often star formation occuring within these sculpted pillars.

Photoionized gas can only be considered a dominant feedback mechanism

when its pressure exceeds that of radiation throughout most of an HII region. The

weak coupling of ionizing radiation to very dense gas also implies that the level

of feedback provided will be highly dependent on each individual system/cluster.
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1.2.3 Supernovae

Supernovae are an important source of energy and turbulence in the ISM. They

are classified into different types according to their spectroscopic characteris-

tics. From the viewpoint of stellar evolution, Type II and Type Ib/c supernovae

are explosions of massive stars (M> 8 M⊙) produced by core collapse following

late stages of nuclear burning, whereas a Type Ia supernova results from the

thermonuclear runaway burning of an accreting white dwarf in a binary system.

Spectroscopically, a Type Ia supernova can be identified as having no observable

hydrogen absorption. Because Type II SNe happen on a much shorter timescale

than Type Ia, all the ISM and stellar feedback studies focus mostly on their energy

deposit and dynamical issues. Each explosion releases of the order of 1051 ergs of

energy and roughly one to several tens of M⊙ of ejecta, expanding at velocities of

up to ∼ 104 km s−1. A supernova explosion synthesizes heavy elements and injects

them into the interstellar medium where they can then take part in subsequent

star formation. As massive stars do not live long enough to disperse far from

their formation site, Type II SNe will often occur within the stellar associations.

Understanding these violent cosmic phenomena is crucial to our knowledge of the

evolution of the Universe.

A typical massive star of M∗ ∼ 35 M⊙ with a mass-loss rate of Ṁ = 5 ×

10−7 M⊙ yr−1 and wind velocity v∞ = 2000 km s−1 would impart a total kinetic

energy of E = 8×1049 ergs into its surroundings over the course of its main se-

quence (MS) phase, assuming it lasts 4×106 yrs. The Wolf-Rayet (WR) phase of

such a star, assuming a mass-loss rate of Ṁ = 2×10−5 M⊙ yr−1 and wind velocity

v∞ = 2000 km s−1 over a period of 300,000 yrs would add a further 2.4×1050 ergs,
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meaning that the course of the lifetime of a massive star, the total integrated en-

ergy from the stellar wind would be of the order of 1050 ergs. This is an order

of magnitude lower than would be expected from the explosion of such a star,

making SNe the dominant source of stellar energy input into the ISM.

Although the initial blast wave expands quickly (∼ 104 km s−1), over the life-

time of approximately 105 yrs it gradually decelerates as it sweeps up the sur-

rounding interstellar gas. During the early evolution the SNR expands freely, with

the forward shock effectively being adiabatic due to the high expansion velocity.

The swept-up mass becomes concentrated in a thick shell behind the forward

shock, and the remnant expands adiabatically, in what is called the Sedov-Taylor

(ST) phase (Sedov, 1959; Taylor, 1950). Eventually, the shock wave slows down

enough that the post-shock gas begins to lose a significant amount of energy

through radiative cooling. The shell collapses into a thin, dense shell of cooled

gas, surrounded by a radiative (isothermal) shock on the outside and filled with

a low density, high pressure interior in what is known as the pressure-driven

snowplough stage (McKee & Ostriker, 1977).

The energy deposited as turbulent energy and consequently as thermal en-

ergy by a supernova to an inhomogeneous ISM remains unclear, but it is one of

the most important ingredients for our understanding of galaxy formation (e.g.

Efstathiou, 2000; Silk, 2003). To date, studies into the efficiency with which a

SN couples with a clumpy environment are sparse (see Section 2.3.5).

Although core collapse SN explosions impart a substantial amount of energy

and momentum into the ISM, this feedback mechanism only begins after the

lifetimes of massive stars, which are a minimum of several 106 yrs. Turbulence

within a cluster must therefore be maintained by other sources of feedback or
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external influences, else stars would form rapidly and consume the material in

GMCs in one to two crossing times.

1.2.4 Triggering of Star Formation

Star formation appears to continue throughout the evolution of a rich stellar

cluster. Young protostars (< 105 Myrs) are often seen in HII regions several Myrs

old (e.g. Beerer et al., 2010; Bik et al., 2010; Choudhury et al., 2010; Comerón &

Schneider, 2011; Hester et al., 1996; Snider et al., 2009). Many of these authors

attribute this to feedback from massive O-stars triggering a new stellar generation.

However, determining whether any particular group of stars has been triggered is

rather complicated. Although clusters may be located spatially nearby the shell

of a wind-blown bubble (see Fig. 1.6) or SNR, it is difficult to prove that they

formed purely from the affects of stellar feedback, and would not have formed

regardless. Whether or not feedback alone has prompted stars to form, the energy

and momentum input from massive stars will have been instrumental in hastening

the formation processes.

A prime location to look for triggered star formation is in the shell of dense

material surrounding the wind-blown bubble and expanding HII region. If this

shell becomes gravitationally unstable then theoretically both low and high mass

stars could form (see parts 1 and 2 in Fig. 1.8). Small-scale gravitational instabil-

ities, such as the Jeans instability, can lead to low-mass star formation. However,

if the gravitational instabilities are on a larger scale then massive fragments can

form, from which it is possible that high-mass stars could be born. The process

of induced star formation due to gravitational instabilities in a swept-up shell is
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Figure 1.8: Schematic view of a spherical HII region and of its neutral environ-
ment. Different processes of triggered star formation are depicted. 1 - small-scale
gravitational instabilities; 2 - large-scale gravitational instabilities; 3 - ionizing
radiation acting on a turbulent medium; 4 - radiation-driven compression of pre-
existing dense clumps. Taken from Deharveng et al. (2010).

known as “collect & collapse” (Elmegreen & Lada, 1977). Photoionization can

affect a turbulent medium by creating pillars or fingers of material where over-

densities in the heads can be sites of star formation (Gritschneder et al., 2009),

as discussed in Section 1.2.2 and shown in part 3 of Fig. 1.8.

If the HII region is expanding into an inhomogeneous environment then it

is likely that the bubble will expand into regions of pre-existing high density.

These condensations can be compressed by the pressure of the ionized gas as an

ionization front is driven into the clump. This is illustrated in part 4 of Fig. 1.8,

and is also known as radiative-driven implosion. Star formation may also be

caused by the expansion of a supernova shockwave into a clumpy medium.

Chapter1/Chapter1Figs/EPS/triggered.eps
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1.3 Multi-Wavelength Analysis of Feedback in

Stellar Clusters

In order to build a strong picture of the multiple processes occuring in star forming

regions, observations are needed at different wavelengths. Direct optical obser-

vations of young stars embedded in dense molecular clouds is extremely difficult.

Observations of deeply embedded sources must therefore be carried out at long

wavelengths, for example in the infrared, millimeter and radio regions of the

spectrum, or a X-ray energies.

1.3.1 X-ray Emission

Many high mass star forming regions are observed to contain diffuse thermal

X-ray emission, which requires high temperature plasma. As discussed in Sec-

tion 1.2.1, the fast winds of individual massive stars create high pressure and high

temperature bubbles (e.g. Castor et al., 1975; Weaver et al., 1977). In large clus-

ters containing many early-type stars the individual stellar winds may combine,

collectively creating a so-called cluster wind (e.g. Cantó et al., 2000; Chevalier &

Clegg, 1985; Stevens & Hartwell, 2003).

X-rays are usually described as either hard or soft based on how energetic the

emission is. Soft, low energy X-rays (E∼0.1–0.5 keV) are the least penetrating,

and therefore the most sensitive to absorption. Hard X-rays (E∼2.5–10.0 keV)

are very penetrating and suffer less from attenuation. Using the equation:

I = I0e
(−µx) (1.6)
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where I is the X-ray beam intensity, I0 is the initial beam intensity, µ is the linear

attenuation coefficient and x is the distance travelled, it can be calculated that a

10 keV photon can penetrate approximately 7.5 times further through hydrogen

before the beam intensity drops to half the original strength than a 1 keV photon.

The distinction between hard and soft X-rays is not well defined, and therefore a

third band referred to as medium energy can be used to describe the overlap.

The X-ray continuum can arise from many processes including bremsstrahlung,

black-body radiation, synchrotron radiation, or inverse Compton scattering. In

stellar clusters the X-ray continuum is generally dominated by bremsstrahlung

emission, where free electrons in the plasma are decelerated when they come in

close proximity to atomic nuclei. If the free electrons are high enough in energy

then they can also eject electrons from the inner shells of the atoms by colliding,

and the quick filling of those vacancies by electrons dropping down from higher

energy levels gives rise to sharply defined characteristic X-ray line emission.

In the presence of a strong magnetic field, non-thermal X-rays can also be

created by synchrotron radiation. This arises when charged particles, commonly

electrons, are accelerated within a magnetic field. Instead of moving across it, the

energetic, relativistic electrons will spiral around it. This effective acceleration

by the electrons causes synchrotron radiation to be emitted.

In many cases the observed diffuse X-ray emission from massive star forming

regions (MSFRs) is relatively soft. For instance, in M17 and the Rosette Nebula

the characteristic temperature kT < 1 keV (Townsley et al., 2003). The X-ray

emitting plasma in the Extended Orion nebula is similarly cool (Güdel et al.,

2008). However, in other MSFRs the characteristic temperature is considerably

higher. For instance, the diffuse thermal X-ray emission from NGC 3603 (Moffat
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et al., 2002), the core of the Arches cluster (Wang et al., 2006) and the Quintuplet

cluster (Law & Yusef-Zadeh, 2004) has kT > 2 keV.

In some clusters the diffuse X-ray emission may be predominantly non-thermal:

e.g. NGC 6334 (Ezoe et al., 2006a), RCW 38 (Wolk et al., 2002), the Arches clus-

ter (Wang et al., 2006; Yusef-Zadeh et al., 2002) and ON2 (Oskinova et al., 2010).

This requires non-thermal particles, which also occur when high speed flows and

strong shocks are present. Townsley et al. (2011) argue that the non-thermal

emission detected from the NGC 3576 OB association may arise from both a pul-

sar wind nebula and a cavity supernova. A caveat to some of these works is that

the diffuse X-ray emission from clusters which are at larger distances is more

likely to suffer contributions from unresolved point sources. A summary of X-ray

studies of young stellar clusters is presented by Damiani (2010).

In young MSFRs in which there has not yet been time for any massive star

to explode as a supernova, the diffuse X-ray emission must result from the action

of stellar winds. However, in older clusters where some of the massive stars have

exploded one still might not detect any signature of a SN explosion because the

effect of an SNR on the hot cluster gas is likely to be relatively short-lived. This

timescale is generally believed to be ∼ 104 yrs (e.g. Kavanagh et al., 2011). For

this reason, most studies of stellar clusters prefer a wind based explanation for the

diffuse X-ray emission, though Ezoe et al. (2009) favour a recent SN explosion in

their study of the Eastern Tip of the Carina nebula. A distinction exists between

individual stellar clusters, and larger scale regions of star formation which create

superbubbles where multiple cavity supernovae are believed to be responsible for

the diffuse emission (such as those of 30 Doradus, e.g. Chu & Mac Low, 1990;

Townsley et al., 2011).
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X-ray surveys of MSFRs are important because they readily discriminate

young stars from unrelated objects that often contaminate IR images of such

fields. Atmospheric absorption blocks X-ray wavelengths, and therefore any X-ray

observations must be taken from satellites rather than ground-based astronomy.

1.3.2 Radio Emission

HII regions are sources of radio emission characterised by the temperature of the

gas. As they consist of plasma the electrons can move freely throughout the gas,

causing free-free emission or thermal bremsstrahlung. Radio observations of HII

regions can therefore provide a diagnostic of their conditions. The emission can

either be optically thin or optically thick, connected by a turnover region. In the

optically thin regime the flux is a power law:

Sν ∝ να (1.7)

where α ≈ -0.1 for an optically thin homogeneous plasma (Wright & Barlow,

1975). On a log-log plot, α is the slope of the spectrum. In the optically thick

regime, at low frequencies the spectrum rises as ν2, the same as for blackbody

radiation at low frequencies. Wright & Barlow (1975) showed that the spectral

flux distribution produced by an ionized, uniform, spherically symmetric mass

loss flow leads to an intermediate slope, with a spectrum of the form Sν ∝ ν0.6.

The emission from a particular part of the sky is often characterised by a

brightness temperature. The intensity of radiation from a region of sky, Iν , has an

equivalent brightness temperature, Tb (the temperature a blackbody would have

according to the observed intensity), where Iν = 2kTb/λ
2. At radio wavelengths
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the flux Sν at a frequency ν is given by:

Sν ≈
2k

c2
ν2TeτνΩs, when emission is optically thin (1.8)

and:

Sν ≈
2k

c2
ν2TeΩs, when emission is optically thick (1.9)

where Te is the electron temperature, τν is the optical depth and Ωs is the source

solid angle in steradians. The shape of the free-free portion of the spectrum is

determined for the most part by the optical depth, τν , derived using the expression

given by Mezger & Henderson (1967):

τν = 8.235 × 102aν

(

Te

K

)−1.35
( ν

GHz

)−2.1
(

EM

pc cm−6

)−2.1

(1.10)

where aν is a frequency dependent correction factor approximately equal to unity

and EM =
∫

n2
edl is the emission measure.

Relatively little radio emission is in the form of discrete lines. The most

important line is the hydrogen 21 cm line, which refers to the electromagnetic

radiation spectral line that is created by a change in the energy state of neutral

hydrogen atoms. This electromagnetic radiation is at the precise frequency of

1.420 GHz. A spontaneous spin-flip from one state to another is highly forbidden,

with an extremely small probability. The time for a single isolated atom of neutral

hydrogen to undergo such a transition would be around 11 million years. However,

when collisions between hydrogen atoms occur, an exchange of electrons can take

place and this can lead to a random spin-flip transition with one (or both) atoms
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being excited to the higher energy state. Due to the density of neutral hydrogen,

the mean time between collisions is only around 200 years. The 21 cm emission

is therefore collisionally enduced. Although the transition itself is rare, there is

so much hydrogen distributed throughout the ISM that the 21 cm line emission

is fairly ubiquitous throughout the galaxy. As ISM absorption is insignificant at

the 21 cm wavelength, the line emission is also easily observable throughout the

galaxy.

By studying the 21 cm line we can determine the velocity of neutral hydro-

gen clouds, the distribution of neutral hydrogen and the amount of gas in the

ISM from the strength of the lines observed. The detection of this emission line

and measurement of its Doppler shift have allowed mapping of the distribution

of galactic neutral hydrogen (HI regions) and of galactic rotation. The matter

distribution so measured shows a spiral arm structure within our galaxy, as is

seen in optical images of other galaxies.

Hydrogen recombination lines at low transitions are normally seen in the op-

tical/UV. However, if the levels are higher they show in the radio. This process

can occur in HII regions i.e. regions of the ISM in which hydrogen is mostly

ionized (e.g. due to UV photons produced by young star clusters in star forming

regions). For example, some fraction of electrons will make the transition from

the 110th energy level to the 109th, and emit a 5 GHz photon. Although the

density of the interstellar medium is low, the path length is long through an HII

region (∼ 0.5 pc) so the emission can be observed as a weak radio line. Studying

these recombination lines allows the temperature and density (from the thermal

width of lines and line ratios), and velocities and motions (from Doppler shifts)

of HII regions to be determined. The composition can also be determined from
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measurements of He and C lines, for example.

Radio emission can also be caused by non-thermal processes, of which syn-

chrotron emission is the most common. The relativistic electrons required for this

emission are thought to have been accelerated either in strong shocks within the

stellar wind for single stars (White, 1985), or in a wind-collision region between

stellar components for binary systems (WR+O-star, Eichler & Usov, 1993; Usov,

1992). Massive stars often have both a thermal and non-thermal component to

their spectrum. About a quarter of the brightest O-stars have a radio spectrum

which is dominated by non-thermal emission at cm wavelengths (Bieging et al.,

1989).

Radio waves can penetrate the large clouds of interstellar cosmic dust that

are opaque to visible light, and unlike X-rays they can penetrate the atmosphere,

making ground-based observations feasible.

1.3.3 Multi-Wavelength Observations of Feedback in Stel-

lar Clusters

In this Section, multi-wavelength observations of three star forming regions of

various ages and sizes will be examined to see whether there are similarities in

the structures observed.

1.3.3.1 Orion Nebula

The Orion Nebula, or M 42, is part of the Orion Molecular Cloud and is a region of

massive star formation a distance of 414±7 pc (Menten et al., 2007), and therefore

has been studied extensively at multiple wavelengths (e.g. see the review on M42
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by O’dell, 2001, and references therein). This region is therefore a great place

to look to try and understand star formation processes. M 42 is a component

of the ridge of GMCs in the constellation Orion, which are part of the Eridanus

superbubble of material (Heiles, 1998). The long ridge of molecular material

extending N-S through the belt of Orion and its sword region is home to several

star associations of various young ages, with M 42 probably being the youngest of

these. The Huygens region of this nebula is centered around a group of massive

stars known as the Trapezium group, which are bounded by the molecular cloud.

Infrared studies have revealed a large cavity which has formed to the south-west

of the Trapezium group. This is known as the Extended Orion Nebula (EON).

Güdel et al. (2008) undertook a study of the region using XMM-Newton to

perform deep X-ray observations that extend across the entire region. They found

diffuse X-rays were present in the cavity of the EON, and that they appeared to

be confined by the dense, warm dust. A comparison of the X-ray emission with

the emission at other wavelengths is shown in Fig. 1.9.

The top left panel plots the diffuse 0.3–1.0 keV emission in blue, against an in-

frared image of the region from Spitzer, with 4.5µm emission in green and 5.8µm

emission in red. All of the X-ray point sources have been removed. The white

contour shows the field of view of the detector for the X-ray observations. The top

right panel shows just the infrared image with the 3.6µm emission added, with

the overlaid dotted contour being the boundary of the location of the majority of

the diffuse X-ray emission. The diffuse emission is clearly confined by the warm

dust surrounding the EON. Güdel et al. (2008) estimate that the absorption-

corrected intrinsic luminosity of the X-ray emission in the range of 0.1–10.0 keV

is LX = 5.5 × 1031 ergs s−1, and estimate the temperature of the X-ray emitting
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plasma to be 1.7–2.1×106 K. They find it most likely that the high velocity winds

produced by the Trapezium group are the source of the hot plasma.

The bottom left panel shows an optical image of the region taken by the

UK Schmidt telescope. There are multiple shocks along the right of the cavity,

coinciding with areas where the diffuse X-ray emission looks to be in contact with

the cavity wall. There are bright lanes to the bottom.

The bottom right panel again shows the optical image, but with 330 MHz radio

contours overlaid. The radio emission is dominated by thermal bremsstrahlung

from hot gas ionized by the central stars of the nebula, and therefore the majority

of this emission originates from the Trapezium group in the top left of the image.

However, radio emission is observed throughout the cavity, indicating the presence

of hot winds originating from the stellar cluster in the Trapezium group which is

blowing into the surrounding material and creating this cavity.

The wind-shocked gas leaking from the Orion Nebula is likely to impact the

Eridanus superbubble, which is thought to have been produced by multiple su-

pernovae from previous generations of OB stars in the Orion Nebula. The hot

gas leaking from the Orion Nebula could be capable of continuously replenishing

this superbubble.

1.3.3.2 M17

M 17, also known as the Omega Nebula, is a young, massive star formation re-

gion located on the northeast edge of one of the largest GMCs in the Galaxy,

approximately 1.55 kpc away. M 17 is very young, with an estimated age of only

∼ 0.5 Myrs (Chini & Hoffmeister, 2008; Hoffmeister et al., 2008), and so none of

the massive stars should have undergone supernova explosions. The nebula is
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Figure 1.9: Multi-wavelength images of the Orion nebula. The four panels
show identical regions. The width of each panel is approximately 42 arcmin,
corresponding to 4.9 pc at a distance of 400 pc. Top left (A): Diffuse X-rays (in
blue) superimposed on a Spitzer infrared image. Top right (B): An infrared image
(3.6+4.5+5.8µm composite) from the Spitzer Space Telescope. Bottom left (C):
An optical image (from the UK Schmidt telescope). Bottom right (D): Same,
with radio contours overlays (from the VLA, observed at 330 MHz). The dotted
contour outlines the area where most of the detected diffuse soft X-ray emission
is located. Taken from Güdel et al. (2008).

Chapter1/Chapter1Figs/EPS/Orion.eps


42

Figure 1.10: Multi-wavelength image of M17. A river of MK plasma glows in
soft X-rays (0.5–2.0 keV Chandra diffuse emission map; blue) as it flows outward
from the central cavity surrounding the O-stars of NGC 6618 (light blue circles).
The radio HII region (20 cm continuum; white contours) defines the cavity walls,
and warm dust permeates the ionized gas, as shown by the 21.3µm continuum
emission (MSXE ; red). The entire M17 complex is surrounded by a dusty wrapper
(GLIMPSE [5.8]; green) that traces the PDR in emission from PAHs. Taken from
Povich et al. (2007).

photoionized by the massive stellar cluster NGC 6618, within which Broos et al.

(2007) have identified 14 O-stars.

Povich et al. (2007) combined multi-wavelength observations of M 17, the

result of which is shown in Fig. 1.10. The O-stars contained within the central

ionizing cluster, NGC 6618, are shown individually as the light blue circles. The

cluster is contained on three sides by warm dust (21.3µm emission, shown in red).

Chapter1/Chapter1Figs/EPS/M17.eps
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The radio 20 cm continuum (white contours) shows the HII region bounding the

cavity. To the south of the image, hot X-ray (0.5–2.0 keV) gas fills, and is flowing

out of, the central cavity (shown in blue). The most likely explanation is that the

hot cluster wind from the O-stars has carved a cavity in the surrounding medium,

through which the hot gas is escaping in one direction.

1.3.3.3 30 Doradus

30 Doradus (30 Dor) is a massive star-forming region in the Large Magellanic

Cloud (LMC). There are an abundance of massive stars in the centre of 30 Dor

(Melnick, 1985; Parker, 1993; Schild & Testor, 1992; Walborn & Blades, 1997),

also known as the Tarantula nebula. It hosts the massive compact star clus-

ter R 136 (Feast et al., 1960), believed to contain stars with masses > 150 M⊙

(Crowther et al., 2010). R 136 has a mass of ∼ 6 × 104 M⊙ (Brandl, 2005), and

has more than 50 times the ionizing radiation of the Orion Nebula. The stellar

population of 30 Dor spans multiple ages, with areas of ongoing star formation

(Brandner et al., 2001; Walborn et al., 2013) and older (∼20–25 Myrs) super-

giants in the Hodge 301 cluster (Grebel & Chu, 2000). Roughly a third of the

LMC WR stars compiled by Breysacher et al. (1999) are contained within the

30 Dor nebular region of N 157 (Henize, 1956), with several found within R 136

itself. 30 Dor is the most massive and the largest HII region in the Local Group.

Due to its proximity and size it is an excellent target for studying the effects of

massive stars on the evolution of an HII region.

Townsley et al. (2006a) performed a study of the diffuse X-ray emission in

30 Dor using Chandra. Fig. 1.11 shows an image of 30 Dor in X-rays (green and

blue) with infrared 6.5–9.4µm Spitzer data overlaid (red). The hot X-ray plasma
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Figure 1.11: Composite of the mid-infrared (6.5–9.4µm) Spitzer IRAC image
of 30 Dor (red) with the 0.35–0.9 and 0.9–2.3 keV adaptively smoothed Chandra

ACIS images (green and blue respectively). The point sources have been removed
from the X-ray images. Taken from Townsley et al. (2006a).

fills the interiors of superbubbles that are outlined by warm dust. The X-ray point

sources have been removed from this figure so that it is clearer to distinguish the

bright diffuse emission from the R 136 cluster and from nearby WR stars.

Although 30 Dor is much larger than the Orion Nebula, Figs. 1.9 and 1.11

both show the same feature of diffuse X-ray emission being anti-correlated with

and bounded by the warm dust and gas. The effect of the winds and SNe from

the massive stars can be scaled up from smaller clusters to larger systems. Un-

Chapter1/Chapter1Figs/EPS/30Dor.eps
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derstanding how the winds affect their natal environments can therefore also shed

light on the processes occuring on much larger scales.

1.4 An Introduction to this Thesis

This thesis contains a study of simulations of the mechanical effects of winds

and supernovae from a massive stellar cluster on their surrounding natal cloud.

Chapter 2 presents a hydrodynamical model of a cluster wind blowing into an in-

homogeneous GMC clump. It is found that the winds carve out channels through

the low density material, whilst the high density clumps prove resilient to the ab-

lation by the winds and that SNe couple very weakly to the dense gas.

Chapter 3 explores the X-ray emission produced by the cluster as outlined

in Chapter 2. Only gas above 105 K is considered to be hot enough to produce

X-rays. The synthetic emission is compared to one dimensional models and to

observations. The simulated emission is fainter than predicted by simpler models,

but is mostly comparable with observations of young stellar clusters. Chapter 4

explores the thermal radio emission produced by the cluster as outlined in Chap-

ter 2 and compares this with the X-ray emission discussed in Chapter 3. Looking

at the emission in the radio and X-ray regimes builds a strong picture of the

processes occuring within such a system.

Chapter 5 takes a closer look at the central cluster, using a Salpeter IMF to

generate a cluster of a size comparable with that assumed in Chapter 2. The

X-ray and radio emission of the cluster is also simulated. Finally, the thesis is

summarized in Chapter 6 where possible extensions and future work are discussed.
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Chapter 2

Mechanical Feedback from Winds

and Supernovae in a Massive

Young Stellar Cluster

2.1 Introduction

That stellar winds play a significant role in stellar cluster feedback is apparent

from the fact that many young (pre-supernova) massive star forming regions

contain diffuse X-ray emission - the hot gas responsible can only have been created

by winds. Observations reveal that the surrounding cold molecular material can

sometimes confine this hot gas (e.g. Townsley et al., 2006b), but around other

clusters the cold clouds appear to be shaped and removed by the hot gas. In fact,

there are now several lines of evidence that indicate that the hot X-ray emitting

gas often escapes or leaks out of the local cluster environment, instead of being

bottled up inside a swept-up shell. Firstly, the diffuse X-ray emission in M17 and
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the Rosette nebula reveals that only a small proportion of the cluster wind energy

is radiated in the X-ray, and Townsley et al. (2003) conclude that most of the

hot gas must flow without cooling into the wider ISM. This picture is supported

by analysis of the Omega nebula, the Arches cluster, and NGC 3603, all of which

contain an amount of hot gas equal to only 1 per cent of the wind material from

the O-stars over the age of the cluster. Secondly, direct evidence for outflowing

gas comes from observations of M17 and particularly RCW 49 which show stellar

bow shocks around O-stars outside of the central clusters. These indicate large

scale gas outflows away from the stellar cluster with velocities of at least a few

hundred km s−1 (Povich et al., 2008).

Stellar wind feedback into an inhomogeneous environment has been consid-

ered by Tan & McKee (2001) and more recently by Harper-Clark & Murray

(2009). The latter postulate that the non-uniform surrounding medium causes

gaps in the swept-up shell surrounding the wind-blown bubble where some of

the high-pressure gas in the bubble interior can leak out. This scenario has re-

ceived backing from Lopez et al. (2011) who conclude that such leakage may be

occuring within 30 Doradus. Lopez et al. (2011) also conclude that direct stellar

radiation pressure dominates the interior dynamics, but this claim has proved far

more controversial, and other works argue in favour of the thermal pressure of

hot X-ray emitting plasma shaping the large-scale structure and dynamics in 30

Doradus (Pellegrini et al., 2011; Povich, 2012). One must recognize that there

are significant uncertainties in determining the hot gas pressure in regions like 30

Doradus, where it is unclear whether the X-ray emitting gas should be treated

as a single large bubble or as multiple smaller bubbles with distinct identities.

The possibility that the pressure exerted by stellar radiation may be dynam-
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ically important in massive young stellar clusters has received much attention in

recent years, with Krumholz & Matzner (2009), Fall et al. (2010) and Murray

et al. (2010) all arguing that radiation pressure is the dominant feedback mech-

anism. However, these works disagree on the net momentum coupling between

the radiation field and the gas, partially because this depends on the degree of

inhomogeneity of the gas and the effect that this has on the radiation field (e.g.

Krumholz & Thompson, 2012). Complementary work on the ionized gas pressure

has shown that ionization feedback into a highly inhomogeneous medium is not

very effective at high cluster masses (Dale & Bonnell, 2011), but becomes more

so at lower masses (Dale et al., 2012; Walch et al., 2012).

Given these competing processes, our aim in this Chapter is to examine the

extent to which the mechanical energy input from a cluster of massive stars is

confined by and shapes the local environment. The focus in this initial Chapter

is solely on feedback due to stellar winds and supernovae, and investigations of

other forms of feedback (radiation pressure, photoionization etc.) is deferred

to future works (see Section 6.2). This investigation is conducted through 3D

hydrodynamic simulations of this interaction. In Section 2.2 the numerical models

and initial conditions used in this Chapter are outlined. The results from the

simulations are presented and discussed in Section 2.3. Section 2.4 summarizes

and concludes this Chapter.
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2.2 Simulations of Stellar Feedback

2.2.1 Numerical Setup

The simulations were performed using the hydrodynamic code ARWEN (Astro-

physical Research with Enhanced Numerics). This is a uniform grid code written

in C++. The hydrodynamic update is performed using sweeps over each direc-

tion separately. The hydrodynamic algorithm is similar to that in the vh-1 code

(Blondin et al., 1990). We use an MPI-parallelized numerical scheme to solve the

Euler equations of hydrodynamics using a Lagrangian formulation and a remap

onto the original grid. A piecewise parabolic interpolation and characteristic trac-

ing is used to obtain the time-averaged fluid variables at each zone interface. The

code then solves a Riemann problem to determine the time-averaged fluxes, and

then solves the equations of hydrodynamics:

∂ρ

∂t
+ ∇ · (ρu) = 0, (2.1)

∂ρu

∂t
+ ∇ · (ρuu + P ) = 0, (2.2)

∂ρε

∂t
+ ∇ · [(ρε + P )u] = nΓ − n2Λ, (2.3)

where ε = u2/2 + e/ρ is the total specific energy, ρ is the mass density, e is the

internal energy density, P is the pressure, and T is the temperature. An ideal gas

equation of state, e = P/(γ − 1), and solar abundances are adopted throughout.

The simulations were run on the ARC1 supercomputer located at the Univer-

sity of Leeds, running on 128 cores continuously over 2 months. Other hydrody-

namic codes were trialled before finally settling on ARWEN, including mg, vh-1
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and FLASH. However, the codes utilising adaptive mesh refinement (AMR) did

not significantly speed up the run-time of the simulations due to the refinement

needed in the majority of the computational volume. Furthermore, using a La-

grangian update with a remap was found to be more robust with the large density

and temperature contrast in the simulations than using a direct Eulerian solver,

such as is used in FLASH and mg.

The net heating/cooling rate per unit volume is parameterized as ė = nΓ −

n2Λ, where n = ρ/mH, and Γ and Λ are heating and cooling coefficients which are

assumed to depend only on temperature. In the ISM, Γ decreases with increasing

density as the starlight, soft X-ray, and cosmic ray flux are attenuated by the

high column densities associated with dense clouds. Because the exact form of

the attenuation depends on details which remain uncertain (for instance the size

and abundance of PAHs), the heating rate at T . 104 K is similarly uncertain.

In this work we assume that Γ = 10−26 ergs s−1 (independent of ρ or T ). The

low-temperature (T . 104 K) cooling was then adjusted to give 3 thermally

stable phases at thermal pressures between 2000 − 6000 cm−3 K, as required

by observations. These stable phases, at temperatures ∼ 10 K, ∼ 150 K and

∼ 8500 K, correspond to the molecular, atomic and warm neutral/ionized phases,

respectively. The cooling curve and phase diagram are shown in Pittard (2011).

The simulation uses a temperature-dependent average particle mass, µ. In

the molecular phase µ = 2.36, reducing to 0.61 in ionized gas. The value of µ is

determined from a look-up table of values of p/ρ (Sutherland, 2010), as shown

in the top panel of Fig. 2.1. The values of pressure and density in a given cell

can therefore be used to calculate a temperature value, from which the ionization

fraction and temperature dependent average particle mass can be determined. A
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Figure 2.1: Plot to show the ionization fraction of the hydrogen in the sim-
ulation. [Top] Shows the temperature dependent average particle mass, µ as a
function of the density and pressure. [Bottom] Shows the ionization fraction of
the atomic, molecular and ionized hydrogen at different temperatures.

temperature independent value of γ, the ratio of specific heats, is used, and we

set γ = 5/3.

Simulations are performed on a grid with 5123 cells with free outflow boundary

conditions. A number of advected scalars are included to trace the different

origins of the gas - stellar wind/SN, GMC clump, and surrounding ambient ISM.

2.2.2 Stellar Evolution

In this Chapter it is assumed that the stellar wind feedback into the surrounding

GMC clump is dominated by 3 O-stars with initial masses 35 M⊙, 32 M⊙ and

28 M⊙, and Main Sequence (MS) mass-loss rates of 5, 2.5 and 1.5×10−7 M⊙ yr−1

respectively. For each star the MS wind terminal velocity is assumed to be

2000 km s−1. Three evolutionary phases are considered for each star. The MS

Chapter2/Chapter2Figs/EPS/mu_vs_pd_diag.eps
Chapter2/Chapter2Figs/EPS/ionfrac_vs_logt.eps
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phase of the 35 M⊙ star lasts for 4 Myrs, after which the star becomes a Red

Supergiant (RSG) and blows a dense, very slow wind characterized by Ṁ =

10−4 M⊙ yr−1 and v∞ = 50 km s−1. This phase lasts for 0.1 Myrs after which

the star enters the Wolf-Rayet (WR) stage, and a fast, high momentum wind is

blown (Ṁ = 2 × 10−5 M⊙ yr−1 and v∞ = 2000 km s−1). The WR phase lasts for

a further 0.3 Myrs, after which the star undergoes a supernova explosion. At this

point the star’s wind is switched off, and 1051 ergs of thermal energy is imparted

to the simulation along with 10 M⊙ of ejecta. The other two stars remain on

the MS throughout this entire evolutionary period. The 32 M⊙ star evolves onto

the RSG branch 0.1 Myrs after the 35 M⊙ star explodes. The wind values and

lifetimes used are summarized in Table 2.1 and are intended to be representative

of stars of these masses. The mass-loss rates compare well to the formulas in

Vink et al. (2000, 2001) and are also similar to those used by Freyer et al. (2006).

2.2.3 Initial Conditions

The cluster wind blows into a turbulent and inhomogeneous GMC clump, whose

structure is based on the work of Vázquez-Semadeni et al. (2008) of turbulent and

clumpy molecular clouds (specifically model Ms24J6). This model has a nominal

Mach number of 15, is isothermal, and has no magnetic field. These results are

scaled to create a GMC clump of radius 4 pc and mass 3240 M⊙ (SimA). This

gives an average density of ≈ 8 × 10−22 g cm−3, or a molecular hydrogen number

density nH2
≈ 250 cm−3. The clump initially has a uniform temperature of about

10 K, and is in rough pressure equilibrium with a surrounding uniform medium

of density 3.33×10−25 g cm−3 (nH ≈ ne ≈ 0.2 cm−3) and temperature 8000 K (see
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Table 2.1: Wind properties of the three stars in the cluster as they evolve.

Stellar MS stage

Mass Ṁ v∞ Duration Mtm Energy

( M⊙) (M⊙ yr−1) (km s−1) (Myrs) (kg m s−1) (ergs)

35 5.0×10−7 2000 4.0 8.0×1036 8.0×1049

32 2.5×10−7 2000 4.5 4.5×1036 4.5×1049

28 1.5×10−7 2000 5.0 3.0×1036 3.0×1049

Stellar RSG stage

Mass Ṁ v∞ Duration Mtm Energy

( M⊙) (M⊙ yr−1) (km s−1) (Myrs) (kg m s−1) (ergs)

35 1.0×10−4 50 0.1 1.0×1036 2.5×1047

32 1.0×10−4 50 0.1 1.0×1036 2.5×1047

28 1.0×10−4 50 0.1 1.0×1036 2.5×1047

Stellar WR stage

Mass Ṁ v∞ Duration Mtm Energy

( M⊙) (M⊙ yr−1) (km s−1) (Myrs) (kg m s−1) (ergs)

35 2.0×10−5 2000 0.3 2.4×1037 2.4×1050

32 2.0×10−5 2000 0.3 2.4×1037 2.4×1050

28 2.0×10−5 2000 0.3 2.4×1037 2.4×1050

Table 1.1 for typical values of GMC clumps).

The hydrodynamic grid covers a cubic region of ±16 pc extent centered on

the GMC clump. The cluster wind is injected as purely thermal energy within a

radius of 0.375 pc (6 cells). The densest regions cool to ≈ 3.3 K, and a temperature

floor of 1 K is imposed.

Another model is also explored where the GMC clump radius is 5 pc and where

the density and pressure of the GMC clump and its surroundings are twice as great

(SimB). This produces a clump mass of 10,500 M⊙ (due to the inhomogeneity of

the clump it is not quite 3.9× as massive as the clump in SimA). Unless otherwise
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noted, all results are for SimA.

Using a Saltpeter initial mass function, one would expect the total stellar

mass of a cluster containing three massive OB stars, such as those noted above,

to be ∼ 0.5 − 1.0 × 104 M⊙. Given that there is 3240 M⊙ of clump material in

SimA, this implies a star formation efficiency of ≈ 50 %. In SimB the mass of the

stellar cluster is unchanged whilst there is 10,500 M⊙ of clump material, which

implies a star formation efficiency of ≈ 30 %.

2.2.4 Neglected Processes and Simplifications

This work is the first step in examining the feedback from a stellar cluster into

surrounding molecular material left over from its formation. As such, many

simplifications and approximations have been made.

These simulations do not include gravity, thermal conduction, magnetic fields,

radiation pressure, photoionization, dust, cosmic rays or radiative losses within

the stellar cluster. It is reasonable to estimate from the parameters noted in

Table 2.1 that the winds have comparable momentum to the radiation fields of

the stars (both emit momentum of roughly 1043 g cm s−1 over the lifetime of the

cluster1). The key factor in determining the relative importance of the winds

and radiation fields to the dynamics of the gas is the strength of the coupling of

the radiation field to the gas. If the degree of wind and photon leakage out of

the cluster is comparable, then radiation pressure will provide just an order-unity

enhancement to the wind pressure (Krumholz & Matzner, 2009). It should be

noted that the neglect of direct radiation pressure and gravity in these simulations

1Note that in an optically thick medium where each photon is absorbed and reemitted
multiple times, the momentum deposited is limited by the energy rather than by the momentum
of the radiation field.
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offset each other to some degree. However, the self-gravity of some of the densest

structures in our cluster may be important on the timescales that we consider.

The freefall time for the whole clump is about 3 Myrs. For the densest clumps in

the simulation (ρ ≈ 10−19 g cm−3) the freefall time is about 0.3 Myrs.

Inclusion of thermal conduction and photoevaporation should speed up the

destruction of molecular material. These simulations reveal that the densest

cloud fragments have ρ ∼ 10−19 g cm−3 and radii of about 0.1 pc. At a distance of

3 pc from a stellar cluster emitting 1050 ionizing photons per second, we estimate

that the mass-loss rate from photoevaporation (see, e.g., Pittard, 2007, for the

relevant equations) is ∼ 4×1020 g s−1, giving a lifetime of about 1.5 Myrs. This is

comparable to the mass-loss rate and lifetime due to hydrodynamic ablation. So

it should be expected that the destruction of molecular material should be slightly

quicker than occurs in these simulations through ablation alone. Having said this,

photoevaporation may be suppressed in regions where the ram or thermal pressure

of the surrounding medium is greater than the pressure of the evaporating flow

(Dyson, 1994). Given these considerations, it is reasonable to assert that the

simulations presented in this Chapter should be fairly representative even with

the neglect of photoevaporation. Neglecting thermal conduction may also make

little difference to the results given that it will be confined to regions where there

is a temperature gradient parallel to the magnetic field.

It should further be noted that dust can dramatically affect the cooling within

hot bubbles if it can be continuously replenished, perhaps by the evaporation/destruction

of dense clumps (Everett & Churchwell, 2010) which will also mass-load the bub-

ble (see, e.g., Pittard et al., 2001a,b). The presence of dust will also affect the

photoionization rate throughout the cluster. Clearly the effects of dust warrant
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study in future work.

Radiative losses within the cluster can significantly change the energy flux

into the surrounding environment (Silich et al., 2004). However, this is not a

significant effect for the cluster parameters considered in this work, and is likely

important only for the most massive clusters and super star clusters.

2.3 Results

In this section the results of the simulations detailed above are presented. The

initial blowout (Sec. 2.3.1) is examined, then the evolution up to t = 4 Myrs

(Sec. 2.3.2). Sec. 2.3.3 focuses on the feedback during the evolution of the stars

through their various evolved stages (RSG and WR) and their subsequent ex-

plosions as SNe. The mass and energy fluxes into the wider surroundings are

examined in Sec. 2.3.5 and the evolution of the column density in Sec. 2.3.6. A

comparison between SimA and SimB, plus the evolution of the molecular mass is

made in Sec. 2.3.7.

2.3.1 Initial Blowout

The cluster wind creates a high pressure and high temperature bubble within

the GMC clump which expands most rapidly into regions of lower density. The

initial blowout of this bubble into the lower density medium surrounding the GMC

clump occurs at t ∼ 0.03 Myrs, and is very aspherical due to inhomogeneity of

the GMC clump (Fig. 2.2). This blowout occurs much faster than for a GMC

clump with an equivalent uniform density - in such a case a 1D spherical bubble

expands to a radius of 4 pc in 0.29 Myrs, which is ∼ 10 times slower than for the
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inhomogeneous GMC clump used in the models presented in this work. Isolated

blowouts at a number of distinct positions around the surface of the GMC clump

rapidly grow and merge so that the entire clump is quickly surrounded by hot,

expanding wind material. As this wind material streams out through low density

channels, clump material is ablated into the flow and the clump gradually loses

mass. Fig. 2.3 shows snapshots of the temperature evolution during this initial

phase at t = 0.03, 0.13 and 0.22 Myrs. Here the hot wind is clearly visible

streaming through the cold GMC. It is noticeable that dense parts of the clump

can shield and protect less dense material in their “shadow”, though the ability

of the hot, high pressure gas to flow around denser objects mitigates this effect to

some extent. This behaviour is apparent in Fig. 2.2 where material towards the

bottom right of the clump is protected against ablation from the cluster wind by

intervening dense material.

A swept-up shell around the outer edge of the bubble is visible in both Figs. 2.2

and 2.3. In this simulation the shell is reasonably thick and confines the hotter gas

in the bubble interior, but for bubbles expanding into a higher density medium

the shell is thinner and less stable. In such situations the shell fragments, and

mini blowouts occur. These expand for a certain distance, before stalling, and

merging back into the “global” shell (see also Meaburn et al., 1988).

At this early stage by far the strongest shock in the simulation is the reverse

shock near the central stellar cluster. The reverse shock is not spherical - instead

its position is largely defined by the presence and location of the dense molecular

material nearest to the stellar cluster. The shock heated cluster wind experiences

a large range of densities, temperatures and velocities as it flows out of the GMC

clump. At times it interacts subsonically with its environment, and at other times



59

Figure 2.2: Density slices through the 3D simulation (SimA) in the xy-plane
during the initial interaction of the cluster wind with the GMC clump. The
density scale is shown in the top left panel. All such plots are produced using
the VisIt Visualisation package.

Figure 2.3: Temperature slices through the 3D simulation (SimA) in the xy-
plane during the initial interaction of the cluster wind with the GMC clump. The
temperature scale is shown in the left panel.
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this interaction is supersonic. Relatively weaker shocks occur within the shock

heated wind as it flows into and past the densest molecular gas. The outflow is

generally quite turbulent in nature. This can affect the rate at which material is

stripped from clouds (Pittard, 2009). The rate at which clouds lose mass through

hydrodynamic ablation has been investigated in detail by Pittard et al. (2010).

2.3.2 Evolution during the star’s MS stage

Fig. 2.4 shows the early evolution of the cluster environment after the initial

blow out has occured but while all three stars remain on the MS. The low density

channels through the GMC clump have left their imprint on the outflowing cluster

wind as similarly low density channels. These channels contain hot (∼ 107 K),

fast flowing gas which is relatively unimpeded by dense gas along its route, with

a typical velocity of around 1000 km s−1. The flows are mass-loaded as denser

material along their edges is mixed in. The orientation of the channels alters

slightly as the simulation progresses due to the small velocity dispersion (≈ few

km s−1) of the dense molecular material in the GMC clump causing its structure

to change with time. By about t = 3 Myrs the position of the channels seems to

have settled and they are reasonably stable.

Fig. 2.6 shows the situation at t = 3.41 Myrs in three different planes. The

channels carved by the cluster wind are evident in the panels in this figure, and

the changes in orientation of the channels is apparent between Figs. 2.4 and 2.6.

The left panel of Fig. 2.6 corresponds to the xy-plane, which is the default used for

the other 2D slices within this Chapter. However, the center and right panels in

Fig. 2.6 show that dense clump material remains closer, for longer, to the central
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Figure 2.4: Density slices during the MS phase of the simulation (SimA) in
the xy-plane. The last panel shows the density of gas in the cluster environment
shortly before the most massive star transitions to a RSG. The channels carved
by the cluster wind in the GMC clump structure slowly evolve over this period.
The density scale is shown in the left panel.

star cluster in the xz and yz-planes. This is further shown in Fig. 2.5, which

shows a cut-out of the 3D simulation at t = 2 Myrs. The cut-away octant allows

a view into the centre of the cube where the cluster of stars is positioned and the

reverse shock of the expanding winds can be seen. In the bottom left of Fig. 2.5

is an indication of the orientation of the axes of the cube. The presence of very

dense clumps close to the reverse shock in the yz-plane is extremely apparent,

but there are also some observable clumps in the xz-plane.

Together, Figs. 2.4-2.6 reveal that the reverse shock expands and becomes

gradually more spherical with time as the cluster wind drives out more material

and high density material continues to ablate away. By t = 4 Myrs the average

radius of the reverse shock has increased to ∼ 5 pc, though its radius is ≈ 3 pc at

the position of the closest dense cloud to the centre of the cluster.

Fig. 2.7 shows the pressure at the reverse shock as a function of time. The

pressure steadily declines throughout the main sequence phase of the most mas-

sive star, reaching a value of PRS ≃ 3 × 10−12 dyn cm−2 at t = 4 Myrs. It is
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Figure 2.5: 3D density plot at 2 Myrs. The cut-away octant allows a view to
the centre of the cube where the cluster of stars is positioned. The position of
the reverse shock and the dense remnants of the GMC clump are evident.
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Figure 2.6: Density slices in three planes from SimA at t = 3.41 Myrs. [Left]:
xy [Middle]: xz and [Right]: yz.

difficult to know a priori what value to expect for the reverse shock pressure. At

t = 1 Myrs, Eq. 22 of Weaver et al. (1977) gives Pbub = 1.6 × 10−10 dyn cm−2

assuming an ambient density of 9× 10−22 g cm−3 (roughly the average density of

our GMC clump), and Pbub = 1.4× 10−12 dyn cm−2 assuming an ambient density

of 3.33 × 10−25 g cm−3 (the density of the medium outside of our GMC clump).

Compared to the measured pressure of ≈ 10−11 dyn cm−2 at this time, the former

estimate is too high, while the latter is too low. Fig. 5 of Harper-Clark & Murray

(2009) reveals that Pbub is about a factor of 4−5 lower, when the covering fraction

Cf ∼ 0.3 − 0.6, than the Weaver et al. (1977) estimate. This implies that the

finite-sized and porous clump used in these simulations has an effective covering

fraction Cf < 0.3.

The way that Pbub is set is fundamental to the 0evolution of the flow and its af-

fect on the GMC clump. Harper-Clark & Murray (2009) claim that the dynamics

of a leaky bubble is set by PHII, the pressure of the ionized gas component. Their

argument is that when PRS drops to ≈ PHII, the escape of hot gas through gaps

in the bubble shell slows as the hot gas is impeded by the cooler gas. However,

it seems more likely that it is simply determined by the covering fraction of the
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Figure 2.7: Pressure at the reverse shock as a function of time.

shell Cf and the ram pressure of the wind at the shell. If Cf is reasonably high,

then individual bow shocks around the shell fragments/dense clumps merge to

create a single reverse shock. The reverse shock will have an increasingly large

stand-off distance (and thus smaller distance from the cluster) as Cf approaches

unity. On the other hand, if Cf is reasonably low, then the bow shocks around

individual clumps maintain their identity for longer, only merging downstream

to create a global reverse shock at larger radii from the cluster. Such behaviour

can be identified in the simulations presented in Pittard et al. (2005) and Alūzas

et al. (2012).

2.3.3 Later evolutionary stages

2.3.3.1 Response due to the evolution of the 35M⊙ star

The most massive star evolves to a RSG after 4 Myrs. At this point its wind speed

decreases to v∞ = 50 km s−1 and its mass loss rate increases to Ṁ = 10−4 M⊙ yr−1

(see Table 2.1). This change results in a slower and denser cluster wind. The

total kinetic power of the cluster wind reduces by about a half, from 1.14 ×

Chapter2/Chapter2Figs/EPS/pressure_RS.eps
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1036 ergs s−1 to 5.87× 1035 ergs s−1, while the cluster wind becomes dominated by

RSG material. This transition is shown in the top and middle rows of Fig. 2.8

and Fig. 2.9. The reverse shock moves inward to reestablish pressure equilibrium

with the weaker cluster wind. This depressurises the previously shocked gas and

leads to a rapid fall in temperature of the hottest gas in the simulation.

The RSG-enhanced cluster wind is much denser than the wind blown when

all three stars were on the MS. As it interacts with the surrounding gas it is

compressed into a thin shell which is Rayleigh-Taylor (RT) unstable. RT fingers

are visible at t = 4.02 and 4.07 Myrs in Fig. 2.8 and at t =4.02 and t =4.06 Myrs

in Fig. 2.9. These are short lived, lasting approximately 0.04 Myrs. The most

massive star remains in the RSG phase for 0.1 Myrs, at which point the RSG-

enhanced cluster wind has expanded to a typical radius of ∼ 5 pc.

The most massive star then evolves into a Wolf Rayet star, with a mass-loss

rate of 2×10−5 M⊙ yr−1 and a wind speed of 2000km s−1. This change results in a

much faster and more powerful cluster wind. The total kinetic power of the cluster

wind increases by nearly two orders of magnitude to 2.59 × 1037 ergs s−1. This

transition occurs at t = 4.1 Myrs and can be seen in the middle rows of Fig. 2.8

and Fig. 2.9. The more powerful cluster wind forcefully pushes back the dense

RSG material to beyond the position of the reverse shock during the previous

MS phase. The typical radius of the reverse shock increases from about 5 pc at

t = 4.14 Myrs to ≈ 8 pc at t = 4.4 Myrs (see third row of Fig. 2.8). The shocked

cluster wind is ≈ 103 times hotter than was the case when the cluster wind was

“RSG-enhanced”. Hot gas pervades almost completely the computational volume

by t = 4.15 Myrs (see Fig. 2.9).
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Figure 2.8: Density slices from SimA in the xy-plane during the RSG, WR and
SN stages of the highest mass star. This star transitions from the MS to the
RSG stage at t = 4.0 Myrs (top middle panel), from the RSG to the WR stage
at t = 4.1Myrs (second middle panel), and explodes at t = 4.4 Myrs (bottom left
panel). The other two stars remain on the MS during this time. The density
scale is shown in the top left panel.
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Figure 2.9: Temperature slices from SimA in the xy-plane during the RSG, WR
and SN stages for the highest mass star. The first panel corresponds to just after
this star has become a RSG. The star transitions to a WR star at t = 4.1 Myrs
(left panel middle row) and explodes as a SN at t = 4.4 Myrs (left panel bottom
row). The other stars remain on the MS during this time. The temperature scale
is shown in the left panels.
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2.3.3.2 Impact of the first supernova explosion

After 4.4 Myrs of evolution the most massive star explodes as a supernova (see

the bottom rows of Figs. 2.8 and 2.9), adding 10 M⊙ of ejecta and 1051 ergs of

energy into the surroundings. The SN ejecta sweeps up the WR-dominated cluster

wind into a thick shell, which propagates at high speed through the lower density

regions surrounding the explosion, heating the gas to very high temperatures. The

forward shock has already propagated off the grid by the time of the snapshot

in the bottom left panel of Fig. 2.8. The highly aspherical reverse shock seen in

this panel is caused by the forward shock reflecting off dense clumps of gas in the

simulation. The reverse shock then moves inwards towards the central cluster and

nearly overwhelms the MS-dominated cluster wind from the remaining two stars

(bottom middle panel of Fig. 2.8), which is seen sweeping up the cold SN ejecta

in the bottom left panel. The reverse shock of the cluster wind is forced back to

a radius of ≈ 0.9 pc by t = 4.42 Myrs, but slowly begins to expand to ≈ 1.5 pc by

t = 4.47 Myrs as the pressure within the supernova remnant diminishes. One of

the main effects of the SN is to fill the low-density wind-carved channels through

the GMC clump with denser material which the cluster wind must again clear.

The very densest fragments left over from the original GMC clump are not only

resistant to ablation from the cluster wind, but also are affected very little by the

propagation of the SN shockwave.

The top panel of Fig. 2.10 shows the temperature of the gas in the simulation

during the 5000 years after the most massive star goes supernova. The green

dashed line shows the state just before the supernova explosion, and the thick,

red, solid line corresponds to just afterwards. The maximum temperature on the
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grid jumps by a factor of 4 in the first 100 years (from ∼ 108 to ∼ 4× 108 K) and

the amount of material between 107−108 K increases from about 1 M⊙ to 10 M⊙.

The maximum temperature continues to increase up to 109 K as the shockwave

propagates through the cloud. Gas with T . 100 K responds more slowly to the

SN explosion, but it is clear that some of it is heated to T ≈ 104 K by the passage

of the shock wave. A significant proportion of the coldest gas with T . 10 K is

hardly affected, however. This very cold gas is situated in the very densest regions

of the remaining GMC clump. As the shockwave passes through the simulation,

the less dense material surrounding these regions is heated and ionized, but the

densest parts are relatively untouched. This is because the transmitted shock

speed through the densest clumps is as low as a few 10’s of km s−1, and the gas

cools back to its original pre-shock temperature on timescales as short as a few

10’s of yrs. More typical cooling times are 103 yrs or so, but it is clear that

the transmitted shocks into the densest clumps are highly radiative (the crossing

time of the transmitted shocks through these fragments is ∼ 104 yrs). The strong

cooling of this gas is responsible for the rapid rise in the H2 mass following its

initial drop after each SN explosion (see Sec. 2.3.7). The SN ejecta first begins

to leave the grid approximately 4000 years after the explosion.

The middle panel of Fig. 2.10 shows the pressure (p/k) during this time. Af-

ter the SN explosion the pressure increases by four orders of magnitude from

108 − 1012 K cm−3. The maximum pressure then slowly decreases as the remnant

expands adiabatically. By t = 4.4046 Myrs (black double-dashed line) the maxi-

mum pressure on the grid is back to ≈ 108 K cm−3, but now there is ≈ 860 M⊙ of

material at 107 ≤ p/k ≤ 108 K cm−3, compared to the 0.02 M⊙ of gas in this pres-

sure range prior to the SN. 50, 000 yrs after the SN explosion the net effect is a shift
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Figure 2.10: Histogram of the gas temperature (top), pressure (middle), and
velocity (bottom) during the first supernova explosion. In each panel the solid
red line corresponds to a time just after the explosion occurs.

in gas from lower (103 . p/k . 106 K cm−3) to higher (106 . p/k . 108 K cm−3)

pressure.

The maximum gas velocity also increases rapidly in the first 100 years after the

supernova explosion, as shown in the bottom panel of Fig. 2.10. The maximum

gas velocity increases from 2000 km s−1 to 10, 000 km s−1 as the hot, high pressure

ejecta starts its expansion. Over the next 5000 yrs the maximum velocity drops
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to ≈ 5000 km s−1 and there is significantly more mass with v ≥ 100 km s−1 than

was the case pre-SN. The majority of the gas continues to have a velocity of

∼ 1−10 km s−1, however, which highlights the weak coupling of the SN explosion

to the densest parts of the surrounding gas.

2.3.3.3 Response due to the evolution of the 32M⊙ and 28M⊙ stars

0.1 Myrs after the explosion of the most massive star, the 32 M⊙ star evolves off

the MS and onto the RSG branch (see Table 2.1), decreasing the kinetic power

of the cluster wind still further to 2.7 × 1035 ergs s−1. This star follows the same

post-MS evolution as the most massive star, and blows a dense slow moving RSG

wind followed by a high momentum WR wind before finally exploding. The SN

explosion again imparts 10 M⊙ of material and 1051 ergs s−1 of energy into the

surroundings. After a further 0.1 Myrs the lowest mass (and only remaining) star

considered in our model evolves onto the RSG branch, reducing the kinetic power

of the cluster wind to 7.9 × 1034 ergs s−1. This star explodes as a supernova at

t = 5.4 Myrs. At this moment there are no wind-blowing stars remaining in our

model, and the ambient and enriched gas gradually disperses and flows off the

grid boundaries.

2.3.4 Wind Velocity

Fig. 2.11 shows four density snapshots during the various evolutionary phases of

the cluster overlaid with velocity vectors. The top two panels are both from the

MS phase - the former during the initial blowout and the latter shortly before the

most massive star transitions to its RSG phase. At t = 0.32 Myrs (top left panel

in Fig. 2.11) there is relatively fast moving gas streaming through the low density
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channels, with much slower, denser gas elsewhere, most of which is relatively

undisturbed and almost stationary. Gas at intermediate densities which is slowly

moving away from the stellar cluster is likely material which has been ablated

from the denser parts of the GMC clump. At t = 3.99 Myrs (top right panel) the

winds have evacuated a large region in the centre of the original GMC clump and

the freely expanding wind is now approximately spherical. Wind material is still

clearly flowing fastest through the existing channels. The t =4.09 Myrs snapshot

(bottom left panel) corresponds to a time shortly before the most massive star

evolves from a RSG to a WR star. The RSG wind is a lot slower, and the

panel shows a favourable expansion towards the left side of the cluster where

confinement by dense surrounding clouds is a minimum. The bottom right panel

of Fig. 2.11 shows the cluster once the most massive star has evolved to become

a WR star and shortly before the first supernova. The high momentum WR

wind has evacuated a large region of gas around the star and the reverse shock

has expanded out to a large radius. This panel nicely illustrates how the fastest

moving material is confined to the pre-shock wind and the low density channels.

2.3.5 Mass and energy fluxes into the wider environment

The top left panel in Fig. 2.12 shows the total mass flux off the grid as a function

of time. The mass flux is zero until the first blowouts reach the edge of the grid

and then steadily increases up until t ≈ 0.4 Myrs as various shells of swept up

material reach the outer boundary of the simulation. The material behind the

shells is less dense, and therefore the mass flux declines as the shells leave the
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Figure 2.11: Density in the xy plane at t= 0.32, 3.99, 4.09 and 4.39 Myrs
with velocity vectors overlaid. The largest arrows correspond to a velocity of
2000 km s−1.

grid. The mass flux stabilizes at t ≈ 1.15 Myrs and then begins a slow, almost

linear, increase from 1.6 × 10−4 M⊙ yr−1, reaching nearly 3 × 10−4 M⊙ yr−1 at

t = 4.0 Myrs. In comparison, the mass-loss rates of the three stars during the

MS is 5 × 10−7, 2.5 × 10−7 and 1.5 × 10−7 M⊙ yr−1 for the 35 M⊙, 32 M⊙ and

28 M⊙ stars, respectively, giving a cluster mass-loss rate of 9 × 10−7 M⊙ yr−1.
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Figure 2.12: Total mass and energy fluxes off the grid as a function of time.
[Top left]: Total mass flux off the grid as a function of time. [Top right]: Energy
flux off the grid as a function of time across the entire simulation. [Bottom left]:
Energy flux off the grid focused on the first SN explosion. The different step sizes
are caused by a change in the cadence of the dump files analyzed, and do not
reflect the simulation timestep which is much smaller. [Bottom right]: Energy
flux off the grid split into the components from MS (red solid line), RSG (green
dashed line) and WR (dotted blue line) material.

This indicates that the cluster wind is “mass-loaded”1 by factors of 200− 300 as

it streams through the molecular material in the GMC clump, and that less than

1 per cent of the material leaving the grid during this period originated in the

stellar winds.

There is a slight decrease in the mass flux off the grid between t = 4.0 and

4.1 Myrs, during the RSG stage of the highest mass star in which the flow de-

pressurizes. This is followed by an increase in the mass flux to ≈ 7×10−4 M⊙ yr−1

1Although the term “mass-loaded” is used here, the molecular material ablated by the
cluster wind is not fully mixed into the flow by the time that it leaves the grid. Since distinct
phases are still identifiable, “mass entrainment” may be a more appropriate term.
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during the subsequent WR stage. This represents a “mass-loading” factor 35×

the mass-loss rate of the cluster wind during this period (2.04 × 10−5 M⊙ yr−1).

Therefore, only 3 per cent of the material leaving the grid is from the stellar winds.

The mass flux jumps to 2.5 × 10−3 M⊙ yr−1 following the first SN explosion, and

peaks at 3.9 × 10−3 M⊙ yr−1 following each of the second and third explosions.

In between the SN explosions, the mass flux peaks at 2.0 × 10−3 M⊙ yr−1 at

t = 5.31 Myrs. Clearly the WR winds and SN explosions act to speed up the rate

at which molecular material is cleared from the cluster surroundings.

The top right panel of Fig. 2.12 shows the total energy flux off the grid as a

function of time. The energy flux increases from zero at the time when the shell

first encounters the grid boundary, to ≈ 8.5 × 1035 ergs s−1 at t = 1 Myrs, with a

gradual and linear decline to 7.5× 1035 ergs s−1 at t = 4 Myrs. The linear decline

correlates with the gradual increase in the ablation rate during this period. These

values for the energy flux compare to the total kinetic power of the cluster wind

of 1.14 × 1036 ergs s−1. It is clear, therefore, that the shocked cluster wind is

largely adiabatic, but that nevertheless about one quarter to one third of the

injected wind power is lost to radiative processes. It is interesting to note that

Bruhweiler et al. (2010) invoke substantial radiative losses due to the turbulent

interaction of stellar winds with inhomogeneous surroundings in order to explain

their observations of the Rosette Nebula.

The combined energy input by the 3 O-stars during the first 4 Myrs is 1.44×

1050 ergs. When the most massive star evolves to the RSG phase there is a de-

crease in the kinetic power of the cluster wind to 5.87 × 1035 ergs s−1, and this is

reflected in a corresponding decrease in the energy flux off the grid, which, how-

ever, drops below this value. This “overshoot” is likely due to some combination
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of enhanced cooling in the denser cluster wind and possible overstable behaviour

of the flow. The energy flux off the grid increases by two orders of magnitude to

1.8×1037 ergs s−1 when the most massive star has evolved to a WR star. Compar-

ing to the kinetic power of the cluster wind at this time (2.59× 1037 ergs s−1), we

find that radiative losses are again about 30 per cent. The combined energy input

by the WR star and the 2 remaining O-stars during the period 4.1 − 4.4 Myrs is

2.46 × 1050 ergs. Altogether, the most massive star injects ≈ 3.9 × 1050 ergs of

energy via its wind during its lifetime, and about 70 per cent of this escapes to

large distances.

The bottom left panel of Fig. 2.12 shows the total energy flux off the grid

around the time of the first SN explosion which occurs at t = 4.4 Myrs. The

energy flux rises steeply as the blast shock propagates off the grid, and peaks

at ≈ 5 × 1039 ergs s−1 about 5000 yr after the explosion. Thereafter the energy

flux steadily decreases. The integrated energy off the grid during this time reveals

that greater than 99 per cent of the SN energy flows off the grid, and less than 0.5

per cent is radiated. Clearly the SN energy propagates through the environment

relatively unimpeded by the dense clumps.

The subsequent energy flux from the grid is dominated by the WR stages

from the two lower mass stars and their subsequent explosions, and drops below

1035 ergs s−1 as relic hot gas expands and dissipates.

The bottom right panel of Fig. 2.12 shows the proportion of the energy flux

off the grid from each of the three evolutionary stellar phases. The solid red line

shows the contribution from the MS wind, the green dashed line shows the RSG

contribution and the blue dotted line represents the energy flowing off the grid

contained in the WR wind. For the first 4 Myrs all three of the stars are on the MS,
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and therefore all of the energy leaving the grid is contained within MS material.

When the most massive star evolves to a RSG at t = 4.0 Myrs the MS contribution

dips. However, although there is a small amount of energy leaving the grid

from RSG material, this is very limited at approximately 5×1031 ergs s−1. When

the star evolves further to the WR phase, the energy flux off the grid contains

components from all three phases as remnant MS and RSG material is swept

from the grid. The energy contained within the WR material dominates after this

initial expulsion. The first SN has a similar effect, expelling a material from all

three phases, with energy contained within the WR material dominating. These

same trends are observed throughout the evolution of the other two stars. At

t = 5.0 Myrs the only remaining star evolves onto the RSG branch, and therefore

there is no longer any MS material being generated. From this point there is

still energy leaving the grid which is contained in remnant MS material, but the

quantity declines rapidly. The same is true for RSG material after t = 5.1 Myrs

and WR material after t = 5.4 Myrs. By t = 5.8 Myrs there is negligible energy

leaving the grid contained within MS material, and although the energy contained

within RSG and WR material is declining, the simulation ends before it is all

expelled completely.

2.3.6 Evolution of column densities

Fig. 2.13 shows the time evolution of the average column density, N̄H, from the

centre of the cluster. This is calculated over 104 individual sight lines spaced

equally in solid angle and traced out to the edge of the grid. The column density

is greatest at t = 0, but diminishes with time as the stellar winds push the clump
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Figure 2.13: The evolution of the average column density from the centre of
the cluster throughout the simulation.

material away from the cluster (some of this decrease is also due to material

leaving the grid). A factor of 100 reduction from an initial value of ≈ 4×1021 cm−2

occurs by 4 Myrs. Then, as the most massive star enters its RSG stage, N̄H

increases by over 1 dex to nearly 1021 cm−2. This increase is short-lived however,

because the density of the cluster wind drops significantly once the most massive

star enters its WR stage. Immediately prior to the first SN explosion, N̄H ≈

2 × 1019 cm−2. The 10 M⊙ of ejecta from the explosion momentarily increases

the average column density to more than 1021 cm−2, but this rise is extremely

short-lived and less than a few hundred years in duration. N̄H then gradually

increases as the cluster wind again begins to fill the nearby environment with

mass, especially once the second most massive star enters its RSG stage. Similar

behaviour in the evolution of N̄H then occurs as the remaining massive stars

evolve in turn through their various wind and SN stages.

Fig. 2.14 shows histograms of the column density distribution at specific times

in the simulation. At t = 0 yr, columns up to ≈ 1023 cm−2 exist for sightlines

through the densest parts of the initial GMC clump, but a very small fraction of

Chapter2/Chapter2Figs/EPS/columndensity.eps


79

Figure 2.14: The evolution of the average column density from the centre of
the cluster. From left to right and top to bottom the plots are at times t = 0,
t = 3.99, t = 4.02, t = 4.39, t = 4.40000 and t = 4.40110 Myrs. The numerical
value in each panel notes the value of log10 NH at which 50 per cent of the sky
has a smaller or larger column.

sightlines from the cluster experience column densities as low as 1020 cm−2. At

t = 3.99 Myrs (see top right panel in Fig. 2.14 and middle left panel in Fig. 2.15),

the distribution of column densities is much broader, with those passing through

dense and relatively nearby regions having column densities up to 1022 cm−2 and

those passing through the lowest density material having NH ≈ 1017 cm−2. It

is interesting to see how the distribution has changed shape by t = 4.02 Myrs,

once the most massive star has entered its RSG stage (see middle left panel in

Fig. 2.14 and middle right panel in Fig. 2.15). The RSG-enhanced cluster wind

Chapter2/Chapter2Figs/EPS/000_fraction.eps
Chapter2/Chapter2Figs/EPS/126_fraction.eps
Chapter2/Chapter2Figs/EPS/127_fraction.eps
Chapter2/Chapter2Figs/EPS/145_fraction.eps
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“fills in” all of the low column density sightlines so that the minimum value

is now NH ≈ 3 × 1020 cm−2. The impact of the WR-enhanced cluster wind is

seen at t = 4.39 Myrs (see middle right panel in Fig. 2.14 and bottom left panel

in Fig. 2.15). The higher speed and reduced density of the cluster wind now

reduces the low column density sightlines to ≈ 1018 cm−2. The column density

distribution at a time just after the first SN explosion is shown at t = 4.40000 Myrs

(bottom left panel in Fig. 2.14). The relatively dense ejecta causes the minimum

value of NH to rise to ≈ 1021 cm−2, yet this drops to just 1019 cm−2 1100 yrs later

(bottom right panel in Fig. 2.14).

Fig. 2.15 shows Hammer projections of the column density at specific times.

The directions with the highest (lowest) initial column density maintain their

positions throughout the simulation. It is clear that the regions of highest column

density become increasingly “porous” and “shredded” by the action of the cluster

wind and supernovae. The “filling in” of the column density during the time of

the RSG-enhanced cluster wind (t = 4.02 Myrs in Fig. 2.15) is readily apparent.

Though photoionization is not included in this work, it is interesting to es-

timate the fraction of ionizing photons which could escape to large distances.

The integral of 4πr2αBn2
edr, where r is the radial distance to the stellar cluster,

ne is the electron number density, αB is the case B recombination coefficient, is

evaluated along each sightline. Where it exceeds Ṡcl, the rate of ionizing pho-

tons from the stellar cluster, the ionization front is trapped on the grid in that

direction. Fig. 2.16 shows the result of this calculation. Initially the ionization

front is almost completely trapped within the GMC clump surrounding the stellar

cluster, with less than 1 per cent of ionizing photons escaping (as indicated by

the red colour). However, by t = 0.95 Myrs, the stellar winds have sufficiently
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Figure 2.15: Hammer projections of the column density at specific times.
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Figure 2.16: Hammer projections of the position of the ionization front at spe-
cific times. Red (blue) corresponds to the ionization front being outside (within)
the grid in that direction, and identifies the directions where ionizing photons
escape to large distances.

Chapter2/Chapter2Figs/EPS/hammer_esc_000.eps
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cleared away dense molecular and atomic material that about 40 per cent of the

ionizing radiation escapes. This increases to nearly 60 per cent by t = 3.99 Myrs.

The RSG-enhanced cluster wind is then sufficiently dense to completely prevent

any ionizing radiation escaping to large distances. Once the lower density WR-

enhanced cluster wind clears the RSG dominated material off the grid the escape

fraction increases once more, reaching nearly 65 per cent just prior to the first

SN explosion and 75 per cent at t = 4.94 Myrs.

Recently, Pellegrini et al. (2012) determined that the mean, luminosity weighted,

escape fraction of ionizing photons from the HII region population in the LMC

and SMC is & 0.42 and & 0.40, respectively. The results in this Chapter are

consistent with these values, and similar values from Reines et al. (2008), but a

more rigorous and detailed analysis of the photoionization beyond this work is

necessary.

2.3.7 Comparison of SimA and SimB and evolution of the

molecular mass

Fig. 2.17 shows the initial destruction of the GMC clump for SimA and SimB.

The higher density clump and increased clump radius in SimB inevitably delays

the blowout and subsequent expansion of the cluster wind. However, the nature

of the interaction is broadly similar, and the same general features are seen as the

cluster wind percolates through the “porous” molecular environment, including

the formation of fast-flowing low-density channels.

The mass flux off the grid from SimB behaves qualitatively similarly to that

from SimA, although the exact values are a little higher. There is again a broad
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Figure 2.17: Comparison of the initial expansion of the cluster wind in the
xy-plane. [Left]: Sim A and [Right]: Sim B. Sim B has a higher ambient density
and a larger clump radius than Sim A. The density scales for each simulation are
shown in the top panels.
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peak caused by the initial encounter of the shell with the boundaries, in which

the mass flux off the grid peaks at a rate of 4.6× 10−4 M⊙ yr−1 at t = 0.67 Myrs.

The mass flux declines to a minimum of 2.9× 10−4 M⊙ yr−1 at t ≈ 1.6 Myrs, and

then increases roughly linearly with time to reach a value of 7× 10−4 M⊙ yr−1 at

t = 4 Myrs. The latter indicates a “mass-loading” factor of nearly 1000. The mass

flux increases to 1.6 × 10−3 M⊙ yr−1 during the first WR stage, a mass-loading

factor of nearly 80. A peak mass flux of 4.3 × 10−3 M⊙ yr−1 is attained following

the first SN explosion, with peaks at 7 and 8×10−3 M⊙ yr−1 following the second

and third explosions respectively.

The energy flux off the grid from SimB peaks at ≈ 7.4 × 1035 ergs s−1 at

t = 1.5 Myrs, followed by a gradual decline to a roughly constant rate of ≈

6.4 × 1035 ergs s−1 between t = 2.5 − 4 Myrs. During this latter period, nearly

half of the cluster wind power is radiated. The energy flux plateau’s at about

1.45×1037 ergs s−1 during the first WR stage (indicating that again nearly half of

the input energy is being radiated), but similar values are reached only towards

the very end of the other two WR stages.

The evolution of the total H2 mass throughout the simulation volume for both

SimA and SimB is shown in Fig. 2.18 (see the bottom panel of Fig. 2.1 for the

ionization fraction of hydrogen with respect to the temperature). Due to the

larger clump radius and higher density, SimB has approximately three times the

initial H2 mass as SimA. At very early times during the initial blowout the H2

mass decreases by ≈ 10% as molecular gas at relatively low densities is cleared

out of the GMC clump. Both simulations then show the same general trend of

steady H2 depletion during the MS phase of the cluster wind. SimA loses H2 mass

at a rate of 1.74×10−4 M⊙ yr−1 between t = 1−4 Myrs. Since this is comparable
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to the mass flux off the grid during this time it further reinforces the point that

most of the mass streaming into the wider environment was originally molecular

material.

The evolution of the H2 mass becomes more exciting when the stars undergo

evolutionary transitions. There are slight rises during periods when the cluster

wind is dominated by RSG mass-loss, and more significant decreases during WR

dominated periods when the molecular material is ablated at a much faster rate.

But most dramatic of all is the response of the H2 gas to a supernova explosion.

Immediately after an explosion, the H2 mass undergoes a rapid and steep decline

which is quickly followed by a recovery to a similar or higher value than the pre-SN

H2 mass. The depletion of H2 at this time is caused by its conversion to neutral

and ionized hydrogen as it is heated by the SN shockwave which propagates

relatively slowly through such dense molecular material. Note that it is not due

to the H2 gas being expelled from the grid. Once the shockwave has passed the

densest shocked (neutral and atomic) gas cools and reverts quickly to its previous

molecular state, resulting in the replenishment of the H2 mass seen in Fig. 2.18.

The overshoot of the H2 mass relative to its pre-SN value is likely a result of the

higher gas pressure which now exists within the cluster environment, and which

allows some of the originally atomic hydrogen to become molecular. There are

clear implications here for triggered star formation, such as might occur in the

pillar in NGC 6357 (Cappa et al., 2011). The mass of molecular gas resumes its

decline once the next most massive star in the cluster enters its WR stage.

Since most of each SN’s energy escapes along the low density channels through

the remains of the GMC clump (see Sec. 2.3.5), the SNe couple very weakly to

the densest, low volume filling factor, gas. Hence the very densest regions are
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Figure 2.18: Mass of H2 contained within the full computational volume of
SimA (solid red line) and SimB (dotted green line).

Figure 2.19: Mass of H2 contained within the initial GMC clump radius of
SimA (4 pc, solid red line) and SimB (5 pc, dotted green line).

relatively immune to the effects of the supernovae (see also Figs. 2.8 and 2.9).

Indeed, Fig. 2.18 shows that overall, the supernova shocks actually increase the

amount of molecular material in the cluster environment. This rather unexpected

result demonstrates that the inhomogeneity of the environment, the density range

of the gas, and its effective porosity, are key considerations in understanding

massive star feedback. This picture also differs substantially from the many

models of mass-loaded supernova remnants in the literature which envisage the

complete mixing of material injected into the remant from embedded clumps (e.g.

Chapter2/Chapter2Figs/EPS/hmassstats_total.eps
Chapter2/Chapter2Figs/EPS/hmassstats_rclump.eps
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Dyson et al., 2002; Pittard et al., 2003; White & Long, 1991).

The last supernova occurs at t = 5.4 Myrs, after which there is ≈ 470 M⊙

(14.4% of the original mass) of H2 remaining in SimA and ≈ 3100 M⊙ (29.8% of

the original mass) in SimB.

Fig. 2.19 shows the mass of H2 contained within the initial clump radius (4 and

5 pc for SimA and SimB respectively). The depletion of H2 is much more rapid

within this radius as the cluster wind not only ablates but also pushes molecular

material away from the stars. By the time the lowest mass star explodes there

is very little H2 present within the original volume of the GMC clump in either

simulation (< 0.1 per cent of the original mass for SimA). The features due to

the evolution of the stars shown in Fig. 2.18 are apparent here also, although to

a lesser degree.

2.4 Conclusion

This paper investigates the effects of massive star feedback, via stellar winds

and supernovae, on the inhomogeneous molecular environment left over from the

formation of a stellar cluster from a GMC clump. The remains of the GMC

clump confines and shapes the initial structure of the expanding wind-blown

bubble, which breaks out of the clump along paths of least resistance. Hot, high

speed gas flows away from the cluster through low-density channels opened up

by these blow-outs. Mass is loaded into these flows from the ablation of dense

clumps embedded within them and from material stripped from the dense gas

which confines and directs the flows. This complex interaction of the cluster

wind with its environment is far removed from the results of simple spherically
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symmetric models. Increasing the density (by a factor of two) and the radius (by

25 per cent) of the cluster-forming GMC clump does not significantly affect this

qualitative picture.

The density, temperature, pressure and velocity of gas in the cluster environ-

ment all span many orders of magnitude. The hottest gas typically occurs at the

reverse shock of the cluster wind, and cools as it expands away from the cluster

and mixes in with denser surrounding material. A multitude of weaker shocks ex-

ist around dense inhomogeneities entrained into gas flowing at mildly supersonic

speeds. In addition, gas within the cluster environment is subject to changes of

several orders of magnitude in the dynamic pressure as the stars in the cluster

evolve through their MS, RSG and WR stages, and explode as supernovae.

The simulations presented in this Chapter show how molecular material is

gradually ablated by the cluster wind and pushed away from the stellar cluster.

Despite mass-loading or entrainment factors of several hundreds during the MS

phase of the cluster wind, and several tens during the later WR-dominated phase,

the destruction and sweeping up of molecular material is a relatively slow process,

and a substantial amount of molecular mass remains when the first star explodes

as a SN. These simulations imply that the shocks resulting from SN explosions

couple very weakly to the molecular gas, due to its small volume filling fraction,

and the ease with which the energy from the SN can “by-pass” it. The high

porosity of the GMC clump at this stage allows the SN blast to rip through the

cluster in a largely unimpeded fashion, with the forward shock refracting around

dense inhomogeneities. The early evolution of the remnant is markedly different

from the standard spherically symmetric picture. Although the SN shock destroys

molecular material which it overruns, the cooling times of the densest regions are
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very short and allow molecular material to quickly reform. At least in these

simulations, the stellar winds appear to be a more effective agent at removing

molecular material from the cluster environment, despite injecting less energy

than the SNe.

Examination of the energy flux off the hydrodynamic grid reveals that be-

tween one quarter and one half of the energy injected by the stellar winds is

radiated away, with the remaining energy available to do work on the immediate

surroundings. In comparison, more than 99 per cent of the energy from each

SN explosion escapes into the wider environment. These fractions are clearly

dependent on the initial conditions of the model. In particular, the limited study

performed suggests that the fractions of energy radiated away will increase for

denser cluster environments, and vice-versa.

The fraction of ionizing photons which escape the cluster environment is also

investigated. This increases from less than 1 per cent at the start of the simula-

tion, to 40 per cent when the cluster is 1 Myrs old, and to 60 per cent after 4 Myrs.

The escape fraction momentarily reduces when the cluster wind is RSG domi-

nated, but the overall trend is of an increasing escape fraction as dense material

is pushed away from the cluster.



Chapter 3

X-ray Emission from a Massive

Young Stellar Cluster

3.1 Introduction

Early studies indicated that the detection of diffuse X-ray emission in stellar

clusters required the presence of stars earlier than O6 (Townsley et al., 2003),

although an exception, the O7-powered Hourglass nebula (Rauw et al., 2002),

was known. Ezoe et al. (2006b) have since discovered diffuse X-ray emission from

NGC 2024 (the Flame nebula), which contains only late O- to early B-type stars.

On the other hand, it is curious that diffuse X-ray emission has yet to be detected

from some very massive stellar clusters where very early O-type stars are present,

such as Trumpler 16 (Wolk et al., 2011).

Other work has indicated that the temperature of the diffuse plasma may be

correlated with how embedded it is, as measured by the column density (Ezoe

et al., 2006a). Clusters with high temperature plasma appear to have NH >
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5 × 1021 cm−2, while clusters with cooler plasma have less absorption. Wolk

et al. (2008) suggest that while the stellar winds are bottled up the shocked gas

remains maximally heated, but leakage and the resulting adiabatic cooling of the

gas causes the gas temperature to drop.

Unfortunately, past comparisons of X-ray observations with theory have had

mixed success. Many works on MSFRs simply compare the observed X-ray lumi-

nosity against the mechanical wind power of the stars, or the thermal energy of

the plasma against an estimate of the time-integrated energy input of the winds

(e.g. Ezoe et al., 2006b; Güdel et al., 2008; Townsley et al., 2003). The efficiency

of the conversion of mechanical energy to radiation is then found to range from

10−4 to 0.1. This, and the estimated mass of the X-ray emitting gas, indicates

that in many cases the winds are not completely confined and that hot plasma

must flow into the wider environment. This conclusion is reinforced by the fact

that the application of completely confined wind-blown-bubble models often leads

to a significant overprediction of the X-ray luminosity (e.g. Dunne et al., 2003;

Harper-Clark & Murray, 2009; Rauw et al., 2002).

Other works have compared the X-ray luminosity and the surface brightness

profile of the diffuse emission to the predictions of cluster-wind models. In their

analysis of the Arches and Quintuplet clusters, Wang et al. (2006) found that the

radial intensity profiles of the diffuse emission were more extended than theoret-

ical predictions. Muno et al. (2006) found that the observed surface brightness

profile of the diffuse X-ray emission from Westerlund 1 was approximately con-

stant between radii of 2-5 arcmin (3-7 pc). This “broad halo” is also inconsistent

with theory.

The Harper-Clark & Murray (2009) model discussed in Section 1.2.1.3, which
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incorporated breaks in the bubble shell through which some of the high-pressure

gas in the bubble interior can leak is more consistent with observations. The

model predicts a lower pressure within the bubble interior than the Castor et al.

model, as the wind material is not completely confined, and also a lower X-ray

luminosity. However, since the covering fraction of the shell is a free parameter

this model suffers from a lack of predictive power.

It has also become clear that the diffuse emission from MSFRs often contains

emission lines that are not well matched by standard thermal plasma models.

These lines may instead result from the process of charge exchange at the inter-

faces between cold, dense material and the hot, tenuous, X-ray emitting plasma

(Townsley et al., 2011). Such interfaces occur at large-scale boundaries between

hot and cold structures, and also at the boundaries of much smaller scale clouds

which may be the remains of the natal molecular cloud. These latter clouds may

often occur throughout much of the core volumes of clusters and their immediate

surroundings. As well as affecting the emission of such regions, their presence

may also affect the dynamics of the region, for instance by “mass-loading” diffuse

flows (see the review in Pittard, 2007).

Given the challenges of interpreting such complex environments as MSFRs,

and the highly idealized models of most theoretical and modelling work, in this

Chapter the hydrodynamical models of stellar wind and supernova feedback in

an inhomogeneous environment outlined in Chapter 2 and in (Rogers & Pittard,

2013) are used as a basis to simulate the resulting X-ray emission from such

regions. Of great interest are the X-ray luminosity and spectrum, and their tem-

poral variation as the stars in the simulation cycle through various evolutionary

stages, including main sequence, red supergiant, Wolf-Rayet and supernova. In
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Section. 3.2 the details of the model and the method of calculating the X-ray

emission and absorption are discussed. The results are presented in Section. 3.3.

Comparisons to numerical models and observations are made in Sections. 3.4

and 3.5 respectively. Section. 3.6 summarises and concludes this Chapter.

3.2 Simulations

3.2.1 The Numerical Model

The X-ray calculations in this Chapter are based on the 3D hydrodynamical

model described in Rogers & Pittard (2013) and discussed in detail in Chapter 2.

The simulations consist of three massive O stars which represent the main sources

of mechanical feedback in a massive star forming region contained within an inho-

mogeneous GMC clump. The evolution of the three stars is treated simplistically

as three distinct phases - the Main Sequence (MS), Red Supergiant (RSG) and

Wolf-Rayet (WR) phases. The details of the stellar cluster are summarized in

Table 2.1. At the end of the Wolf-Rayet phase the stars explode imparting 10 M⊙

of material and 1051 ergs of thermal energy into the environment. The lifespans

of the stars are designed in such a way so that there are three distinct supernova

explosions over the course of the simulation.

The simulation utilizes a temperature dependent average particle mass, and

molecular, atomic and ionized phases are tracked separately. The net heat-

ing/cooling rate per unit volume is parameterized as ė = nΓ − n2Λ, where

n = ρ/mH, and Γ and Λ are heating and cooling coefficients which are assumed

to depend only on temperature. Photoevaporation is not treated in these simula-
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tions. However, as the photoevaporation time for a clump of these characteristics

is comparable to the lifetime from ablation this should not significantly affect the

results.

The simulations in Chapter 2 showed that the inhomogeneous structure of

the natal GMC cloud surrounding the cluster had an important effect on the

initial expansion of the cluster wind, which cut channels through the low density

material to escape the clump. The regions of high density within the initial clump

proved to be surprisingly resistant to ablation from the cluster wind, and at later

times the shockwaves of the SNRs.

3.2.2 Modelling the X-ray Emission and Absorption

To calculate the X-ray emission the results from the hydrodynamical model are

read into a radiative transfer ray-tracing code, and the appropriate emission and

absorption coefficients are calculated for each cell using the temperature and

density values. A synthetic image on the plane of the sky is then generated

by solving the radiative transfer equation along suitable lines of sight through

the grid. Solar abundances and collisional ionization equilibrium are assumed

throughout this Chapter. The emissivity is stored in look-up tables containing

200 logarithmic energy bins between 0.1 and 10 keV, and 91 logarithmic tem-

perature bins between 104 and 109 K. Line emission dominates the emissivity at

temperatures below 107 K, with thermal bremsstrahlung dominating at higher

temperatures. The present calculations also have an interstellar absorption col-

umn (NH = 1021 cm−2) added to them, and each model is assumed to be at a

distance of 1 kpc from an observer.
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The energy bins are split into three energy bands which represent the soft,

medium and hard X-ray components of the spectra. The soft X-ray regime runs

from 0.1–0.5 keV, the medium runs from 0.5–2.5 keV and the hard X-rays run from

2.5–10.0 keV. These regions will be referred to as BB1, BB2 and BB3 respectively

throughout this Chapter.

3.3 Results

3.3.1 The Main Sequence Phase

The X-ray lightcurve for the cluster throughout the simulation is shown in the top

panel of Fig. 3.1. The initial observable luminosity of the cluster is LX ∼ 7×1031 ergs s−1.

Over the next 0.7 Myrs this luminosity decreases by a factor of 10 to approxi-

mately LX ∼ 9×1030 ergs s−1, at which point it remains fairly constant for the

duration of the MS of the cluster. Initially the X-ray luminosity is high as the

cluster wind blown bubble is confined within the GMC clump. However, as the

wind blows out of the low density regions of the clump, hot gas escapes from

the centre, as described by the “leaky bubble” model of Harper-Clark & Murray

(2009) and Chapter 2. The reduced pressure within the bubble caused by this

leakage results in a lower X-ray luminosity.

Fig. 3.2 shows simulated X-ray images of the cluster at time t = 0.13 Myrs,

where extended bubbles to either side indicate that some of the hot wind ma-

terial is leaking from the GMC clump. However, it is clear that there is still

partial confinement by the inhomogeneous GMC clump since the images are not

spherically symmetric. At this time all three stars are on the MS (see Table 2.1
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Figure 3.1: The X-ray lightcurve for the cluster over the course of the simula-
tion. a) Shows the total intrinsic luminosity produced by the cluster (solid red
line) compared with the observable luminosity after attenuation (dotted green
line). b) Shows the attenuated luminosity in all three energy bands defined in
Sec 3.2.2. The solid red line shows the soft X-rays in BB1, the green dashed line
shows the medium X-rays in BB2 and the blue dotted line shows the hard X-rays
in BB3.

for the stellar properties). The left and middle panels show images of the soft

and medium energy X-rays produced at this time, whilst the right panel shows

the hard X-rays. The emission is brightest at the centre in all three images, but

particularly so in the medium and hard images. At this early time there is strong

absorption of the soft X-rays within the GMC clump, as revealed by the low

surface brightness of regions which are more clearly emitting at higher energies

(compare the left and middle panels). This behaviour is not so prominent in the

Chapter3/Chapter3Figs/EPS/total_lightcurve.eps
Chapter3/Chapter3Figs/EPS/attenuated_bbs.eps


98

medium energy X-ray image, although there is some absorption occuring.

The most striking feature in the images is the extended emission to the top

right of the cluster, which results from the hot gas that has already broken out of

the clump in this direction. It is also interesting to observe that the hot fluid adi-

abatically cools as it accelerates to supersonic speeds through the ‘nozzles’ from

which it leaves the confining clump. This is visible as a reduction in the X-ray

surface brightness in the hard band. The surface brightness of this gas increases

at larger distances from the clump as it passes through a termination shock. At

this point it runs up against previously shocked gas which is inflating the bubble

and sweeping up a shell of the ambient medium which surrounds the GMC clump.

The hardest X-rays are produced by the hot gas in the cluster centre, where the

cluster wind is partially confined. The bottom panel of Fig. 3.1 shows that the

luminosities in the BB1 and BB2 energy bands are almost equal during the period

when all three stars are on the MS. However, at t< 0.25 Myrs the luminosity in

the BB2 energy band is dominant due to the greater attenuation of the lower

energy X-rays by the remnant GMC clump. The hard X-ray luminosity in the

BB3 energy band is about an order of magnitude lower than the luminosities in

the soft and medium energy bands throughout the MS-dominated phase of the

cluster evolution.

At t = 0.13 Myrs, approximately 90% of the total (0.1-10 keV) intrinsic X-ray

luminosity originates from the inner 4 pc radius of the simulation, which is the

original radius of the GMC clump containing the cluster. This is not unexpected

as the cluster wind is young and hot plasma vents out of only a few open channels

at this time. Since the GMC clump is mostly intact, significant attenuation of

low energy X-rays occurs within the clump radius. This is reflected by the fact
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Figure 3.2: X-ray emission for the cluster at time t =0.13 Myrs. Each panel
has sides of length 55.4 pc. [Left] shows soft X-rays 0.1–0.5 keV, [Middle] shows
medium X-rays at 0.5–2.5 keV and [Right] shows hard X-rays at 2.5–10.0 keV.
The stellar cluster is at the centre of each panel.

that only ∼ 2/3 of the total attenuated luminosity originates from the inner

4 pc radius, indicating that the dense material within that radius has absorbed a

substantial amount of the intrinsic emission.

The low density regions of the clump are rapidly blown out by the cluster wind

but afterwards the remaining high density regions are much longer-lived. The

effective covering fraction of the densest regions, the gross properties of the cluster

wind and the X-ray luminosity evolve only slowly. However, the characteristic

size of the emitting region continues to increase. Although much of the hot

gas leaves the grid through the outflow boundaries, we can nevertheless examine

how the emission from hot gas on the grid evolves with time. At t =0.44 Myrs

approximately 50% of both the intrinsic and attenuated luminosity originates

from within the original clump radius. By t = 1.96 Myrs this value has decreased

to 20% for both luminosities and by t = 2.53 Myrs, approximately midway through

the MS, only 12% of the luminosity originating on the numerical grid comes from

the central 4 pc radius. This decline is driven by two factors. First, the cluster

Chapter3/Chapter3Figs/EPS/sc3dinter_3d_0004.eps
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Figure 3.3: X-ray emission for the cluster at time t= 2.53 Myrs. Each panel
has sides of length 55.4 pc. [Left] shows soft X-rays 0.1–0.5 keV, [Middle] shows
medium X-rays at 0.5–2.5 keV and [Right] shows hard X-rays at 2.5–10.0 keV.

wind increasingly clears out dense molecular gas within the original GMC clump

as time goes on. The dense gas is both ablated into the hot gas streaming past and

also pushed away. The bowshocks which form around the nearest dense clouds,

and which merge to produce the reverse/termination shock of the cluster wind,

thus form at greater and greater distances. Hence there is simply less hot gas in

this central region as time increases. Secondly, the ablated material is entrained

into the outflows away from the GMC clump. Indeed, mass entrainment/loading

factors may exceed ∼100 (see Chapter 2). This entrainment increases the density

of the flow and its emissivity, while also creating slow moving obstacles which

faster moving parts of the flow shock against. The flow outside of the GMC

clump thus contains a multitude of shocks, and a wide range of densities and

temperatures.

X-ray images of the cluster at t = 2.53 Myrs are shown in Fig. 3.3. There

is considerable diffuse emission in the soft and medium X-ray bands (left and

middle panels of Fig. 3.3). In contrast, the spatial extent of the hard X-rays is

much smaller, and these instead primarily trace the stellar cluster and the hot,

Chapter3/Chapter3Figs/EPS/sc3dinter_3d_0080.eps
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shocked gas immediately downstream of the reverse shock of the cluster wind. The

gas responsible for this emission reduces in temperature as colder material from

the remains of the GMC clump mixes in with it, which limits the extent of the

emission in this image. The extent of the diffuse emission reaches well beyond the

original cluster radius, with more than 88% of the overall luminosity originating

from outside that radius. Although the images for the soft and medium regimes

are similar in structure, with strong emission in the centre and a filamentary

diffuse structure towards the edges, there is a higher intensity in the BB2 image,

and the stellar cluster is clearly discernible at the centre of the clump.

3.3.2 ISM Absorption Effects

The attenuated X-ray luminosity is dependent on both the ISM column density

and the density and size of the GMC clump in which the cluster forms. However,

as the molecular material in the clump is ablated by the winds it will have less of

an effect on the observable luminosity of the cluster. Fig. 3.4 gives an indication

of the degree of attenuation caused by the ISM and by dense clump material.

The red solid line shows the intrinsic X-ray spectrum from the cluster, with the

green dashed line showing the total attenuated spectrum taking all absorption

effects into account. As discussed previously, the vast majority of the absorption

occurs at soft X-ray energies, with very little occuring above E= 1.0 keV. The

blue dotted line shows the attenuation effects caused only by absorption from the

ISM. Close inspection of Fig. 3.4 reveals that the ISM absorption has little effect

above 0.5 keV, whereas the circumcluster absorption affects the spectrum up to

energies around 1 keV. Therefore it is clear that these two distinct absorption
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components affect the spectrum in slightly different ways. It is consistent with

the hottest gas (and therefore the hardest emission) being buried more deeply

within the GMC clump. We note that the average column density from the

centre of the cluster through the GMC clump to an observer at t = 0.06 Myrs is,

at ≈ 3×1021 cm−2 (see Fig. 2.13), about 3 times the assumed ISM column.

At t = 2.53 Myrs (bottom panel) the two attenuated spectra are practically

identical. This is because the X-ray emitting gas is no longer confined by the

dense absorbing material of the GMC clump as it is in the early stages of the

bubble’s expansion, but now suffuses through the entire volume of the simulation.

This is again consistent with the average column density from the centre of the

cluster through the GMC clump to an observer at this time, which Fig. 2.13

shows to be about 1019.6 cm−2, or only about 4% of the assumed ISM column.

Changing the viewing angle to the cluster at late times leads to only very

small differences (≈ 5–10 %) in the attenuated luminosity, reinforcing the con-

clusion that the destruction of the clumpy environment results in very minimal

column densities and thus attenuation by this gas. Even at earlier times when

the hot wind gas is still breaking out of the clump the difference in the attenuated

luminosity as the viewing angle to the cluster changes is only around 15–20 %.

This likely reflects the relatively low initial column density of the clump. Larger

variations can be expected from models with higher initial column densities.

3.3.3 RSG and WR Phases for the 35M⊙ Star

At t = 4.0 Myrs the most massive star evolves into a RSG. Its mass loss rate

increases, and its wind velocity decreases. The averaged mass-loss rate and
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Figure 3.4: X-ray spectra of the cluster at two times during the MS domi-
nated phase. The red solid line shows the total intrinsic emission produced by
the cluster. The green dashed line shows the total observable emission after all
attenuation effects are considered, whilst the blue dotted line shows the effect of
just the ISM absorption on the emission. a) Shows the spectra at t= 0.06 Myrs,
when there is a notable difference between the ISM only and total attenuated
emission. b) Shows the spectra at t = 2.53 Myrs when absorption by dense ma-
terial from the GMC clump has little effect on the overall attenuated emission.

.

speed of the cluster wind then changes from 9×10−7 M⊙ yr−1 and 2000 km s−1

to ≈ 10−4 M⊙ yr−1 and 136 km s−1. The cluster wind therefore becomes slow and

dense. The central cluster is no longer a source of hard X-rays, and there is no

replenishment of the highest temperature gas in the surrounding environment as

it flows away from the cluster through the remains of the porous GMC clump (see

Fig. 2.9). Together these changes lead to a substantial reduction in the amount

of hard X-rays being produced. In fact, the BB3 luminosity decreases 4 orders of

magnitude from LX ∼ 2 × 1029 ergs s−1 just before the evolutionary transition to

Chapter3/Chapter3Figs/EPS/0002_ismcomp.eps
Chapter3/Chapter3Figs/EPS/0080_ismcomp.eps
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LX ∼ 2 ×1025 ergs s−1 by the end of the RSG phase (see Fig. 3.1). In contrast, the

intrinsic luminosity briefly increases following this transition, due to an increase

in luminosity in the BB1 band.

Whilst the reason for this is not completely understood, it is possible that

the sudden drop in pressure during the transition causes material stripped from

the dense clouds to mix more rapidly with the hotter gas. Overall however,

because the soft X-rays suffer from attenuation from the dense RSG-enhanced

wind material close to the centre of the cluster, the attenuated emission actually

drops.

The dense material deposited during the cluster wind’s first RSG phase is

subsequently blown from the simulation volume once the most massive star fur-

ther evolves to its WR phase at t = 4.1 Myrs. The combined average speed of

the cluster wind increases back to 2000 km s−1 while the combined mass-loss rate

becomes 2.04×10−5 M⊙ yr−1. The very high momentum that the cluster wind

now has efficiently clears out the RSG dominated cluster wind filling the lower

density channels and dramatically increases the ablation rate of the remaining

dense clouds. This causes increased emission in all three X-ray bands. The in-

trinsic luminosity increases by over 2 dex above that reached in the MS phase,

with an initial peak that then declines quickly to a steady value. This phase is

relatively short-lived, lasting only 0.3 Myrs.

3.3.4 The First Supernova

The most massive star explodes as a supernova at t = 4.4 Myrs, imparting 10 M⊙

of material and 1051 ergs of energy into the centre of the GMC clump. At this
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Figure 3.5: The X-ray light curve for the cluster at the time of the first SN
explosion. The black dashed line indicates 900 years after the explosion, at which
point emission from interactions with the surrounding clump material is domi-
nant in all three energy bands. a) Shows the total intrinsic luminosity produced
by the cluster (solid red line) compared with the observable luminosity after at-
tenuation (green dashed line). b) Shows the attenuated luminosity in all three of
the broadband energy bands. The solid red line shows the soft X-rays in BB1, the
green dashed line shows the medium energy X-rays in BB2 and the blue dotted
line shows the hard X-rays in BB3.

point both of the other stars remain in their MS phases.

The X-ray lightcurve immediately following the supernova explosion is shown

in Fig. 3.5. To model the SN explosion 1051 ergs of thermal energy and 10 M⊙ of

ejecta are placed at the position of the stellar cluster. This gas is highly overpres-

sured and rapidly expands into the surrounding medium. Although this approach

leads to the desired response on the surrounding medium, in actual SN explosions

Chapter3/Chapter3Figs/EPS/snelightcurve.eps
Chapter3/Chapter3Figs/EPS/sne_attenuated_bbs.eps
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the ejecta rapidly cools through adiabatic expansion, and is considerably cooler

than the simulated ejecta at comparable times. Therefore the bright peak in the

X-rays seen in Fig. 3.5 immediately after the explosion should be ignored as it

is an artifact of the utilized approach. The X-ray luminosity of the hot ejecta

drops rapidly from its peak as the ejecta starts to expand and its density de-

creases. However, Fig. 3.5 shows that the rate of decline of the X-ray luminosity

decreases, and a minimum is reached after which the X-ray luminosity increases

again. This behaviour is caused by ejecta running into the remaining dense clouds

near the cluster. The kinetic energy that this ejecta has acquired at this time

is then re-thermalized and subsequently radiates more strongly. The dashed line

900 yrs after the explosion indicates when the luminosity is dominated by the

interactions of the ejecta with surrounding gas, and thus no longer affected by

the explosion setup.

Synthetic X-ray images in all three energy bands during the explosion are

shown in Figs. 3.6-3.8. When the star first explodes there is high intensity emis-

sion at the centre of the cluster, as seen in all three figures, which is a consequence

of the implementation of the explosion with thermal rather than kinetic energy.

As the hot ejecta expands outwards the intensity at the centre decreases, although

it is still much higher than the pre-explosion levels.

Once the shockwave has expanded out far enough it begins to interact with

the high density remains of the GMC clump. This is apparent from around

t = 4.4005 Myrs onwards (see for example the right panel in the second row of

Fig. 3.8). Prior to this, absorption by dense clumps projected in front of the

blast wave is visible (see for example the 3rd, 4th and 5th panels in Fig. 3.6). As

the shockwave sweeps through the inhomogeneous environment successive bow-
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Figure 3.6: Synthetic X-ray image in the BB1 (0.1–0.5 keV) energy band during
the first 4600 years after the most massive star explodes. The explosion occurs
at t=4.4000 Myrs (middle panel, top row). Absorption is visible from 100 years
after the explosion (t=4.4001 Myrs). Bow shock emission dominates from 900
years.
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Figure 3.7: Same as Fig. 3.6, but for the BB2 (0.5–2.5 keV) energy band.
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Figure 3.8: Same as Fig. 3.6, but for the BB3 (2.5–10.0 keV) energy band.
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shocks form around each dense cloud that it encounters. Individual bowshocks

can be identified during the first 900 yrs after the explosion, but at later times

these merge to create a single, though highly structured, region of emission with

variable surface brightness. The simulated X-ray emission should be largely un-

affected by the explosion setup once the emission from the bow shocks becomes

dominant, which as is apparent from the previous discussion of the light curve

occurs approximately 900 yrs after the explosion.

The X-ray image is broadly spherical overall, though there is substantial cur-

vature to the main shock front on local scales. Ejecta begins to leave the grid

approximately 4000 yrs after the explosion. By 2000 yrs after the explosion the

most intense emission is observed someway behind the main shock front and the

remnant takes on a “shell-like” morphology. This is likely due to the fact that at

the time of the SN explosion the densest clouds surrounding the cluster tend to

occur in a shell with inner and outer radii of ≈ 5-10 pc. Virtually all of the dense

gas previously within 5 pc has been cleared out by the cluster wind, being either

ablated and entrained into the cluster wind or pushed away from the cluster by

the ram pressure of the cluster wind up to a typical distance of 10 pc (see Fig. 2.8).

The brightest X-ray emission seems to occur where the SN ejecta interacts with

the remaining dense clouds in this shell. In contrast, the position of the forward

shock indicates where the SN ejecta has traversed relatively unimpeded through

the surrounding medium.

The X-ray image appears to be smoother at the higher energies of BB3, and

much more filamentary in the lower energies of BB1 and BB2, even near the

edge of the forward shock front. The emission in BB1 and BB2 is likely picking

up gas at relatively low and intermediate temperatures associated with material
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from dense clouds which is entrained into and partially mixed with the SN ejecta.

Thus the resulting emission traces to some extent the interfaces associated with

this process. However, this gas will be too cool to radiate strongly at the higher

energies of the BB3 image, and instead the BB3 image shows the location of hot,

but relatively unmixed ejecta.

The forward shock front also shows structures which could be interpreted

as “blow-outs” (see for example the protrusion to the lower right of the SNR

in the final two panels of Fig. 3.8). While these protrusions may indicate that

the remnant is expanding into a region with a lower pre-shock density in this

direction, it may also be affected by the structure of the surrounding medium

that the shock front has encountered at distances considerably prior to this.

The X-ray emission from the environment external (and prior) to the SNR is

also of interest. The emission at t = 0.13 Myrs and at t = 2.53 Myrs has already

been displayed in Figs. 3.2 and 3.3, and discussed earlier. However, Figs. 3.6– 3.8

further illuminate the filamentary emission and absorption which occurs in the

BB1 and BB2 energy bands, and the smoother emission which occurs in BB3.

The volume within the reverse shock surrounding the stellar cluster is devoid of

any hot gas and is visible as a deficit of emission in the central regions of Figs. 3.6

and 3.7. The highly structured nature of the reverse shock is directly visible in

the top row of panels in Fig. 3.8. It is the X-ray bright parts of the top left panel

in Fig. 3.8 which first “light-up” as the ejecta expands outwards, as seen in the

sequence of panels in the second and third rows of Fig. 3.8. Bowshocks around

the closest dense clouds to the cluster are responsible in both instances.

The time evolution of the attenuated spectra during the period of the first

SN explosion is shown in Fig. 3.9. The solid red line is at a time just before
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Figure 3.9: The time evolution of the attenuated X-ray spectra of the cluster
as the most massive star undergoes a SN explosion. The solid red line is at a
time just before the star explodes and the green dashed line is at t¯ 4.4001 Myrs,
shortly after the explosion. The dark blue short-dashed line is ∼ 300 yrs after
the explosion, the purple dotted line is ∼ 900 yrs after the explosion and the light
blue dot-dashed line is ∼ 4,600 yrs after the explosion.

the star explodes whilst the light blue dot-dashed line is t = 4600 yrs after the

explosion, which is the approximate time at which the shockwave begins to leave

the grid. During the first few hundred years after the explosion the spectrum

is fairly flat, indicating a brightening of the hard X-rays relative to the rest of

the spectrum. However, as discussed earlier this is an effect caused by the way

the SN is initialised. The attenuated spectrum for the cluster at t = 4.4009 Myrs,

when bowshock emission begins to dominate, is shown as the purple dotted line in

Fig. 3.9. The spectrum is the same shape, albeit considerably more luminous, as

that of the pre-SN cluster. However, whilst the intensity of the soft and medium

X-ray energies change little, by the time the ejecta reaches the edge of the grid

(light blue dot-dashed line) there is a considerable decrease in the hard X-ray

(E & 3 keV) emission of the cluster.

Chapter3/Chapter3Figs/EPS/sne_spectra.eps
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3.3.5 Further Evolutionary Stages

After the 35 M⊙ star has exploded the remaining two stars continue in their MS

phases for a further 0.1 Myrs, at which point the 32 M⊙ star begins to follow

the same evolutionary path as its predecessor. At t = 4.5 Myrs it evolves to a

RSG and at t = 4.6 Myrs it becomes a WR star. The X-ray lightcurve shown

in Fig. 3.1 shows a similar pattern to the previous evolution, in that the X-ray

luminosity decreases once the less powerful RSG wind contributes to the cluster

wind, while it increases once the star becomes a WR. However, as the evolution

of the 32 M⊙ star occurs so shortly after the first supernova, the luminosity is

still declining from the aftermath of that event, partially as a consequence of the

blast wave leaving the grid, and so it is hard to distinguish this from the natural

decline during the RSG phase. In fact, the luminosity at this stage is comparable

to that of the previous RSG phase despite the loss of one wind source and the

commensurate reduction in the momentum and energy flux of the cluster wind.

The 32 M⊙ star explodes at t = 4.9 Myrs, imparting a further 10 M⊙ of ejecta

material and 1051 ergs of energy into the simulation. 0.1 Myrs after this explosion

the final remaining star begins the evolutionary sequence already performed by

its brethren.

3.3.6 Properties of the X-ray Emitting Gas

The mass, volume and density of the X-ray emitting gas are shown in Table 3.1.

The mass of gas with a temperature in excess of 105 K increases until t≈ 0.3 Myrs

when it stands at nearly 7 M⊙. The mass then drops slightly and stays around

3-4 M⊙ during the remaining MS phase of the cluster wind. During this time
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Figure 3.10: Mass of X-ray emitting material above T = 105 K at five times dur-
ing the simulation. The red solid line is at t= 4.38 Myrs, shortly before the most
massive star explodes. The blue short-dashed line is at t = 4.40Myrs immediately
after the supernova explosion (this reflects the conditions used to simulate the
explosion) and the green long-dashed line is at t = 4.401 Myrs, 1000 yrs after the
explosion when the emission is dominated by bowshock interaction. The purple
dotted line is at t= 4.402 Myrs when the ejecta begins to leave the grid. The
light blue dot-dashed line is at t= 4.42 Myrs, 20,000 yrs after the explosion.

the X-ray emitting volume is just over 50% of the total simulation volume, since

the shocked cluster wind has spread throughout most of the grid. The average

temperature of the X-ray emitting gas is 2.5×106 K, whilst the mass-weighted

average is 2.3×105 K, implying that most of the X-ray emitting gas is closer to

the 105 K mark. After the first star evolves to the RSG branch the mass of

material which is hot enough to produce X-rays decreases along with both the

average and the mass-weighted average temperature of the gas. Once the star

evolves further to the WR phase the mass of X-ray producing gas increases by

a factor of 10 and the volume of the material at T> 105 K almost doubles. The

average temperature of the X-ray emitting gas increases to 2.8×106 K and the

mass-weighted average to 3.2×105 K.

The mass distribution of the simulation before, during and after the first

supernova explosion is shown in Fig. 3.10, and the amount of material which

Chapter3/Chapter3Figs/EPS/figure310.eps
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Table 3.1: The mass, density and volume of the X-ray emitting gas, and the average and mass-weighted average
temperature of that gas at various times throughout the simulation.

Time Phase of Mass at Density at Volume at % of log[Tav] at Mass-weighted

each star T > 105 K T > 105 K T > 105 K Volume at T > 105 log[Tav] at

(Myrs) (35,32,28 M⊙) (M⊙) (×10−26 g cm−3) (×104 pc3) T > 105 K (K) T > 105 K (K)

0.00 MS,MS,MS 0.00 0.00 0.00 0.00 % 0.00 0.00

0.13 MS,MS,MS 1.89 5.17 0.25 7.63 % 6.40 5.58

0.32 MS,MS,MS 6.75 3.22 1.43 43.53 % 6.40 5.44

0.63 MS,MS,MS 4.26 1.60 1.81 55.28 % 6.40 5.36

0.95 MS,MS,MS 3.25 1.20 1.83 55.92 % 6.40 5.36

1.95 MS,MS,MS 3.43 1.33 1.75 53.32 % 6.40 5.37

2.53 MS,MS,MS 3.84 1.41 1.85 56.46 % 6.40 5.37

3.61 MS,MS,MS 4.06 1.42 1.95 59.40 % 6.40 5.39

4.06 RSG,MS,MS 2.13 1.08 1.34 40.89 % 6.30 5.28

4.31 WR,MS,MS 24.87 6.64 2.55 77.82 % 6.45 5.51

4.38 WR,MS,MS 24.99 6.69 2.54 77.54 % 6.40 5.51

4.40 SN,MS,MS 37.24 9.87 2.57 78.43 % 6.80 6.36

4.4009 SN,MS,MS 51.29 13.64 2.56 78.09 % 6.95 5.77

4.404 SN,MS,MS 217.97 52.67 2.82 85.95 % 6.80 5.83

4.41 MS,MS 231.57 53.04 2.97 90.64 % 6.65 5.86

4.42 MS,MS 132.53 29.94 3.01 91.92 % 6.45 5.77

4.56 RSG,MS 1.69 2.51 0.46 14.04 % 6.20 5.29

4.78 WR,MS 28.53 9.07 2.14 65.31 % 6.40 5.52

4.90 SN,MS 37.61 10.66 2.40 73.24 % 7.00 5.86

4.94 MS 81.54 21.05 2.64 80.57 % 6.35 5.58
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Figure 3.11: Shows the cumulative mass of X-ray emitting material above
T= 105 K at five times throughout the simulation. The red solid line is at
t= 4.38 Myrs, shortly before the most massive star explodes, the blue short-
dashed line is at t= 4.40 Myrs immediately after the SN explosion. The green
long-dashed line is at t= 4.401 Myrs at which point bowshock emission becomes
dominant and the purple dotted line is at t= 4.404 Myrs, when SN ejecta begins
to leave the grid. The light blue dot-dashed line is at t= 4.42 Myrs, 20,000 yrs
after the explosion.

is at each temperature above 105 K is shown in Fig. 3.11. The red line shows

the temperature distribution of the 25 M⊙ of material above 105 K shortly before

the explosion at t = 4.38 Myrs. There is virtually no gas at temperatures greater

than 107 K (0.35 M⊙, see the red line in Fig. 3.11), and the mass-weighted average

temperature is Tav = 3.2 × 105 K. The SN occurs at t = 4.40 Myrs, and its hot

ejecta is visible as the short-dashed blue line in Figs. 3.10 and 3.11. As discussed

previously, bowshock emission from the SN becomes dominant approximately

900 yrs after the explosion. The temperature distribution of the 51 M⊙ of material

above 105 K is shown by the green long-dashed line in Figs. 3.10 and 3.11. There

is a small amount of material above 107 K (∼ 2 M⊙), but the majority of the

material is between 105−106.5 K, after which there is an obvious decrease in X-ray

emitting material. The mass-weighted average temperature is Tav = 5.9× 105 K

at this time.

Chapter3/Chapter3Figs/EPS/figure311_n.eps
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The SN ejecta begins to leave the grid at t = 4.404 Myrs, shown as the purple

dotted line in Figs. 3.10 and 3.11. There is approximately 218M⊙ of material

above 105 K at this time (see Table 3.1), with ∼ 10% (21 M⊙) of that material

above 107 K. 20,000 yrs after the explosion there is again virtually no gas at

T> 107 K as the shock heated gas slowly cools (shown by the dotted purple line in

Fig. 3.10). However, there is approximately 5 times more material between 105−

107 K than before the supernova, with a peak at about T = 106 K. Fig. 3.11 also

reveals that the maximum temperature of gas at t = 4.42 Myrs is actually lower

than that at t = 4.38 Myrs, at Tmax = 107.4 K and Tmax = 107.7 K respectively.

3.4 Comparison to 1D Bubble Models

3.4.1 Wind-Blown Bubble Models

Chu et al. (1995) derived an analytical expression for the X-ray emission from a

Weaver et al. (1977) wind-blown bubble, in terms of various physical parameters

which are observable, such as the density and size of the bubble. The predicted

X-ray luminosity in the 0.1–2.4 keV band is:

LX =
(

1.1 × 1035 ergs s−1
)

ξI(τ)L
33/35
37 n

17/35
0 t

19/35
6 (3.1)

where ξ is the metalicity relative to the solar value, L37 is the mechanical lumi-

nosity of the stellar wind(s) in units of 1037 ergs s−1, n0 is the number density of

the ambient medium in cm−3 and t6 is the age of the bubble in 106 yr. The above

equation contains a dimensionless temperature τ , where the dimensionless inte-

gral I(τ) = (125/33) - 5τ 1/2 + (5/3)τ 3 - (5/11)τ 11/2 and τ = 0.16L
−8/35
37 n

−2/35
0 t

6/35
6 .
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At t = 0.3 Myrs the expected luminosity in the 0.1–2.4 keV energy band as

predicted using Equation 3.1 is LX ≈ 2.06 × 1035 ergs s−1 using the average

ambient density of the mostly intact GMC clump of n0 ≈ 250 cm−3. This com-

pares to the combined luminosity from our BB1 and BB2 energy bands, which at

LX = 3.9 × 1031 ergs s−1 is roughly 5000 times lower than the prediction from the

standard Weaver et al. (1977) bubble. Because the edge of the bubble expands

off the grid at t∼ 0.2 Myrs, we will have somewhat underestimated the true lu-

minosity in our simulation, but it is clear that a large discrepancy nevertheless

remains.

By t = 2.53 Myrs the destruction of the GMC clump is well advanced and we

should clearly reduce our estimate of the value of the ambient density, n0. Using

an estimate of the density as n0 ≈ 0.3 cm−3 (which is just 50% greater than the

low density medium which surrounds the GMC clump in the simulations), the

predicted X-ray luminosity from Equation 3.1 would be LX ≈ 1.4 × 1034 ergs s−1.

Although our simulation only “captures” a small proportion of the X-ray luminos-

ity at this time since a lot of the hot gas has flowed through the grid boundaries,

the estimate from Equation 3.1 is approximately 2000 times larger than the lu-

minosity from our simulations at this time. Since this factor is likely to be many

times greater than the “true” X-ray luminosity from our simulation (i.e. the

luminosity we would infer if our grid were big enough to contain the expand-

ing bubble), we conclude that Equation 3.1 consistently overestimates the X-ray

luminosity produced from our simulations by a large margin.

Harper-Clark & Murray (2009) also provide an analytical expression for the

expected X-ray luminosity of a Weaver wind-blown-bubble:
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LX ∼ 3 × 1038ξ

(

Lw

4 × 1038ergs s−1

)2(
20pc

r

)3(
6 × 106 K

T

)2(
3.6 × 106 yr

t

)2

(3.2)

where they have assumed an X-ray cooling rate ΛX ≈ 3×10−23ξ ergs s−1 cm3, ξ is

the metalicity relative to solar, and t is the age of the cluster/wind source. Apply-

ing this expression to the Carina nebula overestimates the observed luminosity by

a factor of 104 (Harper-Clark & Murray, 2009). In the following we apply Equa-

tion 3.2 to our simulated cluster at a time when the stars are on their MS phases

and the mechanical luminosity of the cluster wind is Lw = 1.16 × 1036 ergs s−1.

The average temperature of the X-ray emitting gas at t = 2.53 Myrs is 2.5×106 K

(see Table 3.1). We only capture a small part of the bubble volume at this time.

However, we can be guided by what an observer may choose as the bubble radius.

If the ISM column to the cluster was substantially higher than our assumed value

of 1021 cm−2, the emission below 2.5 keV may be almost completely absorbed, in

which case Fig. 3.3 shows that only the harder emission might be detected. The

radius that an observer might then infer for the “bubble” in the BB3 image in

Fig. 3.3 could then be approximated to 6 pc. This leads to a predicted X-ray

luminosity of LX ≈ 1036 ergs s−1 using Equation 3.2, and an overestimate of the

intrinsic emission “captured” in our simulation by roughly 4 orders of magnitude.

To bring the values from Equation. 3.2 in line with the simulated results would

require a bubble radius of 130 pc.

Clearly some of the underlying assumptions made in these equations are in-

compatible with the simulated results. The two main assumptions in the Weaver

et al. bubble model which differ from our simulations are that the energy de-
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posited by the stellar winds is confined within the bubble and that the surround-

ing ISM is homogeneous. As discussed in both Harper-Clark & Murray (2009)

and Chapter 2, leakage of hot gas from the bubble interior leads to a significant

reduction in the pressure. This in turn reduces the X-ray luminosity so that it is

well below that from a confined bubble (c.f. Harper-Clark & Murray, 2009). It is

interesting that the calculated X-ray luminosity from our simulations is roughly

3–4 dex lower than the predictions from the confined bubble model, which is of

order of the same difference between observations of real clusters and the confined

bubble model.

3.5 Comparisons to Observations

3.5.1 Young Massive Stellar Clusters

It is widely observed that there is a deficit of X-ray emission from stellar clusters

compared with predictions (Dorland & Montmerle, 1987; Dorland et al., 1986;

Dunne et al., 2003; Harper-Clark & Murray, 2009; Oey, 1996; Rauw et al., 2002;

Smith et al., 2005). Many explanations of this effect have been suggested, for

example lower stellar luminosities, mass or energy loss from the bubble, or highly

efficient mass loading which reduces the temperature of the cluster below X-

ray temperatures. However, this latter effect may also produce higher X-ray

luminosities (Stevens & Hartwell, 2003). Section ?? demonstrated that the X-ray

luminosities produced by the model in Chapter 2 also exhibit a lower luminosity

than predicted by models. A comparison will now be made between the model

and observations of M17 and the Rosette Nebula. For a full literature review of
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young massive stellar clusters from which diffuse X-ray emission has been detected

see Table. 3.2 and AppendixA.

3.5.1.1 M17

M17 is a young blister HII region located on the northeast edge of one of the

largest GMCs in the Galaxy, at an approximate distance of 1.55 kpc. It is esti-

mated to be only ∼ 0.5 Myrs old (Chini & Hoffmeister, 2008; Hoffmeister et al.,

2008). M17 is photoionized by the massive stellar cluster NGC 6618, within which

Broos et al. (2007) have identified 14 O-stars. An earlier study by Hanson et al.

(1997) identified at least 9 O-stars and a few late-O/early-B stars.

The diffuse X-ray emission from M17 has previously been analyzed by Dunne

et al. (2003),Townsley et al. (2003), Hyodo et al. (2008), and most recently by

Townsley et al. (2011). The total X-ray luminosity is thought to be LX = 2 ×

1034 ergs s−1. At t = 0.44 Myrs, the simulated cluster has an intrinsic 0.1–10 keV

luminosity (BB1+BB2+BB3) of LX = 7.48 × 1032 ergs s−1, approximately 25

times lower than in M17. However, considering the number of O-stars in M17, the

emission from the simulated cluster is of the same order of magnitude, and thus is

perfectly acceptable given the differences in environment. For more information

on M17 see AppendixA.

3.5.1.2 Rosette Nebula

The Rosette Nebula is a blister HII region at the tip of the giant Rosette molecular

cloud. It is estimated to be ∼ 2 Myrs old (Hensberge et al., 2000). A study carried

out by Martins et al. (2012) has identified 7 O-stars in the cluster NGC 2244

contained within the Rosette Nebula. The earliest spectral type so far detected
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Table 3.2: The properties of young massive stellar clusters from which diffuse X-ray emission has been detected. The
clusters are ordered roughly by age. Further details and references for values in this table can be found in Appendix A.

Cluster/Region Age Distance X-ray Thermal/NT LX kT NH

Name (Myrs) (kpc) Morphology (ergs s−1) (keV) (cm−2)

RCW 38 . 1 1.7 CF/blowouts NT 3×1032 0.2 9.5×1021

Omega (M 17) ∼ 0.5 2.0 CF/blowout T 2×1034 0.28+0.29+0.57 1.6,5,10×1021

Westerlund 2 . 2 2.85±0.43 CF T 4.6×1033 0.1+0.8+3.1 4,12,12×1021

Rosette 2 1.55 CF T 7×1032 0.06,0.8 2×1021

Hourglass 1–2.5 1.3 CF T . 6.6 × 1032 0.63 1.1×1022

Arches 2–2.5 8 CF T (+NT) 3.8×1033 2.56 1.1×1023

NGC 2024 (Flame) 0.3–3 0.415 CF T 2×1031 11 0.21,3.3×1022

Orion (M 42) 3 0.49 Champagne T 5.5×1031 0.17 4.1(< 1.0)×102

Quintuplet 3.5–4 8 CF T 3×1033 10+4.6
2.7 3.8×1022

NGC 3603 1–4 7±1 CF T 2.6×1035 0.53 2×1022

Westerlund 1 4–5 4–5 CF T (+NT?) 1.7–30×1033 0.7+3.0 2×1022

NGC 3576N 2.8±0.3 CF T (+NT) 5.9×1033 0.11,0.5,0.67 0.3,1.3×1022

NGC 3576S 2.8±0.3 Blowout T 1.1×1034 0.31,0.53 1.3,0.3×1022
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is O4V((f)).

Townsley et al. (2003) find that soft diffuse X-ray plasma surround the OB

association and fills the nebula cavity completely. This plasma likely originates

from the O star winds and is later brought to thermalization by wind-wind in-

teractions or by shocking against surrounding molecular material. The intrinsic

0.5–2 keV luminosity is ≈ 7× 1032 ergs s−1, with no significant emission detected

above 2 keV. At t = 1.96 Myrs, the simulated cluster has an intrinsic 0.5–2.5 keV

luminosity (BB2) of LX = 6.46 × 1030 ergs s−1. Given the higher mass-loss rate

of the Rosette cluster (Ṁ∗ = 2.5 × 10−6 M⊙ yr−1 Stevens & Hartwell, 2003) and

the higher number of O-stars present, this is a reasonably close match to the

simulations. For more information on the Rosette Nebula see AppendixA.

3.5.2 Young SNRs from Core-Collapse SNe

When the stars in the simulation explode they input 10 M⊙ of material and

1051 ergs of energy into the surroundings. As seen in Fig. 3.5 the results of this

explosion should only be trusted after 900 yrs when the dominant source of X-ray

emission is from interactions between the blast wave and the surrounding clumpy

medium. The ejecta begins to leave the grid after 4600 years, at which point

hot gas and its corresponding emission begins to be lost. A comparison will now

be made between the model and observations of young SNRs which are of age

900 < t < 4600 years.

3.5.2.1 1E0102.2-7219

1E0102.2-7219 (hereafter 1E0102) is a SNR in the Small Magellanic Cloud (SMC)

with an inferred kinematic age of ∼ 2100 yrs (Eriksen et al., 2001) at a distance of
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Table 3.3: Young SNRs from core-collapse SNe compared with the simulated results. The SNRs are ordered roughly
by age.

SNR Alternative Lx Diameter Age Vexp Temperature Distance Prog.

Name Name (ergs/s) (pc) (yr) (km/s) (keV) (kpc) Mass (M⊙)

1E0102.2-7219 ∼ 8.8 × 1035 ∼ 12 ∼ 1000–2100 1000 2.5–4.5,0.4–1 60 32

MSH 11-54 G292.0+1.8 > 7.2 × 1032 15 2700–3200 . 1200 1.05,0.37 < 6 20-40

N 132D SNR 0525-69.6 4.5-7.5×1037 ∼ 20–25 3150 2250–3700 0.6–0.7 55 30-35

Puppis A 1.2×1037 ∼ 32 3700–4450 > 1500 0.6 1.3-2.2 > 25

Simulation 2.71×1037 ∼ 18 1060 ∼ 5900 0.68 1 35

Simulation 2.49×1037 ∼ 27 2060 ∼ 5200 0.68 1 35

Simulation 1.67×1037 ∼ 29 2630 ∼ 1600 0.68 1 35

Simulation 1.05×1037 ∼ 30 3300 ∼ 1000 0.54 1 35

Simulation 1.02×1037 ∼ 31 3860 ∼ 1000 0.54 1 35
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∼ 60 kpc (Wada et al., 2013). The progenitor is thought to have been a Wolf-Rayet

star with a zero-age MS (ZAMS) mass of ∼32 M⊙ that underwent significant

mass loss prior to exploding as a Type Ib/c or IIL/b supernova. Gaetz et al.

(2000) used Chandra to image the SNR, finding it to be almost “textbook”, with

a hotter outer ring surrounding a cooler, denser inner ring which is likely the

reverse-shocked stellar ejecta. The diameter of the SNR was estimated to be

40” by Hughes (1988) (approximately 12 pc at 60 kpc distance), which is in good

agreement with Hughes et al. (2000) who estimated the radius of the blast wave

to be 6.4 pc. Hughes et al. (2000) estimated an expansion age of ∼ 1000 yrs, in

contrast to the estimate by Eriksen et al. (2001). However, recently Wada et al.

(2013) have proposed the source is a Be/NS binary. There is little interstellar

extinction along the line of sight to 1E0102.2-7219 which allows a comprehensive,

multi-wavelength analysis from the X-ray to the radio domain.

Hughes et al. (2000) estimated the expansion velocity of the blast wave to be

6000 km s−1 based on a radius of 6 pc and an age of 1000 yrs, although Flana-

gan et al. (2004) find from Doppler shifts in the SNR that the majority of the

bulk matter is moving at a lower 1000 km s−1. Hughes et al. (2000) also esti-

mate the temperature in the postshock region to be 0.4–1.0 keV. Gaetz et al.

(2000) estimated the upper limit on X-ray emission of the central source to

be < 9 × 1033 ergs s−1, whilst Wada et al. (2013) estimate the 0.5–10 keV lu-

minosity of the SNR to be ∼ 8.8 × 1035 ergs s−1. This is considerably lower

than the intrinsic 0.5–10 keV X-ray emission from the simulated cluster, which is

LX = 1.53 × 1036 ergs s−1 and LX = 1.69 × 1036 ergs s−1 for 1000 and 2000 yrs

after the first SN explosion respectively. As the simulation assumes collisional

ionization equilibrium (CIE), which is unlikely to be the case in 1E0102, it is
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not surprising that higher luminosities are obtained from the simulation. The

clumpy environment in the simulated cluster may also be partially responsible,

if the environment of 1E0102 is lower density and/or more homogeneous. The

expansion velocity of the simulated blastwave is between ∼ 6000–8000 km s−1 (see

Table. 3.3), which although high is similar to the estimate of the blast wave by

Hughes et al. (2000).

3.5.2.2 MSH 11-54

Also known as G292.0+1.8, this is a core-collapse SN with an estimated age

of 2700 - 3200 years (Chevalier, 2005; Tanaka & Takahara, 2013; Winkler et al.,

2009), a distance of 6 kpc (Gaensler & Wallace, 2003) and is one of only a handfull

of O-rich SNRs known today (Ghavamian et al., 2012; Park et al., 2007). The X-

ray emission from such O-rich SNRs is thought to arise from faster, non-radiative

shocks in lower density ejecta and interstellar gas. The central source is thought to

be a pulsar wind nebula. The SNR has a radius of approximately 15 pc assuming

a distance of 6.2 kpc (Gaensler & Wallace, 2003).

Gonzalez & Safi-Harb (2003) derived an average temperature for the SNR

using two components - a high temperature plasma associated with the supernova

blast wave and a low temperature plasma from the reverse shock. These two

components were estimated to be 1.05 ± 0.34 and 0.37 ± 0.18 keV respectively.

They also make an estimate of the progenitor mass to be 30-40 M⊙, compared

with the estimate by Hughes & Singh (1994), who predicted a star of 20-25 M⊙

to be a reasonable candidate for the progenitor. However, a more recent estimate

of the temperature by Park et al. (2007) using Chandra data found a highly

non-uniform distribution of hot, X-ray emitting gas in the remnant ranging from
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kT∼5 keV in the NW regions to around kT∼0.7 keV in the SE. These results

are a promising match with the simulated results of the 35 M⊙ progenitor star

at an average temperature of 0.54–0.68 keV at around 2000–3300 years after the

explosion. The SN explosion is thought to have been asymmetric, which would

explain the distribution of temperatures and the greater expansion of the remnant

towards the NW. Hughes et al. (2003) found the unabsorbed 0.3–10 keV X-ray

luminosity of the central pulsar to be LX = 7.2 × 1032 ergs s−1, but made no

estimate for the entire remnant. The simulated cluster at around this time has a

total 0.1–10 keV intrinsic luminosity of LX ∼ 1 × 1037 ergs s−1.

3.5.2.3 N132D

N132D is one of the brightest SNRs in the Large Magellanic Cloud (LMC) with

an estimated age of 3150 years (Morse et al., 1995) and an inferred progenitor

mass of 30-35 M⊙ (Blair et al., 2000). With a diameter of 80“, the distance to the

SNR of approximately 55 kpc (Hughes, 1987) implies a real diameter of ∼ 21 pc.

This is a similar estimate to the extent of the X-ray shell, which has an estimated

radius of 12 pc (Morse et al., 1995). The expansion velocity of the SNR has

been estimated by several authors (e.g. Hwang et al., 1992; Morse et al., 1995),

with values ranging from 2250–3700 km s−1. The radius of the simulated SNR

at around 3300 yrs after the explosion is ∼ 15 pc, with an inferred expansion

velocity of ∼ 4400 km s−1.

The X-ray luminosity in the 0.2–4 keV energy band was estimated by Hughes

(1987) to be 4.5–7.5×1037 ergs s−1, based on thermal plasma temperatures of

106.8 − 107.1 K and a hydrogen column density of 1021 − 1021.5 cm−2 (Raymond

& Smith, 1977). The estimated luminosity is actually slightly higher than the
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simulated results (LX = 1.05 × 1037 ergs s−1 at 3300 yrs), despite the fact that

the simulations assume CIE. Given the inherent differences in the simulated and

actual environments these results can be considered a reasonable match. The

plasma temperature is very similar to that found in the other SNRs mentioned,

at approximately 0.6-0.7 keV, compared with an average of 0.54 keV from the

simulated remnant (see Table 3.1). There is patchy X-ray absorption around the

remnant thought to be caused by gas just outside the molecular cloud towards

the northern tip of N132D (Kim et al., 2003).

3.5.2.4 Puppis A

Puppis A is a nearby Galactic SNR with age estimates ranging from 3700 yr

(Winkler & Kirshner, 1985) to 4450 yr (Becker et al., 2012), making it most

comparable to the simulation 3,900 yrs after the explosion (see Table. 3.3). A

distance of 2.2 kpc was estimated based on HI and CO studies (Reynoso et al.,

2003), although a closer distance of 1.3 kpc has been proposed by Woermann et al.

(2000) based on OH line detections. This remnant is embedded in a complex

region composed of large atomic and molecular clouds and an interstellar density

gradient. The remnant is about 50′ in diameter (approximately 32 pc at a distance

of 2.2 kpc), with a progenitor mass of 25 M⊙ inferred from Canizares & Winkler

(1981).

Optical knots detected from Puppis A are evident only in the northeast, im-

plying the ejection of the matter during the explosion was asymmetric (Katsuda

et al., 2008). Oxygen-rich filaments are detected to have radial velocities higher

than ∼ 1500 km s−1. These filaments are interpreted as SN ejecta which have

remained mostly uncontaminated by the ISM (Winkler & Kirshner, 1985).



129

Recently, Dubner et al. (2013) studied Puppis A using Chandra and XMM-

Newton. They estimated the X-ray luminosity between 0.3 and 8.0 keV to be

LX = 1.2 × 1037 ergs s−1 assuming a distance of 2.2 kpc. The X-ray emission

from Puppis A appears to be dominated by the swept-up ISM due to very low

metal abundances (Hwang et al., 2008). The total intrinsic X-ray luminosity of

the simulated remnant 3860 yrs after the explosion is LX = 1.02 × 1037 ergs s−1,

which is a reasonable match to Puppis A.

The average temperature in the remnant is 0.6 keV, very similar to the average

temperature of 0.54 keV seen in the simulated remnant at 3860 years after the

explosion (see Table 3.1).

3.6 Conclusion

This Chapter investigates the X-ray emission from a massive young stellar cluster

embedded in an inhomogeneous GMC clump treating only the mechanical effects

from winds and supernovae. The hydrodynamical input model was previously

simulated in Chapter 2, and this Chapter explores the emission arising from that

model. Initially the dense parts of the clump decrease the observed X-ray emission

due to attenuation, but once the cluster wind has destroyed and ablated a large

portion of this material the attenuation from the ISM material is dominant.

At very early times, when the wind material is still confined by the inho-

mogeneous GMC material the X-ray luminosity is reasonably bright, at LX ≈

5× 1033 ergs s−1. However, as the cluster wind erodes and destroys the surround-

ing clump it is no longer completely confined and therefore hot gas is able to leak

through the gaps in the shell. This causes a reduction in the X-ray luminosity
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as the pressure within the bubble decreases. Once the low density gas from the

clump has been ablated away the covering factor of the cluster remains more or

less constant, leading to an approximately constant intrinsic X-ray luminosity of

1.7×1032 ergs s−1 and an attenuated X-ray luminosity of 7×1030 ergs s−1.

The most massive star becomes a RSG at t = 4.0 Myrs, resulting in a large

drop in the X-ray luminosity in all three of the broadband regions studied. The

most dramatic decrease is seen in the BB3 emission, where the attenuated X-

ray luminosity drops four orders of magnitude, from LX ∼ 2 × 1029 ergs s−1 to

LX ∼ 2×1025 ergs s−1 by the end of the RSG phase. The drop in X-ray luminosity

in the other two broadbands over this period is around a factor of 50 and 100 for

BB1 and BB2 respectively. Although a lot of material is deposited in the RSG-

enhanced cluster wind, the amount of material at X-ray emitting temperatures

is very low, contributing to the lack of X-ray emission observed at this time.

100,000 years later the most massive star further evolves to become a WR,

with a corresponding increase in X-ray emission in all three broadband regions

studied. The amount of material at a temperature greater than 105 K increases by

an order of magnitude over that seen in the RSG stage, and a total of 78% of the

computational volume contains X-ray emitting material. The high momentum

wind sweeps up the material deposited in the previous phase and heats it to high

temperatures, with the average temperature at this time being around T̄ = 2.5×

106 K. The total attenuated X-ray emission increases to LX ∼ 5 × 1033 ergs s−1,

which is about 30 times greater than that observed when all three stars were on

the MS.

At t = 4.4 Myrs the star explodes as a SN, ejecting 10 M⊙ of material 1051 ergs

of energy into the simulation. Due to the way in which the explosion was ini-
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tialised, the emission from the SN should only be analysed from the time at

which the interaction of the blastwave with the surrounding material becomes

dominant. In this work this occurs approximately 900 years after the explosion

of the most massive star. The ejecta begins to leave the grid 4600 years after the

explosion, and therefore the results of the SN can be compared with results only

between the ages of 900 < t < 4600 years.

The supernova of the 35 M⊙ star was compared with four young core-collapse

SNe with ages ranging from ∼ 1000–4450 yrs. Although the simulated SNR as-

sumed collisional ionization equilibrium, which is unlikely to be true for such

young remnants, the X-ray luminosity and electron temperatures are reasonable

matches. Unfortunately, as the ejecta begins to leave the grid 4,600 yrs after the

initial explosion no comparisons can be made with older remnants.

The simulated emission from the cluster during the wind-dominated phases

is substantially lower than predicted by 1D spherically symmetric bubble calcu-

lations, but matches reasonably well to actual observations of several massive

young stellar clusters. This is likely due to two of the assumptions made in these

calculations being overly simplified compared to the model used in this thesis.

Firstly, the assumption that the hot wind material is confined within a bubble is

very much not the case, and therefore a reduction in the pressure in the simulated

cluster leads to a reduction in the X-ray luminosity. Secondly, the surrounding

density is not homogeneous as described in these models, which will lead to local

areas of confinement and leakage. Clearly the highly complex environment of

young massive star forming regions requires similar complexity in simulations in

order to better understand their properties.
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Chapter 4

Thermal Radio Emission from a

Massive Young Stellar Cluster

4.1 Introduction

Radio continuum emission from star forming regions is a useful probe of the phys-

ical conditions present therein. Radio observations are one of the only extinction-

free measures of recent (. 30 Myrs) star formation.

There are two major components that make up radio continuum emission

from a typical star forming region (see Condon, 1992, and references therein for

a comprehensive review). First, the fast, dense, ionized winds from OB and WR

stars emit free-free radiation over a wide range of wavelengths, from cm emission

in the radio band to µm emission in the near-infrared. With a radio spectrum

characterized by Sν ∼ να, pure optically thin thermal bremsstrahlung emission

will show a nearly flat slope (α ∼ −0.1). An early study by Wright & Barlow

(1975) found that the thermal radio emission of an ionized, spherically symmetric,



134

uniform wind with an electron density profile ne ∝ r−2 (where r is the distance

from the central star), has a positive spectral index of α ≈ 0.6. Reynolds (1986)

showed that α <0.6 occurs for an unresolved, partially opaque flow whose cross

section grows more slowly than its length. The index can vary from α = 2 for

totally opaque emission to α = −0.1 for totally transparent emission.

Second, there is a non-thermal component attributed to synchrotron emission

produced by relativistic electrons accelerated by diffusive shock acceleration in

the winds of massive stars (White, 1985), or accelerated in recent supernova

explosions and remnants. There remains some uncertainty as to whether non-

thermal radio emission can be observed from the wind of a single massive star

(see Dougherty & Williams, 2000; van Loo, 2010; van Loo et al., 2005). This

non-thermal emission will show a more negative spectral index (-1.2. α . -

0.4). About a quarter of the brightest O-stars have a radio spectrum which is

dominated by non-thermal emission at cm wavelengths (Bieging et al., 1989).

If the radio continuum emission is observed at multiple frequencies then it is

possible to identify which of these physical processes dominate within individual

star forming regions.

At wavelengths where the wind is optically thick, the thermal radio emission

can be used to determine stellar mass-loss rates (e.g. Abbott et al., 1980, 1981;

Bieging et al., 1989; Leitherer et al., 1995; Schnerr et al., 2007; Scuderi et al.,

1998). Even if the wind expands aspherically, the radio derived mass-loss rates

do not typically change by more than a factor of two (Schmid-Burgk, 1982).

However, part of the emission may be of non-thermal origin, which must be

accounted for in any calculations. Bieging et al. (1982) used radio continuum

observations of WR stars to estimate the mass-loss rates, based on the formula
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of Wright & Barlow (1975):

Ṁ

10−5 M⊙ yr−1
= C1

(

Sν

mJy

)3/4
( v∞

103 km s−1

)

(

d

1 kpc

)3/2

(4.1)

where

C1 =
0.095µ

Z(γgffν)1/2
(4.2)

with Sν the flux density of the source, v∞ the terminal velocity of the wind and

d the distance to the source. The quantities µ, Z and γ are the mean molecular

weight per ion, the rms charge per ion and the mean number of electrons per ion.

gff is the free-free gaunt factor, which can be approximated following Leitherer

& Robert (1991) as:

gff = 9.77

(

1 + 0.13 log

[

T
3/2
e

Zν

])

(4.3)

where Te is the electron temperature of the wind in K. Lang et al. (2001) adopt

C1 = 0.34 for 22.5 GHz and Lang et al. (2005) adopt C1 = 0.52 for 8.5 GHz.

Equation. 4.1 is based on a spherically symmetric, stationary, isothermal wind

flowing at constant velocity. Any non-thermal components may contaminate the

radio flux density at lower frequencies. Therefore, high frequency observations

may be a better tracer of the thermal component and give more reliable mass-loss

rates (Contreras et al., 1996).

The radio emission produced by the stellar winds themselves will be on rela-

tively small scales. The optical depth unity surface for this emission is typically

of the order of 1000 R⊙ for early type stars (Pittard et al., 2005). The collisionally
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ionized emission, on the other hand, will be much more extended and observable

on much larger scales.

In this Chapter the hydrodynamical model of stellar wind and supernova

feedback into an inhomogeneous environment outlined in Chapter 2 is used as a

basis to simulate the resulting thermal radio emission from massive star-forming

regions. It is worth pointing out that the total flux will be dominated by pho-

toionization. However, the results in this Chapter will be useful in quantifying

the collisonal contribution to the total radio flux. In Section 4.2 the details of the

model and the method of calculating the radio emission and absorption are dis-

cussed. The results are presented in Section 4.3, including comparisons between

the X-ray and radio emission originating from the cluster throughout the lifetime

of the most massive star. Comparisons to observations of young stellar clusters

and young core-collapse SNe are made in Section 4.4. Section 4.5 summarises

and concludes this Chapter.

4.2 Simulations

4.2.1 The Numerical Model

The radio calculations in this Chapter are based on the 3D hydrodynamical model

described in Rogers & Pittard (2013) and discussed in detail in Chapter 2. The

simulations consist of three massive O stars which represent the main sources

of mechanical feedback in a massive star forming region contained within an

inhomogeneous GMC clump. The evolution of these stars is treated simplistically

as three distinct phases - MS, RSG and WR. The details of the stellar cluster
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are summarized in Table 2.1 in Chapter 2. At the end of their lifespan the stars

explode imparting 10 M⊙ of material and 1051 ergs of thermal energy into the

environment. The lifespans of the stars are designed in such a way so that there

are three distinct supernova explosions over the course of the simulation.

The simulation tracks the molecular, atomic and ionized phases separately,

and uses a temperature dependent average particle mass for the calculations.

The net heating/cooling rate per unit volume is parameterized as ė = nΓ−n2Λ,

where n = ρ/mH and Γ and Λ are heating and cooling coefficients which are

assumed to depend only on temperature. Photoionization is not treated in this

work. Hence the dense clumps in direct view of the stellar cluster will lack a

“skin” of photoionized material on their surface. This means that the simulated

radio emission will be underestimated since radio photons should not be absorbed

by the cold neutral clump material.

The simulations in Chapter 2 showed that the inhomogeneous structure of the

natal GMC cloud surrounding the cluster had an important effect on the initial

expansion of the cluster wind, which carved channels through the low density

material to escape the clump. The regions of high density within the initial

clump proved to be surprisingly resistant to ablation from the cluster wind, and

at later times to the shockwaves of the SNRs.

4.2.2 Modelling the Radio Emission and Absorption

To calculate the radio emission the results of the hydrodynamic model are read

into a radiative transfer ray-tracing code. A synthetic image on the plane of the

sky is then generated by solving the radiative transfer equation along suitable
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lines of sight through the grid. The thermal emission (ǫff
ν ) and absorption (αff

ν )

at frequency ν are given by Rybicki & Lightman (1979) as:

ǫff
ν = 6.8 × 10−38Z2neniT

−
1

2 e
−hν

kT gff (4.4)

and

αff
ν = 3.7 × 108T−

1

2 Z2neniν
−3(1 − e

−hν

kT )gff (4.5)

where Z is the mean ionic charge, ne and ni are the electron and ion number

densities, T is the temperature of the gas and gff is a velocity averaged Gaunt

factor (Hummer, 1988). All quantities are in cgs units. The densities ne and ni are

determined from the cell density, composition and ionization, where the ionization

is specified as a function of cell temperature. The appropriate ionization for a

particular temperature regime is determined, as shown in Table 4.1, and the

absorption and emission coefficients are then evaluated. The unshocked winds

are assumed to be isothermal at T = 10 000 K. It is assumed that there is no

ionization at temperatures below T< 104 K. This will underestimate the actual

emission. The free-free emission from the gas with T < 104 K will most likely

be dominated by material which is photoionized. Line emission dominates the

cooling at temperatures below 107 K, with thermal bremsstrahlung dominating

at higher temperatures. The cluster is assumed to be at a distance of 1 kpc from

an observer. Solar abundances are assumed throughout this work.

In this Chapter it is only the thermal emission which is examined. This

emission originates from the stellar winds and the regions of hot, shocked gas

where they collide. To generate the spectrum over the radio regime the emission is
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Table 4.1: Ionization structure for H, He and CNO at various temperatures.

H He CNO

1+2+3+6+ 1+2+3+6+ 1+2+3+6+

T < 104 K - - - - - - - - - - - -

1 × 104 < T < 2 × 104 K 1 - - - 1 0 - - 0 1 0 0

2 × 104 < T < 3 × 104 K 1 - - - 1 0 - - 0 1 0 0

3 × 104 < T < 1 × 106 K 1 - - - 0 1 - - 0 0 1 0

T > 1 × 106 K 1 - - - 0 1 - - 0 0 0 1

calculated at 40 frequencies ranging from 0.23–46.59 GHz. The three frequencies

analyzed in this chapter are 1.4 GHz, 5 GHz and 15 GHz, which are in the radio

recombination bands L, C and U respectively.

4.3 Results

4.3.1 Main Sequence

The collisionally ionized free-free radio lightcurve for the cluster throughout the

simulation is shown in Fig. 4.1. The solid red line, dashed green line and blue

dotted line tracks the flux density at 1.4 GHz, 5 GHz and 15 GHz respectively.

The initial radio flux density of the cluster is S1.4 = 1262 mJy, S5 = 1113 mJy

and S15 = 980 mJy at 1.4, 5 and 15 GHz respectively, and steadily decreases over

the next Myr to S1.4 = 49 mJy, S5 = 43 mJy and S15 = 38 mJ as the cluster wind

clears out the low density regions of the remnant GMC.

After t≈ 1 Myrs the cluster wind has effectively destroyed the majority of the

GMC clump, with only a few high density regions resisting the ablation of the

wind (see, e.g. Fig. 2.4 in Chapter 2). Once the GMC clump is no longer confining
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Figure 4.1: The radio lightcurve for the cluster over the course of the simulation.
The red solid line, green dashed line and blue dotted line tracks the 1.4 GHz,
5 GHz and 15 GHz radio emission respectively.

the cluster wind the covering fraction will be fairly constant, and therefore the

flux density remains fairly constant for the duration of the MS of the cluster.

Synthetic images at three radio frequencies during this clearout at t = 0.13 Myrs

are shown in Fig. 4.2, where extended lobes to either side indicate that some of

the hot wind material must be leaking out of the GMC clump. The lobes are

approximately spherical and trace the bubbles inflated by the venting gas. At

this time all three stars are on the MS (see Table 2.1 for the stellar properties).

The left panel shows the 1.4 GHz radio emission, the middle panel shows the

5 GHz radio emission and the right panel shows the 15 GHz emission. As can be

seen in both the lightcurve and the synthetic images, all three of the frequencies

tracked are very similar in magnitude, with the 1.4 GHz emission slightly greater

(S1.4 = 663 mJy) and the 15 GHz emission marginally fainter (S15 = 517 mJy)

than the 5 GHz emission (S5 = 586 mJy). The structure of the thermal radio

emission at all three frequencies analyzed is the same, with the brightest emis-

sion at the centre where a lot of shocked gas is present. Also visible is a slight

brightening in the region of the shell around the asymmetrically expanding gas,

Chapter4/Chapter4Figs/EPS/radio_lightcurve2.eps
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Figure 4.2: Collisionally ionized free-free radio emission for the cluster at time
t= 0.13 Myrs. Each panel is 55.4 pc2. [Left] shows the emission at 1.4 GHz,
[Middle] shows the emission at 5 GHz and [Right] shows the emission at 15 GHz.
The stellar cluster is located at the centre of each panel.

and multiple filamentary structures within the hot bubble interior. The optical

depth unity surface at these frequencies is of the order of 103 R⊙, which is much

too small to be resolved in these images. Therefore, the small scale radio emission

from the winds themselves will not be picked up in these images. The emission

originates from the shocked, collisionally ionized plasma.

However, the telescope sensitivity required to pick up the lobes and the greater

structure shown in Fig. 4.2 is far beyond what is currently available (the lowest

scale of the legend is 1.5×10−25 ergs cm−2 s−1 Hz−1 ster−1, which is the equiva-

lent of 5.6×10−7 mJy beam−1). Fig. 4.3 shows a comparison between the total

1.4 GHz thermal radio emission from our simulated cluster as shown in the left

panel of Fig. 4.2 and the emission which could feasibly be detected using cur-

rent radio telescopes. The only emission which would actually be detected is

from the vicinity close to the cluster centre. The majority of the thermal radio

emission originates in this region, containing approximately 590 mJy of the total

663.25 mJy generated. If the sensitivity is increased by a further order of magni-

tude then the radio active shell surrounding the larger of the two lobes begins to

Chapter4/Chapter4Figs/EPS/radio_014_0000.ps
Chapter4/Chapter4Figs/EPS/radio_014_0001.ps
Chapter4/Chapter4Figs/EPS/radio_014_0002.ps
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Figure 4.3: Radio emission for the cluster at time t= 0.13 Myrs. [Left] shows
the simulated emission at 1.4 GHz. [Right] shows emission at detectable levels at
1.4 GHz. The panels are 500×500 pixels and each side is 55.4 pc long.

be apparent, although at this level it would be completely indistinguishable from

any noise.

As discussed in the introduction, this emission would be overwhelmed by

the contribution from photoionzation. However, given that the escape fraction of

ionizing photons is low at early times (see Fig. 2.16), photoionization may not play

as important a role for regions outside the GMC clump whilst a large proportion

of the ionizing photons are trapped within the clump. Fig 4.3 may therefore be a

reasonable approximation for the large scale extended radio emission at this time.

This will not be true for the radio emission at later times once the GMC clump

has been ablated by the cluster wind and most of the ionizing photons escape to

large distances.

Despite the fact that a large portion of the simulated free-free radio emission

will not be detected with current radio telescopes, for the remainder of this Chap-

radio_trial_default0000.ps
radio_trial_pixel0000.ps


143

ter the results will be presented in this manner, and the actual sensitivity and

the potential for detections should be considered with Fig. 4.3 in mind.

After t = 1 Myr the covering factor of the cluster is approximately constant

after the low density regions of the clump have been rapidly blown out by the

cluster wind and therefore the flux density also remains mostly constant until

t = 4.0 Myrs, at which point the most massive star evolves onto the RSG branch.

At t = 2.53 Myrs, a point at which all three of the stars are on the MS, the

cluster wind velocity is 2000 km s−1 and the cluster mass-loss rate is Ṁcl =

9 × 10−7 M⊙ yr−1 (see Table 2.1 for the individual stellar parameters). Using

Equations 4.2 and 4.3 and assuming Z = 1 and µ= 2 (Lang et al., 2001, 2005)

and Te = 1 × 104 K, the values of C1 can be calculated as ∼ 1.16, 0.66 and

0.40 at 1.41, 4.98 and 15.23 GHz. From Equation 4.1, the individual flux den-

sity of each of the stars can be calculated, and combined make a cluster flux

density of S1.4 = 0.013 mJy, S5 = 0.028 mJy and S15 = 0.054 mJy at 1.4, 5 and

15 GHz respectively. The simulated flux densities at this time are S1.4 = 37.7 mJy,

S5 = 33.3 mJy and S15 = 29.4 mJy at 1.4, 5 and 15 GHz respectively. The cal-

culated results are obviously much smaller than the simulated results. This is

because the cluster wind is interacting with the surrounding material, ablating

and mass-loading material from the denser clumps. To make the calculated re-

sults match the simulated results, the cluster mass-loss rate would need to be of

the order of 10−4 M⊙ yr−1. This is over 100 times greater than simulated. How-

ever, as can be seen from the top left panel in Fig. 2.12 and the discussion in

Section 2.3.5, a mass-loss rate of 10−4 M⊙ yr−1 is in excellent agreement with the

“mass-loading” factor due to the ablation of the dense clumps.

Throughout the first 4 Myrs whilst all three of the stars are on the MS the
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radio spectrum of the cluster remains optically thin, with α ≈ −0.100 ± 0.002,

which is consistent with a thermal source (see the red line in Fig. 4.6 for the

spectrum during the cluster MS).

4.3.1.1 Comparisons between Radio and X-ray Emission

Figs. 4.4 and 4.5 show the soft (0.1–0.5 keV) and hard (2.5–10.0 keV) X-ray emis-

sion respectively for the cluster and compare it to the 1.4 GHz radio emission

during the initial breakout phase.

The top left panel of Fig. 4.4 shows a synthetic image of the 1.4 GHz emission

from the cluster at t = 0.06 Myrs. The asymmetrical expansion is immediately

apparent, as gas is only leaking from the right of the cluster. However, the edge

of the GMC clump is illuminated as hot wind material is carving out of the

clump. This feature is not seen in the 0.1–0.5 keV (top right panel in Fig. 4.4)

or the 2.5–10.0 keV (top right panel in Fig. 4.5) X-ray emission. Both the X-ray

and radio emission are brightest at the cluster centre, where the cluster wind is

partially confined. There is a high degree of spatial coincidence between both

types of emission. However, there appears to be a thin shell of radio emission

surrounding the regions of soft X-ray emission at all points throughout the early

cluster MS. This traces the ambient gas which has been swept-up by the cluster

wind after its blowout of the GMC clump.

An interesting feature is a small knot of emission which is apparent at the

top of the X-ray lobe (see the top right panel in Fig. 4.4, and slightly fainter in

the top right panel in Fig. 4.5), which is seen in the radio as a small blister on

the surface of the expanding lobe of leaking gas. This feature is coincident with

the radius of the GMC clump, which is also seen in the radio, and it is therefore
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Figure 4.4: Synthetic radio and X-ray images for the cluster during the initial
breakout at t = 0.06, 0.13 and 0.32Myrs. [Left] shows the radio 1.4 GHz emission,
[Right] shows the soft X-ray 0.1–0.5 keV emission and [Middle] shows the two
overlaid.

possible that this could be an area where hot gas is breaking free of the clump

into the surrounding homogeneous ISM.

The 1.4 GHz emission at t = 0.13 Myrs, as discussed earlier and shown in

Fig. 4.2 is compared with the X-ray emission at this time in the middle rows

of Figs. 4.4 and 4.5. The central cluster is still bright in both X-rays and radio,

and the two types of emission are again spatially coincident, with a thin shell of

Chapter4/Chapter4Figs/EPS/composite_002_0005.ps
Chapter4/Chapter4Figs/EPS/composite_002_0003.ps
Chapter4/Chapter4Figs/EPS/composite_002_0004.ps
Chapter4/Chapter4Figs/EPS/composite_004_0009.ps
Chapter4/Chapter4Figs/EPS/composite_004_0008.ps
Chapter4/Chapter4Figs/EPS/composite_004_0010.ps
Chapter4/Chapter4Figs/EPS/composite_010_0008.ps
Chapter4/Chapter4Figs/EPS/composite_010_0007.ps
Chapter4/Chapter4Figs/EPS/composite_010_0006.ps
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radio emission surrounding the soft X-rays. The GMC clump radius is also still

visible in the radio, although the hot cluster wind has breached this radius in

all but one small region. The hard X-rays do not fill the entirety of the bubble

interior: rather they are evident where the wind material undergoes shocks (see

Section 3.3.1).

At t = 0.32 Myrs the cluster wind has escaped the GMC clump in all directions,

and the expansion of the bubble is more spherical. An odd feature is evident in

the radio emission where there are two visible gaps to the bottom right of the

bubble which isn’t seen in X-rays (see the bottom row of Fig. 4.4). This is likely

due to that part of the shell leaving the grid. Once the shell has left the grid in all

directions this feature disappears and the morphology becomes more filamentary,

reflecting the interactions of the cluster wind with the densest clumps (see the

top row of Fig. 4.7).

4.3.2 RSG and WR Phases for the 35M⊙ star

At t = 4.0 Myrs the most massive star becomes a RSG. At this time the mass-

loss rate of the star increases, but the wind velocity decreases, such that the

cluster mass-loss rate and average wind velocity change from 9×10−7 M⊙ yr−1

and 2000 km s−1 to ∼ 10−4 M⊙ yr−1 and 136 km s−1. The resulting slow and

dense cluster wind causes the radio flux density to increase by approximately

two orders of magnitude, from around S1.4 = 34.9 mJy at t = 3.99 Myrs to S1.4 =

3435.9 mJy at t = 4.02 Myrs. The radio flux density then continues to increase

throughout the 100,000 year duration of the RSG phase, rising to a maximum of

S1.4 = 5687.1 mJy at t = 4.09 Myrs.
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Figure 4.5: Synthetic radio and X-ray images for the cluster during the initial
breakout. [Left] shows the radio 1.4GHz emission, [Right] shows the hard X-ray
2.5–10.0 keV emission and [Middle] shows the two overlaid.

The evolving radio spectra of the cluster during the RSG is shown in Fig. 4.6.

The spectrum shortly before (solid red line) the most massive star evolves off

the MS branch and shortly after it becomes a WR (pink dotted line) are also

shown for comparison. The figure shows a clear jump in flux density from the

MS dominated cluster wind to the RSG enhanced wind. The spectrum also

gains an optically thick component during this RSG-enhanced phase, with the

Chapter4/Chapter4Figs/EPS/radio_composite3_0002_0002.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0002_0000.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0002_0001.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0004_0000.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0004_0001.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0004_0002.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0010_0002.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0010_0001.ps
Chapter4/Chapter4Figs/EPS/radio_composite3_0010_0000.ps
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Figure 4.6: The evolving radio spectra of the cluster as the most massive star
undergoes the transition from the MS (red solid line) to the RSG phase (green
long-dashed and blue short-dashed lines) and then to the WR phase (pink dotted
and light blue dot-dashed lines).

turnover at around 0.7 GHz. The optically thin component of the spectra has

α ≈ -0.106± 0.002, which remains consistent with a thermal source.

At t = 4.06 Myrs the cluster wind velocity is 136 km s−1 and the cluster mass-

loss rate is Ṁcl = 1 × 10−4 M⊙ yr−1 due to the contribution of the dense, slow

RSG wind (see Table 2.1). Using C1 = 1.16, 0.66 and 0.40, as discussed earlier, the

flux density of the cluster is calculated to be S1.4 = 254.2 mJy, S5 = 541.2 mJy and

S15 = 1045.8 mJy at 1.4, 5 and 15 GHz respectively. The simulated flux densities

at this time are S1.4 = 5368.8 mJy, S5 = 4765.3 mJy and S15 = 4183.4 mJy at 1.4,

5 and 15 GHz respectively. The cluster mass-loss rate required to match the

calculated results to the simulated results is 3 × 10−4–1 × 10−3 M⊙ yr−1. This is

3–10 times greater than the actual mass-loss rate, and can be attributed to the

ongoing mass-loading of the cluster wind and its inhomogeneous (clumpy) nature.

At t = 4.1 Myrs the 35 M⊙ star evolves further to become a WR star. At this

Chapter4/Chapter4Figs/EPS/rsg_spectra_2.eps
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time, the radio flux density begins to decrease from the maximum attained during

the RSG phase, although it remains considerably higher than that observed dur-

ing the MS (see the purple dotted and light-blue dot-dashed lines in Fig. 4.6). The

radio spectrum returns to being optically thin over the whole spectrum during

this phase, and the radio flux density evens off at S1.4 = 1373.0 mJy.

At t = 4.31 Myrs, whilst the most massive star is still a WR and the two lower

mass stars are on the MS, the cluster wind velocity is 2000 km s−1 and the cluster

mass-loss rate is Ṁcl = 2.04 × 10−5 M⊙ yr−1 (see Table 2.1 for the individual

stellar parameters). Using C1 = 1.16, 0.66 and 0.40, as discussed earlier, the

flux density of the cluster is calculated to be S1.4 = 0.84 mJy, S5 = 1.79 mJy and

S15 = 3.47 mJy at 1.4, 5 and 15 GHz respectively. The simulated flux densities

at this time are S1.4 = 1443 mJy, S5 = 1274 mJy and S15 = 1124 mJy at 1.4, 5 and

15 GHz respectively. The cluster mass-loss rate required to match the calculated

results to the simulated results is 1.6 × 10−3–5.4 × 10−3 M⊙ yr−1. This is ∼75–

260 times greater than the cluster mass-loss rate at this time. Interestingly, the

mass-loading occurring at this time is found to be only ∼35 times the mass-loss

rate of the cluster (see Fig. 2.12 and the discussion in Section 2.3.5). However,

Equation 4.1 assumes that the stellar wind is smooth, spherically symmetric and

expanding at a constant velocity, which is not the case for the simulated cluster

wind. This may be especially true for the WR phase of the most massive star, as

the high momentum wind begins to sweep up the material deposited during the

RSG-enhanced phase. Thus the clumpy nature of the WR-enhanced cluster wind

will increase the flux density above what would be expected from Equation 4.1.
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4.3.2.1 Comparisons between Radio and X-ray Emission

Figs. 4.7 and 4.8 show the soft (0.1–0.5 keV) and hard (2.5–10.0 keV) X-ray emis-

sion respectively for the cluster, with comparable 1.4 GHz radio emission, during

the three evolutionary stages of the most massive star.

The top row of Figs. 4.7 and 4.8 shows the cluster at t = 2.53 Myrs, at which

point all three of the stars are on the MS. The radio flux density at this time is

S1.4 = 37.7 mJy, S5 = 33.3 mJy and S15 = 29.2 mJy at 1.4 GHz, 5 GHz and 15 GHz

emission respectively. Spatially, the radio and soft X-ray emission are well matched

(Fig. 4.7). The hard X-ray emission traces the reverse shock of the bubble, and

some of the channels carved by the hot cluster wind are evident (Fig. 4.8, see

Chapter 3 for more details). The central cluster is now only obvious in hard

X-rays. The structure of the emission is now much more filamentary and dif-

fuse than in the early evolution of the cluster, as the cluster wind has filled the

computational volume.

At t = 4.06 Myrs (second row in Figs. 4.7 and 4.8) the most massive star is

approximately midway through its RSG phase. At this time, the X-ray luminos-

ity in all of the bands studied massively decreases, to the point where there is

virtually no emission evident in the hard regime, and only faint emission in the

soft regime. However, the radio emission at this time actually increases due to the

much higher wind density, and as already mentioned the spectrum gains an op-

tically thick component (c.f. Fig. 4.1 for the radio lightcurve and Fig. 4.6 for the

spectra during the RSG). The radio flux density at this time is S1.4 = 5363.8 mJy,

S5 = 4765.3 mJy and S15 = 4183.4 mJy for 1.4 GHz, 5 GHz and 15 GHz emission

respectively. The synthetic images indicate that the increase in emission is lim-
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Figure 4.7: Synthetic radio and X-ray images for the cluster throughout the
simulation at t = 2.53, 4.06, 4.12 and 4.31 Myrs. [Left] shows the radio 1.4GHz
emission, [Right] shows the soft X-ray 0.1–0.5 keV emission and [Middle] shows
the two overlaid.
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Figure 4.8: Synthetic radio and X-ray images for the cluster throughout the
simulation at t= 2.53, 4.06, 4.12 and 4.31 Myrs. [Left] shows the radio 1.4 GHz
emission, [Right] shows the hard X-ray 2.5–10.0 keV emission and [Middle] shows
the two overlaid.
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ited to an intense brightening in the cluster centre, and that the more diffuse

emission filling the simulation volume actually becomes fainter. This highlights

the extent of the RSG-dominated cluster wind at this time.

At t = 4.12 Myrs (third row in Figs. 4.7 and 4.8) the most massive star has

evolved further to become a WR. At this time the X-ray emission in both the

hard and soft bands increases dramatically as the powerful WR-enriched wind

creates further shocks in the hot gas and increases its density. The radio emis-

sion decreases slightly from the bright RSG-enriched phase, but is still more

luminous than the emission observed whilst all three stars are on the MS, with

S1.4 = 3152.7 mJy, S5 = 2788.1 mJy and S15 = 2463.1 mJy for 1.4 GHz, 5 GHz and

15 GHz emission respectively. The brightest emission still comes from the centre

of the cluster at this time, as the high-momentum WR-enriched wind expands

into the cluster environs. The radio emission is spatially coincident with both the

soft and hard X-ray emission. The third row nicely illustrates the formation and

early growth of a WR nebula. It is clear that the nebula is lightly structured,

reflecting the inhomogeneous nature of the environment into which it expands.

By t = 4.31 Myrs the most massive star is almost at the end of its WR phase

(bottom row in Figs. 4.7 and 4.8). As shown in Fig. 4.1, the radio flux density de-

creases over the course of the WR phase, with S1.4 = 1442.6 mJy, S5 = 1273.7 mJy

and S15 = 1123.6 mJy for 1.4 GHz, 5 GHz and 15 GHz emission respectively at

this time. The soft X-ray emission now completely fills the simulation volume

(its cube is clearly evident), whilst the extent of the hard X-ray emission is ap-

proximately the same as the radio emission. The cluster centre is very bright in

hard X-rays, and the position of the reverse shock is again visible in this energy

band. The radio emission is brightest in the centre, with the flux density trailing
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off towards the edges.

4.3.3 The First Supernova

At t = 4.40 Myrs the most massive star explodes, inputting 10 M⊙ of material

and 1051 ergs of energy into the centre of the GMC clump. At this time both

of the other stars remain in their MS phases. The collisionally ionized free-free

radio emission following the SN explosion is calculated from our simulation. WE

assume that the electrons and ions in the shock heated gas are in temperature

equilibrium (i.e. Te = Ti). We do not calculate synchrotron emission because

our simulation does not model particle acceleration. This component may be

dominant, although the free-free emission is enhanced by the clumpy nature of

the surrounding gas.

The radio lightcurve immediately following the supernova explosion and sub-

sequent expansion of the shockwave is shown in Fig. 4.9. As discussed in Sec-

tion 3.3.4, to model the SN explosion 1051 ergs of thermal energy and 10 M⊙ of

material are placed at the centre of the simulation at the position of the stel-

lar cluster. This gas is overpressured compared with the wind material, and so

rapidly expands into the surrounding medium. Whilst this creates the required

response on the surrounding medium, it is not typical of actual SN explosions

where the ejecta rapidly cools through adiabatic expansion which would make it

considerably cooler than the simulated ejecta at comparable times. For this rea-

son, the small peak in the radio seen in Fig. 4.9 at t = 4.40 Myrs should be ignored

as it is an artifact of the initial conditions used. This peak is short-lived, with the

radio flux density of the hot ejecta dropping rapidly to just above pre-SN levels
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Figure 4.9: The radio lightcurve for the cluster during the SN of the most
massive star. The black dotted line indicates 900 yrs after the explosion, at which
point X-ray emission from interactions with the surrounding clump material is
dominant. The red solid line, green dashed line and blue dotted line tracks the
1.4 GHz, 5 GHz and 15 GHz radio emission respectively.

as it starts to expand and its density decreases. Fig. 4.9 shows that t∼300 yrs

after the explosion the radio flux density begins to increase again. This increase

is caused by the SN ejecta running into the dense clouds near the cluster which

have so far avoided destruction by the cluster wind. The dotted line indicates

900 yrs after the explosion, which is the time identified in Chapter 3 when the

X-ray luminosity is dominated by interactions of the ejecta with the surrounding

gas, and thus no longer affected by the explosion setup (see the middle panel,

third row of Figs. 3.6– 3.8).

It is interesting to note that the 5 GHz and 15 GHz emission briefly increases

above the 1.4 GHz emission from 900 to 1300 years after the explosion, with S1.4 =

2.6×105 mJy, S5 = 3.4×105 mJy and S15 = 3.2×105 mJy for 1.4 GHz, 5 GHz and

15 GHz emission respectively at t = 4.4009 Myrs (see the dotted line in Fig. 4.9).

After this time, the 1.4 GHz emission increases above the 15 GHz emission, but

remains marginally lower than the 5 GHz emission until t = 4.4021Myrs. This

indicates that the spectrum of the cluster begins to flatten approximately 1300 yrs

Chapter4/Chapter4Figs/EPS/radio_sn_lightcurve2.eps
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after the explosion, and that the emission is transitting from optically thick to

optically thin (see Fig. 4.13).

Synthetic radio images at 1.4 GHz during the explosion are shown in Fig. 4.10.

The initial peak seen in the lightcurve is visible as a bright central spot of emission

when the star first explodes. This is a consequence of the way the explosion is

implemented, as discussed earlier. As the hot ejecta expands outwards the bright

emission at the centre of the cluster begins to fade, although it is still noticeably

higher than the pre-SN levels. The interaction of the expanding shockwave with

the surrounding material is visible from t = 4.4005 Myrs (see right panel, second

row of Fig. 4.10), slightly earlier than observed in X-rays. Fig. 4.11 compares both

the soft 0.1–0.5 keV X-ray emission (top row) and the hard 2.5–10.0 keV X-ray

emission (bottom row) with the 1.4 GHz radio emission at t = 4.4009 Myrs, when

bowshock interaction dominates both the radio and X-ray emission. The two

regimes are again spatially coincident, especially between the 1.4 GHz and 0.1–

0.5 keV emission. The hard X-ray emission appears to be slightly more extended

than the emission seen at the other energies, although this may be due to the

smoothed nature of the emission. Unlike with the evolution of the SNR seen in

X-rays shown in Figs. 3.6– 3.8, the structure of the shockwave is not observed in

radio emission. Instead, the expansion of the blastwave is seen as a brightening

of the pre-existing filamentary structure. As such, there is a region towards the

south of the image which is faint in radio emission pre-SN and which also shows

relatively little brightening as the shockwave expands outwards (see for example

the bottom row of Fig. 4.10). There is a similar region of relatively faint emission

seen in the X-ray (see for example the bottom row of Fig. 3.6).

The time evolution of the radio spectrum during the period of the first SN
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Figure 4.10: Synthetic radio images at 1.4GHz during the first 4600 years after
the most massive star explodes. The explosion occurs at t= 4.4000 Myrs (middle
panel, top row).

Chapter4/Chapter4Figs/EPS/radio_sn1_0012.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0001.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0002.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0003.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0004.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0005.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0006.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0007.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0008.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0009.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0010.ps
Chapter4/Chapter4Figs/EPS/radio_sn1_0011.ps


158

Figure 4.11: Synthetic radio and X-ray images for the cluster at t= 4.4009 Myrs
when bowshock emission begins to dominate. The top row shows the soft 0.1–
0.5 keV X-ray emission. The bottom row shows the hard 2.5–10.0 keV X-ray
emission. [Left]: shows the 1.4 GHz radio emission, [Right]: shows the X-ray
emission and [Middle]: shows the two overlaid.

explosion is shown in Fig. 4.12. The solid red line represents the time immediately

after the most massive star explodes, and corresponds to the small peak seen in

the lightcurve in Fig. 4.9. The subsequent green long-dashed line shows the dip

in radio flux density ∼300 yrs after the initial explosion. At both these times

the radio spectrum is optically thin. The blue short-dashed and purple dotted

lines show the radio emission from 900–1300 years after the explosion, revealing

the massive increase in flux density caused by the shockwave interacting with

the surrounding material. As discussed earlier, during this time period the 5

and 15 GHz emission is higher than the 1.4 GHz emission. This is caused by

the spectrum becoming optically thick. The light-blue dot-dashed line shows the

Chapter4/Chapter4Figs/EPS/radio_sn1_comp_0000.ps
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Figure 4.12: The evolving radio spectra of the cluster as the most massive
star undergoes a SN explosion. The star explodes at t = 4.4000Myrs (solid red
line). The blue short-dashed line is ∼900 yrs after the explosion when bowshock
emission becomes dominant and the light blue dot-dashed line is ∼4600 yrs after
the explosion when the ejecta begins to leave the grid.

radio spectrum 4600 yrs after the explosion, at which point the hot ejecta begins

to leave the grid. The spectrum begins to flatten around this time, although

there is still an optically thick turnover at low frequencies. The turnover point

varies with time, and the frequency at which the turnover occurs can be seen

in Fig. 4.13. The radio spectrum first exhibits an optically thick component at

t = 4.4005 Myrs. The turnover frequency reaches a peak value of ν ∼ 5 GHz at

t = 4.4009 Myrs, before slowly declining below ν ∼ 1 GHz.

4.3.4 Further Evolutionary Stages

After the explosion of the 35 M⊙ star, the remaining two stars continue in their

MS phase for a further 0.1 Myrs, at which point the most massive remaining

star (32 M⊙) begins to follow the same evolutionary path as its predecessor. At

Chapter4/Chapter4Figs/EPS/sne_spectra_2.eps
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Figure 4.13: The turnover frequency between optically thin and optically thick
gas during the first SN explosion.

t = 4.5 Myrs it evolves to a RSG and at t = 4.6 Myrs it becomes a WR star. The

radio lightcurve shown in Fig. 4.1 shows a similar pattern to the evolution of the

35 M⊙ star discussed previously, in that the radio flux density increases once the

slow and dense RSG wind contributes to the cluster wind, then increases further

once the star becomes a WR, before undergoing a slow decline throughout that

phase. However, as the 32 M⊙ star evolves off the MS so shortly after the first

supernova, it is difficult to determine exactly to what extent the flux density

during this RSG-enhanced phase is affected by the decrease caused by the SN

blastwave leaving the grid. The flux density in this phase is comparable to that

seen in the previous RSG phase, despite the loss of one wind source, and the

associated reduction in the momentum and energy flux of the cluster wind. The

32 M⊙ star explodes at t = 4.9 Myrs, imparting a further 10 M⊙ of ejecta material

and 1051 ergs of energy into the simulation. 0.1 Myrs after this explosion the

final remaining star (28 M⊙) begins the post-MS evolutionary behaviour outlined

previously.

Chapter4/Chapter4Figs/EPS/sne_turnover_tracking.eps
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4.4 Comparisons to Observations

4.4.1 Young Massive Stellar Clusters

A comparison will now be made between the model and observations of M 17 and

Westerlund 1. For a fuller literature review of young massive stellar clusters from

which thermal radio emission has been detected see Table 4.2 and Appendix A.

4.4.1.1 M 17

An introduction is made to M 17 in Sections 1.3.3.2 and 3.5.1.1. A fuller review

of this cluster is made in AppendixA, and it will be briefly summarized here.

M 17 is a young (∼0.5 Myrs, Chini & Hoffmeister, 2008; Hoffmeister et al., 2008)

blister HII region ionized by the stellar cluster NGC 6618, thought to contain ap-

proximately 14 O-stars (Broos et al., 2007). It is located approximately 1.55 kpc

away.

Rodŕıguez et al. (2012) observed M 17 at 4.96, 8.46 and 22.46 GHz using the

JVLA (Jansky Very Large Array) in the highest angular resolution A configu-

ration. They revealed the presence of 38 compact radio sources, 19 of which

have stellar counterparts detected in infrared, optical or X-rays, in addition to

the hyper-compact (HC) cometary HII region, M 17 UC1. This HC HII region

was first discussed by Felli et al. (1980), who estimated a density ne > 106 cm−3

and an electron temperature Te > 25,000 K. It is approximately spherical, with a

diamter of ∼ 0.006 pc, and is embedded in the molecular cloud adjacent to the

SW of the M 17 region (Johnson et al., 1998). There is widespread evidence of

massive star formation occuring within ∼0.4 pc of UC1 (Genzel & Downes, 1977;

Harper et al., 1976; Knowles et al., 1976). This region is much more compact,
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Table 4.2: The properties of young massive stellar clusters from which thermal radio emission has been detected. The
clusters are ordered roughly by age. Further details and references for values in this table can be found in Appendix A.

Cluster/Region Age Distance Thermal/ Frequency of Flux Density No. of Spectral

Name (Myrs) (kpc) NT Obs. (GHz) (mJy) sources Index (α)

Omega (M 17) ∼0.5 2.0 T 4.96, 8.46, 22.46 0.04, 0.12, 0.19 38 (19) 0.8±0.2

Westerlund 2 .2 2.85±0.43 T 5.5, 9.0 146±12, 103±30 6 (1) ∼0

Rosette 2 1.55 T 1.41, 4.75 420±70, 350±30 -0.15±0.11

Hourglass 1–2.5 1.3 T + NT 5.0 4.03 10

Arches 2–2.5 8 T + NT 4.9, 8.5 >(0.003, 0.003)(+) 8 (7) 0.3–0.6

NGC 2024 (Flame) 0.3–3 0.415 T 1.41, 2.7, 5.0, 15.35 64.9, 65.9, 63.0, 58.6 25 (21)

Orion (M 42) 3 0.49 T 23 400 21 (20) 1.19±0.12

Quintuplet 3.5–4 8 T (+NT?) 4.9, 8.5, 22.5, 43.4 >0.01(+) 10 (7) ∼-0.1–+2.0

NGC 3603 1–4 7±1 T + NT 8.8 25 10–20 -0.2±0.2

Westerlund 1 4–5 4–5 T + NT 1.4, 2.2, 4.8, 8.6 0.67, 0.52, 0.46, 0.42 18 -0.26±0.07

NGC 3576 2.8±0.3 T 8.8 71±1
Notes: The frequencies at which these observations were taken are quoted from
smallest to largest, as shown in column 5. The flux densities in column 6 are ordered
to match the corresponding frequency at which they were observed. The value in
brackets in column 7 are the number of compact sources detected which have stellar
counterparts. Values in column 6 marked with a (+) represent stellar clusters where
the total integrated flux over the entire region is not given, and are therefore the
summation of the individual fluxes of the radio sources detected.
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and therefore denser, than the region simulated.

Rodŕıguez et al. (2012) measure the flux density of this HII region to be 44, 107

and 194 mJy at 4.96, 8.46 and 22.46 GHz respectively. At t = 0.44 Myrs the simu-

lated flux densities are S4.98 = 191.1 mJy, S8.71 = 179.75 mJy and S23.16 = 160.51 mJy.

These results are surprisingly similar, given the greater number of O-stars de-

tected in M 17. However, as it is such a young cluster it is unlikely that any of

the stars have yet exploded as a SN, and the winds will not yet have had much

of an opportunity to expel all of the gas from the surroundings. The free-free

emission may therefore be comparable to that simulated.

Rodŕıguez et al. (2012) also estimate the spectral index of the M 17 UC1, to

range from values of ∼2 (optically thick emission) near the head of the cometary

nebula to values of ∼-0.1 (optically thin emission) near the tail. This result

suggests that at least in this HC HII region the intermediate values of ∼1 for

the spectral index comes from a gradient in optical depth across the face of the

nebula.

4.4.1.2 Westerlund 1

Westerlund 1 (hereafter W 1) is the most massive stellar cluster known in the

Galaxy (Brandner et al., 2008; Clark et al., 2005). It contains a rich population

of massive stars which include more than 20 WR stars (Crowther et al., 2006),

more than 80 OB stars, and short-lived transitional objects including luminous

blue variables (LBVs) and red supergiants (RSGs). Estimates for its age range

from 3.6±0.7 Myrs (Brandner et al., 2008) to 5±1 Myrs (Lim et al., 2013). Its

distance remains somewhat uncertain, but estimates appear to be converging

on the range 4–5 kpc (see Brandner et al., 2008, and references therein). It is
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therefore much bigger than M 17 and the simulated cluster.

Dougherty et al. (2010) find 18 radio-emitting cluster members in W1, with

spectra containing both thermal and non-thermal components using ATCA. The

brightest source in the cluster is W 9, which has a radio flux density of 55.4 mJy

at 8.6 GHz, making it one of the most luminous radio stars. They also found the

total radio flux from W1 to be 699, 523, 461 and 422 mJy at 1.4, 2.2, 4.8 and

8.6 GHz respectively. The resulting images of W1 at these frequencies is shown

in Fig. 4.14. The extended emission (with the fluxes of the radio stars subtracted

from the total emission) is 426, 351 and 307 mJy at 2.2, 4.8 and 8.6 GHz respec-

tively. At t = 4 Myrs, the most massive star in the simulation evolves to become

a RSG. At this time the flux density drastically increases due to the high density,

reaching 3436, 3313, 3046 and 2862 mJy at 1.4, 2.2, 5.0 and 8.7GHz respectively.

This is approximately 5–6 times higher than observed interferometrically in W1.

However, if W1 is at a distance of 5 kpc its flux density will be reduced by a

factor of 25 compared to the simulation. Thus W1 is intrinsically brighter than

the simulated cluster, as expected given its greater size and mass.

Using the total fluxes quoted, the spectral index of W1 is -0.26±0.07, which

is consistent with optically thin, thermal emission. For more information on W1

see AppendixA.

4.4.2 Young Core-Collapse SNRs

When the stars in the simulation explode they input 10 M⊙ of material and

1051 ergs of energy into the surroundings. As discussed previously, the timeframe

from which comparisons between simulations and observations can be made is
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Figure 4.14: ATCA observations of W1 at 8.6 GHz (upper left), 4.8 GHz (up-
per right), 2.5 GHz (lower left) and 1.4 GHz (lower right). In each image, contour
levels are -3, 3, 6, 12, 24, 48, 96, 192σ, where 1σ rms uncertainty is 0.006, 0.1, 0.2,
0.4 mJy beam−1 respectively at the four frequencies. These images were recon-
structed using the nominal FWHM of the synthesized beam at each frequency,
shown in the lower left-hand corner of each image. Note that these images are
not corrected for the primary beam pattern. Taken from Dougherty et al. (2010).

narrow, with only SNRs which are of age 900<t<4600 being suitable.

In Section 3.5.2, comparisons were made with four young SNRs: 1E0102.2-

7219, MSH 11-54, N132D and Puppis A. However, only the latter two SNRs have

been studied in any detail in the radio regime. A comparison between these two

SNe and the simulated results of the first SN explosion will now be made.

Chapter4/Chapter4Figs/EPS/figure.eps
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4.4.2.1 N132D

The SNR N 132D was previously introduced and discussed in Section 3.5.2.3 and

will be briefly summarized here. N132D is located in the LMC, with an estimated

age of 3150 yrs (Morse et al., 1995) and an inferred progenitor mass of 30–35 M⊙

(Blair et al., 2000). The distance to the SNR is approximately 55 kpc (Hughes,

1987).

Despite being well studied at X-ray wavelengths, there are fewer studies in the

radio. Dickel & Milne (1991) conducted observations of the remnant using the

Australia Telescope and found the integrated flux density at 6 cm to be 1.6 Jy.

4.4.2.2 Puppis A

The SNR Puppis A was previously introduced and discussed in Section 3.5.2.4 and

will be briefly summarized here. Puppis A is a nearby Galactic SNR with age

estimates ranging from 3700–4450 yrs (Becker et al., 2012; Winkler & Kirshner,

1985). It is estimated to be 1.3–2.2 kpc away (Reynoso et al., 2003; Woermann

et al., 2000). Canizares & Winkler (1981) propose a progenitor mass of 25 M⊙.

The integrated flux densities measured for Puppis A over a range of frequencies

are shown in Table 4.3. The values range from 38±4 Jy at 8.4 GHz to 166±17 Jy

at 1.44 GHz. This is substantially lower than the flux density from the simulated

cluster, which is approximately 1000 Jy at a similar age of 4000 yrs. The spectral

index over the remnant, based on the observations of Milne et al. (1993), is

α = -0.6 (Castelletti et al., 2006), indicating that the emission is dominated by

synchrotron and arises from a population of non-thermal particles.

Only moderate agreement between radio and X-ray emission has been ob-
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Table 4.3: Integrated flux densities for Puppis A.

Frequency Flux Density Reference

(GHz) (Jy)

8.4 38±4 Jy Milne et al. (1993)

5.0 61±7 Jy Milne (1971)

5.0 67±7 Jy Milne & Hill (1969)

4.75 59±5 Jy Milne et al. (1993)

2.7 78±12 Jy Milne (1971)

2.65 92±14 Jy Milne & Hill (1969)

1.52 118±10 Jy Dubner et al. (1991)

1.44 166±17 Jy Mathewson et al. (1962)

1.43 114±8 Jy Castelletti et al. (2006)

1.41 129±20 Jy Milne & Hill (1969)

served at a detailed level (Castelletti et al., 2006). Small scale structures, such

as filaments and knots, are poorly correlated with the observable radio features

(see Fig. 7 in Castelletti et al., 2006). This conclusion is not necessarily surpris-

ing since the X-rays have been associated with thermal radiation from the hot

plasma, while the radio continuum is thought to arise from synchrotron emission

from relativistic electrons. There is also little correlation between the optical and

radio emission (Milne et al., 1983).

4.5 Conclusion

This Chapter investigates the thermal radio emission from collisionally ionized gas

in a massive young stellar cluster embedded in an inhomogeneous GMC clump,

treating only the mechanical effects from winds and supernovae. The hydrody-

namical model was previously simulated, with the results discussed in Chapter 2.
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The X-ray emission produced by the cluster was discussed in Chapter 3. This

Chapter explores the radio emission arising from that model and compares it with

the simulated X-ray emission, and also with radio observations of actual clusters.

At very early times, when the wind material is still confined by the inho-

mogeneous GMC material the radio flux density is reasonably bright, at S1.4 =

1261.5 mJy. However, as the cluster wind begins to erode and ablate the sur-

rounding GMC clump material it is no longer completely confined, and therefore

hot gas is able to leak through the gaps in the expanding shell. This leads to a

reduction in the radio flux density as the pressure within the bubble decreases.

Once all of the low density material in the clump has been ablated away by the

cluster wind the covering factor is mostly constant. The mass ablation rate is

approximately constant too (see the top left panel of Fig. 2.12). Taken together

these result in an approximately constant radio flux density of S1.4 ∼ 35 mJy,

S5 ∼ 31 mJy and S15 ∼ 28 mJy at 1.4, 5 and 15 GHz respectively for the rest of

the cluster MS phase.

At t = 4.0 Myrs the most massive star becomes a RSG, resulting in a large

increase in the radio flux density at all three of the frequencies studied. The

flux density reaches S1.4 ∼ 5690 mJy, S5 ∼ 5050 mJy and S15 ∼ 4440 mJy at 1.4,

5 and 15 GHz respectively by the end of the RSG phase. The RSG-enhanced

cluster wind deposits a lot of material into the simulation, with the increase in

the radio flux density coming from a bright peak at the cluster centre. There is

only ∼ 2 M⊙ of material above 105 K at this time (see Table 3.1). The spectrum

of the cluster also gains an optically thick component during this phase, with the

turnover occuring at about 0.7 GHz.

After a further 0.1 Myrs the most massive star evolves to become a WR. The
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flux density decreases slightly during this phase, although it remains approxi-

mately 2 orders of magnitude higher than during the MS cluster wind. The

amount of material above 105 K increases by an order of magnitude over that

seen in the RSG-enriched phase. The high momentum WR-enhanced cluster

wind sweeps up all the material which was deposited in the previous phase and

heats it to high temperatures. The radio flux density by the end of the phase

is S1.4 ∼ 1400 mJy, S5 ∼ 1235 mJy and S15 ∼ 1100 mJy at 1.4, 5 and 15 GHz re-

spectively, which is about 40 times greater than when all three of the stars were

on the MS. The spectrum of the cluster returns to being completely optically thin

during this phase.

The predicted radio flux density for the cluster using the simulated variables

is much lower than the results presented in the Chapter. This is attributed to

the mass-loading, or entrainment, which is occurring throughout the simulation.

Not only does this increase the effective mass-loss rate of the cluster, but it also

makes the cluster wind very inhomogeneous and clumpy, which increases the

emissivity. The degree to which this mass entrainment occurs was quantified in

Section 2.3.5 and Fig. 2.12 in Chapter 2. The entrainment of this material into the

wind effectively increases the mass-loss rate, and therefore increases the thermal

radio emission. During the MS phase, once the covering factor of the cluster is

mostly constant, the inferred mass-loss rate is ∼100–300 times greater than the

cluster mass-loss rate, which is in excellent agreement with the MS mass-loading

factor of 200-300. During the RSG phase of the most massive star this factor

reduces to ∼3-10 times the cluster mass-loss rate, and during the WR phase of

this star it is a factor of ∼75-260. However, the underlying assumptions for this

formula require the stellar wind to be spherically symmetric, smooth, isothermal
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and expanding at constant velocity. These assumptions are clearly not met by

the simulation due to the inhomogeneous environment used.

The most massive star explodes as a core-collapse SN at t = 4.40 Myrs, ejecting

10 M⊙ of material and 1051 ergs of thermal energy into the simulation. Again, we

compare only the collisionally ionized free-free emission. Synchrotron emission

is not calculated. Equal electron and ion temperatures in the shocked gas are

supposed. Due to the way in which the explosion was initialised, the emission

from the SN should only be trusted from the time at which the interaction of the

blastwave with the surrounding medium dominates the emission. For the X-rays

this was determined to be approximately 900 yrs after the explosion in Chapter 3,

but radio emission from bowshocks first dominates at approximately 500 yrs after

the explosion. The ejecta begins to leave the grid 4600 yrs after the explosion.

The simulated emission from the cluster during the wind-dominated phases

matches reasonably well to observations of M 17. However, observations of various

young massive stellar clusters are widely varied. The presence of evolved stars

and SNRs has a notable effect on the flux densities, and therefore the age of the

cluster must be considered.

The simulated emission from the cluster during the SNe is considerably higher

than that found in Puppis A, despite the fact that non-thermal emission has not

been considered in this work. It is possible that, if Puppis A is not the first

remnant in the cluster or region, much of the surrounding material has already

been cleared. This would result in less thermal emission than simulated due to

the remnant expanding into a lower density environment. If the flux density

shortly after the second SN explosion is considered, this is approximately 400 Jy,

which is much closer to the values observed for Puppis A.
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Clearly these young massive star forming regions are very complex, and more

simulations need to be undertaken in order to ellucidate the physical processes

occurring within them.
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Chapter 5

Energy and Mass Input from a

Massive Stellar Cluster

5.1 Introduction

In order to understand the role of stellar feedback in the formation and evolu-

tion of galaxies, an understanding of the how massive stars interact with their

environments on smaller scales is required.

Freyer et al. have investigated the impact of a single massive star on its

circumstellar environment in a series of papers (Freyer et al., 2003, 2006). They

determined that by the end of the lifetime of a 35 M⊙ star only 1% of the total

energy released by that star had been transferred to the circumstellar gas. From

this 1%, 10% is kinetic energy of bulk motion, 36% is thermal energy, and the

remaining 54% is ionization energy. Distinct emission features are produced as

the fast WR wind expands into and sweeps up the material deposited by the slow

RSG wind. They determined that almost all of the X-ray emission in the WR



174

stage comes from the swept-up shell of RSG wind swept up by the shocked WR

wind rather than from the shocked WR wind itself.

Several authors have expanded on this by producing models of the mass and

energy input from a cluster of stars into the ISM (e.g. Leitherer et al., 1992;

Smith, 2004; van Buren, 1985). Leitherer et al. (1992) compared the effects of

both stellar winds and SNe in a starburst galaxy, and found that in general the

winds were more important at higher metal content and during early phases of

the starburst. However, Smith (2004) determined mass and energy input rates

from young massive clusters which were significantly different to those found by

Leitherer et al., particularly during the WR phase of the massive stars. The

results of these simulations will be heavily dependent on the input paramenters

used, such as the mass-loss rates and wind velocities of the cluster constituents.

Mass segregation has been observed in many massive, young stellar clusters,

including the Trapezium (Hillenbrand, 1997; Hillenbrand & Hartmann, 1998),

NGC 6611 (Bonatto et al., 2006), M17 (Jiang et al., 2002), Westerlund 1 (Lim

et al., 2013), NGC 1333 (Lada et al., 1996), NGC 2244 and NGC 6530 (Chen et al.,

2007). However, not all young clusters show signs of segreagtion. Er et al. (2013)

performed a study of 18 embedded clusters in the galaxy using 2MASS to attempt

to distinguish the degree of mass segregation, if any, present in each. They found

that eleven of their sample of eighteen clusters were mass segregated and seven

were not, and that the richer clusters tended to present mass segregation.

Understanding the physics of massive stars and how they interact with their

environment will help to quantify the rate of energy and mass input into the

ISM. In this Chapter hydrodynamical simulations of the interaction of stellar

winds within a massive cluster are discussed. This extends the work presented
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in the previous Chapters to smaller scales and allows an investigation of the

development of a cluster wind. In Section 5.2 the details of the model and the

method of calculating the cluster masses and positions are discussed. The results

are presented in Section 5.3. Comparisons between the X-ray and radio emission

originating from the cluster are made in Section 5.4. Section 5.5 summarizes and

concludes this Chapter.

5.2 Simulations

5.2.1 The Numerical Model

The simulations in this Chapter detail a stellar cluster blowing into a homo-

geneous environment. The cluster is designed to be similar to the one used in

Chapter 2, where the feedback is dominated by three O-stars and the total cluster

mass is Mcl = 0.5× 104 M⊙. As will be discussed, the stellar masses of the most

massive stars in the cluster are slightly higher than the stars assumed in the ear-

lier Chapters, and their mass-loss rates are greater too. The code uses a random

number generator and a Saltpeter IMF to determine suitable masses of individual

stars within a cluster, and uses the prescriptions of Vink et al. (2000, 2001) to

calculate the mass-loss rates and wind velocities for each star. These stars are

then given an x-, y- and z-position based on another random number generator.

Checks are then performed to ensure that there is sufficient space between each

star to enable a “balanced” wind-wind collision to occur between any two stars.

Only stars with masses in the range 20 M⊙ ≤ M∗ ≤ 40 M⊙ are positioned in this

way, as the contribution to the cluster wind by lower mass stars is assumed to be
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Table 5.1: Initial properties of the 25 most massive stars in a cluster of 5000 M⊙.

Star Mass x-pos y-pos z-pos Ṁ v∞

ID (M⊙) (pc) (pc) (pc) (M⊙ yr−1) (km s−1)

01 27.3 0.011 0.015 0.023 5.37×10−7 2430

02 26.0 -0.004 0.029 0.011 3.25×10−7 2462

03 36.0 0.013 -0.002 0.000 1.19×10−6 2629

04 23.0 0.019 -0.005 0.030 2.15×10−7 2390

05 26.3 0.008 0.022 -0.020 3.21×10−7 2476

06 39.5 0.002 0.002 -0.001 1.78×10−6 2628

07 21.4 0.034 -0.016 -0.007 1.33×10−7 2388

08 21.3 -0.016 0.033 -0.010 1.34×10−7 2382

09 22.1 0.010 -0.015 -0.032 2.26×10−7 2339

10 31.0 -0.023 0.002 -0.003 8.38×10−7 2503

11 21.2 0.022 0.027 0.017 1.34×10−7 2378

12 20.6 -0.001 0.029 0.026 8.21×10−8 2423

13 32.9 0.001 -0.013 0.013 7.77×10−7 2593

14 33.1 0.006 0.014 0.012 7.72×10−7 2601

15 27.4 0.017 0.003 -0.023 5.35×10−7 2434

16 39.0 -0.003 -0.001 0.004 1.07×10−6 2763

17 31.1 0.005 0.016 0.015 8.31×10−7 2514

18 22.4 -0.029 -0.006 -0.021 2.23×10−7 2354

19 22.8 -0.004 -0.032 -0.016 2.18×10−7 2378

20 21.3 -0.004 -0.010 0.037 1.34×10−7 2384

21 23.6 -0.028 -0.014 -0.016 2.08×10−7 2426

22 28.3 0.003 0.022 0.016 5.13×10−7 2482

23 27.4 0.006 0.025 -0.014 5.36×10−7 2433

24 22.0 -0.035 -0.008 -0.008 1.28×10−7 2425

25 24.3 -0.001 -0.024 -0.024 2.00×10−7 2465

negligible.

Using these parameters, a cluster of 1736 stars was generated, with 25 stars

meeting the criteria of 20 M⊙ ≤ M∗ ≤ 40 M⊙. The details of these stars can be
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found in Table 5.1. The three most massive stars are IDs 03, 06 and 16 at 36.0,

39.5 and 39.0 M⊙ respectively. These are more massive than those assumed in

Chapter 2, which used 35, 32 and 28 M⊙ stars. The mass-loss rates are generally

higher as well. For example, the 32 M⊙ star was assigned a MS mass-loss rate of

2.5×10−7 M⊙ yr−1 (see Table 2.1 for the stellar parameters used in Chapter 2).

However, a 31.3 M⊙ star in the generated cluster (star ID 17) has a mass-loss rate

of 8.3×10−7 M⊙ yr−1, which is approximately three times greater. This difference

roughly reflects the current level of uncertainty in massive star mass-loss rates.

The total energy input of the 25 stars listed in Table 5.1 is Ėcl = 2.46 ×

1037 ergs s−1, the cluster mass-loss rate is Ṁcl = 1.21 × 10−5 M⊙ yr−1 and the

average cluster velocity is v∞,cl = 2541.38 km s−1. This compares with the energy

input from the cluster in Chapter 2, which had a MS energy input of Ėcl = 1.14×

1036 ergs s−1, a mass-loss rate of Ṁcl = 9 × 10−7 M⊙ yr−1 and a cluster velocity

v∞ = 2000 km s−1. This makes the IMF generated cluster approximately 20

times more powerful, it deposits approximately 10 times more mass and generates

a cluster wind which is 1.3 times faster than the cluster values in Chapter 2.

Whilst the contribution from lower mass stars was ignored in that Chapter, it

is not surprising that the mass-loss and energy input from a cluster of 25 high

mass stars will be greater than predicted from the input of just three. The

three most massive stars from the cluster list (star IDs 03, 06 and 16) contribute

approximately 37% of the total energy and mass imparted into the ISM, with

Ė3∗ = 9.10 × 1036 ergs s−1 and Ṁ3∗ = 4.04 × 10−6 M⊙ yr−1.

The positions of the stars are plotted in Fig. 5.1. The colour scale is a simplis-

tic representation of the mass of the stars, which are split into three ranges with

red being the three highest mass stars. The limits between the colours are red
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Figure 5.1: 3D representation of the positions of the 25 stars in the simu-
lated cluster. The colour scale indicates the masses of the stars, with red being
34 M⊙ ≤ M∗ ≤ 40 M⊙, green being 28 M⊙ ≤ M∗ ≤ 34 M⊙ and blue being
20 M⊙ ≤ M∗ ≤ 28 M⊙. The cluster radius is Rcl =0.04 pc.

between 34 M⊙ ≤ M∗ ≤ 40 M⊙, green being between 28 M⊙ ≤ M∗ ≤ 34 M⊙

and blue being between 20 M⊙ ≤ M∗ ≤ 28 M⊙. There is, by design, mild mass-

segregation present in the positioning of the stars, with the three most massive

stars clearly located near the centre of the cluster, and the lower mass stars in a

ring around the edge. The radius of this stellar cluster is Rcl = 0.04 pc. This is

consistent with stellar clusters of this size, and also with the simulations detailed

in Chapter 2.

Chapter5/Chapter5Figs/EPS/mseg_20_40_positions.eps
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5.3 Results

The left panel of Fig. 5.2 shows the mass flux off the grid as a function of time

during the first few thousand years, when all 25 of the stars are on the MS. The

mass flux is initially zero until the cluster wind begins to sweep material off the

edge of the grid, and then steadily increases up until t≈ 110 yrs, at which point

the shell of swept-up material surrounding the cluster wind reaches the edge of

the grid. Due to the small simulation volume, the shell does not take long to

leave the grid, and despite expanding into an inhomogeneous environment it is

not yet spherical as the individual wind-blown bubbles have not yet fully merged.

The material behind the shell is less dense, and therefore the mass flux declines

slightly as the shell leaves the grid. The mass flux stabilises at t≈ 180 yrs at a

value of 1.6×10−6 M⊙ yr−1 for the remainder of the initial expansion.

The right panel of Fig. 5.2 shows the total energy flux off the grid as a function

of time. The energy flux increases from zero at the time when the first material

begins to leave the grid to ≈ 5× 1036 ergs s−1 at t = 180 yrs. This compares with

the total kinetic power of the cluster wind of 2.46×1037 ergs s−1. This implies

that approximately 80% of the kinetic energy is radiated away.

Fig. 5.3 shows density slices through the centre of the 3D simulation in each

of the three planes at t = 180 yrs, once the wind has reached its steady state and

whilst all of the stars are on the MS. With 25 stars in such a close cluster, there are

many instabilities and shocks created by the colliding stellar winds. Although the

density around the cluster centre is generally high, there are some regions which

show much lower densities (see for example the right panel of Fig. 5.3). In each

of the three planes the three highest mass stars are visible (see Fig. 5.1) at the
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Figure 5.2: Total mass and energy fluxes off the grid as a function of time for
the first few thousand years of the simulation. [Left]: shows the total mass flux
off the grid and [Right]: shows the total energy flux off the grid.

Figure 5.3: Density slice through the 3D simulation in three planes whilst all 25
stars are on the MS. The cluster radius is 0.04 pc, and each panel is 0.3 pc×0.3 pc.
[Left]: xy [Middle]: xz and [Right]: yz.

centre due to the mass segregation incorporated into the simulations, although a

few of the lower mass stars are also visible in these slices.

A 3D visualisation of the cluster at this time is shown in Fig. 5.4 using the

software package VisIt visualisation. The cluster wind has clearly reached the

edge of the grid. There appear to be regions through which material is streaming

out from the central cluster, and other regions of lower density which are less

affected by the colliding winds. The streams of colliding wind material demon-

strate multiple instabilities, with their density decreasing the further from the

stellar cluster they reach.

Chapter5/Chapter5Figs/EPS/massflux_intra_fine.eps
Chapter5/Chapter5Figs/EPS/energyflux_intra.eps
Chapter5/Chapter5Figs/EPS/intra006_0000.ps
Chapter5/Chapter5Figs/EPS/intra006_0004.ps
Chapter5/Chapter5Figs/EPS/intra006_0003.ps
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Figure 5.4: 3D density plot of the stellar cluster at t= 180 yrs, whilst all 25
stars are on the MS. An octant has been cut away to show the central cluster.
The cluster radius is 0.04 pc and each side has length 0.3 pc. The orientation of
the 3D cube is shown in the bottom left hand corner.

Chapter5/Chapter5Figs/EPS/intra_006_3d_0004.ps
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Figure 5.5: Synthetic X-ray emission for the cluster during the MS. [Left] shows
the soft BB1 (0.1–0.5 keV) X-ray emission, [Middle] shows the medium BB2 (0.5–
2.5 keV) emission and [Right] shows the hard BB3 (2.5–10.0 keV) emission.

5.4 X-ray and Radio Emission from the Cluster

The X-ray and radio emission from the stellar cluster will now be examined using

the radiative transfer codes described in Chapters 3 and 4.

5.4.1 X-ray Emission

Synthetic images of the X-ray emission of the cluster at t = 180 yrs are shown in

Fig. 5.5. It is immediately apparent that the soft 0.1–0.5 keV X-rays undergo ex-

tensive attenuation, as the luminosity in this energy band is visually much lower

than observed in the medium 0.5–2.5 keV region (see left and middle panel). This

is confirmed by the X-ray spectrum at this time, shown in Fig. 5.6. The spectrum

shows substantial attenuation until approximately 0.7 keV, after which there are

minor attenuation effects until about 1 keV. At these low energies the dominant

source of the attenuation is the ISM column, with only minor contributions com-

ing from within the cluster.

The hard 2.5–10 keV emission (right panel in Fig. 5.5) traces the emission

Chapter5/Chapter5Figs/EPS/sc3dintra_xray_bb1_0006_0000.ps
Chapter5/Chapter5Figs/EPS/sc3dintra_xray_bb2_0006_0000.ps
Chapter5/Chapter5Figs/EPS/sc3dintra_xray_bb3_0006_0000.ps
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Figure 5.6: The X-ray spectrum for the cluster at t= 180 yrs, whilst all the stars
are on the MS. The solid red line shows the total intrinsic emission produced by
the cluster. The green dashed line shows the total observable emission after all
attenuation effects are considered.

in the cluster centre, where multiple shocks are occuring. It also traces the

individual stars, a feature seen in all three of the energy bands. However, this

is probably due to the setup conditions where the winds are injected as thermal

energy. Ideally the emission in the immediate vicinity of the stars should not be

included. The soft and medium energy bands show the more diffuse, extended

emission surrounding the cluster, although much of this is attenuated at the

shortest wavelengths.

5.4.2 Radio Emission

A synthetic thermal radio image of the cluster at 1.4 GHz is shown in Fig. 5.7.

Again, the individual cluster members are visible in this synthetic image, although

this is again likely related to the way in which the winds are mapped. Multiple

shocks are also visible at this wavelength and coincident with the results from the

X-ray images. The visible shock towards the top left of the image coincides with

one of the streams of material visible in Fig. 5.4. The spectrum of the cluster is

Chapter5/Chapter5Figs/EPS/xray_spectra_intra006.eps
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Figure 5.7: Synthetic thermal radio 1.4 GHz emission for the cluster at
t= 180 yrs, whilst all 25 stars are on the MS.

optically thin at this time.

5.5 Conclusion

This Chapter takes a first look at investigating the energy and momentum im-

parted into the ISM by a massive young stellar cluster. Although the cluster size

was chosen to mimic the cluster used as a basis for the simulations in Chapter 2,

the increased number of 20 and 30 M⊙ stars created a more powerful cluster wind.

The cluster of 1736 stars, the 25 most massive of which were mapped and tracked,

were placed within a cluster radius of 0.04 pc. Mild mass segregation was incor-

porated such that the three most massive stars were located at the centre of the

cluster and the lower mass stars towards the edges.

The cluster wind reaches a steady state very early in its lifetime, approxi-

mately 180 yrs after the winds are switched on. Only approximately 20% of the

Chapter5/Chapter5Figs/EPS/radio_intra_0006_0001.ps
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total kinetic power imparted by the cluster wind flows off the grid, with the re-

maining 80% radiated into the surrounding ISM. This value is very high and does

not seem to be reflected in the X-ray emission.

The X-ray and thermal radio emission during the early MS phase of the cluster

reveal the presence of shocks and instabilities where the winds from the massive

stars are colliding. There is also substantial attenuation of the lowest energy

X-rays occuring.

This Chapter contains only preliminary results, and much more work must be

carried out in order to make true comparisons to existing models and observations

of massive clusters.
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Chapter 6

Conclusions

6.1 Summary

This thesis contains descriptions of simulations performed to determine the degree

to which a massive young stellar cluster can affects its natal giant molecular

cloud (GMC). These are the first 3D hydrodynamic simulations of stellar wind

feedback into an inhomogeneous, clumpy environment. The initial conditions

have been selected to make these simulations as realistic as possible by using

results from the turbulent GMC simulations of Vázquez-Semadeni et al. (2008) to

be representative of a clump within a GMC. This clump is in pressure equilibrium

with the surrounding homogeneous medium, allowing the breakout of the cluster

winds to be analysed. This effect is similar to champagne flows which have been

observed in many star forming regions. Incorporating stellar evolution has also

provided an opportunity to separate the effects of various stellar evolutionary

phases on the surrounding material. Similarly, the SN explosion of each star has

been analysed separately to determine the degree to which the thermal energy
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produced can couple with the dense remnant clumps. Importantly, it was found

that over 99% of the SN energy escaped. Using the outputs of these complex

hydrodynamical simulations in radiative transfer codes allows realistic predictions

of the X-ray and thermal radio emission to be made. A more realistic input

model has allowed better comparisons to actual observations of massive young

stellar clusters. This section summarizes the important findings that have been

presented throughout this thesis.

The mechanical input from the winds and supernovae of a cluster with three

massive O-stars into a giant molecular cloud (GMC) clump was investigated

using a 3D hydrodynamical model in Chapter 2. The cluster wind blows out of

the molecular clump, the remains of which confine and shape the initial structure

and expansion of the wind-blown bubble. The cluster wind breaks free of the

GMC clump along low density channels allowing hot, high speed gas to flow away

from the cluster through the gaps in the shell opened up by these blow-outs. The

dense clumps are ablated by the cluster wind as it flows out of the GMC, loading

mass into them. Increasing the density of the GMC clump by a factor of two

and the radius to 5 pc slows the break-out phase, but does not significantly affect

the qualitative picture. This complex interaction of the cluster wind with its

environment is far removed from the results of the simple spherically symmetric

models proposed by Castor et al. (1975) and Chevalier & Clegg (1985).

The early confinement of the winds leads to a brightening in both the intrinsic

X-ray and radio emission of the cluster, as shown in Chapters 3 and 4 where the

outputs of the hydrodynamical model were run through radiative transfer ray

tracing codes. In the case of the X-ray emission, this brightening is caused by the

increased pressure created by the confinement of the cluster wind. As the clump
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is ablated and destroyed by the action of the cluster wind the latter becomes

increasingly less confined, leading to a reduction in pressure within the bubble

and a subsequent decrease in the X-ray luminosity. This ties in with the leaky

bubble model proposed by Harper-Clark & Murray (2009). Initially the dense

parts of the clump decrease the observed X-ray emission due to attenuation, but

once the cluster wind has cleared a large portion of this material the attenuation

from the ISM is dominant. The radio flux density follows the same pattern, being

initially high and decreasing as the pressure within the bubble decreases and the

wind material leaks from the clump.

By about 1 Myrs only the densest clumps remain, although thse prove sur-

prisingly resistant to ablation by the cluster wind. The covering fraction of the

clump remains approximately constant for the rest of the cluster MS, and so,

therefore, does the X-ray and radio emission. During this phase, mass-loading

reaches factors of 200–300 as the cluster wind streams through the molecular

material in the GMC clump. This factor reduces to approximately 35 times the

mass-loss rate of the cluster during the later WR dominated phase. Despite this,

the destruction and sweeping up of molecular material is relatively slow, and a

substantial amount remains when the first star explodes as a SN.

The density, temperature, pressure and velocity of gas in the cluster envi-

ronment all span many orders of magnitude. The hottest gas typically occurs

at the reverse shock of the cluster wind, and cools as it expands away from the

cluster and mixes in with denser surrounding material. A multitude of weaker

shocks exist around dense inhomogeneities entrained into gas flowing at mildly

supersonic speeds.

The most massive star evolves to become a red supergiant (RSG) at t =4.0 Myrs,
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and then further to become a Wolf-Rayet (WR) star at t = 4.1 Myrs. The other

two stars remain in their MS phase during this time. The RSG-enriched cluster

wind is slow and dense, causing an increase in the thermal radio emission. This

increase is limited to a bright peak at the cluster centre, which indicates the

extent of the RSG-enhanced cluster wind at this time. The radio spectrum also

gains an optically thick component at this time. In contrast, the X-ray luminosity

decreases during this phase, as the amount of material at X-ray emitting temper-

atures drops. This phase is very short-lived, and deposits a lot of material into

the simulation. The slow, RSG-enhanced cluster wind is subsequently swept-up

by the high momentum, powerful WR-enhanced wind, which heats it to high

temperatures. Both the X-ray and radio emission are high during this phase, and

78% of the computational volume becomes filled with X-ray emitting gas. Whilst

the radio flux density is still two orders of magnitude higher than in the MS phase

of the cluster wind, it actually decreases slightly from the RSG-enhanced wind.

The radio spectrum returns to being completely optically thin during this phase.

After 4.4 Myrs the most massive star in the simulation explodes as a supernova

(SN). These simulations imply that the highly structured environment into which

the SN energy is released and the high porosity of the GMC clump at this stage

allows the SN blast wave to rip through the cluster largely unimpeded. The

forward shock refracts around the remaining dense inhomogeneities. Although

the SN shock destroys the molecular material through which it passes, the cooling

times of the dense regions are short enough for the material to quickly reform.

Despite injecting less energy into the cluster environment than the SN explosion,

the winds are actually more efficient at removing the molecular material.

Due to the way in which the explosion is initialised, the emission from the SN
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should only be analysed from the time at which the interaction of the blastwave

with the surrounding material becomes dominant. This occurs approximately

900 yrs after the explosion at X-ray energies and approximately 500 yrs at ra-

dio energies. The ejecta begins to leave the grid 4600 yrs after the explosion.

Comparisons with actual young core-collapse SNe have therefore only been made

for remnants between the ages of 900< t < 4600 yrs. Four SNRs were identified

within this age range. The simulated X-ray results are reasonably comparable

to the observations of thsee four SNRs. However, only two of these SNRs have

been studied at radio frequencies and they do not compare well to the simulated

results. One possibility is that a large proportion of the surrounding molecular

material has already been cleared, which will reduce the thermal radio emission,

making the flux density lower than simulated. Comparing the observed SNRs

with the SN of the 32 M⊙ star, where more of the molecular material has been

cleared, is a better match, supporting this theory.

A further 0.1 Myrs after the first SN explosion, the second most massive star

begins its evolutionary sequence to become a RSG followed by a WR before

exploding as a supernova. As before, the lowest mass star remains on its MS

during this evolution. The final star evolves to the RSG branch 0.1 Myrs after the

explosion of its brethren, at t = 5.0 Myrs, and explodes at t = 5.4Myrs, signifying

the death of the cluster. By t = 6 Myrs, almost all of the molecular material has

been completely destroyed or dispersed.

The simulated emission from the cluster during the wind-dominated phases

is substantially lower than predicted by 1D spherically symmetric bubble mod-

els. This is due to two of the assumptions made in these calculations, which

are overly simplified compared to the models used in this thesis. Firstly, the
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assumption that the hot wind material is completely confined by the shell of the

wind-blown bubble is not true. The reduction in pressure within a leaky bub-

ble results in a lower X-ray luminosity, as observed. Secondly, the surrounding

density is inhomogeneous in contrast to most of the simple spherically symmetric

models. However, comparisons between the simulated X-ray and radio emission

and observations of young massive stellar clusters show promising compatibility.

Once the winds have broken out of the clump it is very porous. By examining

the energy flux off the grid throughout the simulation it is apparent that between

a quarter and half of the energy injected by the stellar winds is radiated away,

leaving 50–75% of the energy from the cluster wind to escape into the wider envi-

ronment. In comparison, more than 99% of the energy injected by each SN which

escapes to the wider environment. Although these fractions are dependent on the

initial conditions, especially the density and structure of the cluster environment,

it is clear that the energy injected by both the winds and SN of massive stars

couple poorly to the densest gas.

Although photoionization has not been treated in any of the simulations dis-

cussed in this thesis, the fraction of ionizing photons which are able to escape

the cluster environment was estimated in Chapter 2. This increases from less

than 1% at the start of the simulation, when the cluster is still enshrouded by

the GMC clump, to 40% when the cluster is 1 Myrs old and only the densest of

the clump material remains. This increases still further to approximately 60%

after 4 Myrs. The escape fraction reduces briefly when the cluster wind is RSG

dominated, as the mass-loss rate of the cluster wind increases dramatically, but

overall the escape fraction increases as dense material is pushed away from the

cluster.
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The 3 O-stars which power the cluster wind in the simulations presented

in this thesis are representative of a cluster of approximately 5000 M⊙, with a

combined main sequence (MS) mass-loss rate of 9×10−7 M⊙ yr−1 and energy input

of 1.14×1036 ergs s−1. Such a cluster was actually compiled using a Saltpeter IMF

in Chapter 5, where there were a total of 1736 cluster members, 25 of which have

masses between 20 and 40 M⊙. The generated cluster is mass segregated, with the

three most massive stars located at the cluster centre and the lower mass stars

located towards the edges. The total kinetic energy input of such a cluster during

the MS would be approximately 20 times greater than assumed in Chapter 2,

and the mass-loss rate would be about 10 times greater. The three most massive

stars in this cluster contribute approximately 37% of the total energy and mass

imparted into the ISM.

Snapshots of the X-ray and thermal radio emission have been presented during

the very early MS stage of the cluster. The density structure at this time indicates

the presence of shocks and instabilities within the cluster wind, which is not

unexpected. There is a great deal of attenuation present in the soft X-rays (0.1–

0.5 keV), whilst the hard X-rays pick out the individual stars in the cluster. The

thermal radio at 1.4 GHz also picks out the stars, and also some of the shocks

present.

6.2 Future Work

The simulations presented in this thesis are a first look at the mechanical feedback

from the winds and supernovae of massive stars. However, despite state of the art

modelling, there is still much work to be done in this field. This section outlines
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further steps that could be taken to develop and refine the work presented in this

thesis.

In Section 2.2.4, the approximations and simplifications to the hydrodynami-

cal models used in Chapter 2 were outlined. Amongst the processes which were

neglected are gravity, magnetic fields, radiation pressure, photoionization, dust,

cosmic rays and radiative losses from within the stellar cluster. Adding some,

or all of these processes to the code would be a great way to begin building the

complexity of the simulations. Including both photoionization and the effects of

stellar winds would allow comparisons between the two feedback mechanisms to

be made, where the contribution of each can be separated and analyzed. The ne-

glect of direct radiation pressure and gravity will offset each other to some extent.

Some of the dense clumps may be susceptible to self-gravity on the timescales

considered here, with free-fall times of about 0.3 Myrs for the very densest clumps,

and therefore including gravity in the simulations may be able to reproduce trig-

gering of a new generation of stars, something that has not been considered in

this work. Adding dust to the simulation may affect the cooling within the hot

bubble. If the destruction of the dense clumps of material can continuously re-

plenish the dust, then this could have a significant effect on the cooling (Everett &

Churchwell, 2010) and contribute to the mass-loading of the wind-blown bubble.

This would be another interesting avenue that warrants further work.

The evolution of the stars are by design treated very simplistically, with three

pre-determined phases each with a single value for the mass-loss rates and wind

velocities of the stars. The simulations detailed in Chapter 5 use a more so-

phisticated method, using evolutionary stellar tracks to constantly update the

mass-loss rates of the stars. Adding this finer evolution to the stars would make
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the model more realistic. The evolutionary stages of the three O-stars used in

the simulation were manufactured so that they did not overlap - the two lower

mass stars remain on the MS until the most massive star has exploded. It would

be interesting, now that this control has been performed, to see the effect of

multiple evolutionary phases occurring at once. Introducing more stars into the

cluster would be one way to do this, and would also add more complexity to the

simulation.

It should be noted that adding to the simulations presented in this thesis will

increase the time and processing power required for them to run. This should

be considered carefully when deciding how to refine or increase the complexity of

the simulations.

The outputs from the hydrodynamical model were used at the basis for the

simulated X-ray and radio observations presented in Chapters 3 and 4. However,

emission at many more wavelengths can be looked at. I am currently collaborating

with colleagues at the University of Exeter to examine the infrared emission

at 22µm and Hα emission from the simulations in Chapter 2. The results of

this should prove a very interesting comparison to the X-ray and radio results

presented in this thesis, and should help to build a comprehensive comparison

between the simulations and observations of massive young stellar clusters.

The intracluster simulations detailed in Chapter 5 are recent additions to this

thesis, and as such there is a lot of work which can be done to further the initial

investigations presented here.

For instance, while the energy and momentum input from the cluster during

the very early evolution of the cluster has been presented, this work needs to be

extended such that these values can be analyzed over the course of the cluster
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lifetime. As the evolution of the stars is treated in a more sophisticated way than

in the original simulations the cluster mass-loss rate should alter as the stars

age. Tracking the input of energy and momentum into the ISM throughout the

lifetime of a massive cluster will therefore be possible.

It will be interesting to examine how the degree of radiative cooling of the

shocked gas changes as stars evolve, and whether the parts of the cluster wind can

undergo significant radiative losses while other parts remain closer to adiabatic.

It will also be interesting to investigate the transition of a cluster wind from the

adiabatic to radiative regimes.

Chemical enrichment of the ISM by the stellar winds and supernovae is an-

other process which has not been considered in this thesis, and is another avenue

that could be explored.

Comparisons between a mass-segregated cluster and one with no segregation

were briefly mentioned, but this could warrant further investigation. For exam-

ple, with the higher mass stars at the centre of the cluster evolving and exploding

before the surrounding lower mass stars, interesting morphologies within the clus-

ter wind could develop. The cluster was set at 5000 M⊙ in order to justify the

assumptions made about the cluster used in Chapter 2. However, running sev-

eral simulations which vary and compare the cluster parameters could be another

factor to consider. Setting the cluster parameters to mimic those of well studied,

young, massive stellar clusters, such M 17 would also prove an interesting study.

It is possible to take this one step further, and use a stellar cluster generated

in this way as the central cluster within a feedback simulation, such as those

carried out in Chapter 2. Again, a simulation of this sort would allow for de-

tailed comparisons with actual observations of stellar clusters which would help
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to understand the processes occuring within them.

6.3 Final Remarks

The highly complex nature of massive young star forming regions makes deter-

mining the processes occurring within them difficult to separate and evaluate. In

order to duplicate and elucidate these processes, simulations must strive to be

equally as complex. The hydrodynamical models presented in this thesis are the

first 3D simulations of a cluster wind expanding into an inhomogeneous, turbu-

lent environment, and have made a good start at unraveling some part of this

complexity, with promising results. These should be a solid base from which

future simulations can work in the hope of building a full view of the feedback

processes occurring in such regions.
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Appendix A

Notes on Individual Stellar

Clusters

A.1 RCW 38

RCW 38 is a very young (< 1 Myr), highly embedded (AV ∼ 10), and close

(D = 1.7 kpc) stellar cluster surrounding a central pair of O5.5 stars (IRS 2) (e.g.

Winston et al., 2011). The dominant IRS 2 stars have cleared a region completely

free of dust out to a radius of 0.1 pc. The extinction is patchy, and the HII region

appears to be breaking out of the surrounding molecular gas in some directions.

Extended warm dust is found throughout a 2 − 3 pc region and coincides with

extended (1.25×1.75 pc) X-ray plasma which is predominantly non-thermal (Wolk

et al., 2002). The power-law index of the emission steepens toward the cluster

core. Contamination of the diffuse emission by unresolved point-sources is not

significant at distances of more than 0.15 pc (∼ 15 arcseconds) from the cluster

center, though may be responsible for the more thermal nature of the diffuse
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emission measured in the core (Wolk et al., 2006). The cause of the non-thermal

emission remains unclear.

The diffuse emission is strongest in the central core near IRS 2, and is confined

on the southeast along a ridge. Recent Spitzer observations reveal that winds

from IRS 2 have caused outflows towards the northeast, northwest and southwest

of the central cluster (see e.g. Fig. 4 in Winston et al., 2012).

An excellent review of this cluster is given in the Handbook of Star For-

mation, where the luminosity of the diffuse X-ray emission is given as about

3 × 1032 ergs s−1 (Wolk et al., 2008).

A.2 The Omega Nebula (M17)

M17 is a very young blister H II region located on the northeast edge of one of

the largest giant molecular clouds in the Galaxy, with an extent of 4◦ (∼ 110 pc,

Elmegreen et al., 1979). The geometry of M17 is thought to resemble the Orion

Nebula HII region except that it is seen edge-on rather than face-on (Meixner

et al., 1992; Pellegrini et al., 2007). M17 is photoionized by the massive stellar

cluster NGC 6618, which has 14 identified O stars (Broos et al., 2007), and is

estimated to be ∼ 0.5 Myr old (Chini & Hoffmeister, 2008; Hoffmeister et al.,

2008). The distance has recently been determined using trigonometric parallax

to be 2.0 kpc (Xu et al., 2011). Several obscured O4-O5 stars form a central

1 arcminute ring in NGC 6618, and are principally responsible for ionizing the

nebula. Extinction is patchy (AV = 3 − 15 with an average of 8 to the OB

stars, though some parts of the cluster have AV > 20, Hanson et al., 1997). The

earliest O stars are an O4+O4 visual binary known as Kleinmann’s Anonymous
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Star (Kleinmann, 1973), which may in fact be a pair of colliding wind binaries

(Broos et al., 2007; Hoffmeister et al., 2008; Rodŕıguez et al., 2012). Evidence for

an older (2− 5 Myr) stellar population to the North is presented by Povich et al.

(2009).

The diffuse X-ray emisison from M17 has previously been analyzed by Dunne

et al. (2003), Townsley et al. (2003), Hyodo et al. (2008), and most recently by

Townsley et al. (2011). It has relatively high surface brightness and blows out

to the east of the cluster, extending nearly 10 pc from the cluster. The plasma

appears to be channelled by the famous northern and southern ionization bars

(Povich et al., 2007), and maintains roughly constant temperature as it flows

(Hyodo et al., 2008; Townsley et al., 2003). Although obscuration changes across

the field, a global fit to the diffuse emission with a 3-temperature NEI model

yields kT1 = 0.28, kT2 = 0.29 and kT3 = 0.57 keV, with the highest temperature

component providing 56% of the intrinsic luminosity (Townsley et al., 2011). The

absorption to each of these emission components increases with the temperature

of the component, so that the kT3 component suffers 6 times as much obscuration

as kT1. There are indications that the shocked gas is not in complete ionization

equilibrium, which is suggestive of it recently being shocked. Several gaussian

lines are also needed - the cause is speculated to be charge exchange processes.

The total X-ray luminosity is 2.0 × 1034 erg s−1.

Townsley et al. (2003) previously determined that the X-ray plasma had a

mass of 0.15 M⊙, which when rescaled to a distance of 2.1 kpc becomes 0.3 M⊙

(for an assumed distance D, Vx ∝ D3, Lx ∝ D2, ne,x ∝ (Lx/Vx)
1/2 ∝ D−1/2, and

Mx ∝ ne,xVx ∝ D5/2). Townsley et al. (2003) determine that ne,x ∼ 0.3 cm−3.

The analysis by Hyodo et al. (2008), which does not quite include the most
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easterly extent of the plasma, is generally consistent with the earlier work of

Townsley et al. (2003), except for the determination of a significantly lower plasma

temperature of ≈ 0.25 keV.

Rodŕıguez et al. (2012) observed M 17 at 4.96, 8.46 and 22.46 GHz using the

JVLA (Jansky Very Large Array) in the highest angular resolution A configu-

ration. They revealed the presence of 38 compact radio sources, 19 of which

have stellar counterparts detected in infrared, optical or X-rays, in addition to

the hyper-compact (HC) cometary HII region, M 17 UC1. This HC HII region

was first discussed by Felli et al. (1980), who estimated a density ne>106 cm−3

and an electron temperature Te>25, 000 K. It is approximately spherical, with a

diamter of ∼0.006 pc, and is embedded in the molecular cloud adjacent to the

SW of the M 17 region (Johnson et al., 1998). There is widespread evidence of

massive star formation occuring within ∼0.4 pc of UC1 (Genzel & Downes, 1977;

Harper et al., 1976; Knowles et al., 1976). This region is much mroe compact,

and therefore denser, than the region simulated.

Rodŕıguez et al. (2012) measure the flux density of this HII region to be 44, 107

and 194 mJy at 4.96, 8.46 and 22.46 GHz respectively. At t = 0.44 Myrs the simu-

lated flux densities are S4.98 = 191.1 mJy, S8.71 = 179.75 mJy and S23.16 = 160.51 mJy.

Rodŕıguez et al. (2012) also estimate the spectral index of the M 17 UC1, to

range from values of ∼2 (optically thick emission) near the head of the cometary

nebula to values of ∼-0.1 (optically thin emission) near the tail. This result

suggests that at least in this HC HII region the intermediate values of ∼1 for

the spectral index comes from a gradient in optical depth across the face of the

nebula.
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A.3 Westerlund 2 (RCW49)

Westerlund 2 (hereafter W2) is a compact young open cluster embedded in and

responsible for the luminous HII region RCW 49. W2 contains at least a dozen

OB stars. Two WR stars, WR20a and (especially) WR20b, lie outside the cluster

core (see references in Churchwell et al., 2004). W2 is also located in the direc-

tion of one of the Galaxys strongest sources of γ-rays (Aharonian et al., 2007;

H.E.S.S. Collaboration et al., 2011). The distance to W2 has been very difficult

to pin down, with estimates ranging from 2 to more than 8 kpc in the literature,

but a new study puts it at 2.85 ± 0.43 kpc, and determines an age of no more

than 2 Myr (Carraro et al., 2013).

Diffuse X-ray emission from W2 was identified in a Chandra observation

(Townsley et al., 2005). The emission is brightest at the core of W2, and extends

preferentially towards the west. The emission can be fitted with a 3-temperature

thermal plasma model with kT1 = 0.1, kT2 = 0.8 and kT3 = 3.1 keV, with

the highest temperature component providing 30% of the intrinsic luminosity

(Townsley et al., 2005). Assuming a distance of 2.3 kpc, the absorption corrected

0.5-8 keV luminosity is Lx = 3 × 1033 ergs s−1. At D = 2.85 kpc, this increases to

Lx = 4.6 × 1033 ergs s−1. The absorbing column to kT1 is less than the identical

columns to kT2 and kT3. The hardest thermal component is not well constrained,

and replacing it with a power-law component (Γ = 2.3) also gives an acceptable

fit. The diffuse flux will be slightly underestimated due to the use of a 5 arcmin

radius extraction region and a nearby on-chip background region.

More recently diffuse emission has also been analyzed from a Suzaku observa-

tion (Fujita et al., 2009). The Chandra pointing was used to determine the point
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source contamination to the Suzaku-derived diffuse emission, and the central re-

gion (r<2 arcmin) was masked out. The diffuse emission is found to extend to an

8 arcminute radius. The spectral analysis is broadly consistent with the earlier

results of Townsley et al. (2005).

Benaglia et al. (2013) observed W 2 using ATCA and found the total flux

density across RCW 49 to be 146±12 Jy and 103±30 Jy at 5.5 GHz and 9.0 GHz

respectively. They detect 6 discrete radio sources, only one of which has a coun-

terpart at other wavelengths. The bulk of the emission seen in RCW49 has

a spectral index of α ∼ 0, which is consistent with the optically thin plasma

expected from such an HII region. However, some emission from the so-called

“bridge” region show signs of non-thermal components from relativistic electrons.

A.4 The Orion Extended Nebula (M42)

The Orion Nebula Cluster (ONC), also known as the Trapezium cluster, contains

the nearest rich and concentrated sample of pre-MS stars. The OB members

of the ONC photoionize the Orion Nebula (M 42), a blister HII region at the

near edge of Orion A, the nearest giant molecular cloud (D ≈ 450 pc). Güdel

et al. (2008) recently detected diffuse, soft (0.3 − 1 keV) X-ray emission in the

Extended Orion Nebula (EON). The characteristic temperature of the plasma is

kT ≈ 0.2 keV. The intrinsic X-ray luminosity in the 0.1 − 10 keV energy band

is Lx = 5.5 × 1031 ergs s−1. Two regions of diffuse emission, a northern and

a southern, are identified with respective emission measures of EM = n2
eV =

1.5 × 1054 and 1.9 × 1054 cm−3. The attenuating column NH is very low, being

4.1 × 1020 cm−2 for the northern, and < 1020 cm−2 for the southern.
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The total mass of the X-ray emitting gas is estimated to be 0.07 M⊙, which

is roughly 105 yrs of mass-loss of the dominant O5.5 star θ1Ori C. The radiative

cooling time is estimated to be ≈ 1.8− 3.9 Myr. The density of the X-ray plasma

is determined to be ne = 0.1−0.5 cm−3. The X-ray and ionized gas are in approx-

imate pressure equilibrium (nHII ≈ 100 cm−3), and the hot gas is likely channeled

by the cooler denser structures rather than disrupting them by expansion. Leak-

age of the hot plasma via an X-ray champagne flow into the nearby Eridanus

superbubble is suggested.

Garay et al. (1987) detected 21 radio sources in the Orion Nebula using the

VLA in a combination of A, B and C configurations, all but one of which having

either an infrared or X-ray counterpart. 13 of these sources are likely to be

relatively dense fragments remaining from a massive molecular cloud, and are

surrounded by ionized envelops. Garay et al. (1987) attribute the destruction

of this giant molecular cloud to the action of radiation and stellar winds from

the young stellar population formed from within it. Dicker et al. (2009) measure

α = 1.19 ± 0.12 using GBT (Robert C. Byrd Green Bank Telescope) and the

VLA. Wilson & Pauls (1984) observe an integrated flux over Orion A of 400 Jy

at 23 GHz using the Efflesberg 100m telescope.

A.5 The Rosette Nebula

The Rosette Nebula is a blister HII region at the tip of the giant Rosette molecular

cloud. It has a distinct ringlike appearance in both radio and optical images, and

is photoionized by the open cluster NGC 2244 whose stellar winds have cleared

a hole in the Nebula’s centre (Celnik, 1985; Townsley et al., 2003). NGC 2244
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contains 7 O-type stars, all of which have MS luminosity classes, with the earliest

spectral type being O4V((f)). A recent analysis of 6 of these stars by Martins

et al. (2012) determined an upper age limit of 2 Myr for the most massive stars, in

excellent agreement with earlier determinations (e.g. Hensberge et al., 2000; Park

& Sung, 2002). Photometric distance estimates range between 1.4 and 1.7 kpc,

and 1.55 kpc is adopted in this work. Wang et al. (2008) find an absence of

mass segregation and conclude that the cluster is not dynamically evolved. The

two dominant O stars (HD 46223, O4V((f)); HD 46150, O5V((f))z) are widely

separated (by at least 3 pc). In contrast, the O stars in the Trapezium Group

and M17 are concentrated within the inner 0.5 pc.

Townsley et al. (2003) find that soft diffuse X-ray plasma surrounds the OB

association and fills the nebula cavity completely. It likely originates from the

O-star winds and is later brought to thermalization by wind-wind interactions

or by shocking against surrounding molecular material. The X-ray emission is

brightest in the central 3 pc radius, corresponding roughly to the central cavity.

The diffuse emission can be fit by a two-temperature thermal plasma model,

with components kT1 = 0.06 ± 0.02 and kT2 = 0.8 ± 0.1 and a single absorbing

column NH = 2 ± 1 × 1021 cm−2. The hotter component is dominant. The

intrinsic 0.5 − 2 keV luminosity (for D = 1.55 kpc) is ≈ 7 × 1032 ergs s−1. There

is no significant emission above 2 keV. Correcting Townsley et al.’s values for a

slightly greater assumed distance, the diffuse plasma number density and mass

are estimated as ne,x ∼ 0.1 cm−3 and Mx ∼ 0.05 M⊙.

Celnik (1985) observed the Rosette Nebula using the 100 m Effelberg tele-

scope, and found the total flux density to be 420±70 Jy and 350±30 Jy at 1.41 GHz

and 4.75 GHz respectively. He also measured a mean spectral index α = −0.15±



207

0.11. He found that the spectral index at the centre of the nebula was systemat-

ically larger than in the surrounding regions, and attributed this to a shell-type

density model.

A.6 The Quintuplet Cluster

The Quintuplet cluster is named after its five brightest stars (Nagata et al., 1990).

It is located near the Galactic Centre, is unusually dense, and is host to at least

10 massive, windy, WR stars and more than a dozen luminous OB supergiants

(Figer et al., 1999a,b). It is somewhat less massive and dense than the Arches

cluster, however. Its age is estimated to be about 3.5−4 Myr (Figer et al., 1999b;

Liermann et al., 2012).

Law & Yusef-Zadeh (2004) determine that the Quintuplet cluster shows ther-

mal diffuse emission with a peak temperature kT = 2.42± 0.5 keV at the cluster

centre, and with Lx ∼ 1034 ergs s−1. The diffuse emission is much fainter than that

in the Arches and has a very low surface brightness. It also has essentially the

same spectral shape as the integrated spectrum from the detected sources. Con-

sidering the distance to the cluster, contamination by unresolved point-sources

may be an issue.

Wang et al. (2006) analyze a deeper Chandra exposure. They report the same

concerns as Law & Yusef-Zadeh (2004) and in addition note that the extent of

the diffuse emission from the Quintuplet cluster is uncertain. With an extraction

radius of 1 arcmin, Wang et al. (2006) find that a single-temperature thermal

plasma model yields kT = 10+4.6
−2.7 keV and NH = 3.8+0.7

−0.5 × 1022 cm−2, giving an

absorption-corrected 2 − 8 keV luminosity of Lx ∼ 3 × 1033 ergs s−1. The ra-
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dial diffuse X-ray intensity profile falls off more rapidly than SPH simulations

(Rockefeller et al., 2005) predict.

Lang et al. (2005) detected ten radio sources in the Quintuplet cluster using

the VLA. They observed these souces at ν = 4.9, 8.5, 22.5 and 43.4 GHz to deter-

mine the spectral indices. Three of the sources were found to have flat spectral

indices, with α ∼ -0.3 to -0.1 with an average error of ±0.4. A futher six sources

were observed to have rising spectral indices, with α ∼+0.4 to +2.0 with errors

ranging from ±0.2–0.8. The final source is the Pistol Star, which has a spectral

index α = +0.1± 0.4. The three most compact of these sources were thought to

be produced by stellar wind emission. The rest of the sources are likely to be a

combination of stellar wind emission and free-free emission from the surrounding

ionized gas. Three of the sources had no stellar counterpart, and are likely to be

caused by emission arising from compact or ultra-compact HII regions.

Although the total integrated flux density over the entire region is not quoted,

a lower limit can be set by summing the flux densities of each of the radio sources

detected. These lower limits are 12.62, 13.72, 13.55 and 8.9 mJy at 4.9, 8.5,

22.5 and 43.4 GHz respectively. All ten of the sources were detected at 4.9 and

8.5 GHz, but only eight were detected at 22.5 GHz and five at 43.4 GHz.

A.7 Westerlund 1

Westerlund 1 (hereafter W 1) is the most massive stellar cluster known in the

Galaxy (Brandner et al., 2008; Clark et al., 2005). It contains a rich population

of massive stars which include more than 20 WR stars (Crowther et al., 2006),

more than 80 OB stars, and short-lived transitional objects including luminous
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blue variables (LBVs), red supergiants (RSGs) and half the currently known

population of yellow hypergiants (YHGs) in the Galaxy. Estimates for its age

range from 3.6± 0.7 Myr (Brandner et al., 2008) to 5± 1 Myr (Lim et al., 2013).

Its distance remains somewhat uncertain, but estimates appear to be converging

on the range 4 − 5 kpc (see Brandner et al., 2008, and references therein). It

shows evidence of mass segregation (Lim et al., 2013).

At an age of ∼ 4− 5 Myr, perhaps 100 SNe have already occured in W 1 (see,

e.g., the discussion in Muno et al., 2006). The presence of an isolated X-ray pulsar

confirms that supernovae have occurred there. However, the likelihood of a recent

SNR contributing to the diffuse emission depends on the recent occurrence of a

SN event in or near the core, as discussed in Muno et al. (2006) and Kavanagh

et al. (2011).

The X-ray point sources from a Chandra observation are analyzed and re-

ported by Clark et al. (2008), while the diffuse emission is analyzed by Muno

et al. (2006). The diffuse emission has an intrinsic (2 − 8 keV) luminosity of

Lx ∼ 3 ± 1 × 1034 ergs s−1, and a Lorentzian spatial distribution with a HWHM

along the major axis of 25 ± 1 arcseconds (∼ 0.5 pc), and a 5 arcmin halo. The

emission (in the energy range 1.5−8 keV) can be fitted with a soft thermal compo-

nent (kT1 ∼ 0.7 keV), plus either a harder thermal component (kT2 ∼ 3 keV) with

a low (. 0.3 solar) Fe abundance, or a nonthermal component with a power-law

index Γ ∼ 2. The absorbing column, NH ∼ 2× 1022 cm−2. In the thermal model,

kT2 increases with distance from the cluster, while in the non-thermal model, Γ

is significantly steeper in the centre-most region considered. There is no evidence

for a recent SN explosion. Less than 10−5 of the mechanical luminosity is dissi-

pated as 2−8 keV X-rays so it is conjectured that a large fraction escapes into the
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ISM. However, the X-ray halo between 2− 5 arcmin (3− 7 pc radius) is observed

to attain a constant surface brightness of ≈ 7 × 10−14 ergs cm−2 s−1 arcmin−2,

which is not consistent with a cluster wind where almost all of the diffuse X-ray

emission is produced within the core radius Rc (Stevens & Hartwell, 2003). A

thermal interpretation of the halo of diffuse emission is further challenged by the

high temperature and lack of line emission.

More recently, Kavanagh et al. (2011) analyze an XMM-Newton pointing

and determine that the hard component in an inner 2 arcmin radius region is

actually thermal, with a clearly detected He-like Fe 6.4 keV line. No evidence of

a non-thermal component was found. They report that the diffuse emission has

a 2 − 8 keV luminosity of Lx ∼ 1.7 × 1033 erg s−1.

Dougherty et al. (2010) find 18 cluster members in W 1, with spectra con-

taining both thermal and non-thermal components using ATCA. The brightest

source in the cluster is W 9, which has a radio flux density of 55.4 mJy at 8.6 GHz,

making it one of the most luminous radio stars. They also found the total radio

flux from W 1 to be 699, 523, 461 and 422 mJy at 1.4, 2.2, 4.8 and 8.6 GHz re-

spectively. The extended emission (with the fluxes of the radio stars subtracted

from the total emission) is 426, 351 and 307 mJy at 2.2, 4.8 and 8.6 GHz respec-

tively. At t = 4 Myrs, the most massive star in the simulation evolves to become

a RSG. At this time the flux density drastically increases due to the high density,

reaching 3436, 3313, 3046 and 2862 mJy at 1.4, 2.2, 5.0 and 8.7GHz respectively.

This is approximately 5–6 times higher than observed interferometrically in W 1.

However, at t = 3.9 Myrs the flux densities are 35, 34, 31 and 29 mJy at 1.4, 2.2,

5.0 and 8.7 GHz respectively. Whilst this is now considerably lower than the val-

ues observed in W 1 this is not wholely unexpected due to the considerably larger
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number of O-stars present.

A.8 The Lagoon Nebula (M8, NGC 6530)

The Lagoon Nebula is an HII region associated with the young (13 Myr) open

cluster NGC 6530, which contains several O-stars and about 60 B-stars. It is

about 1.3 kpc away (see Henderson & Stassun, 2012, and references therein).

Ongoing star formation occurs in several places, notably the Hourglass Nebula

(the brightest part of M8) and M8 E. The Hourglass Nebula is illuminated by

an O7V star (Herschel 36). Henderson & Stassun (2012) argue that NGC 6530

is slightly younger than the Orion Nebula Cluster (ONC), being . 1.65 Myr

assuming the ONC is 2 Myr old. If the ONC is actually 3 Myr old, this would

give the Hourglass Nebula an age of 2.5 Myr. The Lagoon Nebula is summarized

in Tothill et al. (2008).

Rauw et al. (2002) claim that soft diffuse emission was “probably” detected

from the southern lobe of the Hourglass nebula. The emission can be fitted with

an absorbed MEKAL model with NH = 1.11+0.15
−0.17×1022 cm−2, kT = 0.63+0.07

−0.05 keV

and an intrinsic (0.2−2.0 keV) luminosity of 6.6×1032 ergs s−1. However, there is

unboutedly some contamination from unresolved point sources. No diffuse emis-

sion is seen from a qualitative examination of a Chandra observation of M8 which

did not cover the Hourglass Nebula (Townsley et al., 2003) - see also Damiani

et al. (2004).

Woodward et al. (1986) performed multiwavelength observations of the inner

core of the M 8 Hourglass region, including VLA observations in the C configu-

ration at 5 GHz. They detected the total flux density to be 4030 mJy at 5 GHz,
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assuming a distance of 1.5 kpc from the Sun. The total integrated flux density

was found to be 2.17 Jy in the western lobe and 1.86 Jy in the eastern lobe. The

radio maxima is observed to be in the northern lobe of the Hourglass. They

assume an optically thin thermal plasma and an electron temperature of 7100 K

based on observations by Rodriguez & Lichten (1979). However, Goudis (1975)

determined that M 8 had both an optically thick and optically thin component,

implying some non-thermal components to the spectra. In a subsequent paper,

Goudis (1976) determined the presence of 10 ionizing stars in the cluster.

A.9 The Arches Cluster

The Arches cluster, like the Quintuplet cluster, lies close to the Galactic Centre,

being only 26 pc away in projection (see, e.g. Figer et al., 1999b). It is slightly

younger (2−2.5 Myrs, Martins et al., 2008; Najarro et al., 2004) and more massive

(Figer et al., 2002) than the Quintuplet cluster. Clarkson et al. (2012) have

recently measured the kinematic mass of the cluster using Keck -LGS adaptive

optics.

The deepest Chandra observation to date is by Wang et al. (2006). Diffuse

thermal X-ray emission with a prominent Fe Kα 6.7 keV emission line is seen from

the core of the Arches cluster. The surface intensity declines steeply with radius,

consistent with a cluster wind origin. This central (r < 0.6 pc) ”plume” region

can be fitted with a single temperature NEI plasma model with kT = 2.56 keV,

τ = 1.2× 1011 cm−3 s, NH = 1.1× 1023 cm−2 and an intrinsic (2-8keV) luminosity

of Lx = 3.8 × 1033 ergs s−1.

In contrast, the emission in the outer regions of the cluster shows a prominent
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line at 6.4 keV, a power-law continuum emission of non-thermal origin, and a

non-axissymmetric spatial distribution with a bowshock morphology. This may

result from an ongoing collision between the cluster and the adjacent molecular

cloud, which has a relative velocity of 120 km s−1. The interpretation of the

6.4 keV Fe Kα flourescence emission from neutral Fe is still debated, with Wang

et al. (2006) favouring a cosmic ray origin but Capelli et al. (2011) favouring

photoionization of nearby molecular clouds by X-ray photons. Wang et al. (2006)

find that the SE extension (which is where the 6.4 keV emission is) is best fitted

with a PL+Gaussian spectral model with Γ = 1.3+1.4
−1.1 and NH = 6.2× 1022 cm−2,

and has an intrinsic (2−8 keV) luminosity Lx = 4.1×1033 ergs s−1. An even more

extended “LSBXE” region is fitted with a MEKAL+PL+GAUSSIAN spectral

model with kT = 0.45 keV, Γ = 1.3(fixed) and NH = 9.2 × 1022 cm−2, with an

intrinsic (2 − 8 keV) Lx = 1.2 × 1034 ergs s−1.

Fig. 15 in Wang et al. (2006) shows the radial diffuse X-ray intensity pro-

files around the Arches cluster. It falls off much less rapidly than simulations

(Rockefeller et al., 2005).

Lang et al. (2001) detected 8 radio sources in the Arches cluster at 4.9 and

8.5 GHz using the A configuration of the VLA. Seven of these sources had coun-

terparts at other wavelengths. The spectral indices of these stars range from

0.3–0.6, although there is one star exhibiting a spectrum of -0.7. The bulk of

the emission is consistent with stellar wind emission, whilst the star with the

non-thermal spectrum is thought to be tracing a young, lower mass member of

the cluster. Although the total integrated flux density over the entire region is

not quoted, a lower limit can be set by summing the flux densities of each of

the radio sources detected. These lower limits are 2.69 and 3.21 mJy at 4.9 and
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8.5 GHz respectively.

A.10 NGC 3576 (RCW 57)

NGC 3576 is a giant HII region located at a distance of 2.8 ± 0.3 kpc (Figuerêdo

et al., 2002), and which is projected to within 30 arcminutes of the more dis-

tant region NGC 3603. Together these regions make up the RCW 57 complex.

The ionizing cluster for NGC 3576 remains deeply embedded in the centre of an

extended filamentary dust cloud, and not enough massive stars have yet been

found to account for the radio luminosity (Barbosa et al., 2003; Figuerêdo et al.,

2002). The evidence for sequential star formation in NGC 3576 remains contro-

versial (see Purcell et al., 2009, and references therein). These authors provide a

schematic of the region (their Fig. 16).

Townsley et al. (2011) analyzed two Chandra pointings. A southern pointing

was centered on NGC 3576, while a northern pointing was designed to search for

a young stellar cluster associated with the O8V+O8V eclipsing binary HD 97484

(EM Car) and the O9.5Ib star HD 97319. Diffuse emission is seen to the SE of

NGC 3576 (hereafter identified as NGC 3576S), while hard X-rays were seen in the

northern pointing. Townsley et al. (2011) identified these sources as NGC 3576S

and NGC 3576N, respectively. The northern pointing revealed a young cluster

(termed NGC 3576OB) which appears older than NGC 3576 to the south.

NGC 3576S requires a 2-temperature spectral fit, with kT1 = 0.31+0.06
−0.07 and

kT2 = 0.53. The absorbing columns are NH = 1.3 × 1022 cm−2 and NH = 2.5 ×

1021 cm−2, respectively. The softer component dominates the total emission which

has an intrinsic Lx = 1.1× 1034 ergs s−1. Townsley et al. (2011) suggests that the
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hot plasma responsible for this emission has forced itself out through a low-density

pathway, analogous to the outflow seen from M17, but seen more face-on and at

a slightly earlier phase. A gaussian at 0.72 keV (which accounts for 16% of the

total emission) is required for a good fit. This may represent charge exchange

processes.

In contrast NGC 3576N requires the presence of a power-law component in

spectral models. The intrinsic luminosity is Lx = 1.2×1034 ergs s−1, 24% of which

is contributed by a power-law continuum. A 3-temperature model is also required

for a good fit, with the hardest NEI component (kT3 = 0.7 keV) accounting for

48% of the total emission. Townsley et al. (2011) speculate that the diffuse

emission from this region has been enhanced by a recent cavity SN. There is no

evidence for charge exchange.

de Pree et al. (1999) find the integrated flux density over the whole of NGC 3576

to be Stot = 71±1 Jy at 8.8 GHz using ATCA in the B and D configurations. This

is 73% of the single-dish, 14.7 GHz flux of 97.8 Jy observed by McGee & Newton

(1981). Using ATCA has increased the spatial resolution of the observations of

NGC 3576 by a factor of ∼10 over previous observations.

A.11 NGC3603

The luminous giant HII region NGC 3603 contains the compact star cluster HD 97950,

which is one of the most massive young star clusters in the Milky Way. It con-

tains 3 core H-burning WN-stars and up to 50 O-stars (Drissen et al., 1995). The

most massive stars in the core appear to be coeval with an age of about 1 Myr,

while less massive stars and stars in the cluster outskirts appear to be older (Me-
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lena et al., 2008; Pang et al., 2013, and references therein). It shows clear mass

segregation, despite its young age. Pang et al. (2013) suggest that dynamical

processes may have been dominant for the high mass stars. Star formation ap-

pears to have occurred almost instantaneously, with Kudryavtseva et al. (2012)

deriving an upper limit to the age spread of 0.1 Myr. The distance to NGC 3603

is thought to be 7 ± 1 kpc (Harayama et al., 2008). Banerjee & Kroupa (2013)

explore whether a phase of substantial gas-expulsion has occurred in NGC 3603.

A Chandra cycle 1 observation was presented by Moffat et al. (2002), who

noted diffuse X-ray emission within a central region of 2 arcmin radius with an

intrinsic luminosity Lx = 2×1034 ergs s−1. However, this is 20% of the integrated

point source emission within this region and may be completely due to undetected

point sources.

Townsley et al. (2011) recently re-analyzed this observation, finding 1328 point

sources compared to the 348 sources found by Moffat et al. (2002). The diffuse

X-ray emission is anti-coincident with the mid-IR emission which traces the sur-

rounding heated dust. This is consistent with the hot plasma from the shocked

stellar winds filling the cavities that they have carved. Excluding an area around

the core of NGC 3603 (which is likely dominated by unresolved point sources)

and a region to the west (which may contain foreground emission related to the

NGC 3576 cluster), the diffuse X-ray emission is dominated by an NEI thermal

plasma component with kT1 = 0.53 keV, τ = 2×1010 cm−3 s, NH = 2×1022 cm−2,

and which contributes 86% of the total intrinsic Lx = 2.6 × 1035 ergs s−1. No ev-

idence for charge exchange processes was found though the exposure is quite

short.

de Pree et al. (1999) estimate the flux density of 13 sources at 8.8 GHz to
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be 25 Jy using ATCA in the B and D configurations. This is only 38% of the

single-dish flux density of 65.9 Jy. Moffat et al. (2002) investigated the small-

scale structure in the region using the longest possible baseline of ATCA. They

detected two significant but faint radio sources in the central cluster region, the

strongre of which is located right at the centre of the cluster. They find a flux

density Sν = 3.3±0.3 mJy at 3 cm (10 GHz) for this source. This is a reasonable

flux if arising from the winds of ∼10–20 hot O/WNL stars as a result of thermal

bremsstrahlung emission.

A.12 NGC2024 (The Flame Nebula)

The Flame Nebula, NGC 2024, is one of the nearest sites of massive star formation

(D = 415 pc, Anthony-Twarog, 1982). It is part of the Orion B giant molecular

cloud (e.g. Mitchell et al., 2001) and is near the Horsehead Nebula. A 3D structure

of the region was proposed by Barnes et al. (1989) (see also Emprechtinger et al.,

2009). (Bik et al., 2003) suggested that the O8V-B2V star IRS 2b is the ionizing

source of the HII region, but Burgh et al. (2012) note that it could be a supergiant.

The age of NGC 2024 is unclear, with estimates ranging from 0.3 Myr (Meyer,

1996) to several Myr (Comeron et al., 1996).

Diffuse X-ray emission with a radius of 0.5 pc from the centre of NGC 2024

was reported by Ezoe et al. (2006b). The emission has a very hard continuum

(kT > 8 keV) and shows a He-like Fe Kα line. Fitting the data with a “leaky

absorber” model (where emission from a single temperature plasma reaches the

observer via two paths with different absorption) returns kT ≈ 11 keV with NH =

0.21×1022 and 3.3×1022 cm−2. The intrinsic X-ray luminosity in the 0.5−7 keV
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band is Lx = 2× 1031 ergs s−1. Ezoe et al. (2006b) note that a single massive star

with a wind comparable to, or stronger than, that of a typical B0.5V star has

enough energetics to power the observed X-ray emission. This work shows that

diffuse emission is present in a MSFR in which only late O to early B stars exist.

Rodŕıguez et al. (2003) found 25 compact radio sources in a region of 4’×4’ in

the Flame Nebula using the A configuration of the VLA, 21 of which have coun-

terparts at other wavelengths. Earlier studies by Terzian et al. (1968) and Mezger

& Ellis (1968) determined the flux density over NGC 2024 using the NRAO to

be 64.9, 65.9, 63.0 and 58.6 Jy at 1.41, 2.695, 5.0 and 15.35 GHz respectively.
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Alūzas, R., Pittard, J.M., Hartquist, T.W., Falle, S.A.E.G. & Lang-

ton, R. (2012). Numerical simulations of shocks encountering clumpy regions.

MNRAS , 425, 2212–2227. 64

Anthony-Twarog, B.J. (1982). The H-beta distance scale for B stars - The

Orion association. AJ , 87, 1213–1222. 217



220

Ascenso, J., Alves, J. & Lago, M.T.V.T. (2009). No evidence of mass

segregation in massive young clusters. A&A, 495, 147–155. 11

Axon, D.J. & Taylor, K. (1978). M82 - The exploding galaxy. Nature, 274,

37. 1

Banerjee, S. & Kroupa, P. (2013). Did the Infant R136 and NGC 3603

Clusters Undergo Residual Gas Expulsion? ApJ , 764, 29. 216

Barbosa, C.L., Damineli, A., Blum, R.D. & Conti, P.S. (2003). Gemini

Mid-Infrared Imaging of Massive Young Stellar Objects in NGC 3576. AJ , 126,

2411–2420. 214

Barnes, P.J., Crutcher, R.M., Bieging, J.H., Storey, J.W.V. & Will-

ner, S.P. (1989). Orion B (NGC 2024). I - VLA and IR observations of the

H II region. ApJ , 342, 883–907. 217

Becker, W., Prinz, T., Winkler, P.F. & Petre, R. (2012). The Proper

Motion of the Central Compact Object RX J0822-4300 in the Supernova Rem-

nant Puppis A. ApJ , 755, 141. 128, 166

Beerer, I.M., Koenig, X.P., Hora, J.L., Gutermuth, R.A., Bontemps,

S., Megeath, S.T., Schneider, N., Motte, F., Carey, S., Simon, R.,

Keto, E., Smith, H.A., Allen, L.E., Fazio, G.G., Kraemer, K.E.,

Price, S., Mizuno, D., Adams, J.D., Hernández, J. & Lucas, P.W.

(2010). A Spitzer View of Star Formation in the Cygnus X North Complex.

ApJ , 720, 679–693. 30



221

Benaglia, P., Koribalski, B., Peri, C.S., Marti, J., Sanchez-Sutil,

J.R., Dougherty, S.M. & Noriega-Crespo, A. (2013). High resolution

radio emission from RCW 49/Westerlund 2. ArXiv e-prints. 204

Beuther, H., Linz, H. & Henning, T., eds. (2008). Massive Star Formation:

Observations Confront Theory , vol. 387 of Astronomical Society of the Pacific

Conference Series. 1

Bieging, J.H., Abbott, D.C. & Churchwell, E.B. (1982). Mass loss rates

for Wolf-Rayet stars from radio continuum observations. ApJ , 263, 207–214.

134

Bieging, J.H., Abbott, D.C. & Churchwell, E.B. (1989). A survey of

radio emission from Galactic OB stars. ApJ , 340, 518–536. 38, 134

Bik, A., Lenorzer, A., Kaper, L., Comerón, F., Waters, L.B.F.M., de

Koter, A. & Hanson, M.M. (2003). Identification of the ionizing source of

NGC 2024. A&A, 404, 249–254. 217

Bik, A., Puga, E., Waters, L.B.F.M., Horrobin, M., Henning, T.,

Vasyunina, T., Beuther, H., Linz, H., Kaper, L., van den An-

cker, M., Lenorzer, A., Churchwell, E., Kurtz, S., Kouwenhoven,

M.B.N., Stolte, A., de Koter, A., Thi, W.F., Comerón, F. &

Waelkens, C. (2010). Sequential Star Formation in RCW 34: A Spectro-

scopic Census of the Stellar Content of High-Mass Star-Forming Regions. ApJ ,

713, 883–899. 30

Blair, W.P., Morse, J.A., Raymond, J.C., Kirshner, R.P., Hughes,

J.P., Dopita, M.A., Sutherland, R.S., Long, K.S. & Winkler, P.F.



222

(2000). Hubble Space Telescope Observations of Oxygen-rich Supernova Rem-

nants in the Magellanic Clouds. II. Elemental Abundances in N132D and 1E

0102.2-7219. ApJ , 537, 667–689. 127, 166

Bland, J. & Tully, B. (1988). Large-scale bipolar wind in M82. Nature, 334,

43–45. 2

Blondin, J.M., Kallman, T.R., Fryxell, B.A. & Taam, R.E. (1990). Hy-

drodynamic simulations of stellar wind disruption by a compact X-ray source.

ApJ , 356, 591–608. 50

Bodenheimer, P., Tenorio-Tagle, G. & Yorke, H.W. (1979). The gas

dynamics of H II regions. II - Two-dimensional axisymmetric calculations. ApJ ,

233, 85–96. 26

Bonatto, C., Santos, J.F.C., Jr. & Bica, E. (2006). Mass functions and

structure of the young open cluster NGC 6611. A&A, 445, 567–577. 11, 174

Bonnell, I.A. & Bate, M.R. (2005). Binary systems and stellar mergers in

massive star formation. MNRAS , 362, 915–920. 11

Bonnell, I.A. & Bate, M.R. (2006). Star formation through gravitational

collapse and competitive accretion. MNRAS , 370, 488–494. 9

Bonnell, I.A., Bate, M.R., Clarke, C.J. & Pringle, J.E. (1997). Accre-

tion and the stellar mass spectrum in small clusters. MNRAS , 285, 201–208.

10

Bonnell, I.A., Bate, M.R. & Zinnecker, H. (1998). On the formation of

massive stars. MNRAS , 298, 93–102. 11



223

Bowler, B.P., Waller, W.H., Megeath, S.T., Patten, B.M. &

Tamura, M. (2009). An Infrared Census of Star Formation in the Horsehead

Nebula. AJ , 137, 3685–3699. 27

Bradamante, F., Matteucci, F. & D’Ercole, A. (1998). The influence of

stellar energetics and dark matter on the chemical evolution of dwarf irregulars.

A&A, 337, 338–348. 18

Brandl, B.R. (2005). 30 Doradus - a Template for “Real Starbursts”? In R. de
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Figuerêdo, E., Blum, R.D., Damineli, A. & Conti, P.S. (2002). The

Stellar Content of Obscured Galactic Giant H II Regions. IV. NGC 3576. AJ ,

124, 2739–2748. 214

Flanagan, K.A., Canizares, C.R., Dewey, D., Houck, J.C., Fred-

ericks, A.C., Schattenburg, M.L., Markert, T.H. & Davis, D.S.

(2004). Chandra High-Resolution X-Ray Spectrum of Supernova Remnant 1E

0102.2-7219. ApJ , 605, 230–246. 125

Franco, J., Tenorio-Tagle, G. & Bodenheimer, P. (1990). On the for-

mation and expansion of H II regions. ApJ , 349, 126–140. 27

Freyer, T., Hensler, G. & Yorke, H.W. (2003). Massive Stars and the

Energy Balance of the Interstellar Medium. I. The Impact of an Isolated 60

Msolar Star. ApJ , 594, 888–910. 173

Freyer, T., Hensler, G. & Yorke, H.W. (2006). Massive Stars and the

Energy Balance of the Interstellar Medium. II. The 35 Solar Mass Star and a

Solution to the “Missing Wind Problem”. ApJ , 638, 262–280. 53, 173



235

Fujita, Y., Hayashida, K., Takahashi, H. & Takahara, F. (2009).

Suzaku Observation of Diffuse X-Ray Emission from the Open Cluster West-

erlund 2: a Hypernova Remnant? PASJ , 61, 1229–. 203

Gaensler, B.M. & Wallace, B.J. (2003). A Multifrequency Radio Study

of Supernova Remnant G292.0+1.8 and Its Pulsar Wind Nebula. ApJ , 594,

326–339. 126

Gaetz, T.J., Butt, Y.M., Edgar, R.J., Eriksen, K.A., Plucinsky,

P.P., Schlegel, E.M. & Smith, R.K. (2000). Chandra X-Ray Observa-

tory Arcsecond Imaging of the Young, Oxygen-rich Supernova Remnant 1E

0102.2-7219. ApJL, 534, L47–L50. 125

Garay, G., Moran, J.M. & Reid, M.J. (1987). Compact continuum radio

sources in the Orion Nebula. ApJ , 314, 535–550. 205

Garcia-Segura, G. & Franco, J. (1996). From Ultracompact to Extended

H II Regions. ApJ , 469, 171. 27

Genzel, R. & Downes, D. (1977). H2O in the Galaxy: sites of newly formed

OB stars. 30, 145–168. 161, 202

Ghavamian, P., Long, K.S., Blair, W.P., Park, S., Fesen, R.,

Gaensler, B.M., Hughes, J.P., Rho, J. & Winkler, P.F. (2012).

Spitzer Imaging and Spectral Mapping of the Oxygen-rich Supernova Rem-

nant G292.0+1.8. ApJ , 750, 39. 126



236

Gonzalez, M. & Safi-Harb, S. (2003). New Constraints on the Energetics,

Progenitor Mass, and Age of the Supernova Remnant G292.0+1.8 Containing

PSR J1124-5916. ApJL, 583, L91–L94. 126

Goudis, C. (1975). The radio spectra of four H II regions /Orion B, M8, M16

and M17/. Ap&SS , 37, 455–462. 212

Goudis, C. (1976). A classification of the available astrophysical data of partic-

ular H II regions. V - M8 and M20: Mapping and physical parameters of the

objects. Ap&SS , 40, 281–314. 212

Gray, W.J. & Scannapieco, E. (2011). Formation of Compact Stellar Clus-

ters by High-redshift Galaxy Outflows. II. Effect of Turbulence and Metal-line

Cooling. ApJ , 733, 88. 1

Grebel, E.K. & Chu, Y.H. (2000). Hubble Space Telescope Photometry of

Hodge 301: An “Old” Star Cluster in 30 Doradus. AJ , 119, 787–799. 43

Gritschneder, M., Naab, T., Walch, S., Burkert, A. & Heitsch, F.

(2009). Driving Turbulence and Triggering Star Formation by Ionizing Radia-

tion. ApJL, 694, L26–L30. 27, 31
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Jones, P., Herpin, F., Hill, T., Cunningham, M.R. & Burton, M.G.

(2009). Multi-generation massive star-formation in NGC 3576. A&A, 504, 139–

159. 214
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Nazé, Y., Oey, M.S., Park, S., Petre, R. & Pittard, J.M. (2011).

The Chandra Carina Complex Project: Deciphering the Enigma of Carina’s

Diffuse X-ray Emission. ApJS , 194, 15. 34, 93, 121, 201, 214, 215, 216

Usov, V.V. (1992). Stellar wind collision and X-ray generation in massive bina-

ries. ApJ , 389, 635–648. 38

van Buren, D. (1985). The initial mass function and global rates of mass,

momentum, and energy input to the interstellar medium via stellar winds.

ApJ , 294, 567–577. 174

van Loo, S. (2010). Non-Thermal Radio Emission from â??Presumablyâ?? Sin-
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