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Abstract

The �rst generation of stars is thought to have been very massive (150-300 M�) and

produces pair creation supernovae (PCSNe) at the end of their life. However, the chemical

signature of PCSNe is not observed in extremely metal poor stars (e.g. Umeda & Nomoto,

2002) and it raises the following questions: Were stars born less (or more massive) than

the mass range expected to lead to the PCSNe? Or is mass loss too strong during

the evolution of these stars and prevented them from retaining enough mass to produce

PCSNe? The discovery of very massive stars (VMS, M> 100 M�) in the Milky Way and

LMC (Crowther et al., 2010) shows that VMS can form and exist. The observation of

PCSN candidates (SN 2006gy & SN 2007bi) also seems to indicate that such supernovae

(SNe) may occur. Mass loss plays a crucial role in the life of VMS since the star will only

die as a PCSN if the star retains a high mass throughout its life. In this thesis, we shall

describe the dependence of VMS evolution on metallicity and present stellar evolution

models at various metallicities, including the e�ects of mass loss and rotation. Based

on our models, we will give our predictions concerning the fate of these VMS, either

a PCSN or supernova Type Ic (SN Ic) as a function of metallicity and mass loss rate

prescriptions used. Our models that predict the star will end up as PCSN are models at

LMC metallicity with mass around 500 M� and rotating SMC metallicity models with

mass 120 < M� < 280. Other than that it will die as a black hole or a core-collapse

supernova. We also study the impact of the updated neutrino energy loss from Itoh et al.

(1996) that supersedes the neutrino energy loss from Itoh et al. (1989) which has been

used in the Geneva stellar evolution code. Neutrino energy loss is an important process in
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the evolution of advanced stages of massive stars since most of the energy loss is through

the neutrino processes. From our study, the VMS do not have any signi�cant e�ects when

we update the neutrino energy loss. This is due to the prominent process in neutrino

energy loss which is photoneutrino process that remains unchanged in Itoh et al. (1996).

Finally we apply an updated nuclear reaction rates using WKB method for 12C(p,γ)13N,

15N(p,γ)16O and 16O(p,γ)17F in the CNO cycle. Evolution of massive and very massive

stars are studied and we �nd the new reaction rates in�uence the surface and central

abundances of 12C in these stars.
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Abstrak

Generasi pertama bintang di�kirkan mempunyai jisim yang sangat tinggi (150-300

M�) dan menghasilkan supernova pengwujudan pasangan (PCSNe) disaat kematiannya.

Tetapi tanda kimia PCSNe ini tidak dapat dicerap pada bintang yang mempunyai kan-

dungan logam yang sangat rendah (sebagai contoh Umeda & Nomoto, 2002) dan ini

menimbulkan persoalan-persoalan berikut: Adakah bintang dilahirkan lebih ringan (atau

berat) dari jisim yang dijangka untuk menjadi PCSNe? Atau adakah kehilangan jisim

amat kuat semasa evolusi menyekat bintang-bintang ini dari menyimpan jisim secukup-

nya untuk menghasilkan PCSNe? Penemuan bintang sangat berjisim (VMS> 100M�) di

Bima Sakti dan LMC (Crowther et al., 2010) menunjukkan VMS boleh terbentuk dan wu-

jud. Cerapan calon PCSN (SN 2006gy dan SN2007bi) juga menunjukkan supernova (SNe)

jenis ini boleh wujud. Kehilangan jisim memainkan peranan penting dalam kehidupan

VMS ini memandangkan ia hanya boleh mati sebagai PCSN jika ia dapat mengekalkan se-

jumlah besar jisim sepanjang hayatnya. Di dalam tesis ini, akan diterangkan pengantun-

gan evolusi VMS ke atas kelogaman dan akan mempersembahkan model evolusi bintang

pada beberapa kelogaman termasuk kesan kehilangan jisim dan putaran. Berdasarkan

model tersebut, jangkaan akan diberi berkenaan takdir VMS samada ia sebagai PCSN

atau supernova Jenis Ic (SN Ic) sebagai fungsi kelogaman dan kadar kehilangan jisim

yang digunakan. Model di dalam kerja ini menjangkakan bintang tersebut akan mati

sebagai PCSN pada kelogaman LMC sekitar 500 M� dan model putaran SMC dengan

jisim diantara 120 < M� < 280. Selain itu, ia akan mati sebagai lohong hitam atau
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supernova teras-runtuh. Kajian juga dibuat terhadap impak kehilangan tenaga neutrino

yang dikemaskini dari Itoh et al. (1996) yang menggantikan kehilangan tenaga neutrino

Itoh et al. (1989) yang telah digunapakai dalam kod evolusi bintang Geneva. Kehilan-

gan tenaga neutrino adalah proses penting dalam evolusi bintang sangat berjisim pada

peringkat lanjut memandangkan hampir kesemua tenaga hilang adalah melalui proses

neutrino ini. Daripada kajian ini, didapati VMS tidak mengalami sebarang kesan bererti

apabila kehilangan tenaga neutrino dikemaskinikan. Ini adalah disebabkan proses yang

menonjol dalam kehilangan tenaga neutrino iaitu proses fotoneutrino masih tidak berubah

di dalam Itoh et al. (1996). Akhir sekali, tindakbalas nuklear dikemaskini melalui kaedah

WKB digunakan untuk 12C(p,γ)13N, 15N(p,γ)16O dan 16O(p,γ)17F dalam kitaran CNO.

Evolusi bintang berjisim dan sangat berjisim dikaji dan didapati kadar tindakbalas baru

ini mempengaruhi kelimpahan 12C di permukaan dan pusat bintang tersebut.
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Chapter 1

Introduction

In this chapter we present the framework of this thesis. The relevance of very massive

stars is highlighted. The key ingredients that are important in very massive stars, i.e.

mass loss and rotation are introduced in this chapter. Finally, the objectives and the

outline of this thesis are presented.

1.1 The life of very massive stars

Simulations of the collapse of primordial molecular clouds suggest that the �rst generation

stars or Population III (Pop III) stars which have zero metallicity (Z = 0) (Ostriker &

Gnedin, 1996) contain many extremely massive members, from 100 up to 1000 M� (see

for e.g. Bromm et al., 1999; Abel et al., 2000).

Stars with initial mass ∼ 140 − 260 M� with zero metallicity are thought to end up

as pair creation supernovae (PCSNe) or pair instability supernovae (PISNe) and explode

completely without leaving any remnants (Barkat et al., 1967; Rakavy & Shaviv, 1967;

Bond et al., 1984; Langer & El Eid, 1986; Umeda & Nomoto, 2002; Heger & Woosley,

2002; Woosley et al., 2007; Moriya et al., 2010). This type of stars experiences very small

or almost zero mass loss. For massive objects larger than 260 M� at the same metallicity
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are thought to collapse directly to black holes without any association with supernova

(Heger & Woosley, 2002).

PCSN refers to stars where their carbon-oxygen core becomes dynamically unstable

during the oxygen-burning stage due to the creation of electron-positron pairs. As the

internal energy is spent by the pair creations, the core loses its stability and starts to

collapse. Fig. 1.1 shows the evolutionary tracks from Langer et al. (2007) for 250 M�

with extremely low metallicity, Z = Z�/20 entering the instability region, Γ < 4/3.

Figure 1.1: Evolutionary tracks from Langer et al. (2007) in the log Tc−ρc diagram.
The instability region is indicated as Γ < 4/3. Shown in blue is the slowly rotating
150 M� model at Z = Z�/20, and the 250 M� model at Z = Z�/20 entering the
instability region.

Numerous work on progenitor of PCSNe are based on stars of Population III (Bond

et al., 1984; Heger & Woosley, 2002; Langer et al., 2007; Yungelson et al., 2008; Ekström

et al., 2008; Ohkubo et al., 2009; Langer, 2009). Population III contains metal free stars

with mass range from ∼ 102 to ∼ 105 M�. These stars have enough mass to produce
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PCSNe.

The energy predicted in an explosion of PCSNe is ∼ 1053 erg for most massive stars

(Heger & Woosley, 2002). The light curves of the most massive PCSNe are then expected

to be very luminous, between 1043 − 1044 erg s−1 and long lasting (∼ 300 days). PCSNe

also have a distinct chemical signature, they produce a lot of iron but this chemical

signature is not observed in the extremely metal-poor star (EMP) (Nomoto et al., 2003)

therefore bringing question into the existence of PCSNe.

In 2009, Gal-Yam et al. observed the �rst candidate for the pair creation supernova,

SN2007bi. They observed a luminous, slowly evolving object located within a dwarf

galaxy. Their spectroscopic analysis shows the supernova contains no traces of helium,

thus classi�ed them as SN Ic. It also shows no interaction of any circumstellar material

during the event. Gal-Yam et al. (2009) estimated the exploding core mass with the

theoretical light curve of PCSNe models (Heger & Woosley, 2002; Kasen et al., 2008) and

the result gives the progenitor models of PCSNe to be ∼ 100 M�. This observation leads

the support for the existence of PCSNe.

1.1.1 Observations and mass determination of very massive stars

Observations of massive stars have been done extensively in near and far galaxies. Ob-

servations of massive stars are limited to the surface properties of the stars: surface

abundance, e�ective temperature and luminosity. These three main properties are de-

duced either from photometry or spectroscopy analyses from the observed stars. These

observational properties can be compared with theoretical stellar models and can provide

a good constraint for stellar models. In 2010, we have successfully determined the mass

of the most massive star known to date in the Tarantula Nebula (R136a1) with mass at

birth ∼ 320 M�. This �nding exceeds the upper limit of very massive stars set by Figer

(2005) which is around 150 M�. The comparison of R136a1 with red, yellow and blue
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dwarfs is illustrated in Fig. 1.2. Details in determining the very massive star mass using

stellar evolution models are discussed in Chapter 3.

Figure 1.2: Artist's illustration of R136a1 (credit to European South Observatory).

1.2 Physics of massive stars

The two important e�ects in the evolution of massive stars (or more accurately very

massive stars for this work) are mass loss and rotational mixing. Very massive stars

have a large temperature-density ratio, T/ρ ratio and it a�ects the ratio of radiation over

gas pressure thus enhances the stellar winds. This ratio also a�ects the mixing through

rotation of the star since the shear turbulence is scaled in terms of thermal di�usity,

K = 4acT 3/(3Cpκρ
2).

1.2.1 Mass loss

One of the important input for stellar evolution is mass loss. Stars lose mass at all

evolutionary phases including during the main sequence. Mass loss rate varies over very

4



wide range depending on the initial mass of the star. Lower mass stars have very low

mass loss rate compared to massive stars. For example, the mass loss rate of the Sun

is ∼ 10−14 M� yr−1 which will amount to ≈ 10−5 of the solar mass during the main

sequence.

Mass loss plays an important role in characterizing the fate of massive stars. It is

important to map the speci�c mass loss process during the various stages of evolution

of the massive stars, since the mass loss in�uences the evolutionary tracks and its fate

(see e.g Meynet et al.,1994; Heger & Woosley, 2002). The e�ects of mass loss on the

evolutionary tracks are at least two-fold: �rst and foremost the stellar mass is reduced,

and secondly, the rotational velocity is strongly a�ected, as the mass also carries away

angular momentum (e.g. Maeder & Meynet, 2000).

0.0 0.5 1.0 1.5 2.0 2.5 3.0 3.5 4.0
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Figure 1.3: Mass loss rates of rotating 120 M� and 300 M� models with solar
metallicity (Z = 0.014).

Mass loss is a complex process which involves several mechanisms. Several theories

were developed to explain how the particles of matter are lost from the stellar surface and
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how they are accelerated up to their terminal velocity. For example, amongst the theories

proposed are coronal wind theory, the dust driven wind theory and the line driven wind

theory to name a few.

The main process operating on the surface of hot massive stars is the line driven

wind. Mass loss from the stellar winds is driven by the strong radiation pressure of

very luminous stars which pushes the mass towards the surface. The main transfer of

momentum is due to the absorption of stellar radiation by atomic lines. The study of

this particular subject for both theoretical and observational has been done for many

decades (Lucy & Solomon, 1970; Castor et al., 1975; de Koter et al., 1997; Vink et al.,

1999; Nugis & Lamers, 2000; Vink et al., 2001; Mokiem et al., 2007). Recently, a new

mass loss prescription has been proposed by Vink et al. (2011) for very massive stars up

to 300 M�.

Mass loss rates in very massive stars for example 120 M� with solar metallicity is

around log10(−3.35) M� yr−1 which leads to a �nal mass ∼ 18 M�. As we go to the

higher initial mass, the mass loss rate also increases. In our 300 M� solar metallicity

models, we �nd that the mass loss rate can be as high as log10(−2.8) M� yr −1. The

mass loss rates for these two initial masses are shown in Fig. 1.3

1.2.2 Rotation

Rotation is also another important input because it in�uences the lifetimes, evolutionary

tracks, abundances, chemical yields and the fate of the stars. It also enhances the mass

loss for very massive stars. O-type stars that are used in this work, have high rotational

velocities, v. Fig. 1.4 shows the distribution of v for 496 OB-type stars (Huang & Gies,

2006) where the average velocity is 190 km s−1 after correction for the projection angle

sin i. In our work, we calculate the rotating models that produce an average velocity

which corresponds to the average velocity determined by observations. A summary of the
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Figure 1.4: Probability density in km s−1 of rotation velocity for 496 stars with
O9.5 to B8 (Huang & Gies, 2006).

physics of rotation used in the stellar evolution code for this work is discussed in Chapter

2.

1.2.3 Neutrino energy loss

In the evolution of stars, there are six major burning stages: hydrogen burning, helium

burning, carbon burning, neon burning, oxygen burning and silicon burning. During H

and He-burnings, the star loses its energy by radiation while during the remaining four

stages, neutrinos dominate the energy loss. Thus, the neutrino cooling rate is important

especially during the late stages of the evolution of the star since most of the energy loss

is through the neutrino processes. When the star evolves, the temperature and density

increase with time; the rate of neutrino energy loss becomes higher since the neutrino

processes depend on the temperature and density of the interior of the star. Major work

in neutrino energy loss that are suitable for the application in a stellar evolution code

have been done extensively by Itoh and his collaborators (Itoh & Kohyama, 1983; Itoh

et al., 1984; Munakata et al., 1985, 1987; Itoh et al., 1989, 1992, 1993; Kohyama et al.,
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1993, 1994; Itoh et al., 1989, 1996).

1.2.4 Nuclear reaction rates

The most important process in stellar evolution and nucleosynthesis is the thermonuclear

fusion. Light nuclei fuse into heavier nuclei and produce photons which serve as the

interior source of energy radiated from the surface. For massive stars, 90% of their life

is spent on burning hydrogen and the rest burning helium. In order to calculate the

reaction rates, we must have at our disposal the cross section data of the interacting

particles involved in the nuclear network at temperatures and densities found in stellar

interior. NACRE compilation of reaction rates is by far the commonly used rates in most

stellar evolution codes.

1.3 Summary

We have described the life of very massive stars and the key ingredients that are important

in the evolution of very massive stars. Since the most massive stars have been observed

in R136 star cluster (R136a1) with the potential to end as PCSNe, the goal of this thesis

is to study the evolution of very massive stars observed in the Magellanic Clouds. In this

thesis, we study the impact of mass loss and its metallicity dependence on the fate of the

stars.

1.4 Overview of the thesis

In this section, an overview of this thesis is described. Chapter 2 discusses the stellar

evolution models that are used in this work. This includes the physical ingredients and

the treatment of rotation and mass loss used in computing the stellar models of very

massive stars.

8



In Chapter 3, the mass determination of very massive stars using the main sequence

models is compared with the surface properties from Very Large Telescope observation of

NGC3603 and R136 star clusters. This work has successfully determine the mass of the

most massive star known to date, the R136a1 with mass at birth around 320 M�. This

work has gained extremely wide interest in the astronomy and astrophysics communities.

In Chapter 4, the discussion involves the life and death of very massive stars. Grid

of 120 to 500 M� models with both rotation and non-rotation are presented here. It is

the continuation of the work in Chapter 3, where we evolve the models further up to at

least at the end of He-burning. We discuss the possibility of our models would end up as

PCSN by analyzing the mass of carbon-oxygen core at the �nal models. For the impact

of di�erent mass loss prescriptions, we �nd that the star might end up as PCSN even

at solar metallicty. The details of this work are discussed in Sect. 4.11. In this chapter

also we estimate the initial mass of the progenitor of SN2007bi, the candidate of PCSN.

Finally we compare our result with Yoshida & Umeda (2011).

In Chapter 5, we update the neutrino energy loss in the Geneva stellar evolution code.

In this code, the neutrino energy loss used is from Itoh et al. (1989) and we update it

using Itoh et al. (1996). The result of the evolution is presented in this chapter.

In Chapter 6, we implement an improved nuclear reaction rate using the full solution

of WKB method in several reactions in the pp chain and CNO burning. For the CNO

burning, we �nd that the new rates give some e�ects in the N/C surface abundances. In

this work, we only evolve 20 and 120 M� in order to see its a�ects on di�erent initial

mass of the massive stars.

Finally, in Chapter 7, we give a summary of our work and future endeavor is also

discussed.
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Chapter 2

Geneva Stellar Evolution Code

2.1 Introduction

In this chapter, we present the Geneva stellar evolution code (GENEC) that is used in

this work. This code originated back in 1967 (Kippenhahn et al., 1967) and it has gone

through major improvements in the 1990's, during which the physics of rotation has been

included. It is used to calculate the evolution of massive stars until the pre-supernova

stage. It is also able to calculate low-mass stars including solar-type stars and also the

Sun. Grids of stellar models of various masses and metallicities have been published and

used extensively by the astrophysics community (see Maeder & Meynet (1994); Hirschi

et al. (2004); Ekström et al. (2008) for example). This code includes physics of rotation,

which successfully reproduces the properties in the observed stars.

This code written in FORTRAN language has evolved through time and been updated

continuously with the most updated physics available. An interesting note about this

code is that some descriptions are written in German, French and English. It is a very

challenging task to understand and use this code for a novice. Since its interception in

1967, the simple stellar evolution code has evolved to become a very complex code and

thus it is di�cult to discuss it in detail.
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In this chapter, we shall discuss about the stellar evolution equations used in this code,

followed by the basic physics ingredient used and �nally the description of the physics of

rotation.

In Geneva stellar evolution code, the model of a star is divided into three main zones:

atmosphere, the envelope and the interior. The summary of these zones is given in the

text below.

The atmosphere

In this zone, we assume the gravity and opacity are constant. The integration variable

is the optical depth, τ de�ned as dτ ≡ −κρ dr. The hydrostatic equilibrium equation is

solved from pressure, P=0, down to an optical depth τ = 2
3
, where the temperature is

by de�nition the e�ective temperature of the star. All the boundary conditions are thus

known at that optical depth: luminosity L, the e�ective temperature Teff , the pressure P

and radius, R. Details of the atmosphere zones can be found in Maeder (2009).

The envelope

The envelope spreads from the bottom of the atmosphere, down to a given mass fraction

of the star, called the �tting mass, FITM. In the envelope, we suppose that there is

no energy production by nuclear reactions. The three remaining structure equations

are integrated down to FITM. Partial ionisation is accounted for, and the convection is

treated non-adiabatically. If the rotation is accounted for, we assume the envelope rotates

at constant angular velocity, equal to the angular velocity of the �rst layer of the interior.

The transport of angular momentum equation is not applied in this part of the star but

the code ensures that the total angular momentum of the star is considered. To ensure a

better follow-up of the rotation, FITM is set to 0.9999 for rotation and for non-rotating

case FITM is set to 0.98.
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The interior

This part is the main structure of the star, fully ionised, when energy generation occurs

by nuclear reactions and where the e�ects of rotation are carefully accounted for. The

medium is suppose to be fully ionised and the convection adiabatic. The full set of

structure equations are solved here. The numerical method used is a relaxation method

which in the implementation for stellar physics was described by Henyey et al. (1964).

2.2 Stellar structure equations and its physical ingre-

dients

Standard stellar structure codes are governed by four nonlinear equations in order to

describe the structure of the star: conservations of mass and energy, momentum and the

energy transport equations. On top of these equations, the chemical elements evolution

are to be followed. The structure equations and the evolution of chemical abundances

are calculated in split mode from each other in the Geneva code in one dimension as in

the original version (Kippenhahn et al., 1967).

The system of equations governing the stellar structure comprises a set of four non-

linear partial di�erential equations with four unknowns; massM(r), pressure P (r), lumi-

nosity L(r) and temperature, T (r) where r is the stellar radius with boundary conditions

to be satis�ed at the center and the surface. These equations are:

1. Mass density relation:

dM

dr
= 4πr2ρ (2.1)

where ρ is the density.

2. Hydrostatic equilibrium:

dP

dr
= −ρGM

r2
(2.2)
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where G is the gravitational constant.

3. Radial luminosity pro�le where the luminosity of the star is produced by nuclear

burning in a shell radius r and thickness dr :

dL

dr
= 4πr2ρ

[
εN − T

dS

dt

]
− εν (2.3)

where εN(r) is the energy production rate per unit volume, εν(r) is the energy

loss by neutrinos, S is the entropy and t is the time. The nuclear energy can be

determined by considering all nuclear reaction rates at a given temperature and

density.

4. Equation for radiative energy transport :

dT

dr
= − 3

4ac

κρ

T 3

L(r)

4πr2
(2.4)

where κ is the Rosseland's mean opacity, a is the Stefan-Boltzmann constant and

c is the speed of light. For convective transfer

dT

dr
=

Γ2 − 1

Γ2

T

P

dP

dr
. (2.5)

Here Γ2 is the Chandrasekhar's second adiabatic exponent which is

Γ2 =
32− 24β − 3β2

24− 18β − 3β2
(2.6)

and β = P/Pg where Pg is the total gas pressure.
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2.2.1 Rotation

In the Geneva code, the physics of rotation has been developed over the last decade. A

review of this development can be found in Maeder & Meynet (2000). Here we present

short summaries of the physics of rotation used in the code.

Hydrostatic e�ects

The main assumption made in Geneva code to treat the e�ects of rotation is the hypoth-

esis of shellular rotation, i.e. the angular rotation velocity is constant on isobar. This

is justi�ed if we suppose that there is a strong horizontal di�usion on the isobar, which

stabilizes the angular velocity. This assumption is reasonable since the density gradient in

the vertical direction tends to stabilize the matter in that direction, whereas the motions

are less stricted horizontally (Zahn 1992; Maeder 2003).

For a star in shellular rotation, the surface of constant ψ is an isobaric surface de�ned

as

ψ = φ− 1

2
Ω2r2 sin2(θ) = const (2.7)

where φ is the gravitational potential and Ω the mean angular velocity.

According to Kippenhahn & Thomas (1970) and Meynet & Maeder (1997), the struc-

ture equations of the star can be expressed with respect to isobaric surfaces with only

small changes compared to the standard non-rotating case. The new radial coordinate rp

is de�ned as:

Vp =
4π

3
r3
p (2.8)

where Vp is the volume surrounded by the isobar labeled by p. The hydrostatic equilibrium

can be written as

dP

dMp

= −GMp

4πr4
p

fp. (2.9)
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The factor fp is de�ned as

fp =
4πr4

p

GMpSp

1〈
g−1
eff

〉 (2.10)

which takes into account all the e�ects of rotation. Here Sp is the total surface of the

isobar considered and 〈〉 is an average over the whole surface. When fp is equal to 1

meaning the star is without rotation, Eq. (2.9) is then the same as in the standard

case. Note that in the Geneva code, the mass is used as the independent variable. The

transformation of integrations above (using the radius as the independent variable) is

done using continuity equations. The continuity equation as a function of the isobar is

de�ned as:

drp
dMp

=
1

4πr2
pρ̄
. (2.11)

Here ρ̄ is the mean density between two isobars.

Using the equation of state, it is now possible to de�ne a mean temperature T̄ using

the pressure P and the density ρ̄. With a few more simplifying assumptions (see Meynet

& Maeder 1997), the energy conservation equation becomes:

dLp
dMp

= εnuc − εν + εgrav (2.12)

with εnuc is the nuclear energy production rate, εν the energy removed by the neutrinos

and εgrav the energy rate due to gravitation.

The transport of energy can be rewritten as a function of p;

d ln(T̄ )

dMp

= −GMp

4πr4
p

fpmin

(
∇ad,∇rad

fT
fp

)
, (2.13)

where

fT =

(
4πr2

p

Sp

)2
1

〈geff〉
〈
g−1

eff

〉 . (2.14)

From these structure equations with rotation, we can see these are similar to the
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standard structure equations without rotation except the variables are slightly di�erent

and some of the equations have additional factors. The numerical scheme to solve these

equations is the Henyey method and it can be treated by using one-dimensional code like

most stellar evolution codes.

Transport of angular momentum

For shellular rotation and in Langrangian coordinates, the equation of transport of an-

gular momentum can be written as

ρ
∂

∂t
(r2Ω̄)Mr =

1

5r2

∂

∂r
(ρr2Ω̄U2(r)) +

1

r2

∂

∂r

(
ρDvr

4∂Ω̄

∂r

)
(2.15)

where Ω(r) is the mean angular velocity at level r, U(r) is the vertical component of

meridional circulation velocity and D is the di�usion coe�cient due to the sum of various

turbulent di�usion processes (convection and shears). The factor 1/5 comes from the

integration in latitude. Note that in case of contraction or expansion of a shell, its

angular momentum is conserved. The �rst term on the right hand side which corresponds

to meridional circulation is an advective term. The second term of the right hand side

which corresponds to the di�usion processes is a di�usive term. From here we can see

that advection and di�usion are di�erent.

The numerical scheme used in the Geneva code to solve the angular momentum trans-

port (Eq. 2.15) is divided into two parts, i.e. advection and di�usion. Each of them is

solved separately and alternatively with a time step twice larger. The di�usion equation

is simpler and it is solved by an implicit �nite di�erence method. For the advection, it

is more di�cult to solve. The velocity term, U(r) contains a term of the third order and

thus the advection equation is of fourth order which is di�cult to solve. In this case, a

relaxation method is used as it is done to solve the internal structure equations.
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Transport of chemical elements

The transport of chemical elements is identical to Eq. (2.15). The equation of transport

for chemical elements is given by:

ρ
∂Xi

∂t
+ ρ~U∇Xi = ∇(ρ

←→
D∇Xi) (2.16)

where Xi is the mass fraction of the element i, ~U is the velocity �eld due to the meridional

circulation and
←→
D is the di�usion tensor. However, contrarily to the angular momentum

transport equation, the equation can be simpli�ed to a pure di�usion equation (Chaboyer

& Zahn, 1992):

ρ
∂X̄i

∂t
=

1

r2

∂

∂r

[
ρr2(Dv +Deff)

∂X̄i

∂r

]
(2.17)

with X̄i is the mean mass fraction of the element i over the isobar and Deff is the e�ective

di�usion coe�cient, which includes the e�ects of the meridional circulation:

Deff =
(rU2)2

30Dh

. (2.18)

We can see that the meridional circulation favors the mixing of chemical elements in the

vertical direction while the horizontal turbulence inhibits it.

2.2.2 Nuclear networks

For massive stars, the nuclear reaction networks are important in computing the advanced

stages. In massive stars, there are six burning stages, which are hydrogen (H), helium

(H), carbon (C), neon (N), oxygen (O) and silicon (Si) burnings. The last four burning

stages are also known as the advanced burning stages. In this section, we shall discuss

brie�y the burning stages occurring in the stars.
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Hydrogen burning

During the hydrogen burning, pp chain and CNO cycle tri-cycle are considered by using

nuclear rates from NACRE (Angulo et al., 1999). Below are the list of reactions in the

pp chain and CNO cycle tri-cycle that are used in this work:

Figure 2.1: The pp chain and CNO tri-cycle diagram. The underline reaction rates
are explicitly considered (Maeder, 1983).

Here, the β-decay and 1H(p, γ)3He are treated as instantaneous. For the study of

massive stars, 7Be and 7Li are not followed but their sum is assumed constant, i.e.

d(X(7Be) +X(7Li)/dt = 0). The main products for H-burning are 4He and 14N.

Helium burning

After the H-burning, the most abundant element produced by the star is helium. The

following nuclear reactions are considered for helium burning:

• the 3α reaction

• 12C(α, γ)16O(α, γ)20Ne(α, γ)24Mg

• 13C(α, n)16O

• 14N(α, γ)18F(β, ν)18O(α, γ)22Ne(α, n)25Mg

• 17O(α, n)20Ne
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• 22Ne(α, γ)26Mg

The main burning products are 12C, 16O, 22Ne, 25Mg and 26Mg.

Carbon burning

After the He-burning, 12C and 16O are the most abundant elements in the stars. Car-

bon burning requires central temperature around ∼ 109 K in order to overcome the

higher Coulomb barrier. The main thermonuclear reaction process after the He-burning

is 12C +12 C→24 Mg∗. Several decay channels are possible for 24Mg∗ :

• 24Mg + γ (Q=13.930 MeV)

• 23Mg + n (Q=-2.605 MeV)

• 23Na + p (Q=2.238 MeV)

• 20Ne + α (Q=4.616 MeV)

Neon burning

Neon burning occurs at the end of C-burning and during this stage, the most abundant

elements are 20Ne, 24Mg and 23Na. Even though 16O is also one of the most abundant

element produced during He-burning, it is only slightly burnt during C-burning through

16O(α, γ)20Ne. The most important reaction in neon burning is 20Ne(γ, α)16O (neon

photodisintegration) which takes place when the central temperature, Tc ' 1.2−1.3×109

K. The α−particles produce by this reaction are captured by the remaining 20Ne and

produces 24Mg through (α, γ). Most of 20Ne are changed to 16O and 24Mg at the end

of Ne-burning stage. Another important reaction for energy generation in this stage is

24Mg(α, γ)28Si. Elements produced during this stage are 16O, 24Mg and 28Si.
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Oxygen burning

When Tc increases above 2×109 K, 16O will start to burn and the O-burning takes place.

Interaction between 16O and 16O produces a compound nucleus of 32S∗ which decays

through the following channels:

• 31Si + n (Q=1.45 MeV)

• 31P + p (Q=7.68 MeV)

• 30P + d (Q=-2.41 MeV)

• 28Si + α (Q=9.59 MeV)

Channels p and α are the most crucial in this stage while channel d can be important

at higher central temperature when this endoenergetic channel is open. Other reactions

that are important for nucleosynthesis are:

• 31P =


(γ, p)30Si

(p, γ)32S

(p, α)28Si(α, γ)32S

• 28Si(γ, α)24Mg(α, p)27Al(α, p)30Si

• 32Si(n, γ)33S(n, α)30Si(α, p)34S

• 28Si(n, γ)29Si =


(α, n)32S(α, p)35Cl

(p, γ)30P(β+)30Si

(n, γ)30Si

• 31S(γ, p)30P

• electron capture:

33S(e−, ν̄e)
33P(p, n)33S

35Cl(e−, ν̄e)
35S(p, n)33Cl
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2.2.3 Opacity

Opacity is important in stellar evolution because it determines the energy transport and

the radiative gradient, ∇rad. During the evolution, the plasma is fully ionized and the

opacity is predominantly due to electron scattering, κ ' 0.2(Ye/0.5) (Woosley et al.,

2002). In Geneva code, we use opacity tables from the OPAL group (Iglesias & Rogers,

1996) supplemented with low temperature opacities from Ferguson et al. (2005) adapted

for the high Ne abundance.

2.2.4 Mass Loss

Mass loss prescriptions used in Geneva code are more focused for hot massive stars

which are suitable for this work. There are nine di�erent prescriptions of mass loss

that are implemented in the code for various conditions. For this work, we mainly use

prescriptions that are suitable to calculate hot massive stars. In this section, all the mass

loss prescriptions used in the code are listed and their conditions are described.

Vink et al. (2000, 2001)

Mass loss prescriptions by Vink et al. (2001) are calculated for the stellar winds of massive

O and B- type stars as a function of metal abundance, M = f(Z). This method is

based on Castor, Abbott and Klein (also known as CAK) theory (Castor et al., 1975)

of line-driven winds. This method takes into account the metallicity dependence and

the multiple scattering e�ects. The mass loss rates for massive stars in this method are

parameterised as function of wind density 〈ρ〉, the stellar mass M?, luminosity, L?, the

e�ective temperature Teff , the metallicity Z and the ratio of terminal �ow velocity over

the escape velocity v∞/vesc. This mass loss prescriptions show the existence of bi-stability

jump at e�ective temperature around 25 000 K, 15 000 K and 35 000 K. This existence is

due to the ionisation level of iron atoms in the lower part of the winds (Vink et al., 1999).
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However, the mass loss prescriptions are divided into two parts, bi-stability around the

hot side of Teff = 25000 K and the cool side of this jump. Details of the formulation are

given below.

The complete mass loss recipe in this prescription for OB stars is valid for Teff between

50 000 K and 12 000 K and in the range of Z between 1/30 and 3 times Z�. The

characteristic density 〈ρ〉 for bi-stability jump around 25 000 K is given by

log 〈ρ〉 = −14.94(±0.54) + 0.85(±0.10) log(Z/Z�) + 3.2(±2.2)Γe (2.19)

where Γe is the luminosity-to-mass ratio. The bi-stability jump is calculated with:

T jump1
eff = 6.12(±4.0) + 2.59(±0.28) log 〈ρ〉

T jump2
eff = 100 + 6 log 〈ρ〉 . (2.20)

The conditions of mass loss in this prescription are based on the e�ective temperature

which are:

1. For the hot side of bi-stability jump ∼ 25 000 K or Teff > T jump1
eff the mass loss is

given by:

log Ṁ = −6.697(±0.061) + 2.194(±0.021) log(L?/105)− 1.313(±0.046) log(M?/30)

−1.226(±0.037) log
(
v∞/vesc

2.0

)
+ 0.9333(±0.064) log(Teff/40000)

−10.92(±0.90)log(Teff/40000)2 + 0.85(±0.10) log(Z/Z?) (2.21)

for 27 500 < Teff ≤ 50 000 K where Ṁ is in M� yr1, L? and M? are in the solar

units and Teff is in Kelvin. In this range, ratio of v∞/vesc is 2.6.

2. For the cool side of the bi-stability jump or T jump1
eff > Teff > T jump2

eff , the complete

22



mass loss is:

log Ṁ = −6.688(±0.080) + 2.210(±0.031) log(L?/105)− 1.339(±0.068) log(M?/30)

−1.601(±0.055) log
(
v∞/vesc

2.0

)
+ 1.07(±0.010) log(Teff/20000)

+0.85(±0.10) log(Z/Z?) (2.22)

for 12 500 < Teff ≤ 22 500 K. In this range, ratio of v∞/vesc is 1.3.

3. If Teff < T jump2
eff , the mass loss equation is

log Ṁ = 5.99 + 2.210 log log(L?/105)− 1.339 log(M?/30)− 1.601 log
(
v∞/vesc

2.0

)
+1.07 log(Teff/40000) + 0.85 log(Z/Z�) (2.23)

with ratio of v∞/vesc is 0.7.

This mass loss prescriptions are applied when the mass of the stars larger is than 15

M� and log(Teff) greater than 3.9.

de Jager et al. (1998)

The de Jager et al. (1988) prescription covers nearly all Population I stars with spectral

line from O to M types stars. This prescription collects mass loss rate for 271 stars which

are derived from observable quantities; Teff and L. It covers e�ective temperature, Teff in

the range between 3.3 < log(Teff) < 4.8 and luminosities, L between 2.5 < log(L/L�) <

6.7. The mass loss rate from this prescription is given by an analytical expression as the

sum of Chebychev polynomials,

− log(Ṁ) =
N∑
n=0

n=i∑
i=0,j=n−i

aijTi

(
log(Teff)− 4.5

0.75

)
× Tj

(
log(L/L�)− 4.6

0.21

)
(2.24)

with Tj(x) = cos(j arccos(x)). The coe�cients aij are presented in Table 2.1. In the
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Table 2.1: Table of aij coe�cients for �tting in the mass loss prescriptions in de
Jager et al. (1988) for Eq. 2.24.

j = 0 1 2 3 4
i = 0 6.34916 -5.04240 -0.83426 -1.13925 -0.12201

1 3.41678 0.15629 2.96244 0.33659 0.57576
2 -1.08683 0.41952 -1.37272 -1.07493
3 0.13095 -0.09825 0.13025
4 0.22427 0.46591
5 0.11968

code, this prescription is used throughout the whole stellar evolution for mass between 7

M� and 15 M�, and during the red supergiant (RSG) phase for the more massive ones

(log Teff ≤ 3.9).

Gräfener & Hamann (2008)

Gräfener & Hamann (2008) mass loss prescription is computed using PostdamWolf-Rayet

model atmosphere code, which includes non-LTE treatment of the wind, line blanketing

and structure of the wind obtained by solving hydrodynamic equations. This prescription

takes into account the Fe-line blanketing and clumping e�ects in the winds. The mass

loss rate from this prescription is computed in the domain of e�ective temperature; 40

000 K < Teff < 70 000 K and the validity domain in metallicity is restricted to 10−3Z� <

Z < 2Z�.

This mass loss prescription is a function of stellar parameters; the e�ective tem-

perature Teff , the luminosity L, surface hydrogen fraction X and the Eddington ratio

Γedd = L/Ledd which is computed with the electron scattering opacity. The mass loss

rate is given by:
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log
Ṁ

M�.y−1
= 3.76 + β(Z) log(ΓEdd − Γ0(Z))− 3.5(log(Teff − 4.65)) (2.25)

0.42
(

log( L
L�

)− 6.3
)
− 0.45(X − 0.4).

where β(Z) and Γ0(Z) are de�ned as follows:

β(Z) = 1.727 + 0.25 log

(
Z

Z�

)
(2.26)

Γ0(Z) = 0.326− 0.301 log

(
Z

Z�

)
− 0.045 log2

(
Z

Z�

)

In Geneva code, this mass loss rate is used for late WN stars with metallicity and

e�ective temperature in the range of allowed values discussed above.

Nugis & Lamers (2000)

In the code, we use Nugis & Lamers (2000) to calculate the mass loss of Wolf-Rayet (WR)

stars. Empirical dependence of mass loss rate of WR stars is derived from observed winds

of 44 WR stars. The 44 WR star cluster consists of 24 WN stars, 18 WC stars and 2 WO

stars. This prescription allows us to determine the mass loss rate for two sub-samples

stars which are WN star and WC+WO stars.

For WR subtype determination, the method adopted is the same as in Maeder &

Meynet (1994). In the initial original work, the metallicity dependence was not included

but it was added later (Eldridge & Vink, 2006). Since WR winds are thought to be

mainly driven by line acceleration and the elements which are principally responsible for

this dependence are Fe-peak elements, the metallicity used for computing this dependence

is not the actual metallicity of the surface Z but the initial metallicity, Zini. Stellar

evolution does not modify the surface abundance of Fe-peak elements, whereas the total
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Table 2.2: Values of x1 and x2 used in the metallicity scaling relation for the mass
loss rate of WR stars.

type Zini x1 x2

WN - 0.85 -
WC > Z� 0.4 -

0.002 < Zini < Z� 0.66 -
< 0.002 0.66 0.35

metallicity Z is increased by mixing process and mass loss which reveals enriched layers

of the stellar interior.

The metallicity dependence is accounted for in the following way:

1. for Zini > 0.002:

Ṁ

Ṁ�yr−1
∼
(
Zini
Z�

)x1
(2.27)

2. for Zini < 0.002:

Ṁ

Ṁ�yr−1
∼
(

0.002

Z�

)x1 ( Zini
0.002

)x2
(2.28)

where the values of x1 and x2 are used in the metallicity scaling relation for the mass loss

rate of WR stars. Values of x1 and x2 are given in Table 2.2.

The mass loss rate for WN star is given by

log Ṁ = −13.60 + 1.63 log

(
L

L�

)
+ 2.22 log Y + 0.85 log

(
Zini
Z�

)
(2.29)

and for the WC and WO stars, if Zini > 0.002:

log Ṁ = −8.30 + 0.84 log

(
L

L�

)
+ 2.04 log Y + 1.04 logZ + x1 log

(
Zini
Z�

)
(2.30)
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if Zini < 0.002:

log Ṁ = −8.30+0.84 log

(
L

L�

)
+2.04 log Y +1.04 logZ+x1 log

(
0.002

Z�

)
+x2 log

(
Zini

0.002

)
(2.31)

For the use in Geneva stellar evolution code, this prescription is used for the WR stars

in the MS which are out of the range of Gräfener & Hamann (2008) prescription and for

all the WR stars which are in their He-burning phase.

2.2.5 Equation of State

The equation of state (EOS) for a prefect gas which is totally ionsed is simple. The EOS

becomes more complex when the gas becomes partially degenerate or partially ionsed.

This can happen near the surface of the star. In the Geneva evolution code, the equation

of state usually used is a general equation of state (see Schaller et al. 1992). The general

EOS is perfectly suitable for evolution of massive stars but for the solar-type stars, more

speci�c and realistic EOS is needed. The EOS used for evolution of solar-type stars that

are included in the code are: the MHD equation of state (Hummer & Mihalas, 1988;

Mihalas et al., 1988; Daeppen et al., 1988) and the OPAL equation of state (Rogers &

Iglesias, 1996; Rogers & Nayfonov, 2002).

2.2.6 Convection

In the Geneva code, the stability of a given layer is determined by using the Schwarzschild

criterion. A new addition due to Soilberg-Hoiland criterion for convection in the stellar

envelope in the Geneva code has been developed by Maeder et al. (2008) which takes

rotation into account.
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2.2.7 Overshooting

In this code, overshooting is treated using Schwarchild criterion. The value of overshoot-

ing is dover/Hp = 0.10 where Hp is the pressure scale height estimated by Schwarchild

boundary.

2.2.8 Neutrino Energy Loss

Most of the energy generated by the nuclear reactions in the central region of the star is

carried away by neutrinos during the advanced stages. Neutrinos are produced in weak

interactions during the Si-burning but are mainly produced by the following leptonic

processes throughout the advanced stages:

• photoneutrino process

• pair neutrino process

• plasmon decay/plasma neutrino

• bremsstrahlung on nuclei

• recombination process

In Geneva code, only the �rst four processes are included but as an addition to this

work, we have updated the neutrino processes in the code and this will be discussed in

detail in Chapter 5.
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Chapter 3

Main Sequence Phase of Very Massive

Stars: Comparison with Observations

3.1 Motivation

Studies in very massive stars are one of the most important areas in modern astrophysics.

Although this type of star is relatively small in number in the late-type galaxies, they

play a very important role in providing information on their host galaxies and the galaxies

themselves. These stars serve as the main source of heating and ionisation of interstellar

medium in the galaxies, which determines their evolution. It also provides chemical

enrichment in its host galaxy through stellar winds and explosion at the end of their life.

In spite of its important role in shaping galactic structure and evolution, the formation

of very massive stars is poorly understood.

As discussed earlier in Chapter 1, many theoretical models have been developed and

observations have been made to investigate its existence in the past decade. However,

many studies of evolution of very massive stars (> 100 M�) are more focused on the �rst

generation stars (Population III) (see for example Bond et al., 1984, Ekström et al., 2008,

Yungelson et al., 2008) because it is thought the �rst stars in early universe were very
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Figure 3.1: A Hubble Space Telescope image of R136 (left) and NGC3603 (right).
In the center of star-forming region 30 Doradus lies a huge cluster of the largest,
hottest, most massive stars known as R136 (N. Walborn , STScI). Image of NGC3603
recorded by Hubble's Advanced Camera for Surveys, the image spans about 17 light-
years (NASA, 2007).

massive stars (Bromm et al., 1999). In this work, we calculate main-sequence models for

solar, Large Margellanic Cloud (LMC) and Small Margellanic Cloud (SMC) metallicities

since very massive stars also exist in the local galaxy and LMC. For very massive star

observations, the accepted upper mass limit cut o� is around 150 M� (Massey & Hunter,

1998; Figer, 2005; Weidner & Kroupa, 2006).

The aim of this work is to compare our theoretical models with observational data

in order to determine the mass of very massive stars. Evidence supporting the existence

of stars more massive than 150 M� is presented in this chapter where we investigate the

e�ects of rotation, mass loss and metallicity on the evolution of main-sequence phase

of the very massive stars. In this work, mass determination of stars in two young star

clusters has been done namely R136 and NCG3603. Images of these two star clusters can

be found in Fig. 3.1. Stars in these clusters are determined to be more massive than 150

M�.
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3.2 Observations

Very massive stars usually exist in young and very bright star clusters. Three of the

main star clusters containing these giants are Arches, R136 and NGC3603. Arches and

NGC3603 are situated in Milky Way while R136 is situated in the Tarantula nebula (30

Doradus) within Large Margellanic Cloud (LMC).

NGC3603 is a galactic example of young and least evolved star cluster known (Schnurr

et al., 2008). It is located about 22,000 light years from our Sun and it provides great

detail in the star formation and it is one of the star cluster candidate that contains high

mass stars. In NGC3603, three WN 6h systems are known to become the source or

candidate of the most massive stars with very high luminosity in excess of 106 L� (de

Koter et al., 1997; Crowther & Dessart, 1998).

R136 is a young and massive star cluster in the Local Group of galaxies and has the

possibility of containing stars beyond the physical limit of 150 M�. It contains several

stars which are classi�ed by the component of �a� and it is believed to be a single star

of several thousand of masses (Cassinelli et al., 1981; Savage et al., 1983). This claim

has been disproven by speckle interferometric observations (Weigelt & Baier, 1985) and

con�rmed by Hubble Space Telescope (HST) imaging by Hunter et al. (1995).

Another �nal candidate known to host very massive stars is Arches cluster. Studies

done by Figer (2005) concluded that the mass of stars in this cluster does not exceed 150

M�. Later studies carried out by Martins et al. (2008) con�rmed Figer's studies for the

brightest stars (late WN) are in the range of 120-150 M�. However, this cluster is not

included in this work since the previous studies (Figer, 2005; Martins et al., 2008) has

provided the sharp cut-o� in the mass limit for this cluster.

The challenge in this work is to use stellar evolution models to verify the mass deter-

mination of very massive stars in NGC3603 and R136, which might host stars with mass

more than 150 M�. In this work, we determine the mass of very massive stars in R136

31



Figure 3.2: VLT MAD Ks-band 12 × 12 arcsec (3 × 3 parsec for the LMC distance
of 49 kpc) image of R136 (Campbell et al. (2010) together with a view of the central
4 × 4 arcsec (1 × 1 parsec) in which the very massive WN5h stars discussed in this
thesis are labeled (component b is a lower mass WN9h star). Relative photometry
agrees closely with integral �eld SINFONI observations (Schnurr et al. 2009).

and NGC3603 star clusters which have been reanalysed recently using spectroscopy data

from VLT-FLAMES and HST archive (Crowther et al., 2010). The stars in these two

clusters might provide an answer of the possibility that the stars have mass beyond the

commonly accepted stellar upper mass limit of 150 M�.

The photometry image of the R136 star cluster discussed in this work is shown in

Fig.3.2 using the VLT Multi-Conjugate Adaptive Optics Demonstrator (MAD) imaging.

However, we shall not discuss the details of the observation technique since it is beyond

the scope of this thesis. In this work, we shall concentrate on the stellar evolution models.

3.3 Main sequence models

For the main sequence model of very massive star, we calculate the evolution of massive

stars in the range of 85 M� to 500 M�. In this work, both non-rotating and rotating

models are considered and followed until the end of H-burning. Details of the descriptions

of the stellar models are provided in Chapter 2. The study of the post-main sequence

star for the same models will be discussed in Chapter 4. The initial metallicities for
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these models are set to Z = 0.006 (LMC) and 0.014 (solar) (Asplund et al., 2005) which

correspond to the metallicty of NGC3603 and R136.

3.3.1 Physics of the models

For our models, we chose the standard mass loss prescription for O-type stars from Vink

et al. (2001) for which Mokiem et al. (2007) have provided the empirical evidence. The

models enter the Wolf-Rayet (WR) phase when the hydrogen contentXH < 30% and if the

e�ective temperature, Teff ≥ 10,000 K. For the WR phase, we use mass loss prescription

from Nugis & Lamers (2000). As the star evolves, the star will lose mass through stellar

winds.

We choose a ratio of the initial velocity to critical rotation of vinit/vcrit = 0.4 for the

rotating models, which corresponds to surface equatorial velocities around 350 kms−1 for

85 M� model and 450 kms−1 for the 500 M� model with the LMC metalllicity. The

velocity produce from this ratio corresponds to an average velocity of about 220 km s−1

on the main sequence (MS) which is closed to the observed average value (see for instance

Fukuda, 1982 and Huang & Gies, 2006).

3.3.2 Evolution of the main sequence models

In Fig. 3.3, the evolutionary main sequence models of 120 M� in the Hertzprung-Russell

diagram is presented. In this �gure, we show the rotating and non-rotating models at

LMC metallicity and one non-rotating models at solar metallicity. The rotation e�ect can

be seen clearly in the diagram. In the luminosity-temperature plot, the rotating model

remains hot longer than the non-rotating model. Additional mixing causes the helium to

be mixed out of the core and reduces the opacity in the outer surface of the star. This

condition allows the rotating models to stay as high as 45,000 to 55,000 K, whereas for the

non-rotating model decreases from 20,000 to 25,000 K. Thus, we can predict the rapidly
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rotating stars will evolve directly to the classical WR phase, whereas the slow rotators

are expected to evolve to η Car-like luminous blue variables (see Meynet & Maeder, 2005)

Stars with higher metallicity tend to have lower luminosities (see Langer et al., 2007)

due to the additional mixing above the convective core. They are also losing their

mass much faster than their low-metallicity star counterpart. This can also be seen

in luminosity-temperature plot in Fig. 3.3 for 120 M� non-rotating model for LMC and

solar. The stars with LMC metallicity have higher luminosity compared to stars with

solar metallicity.
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Figure 3.3: Comparison between main sequence evolutionary predictions for both
rotating (Z = 0.006:H120z06S400) and non-rotating (Z = 0.006:H120z06S000, Z =
0.014:H120z14S000) 120 M� models. For model H120z06S400, the horizontal lines
in the top left-hand panel correspond to the transition to the WR phase, phase
during which the photosphere is in the wind rather than at the surface of the star.
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Figure 3.4: Comparison between surface abundances and mass loss rate for both
rotating (Z = 0.006: H120z06S400) and non-rotating (Z = 0.006:H120z06S000, Z =
0.014: H120z14S000) 120 M� models.

The surface abundances and the mass loss rates of these models are plotted in Fig.

3.4. At the end of the main sequence, most of the hydrogen at the surface is depleted.

Solar metallicity models su�er the highest depletion rate compared to LMC models.

Rotation also enhances depletion of hydrogen at the surface and it can be seen clearly in

the diagram where the 120 M� rotating model at LMC metallicity losses hydrogen layer

faster than its non-rotating model.

For the mass loss rate, the non-rotating models su�er from the bi-stability jumps and

oscillate from the jump at Teff = 25,000 K to the additional bi-stability jumps around

Teff = 15,000 and 35,000 K (see Fig 3.4 left panel) which are described by Vink et al.

(2001) mass loss prescription (see Sect. 2.2.4 for details) At this point, the mass loss

increases drastically and it can be seen from Fig. 3.3 (lower left panel) where the models

lose mass around 20-50 %. Rotating model in the same diagram does not su�er from the

oscillation in the bi-stability jumps. Although the mass loss rate for the solar metallicity

models is higher than the LMC metallicity models, the lifetime is longer for the LMC

metallicity models. This explains why solar metallicity models lose more mass than

the LMC models. Comparing with rotating model and non-rotating model at LMC
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metallicity, at age around 2.5 Myr, the non-rotating model has higher mass loss rate than

rotating model and at age around 2.7 Myr, the rotating model mass loss rate supersedes

the mass loss rate of the non-rotating model. This corresponds to the entrance of the

rotating model to the WR phase. At this point, the rotating model sheds its hydrogen

surface much stronger than its non-rotating model. From these stellar models, the surface

properties: luminosity, Teff and their surface abundances are used to compare with the

surface properties of an observed star.

In the next section, we shall discuss the comparison of our models with the observed

stars. The results from our models will be used to compare the surface properties of the

stars in NGC3603 and R136 clusters.

3.4 Mass determination of the most massive stars

The results from the stellar evolution models are compared with spectroscopic analyses

of two young star clusters, i.e. NGC3603 and R136. Details of the spectroscopic analyses

can be found in Crowther et al. (2010). In the next subsection, we shall discuss in detail

the stellar models used for this purpose and we compare the evolutionary models of solar

metallicity with the observational properties of NGC3603 WN R136 stars. In order to

compare values from observations and theoretical calculation, we need to know three

parameters: surface abundances, e�ective temperature (Teff) and luminosity (L/L�). For

this work, we choose the hydrogen surface abundance, XH for the surface abundance.

3.4.1 Veri�cation of the mass determination : NGC3603

Observational properties of four stars in NGC3603, namely A1a, A1b, C and B are used

in the comparison with solar metallicity model. Stars B and C are con�rmed binary

(Schnurr et al., 2008) whereas A1a and A1b are presumed to be single. For these stars,

we compare the observational properties (L/L�, Teff , XH) with solar metallicity models.
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The comparison with stellar models and observations is shown in Fig. 3.5. Both rotating

and non-rotating models are plotted in Fig. 3.5 in order to compare with the observational

properties.

Figure 3.5: Comparison between solar metallicity (Z = 1.4%) models calculated
for the main-sequence evolution of 85 - 200 M� stars (initially rotating at Vinit/vcrit

= 0.4 [dotted] and 0 [solid]), and the physical properties derived from spectroscopic
analysis of NGC 3603 WN6h stars.

From Fig. 3.5, we have plotted the HR diagram (L/L� vs Teff), XH in terms of L/L�,

XH in terms of age of the model and �nally we determine the mass from the mass vs age

of the model plot. From the result, we �nd that A1a, A1b, C and B lies between around

85-200 M� in the HR diagram. Using rough estimate from Fig. 3.5 (upper left panel),

A1a lies near to the 150 M� model, A1b close to 100M�, B close to 180M� and C close

to 140M�. Since spectroscopy can produce hydrogen surface abundance of these stars,
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we plot these observed values using XH in terms of L/L� (upper right panel). A1a gives

the closest match with the 150 M� grid. When comparing XH with age, we can estimate

the current age of these stars. The current age estimates for these stars are ∼ 1.25− 1.75

Myr.

Finally we deduce the mass of the stars with respect to age. Non-rotating models

predict the current masses of 120+26
−17 and 92+16

−15 M� for A1a and A1b respectively at an

age of ∼ 1.5 ± 0.1 Myr. Independent age estimates using pre-main sequence isochrones

of low-mass stars also favour low 1± 1 Myr ages (Sung & Bessell, 2004), while Crowther

et al. (2006) estimated 1.3 ± 0.3 Myr for NGC3603 from a comparison between massive

O stars and theoretical isochrones (Lejeune & Schaerer, 2001).

The initial mass for these two components are suggested to be around 140 M� and

106 M� respectively. These results give an excellent agreement with dynamical mass

determination of 116±31 and 89±16 M� for the primary and secondary A1 components

(Schnurr et al., 2008). Current mass-loss rate matches the solar metallicity model pre-

dictions (Vink et al., 2001) to within 0.2 dex. Table 3.1 presents the physical properties

of NGC3603 WN 6 stars from the observations containing the initial and current stellar

mass estimates.

The successful comparison of this known star shows that our method is reliable in

determining the mass of very massive stars. We shall use the same treatment here to

determine the most massive star in R136 star cluster.
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Table 3.1: Physical Properties of NGC 3603 WN6h stars.

Name A1a A1b B C
T∗ (kK)

a 42 ± 2 40 ± 2 42 ± 2 44 ± 2
log (L/L�) 6.39 ± 0.14 6.18 ± 0.14 6.46 ± 0.07 6.35 ± 0.07
Rτ=2/3 (R�) 29.4+10.1

−4.3 25.9+7.2
−3.1 33.8+2.7

−2.5 26.2+2.1
−2.0

NLyC (1050 s−1) 1.6+0.8
−0.4 0.85+0.54

−0.23 1.9+0.3
−0.3 1.5+0.3

−0.3

Ṁ (10−5 M� yr−1) 3.2+1.2
−0.6 1.9+0.9

−0.4 5.1+0.6
−0.6 1.9+0.2

−0.2

log Ṁ - log Ṁ c
Vink +0.14 +0.24 +0.22 �0.04

V∞ (km s−1) 2600 ± 150 2600 ± 150 2300 ± 150 2600 ± 150
XH (%) 60 ± 5 70 ± 5 60 ± 5 70 ± 5
Minit (M�)

b 148+40
−27 106+23

−20 166+20
−20 137+17

−14

Mcurrent (M�)
b 120+26

−17 92+16
−15 132+13

−13 113+11
−8

MKs (mag)
d �7.0 ± 0.3 �6.6 ± 0.3 �7.5 ± 0.1 �6.7 ± 0.1

(a) Corresponds to the radius at a Rosseland optical depth of τRoss = 10

(b) Component C is a 8.9 day period SB1 system (Schnurr et al. 2008a)

(c) dM/dtVink relates to Vink et al. (2001) mass-loss rates for Z = Z�
(d) MKs = �7.57 ± 0.12 mag for A1, for which we adopt ∆m = mA1a - mA1b = �0.43 ± 0.30

mag (Schnurr et al. 2008a). The ratio of their luminosities follows from their dynamical mass

ratios together with L ∝ µM1.5 (and is supported by NICMOS photometry from Mo�at et al.

2004).
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3.4.2 Mass determination of the most massive star: R136a1

From our results for NGC3603, the same method is applied to determine the mass of the

stars in R136 cluster. In this cluster, four very massive stars are identi�ed, indicated

as R136a1, R136a2, R136a3 and R136c. Since R136 is located within the LMC, we use

stellar models with LMC metallicity in order to determine its surface properties.

In Fig. 3.6, comparison between the properties of R136a1, R136a2, R136a3 and R136c

with stellar models with LMC metallicities with the assumption that these stars are single

although R136c is a probable binary (Schnurr et al., 2009). From the results, we imply the

current mass of components a1, a2 and a3 are 265 M�, 195 M� and 165 M� respectively

at age of 1.7 ± 0.2 Myr with strong rotational rate. Therefore, the initial mass of the

largest current mass, component a1 is around 320 M� which is beyond the suggested

upper limit of the star (Figer, 2005). As in NGC3603, we �nd the the current mass-loss

rates match the LMC-metallicity theoretical predictions (Vink et al., 2001) to within 0.2

dex.

The rotation e�ect will reproduce the observed surface hydrogen content of 30-40 %

by mass. The physical properties of the observed R136 stars are shown in Table 3.2

which include the initial and current stellar mass estimates. Di�erences in age estimates

show variations in initial rotation rates. Nevertheless, equatorial rotation rate of ve ∼

200 (300) km s−1 is predicted after ∼ 1.75 Myr for 300 M� and 2.75 Myr for 150 M�.
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Figure 3.6: Comparison between LMC-metallicity models calculated for the main-
sequence evolution of 85 - 500 M� stars, initially rotating at vinit/vcrit = 0.4 (dotted)
or 0 (solid) and the physical properties derived from our spectroscopic analysis.
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Table 3.2: Physical Properties of R136 WN5h stars.

Name a1 a2 a3 c
BAT99 108 109 106 112
T∗ (kK)

a 53 ±3 53 ± 3 53 ± 3 51 ± 5
log (L/L�) 6.94 ± 0.09 6.78 ± 0.09 6.58 ± 0.09 6.75 ± 0.11
Rτ=2/3 (R�) 35.4+4.0

−3.6 29.5+3.3
−3.0 23.4+2.7

−2.4 30.6+4.2
−3.7

NLyC (1050 s−1) 6.6+1.6
−1.3 4.8+0.8

−0.7 3.0+0.5
−0.4 4.2+0.7

−0.6

Ṁ (10−5 M� yr−1) 5.1+0.9
−0.8 4.6+0.8

−0.7 3.7+0.7
−0.5 4.5+1.0

−0.8

log Ṁ - log Ṁ c
Vink +0.09 +0.12 +0.18 +0.06

V∞ (km s−1) 2600 ± 150 2450 ± 150 2200 ± 150 1950 ± 150
XH (%) 40 ± 5 35 ± 5 40 ± 5 30 ± 5
Minit (M�)

b 320+100
−40 240+45

−45 165+30
−30 220+55

−45

Mcurrent (M�)
b 265+80

−35 195+35
−35 135+25

−20 175+40
−35

MKs (mag) �7.6 ± 0.2 �7.3 ± 0.2 �6.9 ± 0.2 �7.4 ± 0.2

(a) Corresponds to the radius at a Rosseland optical depth of τRoss = 10

(b) Component R136c is probably a colliding-wind massive binary. For a mass ratio of unity,

initial (current) masses of each component would correspond to ∼160 M� (∼130 M�)
(c) dM/dtVink relates to Vink et al. (2001) mass-loss rates for Z = 0.43 Z�

3.5 Summary

From this work, we are able to determine the mass of the most massive star, R136a1

which is 320 M� larger than our present Sun. This �nding annuls the idea that the upper

limit of stars is around 150 M� (Figer, 2005). This shows that very massive stars do exist

in nearby galaxies although it is very rare.

Our next chapter aims to investigate the behavior and fate of these stars after the

main sequence. This is interesting because stars with initial mass between 140 to 260 M�

is believed to end their life as pair creation supernova (PCSN) (Heger & Woosley, 2002).
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Chapter 4

Post Main Sequence and Fate of Very

Massive Stars

4.1 Introduction

Further to the discussion on the most massive stars on the MS, we want to study the

structure and evolution of very massive stars with mass ranging from 120-500 M� and

discuss their fate beyond the main sequence.

The fate of these stars depends on their mass, composition and rotational rate. Mas-

sive stars with an initial mass in the range 10-140 M� produce a central iron core and

eventually collapse (Heger et al., 2003; Langer, 2009). This type of collapse will results

in a core collapse supernova (SN) of Type II, Ib or Ic. The classi�cation of these type

of supernova depends on the existence of the hydrogen envelope in the star. Stars that

undergo core collapse at the end of their evolution will become either neutron stars or

black holes. For massive stars with initial mass in the range of 140-260 M� , their fate

depends on their metallicity. If the stars are Pop III stars they are expected to become

pair creation supernova. For very massive stars that experience mass loss (Pop I and Pop

II), for the same initial mass they are expected to collapse and become black holes or
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Table 4.1: Final evolution of the stars depending on their initial mass at (Z ≡ 0)
(Heger et al., 2003; Woosley et al., 2007).

Mass (M�) Remnant Event
10-95 Black hole/Neutron stars Ordinary supernovae
95-135 Black hole/Neutron stars Pulsation instability supernovae
140-260 Explosion/No remnants Pair creation supernovae
>260 Supermassive black hole Unknown

neutron stars depending on their mass loss rate. For non-rotating masive stars in Pop III

(Z ≡ 0), the classi�cations of the fate depending on their initial mass are listed in Table

4.1.

Although theory predicts very massive stars in Pop III will end up as PCSNe, this

prediction is still debated since no chemical signature is observed in the extremely metal-

poor (EMP) (Nomoto et al., 2003; Frebel et al., 2005) stars. Alternatively, if the �rst

generation stars were not very massive, Pop III PCSNe would not occurred (Stacy et al.,

2010).

Two PCSN candidates have been observed in the local galaxies, which are SN 2006gy

and SN2007bi. SN 2006gy (Smith et al., 2007) and SN 2007bi (Gal-Yam et al., 2009)

which both have an enormous luminosity and release great amount of energies from

their explosion are believed to be PCSN candidates. SN 2006gy is thought to be PCSN

candidate as suggested by Smith et al. (2007) because a huge amount of 56Ni >(10 M�)

is required to explain the peak luminosity. However, there is no clear agreement between

theoretical and observations in order to explain whether SN2006gy is a PCSN candidate

(see Kawabata et al., 2009). SN 2007bi is the most promising candidate since it shows

consistency with the observed light curve (LC) and the nebular spectra of SN 2007bi

(Gal-Yam et al., 2009). Theoretical prediction of PCSN model deduce a large amount of

56Ni, high total mass and kinetic energy, slow expansion velocity and luminosity that �t

very well with SN 2007bi observation data (Langer, 2009).

Attempts to build progenitor models to describe this type of supernova using a very
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low metallicity (Population III) have been done extensively by several authors (Heger

& Woosley, 2002; Langer, 2009; Moriya et al., 2010; Yoshida & Umeda, 2011). Their

models were mostly evolved until the end of helium burning and the prediction of the

fate of the star is done by estimating the mass of the carbon-oxygen core at the end of

the calculation.

In this work, we evolve grids of models with di�erent metallicities in order to investi-

gate which models will end up as PCSNe. Since very massive stars and PCSN candidates

have been observed in local galaxies, we attempt to provide the grid of very massive stars

with the same metallicity in the local galaxies in order to test our prediction.

Stellar models of 120-500 M� at solar, LMC and SMCmetallicities with vini/vcrit = 0.4

and vini/vcrit = 0 have been calculated. These models are the extension from Chapter

3 where we evolve the models past the main sequence stage. In this work, we did not

include the non-rotating SMC metallicity models due to computational di�culties in the

LBV phase. All models (both rotating and non-rotating) start at ZAMS. Most of the

rotating models are computed until the end of oxygen burning while for the non-rotating

models, most models with solar metallicity are computed until the end of oxygen burning

whereas all the LMC metallicity models, ended at the end of the helium burning.

A short introduction of Wolf Rayet type stars and supernova (SN) classi�cations are

explained in this chapter before we proceed to the results.

4.2 Wolf-Rayet stars

Wolf-Rayet (WR) stars were �rst discovered in 1867 by the astronomers Charles Wolf

and Georges Rayet, who observed broad spectral emission in three stars in Cygnus. This

type of stars are massive stars (with mass larger than 25 M�) and it ejects matter at

high velocities through stellar winds. WR stars can be classi�ed into two categories:

• WN : stars with a spectrum dominated by He and N lines
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• WC : stars with a spectrum showing strong He, C and O lines

4.2.1 Observational classi�cation for WR stars

The current classi�cation scheme is based on relative strength of the emission lines and

distinguishes between the following subtypes (see Crowther, 2007).

• WN subtypes

It is based on the ratios of NIII-IV and HeI-II lines. This class is divided into 10

subtypes, ranging from WN2 to WN11. The WN2 to WN5 stars are grouped under

the generic name �early� WN stars (WNE), and WN7 to WN9 as �late� WN stars

(WNL). WN6 stars are transition between WNE and WNL types. WN10 and

WN11 classes include the WR stars with spectrum very similar to the spectrum of

O-type stars.

• WC subtypes

These stars are distinguished on the basis of line ratios (CIII and CIV) and the

appearance of OIII-IV lines. The subtypes range from WC4 to WC9, with WC4-

WC6 are the �early� stars (WCE) and WC7-WC9 are referred as the �late� type.

• WO subtypes

This is the subtypes for rare WR stars with strong OIV lines. It ranges from WO1

to WO4, depending on the relative strength of the OV-VI and CIV lines.

• WN/C subtypes

These stars are considered to be an intermediate stage between WN and WC types.
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4.2.2 Classi�cation scheme applicable to Geneva stellar evolution

code

WR star (sub-)types classi�cation is based on the spectrum of the star and it is easy to

apply into the stellar models due to the simple treatment of the atmosphere in the code.

Therefore, we adapt the observational criteria that can be applied to stellar models. The

following criteria are based on the surface properties (Meynet & Maeder, 2005):

• WR star

A star become a WR star when log Teff > 4 with mass fraction of hydrogen, Xs <

0.3. Otherwise, it is a standard O-type star (on the MS).

• eWNL phase

A WR star is said to be of the eWNL type when the mass fraction of hydrogen at

the surface is larger than 10−5 , The small �e� in front of WNL is adopted from

Foellmi et al. (2003) for WNL and WNE phases are based on stellar evolution

criteria instead of spectroscopy.

• eWNE stars

A star with depleted hydrogen surface (Xs < 10−5) and with a surface carbon

abundance smaller than nitrogen abundance is a eWNE star.

• WC or WO phase

WR stars without hydrogen in their surface with carbon abundance greater than

nitrogen abundance are in WC or WO phase. To di�erentiate between these two

subtypes, we use the number ratio C+O

He
. If this ratio smaller than 1, we have a WC

star, otherwise we have a WO star.

These criteria allow us to determine the type and phase of WR stars by using only the

surface properties computed by the stellar code.
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4.3 Supernova classi�cation

Almost all massive and very massive stars are predicted to explode as supernovae at the

end of their life. These stars will undergo core-collapse phase before becoming supernovae.

Supernovae can be classi�ed in various types and subtypes according to their spectra and

light curve properties (shown in Fig. 4.1). The �rst distinction in the classi�cation of

SNe is the existence of hydrogen lines in their spectra. SNe without hydrogen lines are

classi�ed as SN Type I while those with hydrogen lines as Type II. These two types of

SNe can be divided into other sub-types according to the presence of He and Si in their

spectra. Here we list out their subtypes:

• Type I: No hydrogen lines in their spectra

� Type Ia : The spectra contain silicon (SiII) lines.

� Type Ib : The spectra do not contain silicon (SiII) lines but contain helium

(HeI) lines

� Type Ic : The spectra do not contain both silicon (SiII) and helium (HeI)

lines.

The progenitor of SN Type Ia is from the thermonuclear explosion of carbon white

dwarf (WD) stars (Hoyle & Fowler, 1960).

SN Type Ib/c is associated with the core collapse of massive stars which have lost

their hydrogen rich envelope (Type Ic) or both their hydrogen and helium rich

envelopes (Ic) through mass loss. It is thus directly related to WR stars.

• Type II: Hydrogen lines exist in their spectra.

� Type IIb: This type of SN has initially the spectrum of type II SN but it turns

into Type Ib. SN Type IIb is the link between stars which have retained their

external hydrogen-rich layers, and those which lost it.
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� Type IIL and IIP: L is for �linear� and P is for �plateau�. This classi�cation

is made based on the shape of the light curve (luminosity of the SN as a

function of time). Type IIL has a linearly decreasing light curve while Type

IIP produces plateau in the light curve.

� Type IIn: This type of SN has narrow lines in its spectrum which is usu-

ally produced by the interaction between the ejecta and circumstellar medium

(CSM).

Massive stars in the range of 8-130 M� undergo core-collapse at the end of their evolu-

tion and become Type Ib/c and Type II supernovae unless the entire star collapses into

a black hole with no mass ejection. These Type Ib/c and II supernovae (as well as Type

Ia supernovae) release large explosion energies and eject explosive nucleosynthesis mate-

rials, thus having strong dynamical, thermal, and chemical in�uences on the evolution of

interstellar matter and galaxies.

If the core of the star encounters the electron-positron instability it will lead to the

ignition of explosive oxygen burning and it completely unbind the star. This phenomena

is called pair creation SN (PCSN) and it is predicted the energy released is nearly 1053

ergs. Progenitors of PCSN are believed to be massive stars in the range of 140-260 M�.

Recently, two very energetic supernovae Type IIn and Type Ic are detected and one of

them is probably a candidate of PCSN. In the section 4.3.1 and section 4.3.2, we brie�y

explain the nature of these two supernovae.

4.3.1 SN2006gy

SN2006gy is a SN Type IIn located near the center of host galaxy NGC1260. Its absolute

magnitude is around 22 mag and it is more luminous than Type Ia SN by a factor of

10 (Smith et al., 2007; Kawabata et al., 2009). SN 2006gy releases total kinetic energy,

Ek ' 1051 erg. It is still unclear about the mechanisms that produce this enormous
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Figure 4.1: SNe classi�cation (Turatto, 2003)

energy. Several mechanisms have been proposed and these are thermal emission from

hydrogen recombination front, interaction between CSM and SN ejecta and radioactive

decay of 56Ni.

Smith et al. (2007) suggested radioactive decay of 56Ni is the most probable mechanism

that power its enormous energy because only weak soft X-ray was detected from this SN

(suggesting CSM is not strong) and the observed expansion velocity of hydrogen envelope

was unusually slow. The authors also suggested that SN2006gy is a PCSN because a huge

amount of 56Ni is required to explain the peak luminosity.

4.3.2 SN2007bi

SN2007bi is an extremely luminous Type Ic supernova. The measured light curve of

SN2007bi gives absolute magnitude of ∼ 21.3 mag and it is consistent with the decay rate

of radioactive 56Co. This supernova releases a great amount of kinetic energy, Ek ∼ 1053

erg which is comparable to those derived for the most energetic γ-ray bursts, placing
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this event among the most extreme explosions known (Gal-Yam et al., 2009). This SN is

located within a dwarf galaxy (∼ 1% the size of Milky Way).

Gal-Yam et al. (2009) measured the exploding core mass and predicted to be likely ∼

100 M�. They compared the theoretical light curve of PCSN models (Heger & Woosley,

2002; Kasen et al., 2008) with the light curve data obtained from the observation (see

Fig. 4.2). The comparison gives a very good agreement, suggesting it is a star exploding

with helium core mass around ∼ 100 M�.

Figure 4.2: a: The R-band light curve of SN2007bi. b: Comparison with theoretical
light curve of PCSN model with SN2007Bi observation (Gal-Yam et al., 2009).
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4.4 Physics of the models

GENEC or Geneva stellar evolution code is used in calculating these VMS models. The

details of the physical ingredients of the models are similar as described by Ekström et al.

(2012). We list out the main features here:

• The initial abundances for these models are listed in Table 4.2. We have adopted

three di�erence metallicities, which are solar, Large Margellanic Cloud (LMC) and

Small Margellanic Cloud (SMC) metallicities. The mixture of heavy elements is

taken from Asplund et al. (2005) except for the Ne abundances where we have

adopted from Cunha et al. (2006).

• Nuclear reactions are generated by NetGen tools where they take most of the data

from NACRE (Angulo et al., 1999). The current NACRE data have been rede-

termined and updated and some of the comparison to NACRE values and a short

description of the e�ects on stellar evolution has been descibed in Ekström et al.

(2012).

• Neutrino energy loss in plasma, pair and photoneutrino processes are taken from

Itoh et al. (1989) and Itoh et al. (1996).

• The opacities are taken from OPAL (Iglesias & Rogers, 1996) and completed with

low temperature opacities from Ferguson et al. (2005) which are adapted for the

high Ne abundance.

• The convective core is extended with an overshoot parameter dover/HP = 0.10

starting from the Schwarzschild limit.

• Since models calculated are> 100M�, the outer convective zone is treated according

to the mixing length theory, αMLT = 1.0. This is because for the most luminous

models, the turbulence pressure and acoustic �ux are needed to be included in the
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Table 4.2: Hydrogen (X), helium (Y) and metal (Z) mass fractions for the chemical
abundances in our models.

X Y Z
Solar 0.7200 0.2659 0.014
LMC 0.7381 0.2559 0.006
SMC 0.7471 0.2508 0.002

treatment of the envelope. The choice of the outer convective zone for di�erence

initial mass has been decscibed in detail in Ekström et al. (2012).

• The treatment of rotation in these models has been discussed extensively by Maeder

& Meynet (2000) and references therein. For the rotating models we use vini/vcrit

= 0.4. This will correspond to the 97 kms−1 for 120 M� and 141 kms−1 for 500 M�

at the main sequence.

• We have adopted mass loss for the hot O stars from Vink et al. (2001). When

the models reach the Wolf-Rayet (WR) transition, Xs = 0.3 we use the mass loss

rate of WR from Nugis & Lamers (2000) or Gräfener & Hamann (2008) depending

on which e�ective temperature is reached by the models. For the temperature

domains not covered by Vink et al. (2001) and Nugis & Lamers (2000) or Gräfener

& Hamann (2008), mass loss prescription from de Jager et al. (1988) is used.

• For rotating models, we applied to the radiative mass-loss rate the correction factor

described in Maeder & Meynet (2000)

Ṁ(Ω) = FΩ · Ṁ(Ω = 0) = FΩ · Ṁrad

with FΩ =
(1− Γ)

1
α
−1[

1− Ω2

2πGρm
− Γ

] 1
α
−1
, (4.1)

where Γ = L/LEdd = κL/(4πcGM) is the Eddington factor (κ is the electron-

scattering opacity), and α the force multiplier parameter depending on Te�.
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Most of the models reach the end of He-burning and some of the models evolved as

far as the end of O-burning. After He-burning, the evolution of the core and the surface

are separated since the core evolves very fast due to the neutrino emission. From this

stage onwards, we can safely assume the surface properties are not signi�cantly changed

until the end of the evolution. In particular, the total mass will not change by more than

a few solar mass, thus not changing the fate of the models.

4.5 Hetzprung-Russell (HR) lifetimes and diagrams

4.5.1 Lifetimes and surface properties

The key properties of the models are summarised in Tables 4.3, 4.4 and 4.5 at the end of

hydrogen, helium burning and the �nal model respectively. For the lifetime calculation,

the start of a burning stage is chosen when 0.3% in mass fraction of the main burning

fuel is burnt. A burning stage is completed when the mass fraction of the main fuel is

lower than 10−5. In Tables 4.3, 4.4 and 4.5, we have listed the lifetimes for hydrogen

burning, helium burning and the total lifetimes.

In Tables 4.3, 4.4 and 4.5 we list the initial mass, current mass, surface abundance

pro�les (H (hydrogen), He (helium), C (carbon), N (nitrogen), O (oxygen) and Eddington

factor (ΓEdd). In Table 4.3, we add ratio of initial velocity over critical velocity (vini/vcrit =

0.4), Eddington factor at initial mass (ΓEddinit
), lifetime at the end of main sequence (τH)

and lifetime at the end of hydrogen burning and the duration the star spend as an O-type

star (τo). For Table 4.3, we include the average main sequence velocity, 〈vMS〉 while for

Table 4.4 and Table 4.5 we present the average velocity, 〈veq〉.

Duration of the O-star, end of H-burning, He-burning and total mass are indicated in

Tables 4.3, 4.4 and 4.5. There are di�erent patterns a�ecting the lifetimes:

1. O-star lifetimes and end of H-burning lifetimes: τo and τH are in�uenced by rotation.
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The di�erence in the lifetimes between di�erent metallicity for the same initial mass

is very small. Di�erence in the end of H-burning lifetimes for rotating and non-

rotating models of 150 M� at solar metallicity models is ∼ 14%. The same result

is obtained for the same initial mass for both rotating and non-rotating at LMC

metallicity.

2. End of He-burning and �nal models: τHe and total lifetimes are in�uenced by

metallicity and mass loss. From Table 4.4, we can see clearly the di�erence for

example, for the 150 M�, non-rotating model at solar and LMC metallicities. The

solar metallicity model has a longer He-burning lifetime compared to the LMC

metallicity models. This is due to the higher mass loss rate at solar metalicity

which lowers the luminosity of the models.
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Table 4.3: Key properties of stellar models at the end of H-burning phase. The mass are in solar mass, ΓEddinit
is the

initial Eddington factor, the lifetimes are in 106 years, the main sequence velocity are in km s1 and the abundances are
mass fraction abundances.

Mini Z vini
vcrit

ΓEddinit
τH τo Mcurrent 〈vMS〉 H He C N O ΓEdd

120 0.014 0.0 0.376 2.671 2.671 63.7 0.000 2.042e-01 7.821e-01 8.583e-05 8.152e-03 1.055e-04 0.625
150 0.014 0.0 0.426 2.497 2.424 76.3 0.000 1.354e-01 8.509e-01 9.257e-05 8.148e-03 9.909e-05 0.652
200 0.014 0.0 0.489 2.323 2.164 95.2 0.000 7.511e-02 9.112e-01 9.930e-05 8.144e-03 9.235e-05 0.686
300 0.014 0.0 0.572 2.154 1.847 65.2 0.000 1.286e-03 9.850e-01 1.304e-04 8.110e-03 7.932e-05 0.594
500 0.014 0.0 0.666 1.990 1.540 56.4 0.000 2.242e-03 9.841e-01 1.256e-04 8.116e-03 8.029e-05 0.568
120 0.014 0.4 0.374 3.137 2.563 34.6 96.934 1.562e-03 9.848e-01 1.330e-04 8.101e-03 8.477e-05 0.463
150 0.014 0.4 0.417 2.909 2.383 37.1 105.078 1.812e-03 9.845e-01 1.304e-04 8.106e-03 8.412e-05 0.478
200 0.014 0.4 0.479 2.649 2.073 40.0 142.162 1.406e-03 9.849e-01 1.333e-04 8.102e-03 8.299e-05 0.495
300 0.014 0.4 0.564 2.376 1.832 43.2 166.165 1.850e-03 9.845e-01 1.326e-04 8.104e-03 8.226e-05 0.511
500 0.014 0.4 0.717 2.132 1.647 48.1 141.403 1.239e-03 9.851e-01 1.383e-04 8.097e-03 8.079e-05 0.532
120 0.006 0.0 0.376 2.675 2.699 79.0 0.000 4.034e-01 5.907e-01 3.291e-05 3.499e-03 4.473e-05 0.671
150 0.006 0.0 0.426 2.492 2.515 96.1 0.000 3.275e-01 6.666e-01 3.577e-05 3.497e-03 4.254e-05 0.708
500 0.006 0.0 0.670 1.904 1.694 239.0 0.000 2.584e-02 9.683e-01 5.113e-05 3.485e-03 3.178e-05 0.820
120 0.006 0.4 0.365 3.140 2.703 64.0 121.407 1.712e-03 9.924e-01 6.053e-05 3.472e-03 3.043e-05 0.597
150 0.006 0.4 0.425 2.873 2.384 71.3 138.769 9.907e-04 9.931e-01 6.325e-05 3.469e-03 2.970e-05 0.615
200 0.006 0.4 0.477 2.590 2.115 80.7 170.680 1.217e-03 9.929e-01 6.291e-05 3.469e-03 2.946e-05 0.638
300 0.006 0.4 0.560 2.318 1.846 85.8 232.656 1.332e-03 9.928e-01 6.295e-05 3.469e-03 2.933e-05 0.650
500 0.006 0.4 0.666 2.077 1.638 101.7 234.756 1.373e-03 9.927e-01 6.373e-05 3.469e-03 2.888e-05 0.676
150 0.002 0.4 0.4263 2.921 2.675 128.8 227.558 1.672e-03 9.964e-01 2.128e-05 1.157e-03 8.088e-06 0.720
200 0.002 0.4 0.4766 2.612 2.313 152.3 287.475 1.321e-03 9.967e-01 2.257e-05 1.156e-03 7.823e-06 0.743
300 0.002 0.4 0.5572 2.315 1.957 176.3 387.527 1.108e-03 9.969e-01 2.320e-05 1.155e-03 7.680e-06 0.763
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Table 4.4: Key properties of stellar models at the end of He-burning. The mass is in solar mass, the lifetimes in 106 years,
equatorial velocity 〈veq〉 are in km s1 and the surface abundances are mass fraction abundances.

Mini Z vinit/vcrit τHe Mcurrent 〈veq〉 H He C N O ΓEdd

120 0.014 0.0 0.308 30.9 0.00 0.00 2.423e-01 4.579e-01 6.149e-19 2.814e-01 0.651
150 0.014 0.0 0.291 41.3 0.00 0.00 2.339e-01 4.356e-01 1.063e-18 3.120e-01 0.707
200 0.014 0.0 0.273 49.4 0.00 0.00 2.072e-01 4.084e-01 2.601e-18 3.656e-01 0.737
300 0.014 0.0 0.297 38.2 0.00 0.00 2.337e-01 4.427e-01 7.306e-19 3.051e-01 0.692
500 0.014 0.0 0.307 29.8 0.00 0.00 2.611e-01 4.636e-01 3.713e-18 2.570e-01 0.641
120 0.014 0.4 0.353 18.8 1.58 0.00 2.920e-01 4.920e-01 1.994e-18 1.979e-01 0.534
150 0.014 0.4 0.345 20.3 1.18 0.00 2.859e-01 4.882e-01 1.117e-18 2.077e-01 0.552
200 0.014 0.4 0.337 22.0 0.50 0.00 2.770e-01 4.839e-01 2.334e-18 2.208e-01 0.570
300 0.014 0.4 0.329 24.0 0.13 0.00 2.696e-01 4.787e-01 3.732e-19 2.335e-01 0.590
500 0.014 0.4 0.321 25.9 0.03 0.00 2.693e-01 4.731e-01 4.892e-19 2.394e-01 0.607
120 0.006 0.0 0.295 54.2 0.00 0.00 2.286e-01 3.911e-01 3.101e-05 3.722e-01 0.753
150 0.006 0.0 0.331 59.7 0.00 0.00 2.413e-01 3.702e-01 2.360e-16 3.804e-01 0.768
500 0.006 0.0 0.262 94.7 0.00 0.00 2.509e-01 3.919e-01 2.427e-17 3.490e-01 0.834
120 0.006 0.4 0.294 39.3 6.84 0.00 2.942e-01 4.570e-01 3.298e-22 2.409e-01 0.692
150 0.006 0.4 0.287 45.7 3.67 0.00 3.103e-01 4.506e-01 1.074e-16 2.312e-01 0.719
200 0.006 0.4 0.282 51.1 1.33 0.00 3.027e-01 4.440e-01 4.966e-20 2.455e-01 0.738
300 0.006 0.4 0.278 54.1 0.35 0.00 2.913e-01 4.391e-01 1.271e-17 2.617e-01 0.748
500 0.006 0.4 0.264 74.9 0.13 0.00 3.302e-01 4.252e-01 2.019e-17 2.367e-01 0.798
150 0.002 0.4 0.251 106.7 64.94 0.00 8.092e-01 1.532e-01 1.555e-06 3.504e-02 0.841
200 0.002 0.4 0.245 129.3 29.88 0.00 8.798e-01 1.086e-01 5.038e-11 9.012e-03 0.863
300 0.002 0.4 0.241 149.8 5.10 0.00 9.376e-01 5.837e-02 8.671e-10 1.413e-03 0.880
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Table 4.5: Key properties at the end of the stellar models. The mass are in solar mass, the lifetimes are in million years
equatorial velocity 〈veq〉 are in km s1 and the abundances in mass fraction.

Mini Burning Z vinit/vcrit Mcurrent 〈veq〉 H He C N O ΓEdd total
stage lifetime

120 end O-burning 0.014 0.0 30.8 0.00 0.00 2.376e-01 4.568e-01 5.234e-19 2.872e-01 0.892 3.007
150 end C-burning 0.014 0.0 41.2 0.00 0.00 2.268e-01 4.332e-01 8.311e-19 3.215e-01 0.969 2.813
200 end C-burning 0.014 0.0 49.3 0.00 0.00 1.949e-01 4.014e-01 1.727e-18 3.849e-01 0.955 2.625
300 end O-burning 0.014 0.0 38.2 0.00 0.00 2.309e-01 4.418e-01 6.659e-19 3.089e-01 0.966 2.473
500 end O-burning 0.014 0.0 29.8 0.00 0.00 2.562e-01 4.629e-01 3.169e-18 2.626e-01 0.875 2.318
120 end O-burning 0.014 0.4 18.7 15.18 0.00 2.858e-01 4.925e-01 1.572e-18 2.035e-01 0.664 3.517
150 end O-burning 0.014 0.4 20.2 0.78 0.00 2.797e-01 4.884e-01 8.785e-19 2.138e-01 0.692 3.295
200 end Ne-burning 0.014 0.4 21.9 1.88 0.00 2.712e-01 4.838e-01 1.882e-18 2.268e-01 0.714 3.025
300 end O-burning 0.014 0.4 23.9 22.81 0.00 2.650e-01 4.784e-01 3.195e-19 2.385e-01 0.731 2.737
500 end Ne-burning 0.014 0.4 25.8 0.03 0.00 2.643e-01 4.726e-01 4.022e-19 2.449e-01 0.751 2.507
120 end He-burning 0.006 0.0 54.2 0.00 0.00 2.286e-01 3.911e-01 3.101e-05 3.722e-01 0.753 2.997
150 end He-burning 0.006 0.0 59.7 0.00 0.00 2.413e-01 3.702e-01 2.360e-16 3.804e-01 0.768 2.848
500 end He-burning 0.006 0.0 94.7 0.00 0.00 2.509e-01 3.920e-01 2.427e-17 3.490e-01 0.834 2.185
120 end O-burning 0.006 0.4 39.2 27.47 0.00 2.889e-01 4.567e-01 2.738e-22 2.465e-01 0.832 3.476
150 end Ne-burning 0.006 0.4 45.6 8.39 0.00 3.057e-01 4.505e-01 9.168e-17 2.360e-01 0.852 3.167
200 end O-burning 0.006 0.4 51.0 25.36 0.00 2.982e-01 4.436e-01 4.256e-20 2.503e-01 0.869 2.907
300 end O-burning 0.006 0.4 54.0 0.17 0.00 2.856e-01 4.383e-01 1.031e-17 2.681e-01 0.879 2.629
500 end O-burning 0.006 0.4 74.8 0.28 0.00 3.220e-01 4.249e-01 1.494e-17 2.452e-01 0.929 2.390
150 end O-burning 0.002 0.4 106.5 160.57 0.00 7.922e-01 1.634e-01 1.351e-06 4.177e-02 0.932 3.196
200 end O-burning 0.002 0.4 129.2 187.90 0.00 8.730e-01 1.131e-01 4.089e-11 1.138e-02 0.956 2.889
300 end O-burning 0.002 0.4 149.7 10.72 0.00 9.362e-01 5.969e-02 8.295e-10 1.487e-03 0.959 2.587
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4.5.2 Hertzprung Russell diagrams

Tracks of Hertzprung Russell (HR) diagrams of the 150 M� models for all metalicities in

this work are presented in Fig. 4.4 for both rotating and non-rotating models. Note that

the HR diagram that are used in this �gure is with the uncorrected Teff . We choose this

initial mass because we have calculated all metalicities for both rotating and non-rotating

models except for SMC model where only the rotating model is available.

The evolution of the models are mostly a�ected by rotation and mass loss.

1. Mass Loss

As we go to the lower metallicities, lower mass loss occurs during the evolution.

Lower metallicity models tend to have higher luminosity and this can be clearly

seen in Fig. 4.3 bottom left. Models with higher mass loss will enter the WR phase

faster due to the removal of hydrogen surface by the stellar winds. Mass loss e�ects

can be studied through the sub-type of WR star during the evolution. Models with

higher mass loss rate evolve to the WNE, WC/WO stars compared to the lower

mass loss rate models. For example, the rotating solar metallicity model reaches

the eWNE phase shortly after it enters the WR phase which means the surface

hydrogen content is being removed completely during the evolution. Rotation also

enhances the mass loss rate and this will be discussed in the next part.

2. Rotation

Rotating e�ects increase the lifetimes of the models in their HRD tracks. Rotating

models experience longer H-burning phase due to the internal mixing during the

evolution. Rotating models also evolve only at the hotter region and stay hotter

compared to the non-rotating models due to the mixing of helium into the outer

layers.

Rotation also enhances the mass loss rate of the models. This can be seen that

when rotating models enter the WR phase during the H-burning while non-rotating
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Figure 4.3: HR diagrams of rotating solar, LMC and SMC metallicites.
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models enter WR phase they are near to the central hydrogen exhaustion (in solar

metallicity case) and during He-burning (for LMC metallicity model). Finally, the

rotating models evolve to higher Teff towards the end of the evolution in the HR

track while the non-rotating models will evolve to cooler region possibly to the red

giant region.

4.6 Eddington limit

In this section, we shall discuss the relationship between Eddington limit, ΓEdd with

luminosity and mass loss rate. Eddington factor is given by
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Figure 4.4: ΓEdd of 150 M� in solar, LMC and SMC metallicites as a function
of time before core-collapse. Solid line represents rotating models and dashed line
represents non-rotating models.

ΓEdd =
κL

4πcGM
(4.2)

where M is the mass of the star, G the gravity and L the luminosity of the star. This

factor is de�ned as the ratio to the Eddington luminosity, L = LEdd. The limit for ΓEdd
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is 1. In Geneva code, the value of ΓEdd in Tables 4.3, 4.4 and 4.5 is the taken at the

surface of the models. The value of ΓEdd depends on several factors, i.e metallicity, mass

loss and rotation.

In Fig. 4.4, we present this factor as a function of time before core collapse and the

mass loss rate of 150 M� both rotating and non-rotating models as a function of time.

For the rotating models, the ΓEdd depends on the metallicity, Z. As we go to the higher

Z, the value of ΓEdd becomes lower. This shows that models with low Z easily become

unstable where the outer layers of the models are no longer bound. However, comparing

between rotating and non-rotating models at solar metallicity, we found that the non-

rotating models have higher ΓEdd at the end of the evolution. The ΓEdd �nal value for 150

M� non-rotating models at solar metallicity is around ∼ 0.97 which is extremely high.

We investigate this value and we found that it is a�ected by the mass loss rate. Fig.

4.5 (left panel) shows the mass loss for non-rotating models peaked at the start of O-

burning where the surface temperature or e�ective temperature starts to decline rapidly

(see Fig. 4.5, right panel).
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4.7 Internal structure evolution

4.7.1 Central evolution

In this section, the central evolution of the models will be discussed. Evolutionary tracks

in the central temperature vs central density plane (log Tc - log ρc diagram) of solar, LMC

and SMC metallicities models are represented in Figs. 4.6 and 4.8.

These tracks explain the movement of the stars at each burning stages. It is meaningful

to compare these tracks with the Kippenhahn diagram (see Sect. 4.7.2) in order to

understand the movements in the tracks. Mass loss and rotation play dominant role in

the central evolution.

In Fig. 4.6, the evolutionary tracks at solar metallicity show the tracks evolve far

from the pair creation instability region, Γ < 4/3. This shows that models at solar

metallicity do not su�er from stability issue. However, the details of these tracks need to

be investigated further by analyzing the Kippenhahn diagram and the carbon core of the

models. In this section we describe the prediction of which models will enter the region

presented in the gray shaded area.

Fig. 4.6 (right panel) shows the evolutionary tracks for 150, 200, 300 and 500 M�

models zoomed in advanced stages. 150 M� non-rotating model gives the highest tracks

while 500 M� rotating model gives at the lowest tracks. These situations are due to the

higher mass loss rate occurring in the 500 M� rotating model.

For LMC metallicity models, the evolutionary tracks are presented in Fig. 4.8. The

zoomed tracks, rotating models evolve until the end of O-burning. 150 M� rotating model

moves closer towards the stability limit compared to other more massive rotating models.

However, the 150 M� non-rotating model is expected to move even closer compared to

its rotating model although in the tracks the non-rotating model stops at C-burning. If

this model evolves further, it might enter this instability region.

The �nal �gure (Fig. 4.8) in this section is the SMC metallicity models. The evolu-
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Figure 4.6: Log Tc vs Log ρc diagrams: Evolutionary tracks for 150-500 M�
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line corresponds to the limit between non-degenerate and degenerate electron gas
(P elperfectgas=P eldegenerategas). The gray shaded area is the pair instability region.
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tionary tracks clearly show all the models enter instability region. However, this analysis

is not completed without investigating the carbon-oxygen core mass, Mco which will be

discuss in next section.
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Figure 4.7: Log Tc vs Log ρc diagrams: Evolutionary tracks for 150-500 M� models
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Figure 4.8: Log Tc vs Log ρc diagrams: Evolutionary tracks for 150-500 M� models
for SMC metallicity. The additional dotted line corresponds to the limit between
non-degenerate and degenerate electron gas (P elperfectgas=P eldegenerategas). The gray
shaded area is the instability region.

4.7.2 Kippenhahn diagrams

Figs. 4.9 and 4.10 show the Kippenhahn diagrams for 150 M� model for solar, LMC and

SMC metallicity models. In Fig. 4.9 we have plotted the diagrams in terms of the age

of the models and in Fig. 4.10 in terms of time before core-collapse. In the Kippenhahn

diagrams, we can also see the e�ects of mass loss and rotation during the evolution.

E�ects of mass loss can be seen in the rotating models for di�erent metallicities. The

models start to lose their hydrogen rich envelope when entering the eWNE phase and we

observe drastic mass loss occurs during this phase in our models. As we go to the lower

metallicity, the models shred very slowly their hydrogen envelope and the models manage

to retain their mass until the end of the evolution. This can be seen by the eWNE region

that we have mapped in Fig. 4.9.

The rotation e�ects can be seen from the comparison of rotating and non-rotating

models. Rotating models have longer lifetimes compared to the non-rotating models.
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This has been explained in Section 4.5.1. Rotation enhances the mass loss rate which

reduce the �nal mass of the models compared to non-rotating models. From Fig. 4.9,

rotating models experience shorter eWNE phase compared to their non-rotating models

which explains the smaller mass loss rates in the non-rotating models.

The next �gure, Fig. 4.10, we present the Kippenhahn diagrams in terms of time

before core-collapse. We want to study which burning phase occur in each models that

we have presented in Fig. 4.9. The evolution of total mass of the stars can be seen

clearly in this �gure. As we go to lower metalicities, the total mass of the models reduces

through mass loss due to stellar winds. We also �nd the low metalicities models have

larger convective zone for the He core. After the core convective zone of He-core shrinks,

the shell helium burning starts. The e�ect of mass loss for the begining of He shell burning

where higher metalicities models tends to start the burning earlier than low metallcities

models. During the He shell burning, the core contracts and carbon core burning starts.

In the models, we also observe that the C shell also starts to burn at the same time as

the C-burning ignition.

As for the rotating e�ect, the non-rotating models are expected to lose much less mass

than their rotating counterpart. Rotation also increases the mixing in the core where it

transports more helium to the surface for the rotating solar metallicity model. Due to

this reason, larger convective core can be seen in the rotating models. As for the solar

non-rotating models less e�cient mixing is responsible for the slow starting of He shell

burning.

4.8 Fate of very massive stars

In this section, we shall present the fate of very massive stars. As we discuss earlier in

this chapter, we want to study which models will end up as PCSN. For this purpose,

we have to study and analyse the �nal and core mass of the models and compare with
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Figure 4.9: Kippenhahn diagrams for non-rotating and and rotating 150 M� model
with solar, LMC and SMC metallicities in terms of age. The blue zones represent
the convective regions.
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the values estimated for the PCSN. Factors like rotation induced mixing, mass loss and

probably microphysics in the models determine the fate of our models.

4.8.1 Final mass and mass of carbon-oxygen core

Fig. 4.11 shows the �nal mass of 120, 150, 200, 300 and 500 M� models for all metallicities

calculated in this work. The 150 and 200 M� non-rotating models for solar metallicities

have higher �nal mass due to the lower mass loss than in the rotating models. Since our

models have zero hydrogen content, our �nal mass, Mf is equivalent to the mass of helium

core, Mα. For the analysis of the fate of very massive stars, we use mass of carbon-oxygen

core but as can be seen in Figs. 4.11 and 4.12 they are very similar. Mα and Mco do not

give much di�erence.
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Figure 4.11: Final mass of 120, 150, 200, 300 and 500 M� for solar, LMC and
SMC metallcities for both rotating and non-rotating models.
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We have calculated a series of carbon-oxygen mass from our grid models. In most

literature, the fate of massive stars is calculated using the Mα (see Heger & Woosley

(2002) for instance). Heger & Woosley (2002) proposed that the Mα should be around

60M� ≤ Mα ≤ 130M�. Since there is not much di�erence between Mα and Mco, we use

the Mco to give more reliable analysis. Mco is important for the exploding mechanism for

SN2007bi (Yoshida & Umeda, 2011).

In this work, we consider Mα as the mass at the core where the mass of 4He is higher

than 75% while Mco is mass at the core where the fraction of mass of carbon plus the

oxygen core is greater than 75%. From Fig. 4.12, only four models end their life as PCSN.

These are 500 M� LMC metalicity models (both rotating and non-rotating) and 150 and

200 M� SMC metalicity rotating models. Other models end their lives as core-collapse

SN and black hole.

The models that end up as PCSN are stars that have very massive initial mass for

LMC and the lower end initial mass for SMC. These models experience very small mass

loss compared to other models that end up as black hole or core-collapse supernova. Table

of the initial mass, total He mass in the envelope, Mco, M�nal and their fate is tabulated

in Table 4.6.

4.8.2 Surface He abundance for SNe Ib/Ic

The distinctive feature SNe Ic is the absence of HeI lines in their spectra. However, it is

very di�cult to distinguish between SNe Ic and Ib since there is no establish theoretical

criterion to di�erentiate them.

The regular standard methods to distinguish SN Ic and Ib are based on total He mass

in the envelope (Wellstein & Langer, 1999; Georgy et al., 2009; Yoon et al., 2010) or the

He mass fraction at the surface (Yoon et al., 2010).

The �rst method is based on the total He mass in the envelope. We use the value
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Table 4.6: Mass range of initial mass, total He envelope, mass of carbon-oxygen
core, �nal mass and the �nal fate.

non-rotating rotating
Mini MHeenv Mco M�nal Fate MHeenv Mco M�nal Fate

Z=0.014
120 0.4874 25.478 30.8 CCSN/BH 0.5147 18.414 18.7 CCSN/BH
150 0.6142 35.047 41.2 CCSN/BH 0.5053 19.942 20.2 CCSN/BH
200 0.7765 42.781 49.3 CCSN/BH 0.5101 21.601 21.9 CCSN/BH
300 0.3467 32.204 38.2 CCSN/BH 0.4974 19.468 23.9 CCSN/BH
500 0.3119 24.380 29.8 CCSN/BH 0.5675 20.993 25.8 CCSN/BH

Z=0.006
120 1.2289 43.851 54.2 CCSN/BH 0.5665 32.669 39.2 CCSN/BH
150 1.1041 47.562 59.7 CCSN/BH 0.7845 38.436 45.6 CCSN/BH
200 - - - CCSN/BH 0.5055 42.357 51.0 CCSN/BH
300 - - - CCSN/BH 0.5802 44.959 54.0 CCSN/BH
500 1.6428 92.547 94.7 PCSN 0.7865 73.145 74.8 PCSN

Z=0.002
150 - - - - 2.3353 93.468 106.5 PCSN
200 - - - - 3.3022 124.329 129.2 PCSN
300 - - - - 5.5018 134.869 149.7 BH
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considered in Yoshida & Umeda (2011) where the He envelope mass limit for SN Ib/Ic is

between 0.5 and 1.5 M�. For the choice of He mass limit for SN Ic, (Wellstein & Langer,

1999) and (Yoon et al., 2010) it is set at 0.5 M� while Georgy et al. (2009) proposed

0.6 M� as their limit. However, Georgy et al. (2009) also reported that the choice of He

mass limit between 0.6 and 1.5 M� hardly a�ects the mass of main sequence ranges for

SN Ib/Ic. Most of our models end up as SN Ic and SN Ib/Ic except for 500 M� LMC

non-rotating models and the SMC models which end up as SN Ib.

The second method is by using the helium surface mass fraction, Xsurface
He . The value

of Xsurface
He = 0.5 is set according to Yoshida & Umeda (2011) and Yoon et al. (2010).

Yoon et al. (2010) reported that the He lines may not be seen in early time spectra even

though the total He mass is as large as 1.0 M� if He is well mixed with CO material

having Xsurface
He = 0.5. Using this criterion, we �nd that all our models except the SMC

models end up as SN Ic. Although there is no clear evidence of very massive stars in

low metallicity ending up as SN Ib, our calculation shows models with SMC models are

expected to become one.
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Figure 4.13: Mass of total helium envelope (left) and the mass fraction of He at
the surface (right).
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4.9 Comparison with the literature

We compare our results with the data obtained from Yoshida & Umeda (2011). In their

paper, they computed models with initial mass between 100-500 M� using metallicity

Z = 0.004 which is within the estimated observed metalicity of SN2007bi. In order to

compare with our models, we choose case A (standard case) in Yoshida & Umeda (2011)

since we have used the standard mass loss prescription in our models. We list out the

di�erence of physics input between our models and Yoshida & Umeda (2011)

1. Heavy elements mixing in Yoshida & Umeda (2011) is from Anders & Grevesse

(1989) while our models use the prescription from Asplund et al. (2005).

2. Our models enter WR phase when Xs = 0.3 while Yoshida & Umeda (2011) models

enter WR phase when Xs = 0.4.

3. Our code implements additional mass loss prescription by Gräfener & Hamann

(2008) while the code used in Yoshida & Umeda (2011) does not include this mass

loss prescription.

4.9.1 Post-main sequence evolution of very massive stars

In Fig. 4.14 we compare our 150 M� LMC non-rotating, SMC both rotating and non-

rotating evolutionary tracks with 140 M� model from Yoshida & Umeda (2011). We do

not include the 150 M� SMC non-rotating models in our calculation earlier since this

model ends at the main sequence phase. We illustrate this model in this �gure in order

to have a clear understanding of the evolution of the stars with low metallicity.

From the HR track, Yoshida & Umeda (2011) followed the similar pattern with our

models except that their model created a loop after the main sequence phase. During

this phase, Yoshida & Umeda (2011) model experienced sharp drop in the mass loss while

in our models, the mass loss decline slowly compared to Yoshida & Umeda (2011). We
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had expected the Yoshida & Umeda (2011) total mass changes slower than our 150 M�

SMC non-rotating model since Yoshida & Umeda (2011) has much higher metallicity.

Although we use generally similar mass loss prescriptions, the Yoshida & Umeda (2011)

model experienced sharper mass loss episode during the LBV and WR (see top panel of

Fig. 4.14).
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4.9.2 Comparison for the fate of very massive stars

In this section, we compare the fate of very massive stars using all the grids for case A

in Yoshida & Umeda (2011) with all of our computed models. The comparison �gures

are shown in Figs. 4.15 and 4.16. We expect the �nal mass of Yoshida & Umeda (2011)

models to lie between our LMC non-rotating and SMC rotating models �nal mass but

instead the models lie below the LMC non-rotating models. This might be due to the

di�erent conditions of mass loss prescription as discuss in Section 4.9.1.

Given the values of Mco, Yoshida & Umeda (2011) models with initial mass of 300, 400

and 500 M� have su�ciently large Mco to explode as PCSN. Compared to our models,

for metallicity higher than Z = 0.004 like LMC only the 500 M� retains a large Mco.

For the analysis of total He mass envelope and He surface mass fraction, only 100 M�

Yoshida & Umeda (2011) ended up as SN Ib.

100 200 300 400 500
Mini [M�]

0

20

40

60

80

100

120

140

160

M
fin

al
[M
�

]

LMC, non-rotating
LMC, rotating
SMC, rotating
Yoshida and Umeda (2011)

100 200 300 400 500
Mini [M�]

0

20

40

60

80

100

120

140

160

M
C

O
[M
�

]

BH/CCSN

PCSN

BH

LMC, non-rotating
LMC, rotating
SMC, rotating
Yoshida and Umeda (2011)

Figure 4.15: Fate comparison of �nal mass (left) and mass of carbon-oxygen core
(right) Yoshida & Umeda (2011) with our models.
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Figure 4.16: Fate comparison of He surface mass fraction (left) and total He mass
envelope (right) Yoshida & Umeda (2011) with our models.

4.10 Initial mass range for SN2007bi progenitors

We have evaluated the initial mass range that might produce the PCSN and core collapse

SN progenitors by taking into account the Mco, total mass of helium envelope, MHeenv and

the He surface mass fraction. We do not consider the SN2006gy since this SN is in Type

IIn and all computed models clearly end up as either SN Ic, SN Ib/Ic or SN Ib. We also

compare our models with the models from Yoshida & Umeda (2011) as the authors have

computed the progenitor for SN2007bi. As suggested in Yoshida & Umeda (2011), the

Mco for the SN2007bi is around 160-175 M�. Two �gures of Mco with SN2007bi region

are provided in Fig. 4.17.

The �gure in the upper panel shows all our computed models and we �nd that the

SN2007bi can occur in the rotating SMC metallicity models with initial mass range

roughly between 160-175 M�. Lower panel in Fig. 4.17 is the comparison between

Yoshida & Umeda (2011) with our LMC and SMC models. Yoshida & Umeda (2011)

models using the standard mass loss prescription do not explode as SN 2007bi although
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their 500 M� is very near to the lower limit Mco range of SN2007bi.

The other models which have either more massive or smaller CO core than SN2007bi

Mco will the explode as CC SN and form a black hole. From our results, the mass loss

plays very important role in determining the fate of very massive stars.
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Figure 4.17: Fate comparison of Yoshida & Umeda (2011) with our models.

4.11 Mass loss e�ect using di�erent mass loss prescrip-

tions

In this section, we study the impact of di�erent mass loss prescriptions. Massive stars

particularly at solar metallicity lose a signi�cant amount of mass during their evolution.

Mass loss is sensitive to Teff , L and Z. These values change with time during the evolution

and the application of di�erent mass loss rates changes the pro�les of the models and

thus in�uences their fate. For massive stars, the most extreme mass loss rate is during

the WR phase, where the outer layers become chemically enriched and thus modifying
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Ṁ .

In this work, we choose di�erent mass loss prescriptions to estimate the mass loss rate

Ṁ during the WR phase where we investigates the following three cases:

• Case A : Estimated mass loss rate using mass loss prescription by Vink et al. (2001).

It gives minimum Ṁ , with lower mass limit of Ṁ and upper limit of �nal mass.

• Case B : Estimated mass loss rate using mass loss prescription by Vink et al. (2001)

multiply by a factor 5. This gives WR stars �nal mass average corresponds to an

average of Ṁ WR star.

• Case C : Estimated mass loss using mass loss prescription by Nugis & Lamers

(2000) which is speci�c for eWNE phase. As seen in Table 4.7, this mass loss rate

is extremely high and probably unrealistic to WR. It presents an upper limit of Ṁ

and lower limit for �nal mass.

These three samples represent the range of the full mass loss that massive stars could

experience and therefore we can see the impact of mass loss of the star.

From these cases, we estimate the �nal mass of the models and investigates the impact

of these di�erent mass loss rates towards the fate of the models. The estimated values

are presented in Table 4.7. The �rst part of the table represents the mass of the star at

various WR stages from our models, part two represents the mass loss estimate and �nal

mass of Case A, part three represents mass loss estimate and �nal mass of Case B, part

four for mass loss estimate and �nal mass of eWNE and �nally part �ve the mass loss

rate obtained directly from the models at �nal stage of eWNE phase.

For Case A, we estimate the mass loss rate
〈
Ṁ
〉
as:

〈
ṀV ink

〉
=
Mini −MYH(0.3)

AgeYH(0.3)

(4.3)
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while for Case B: 〈
ṀV ink5

〉
=

(
Mini −MYH(0.3)

AgeYH(0.3)

)
× 5 (4.4)

and for Case C: 〈
ṀeWNE

〉
=

MH(0.05)
−MYC+O/He(0.03)

(AgeYH(0.05) − AgeYH(0.3))
. (4.5)

In the last column in Table 4.7, we provide the values of mass loss from our stellar

evolution models at the end of eWNE phase. These values are given for comparison.

From the values tabulated in Table 4.7, we �nd that
〈
ṀV ink

〉
(Case A) is lower than

the WR estimated mass loss rate (Case C). Vink et al. (2001) mass loss prescription is

computed for O-B stars which is more suitable during the main-sequence stage and it

underestimates the mass loss rate during the advanced stages. To give a more reasonable

estimate, we multiply the values from Case A by a factor of �ve. This will give an

average value of WR mass loss. From the table (c.f Case B,
〈
ṀV ink5

〉
), these values give

more reasonable �nal mass values closer to the estimated values using Nugis & Lamers

(2000) mass loss prescription,
〈
ṀeWNE

〉
(Case C) and mass loss from our stellar models.

However, the estimate for
〈
ṀeWNE

〉
is very high compare to Case A, Case B and mass

loss from our stellar models which might overestimate the mass loss of the models.

From the estimated mass loss rate values, we list the summaries of the results:

•
〈
ṀV ink

〉
: Give minimum mass loss rate during the evolution since it underesti-

mates the value for mass loss rate of WR star.

•
〈
ṀV ink5

〉
: This rate gives reasonable value for the mass loss during WR phase.

which is higher than the mass loss rate estimated by
〈
ṀV ink

〉
.

•
〈
ṀeWNE

〉
: This estimate gives stronger mass loss rate during the WR phase. The

value is so high (≥ 10−3) it is probably unrealistic.

• ṀeWNEf
: This mass loss rate is from our stellar models. Most of these values are

lower than
〈
ṀeWNE

〉
. This is because these value are taken at the �nal stage of
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eWNE after the models have already loss a lot of mass and thus have smaller mass

loss rate.

The e�ect of di�erent implementation of the mass loss rates can be seen from their

�nal mass. Low mass loss rate will produce higher �nal mass. This can a�ect the fate

of the models itself when di�erent mass loss rates are applied in the models during the

evolution. To calculate the estimated �nal mass, we use the following equations:

• Case A:

Mf(Vink) = M(YH(0.05))−
〈
ṀV ink

〉
× tleft. (4.6)

• Case B:

Mf(Vink5) = M(YH(0.05))−
〈
ṀV ink5

〉
× tleft. (4.7)

• Case C:

Mf(eWNE) = M(eWNE)−
〈
ṀeWNE

〉
× tleft. (4.8)

MeWNE is the mass of the star when it enters eWNE phase i.e when C+O
He

> 0.03 at the

surface and tleft is the time before core collapse in years.

The �nal mass of our models and estimated �nal mass for Case A and Case B are

shown in Fig. 4.18. Case C is not plotted since we obtain negative values for the estimated

�nal mass except for the 120 M� LMC non-rotating model. For the
〈
ṀV ink5

〉
(Case A),

since the mass loss is low, we expect less mass is ejected during the evolution. This is also

shown in the �gure where even in the solar metallicity models, the �nal mass is extremely

large and one can expect to have PCSN at this metalicity. For Case B, the models still

retain large amount of �nal mass but not as high as in Case A. The PCSN is expected

for LMC metallicity models for this case. Finally, the lower panel shows the full stellar

models �nal mass.

Comparing with all these estimated �nal mass, for Case A, most of the models in-
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cluding solar, LMC and SMC retain enough mass to end as PCSN. Case B has similar

pattern with our full models and it has higher �nal mass at LMC and SMC with rotation.

This is due to the higher mass loss rate estimated for this case compared with the mass

loss rate from the models. For Case C since most of the values are negative and they are

expected to end up as core collapse SN.

By using the di�erent mass loss rates, we can see how it can a�ect the �nal mass and

the fate of the models itself. To summarise, we list the important points:

• Case A :
〈
ṀV ink

〉
represents the minimum mass loss rate compared to other mass

loss rates. By using this mass loss rate, we probably underestimate the mass loss

rate during the WR phase. Lower mass loss rate using this prescription gives higher

�nal mass even in the solar metallicity models (both rotating and non-rotating

models). Since its �nal mass is extremely high, PCSN can be expected even from

solar metalicity models.

• Case B :
〈
ṀV ink5

〉
represents a reasonable mass loss rate for WR stars. The �nal

mass for this case has the same pattern with the �nal mass loss from our full stellar

models. This mass loss rate is able to produce PCSN at lower mass range for the

LMC rotating models.

• Case C:
〈
ṀeWNE

〉
is the mass loss rate using mass loss prescription for eWNE

stars from Nugis & Lamers (2000). This mass loss rate overestimates the mass

loss during the WR phase and is much higher than the observed mass loss (c.f last

column of Table 4.7 and see for example Crowther et al. (2010)). The �nal mass

using this estimate gives negative values which shows that all the models will end

up only as CCSN and no PCSN is expected if such higher mass loss would occur in

stars.

Finally, we can conclude that the fate of the models are very sensitive to di�erent

83



mass loss prescriptions. By varying the mass loss rates between the minimum and max-

imum mass loss expected in massive stars, we can see that the fate of the stars changes

drastically. It is therefore crucial to develop reliable mass loss prescription to predict the

fate of the most massive stars.
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Figure 4.18: Estimated �nal mass for Case A and Case B at the upper panel.
Lower panel shows the �nal mass from our full stellar models.
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Table 4.7: Total mass estimates of the models using di�erent mass loss rates. The table is divided into 5 parts: Total
mass of the models at various stages of WR phase, Case A and Case B. In each case, we provide the mass loss rate and the

�nal mass. The unit for
〈
Ṁ
〉
is in M�/year and 〈Mf 〉 is M�.

Total mass of the models Case A Case B Case C Case D

Mini YH(0.3) YH(0.05) eWNEf Final
〈
ṀVink

〉
〈MfVink

〉
〈
ṀVink5

〉
〈MfVink5

〉
〈
ṀeWNE

〉
〈MfeWNE

〉 ṀeWNE

Z=0.014, v/vcrit = 0.0
120 69.43 52.59 47.62 30.81 2.477e-05 45.52 1.239e-04 17.26 3.638e-04 -56.14 3.148e-04
150 88.86 66.87 61.20 41.16 3.274e-05 57.90 1.637e-04 22.06 6.107e-04 -105.93 5.236e-04
200 121.06 91.20 83.85 49.32 4.618e-05 78.76 2.309e-04 29.00 1.150e-03 -225.98 3.524e-03
300 184.27 130.47 52.05 38.15 8.047e-05 101.05 4.023e-04 -16.66 8.912e-04 -273.88 3.548e-04
500 298.79 169.50 45.14 29.75 1.736e-04 97.60 8.680e-04 -190.00 9.590e-04 -352.07 2.655e-04

Z=0.014, v/vcrit = 0.4
120 88.28 69.54 27.43 18.68 1.675e-05 61.08 8.375e-05 27.25 2.057e-04 -76.45 8.395e-05
150 106.64 80.88 29.49 20.22 2.467e-05 68.71 1.233e-04 20.04 2.640e-04 -100.75 9.954e-05
200 137.52 98.75 31.84 21.93 3.985e-05 79.49 1.992e-04 2.45 3.564e-04 -140.44 1.189e-04
300 196.64 129.10 34.45 23.93 7.559e-05 93.10 3.780e-04 -50.91 5.160e-04 -211.29 1.422e-04
500 298.42 174.05 38.30 25.83 1.594e-04 100.53 7.969e-04 -193.55 7.901e-04 -326.16 1.811e-04

Z=0.006, v/vcrit = 0.0
120 74.30 57.91 56.91 54.11 2.140e-05 55.87 1.070e-04 47.71 3.272e-04 25.73 3.020e-04
150 94.18 74.20 71.75 59.59 2.839e-05 69.15 1.419e-04 48.96 5.038e-04 -17.80 4.560e-04
500 332.68 250.64 197.41 94.56 1.304e-04 215.07 6.521e-04 72.81 3.334e-03 -711.77 2.818e-03

Z=0.006, v/vcrit = 0.4
120 100.57 90.78 54.43 39.25 9.429e-06 87.23 4.715e-05 73.03 3.219e-04 -66.74 2.000e-04
150 125.79 111.84 60.75 45.58 1.367e-05 106.69 6.836e-05 86.09 4.418e-04 -105.67 2.518e-04
200 166.81 144.86 66.25 51.02 2.180e-05 136.62 1.090e-04 103.68 6.257e-04 -170.12 3.034e-04
300 247.07 207.10 73.11 54.04 4.166e-05 190.49 2.083e-04 124.05 9.524e-04 -306.63 3.698e-04
500 397.34 315.51 86.10 74.75 9.194e-05 280.28 4.597e-04 139.34 1.685e-03 -559.56 5.129e-04

Z=0.002, v/vcrit = 0.4
150 135.06 130.46 113.51 106.50 6.661e-06 128.71 3.331e-05 121.72 4.485e-04 -4.12 4.217e-04
200 181.42 174.18 137.90 129.21 9.902e-06 171.39 4.951e-05 160.24 6.631e-04 -48.76 5.152e-04
300 273.18 260.81 156.14 149.70 1.730e-05 255.24 8.650e-05 232.97 1.040e-03 -178.71 6.668e-04

8
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4.12 Summary

We have calculated a grids of stellar models of very massive stars in SMC, LMC and

solar metallicities. Our study is motivated by the �nding of a very massive star known to

date, R136a1 (Crowther et al., 2010) and the observation of PCSN candidate, SN2007bi

by (Gal-Yam et al., 2009).

Our stellar evolution models in the main sequence shows that they match the obser-

vations of NGC3603 and R136 stars (Crowther et al., 2010). From the main sequence,

we evolve the models further until at least the end of He burning. Models evolve using

the standard mass loss prescriptions are predicted to end up as PCSN are models at

LMC metallicity with mass around 500 M� and rotating SMC metallicity models with

mass 120 < M� < 280. Other then that it will die as a black hole or core-collapse su-

pernova. We also explore the probability of PCSN candidate, the SN2007bi to occur in

our models. From our analysis, our models predict SN2007bi will only occur at around

150 < M� < 175 at rotating SMC metallicity.

Finally we estimate the mass loss using di�erent mass loss rates. There are uncer-

tainties in using the correct mass loss prescriptions and by varying di�erent mass loss

prescriptions during the transition of WR, the models give di�erent conclusions for their

fate. We �nd that Vink et al. (2001) mass loss prescription if implemented in the mod-

els, gives higher �nal mass compared to models using mass loss prescriptions by Nugis

& Lamers (2000) or Gräfener & Hamann (2008). This will change the fate of the stars

where PCSN can occur even in solar metallicity with smaller mass lower than 300 M�.
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Chapter 5

Neutrino Energy Loss in Massive Stars

5.1 Neutrino loss in massive stars

In the evolution of stars, there are six major burning stages: hydrogen burning, helium

burning, carbon burning, neon burning, oxygen burning and silicon burning. During

H and He-burnings, the star losses its energy by radiation while during the four last

stages, neutrinos dominate the energy loss. Thus, the neutrino cooling rate is important

especially during the late stages of the evolution of the star since most of the energy lost

is through the neutrino processes. When the star evolves, the temperature and density

increase with time; the rate of neutrino energy loss becomes higher since the neutrino

processes depend on the temperature and density of the interior of the star.

Itoh and his collaborators have studied the interior neutrino energy loss based on

Salam-Weinberg theory (Itoh & Kohyama, 1983; Itoh et al., 1984; Munakata et al., 1985,

1987; Itoh et al., 1989, 1992, 1993; Kohyama et al., 1993, 1994). The neutrino energy loss

mechanisms that they studied were pair, photo, plasma, bremsstrahlung and recombina-

tion neutrino processes.

There are also calculations on neutrino energy loss done by Dicus et al. (1976); Schin-

der et al. (1987); Braaten (1991); Braaten & Segel (1993); Haft et al. (1994) using the
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same Salam-Weinberg theory. The older calculations based on Feynman-Gell-Mann the-

ory were summarised by Beaudet et al. (1967).

The four most important neutrino processes in a star are the following:

• pair neutrino : e+ + e− → ν + ν̄

• photoneutrino : γ + e± → e± + ν + ν̄

• plasma neutrino : γ∗ → ν + ν̄

• bremsstrahlung : e± + Z → ν + ν̄

Each neutrino process gives rise to a dominant contribution in di�erent regions of the

density and temperature diagram. We shall discuss in detail each of the neutrino processes

in the next subsections. In recent years, there are new additional neutrino processes

considered important in the stellar evolution which are the recombination process (Itoh

et al., 1996) and neutrino energy loss for 55Co (Nabi & Sajjad, 2008). Esposito et al.

(2003) calculated the neutrino energy loss of all four neutrino processes mentioned in the

list above with the inclusion of radiative correction in the Hamiltonian.

The current Geneva stellar evolution code uses the treatment from Itoh et al. (1989)

for pair, photo and plasma neutrino processes and Dicus et al. (1976) for bremsstrahlung

process. In this work our aim is to update the Geneva stellar evolution code using Itoh

et al. (1996) where the plasma and bremsstrahlung neutrino processes will be modi�ed

accordingly. Although there are several papers (see for eg. Esposito et al. (2003)) de-

scribing the neutrino energy loss, we �nd Itoh et al. (1996) give the analytical �tting

formulae that are most convenient to implement in a stellar evolution code.

5.2 Neutrino Processes

During H-burning, for every helium nucleus produced one needs to convert two protons

into two neutrons, so inevitably two neutrinos with MeV-range energies emerge. Advanced
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burning stages consist essentially of combining α particles to form larger nuclei and do

not produce neutrinos in nuclear reactions. However, neutrinos are still produced by

several thermal processes which actually dominate the stellar energy losses from carbon

burning and in the more advanced phases.

Thermal neutrino emission arises from processes involving electrons, nuclei and pho-

tons of the medium and is based on the neutrino interaction with electrons. According

to the theory of weak interactions, for each electron process emitting a photon, there is

a �nite probability P (νeν̄e) of emitting a νeν̄e pair with energy Eν . The ratio of this

probability to that of emitting a photon Pγ is given by

P (νeν̄e)

Pγ
=
G

α4

(
Eν
mec2

)4

' 3× 10−18

(
Eν
mec2

)4

(5.1)

where G ≈ 10−5(me/mµ)2 = 3 × 10−12 is the constant characterising the ratio of weak

and electromagnetic interactions and α is the �ne structure constant with value 1/137.

Eq. 5.1 shows that the neutrino emission may occur without nuclear reactions. Neutrino

emissions constitute a means of losing energy from the stellar interior and is known as

neutrino cooling. The neutrino cooling occurs only when T or ρ of the star is high enough.

This process is dominant at the start of C-burning process where the T > 2× 108 K and

ρ > 103 gcm−3.

During the evolution of massive stars, when carbon burning starts in the core, the

rate of energy release by neutrinos begins to compete with the rate of the convective

energy transport. The total energy loss caused by the neutrino emission is the sum of all

neutrino processes and it can be written as

Qtot(ergcm−3s−1) = Qpair +Qphoto +Qplas +Qbrems +Qrecomb (5.2)

where Qpair is the energy loss from pair neutrino production, Qphoto is the energy loss from
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the photoneutrino production, Qplas is the energy loss from plasma neutrino production,

Qbrems is the energy loss from bremsstrahlung and Qrecomb is the energy loss from the

recombination process.

In the subsection below, we list out the processes that are used in the code and the

formulation of the energy loss for each process. Details of the formulation can be found

in Itoh et al. (1996).

5.2.1 Pair neutrino process

The pair annihilation process (Fig. 5.1) becomes dominant at temperature higher than

109 K. In Itoh et al. (1996), the energy loss from the pair process can be written as

Qpair =
1

2
[C2

V + C2
A) +N(C

′2
V + C

′2
A )]Q+

pair +
1

2
[C2

V − C2
A) +N(C

′2
V − C

′2
A )]Q−pair (5.3)

where CV = 1
2
+2 sin2 θw, CA = 1

2
, C ′V = 1−CV , C ′A = 1−CA and sin2 θw = 0.2319±0.0005.

The value of θw is the Weinberg angle and n is the number of neutrino �avors other than

electron neutrino. This expression is the same as in Itoh et al. (1989) and Munakata

et al. (1985). Itoh et al. (1996) provides an analytical �tting formula and also numerical

table.

Figure 5.1: Feynman diagram of pair-annihilation neutrino process where GF is
the Fermi coupling constant.
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5.2.2 Photoneutrino process

This type of emission process is strongest at low density and temperature below 109

K. The Feynman diagram of the photo production process is shown in Fig. 5.2 . The

formulation of photoneutrino process can be written as

Qphoto =
1

2
[C2

V + C2
A) +N(C

′2
V + C

′2
A )]Q+

photo +
1

2
[C2

V − C2
A) +N(C

′2
V − C

′2
A )]Q−photo. (5.4)

The values of CA, CV , C
′
A and C ′V are the same as in the pair neutrino formulation.

The calculation in Itoh et al. (1989) superseded the calculation done by Munakata et al.

(1985) and Schinder et al. (1987).

Figure 5.2: Feynman diagram of photo neutrino process.

5.2.3 Plasma neutrino process

Plasma neutrino process is the decay of photons and plasmons into neutrino-antineutrino

pairs. The formulation of plasma neutrino energy loss rate can be written as

Qplasma = (C2
V + nC ′2V )QV , (5.5)

QV = QL +QT (5.6)

where QL and QT are the contributions of the longitudinal plasmon and transverse plas-

mon respectively. The plasma neutrino process in Itoh et al. (1996) was taken from
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Kohyama et al. (1994) and updated using Haft et al. (1994). The Feynman diagram for

the plasma process is shown in Fig. 5.3.

Figure 5.3: Feynman diagram of plasma neutrino process.

5.2.4 Bremsstrahlung neutrino process

Neutrino bremsstrahlung process is dominant at high density but relatively low tempera-

ture. The bremsstrahlung neutrino process in Itoh et al. (1996) supersedes the calculation

done by Dicus et al. (1976) through the accurate inclusion of the ionic correlation e�ects

and the screening e�ects attributable to electrons. Dicus et al. (1976) calculated the

bremsstrahlung process in the framework of Weinberg-Salam theory but did not cover

a wide density-temperature region and this makes their calculation not suitable for the

stellar evolution computation.

For the bremsstrahlung neutrino energy process, the process involves di�erent

temperature-density region. The temperature-density region is divided into two by the

line T = 0.3TF where TF is the electron Fermi temperature (Itoh et al., 1996). When

T > 0.3TF , the electrons are weakly degenerate and when T < 0.3TF , the electrons

become strongly degenerate. The weakly degenerate electrons in the bremsstrahlung
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neutrino energy loss can be written as

Qgas = 0.5738(ergcm−3s−1)
∑
i=1

(XiZi/Ai)T
6
8 ρ

×{1/2[(C2
V + C2

A) + n(C
′2
V + C

′2
A )]Fgas

−1/2[(C2
V − C2

A) + n(C
′2
V − C

′2
A )]Ggas} (5.7)

For strongly degenerate region, the process can be divided into liquid metal phase

and crystalline lattice phase depending on the strength of the ionic correlation, Γ. Here

we list out the formulation of each process in the case of strong degeneracy.

• Liquid Metal Phase

Qliquid = 0.5738(ergcm−3s−1)T 6
8 ρ[
∑
i=1

(XiZi/Ai)

×{1/2[(C2
V + C2

A) + n(C
′2
V + C

′2
A )]Fliquid(Γi)

−1/2[(C2
V − C2

A) + n(C
′2
V − C

′2
A )]Gliquid(Γi)}] (5.8)

• Crystalline Lattice Phase

Qcrystal = Qlattice +Qphonon (5.9)

where

Qlattice = 0.5738(ergcm−3s−1)T 6
8 ρ[
∑
i=1

(XiZi/Ai)fband

×{1/2[(C2
V + C2

A) + n(C
′2
V + C

′2
A )]Flattice(Γi)

−1/2[(C2
V − C2

A) + n(C
′2
V − C

′2
A )]Glattice(Γi)}] (5.10)
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and

Qphonon = 0.5738(ergcm−3s−1)T 6
8 ρ[
∑
i=1

(XiZi/Ai)

×{1/2[(C2
V + C2

A) + n(C
′2
V + C

′2
A )]Fphonon(Γi)

−1/2[(C2
V − C2

A) + n(C
′2
V − C

′2
A )]Gphonon(Γi)}] (5.11)

The summations in Eq. 5.8, 5.9, 5.10 and 5.11 are over the elements tabulated in Itoh

et al. (1996).

5.3 Numerical aspect

Geneva code employs Henyey method (Henyey et al., 1964) to solve the system of di�eren-

tial equations describing the stellar structure leading to the spatial solutions in Lagrangian

coordinate. The total neutrino energy, εν (erg g−1 s−1) is needed at each mass shell in

which values of the various neutrino energy loss processes are computed directly from

the analytical �tting formulae described by Itoh et al. (1996). In the implementation

of the Henyey discretisation process, the partial derivatives of the total neutrino energy

with respect to the temperature T and pressure P and in turn the individual neutrino

processes are needed. Terms of the form ∂ ln εν
∂ lnT

and ∂ ln εν
∂ lnP

which together with εν form the

major output from the neutrino code. Since the energy loss is a function of temperature

and density, εν = εν(ρ, T ) we derive these derivatives from the �tting formulae given by

Itoh et al. (1996). Thus the change in the neutrino energy loss is written as

∆εν =
∂εν
d
T +

∂εν
∂P

dP (5.12)

where the change in the neutrino energy loss due to the temperature alone is the sum of

all the neutrino energy sources:
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∂εν
∂T

=
∂εpairν

∂T
+
∂εphotoν

∂T
+
∂εplasν

∂T
+
∂εbremsν

∂T
. (5.13)

Likewise the changes in εν due to pressure dependence is

∂εν
∂P

=
∂εpairν

∂P
+
∂εphotoν

∂P
+
∂εplasν

∂P
+
∂εbremsν

∂P
. (5.14)

These are then converted to the form ∂ ln εν
∂ lnT

and ∂ ln εν
∂ lnP

by using the thermodynamic vari-

ables, ∂ ln ρ
∂ lnT

and ∂ ln ρ
∂ lnP

.

5.4 Neutrino energy losses for 20, 60 and 120 M� solar

metallicity models

In this section, we shall present some results from evolution of very massive stars using

the updated neutrino energy loss from Itoh et al. (1996). In the current Geneva stellar

evolution code, the neutrino energy loss processes are taken from Itoh et al. (1989) and

Dicus et al. (1976). For this work, we evolve only non-rotating models to show the

pertinent changes in the evolution due to the updated neutrino energy loss. All models

are evolved at least until the middle of O-burning.

5.4.1 HR diagram

Figure 5.4 shows the HR diagram of both models using the neutrino energy loss from Itoh

et al. (1996) and from Itoh et al. (1989). The solid lines represent the models using the

updated neutrino energy loss while the dotted lines are the models using the old neutrino

energy loss prescription.

In the evolution of the HR diagram, all models give agreeable tracks. The 120 M�

models have slight changes in the tracks when these models reach the end of the evolution.
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These changes are not related to neutrino losses but to slightly di�erent evolutionary

paths.

3.54.04.55.05.5
Effective Temperature, log10(Teff[K])

4.5

5.0

5.5

6.0

6.5

Lu
m

in
os

ity
,l

og
10

(L
/L
�

)

20 M�

60 M�

120 M�

Figure 5.4: HR diagram of 20, 60 and 120 M� models.

5.4.2 Internal evolution

The evolution in the Tc-ρc diagram for all models is presented in Fig. 5.5. The Tc-ρc

diagram using both neutrino energy loss prescriptions give agreeable tracks. However, we

�nd that in 20 M� models, the Tc-ρc diagram using Itoh et al. (1996) gives lower values

compared to models using Itoh et al. (1989). Since at this point, the neutrino energy loss

starts dominating the energy loss in the star, we are going to study which process a�ects

these changes. From the models, the lower mass model appears to be more sensitive

towards the neutrino cooling compared with higher mass models.

5.4.3 Comparison of neutrino energy loss

In this section, we study the comparison of neutrino energy loss using Itoh et al. (1996)

and Itoh et al. (1989) with respect to the internal structure of the models. During carbon
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Figure 5.5: Tc-ρc diagrams of 20, 60 and 120 M� models. The solid lines represent
models with updated neutrino loss while the dotted lines represent models using the
old neutrino loss prescription.
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burning stage, the neutrino energy loss dominates the energy process at the core of the

stars. This scenario is shown in Fig. 5.6, where at the center of the 20 M� model, the

neutrino loss is higher than the nuclear energy generation from the model.
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Figure 5.6: Comparison of neutrino energy loss and nuclear energy generation for
the 20 M� models at the start of C-burning. Solid lines represent data from models
using Itoh et al. (1996) while dotted lines are from models using Itoh et al. (1989)

The total energy loss for 20, 60 and 120 M� models at the start of C-, Ne- and O-

burnings are shown in Fig. 5.7. In these �gures, the total energy loss by the neutrino

processes using Itoh et al. (1996) give agreeable tracks. We notice that for 20 M� model,

the tracks for Itoh et al. (1996) is lower but for the extreme mass, 120 M� model, the

neutrino loss using Itoh et al. (1996) is slightly higher. This might be due to the di�erent

e�ects of neutrino energy loss at di�erent temperature-density regions.

In Itoh et al. (1996) the neutrino energy loss formulations for pair neutrino and pho-

toneutrino are the same as in Itoh et al. (1989). In Fig. 5.8, we plot two graphs; as
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Figure 5.7: Neutrino energy loss for 20 M� models at start of the C-, Ne and
O-burning. Solid lines represent data from models using Itoh et al. (1996) while
dotted lines are from models using Itoh et al. (1989)
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a function of temperature and density in order to study the neutrino losses from the

neutrino processes during the C-burning stages. The photo and pair neutrino energy loss

processes do not have signi�cant changes since the formulations used in Itoh et al. (1996)

are identical as in Itoh et al. (1989). For plasma neutrino process, the model using Itoh

et al. (1996) gives slightly higher value than model using Itoh et al. (1989). This factor

has been mentioned in Itoh et al. (1996) where their �tting gives accuracy 5% better

when the plasma neutrino process is dominant. But for the bremsstrahlung neutrino

energy loss process, there is a huge di�erence in energy loss which is up to 10 orders of

magnitude lower for Itoh et al. (1996).

The di�erence in bremsstrahlung energy loss is due to the di�erent ionic correlation

e�ects and the screening e�ects attributable to electrons. The bremsstrahlung neutrino

loss formulation for weak and strong degenerate electron in Itoh et al. (1996) is restricted

to certain Fermi temperature range, while in Itoh et al. (1989), the authors used Dicus

et al. (1976) which does not have this rigid constraint.

However, the neutrino energy loss formulations for plasma and bremsstrahlung pro-

cesses in Itoh et al. (1996) are di�erent in Itoh et al. (1989). Here we present the compar-

ison for these two processes. Since the neutrino energy loss is dominant in C-burning, we

study the neutrino energy loss for plasma and bremsstrahlung processes in the structure

of the models from the onset of C-burning, Ne-burning and O-burning. At these stages,

the temperature and density of the models are high enough to trigger these processes.

In Fig. 5.9 we present the comparison of plasma and bremsstrahlung neutrino energy

loss using Itoh et al. (1996) and Itoh et al. (1989) at the start of C-burning, Ne-burning

and O-burning respectively of the 20 M� model. The solid line represents models using

Itoh et al. (1996) while dotted line represents models using Itoh et al. (1989). Both

neutrino energy losses from plasma and bremsstrahlung processes using Itoh et al. (1996)

are lower compared to Itoh et al. (1989). The value of bremsstrahlung neutrino energy

loss using Itoh et al. (1996) is lower in all cases while for plasma neutrino energy loss,
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Figure 5.8: Neutrino energy loss for 20 M� models at the start of C-burning in
terms of temperature (left) and density (right). Solid lines represent data from
models using Itoh et al. (1996) while dotted lines are for models using Itoh et al.
(1989)

the value slightly increase towards the center of the model.

The comparison for 60 M� model is presented in Fig. 5.10. This model has higher

temperature and density compared to the 20 M� model. For the bremsstrahlung neutrino

energy loss, the di�erence between these two prescriptions is similar to 20 M� models.

We �nd the plasma neutrino process in models using Itoh et al. (1996) shows signi�cant

increase compared to models using Itoh et al. (1989). This di�erence has been explained

in the previous paragraph. When the temperature and density are high enough at the

start of O-burning, the plasma process compete with the bremsstrahlung process. This

happens when T ∼ log10(9.3) K and ρ ≥ log10(6) gcm−3. When T and ρ are greater than

these values, the plasma process dominates over the bremsstrahlung process.

The comparison for 120 M� model is presented in Fig. 5.11. This model has higher

temperature and density compared to 20 M�. This model represents the extreme mass in

this study on the neutrino energy loss. The changes of neutrino energy loss in this model

are similar to the 60 M� model except at start of O-burning where the bremsstrahlung is
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Figure 5.9: Neutrino energy loss for 20 M� models at start of C-, Ne and O-
burning. Solid lines represent models using Itoh et al. (1996) while dotted lines
represent model using Itoh et al. (1989).
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Figure 5.10: Neutrino energy loss for 60 M� models at start of C-burning, Ne-
burning and O-burning. Solid lines represent models using Itoh et al. (1996) while
dotted lines represent model using Itoh et al. (1989).
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Figure 5.11: Neutrino energy loss for 120 M� models at start of C-burning, Ne-
burning and O-burning. Solid lines represent models using Itoh et al. (1996) while
dotted lines represent model using Itoh et al. (1989).
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more dominant than the plasma process. Although this model has higher initial mass than

60 M� model, it loses more mass than 60 M� model due to the strong mass loss during the

evolution. This a�ects the density of the model where this model is less dense than the 60

M� model. At the start of O-burning, the density at the center is around ρ ∼ log10(9.2)

gcm−3 while in 60 M� model, their density is around ρ ∼ log10(9.3) gcm−3. This gives

the reason why the bremsstrahlung is still large compared to the plasma process.

5.4.4 Kippenhahn diagrams

The Kippenhahn diagrams of all models are presented in Fig 5.12 for 20 M� model, Fig

5.13 for 60 M� model and Fig. 5.14 for 120 M� model. The diagrams are plotted as a

function of time before core-collapse in order to investigate any changes in the internal

burning of the models. In all models, we �nd there is no signi�cant changes if we use

neutrino energy loss from Itoh et al. (1996).
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Figure 5.12: Kippenhahn diagrams of 20 M� models using Itoh et al. (1996)
(N020z14S000) and models using Itoh et al. (1989) (G020z14S000).
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Figure 5.13: Kippenhahn diagrams of 60 M� models using Itoh et al. (1996)
(N060z14S000) and models using Itoh et al. (1989) (G060z14S000).
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Figure 5.14: Kippenhahn diagrams of 120 M� models using Itoh et al. (1996)
(N120z14S000) and models using Itoh et al. (1989) (G120z14S000).
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5.5 Summary

We have implemented an update for the neutrino subroutine in the Geneva stellar evo-

lution code using the neutrino energy loss from Itoh et al. (1996). We �nd that there is

a slight decrease in the total neutrino energy loss using Itoh et al. (1996) compared to

models using Itoh et al. (1989) for 20 M� model but in 120 M� model, the changes are

reversed. These slight changes do not a�ect the overall evolution of the models. From

our study, we �nd this update gives agreeable tracks in the HR diagram. No signi�cant

changes are observed in the central and surface of the models. This is due to the dominant

neutrino loss throughout the evolution coming from the photoneutrino process.

The most important change in this update is the di�erent formulation used for the

plasma and bremsstrahlung neutrino processes in Itoh et al. (1996). At temperature

and density relevant to these processes, we study these di�erences. We summarise these

di�erences in the following points:

• Low bremsstrahlung neutrino energy loss during the evolution for Itoh et al. (1996)

compared to Itoh et al. (1989). Itoh et al. (1996) gives more accurate calculation

in the ionic correlation e�ects and screening e�ects. This reduces the error in

calculating the bremsstrahlung neutrino energy loss.

• Slightly higher plasma neutrino energy loss during the evolution for Itoh et al.

(1996) compared to Itoh et al. (1989). The �tting provided in Itoh et al. (1996)

gives better accuracy by 5 % at high temperature domain compared to the lower

temperature range quoted in Itoh et al. (1989).

• Plasma neutrino energy loss contributes more energy than bremsstrahlung at the

end of O-burning for 60 M� model using Itoh et al. (1996). This contribution

cannot be seen if we use Itoh et al. (1989).
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Chapter 6

Updated Nuclear Reaction Rate Using

WKB Method and Application in the

Evolution of Massive Stars

6.1 Motivation

The most important process in stellar evolution and nucleosynthesis is the thermonuclear

fusion. Light nuclei fuse into heavier nuclei and produce photons which serve as the

interior source of energy radiating from the surface. This idea was �rst shown by Atkinson

& Houtermans (1929) after Gamow discovered the tunneling e�ect in quantum mechanics.

Later, two mechanisms were identi�ed as the main reaction groups for fusion in the stars

during hydrogen burning, i.e pp chain (Bethe & Critch�eld, 1938) and CNO cycle by

Bethe (1939). For helium burning, the nuclear reaction in this stage was described by

Salpeter (1952). Finally, the milestone of element synthesis in the star was summarised

in the classic paper by Burbidge et al. (1957).

Massive stars spend almost 90% of their life burning hydrogen and most of the rest

burning helium. For the �rst generation stars (Population III), the energy production
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is dominated by both pp chain and CNO cycle (see e.g Ekström et al., 2008) since they

consist mainly of hydrogen and helium. Most of the present massive stars are second and

third generation of stars (Population I) where the energy production is dominated by the

CNO cycle during the H-burning. This is due to the fact that these stars are formed from

material which, in addition to hydrogen and helium, contains heavier elements synthesised

in previous generation of stars.

The aim of this chapter is to study the e�ects of the updated nuclear reaction rates

using WKB (Wentzel-Kramers-Brillouin) method on the evolution of massive stars. First,

we demonstrate how we update the nuclear reaction rates from �rst principle through

the improvement in the tunneling e�ects. This is done by keeping the full expansion

in energy of the tunneling probability suitable for the non-resonant reactions. Second,

we implement this tunneling probability in the cross section and astrophysical S-factor.

We also calculate the e�ective energy, E0 related to the tunneling probability and �nally

obtain the updated nuclear reaction rate, 〈σv〉.

Five reactions are chosen to study the impact of the improvement in 〈σv〉 i.e

3He(3He,2p)4He, 3He(α,γ)7Be, 12C(p,γ)13N, 15N(p,γ)16O and 16O(p,γ)17F. Although

3He(3He,2p)4He and 3He(α,γ)7Be are not relevant in the H-burning of Population I mas-

sive stars, these reactions are included due to the signi�cant contribution in the produc-

tion of energy in the Population III stars.

These updated nuclear reaction rates are implemented in the nuclear network in the

stellar evolution code. In the Geneva code, the nuclear reaction rates for H-burning

are obtained from the NACRE compilation (Angulo et al., 1999). We evolve four solar

metallicity models, i.e 20 and 120 M� with both rotation and non-rotation applied to

the models. From these stellar evolution models, we study the impact of these updated

reaction rates to the evolution of massive stars by comparing these stellar models to

models using the standard nuclear reactions.
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6.2 WKB method and astrophysical S-factor

The interaction between two charged particles can only occur when the reacting nuclei

tunnel through the repulsive Coulomb barrier. When this happens, the potential together

with the attractive nuclear force is shown in Fig. 6.1

rN

Vc

E

rN rc

Energy of incoming particle

Attractive nuclear potential

Figure 6.1: Coulomb barrier where rN is the nuclear radius when the net charge
is at the center of the nucleus and rc is the position of the incoming particle.

The application of WKB method as a tool in calculating tunneling probability of as-

trophysical interest has been done by several authors (Humblet et al., 1987; Beaumevieille

et al., 1999) but was approximated at low energy. In general the WKB tunneling proba-

bility, P (E) as a function of energy, E for zero angular momentum is given by

P (E) = exp

(
−2

~

∫
dr
√

2µ[Vc − E]

)
(6.1)

where µ is the reduced mass and Vc is the Coulomb potential. By solving the integral,

111



the exact tunneling probability that is valid over all energies is presented as

Pe(E) = −
(

8Z1Z2e
2

~

) 1
2

[
cos−1

(
rN
rc

) 1
2

−
(
rN
rc
− r2

N

r2
c

) 1
2

]
(6.2)

where Z1 and Z2 are the atomic numbers of the target nucleus and incoming nucleus

respectively, rN is the nuclear radius and rc is the width of the Coulomb separation. At

low energy, Eq. (6.2) for nuclei with E � Vc in which case rN � rc, will lead to the

following well known equation for the standard tunnelling probability

Ps(E) = exp(−2πη) (6.3)

where η is the Sommer�eld parameter with a numerical value

2πη = 31.29ZiZj

( µ
E

) 1
2
. (6.4)

In this case, E is the centre of mass energy in keV and µ is the reduced mass in amu. As

mentioned earlier, our aim is to use the full solution of Eq. (6.2) instead of Eq. (6.3) in

calculating 〈σv〉.

Fig. 6.2 is an example to illustrate the comparison between the probability using the

exact probability, Pe with the standard probability, Ps for
12C(p,γ)13N. In this �gure, the

exact probability is higher compared to the standard probability.

6.2.1 S-factor

In nuclear astrophysics, the S-factor is often used when calculating reaction rates instead

of cross section, σ since the experimental cross section data vary by orders of magnitude.

The S-factor has the advantage that it varies very slowly over a given energy range. We
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Figure 6.2: Comparison of exact probability and standard probability for
12C(p,γ)13N.

de�ne the exact astrophysical S-factor as

Se(E) = σ(E)E/Pe(E) (6.5)

while the standard de�nition of S-factor in the literature will be

Ss(E) = σ(E)E/Ps(E) (6.6)

Eq. (6.6) implies a wide Coulomb barrier or low energy but in experiments, very high

energy projectiles were used to bombard the target nucleus in order to produce the nuclear

reaction. Thus we advocate the use of Eq. (6.5) to calculate the S-factor. In Figs. 6.3,

6.4, 6.5, 6.6 and 6.7, we present the comparison of S-factor by using Eq. (6.5) and Eq.

(6.6). We have used the experimental data for cross section, σ obtained from NACRE

compilation (Angulo et al., 1999 and their references therein) in order to calculate the

S-factor.
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3He(3He,2p)4He

Our best polynomial �t approximation to the exact S-factor of 3He(3He,2p)4He reaction

is

Se(E) = 0.03526− 0.02672E + 0.03592E2 (6.7)

where E is in MeV and Se(E) in MeV b. The exact S-factor at zero energy, Se(0) =

0.03526 MeV b while the NACRE compilation gives Ss(0) = 5.18 MeV b and this gives a

di�erence of about two orders of magnitude.
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Figure 6.3: S-factor of 3He(3He,2p)4He reaction.

3He(α,γ)7Be

For 3He(4He,γ)7Be reaction, our best polynomial �t is

Se(E) = 0.00263− 4.4677× 10−6E + 2.176× 10−8E2 (6.8)
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where E is in MeV and Se(E) in keV b. Here the exact S-factor is normalised by a factor

of 100. We obtain Se(0) = 0.00263 keV b and the NACRE value is Ss(0) = 0.54 keV b.

As in 3He(3He,2p)4He reaction, we again �nd the value of the exact S-factor is two orders

of magnitude smaller than NACRE compilation.
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Figure 6.4: S-factor of 3He(α,γ)7Be reaction.

12C(p,γ)13N

12C(p,γ)13N reaction is the �rst reaction in the CNO cycle which plays an important role

in the energy generation of massive stars. This is a resonant reaction at around 0.4 MeV

and for this work, we only consider the non-resonant part in order to obtain the S-factor.

In NACRE (Angulo et al., 1999), the value for S(0) was not provided but in Rolfs &

Azuma (1974), they gave a value of S(25 keV) = 1.45 ± 0.20 keV b. The extrapolation

for 12C(p,γ)13N in the energy range E ≤ 0.411 MeV for all data gives the �tting of exact

S-factor as

Se(E) = −0.00435 + 0.1378E − 1.6045E2 + 8.666E3 − 21.87E4 + 20.86E5 (6.9)
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where E is in MeV and S-factor in MeV b. The exact S-factor is normalized by a factor

of 80 and plotted in Fig. 6.5. We are now able to state the zero energy S-factor which is

Se(0) = −0.00435 MeV b.

Figure 6.5: S-factor for 12C(p,γ)13N reaction.

15N(p,γ)16O

15N(p,γ)16O reaction is a reaction that provides the path from the CN cycle to the CNO bi-

cycle and CNO tri-cycle. This reaction has a resonance at E = 0.5 MeV and extrapolation

of the data of this reaction in NACRE gives Ss(0) = 64 ± 6 keV b. The exact S-factor

extrapolated by �tting the data for E ≤ 0.319 MeV only from Rolfs & Rodney (1974)

gives

Se(E) = 0.28397/(1− 5.95273E + 9.79684E2) (6.10)

where E in MeV and S-factor in MeV b. The exact S-factor is represented in Fig. 6.6

with normalization by a factor of 120. Here Se(0) = 0.28397 MeV b.
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Figure 6.6: S-factor for 15N(p,γ)16O reaction.

16O(p,γ)17F

The recommended S-factor given in NACRE is 9.3±2.8 ke V b. This S-factor takes 30 %

of overall uncertainty for low energy approximation that includes 10% systematic error

and 20% error due to the model assumptions. The best �t gives a polynomial of order

four which is given by

Se(E) = 0.03585− 0.03616E + 0.03249E2 − 0.01216E3 + 0.00191E4. (6.11)

The energy, E is in MeV while the S-factor in units of keV b. The �tting covers energy

range E ≤ 3.233 MeV. The recommended standard S-factor is Ss(0) = 9.3 ± 2.8 keV b

at zero energy while Se(0) = 0.03585 keV b. Fig. 6.7 depicts the exact S-factor that has

been normalized by a factor of 150.

We shall see what is the e�ect of the exact tunneling probability and the new de�nition

of S-factor towards the reaction rate per pair. By using Eq. (6.2) and Eq. (6.5) the
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Figure 6.7: S-factor for 16O(p,γ)17F reaction.

reaction rate per pair becomes

〈σv〉 =

(
8

πµ

)1/2(
1

kT

)1/2 ∫ ∞
0

Se(E) exp

[
− E

kT
− Pe(E)

]
dE (6.12)

where k is the Boltzmann constant and T the temperature.
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6.2.2 Derivation of e�ective energy

In order to integrate Eq. (6.12), we need to impose a �nite limit on the energy range.

The integrand itself is a sharply peaked function, which is the product between two

exponential terms. These nuclei react at the maximum rate when the integrand reaches

its peak. The value of the e�ective energy, E0 can be obtained by �nding the maximum

of the integrand. Our E0 is given as (Yusof & Kassim, 2009)

β

[
− 1

(1− x)

1
2

(1− 1

2
x

1
2 )− 1

2
x−

1
2 (1− x)

1
2

]
− (6.13)

1

2

(γ
x

) 1
2
[
cos−1 x

1
2 − x 1

2 (1− x)
1
2

]
= 0

where x = E0/Vc, γ = 8µ(Z1Z2e
2)2/~2Vc and β = Vc/kT + (γ/x)

1
2 .

The e�ective energy formulation given by Eq. (6.13) is more complex compared to

the solution using the standard E0,

E0 = 1.22(Zi
2Z2j

iµT 2
6 )

1
3 keV (6.14)

whose validity is at low energy. Although our new e�ective energy equation Eq. (6.13)

looks more complex than the standard E0, its value can be easily computed using a

numerical method. In fact, E0 can be solved by any iterative method. We present the

comparison of E0 using the exact probability and standard probability for 12C(p,γ)13N

reaction in Fig. 6.8. In this �gure, the E0e is lower than the E0s at log T ≥ 9. This

value is expected since using the exact probability, there is a higher chance for the nuclei

to overcome the Coulomb barrier and thus lowers the e�ective energy of the interacting

nuclei.
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Figure 6.8: The e�ective energy derived from the exact probability in comparison
with the e�ective energy using the standard probability for 12C(p,γ)13N reaction.

6.2.3 Updated reaction rates

Figs. 6.9, 6.10, 6.11, 6.12 and 6.13 show the ratio of the newly updated reaction rates, 〈σv〉

of 3He(3He,2p)4He, 3He(α,γ)7Be, 12C(p,γ)13N, 15N(p,γ)16O and 16O(p,γ)17F compared to

NACRE. At low temperature, the reaction rates are identical since Pe ≈ Ps. The feature

common amongst the graphs shown is that the ratio starts to decrease at T ∼ 109 K.

This shows that at this temperature the improved reaction rate becomes lower compared

to NACRE's rate and it is consistent with Fig. 6.2.

We present a table for all the updated reaction rates at temperatures relevant to H-

burning in Table 6.1. The updated reaction rates give similar values for 3He(3He,2p)4He,

3He(α,γ)7Be and 16O(p,γ)17F reactions. For 12C(p,γ)13N and 15N(p,γ)16O reactions, the

updated reaction rates give slightly lower values compared with NACRE.
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Table 6.1: Table of 〈σv〉 at temperatures relevant to H-burning, log10 T = 7 and
log10 T = 8. The unit for these values is cm3 mol−1 s−1.

Reaction log10 T = 7 log10 T = 8 log10 T = 7 log10 T = 8
This work NACRE

3He(3He,2p)4He 2.64E-13 9.83E-01 2.16E-13 8.33E-01
3He(α,γ)7Be 1.55E-18 2.33E-05 1.64E-18 2.42E-05
12C(p,γ)13N 5.28E-20 1.06E-05 1.18E-19 2.18E-05
15N(p,γ)16O 2.93E-21 3.38E-05 4.33E-21 4.23E-05
16O(p,γ)17F 6.32E-25 1.33E-07 6.73E-25 1.26E-07

Figure 6.9: The reaction rate ratio of 3He(3He,2p)4He compared to NACRE.
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Figure 6.10: The reaction rate ratio of 3He(α,γ)7Be compared to NACRE.

Figure 6.11: The reaction rate ratio of 12C(p,γ)13N compared to NACRE.
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Figure 6.12: The reaction rate ratio of 15N(p,γ)16O compared to NACRE.

Figure 6.13: The reaction rate of 16O(p,γ)17F compared to NACRE.
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6.3 Application to stellar models: 20 M� and 120 M�

solar metallicity models

In this work, we include the updated reaction rates that are calculated in Section 6.2.3 in

the stellar evolution code. In Geneva code, the nuclear network for hydrogen burning is

illustrated in Fig. 2.1 of Chapter 2. The code does not follow the 7Be and 7Li evolutions

and assumes that their sum is constant. The dominant e�ect of hydrogen burning is

the transformation of protons to 4He. The details of nuclear transformation in hydrogen

burning network can be found in Maeder (1983).

For this work, two 20 M� and 120 M� models at solar metallicity are used as the test

models. We choose these two extreme initial mass because we want to study what are

the e�ects of the updated reaction in a common case (20 M�) and in an extreme case

(120 M�). The test on the solar models using these reaction rates has been published in

Yusof & Kassim (2010). Physics of these models are the same as we have used in Chapter

4. For rotation, we choose a rotation rate of v/vcrit = 0.4. In these models, the mass loss

prescriptions are similar as in Chapter 4.
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6.4 Hertzsprung-Russell and Kippenhahn diagrams

In this section, we present the Hertzsprung-Russell (HR) and Kippenhahn diagrams of

20 M� and 120 M� of both rotating and non-rotating models. In Fig. 6.14, for the non-

rotating models there is no di�erence in the models using the standard nuclear reaction

rates. However, for rotating model, we found after the main sequence, the model using

the updates rates have higher luminosity. For 120 M� in Fig. 6.15, both rotating and

non-rotating models follow similar pattern as the models using the standard nuclear

network.

In order to understand in more detail about the e�ect of the nuclear reaction rate,

we present the evolution of the models in a Kippenhahn diagram. Fig. 6.16 and Fig.

6.17 show the Kippenhahn diagrams of the same models as a function of time before

core collapse. In these �gures, only 20 M� rotating models shows slight changes in the

convective envelope and shell. The updated nuclear reaction rate model gives thinner

convective envelope and experiences stronger mass loss compared to the model using the

standard network. We observe less carbon being produce at the start of Ne burning thus

enhancing the oxygen burning in this new model.
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Figure 6.14: HR diagrams of 20 M� rotating and non-rotating models with com-
parison to models using standard nuclear reaction rates.

6.4.1 Surface abundances

We present the stellar models surface properties of 20 M� and 120 M� solar metallicity

rotating and non-rotating models in Table 6.2. In this table, we list the initial mass,

lifetimes, current mass, surface helium, N/C and N/O ratios.

The models are compared with models using the standard nuclear reaction obtained

from NACRE. From Table 6.2 we �nd that the updated reaction rates do not a�ect the

lifetimes, mass and surface abundances of the models until the end of H-burning. During

the He-burning until the end of the burning, the N/C and N/O ratios are higher when

using standard reaction rates compared to the updated reaction rates for the rotating

models. Comparison of these surface abundances between the models using standard

reaction rates and updated reaction rates can be seen in Figs. 6.18 and 6.19.

For the 20 M� rotating model, we observe there are changes in the production of 12C

and 14N at the surface using the updated reaction rates. Surface abundance of 12C is
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comparison to models using standard nuclear reaction rates.
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Figure 6.16: Kippenhahn diagrams of 20 M� rotating and non-rotating models
with comparison to models using standard nuclear reaction rates. The models with
updated reaction rates are on the left panels and models using standard rates are
on the right panels.
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Figure 6.17: Kippenhahn diagrams of 120 M� rotating and non-rotating models
with comparison to models used standard nuclear reaction rates. The models with
updated reaction rates are on the left panels and models using standard rates are
on the right panels.
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higher which re�ects the higher central abundance of 12C. This is due to the rotation

induced mixing in the model. For surface abundance of 14N, the model with the updated

reaction rates produces lower 14N compared to the model with standard reaction rates.

These changes thus e�ects the ratio of N/H, N/C and N/C. Most of these ratios are lower

compared to the standard nuclear reaction models. These changes are the result of the

surface induced mixing by rotation. For non-rotating models, no signi�cant changes can

be seen in the evolution of He and H at the surface.

For 120 M� for both rotating and non-rotating models, surface abundances of
12C and

14N give similar results for the 20 M� rotating model except the ratio of N/H and N/O

do not di�er much between updated reaction model and standard reaction model. Higher

12C at the surface of 120 M� gives lower ratio of N/C. This is due to the strong mass

loss occurring in the very massive stars especially at solar metallicity during H-burning

stage.
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Figure 6.18: Surface abundances of 20 M� solar metallicity for non-rotating model
(upper panel) and rotating models (lower panel). Our models, A020z14z000 and
A020z14z400 are compared with models using the standard nuclear reaction rates,
G020z14S000 and G020z12S400.
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Figure 6.19: Surface abundances of 120 M� solar metallicity for non-rotating
model (upper panel) and rotating models (lower panel). Our models, A020z14z000
and A020z14z400 are compared with models using the standard nuclear reaction
rates, G120z14S000 and G120z12S400.
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Table 6.2: Properties of the stellar models at the end of H- and He- burning phases. We compare our models with models
using the standard reaction rates.

End of H-burning End of He-burning
Model Mini tH M vsurf He N/C N/O tHe M vsurf He N/C N/O

A020z14z000 20 7.796 19.7 - 0.266 0.289 0.115 0.877 9.5 - 0.4908 24.17 3.309
G020z14z000 20 7.748 19.7 - 0.266 0.289 0.115 0.867 9.2 - 0.4989 42.21 3.616
A020z14z400 20 9.506 19.5 102.42 0.298 1.735 0.532 1.049 8.7 0.010 0.5842 29.69 3.434
G020z14z400 20 9.504 19.5 112.42 0.302 2.317 0.602 1.049 10.2 0.030 0.5496 23.79 2.729
A120z14z000 120 2.703 63.6 - 0.783 43.075 76.684 0.304 31.2 - 0.2466 1.33e-18 2.20e-18
G120z14z000 120 2.671 63.7 - 0.782 94.974 77.250 0.300 30.9 - 0.2423 1.34e-18 1.82e-18
A120z14z400 120 3.182 34.6 98.17 0.985 28.180 95.309 0.356 18.9 1.620 0.2920 1.42e-18 3.53e-18
G020z14z400 120 3.137 34.6 96.93 0.985 60.904 95.565 0.351 18.8 1.580 0.2919 4.05e-18 1.00e-18

1
3
3



6.4.2 Central abundances

In this section, we analyse the central abundances of both models using the standard

reaction rates (models with initial G) and the updated reaction rates (models with initial

A). For both 20 M� and 120 M� models, CNO cycle plays a dominant role at generating

energy in the center of the star during H-burning. The relevant updated reactions are

included in the nuclear network, i.e. 12C(p,γ)13N, 15N(p,γ)16O and 16O(p,γ)17F.

The results are presented in Figs. 6.20 - 6.23. We plot 12C, 13C, 14N and 16O abun-

dances at the centre of the stars. From the models, we �nd that 12C content is higher

when using the updated nuclear reaction rates compared to the standard nuclear reac-

tion. This is due to the fact that our updated reaction rate of 12C(p,γ)13N is low thus

the equlibrium abundance of 12C in the CNO cycle is higher.

Other chemical abundances do not show any signi�cant changes during H-burning.

Interaction between 15N with protons does not always produce 16O+p but it also produces

12C+α. The 15N(p,α)12C reaction terminates the CN cycle. But the branching ratio to the

second subcycle which begins with 15N(p,γ)16O reaction has the probability of about 10−4.

Hence, in this case, 15N(p,γ)16O reaction only occur 1/104 compared to the 15N(p,α)12C

reaction during the evolution. For central 16O, only 120 M� rotating model shows slight

increase during the end of H-burning when using the updated reaction rate. This might

be due to the strong mass loss and rotation e�ects that enhances the 16O abundance at

the centre.
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Figure 6.20: Evolution of 12C, 14N and 16O central abundances of 20 M� non-
rotating models.

0 1 2 3 4 5 6 7 8 9
Age Myr]

−5.5

−5.0

−4.5

−4.0

−3.5

−3.0

−2.5

−2.0

lo
g 1

0
(C

en
tra

la
bu

nd
an

ce
s)

1:12C
2:12C
1:13C
2:13C
1:14N
2:14N
1:16O
2:16O

Models: 1:A020z14S400, 2:G020z14S400

Figure 6.21: Evolution of 12C, 14N and 16O central abundances of 20 M� rotating
models.
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Figure 6.22: Evolution of 12C, 14N and 16O central abundances of 120 M� non-
rotating models.
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Figure 6.23: Evolution of 12C, 14N and 16O central abundances of 120 M� rotating
models.
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6.5 Summary

In this chapter we have calculated an updated nuclear reaction rate for 3He(3He,2p)4He,

3He(α,γ)7Be, 12C(p,γ)13N, 15N(p,γ)16O and 16O(p,γ)17F using WKB approximation. This

method provides an alternative method in obtaining precise non-resonant nuclear reaction

rates. In standard calculation of nuclear reaction rates, 〈σv〉 �rst-order approximation

is used in order to obtain the astrophysical S-factor in the low-energy region. We have

presented an example of the di�erence in the exact and standard probability in Fig. 6.2.

We also recalculated the S-factor and the nuclear reaction rate of each reaction that

we have chosen. Although the S-factor is much lower than the S-factor obtained from

experiments, the value of 〈σv〉 at low energy is agreeable with the 〈σv〉 calculated from

NACRE.

The impact of this updated nuclear reaction rates on the evolution of very massive

stars are studied in this chapter. We obtained higher central 12C contents throughout the

H-burning stage compared to models using the standard reaction rates. This is due to the

low reaction rate of 12C(p,γ)13N which enhances the 12C production. We observe slightly

lower 14N at the center of the star. These di�erences in�uence the changes in the surface

abundances of the models. From the models using the updated reaction rates, all these

models have lower ratio of N/C except for non-rotating 20 M� model. The non-rotating

20 M� model N/C ratio is unchanged. As re�ected in the central burning, the higher

production of 12C also give higher 12C at the surface. For 20 M� rotating model, this

impact is due to the rotation induced mixing which transports the central 12C to the

surface while for 120 M�, this e�ect is due to the strong mass loss experienced by very

massive stars.
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Chapter 7

Conclusions and Future Work

This chapter contains the summary of the work done, the results obtained and future

prospects.

7.1 Stellar evolution models-life and fate of very mas-

sive stars

We have calculated a grid of stellar models of very massive stars at SMC, LMC and solar

metallicities. Our study is motivated by the �nding of a very massive star known to

date, R136a1 (Crowther et al., 2010) and the observation of PCSN candidate, SN2007bi

(Gal-Yam et al., 2009).

Our stellar evolution models on the main sequence match the observations of very

massive stars in NGC3603 and R136 (Crowther et al., 2010). From this work, the initial

mass is around 148 M� for NGC3603 A1a and 320 M� for the R136 a1. Our models

enabled us to determine the initial mass of these stars and the most massive star that

has birth mass of 320 M�, as well as other very massive stars, well above the commonly

accepted upper mass limit ∼ 150 M� (Figer, 2005)

From the main sequence, we evolve the models further until at least the end of He
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burning. The major uncertainty in the modelling of massive stars is mass loss and by

using di�erent mass loss prescriptions during the transition of WR we study the impact

of this uncertainty on the fate of very massive stars. We �nd that the Vink et al. (2001)

mass loss prescription, if implemented in the models, gives higher �nal mass compared

to models using the mass loss prescription by Nugis & Lamers (2000). Using mass loss

rates comparable to Vink et al. (2001), the fate of the stars would change where PCSN

could occur even at solar metallicity with smaller mass lower than 300 M�.

Our models end up as PCSN are models at LMC metallicity with mass around 500

M� and rotating SMC metallicity models with mass 120 < M� < 280. Other than that,

the stars will die as black holes or core-collapse supernovae.

We have checked whether our models can match the properties of the PCSN candidate,

SN2007bi (Gal-Yam et al., 2009). From our analysis, we �nd that our model can reproduce

the properties of SN2007bi for rotating stars at around 150 M� <M<175 M� at SMC

metallicity.

During this work, we encountered the limitation in the code. The code does not

include the pair-creation formation which is needed to properly model the late phases of

very massive stars.

7.2 Neutrino energy loss

The neutrino energy loss has been updated in Chapter 5. The neutrino energy loss using

Itoh et al. (1996) is used. Signi�cant changes can be observed in 20 M� model while for

the higher mass, this updated neutrino energy loss does not have any signi�cant e�ect

since the photoneutrino process contributes the highest energy loss in the models. This is

due to the fact Itoh et al. (1996) have used the same formulation as in Itoh et al. (1989).

However, there are di�erences in bremsstrahlung and plasma processes using Itoh et al.

(1996). Although the e�ect in bremsstrahlung is huge it does not change the evolution
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of the models due to it is less dominating e�ects compared to the photoneutrino process.

7.3 Updated nuclear reaction rates

The stellar models of massive stars using the updated nuclear reaction rates are presented

in Chapter 6. This work is independent from Chapters 3 and 5. Here we include the

reactions in the Geneva stellar evolution code that are relevant to the H-burning in

the CNO cycle, i.e 12C(p,γ)13N, 15N(p,γ)16O and 16O(p,γ)17F. In this work, our updated

reaction rates have the most in�uence in the production of 12C. Since our updated reaction

rate of 12C(p,γ)13N is low, the equilibrium abundance of 12C in the CNO cycle is higher.

We have investigated the changes at the surface and we �nd the changes at the center

in�uence the surface abundances except in 20 M� non-rotating models. The strong

rotation induced mixing in the 20 M� rotating model and the strong mass loss in both

120 M� rotating and non-rotating models increase the production of 12C at the surface.

7.4 Future work

In near future, we are going to explode these models and study the light curve of the

explosion models. This will give complete analysis in determining the fate of very massive

stars and PCSN. This work will be done in collaboration with Professor Alexander Heger.

We are also planning to calculate the grid of low metallicity models using the same initial

mass range in order to extend the study of the fate of very massive stars.

We are going to use the current models to assess whether the Eddington limit con-

straints the upper stellar mass limit. Based on our grid models, we can derive the the-

oretical mass - luminosity relations for very massive stars. Estimated Eddington factor,

ΓEdd from the sample stars can be compared with ΓEdd from the models.

Several improvements of the code are planned in the near future. We are going to
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include the recombination process in neutrino energy loss subroutine. In Chapter 5, we

only successfully update the code until bremsstrahlung process using Itoh et al. (1996).

This will complete the neutrino energy loss rates in the code. We are also going to

implement the mass loss prescription from Vink et al. (2011) in the code that is suitable

for massive stars in the range of 40-300 M�.

The grids of low-metallcity models are planned in near future. This is the extension

of the present grid. Comparison with all grids available will be done together with their

fate. We also going to compare the low-metallicity grids with observations and other

grids that are available in the literature.
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1. The R136 star cluster hosts several stars whose individual masses greatly exceed
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Richard J.; Goodwin, Simon P.; Kassim, Hasan Abu, Monthly Notices of the Royal
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2. Life and Death of Very Massive Stars

Yusof, N.; Abu Kassim, H.; Hirschi, R.; Crowther, P.; Schnurr, O.; Parker, R.;

Goodwin, S. Proceedings of the 11th Symposium on Nuclei in the Cosmos. 19-23
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3. Charged-particle induced thermonuclear reaction rates of 3He(3He,2p)4He, 3He(4He,γ)7Be
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