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1Introduction

“The evolution of the world can be compared to a display of fireworks that has
just ended: some few red wisps, ashes, and smoke. Standing on a well-chilled

cinder, we see the slow fading of suns, and we try to recall the vanished
brilliance of the origin of the worlds.”

Georges Lemaître, 1931
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Chapter 1 – Introduction

1.1 TheHot Big BangModel and Structure Formation
in ΛCDM

“I could be bounded in a nutshell, and count myself a king of infinite space”,
said William Shakespeare. One of the most striking questions in the history

of mankind is what kind of universe we are living in. We were always concerned
about our place in the universe and in early history we thought that we were
the center of the universe. A major revolution in the view of the universe was
made around the middle of the 16th century, by Polish astronomer Nicholaus
Copernicus. Before Copernicus, it was believed that we had a special place in
the universe. According to the Earth-centered universe of Aristotle and Ptolemy
the Sun, the planets, and the stars, are attached to rigid, crystalline spheres, which
revolve in perfect circles around the Earth. In his book, ‘De Revolutionibus Orbium
Coelestium’, Copernicus showed that the Sun is the center of the solar system. In
the Copernican system, the stars are not attached to the rigid celestial sphere and
can be at different distances to the Earth. This was the first step to a cosmological
universe. Shakespeare wrote Hamlet at the end of the 16th century but it was not
until the 20th century that we gained a better understanding of the universe.

Figure 1.1 – Schematic view of the expansion of the universe. Image credit: NASA/WMAP
Science Team.
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1.1 The Hot Big Bang Model and Structure Formation in ΛCDM

In the early 20th century, Einstein developed the theory of General Relativ-
ity. In the 1920s, both Lemaître and Friedmann solved, independently, Einstein’s
field equations of relativity and realized that the universe could not be static; it
must be either expanding or contracting. In 1929, Edwin Hubble experimentally
demonstrated, by observing the recession of distant galaxies, that the universe is
expanding. However, it was Lemaître who came up with the idea that if matter is
receding everywhere, then it is logical to think that in a distant past the universe
was in an extremely compact and compressed state, the so-called hot big bang
model. The hot big bang model indicates that space has come to existence in a fi-
nite past from an extremely small volume and that the properties of the universe
(density, temperature, volume), change with time. One can estimate the age of
the universe, by determining how fast the universe is expanding, as 13.7 billion
years (see Figure 1.1 for a schematic view of the expansion of the universe). Fur-
thermore, observations of the expansion of the universe, the Cosmic Microwave
Radiation (CMB), and the nucleosynthesis of the light elements match very well
with the predictions from the hot big bang model which is now accepted as an
accurate description of the universe.

1.1.1 Friedmann-Lemaître-Robertson-Walker Universe
The pillars of the hot big bang theory are the theory of General Relativity and the
Cosmological Principle. Einstein’s theory of general relativity is a mathematical
formulation of space-time which describes the gravitational evolution of the uni-
verse in terms of space-time curvature. The Cosmological Principle states that on
average the universe is homogeneous and isotropic, meaning that there is no pre-
ferred location and direction in the universe. The metric that describes a homo-
geneous, isotropic universe is called the Friedmann-Lemaître-Robertson-Walker
(FLRW) metric and is given by:

ds2 = dt2 − a2(t)
[ dr2

1 − kr2 + r2dΩ2
]
, (1.1)

where t is the cosmic time, a(t) is the scale factor that describes the dynamics of
the universe (expanding or contracting), r is the comoving radial distance, k is the
curvature of space which can be either 1 (spherical), 0 (flat) or -1 (hyperbolic) and
dΩ2 = dθ2+sin2 θdφ2. The comoving coordinates of a point in space (r, θ, φ) stay
constant if the expansion of the universe is perfectly homogenous and isotropic.
Einstein’s field equations are given by:

Gµν + gµνΛ =
8πG
c4 Tµν, (1.2)

where Gµν is the Einstein tensor, gµν is the metric tensor, T µν is the stress-energy
tensor which describes mass, energy and momentum of matter and radiation, G
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Chapter 1 – Introduction

is Newton’s gravitational constant, Λ is the cosmological constant. Here the -+++
sign convention is used. The Einstein field equations couple curved space-time to
the dynamics of its matter-energy content. Solving Einstein’s field equations for
a space that is described by the FLRW metric leads to the Friedmann equations,
which can be written for a universe with a cosmological constant Λ as( ȧ

a

)2
=

8πG
3

ρ −
kc2

a2 +
Λc2

3
, (1.3)

ä
a

= −
4πG

3

(
ρ +

3P
c2

)
+

Λc2

3
, (1.4)

where the dimensionless expansion factor a(t) =
R(t)
Ro

, c is the speed of light in vac-
uum, ρ and p are the mass-energy density and pressure of the universe, respec-
tively. In the literature the first equation is called the Friedmann equation while
the second equation is called the Friedmann acceleration equation. The term on
left hand side of the first equation is the square of the Hubble parameter, H . For
a flat universe, k = 0, one can derive the critical density as

ρcrit =
3H2

8πG
. (1.5)

We can relate the cosmic density ρ to the critical density in dimensionless form as
Ω= ρ

ρcrit
= 8πGρ

3H2 . Then one can rewrite the Friedmann equation in the form of

kc2 = a2H2(Ω − 1). (1.6)

This suggests that the curvature of the universe depends on the density. For k > 0,
Ω > 1 the universe is spherical (positively curved) and closed (Big Crunch), for
k < 0, Ω < 1 the universe is hyperbolic (negatively curved) and open. In the case
of k = 0, one has a geometrically flat universe where its expansion will halt at a
→ ∞.

For a universe consisting of radiation, matter, and vacuum energy, one can
rewrite the Friedmann equation for the current time as

H2

H2
o

= Ωra−4 + Ωma−3 + Ωka−2 + Ωv. (1.7)

Here Ho is defined as the value of the Hubble parameter today, Ωr is the radiation
density, Ωm is the matter (dark + baryonic) density, Ωk = 1 - Ω is the “spatial curva-
ture density” and Ωv is the vacuum density today (a = 1). Each term on the right
hand side dominates the universe at different times (first radiation then matter
and later vacuum energy), where the universe expands as a(t) ∼ t1/2 during the
radiation dominated era, a(t) ∼ t2/3 during the matter dominated era.

The observed values of matter, curvature and dark energy contents of the uni-
verse, according to the Wilkinson Microwave Anisotropy Probe 7 (WMAP 7), are
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1.1 The Hot Big Bang Model and Structure Formation in ΛCDM

0.266 ± 0.029, 10−4 and 0.734 ± 0.029, respectively. This implies that a very large
part of the universe’s content today is in the form of dark energy. Recent obser-
vations of type Ia supernovae have shown that the rate of the cosmic expansion
of the universe is accelerating (Amanullah et al. 2010, Perlmutter et al. 1999, 1998,
Garnavich et al. 1998, Schmidt et al. 1998, Riess et al. 1998). This late-time phe-
nomenon is often referred to as dark energy (DE). The nature of DE is a major
challenge in cosmology and is the central interest of active research. Each compo-
nent of the universe can be described by its equation of state parameter w defined
by w = P

ρ
. For matter w = 0, for radiation w = 1/3, and for dark energy (as a cosmo-

logical constant) w = -1. One can rewrite the acceleration equation of Friedmann
as

1
ρ

dρ
dt

= −3H
(
1 +

P
ρ

)
≡ −3H[1 + w(z)], (1.8)

where the Hubble parameter is defined as H2 = 8π
3 ρ. Hence, dark energy with

sufficient negative pressure can drive the accelerated expansion of the universe.
The equation of state parameter of dark energy is an important feature in under-
standing the behavior of DE. There are three popular values of w for dark energy:
w < 1/3 (quintessence), w = -1 (cosmological constant), w < −1 (phantom energy).
For time-dependent dark energy one can solve the above equation with w = w(a):

dρ
dt

= −3[ρ + w(a)ρ]
ȧ
a

(1.9)

⇒ ρ ∝ exp
{
− 3

∫ a

[1 + w(a
′

)]
da

′

a′
}
, (1.10)

and for constant dark energy

ρ ∝ exp
{
− 3(1 + w)

∫ a da
′

a′
}

= exp{−3(1 + w)ln a} = a−3(1+w). (1.11)

In the literature there are many theories on the nature of DE (Spaans 1997, Jacob-
son & Mattingly 2001, Zlosnik et al. 2007, Hořava 2009, Jacobson 2010, Sanders
2011). At themoment, with the present observational data, it is not possible to dis-
tinguish between different DE theories. In the near future with new observational
techniques (Watson et al. 2011,Wang 2012) we expect to have higher precision and
redshift (z > 1) measurements of dark energy that will enlighten us.

1.1.2 Structure Formation in ΛCDM
On small scales (< 100 h−1 Mpc) the universe is inhomogeneous and anisotropic,
and we see a lot of structures like, stars, galaxies, galaxy clusters. The theory
that explains the formation of these structures in the universe is called the ‘Grav-
itational Instability Theory’. According to the gravitational instability theory the
universe had an accelerated superluminal expansion in its early epoch, the so-
called inflationary phase, where primordial density fluctuations were generated
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Chapter 1 – Introduction

out of quantum fluctuations of the vacuum (see Figure 1.2 ). The structures that
we observe today are the result of the gravitational growth of those fluctuations.
The observed fluctuations in the temperature of the CMB, ∆T

T < 10−5 (T = 2.725 K),
support the idea of these small density perturbations.

Figure 1.2 – Gravitational instability theory. The initial small density perturbations grow
under the influence of gravity. Image credit: Emilio Romano-Diaz.

1.1.3 Linear Gravitational Growth
In order to derive an inhomogeneous and isotropic universe one can add small
density perturbations onto a homogeneous and isotropic universe to resemble the
observed fluctuations in the CMB. We can express the relative density perturba-
tion

δ(x) =
ρ(r)
ρ̄
, (1.12)
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1.1 The Hot Big Bang Model and Structure Formation in ΛCDM

where x corresponds to co-moving spatial coordinates (x = r
a ), and ρ̄ is the mean

fluid density with a corresponding peculiar velocity u ≡ v - Hr. For δ � 1, we can
solve the equations below analytically by using linear perturbation theory. For
δ ∼ 1, we need to make a specific assumption (i.e., spherical symmetry), and for
δ � 1 the equations become highly non-linear and can only be solved numerically
or with the use of higher order perturbation theory.

In the δ � 1 regime, to follow the fluid motion one has to solve the equations
of hydrodynamics which are given in co-moving coordinates as

∂δ

∂t
+

1
a
∇[(1 + δ)u] = 0 Continuity equation, (1.13)

∂u
∂t

+ Hu +
1
a

(u.∇)u = −
1
a
∇φ Euler equation, (1.14)

∇φ = 4πGρ̄a2δ Poisson equation, (1.15)

where ρ is the local co-moving mass density of gas and particles (collisionless
fluid), and ρ̄ is its global average value, u is the fluid velocity vector. By introducing
small perturbations and linearizing these hydrodynamical equations we get

∂δ

∂t
+

1
a
∇u = 0, (1.16)

∂u
∂t

+ Hu +
1
a
∇φ = 0, (1.17)

∇φ = 4πGρ̄a2δ. (1.18)

For cold dark matter, where pressure is negligible, we obtain, by combining the
equations above, a single equation for the density perturbation (Peebles 1980):

∂2δ

∂t2 + 2H
∂δ

∂t
= 4πGρ̄δ. (1.19)

This linear equation has in general two independent solutions, a growing solution
usually denoted by D1(t), and a decaying solution D2(t). The general solution is

δ(x, t) = A(x, t)D1(t) + B(x, t)D2(t), (1.20)

with A and B arbitrary. The decaying part can be ignored when δ (x,t) is gen-
erated by vacuum fluctuations. Therefore, the density perturbation maintains
its shape in comoving coordinates and grows in proportion to a growth factor
D(t), until it becomes non-linear. For a spatially flat, matter dominated universe,
where H = 2

3t , the general solution for the time evolution of density perturbations
is δ (x, t) ≈ D1 t2/3 + D2 t−1. The decaying mode becomes negligible with time and
the growth rate of density perturbation becomes δ(x, t) ∝ t2/3 ∝ 1

1+z .
The above equation shows that the small density fluctuations grow with time

under the influence of gravity. But the spatial dependence of the growth is not

7



Chapter 1 – Introduction

constrained. In order to derive the spatial dependence we need to know the ini-
tial conditions at early times, which are predicted by the inflation model. Accord-
ing to the inflation model cosmological perturbations are (in the linear regime)
Gaussian. The spatial form of the initial density fluctuations can be described in
Fourier space, in terms of Fourier components

δ(k) =

∫
d3xδ(x)e−ikx, (1.21)

where k = 2π
λ
. In addition to Gaussianity, the distribution is assumed to be sta-

tistically homogeneous and isotropic in space. This means that the probability
distribution is independent of the direction of the Fourier k modes and the vari-
ance is described in terms of the power spectrum P(k) as follows:

〈δkδ
∗
k
′〉 = (2π)3P(k)δ(3)(k − k′), (1.22)

where δ(3) is the three-dimensional Dirac delta function. In standard models, the
expected power spectrum has a scale-invariant power-law form P(k) ∝ kn. The fa-
vored value for the power law index n is 1 and the spectrum following from n = 1
is referred as the Harrison-Zeldovich spectrum.

During the evolution of the early universe, until the end of the epoch of re-
combination, by various processes like growth under self-gravity, dissipative pro-
cesses and pressure effects, the primordial power spectrum is changed. This can
be expressed with the following equation

P(k) = Po(k)T (k)2 = AknT (k)2. (1.23)

Here Po is the initial value and A is a normalization parameter which needs to be
fixed by observations. The overall effect is captured by the transfer function T (k),
which gives the ratio of the later time amplitude of a mode to its initial value

T (k) =
ln(1 + 2.34q)

2.34q
[1 + 3.89q + (16.1q)2 + (5.96)3 + (6.71)4]−1/4, (1.24)

with q ≡ k/hMpc−1

Γ
, where Γ is the shape parameter. The general form of the shape

parameter is given by Sugiyama (1995) as

Γ = Ωmh exp
[
−Ωb

(
1 +

√
2h

Ωm

)]
, (1.25)

where Ωb is the baryon fraction density parameter. Figure 1.7 shows the observed
power spectrum of the CMB and the best fit to the WMAP data from the ΛCDM
model.

8



1.1 The Hot Big Bang Model and Structure Formation in ΛCDM

Figure 1.3 – The power spectrum of the CMB temperature anisotropy. The data shown
come from theWMAP (2006), Acbar (2004), Boomerang (2005), CBI (2004), and VSA (2004)
instruments. The solid line is a theoretical model. Image credit: NASA/WMAP Science
Team.

1.1.4 Non-linear Growth
Once an overdense region has a δ > 1, the evolution of the density growth can
no longer be solved by linear perturbation theory. Instead, one needs to seek nu-
merical solutions. In such overdense regions, the self-gravity of local matter will
causes it to decouple from theHubble flow and formbound objects, so-called dark
matter halo.

In the last two decades, cosmological simulations have become an important
tool for theoreticians to compute the formation of structure in the universe from
primordial fluctuations. The cosmological model that currently matches the ob-
servations best is the so-called Cold Dark Matter (CDM) model. According to the
ΛCDMmodel the Universe consists of 73% dark energy, 23% dark matter, and 4%
baryonic matter. Primordial density perturbations on small scales appear to have
a much higher amplitude than those on large scales. This leads to the conclusion
that small clumps are the first to collapse and form structures and then these build
up larger structures by mergers and the accretion of matter. This process is called
hierarchical structure formation.

A powerful model of hierarchical structure formation is the Press-Schechter
formalism (Press & Schechter 1974). It describes a universe where different scales
collapse in a similarmannerwithout anydependence on scale. The Press-Schechter
formalism is used to estimate the number of collapsed objects (halos) as a function
of mass at any given time. In this formalism, it is assumed that the dense objects

9



Chapter 1 – Introduction

that we observe today result from the peaks in the initial density field. This for-
malism states that the number of halos per co-moving volume with masses in the
range (M, M+dM) is

n(M, z)dM =

√
2
π

ρo

M
dν
dM

exp
(
−
ν2

2

)
dM, (1.26)

where z is the redshift and ρo is the background density. In this equation, ν is
defined as:

ν =
δc

D(z)
σ(M), (1.27)

where δc is the critical overdensity, D(z) is the linear growth factor andσ(M) is the
root variance of the primordial density field in spheres containing mass M on av-
erage, which is extrapolated to z = 0 by using linear theory. In the Press-Schechter
formalism it is assumed that density peaks are perfectly spherically symmetric,
although in reality this is not the case. Sheth & Tormen (1999) generalized the
Press-Schechter formalism to incorporate homogeneous ellipsoidal density per-
turbations. In this case equation (1.22) becomes

n(M, z)dM = A
(
1 +

1
ν2q

)√2
π

ρo

M
dν
dM

exp
(
−
ν2

2

)
dM, (1.28)

where ν′ =
√

aν. The improved formalism of Sheth & Tormen (1999), reproduces
the main results of Press-Schechter while correcting the discrepancies at the high
and low mass extremes of the halo mass function.

1.2 The First Stars and Their Feedback Effects
1.2.1 Big Bang Nucleosynthesis
In order to understand the formation of the first stars one needs to know the con-
ditions (temperature, density, chemical composition) under which the first stars
are formed. In this, big bang nucleosynthesis (BBN) provides the deepest reliable
probe of the early universe based on the standard model of particle physics.

To be able to predict the primordial abundances of the light elements (D, 3He,
4He, 7Li), synthesized in the big bang, we need to know the current temperature
and expansion rate of the universe. Then, by assuming that the universe is ho-
mogenous and isotropic, we can estimate the particle content of the universe de-
pending only on the baryon density.

At the time nucleosynthesis begins, approximately one second after the big
bang, the temperature is about 1010 K. At higher temperatures, due to weak inter-
actions, neutrons and protons can interconvert and thus fix the neutron-to-proton
ratio (n/p) to its thermal equilibrium value, n/p = e−Q/T , where Q = 1.293 MeV
is the neutron-proton mass difference. As the temperature drops due to the ex-
pansion, the neutron-to-proton interconversion rate decreases exponentially with
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1.2 The First Stars and Their Feedback Effects

temperature. Once the interconversion rate becomes less than the expansion rate,
the neutron-to-proton ratio ‘freezes-out’ at n/p ∼ 1/6. After freeze-out the neu-
trons are free to β-decay, hence the neutron-to-proton ratio drops to ' 1/7.

The nucleosynthesis chain begins with the formation of deuterium in the pro-
cess, p + n→ D +γ. But even though freeze-out occurs at a temperature below the
deuterium binding energy, EB = 2.2MeV, due to the photo-dissociation by the high
number density of photons, the reaction does not proceed until the temperature
of the universe falls to 109 K or kT = 0.1MeV, about 100 seconds after the big bang.
Once deuterium formed, further reactions proceed to form the most stable light
element, 4He. Also, 3He and a small amount (10−10) of 7Li is produced. Heavier
nuclei do not form because of the absence of stable elements of atomic number 5
or 8. Hence, the constituents of the primordial gas, estimated from BBN, are D,
3He, 4He, and 7Li. In Figure 1.4, the abundances of the light elements synthesized
by the big bang are shown.

Figure 1.4 – The time evolution of the abundances of the light elements synthesized during
BBN. Image credit: Burles et al. (1999).

1.2.2 Formation of the First Stars
From BBN we conclude that the primordial gas, from which the first stars are
made, was metal free and there were no dust grains to couple the gas to radiation
emitted by the protostar or winds from other stars. Furthermore, it is assumed
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Chapter 1 – Introduction

that even though magnetic fields could have been generated in the accretion disk
around a primordial protostar (Tan & Blackman 2004), they could not affect the
star formation process since they only become dynamically important when the
latter is well underway. Therefore, theoretically the physics of the first stars are
rather simple compared to the physics of present-day star formation (Abel et al.
2002, Bromm et al. 2002).

For the star formation process the important aspect is that gas in a dark halo
becomes gravitationally unstable and collapses. According to the Press-Schechter
formalism typical halos undergoing this process are the least massive ones. How-
ever, the Press-Schechter formalism tells us when the first dark matter halos of
a given mass form, but it does not contain any information about the behavior
of the baryonic matter. In order for gas to collapse, into pre-existing dark mat-
ter halos, gravity should overcome the internal pressure. One can estimate the
scale onwhich pressure forces become significant by equating the sound-crossing
timescale, with the gravitational free-fall timescale (t f f ). This sets a critical scale,
called the Jeans length (λJ , Jeans (1928)) at which the pressure and gravitational
forces cancel out each other. It is given by,

λJ =

√
πcs
√

Gρ
, (1.29)

where cs is the sound speed. On scales smaller than λJ , the sound-crossing timescale
is shorter than the gravitational free-fall timescale, meaning that there is enough
pressure support against gravity and therefore the gas does not collapse. On the
other hand, on larger scales gravity wins over the pressure and gravitational col-
lapse becomes inevitable. The Jeans mass MJ , which corresponds to the mass
within a sphere of radius λJ/2, is given by

MJ =
4π
3
ρ̄
(λJ

2

)3
. (1.30)

The residual fraction of free electrons couple the gas temperature Tgas to the cos-
micmicrowave background temperature TCMB until a redshift of 1 + zt ≈ 1000(Ω2

h)2/5

(Peebles 1993). At redshift z > zt the Jeans mass is time-independent, whereas at z
< zt the gas temperature declines adiabatically as [(1+z)/(1+zt)]2 and MJ decreases
with decreasing redshift as

MJ = 3.08 × 103
(Ωmh2

0.13

)−1/2( Ωbh2

0.022

)−3/5(1 + z
10

)3/2
M�. (1.31)

One thing to keep in mind is that because it is a perturbative analysis, the Jeans
mass describes only the initial phase of the collapse. Therefore, it is a necessary
criterion to start the collapse but not a sufficient one.

According to cosmological simulations following the ΛCDM model of hierar-
chical structure formation, the first stars formed at z ∼ 30 in dark matter halos
with masses of 105-106 M�, corresponding to virial temperatures of Tvir ≤ 104 K
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1.2 The First Stars and Their Feedback Effects

(Tegmark et al. 1997, Abel et al. 2002, Brommet al. 2002, Yoshida et al. 2003, O’Shea
&Norman 2007). Once the gas has virialized in potentialwells of pre-existing dark
matter halos, additional cooling is required in order for the gas to collapse further
and to form stars

The cooling of primordial gas depends, in the absence ofmetals, only on atomic
and molecular hydrogen. At temperatures T ≥ 104 K the important coolant is
atomic hydrogen. Following the recombination of hydrogen, molecular hydrogen
can form,which is the dominant coolant at temperatures between 100 < T < 104 K.
In order for a gas cloud to cool efficiently the cooling time (tcool) should be less
than t f f where tcool = 3nkT

2Λ(n,t) and t f f = ( 3π
32Gρ )1/2. When tcool� t f f the pressure cannot

balance the gravitational contraction, because of radiative losses, and the cloud
collapses. Here the challenge is what happens to this gas when it collapses. Does
it fragment and form binary systems or even clusters of stars, or does it form a
single massive star? It is suggested that such subfragmentation could occur due
to the enhancement of the abundance of molecular hydrogen via three-body re-
actions (Palla et al. 1983), at densities above ∼ 108 cm−3. This can give a boost in
cooling thus triggering a thermal instability which in turn can cause further frag-
mentation (Silk 1983). However, in their work both Abel et al. (2002) and Bromm
et al. (2002) have found no further fragmentation even though they have included
the three-body reactions in their chemical reaction networks. The reason for this
is that the increase in the cooling is balanced by the compressional heating and
therefore there is no significant drop in temperature. Hence, the Jeans mass of the
cloud does not decrease, which is the necessary criterion to stop fragmentation.

The Jeans mass of the cloud scales as

MJ ∝ ρ
3/2(γe f f−4/3), (1.32)

where γe f f = 1 + dlnT
dlnρ is the effective adiabatic exponent (Spaans & Silk 2000). If

γe f f > 4/3, then the Jeansmass will increase during the collapse and at some point
it will become comparable to the mass of the protogalaxy and the collapse will
halt. For a monoatomic gas evolving adiabatically, γe f f = 5/3, the collapse will
be halted before protostellar densities are reached due to the increasing pressure
support against gravitational collapse. Therefore, star formation is only possible
if the gas can cool.

Nowadays, in the literature, the first stars are called Pop III stars. These stars
might have formed in various environments and this might have caused different
modes of Pop III star formation. Indeed, it has become evident that Pop III star
formation might have two distinct modes: Pop III.1 and Pop III.2 stars (McKee &
Tan 2008). Pop III.1 stars are the first generation of stars that are formed from the
collapse of the primordial gas into DM minihalos, whereas Pop III.2 stars are the
second generation of these stars that are affected by the radiation of previously
formed stars. Pop III.2 stars will be less massive than Pop III.1 stars because when
the gas is ionized by the previous generation of stars, HD cooling becomes impor-
tant which allows the gas to cool more efficiently and therefore lowers the mass

13



Chapter 1 – Introduction

of these stars through the Jeans mass criterion as explained above.
The chemical composition and themetallicity of the interstellar gas are the key

parameters to study when investigating the formation of the first stars. Although
the primordial gas is complex, we can simplify the chemistry according to the con-
tributions of the various elements to the cooling process (see Table 1.1).

Name Metallicity (Z) Mass (M�) Formation
Pop III.1 0 . 100 H2 cooling
Pop III.2 0 10-100 HD and H2 cooling
Pop II.5 . Zcrit . 10 metal line cooling
Pop II > Zcrit local IMF metal enriched star formation

Table 1.1 – Typical metallicity, mass values and dominant cooling mechanisms of the first
stars.

The main coolants for primordial gas with temperatures T ≥ 104K are Ly-
man α emission of neutral atomic hydrogen (H i, 1216 Å), and helium (He ii, 304
Å). Below this temperature, which is the case in the minihalos with temperatures
Tvir . 104K, the cooling process is dominated by molecular hydrogen (H2), where
one can calculate Tvir as follows

Tvir = 1.98 × 104
( µ
0.6

)( M
108h−1M�

)2/3( Ω

Ωz

∆

18π2

)1/3(1 + z
10

)
K (1.33)

where µ is the mean molecular weight and ∆ is the collapse overdensity.
The importance of H2 cooling in primordial gas was first realized by Saslaw

& Zipoy (1967) and Peebles & Dicke (1968). In present-day molecular clouds,
H2 formation occurs primarily on the surface of interstellar dust grains (Gould
& Salpeter 1963, Cazaux & Tielens 2002, Cazaux & Spaans 2004). However, in the
absence of dust H2 forms via gas phase reactions. The reaction

H + H→ H2 + hν (1.34)

is not common because it is necessary to have an excited electronic state of hydro-
gen. This happens near the end of the re-ionization epoch (Latter & Black 1991,
Rawlings et al. 1993).

H + H + H→ H2 + H (1.35)
and

H + H + H2 → H2 + H2 (1.36)
are called three-body formation. In these reactions the rate coefficients are small
and therefore this pathwayonly becomes important at highdensities (n & 108 cm−3,
Palla et al. (1983)). On the other hand, the dominant reactions that lead to the for-
mation of H2 at low densities are as follows

H + e− → H− + hν, (1.37)
H− + H→ H2 + e−, (1.38)
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1.2 The First Stars and Their Feedback Effects

and

H+ + H→ H+
2 + hν, (1.39)

H+
2 + H→ H2 + H+. (1.40)

For these two paths of H2 formation at low densities, the formation rate is directly
proportional to the fractional ionization of the gas. The H− in the first reaction
forms much faster than H+ in the second reaction. Therefore, the first reaction is
more efficient in forming H2 at low densities.

One can calculate the H2 cooling rate for given H2 abundances, density and
temperature of the gas. The first excited rotational state of H2 lies at ∼ 500 K.
Figure 1.5 shows that the cooling rate of H2 falls off exponentially with decreas-
ing temperatures, due to the large excitation energy of the first accessible excited
state, and is essentially negligible below 100 K. It scales with density as ΛH2 ∝ n2

at low densities, where radiative de-excitation dominates, and as ΛH2 ∝ n at high
densities, where collisional de-excitation dominates and the level populations ap-
proach their local thermodynamic equilibrium (LTE) values.

Figure 1.5 – A comparison of various parametrizations of the H2 cooling function, plotted
in units of erg cm3 s−1. Rates are computed assuming that n >> nH2 , and that the ortho-to-
para ratio is 3:1. The lower set of lines corresponds to a gas density n = 106 cm−3; the upper
set corresponds to n = 100 cm−3. Solid line Le Bourlot et al. (1999); dashed line Galli &
Palla (1998); dotted line Lepp & Shull (1983); dash-dotted line Hollenbach &McKee (1979).
Image credit: Stiavelli (2009).
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Hydrogen deuteride, HD, is an important coolant below 200 K in the primor-
dial gas. The first excited rotational state of HD lies at a temperature of ∼ 150 K. If
there is enough HD, the gas can cool down to the temperature of the cosmic mi-
crowave background (CMB) (Nakamura & Umemura 2002, Nagakura & Omukai
2005, Vasiliev& Shchekinov 2006, Johnson&Bromm2006, Yoshida et al. 2007). Al-
though the primordial deuterium abundance is small relative to hydrogen ( nD

nH
=

4 × 10−5), chemical fractionation leads to an enhancement of the ratio, nH D
nH2
≈ 10−3

(Puy et al. 1993, Galli & Palla 1998, Stancil et al. 1998).
Molecular hydrogen does not have a permanent electric dipole moment while

the HD molecule has and that makes HD a better coolant than H2. The dominant
reactions that lead to HD formation are

H2 + D+ → HD + H+ (1.41)

and
D + H2 → HD + H. (1.42)

Here the first reaction is endothermic (absorbs energy) by 462 K. At low temper-
atures the HD cooling rate per molecule is greater than that of H2 (Glover & Abel
2008). The efficiency of HD cooling depends on whether the gas is ionized or not.
In Pop III star formation calculations, the fractional ionization is small and the
temperature of the gas is not low enough for chemical fractionation to become ef-
ficient. Therefore, we can neglect the effect of HD cooling. On the other hand, in
an initially ionized gas HD will form in high abundances (Shapiro & Kang 1987).
In their work, Nagakura & Omukai (2005), found that the gas would re-collapse
upon ionization and form significant amounts of HD due to the presence of free
electrons. Johnson & Bromm (2006) showed that when primordial gas is signifi-
cantly ionized the cooling from HD is sufficient to lower the temperature to the
level of the CMB and therefore this can give rise to Pop III.2 stars (see Figure 1.6).

When the primordial gas is enriched by metals as a result of Pop III SNe then
one has to take into account the cooling from the fine-structure lines of metals.
Many atoms have fine-structure lines. The relative motion of any orbiting elec-
tron and a charged nucleus creates a torque on the magnetic moment associated
with the intrinsic spin of the electron. Because the electrons ofH andHe atoms are
described by single-particle wavefunctions without any associated orbital angu-
lar momentum (l = 0), and the electric ground states of these atoms do not have
internal torque there is no fine-structure splitting in these atoms. On the other
hand, atoms like C, O, Si, Fe,... have fine-structure lines which enhance cooling
in the metal enriched primordial gas. The final fate of the massive first stars, as
predicted by theoretical work, is shown in Figure 1.7.

1.2.3 Feedback Effects
When the first stars form they will influence their surroundings. This is called
a feedback effect. Feedback is a backreaction of a process onto itself or onto the
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Fig. 2.— Evolution of the gas temperature (left) and molecular fractions (right) for an isobarically cooling gas. The gas is assumed to be
fully ionized initially, with a temperature of T = 50000K. We run two cases with initial densities of nH = 1, 100cm−3. The dashed lines in
the left panel are for runs without HD cooling. The effect of HD cooling can be seen in the temperature and chemical evolution at t > 105

years. In the right panel, we also show the fraction of H+
2 ionic molecules.

where the Λs are energy loss rates per H+
2 molecule. For the isobaric calculations we present in the next section, the H+

2
fraction becomes as large as ∼ 10−7 when the temperature is ∼ 5000 − 7000 K. Then the H2 fraction is ∼ 10−4.

We find that the above cooling processes by H+
2 molecules contribute roughly equally to the total cooling rate as two

other dominant cooling processes, hydrogen Lyman-α cooling and H2 cooling at temperatures ∼ 5000 − 7000 K. We also
consider two other ionic molecules, H+

3 and HeH+. In addition to the fiducial chemistry network, we include reactions for
formation and destruction of these molecules. By calculating an isobaric test case, we find that their fractions are always
very small, and conclude that we may ignore reactions involving H+

3 and HeH+. (See Appendix for details.)

2.4. Isobaric cooling of an initially hot, ionized gas

Our main objective in the present paper is not only to calculate the extent of Hii regions, but also to follow the thermal
and chemical evolution of the ionized gas in relic Hii regions. It is intriguing that there is a (suggested) possibility of
the formation of low mass metal-free stars in relic Hii regions (Nagakura & Omukai 2005; Vasiliev & Shchekinov 2005;
Johnson & Bromm 2006), where enhanced molecular hydrogen production enables the gas temperature to be significantly
lower than in a neutral primordial gas cloud.

The evolution of an isobarically cooling gas serves as a simple, yet illustrative model of how a photo-ionized or col-
lisionally ionized gas evolves in collapsed halos. Figure 2 shows the temperature evolution for a parcel of gas cooling
from T = 5 × 104 K. We assume that the gas is initially fully ionized and then solve the full rate equations to study
the thermal and chemical evolution. In Figure 2, we show the evolutionary tracks for two cases, with and without HD
chemistry and cooling. The overall evolution except in the low temperature region appears quite similar to that in, e.g.,
Oh & Haiman (2002). We see a clear difference in the evolution at T < 200K, however. Previous calculations neglect
the formation of and cooling by HD, and hence the gas temperature is limited to T ∼ 100 K, at which point cooling by
H2 becomes inefficient (see Fig. 1). With HD cooling, the gas further cools down to a temperature of ∼ 30K, where HD
cooling becomes inefficient. The right panel of Figure 2 shows the evolution of the H2 and HD abundances. While the
early evolutionary tracks parallel each other, fractionation occurs at late times, when the temperature is low, and the HD
abundance is enhanced relative to H2. The final HD abundance is found to be about one percent of the H2 abundance,
which is a factor of 200 higher than the primordial [D/H] abundance. It is also about a factor of ten larger than that
found in standard cosmological recombination calculations (e.g. Stancil, Lepp, & Dalgarno 1998; Galli & Palla 1998).

Fractionation of [HD/H2] occurs for various reasons. In the above example of an isobarically cooling gas, one of the
main formation path is the reaction D+ +H2 → H+ +HD, for which there is no counterpart for H2. The H2 fraction in the
diffuse neutral gas in the early universe is ∼ 10−5 − 10−6 (Stancil et al. 1998; Galli & Palla 1998), whereas the universal
H2 fraction in the collapsing halo is as large as a few times 10−3 (Susa et al. 1998; Oh & Haiman 2002). Hence, the large
H2 fraction promotes the formation of HD molecules at low temperatures. In other words, HD is energetically favored
because the binding energy of HD molecules is higher than that of H2 molecules. The relative abundance in equilibrium
is

n(HD)

n(H2)
= 2

n(D)

n(H)
exp

(
465K

T

)
, (14)

and thus HD molecules are preferentially produced at temperatures much lower than 465 K (Solomon & Woolf 1973).

Figure 1.6 – Effect of HD cooling. Thermal evolution of an ionized gas with an initial tem-
perature of 5×104 K under isobaric conditions with and without HD cooling (solid and
dashed lines, respectively). Once a temperature of ≤ 300 K is reached, HD cooling dom-
inates and the gas cools to essentially to CMB temperature, whereas gas with H2 cooling
does not cool below 60 K. Image credit: Yoshida et al. (2007).

causes that have produced it. It can be negative or positive. We can classify the
feedback effects from the first stars into three groups: mechanical, chemical and
radiative feedback.

1.2.3.1 Radiative Feedback

The radiation from the first stars will influence their surroundings by heating and
ionizing/dissociating the gas. It is believed that the first stars are massive and
emit copious amounts of UV (and some X-ray) radiation. Depending on the en-
ergy of the radiation, radiative feedback can be either negative or positive. If the
radiation is soft UV (11.18-13.6 eV) photons can propagate great distances in the
intergalactic medium (IGM) and build up a UV backgroundwhich dissociates the
fragile molecular hydrogen. In the absence of H2 gas cannot cool efficiently and
collapse, therefore the star formation becomes delayed or quenched (Haiman et al.
1997, 2000, Ciardi et al. 2000, Mackey et al. 2003, Yoshida et al. 2003, Wise & Abel
2008, Johnson et al. 2008).

Recent work by several authors, has shown that the H II ionization front ex-
pels gas when Pop III stars are formed in a minihalo of 106M� (Abel et al. 2007,
Alvarez et al. 2006, Kitayama et al. 2004, Whalen et al. 2004). However, the net
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Figure 1.7 – Initial-final mass function of the non-rotating first stars by Heger & Woosley
(2002). The x-axis is the initial stellar mass and the y-axis is the final mass of the collapsed
remnant (thick black curve) and the mass of the star when the event begins that produces
that remnant (thick gray curve). Since no mass loss is expected for metal-free stars before
the final stage, the gray curve is approximately the same as the line of nomass loss (dotted-
line). Exceptions are ∼ 100-140 M� where the pulsational pair instability ejects the outer
layers of the star before it collapses, and above ∼ 500 M�, where pulsational instabilities in
red supergiants may lead to significant mass loss.

effect of an H ii region on the star formation is not known. This is because, even
though initially the gas in the H ii region will be heated to T > 104 K and sup-
press the star formation (Oh & Haiman 2003) later on, due to the high electron
fraction produced by the photoionization, it will enhance the formation of molec-
ular hydrogen, and this can allow star formation in the regions where otherwise
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stars would not form. Also, as mentioned in section 1.2.2, due to the formation of
deuterium hydride (HD) in the relics of H ii regions the gas can cool efficiently to
temperatures even below T < 100 K and this leads to low mass Pop III star forma-
tion (Johnson & Bromm 2006, 2007, Nagakura & Omukai 2005, O’Shea et al. 2005,
Yoshida et al. 2007).

Moreover, accretion onto black hole remnants of the massive first stars can
produce X-ray photons. This has a positive feedback effect by enhancing the free
electron abundance, which in turn gives rise to gas phase H2 formation and hence
leads to efficient cooling of the gas and the formation of stars (Kuhlen & Madau
2005).

1.2.3.2 Chemical Feedback

Chemical feedback is related to the critical metallicity of the gas which leads to
a transition in the star formation history. SNe of the massive first stars are cru-
cial for understanding the metal enrichment of the ISM/IGM and the fate of the
structure of the universe and star formation. Metal enriched primordial gas en-
hances cooling and is therefore believed to govern the underlying physics of the
transition from Pop III to Pop II stars. Due to enhanced cooling bymetals and dust
the Jeans mass of protostars is lowered significantly, thus resulting in less massive
stars. Chemical feedback has recently been studied by several authors (Bromm
et al. 2001, Schneider et al. 2002, Omukai et al. 2005, Clark et al. 2008, Smith & Sig-
urdsson 2007). These studies have shown that metal line cooling is important in a
non-zero metallicity gas, compared to H2 and HD, for metallicities on the order of
10−3 (Bromm& Loeb 2003b) or even 10−5 − 10−6 (Jappsen et al. 2007). In the paper
of Brommet al. (2001), the criticalmetallicity for the transition between Pop III and
Pop II stars was found to be 10−3.5Z�, but this threshold is the point where metal
line cooling becomes more important than H2 cooling. There is also an important
contribution to the cooling by the collisional coupling of warm gas and cool dust
grains, provided the gas density exceeds 104 cm−3. In their work Schneider et al.
(2002) find that when the metallicity is in the range of 10−6 < Z/Z� < 10−4 the frag-
mentation occurs on sub-Solar mass scales, hence the transition from a top-heavy
IMF to a Salpeter IMF.

On the other hand, the epoch of Pop II stars depends on the number of Pop
III stars that explode as pair instability supernovae (PISN), the metal ejection effi-
ciency, andmixing in the intergalacticmedium (IGM), aswell as on the initialmass
function. Since this is a complicated process, the use of a single critical metallicity
can be misleading. Therefore, the patchy distribution of metals that is formed by
the first SNe should be taken into account by using different cooling prescriptions
for different metallicities.
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1.2.3.3 Mechanical Feedback

Mechanical feedback affects the subsequent star formation process in different
ways. At the end of their lifes, massive first stars lead to SNe. These SNe might
blow-away or blow-out the gas from the halo which is the necessary fuel to form
stars (Mac Low & Ferrara 1999, Nishi & Susa 1999, Bromm et al. 2003, Springel &
Hernquist 2003, Wada & Venkatesan 2003). The SNe have a dramatic effect, espe-
cially for smaller mass dark matter halos (M< 5 × 106 M�), due to their shallower
potential wells, by blowing away the gas and hence quench the star formation. On
the other hand, according to thework ofMori et al. (2002) and Bromm et al. (2003),
more massive halos appear to contain their gas reservoir better against the energy
input from the SNe. In their work, Mori et al. (2002) considered a 108 M� system
at z = 9 which has experienced multiple SNe and find that, depending on the stel-
lar distribution, less than 30 % of the available SN energy is converted into kinetic
energy and causes the blow-away of the gas from the halo. Similarly, Bromm et al.
(2003) ran simulations which include PISN explosions (E ∼ 1053 erg) and type II
SNe (E ∼ 1051 erg). They have shown that, while the more energetic case of PISNe
results in blowing away of the gas, the less energetic type II SNe allows the gas to
remain in the halo.

On the other hand, shocks can compress gas and increase the density so that
gas cools down more efficiently and give rise to additional star formation (Vish-
niac 1983, Mackey et al. 2003, Salvaterra et al. 2004). This way, mechanical feed-
back has a positive effect. Furthermore, these SNe do enrich their surroundings
by metals which in turn has a significant effect on the cooling ability of the gas
(chemical feedback) and thus the mass of the subsequent stars (Vader 1986, Mac
Low & Ferrara 1999, Fujita et al. 2004).

1.3 Formation of the FirstGalaxies, SupermassiveBlack
Holes and Active Galactic Nuclei

In the literature, the first galaxies are defined as the halos that can maintain self-
regulated star formation in a multi-phase interstellar medium and retain gas pho-
toheated by the first stars (Dijkstra et al. 2004b, Mac Low & Ferrara 1999, Madau
et al. 2001, Oh &Haiman 2002, Scannapieco et al. 2002, Wada & Venkatesan 2003).
The feedback effects from the first stars play a crucial role in shaping the first
galaxies. Chemical feedback effects from SNe enrich the medium by metals, ion-
izing radiation heats the gas and mechanical feedback blows away or blows out
the gas and, hence, defines the fate of the host halo (see Section 1.2.3). According
to cosmological simulations of hierarchical structure formation, these halos are
assembled at redshift z > 10 with masses of M > 107 M�.

Observations of high redshift (z>6) quasars suggest that they are powered by
supermassive black holes (SMBHs) with masses on the order of 109 M� (Fan et al.
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2003, 2006a, Kurk et al. 2007). These SMBHs are thought to be formed (in less than
1 billion years) through the accretion of gas onto seed black holes of masses be-
tween 102 - 105 M�. Although the origin of these seed black holes is still an open
question, there are two plausible scenarios for the formation of these seed black
holes: a) they are the remnants of the first stars (MBH ∼ 102 M�, Johnson & Bromm
(2007)) or b) they are formed by the direct collapse of isothermal gas in atomic
cooling halos (MBH ∼ 105 M�, Bromm & Loeb (2003a), Spaans & Silk (2006), Wise
et al. (2008)) at the centers of the first galaxies.

The radiation in these quasars and active galactic nuclei (AGN) is thought
to come from a gaseous accretion disk surrounding the SMBHs (Salpeter 1964).
Studies of galactic nuclei at different wavelengths have revealed the presence of
large masses within small radii that can currently only be explained by the exis-
tence of central black holes. AGNs are highly luminous nuclei, which can outshine
their host galaxies, and show emission lines that are broader than the absorption
lines in normal galaxies. These emission lines arise from a small nucleus, cover a
wide range of ionization, and radiate throughout the entire electromagnetic spec-
trum, from the radio to the X-ray regime. In general, an object is defined to be an
AGN if one or more of the following properties are observed: a compact nuclear
region, brighter than normal, non-thermal continuum emission, strong emission
lines, and variations in the emission lines on short time scales. AGNs are classi-
fied according to their observational properties and in the unifiedmodel of AGNs
there are two basic types, depending on their optical and radio luminosity, called
radio-quiet and radio-loud. In each type, there is a wide range of variety in the
observed properties due to the orientation of the system relative to the observer:
e.g., Seyferts, quasars, blazars, optically violent variables... (see Table 1.2).

Table 1.2 – AGN Unification Model

Radio Orientation
Properties Face-On Edge-On
Radio-Quiet Seyfert 1 Seyfert 2

QSO FIR galaxy

Radio-Loud BL Lac FR I
BLRG NLRG

Quasar /OVV FR II

The underlying structure of all AGNs is intrinsically similar within the unifi-
cation model. There is a SMBH at the center with a mass of ∼ 106 - 1010 M�, sur-
rounded by an accretion diskwhere theUV-optical continuum emission primarily
arises. The relativistic jets emerge along the disk axis and emit Doppler-boosted
radiation via synchrotron and inverse Compton mechanisms. The jets and the ac-
cretion disk both are thought to contribute to the X-ray emission. The broad emis-
sion lines are produced in relatively dense (electron densities of ne ≈ 1011 cm−3)
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gas clouds at a few thousand astronomical units (AU) from the black hole with
a characteristic full width half maximum (FWHM) ∼ 1500-10000 km s−1 and are
prominent in the UV-optical spectra of AGNs. On parsec scales, this entire system
is embedded in a dusty inhomogeneous torus that is opaque overmost of the elec-
tromagnetic spectrum. The torus absorbs radiation from the central source and
re-emits it in the infrared. Narrow emission lines are produced in low density
clouds with FWHM < 300-800 km s−1 at the torus scale and beyond (see Figure
1.8).

Figure 1.8 – The unification model for AGNs. With an orientation angle of 30o, where the
narrow-line and broad-line regions are visible, Seyfert 1 galaxies are observed. At larger
angular offsets, the broad-line region will be hidden by the torus, which corresponds to
Seyfert 2 galaxies. Blazars have jets that are close to the line-of-sight. Perpendicular to the
jet, the full extent of the jets may be seen particularly at low frequencies, giving rise to a
morphology typical of radio galaxies. Image credit: Urry & Padovani (1995).

In the last decade, the growth of SMBHs in the centers of galaxies, and their
role in shaping the evolution of galaxies and regulating the star formation his-
tory has become a central topic for cosmology. Dynamical studies of central black
holes in nearby galaxies reveal that there is a relation between the central black
holemass and the bulgemass (MBH /MB ∼ 10−3 Magorrian et al. (1998)) and veloc-
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ity dispersion of the stellar component of the host galaxy (MBH ∝ σ
4, Ferrarese &

Merritt (2000), Gebhardt et al. (2000)). These relations support the idea that there
is a strong link between the formation and evolution of galaxies, and the growth of
SMBHs at their centers. However, the underlying physics of the observed relation
is still unknown. Several efforts have been made to explain the origin of this rela-
tion by using semi-analytical modeling (Kauffmann & Haehnelt 2000, Wyithe &
Loeb 2003) and N-body hydrodynamic simulations. Numerical simulations have
shown that the gravitational tidal torques excited during major mergers lead to
rapid inflows of gas into the centers of galaxies (Barnes & Hernquist 1991, 1996)
which can be the mechanism to trigger quasar activity and starbursts in galax-
ies. Also, it has been long known that intense star formation in galactic nuclei
preceeds quasar activity, which led to the theory that an evolutionary sequence,
caused by gas rich mergers, connects starbursts, quasars, SMBH growth, and the
formation of red elliptical galaxies (Hopkins et al. 2006, 2008, Tacconi et al. 2008,
Narayanan et al. 2009, 2010), as shown in Figure 1.9. The growth of SMBHs dur-
ing a quasar phase can be traced by the luminosity function of QSOs as a function
of redshift (Soltan 1982). The peak activity of luminous QSOs occurs at z ∼ 2-3,
where the majority of the most massive galaxies were also forming most of their
stars. The average black hole mass in units of Solar mass increases with increas-
ing redshift, meaning that there are fewer low-mass black holes at high redshifts,
and the average accretion rate decreases towards lower redshift. This observed
anti-hierarchical behavior of AGN evolution indicates that SMBHs and their host
galaxies co-evolve. Walter et al. (2004) estimated the dynamical mass of high red-
shift quasars from the size and linewidth of theCOemission and found the SMBH
spheroidal bulge mass ratio to be an order of magnitude higher than what we ob-
serve in local galaxies. This indicates that there is an evolution in the MBH - Mbulge

relation throughout cosmic time.
In their work, Hopkins et al. (2006) suggest that the accretion of gas, trig-

gered by mergers and/or interactions of galaxies, onto the black hole leads to
starbursts and quasar activity. Initially, due to the ubiquitous presence of dust
around the black hole, the quasar activity is obscured. Later on, when the black
hole dominates the energetics of the central region, the energy input from the
quasar quenches further star formation and expels the gas shrouding the quasar.
This slows down the further growth of the SMBH and stops the quasar activity,
which in turn leads to the formation of a normal spheroidal galaxy (see Figure
1.10). Observational support for this theory comes from the fact that in the local
universe, ultraluminous infrared galaxies (ULIRGs) have bolometric luminosities
similar to bright quasars and are often in mergers (Sanders et al. 1986, Sanders
& Mirabel 1996). Also, observations of low-redshift quasars show a connection
between galaxy mergers and quasar activity (Heckman et al. 1984, Bahcall et al.
1996). Moreover, there is observational evidence thatULIRGs form the birthplaces
of QSOs (Sanders et al. 1988, van der Werf et al. 2011).

In order to understand the origin of the Magorrian relation, AGNs are key to
study. The accretion of gas onto the central black hole yields a luminous source
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Figure 1.9 – Schematic outline of the evolutionary sequence of starbursts, AGN, quasars
and red elliptical galaxies. Image credit: Hopkins et al. (2008).

Figure 1.10 – Schematic representation of a “cosmic cycle” for galaxy formation and evo-
lution regulated by black hole growth in mergers. Image credit: Hopkins et al. (2006).
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of X-ray, UV, and optical photons. In this, UV and X-ray radiation drive the chem-
istry of the accreting and star-forming gas, and affect the thermodynamics of the
ISM. In their work, Hopkins & Quataert (2010) find that AGN activity is more
tightly coupled to nuclear star formation than to the global star formation rate
of a galaxy. Furthermore, Pérez-Beaupuits et al. (2011) have estimated that the
temperature of AGN molecular gas, exposed to X-rays, is a factor ∼ 5 higher than
gas in a starburst of equal bolometric power. This has severe consequences for
star formation, which depends on the ability of interstellar gas to cool and form
dense molecular clouds since the Jeans mass (MJ) scales with the temperature of
the ambient gas as MJ ∝ T3/2. Moreover, X-rays have small cross-sections, hence
they can penetrate large columns (N > 1022 cm−2) and thus provide information
on the innermost regions of AGNs. In their work, Wada et al. (2009), include the
effects of X-rays using the XDR models of (Meijerink & Spaans 2005), and show
that XDR physics may change the distribution of H2 around an AGN. They also
found that the density and temperature of the torus are highly inhomogeneous,
and that the velocity field is turbulent. Furthermore, Di Matteo et al. (2005) argue
that a merger generates a burst of star formation and leads to strong inflows that
feed gas to the SMBH and thereby power the quasar. Hence, the energy released
by the quasar expels enough gas to inhibit further star formation and quenches
the growth of the black hole. However, none of these studies have taken into ac-
count the effect of X-ray irradiation from the AGN onto the ambient gas, and the
subsequent effects on galaxy evolution, in a self-consistent manner.

1.3.1 This Thesis
In this thesis I study the nature of dark energy, effects of UV background and X-
ray radiation on the formation of the first stars, and the origin of the Magorrian
relation at high redshift galaxies.

In chapter 2, we test the proposed connection between the dark energy density
and the total number of macroscopic black holes in the entire universe by Spaans
(1997). For this we take the type II SN rate density data from Hopkins & Beacom
(2006) for z = 0− 6 and use it to calculate the change in the number of type II SNe.
Then by assuming that the bulk of stellar mass black holes is formed in type II
SNe, we associate it to the change in the total number of black holes in the uni-
verse, which then we relate to the dark energy density of the universe.

In chapter 3 we investigate the effect of UV background radiation on the for-
mation of a multi-phase ISM and hence the first stars. In this we perform 3D
hydrodynamical simulations using tabulated PDR tables for non-zero metallici-
ties and different UV background radiation fields. The UV background is crucial
because it can dissociate H2 and heat dust grains. Therefore, it is an important
parameter in the star formation process. In our work, we consider pre-enriched
minihalos with metallicities of Z/Z� = 10−4, 10−3, 10−2, 10−1 under an impinging
UV radiation field of G0 = 10−1 and 10−2. Here G0 = 1, in Habing units, corre-
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sponds to a flux of 1.6 × 10−3 erg cm−2 s−1.
In chapter 4 we implement the XDR/PDR chemical network and use the Enzo

radiation transport module Moray (Wise & Abel 2011a) to calculate the transfer of
the X-ray radiation field produced by a black hole in order to study the physical
conditions near an AGN. We tabulate XDR grids for a wide range of flux, density
and column values and follow the radiative transfer upto a few 100 pc from the
black hole. In this, we perform two simulations, one with X-rays and one without,
where we insert a black hole with a mass of 5 × 104 M� at redshift 15 and follow
the evolution for 100 Myr to study the importance of the X-ray radiation from the
AGN on the star formation.

In chapter 5, we investigate how the accretion rate of central black holes evolves
through cosmic time, what the effects are of X-ray irradiation from the AGN on
the ambient gas, and how the relative contributions of AGN and supernova feed-
back onto the host galaxy evolve through time. For this, we use the modified code
as discussed in chapter 4 and add a metallicity dependence as well as a star for-
mation recipe. We run a simulation where we switch on a black hole at redshift 15
and follow its evolution until z = 5 . These simulations enable us to study the ef-
fect of X-ray radiation on different metallicity environments, accretion flows onto
the black hole, star formation and their chemical and mechanical feedback effects
on the surrounding medium.
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2Testing the Proposed Connection
Between
Dark Energy and Black Holes

“Nature’s purpose is to count,
patiently and persistently,

every fibre in space-time’s fabric.”
Marco Spaans, 2012

A. Aykutalp & M. Spaans
To be submitted 2012
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Abstract

In 1997, an extension of general relativity was proposed that predicts the dark
energy densityΛ to vary linearlywith the total number ofmacroscopic black holes
in the entire universe. We explore this prediction and find that Λ must be roughly
constant after the bulk of the stellarmass black holes are in place, so for a redshift z
smaller than unity. Conversely, the highest black hole formation rate corresponds
to the peak in the cosmic star formation history, earlier than z = 1. This yields a
fast declining Λ, by a factor of about 5, from redshift 1 to 3. At even earlier times,
before many stars were formed, the value of Λ should be much smaller than its
current value. These predicted effects are all consistent with current data, and
near future observations can definitively confirm or disproof the link between the
dark energy density and the total number of black holes in the entire universe.
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2.1 Introduction: Dark Energy and Theories of Grav-
ity

The expansion of the universe appears to be accelerating, as indicated by the
magnitude-redshift relation of type Ia supernovae (Amanullah et al. 2010, Perl-
mutter et al. 1999, 1998, Garnavich et al. 1998, Schmidt et al. 1998, Riess et al. 1998).
This phenomenon is usually referred to as dark energy and constitutes one of the
big mysteries in cosmology. Dark energy seems to be fundamentally connected to
the dynamics of space-time itself. The simplest expression of dark energy is in the
form of a positive cosmological constant term on the left hand (geometric) side of
the Einstein equation. The origin of such a constant is not specified by general
relativity (GR), though, leaving one with an incomplete description of space-time
dynamics.

The success of Einstein gravity is overwhelming. Hence, any alternative theo-
ries should take great care in preserving the beautiful features of GR, while pur-
suing the mystery of dark energy. Often, creative and compelling ideas notwith-
standing, ad hoc elements or unconstrainedparameters andfields are part ofmod-
ified gravity theories, e.g., vector-tensor theory,quintessence, M-theory, Einstein-
aether theory, MOND (Jacobson & Mattingly 2001, Jacobson 2010, Zlosnik et al.
2007, Hořava 2009, Sanders 2011).

An extension of GR has been proposed in Spaans (1997), S97 fromhereon. This
theory leads to a unique and testable prediction for dark energy, while fully pre-
serving GR, without the introduction of any additional degrees of freedom. The
S97 paper is somewhat technical (it uses the mathematics of algebraic topology)
and we therefore provide an extensive summary of its salient physical properties
below.

2.2 Physical Aspects of the S97 Model
The Einstein equation has many symmetries, but it is not invariant under local
conformal (scale changing) transformations. As a result, one finds larger metric
fluctuations when one goes to smaller spatial scales. In fact, at the Planck scale
of lP ∼ 10−33 cm, these fluctuations in space-time become huge (even singular)
and space-time should take the form of a quantum foam with Planck mass (mP ∼

10−5 g) black holes (BHs), so-calledmini BHs, popping out off and into the vacuum
(Wheeler 1957). Space-time thus enjoys the presence of mini BHs at the Planck
scale, i.e., is multiply connected. A fundamental problemwith the quantum foam
is that it fluctuates violently on a Planck time of tP ∼ 10−43.5 sec and is therefore
difficult to conceive as a stable structure. It is important to realize here that GR is
a local geometric theory. Hence, it allows for freedom in the (global) topology of
space-time.

Topology studies the countable properties of geometric configurations which
remain invariant under certain transformations, such as bending, stretching or
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twisting. In topology, shapes or surfaces are considered to be equivalent if any
continuous change can be continuously undone, this is called a homeomorphism.
For example, a circle is equivalent to a square, a coffee cup is equivalent to a donut.
For the donut example, see fig. 2.1, the important point is that there is one closed
loop, which survives any continuous deformation. This is different from geome-
try, which deals with differentiable transformations (shape preserving diffeomor-
phisms).

Figure 2.1 – An illustration of a homeomorphism: A continuous deformation between a
donut and a coffee cup.

S97 seeks stability for the quantum foam through GR, which is the natural low
energy limit of any quantumgravity theory, and space-time topology. Specifically,
the Schwarzschild solution for a macroscopic BH can be used as the low energy
limit of the quantum foam in a topological sense. That is, as a low energy limit
that allows for changes in the geometry of space-time but one that also assures all
local observers to count the same number of event horizons. I.e., the connectivity
of space-time, so the topology of the event horizon, does not change if one makes
a BH larger. Furthermore, such a countable quantity like the number of BHs is
invariant under continuous deformations (homeomorphisms) of space-time, as
above.

This kind of a low energy limit uses the fact that all BHs can be described ge-
ometrically by just their mass, charge and spin, while they all possess a closed
surface as well (the event horizon), irrespective of their local geometry. Further-
more, BHs have a black body temperature (Hawking 1975) and small BHs are
much warmer than large BHs (the effective temperature goes as 1/mass). How-
ever, mini BHs in the quantum foam are transient in that they are continuously
created and destroyed. Hence, if GR is to be a proper low energy limit of the
quantum foam (with a well defined number of event horizons for all observers),
the existence of mini BHs must somehow be subject to the presence of macro-
scopic BHs. Afterall, only the latter can exist (much) longer than a local Hubble
time under Hawking evaporation.

In S97, the quantum foam stability problem is solved by allowing only macro-
scopic (long lived) BHs to induce mini BHs in every local Planckian volume ∼ l3P.
One needs to consider distinct Planckian volumes here since quantum physics
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forces space-time to be quantized at the Planck scale (an observer cannot measure
with a better accuracy than ∼ lP). These inducedmini BHs are createdwith a (pos-
sibly time dependent) probability δ in every Planckian volume. This, currently
tiny, probability δ for a single Planckian volume to enjoy the temporary presence
of mini BHs must be linear in the number of macroscopic BHs (so counting event
horizons) and independent of geometry (so volume). The latter property forces
all local Planckian volumes in the quantum foam to respond as one to the pres-
ence of macroscopic BHs, irrespective of whether the universe is expanding (and
thus adding Planckian volumes). I.e., dark energy is purely topological in nature
and every observer witnesses the same local topological changes in the Planckian
quantum foam (so space-time has uniform statistics), subject only to how the low
energy GR limit drives the formation of macroscopic BHs globally.

One may think that this almost instantaneous response (within a time slice) of
the dark energy everywhere to BH formation leads to causality violations, but this
is not the case: In S97, the equations of motion for the topology of the universe are
derived. These equations contain no spatial information and are first order in the
discretized time variable t = ntP, for integers n ≥ 1 that distinguish different time
slices of thickness tP. I.e., for any time t1 labelling the complete three-space of the
universe, the solution one Planck time later only depends on the global topology
at time t1. Also, under a continuous transformation one can always deform three-
space in such a manner that any two three-space points are brought within each
other’s vicinity. Subsequently, information on the creation of any BH can thus be
brought into the vicinity of any local observer as well. Furthermore, this freedom
of continuous three-space deformation assures that no such information needs
to be exchanged faster than the speed of light to inform every local Planckian
volume, nomatter howdistant from the BH, of the topology changing event. After
all, the distance between the two aforementioned three-space points can be made
as small as a Planck length by the deformation. One should realize here that BHs
and observers are not moved physically during such continuous deformations.
Rather, it is space-time itself that deforms and facilitates the transfer of BHnumber
information through topological identifications between space-time points.

The latter can best be imagined as loops that provide short-cuts through four-
space between any two points in three-space. These loops can be constructed by
taking a line segment (a path) and identifying two points along it to create a loop
as an alternative route. Doing this for three dimensions, one constructs a three-
torus where each surface of the cube connects to the opposite one through the
fourth dimension (time). Along these short-cuts information travels at maximally
the speed of light, obeying local Lorentz invariance, but across arbitrary three-
space distances. Creating these short-cuts through four-space between all pairs
of Planckian volumes allows topological information to be exchanged causally
within the same given time slice of thickness tP. The resulting structure is a lat-
tice of three-tori (see S97 for further details). Hence, wherever a BH is formed in
some time slice its effect on the dark energy density in that time slice is transferred
purely topologically through these identifications, without the need for causality
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violations and expressed solely by an update on the total number of BHs. This
testable topological aspect of dark energy augments the local geometric approach
of GR, and fully preserves the latter, while it assigns countable numbers (BH hori-
zons) to entire time slices. Time is relative of course and one may freely choose
any foliation for the time slices since the number of BHs is a covariant quantity.

Because topology allows one to identify all space-time points as above, it is the
total number of macroscopic BHs in the entire universe, so in all of three-space for
every time slice, that is pertinent to the dark energy density. Therefore, the spatial
distribution of macroscopic BHs, or the actual volume of our evolving universe, is
irrelevant. In all, S97 finds the dark energy density Λ to be linearly proportional to
the total number of macroscopic BHs in the entire three-volume of the universe,
NBH(z), at a given redshift z. In this, redshift is a distinctive measure of time in
the usual 3 + 1 decomposition for the evolution of the three-geometry and three-
topology of space-time. Algebraically,

Λ(z) = δ(z)
mP

l3P
, (2.1)

where
δ(z) = NBH(z)

l3P
l3I
, (2.2)

and lI the size of the universe (after inflation, marking the transition to the low
energy GR limit) when the first BH forms that exists for longer than a local Hub-
ble time. I.e., lI is frozen in when the quantum foam stabilizes and each induced
mini BH contributes about mP ∼ 10−5 g of mass per Planckian volume l3P. Equation
2.1 shows that, for NBH(z) independent of redshift, any local observer concludes
that the dark energy density Λ in g cm−3 remains constant as the universe ex-
pands. Conversely, the dark energy density scales linearly with the total number
of macroscopic BHs that are present in the entire three-volume of the universe
at a given redshift. Induced mini BHs can drive the expansion of the universe, so
constitute a negative pressure, because their creation as three-dimensional spatial
objects requires an increase in four-space volume to actually embed them. formed
event horizon is a closed surface to an external observer.

The absolute value of Λ is only roughly estimated in S97 due to uncertainty
in NBH today and lI. However, the exact value of Λ is not important here because
this paper concentrates only on the evolution of the dark energy density with the
total number of BHs in the entire universe. Of course, the observable universe
may be smaller than the entire universe, which is relevant for measuring the total
number of BHs through observations. If we assume that the observable universe
is the entire universe, then one can estimate lI as follows. Today’s dark energy
density is ∼ 10−29 g cm−3 and the universe presently contains 1019 macroscopic
BHs. The latter number follows if one assumes that 1 in 103 stars yields a BH, for
a Salpeter initial mass function (IMF), and that there are 1011 galaxies with each
1011 stars. Hence, with these numbers lI ∼ 2 × 1014 cm.
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The S97 theory provides solutions for the evolution of the very early universe’s
topology. The number of mini BHs increases exponentially during the quantum
gravity phase of the universe (so before the first macroscopic BH is formed and
the quantum foam is stabilized). Therefore, mini BHs can drive an inflationary
period at these early unstable times, with a dark energy density that corresponds
to about one mini BH per Planckian volume (δ ∼ 1).

In all, one has the local space-time quantum foam that (Wheeler 1957) envi-
sioned, but globally constrained by the total number of macroscopic BHs in the
entire universe. The value of NBH(z) thus controls the temporal variations in the
dark energy density, in the spirit of Mach’s principle, where global properties of
the universe determine local ones.

2.3 Testing the Connection BetweenDark Energy and
Macroscopic Black Holes

The universe appears to be approximately flat based on WMAP7 cosmological
observations (Komatsu et al. 2011) and Λ is about 0.734 ± 0.029 in units of the
critical density ρc = 1.88 × 10−29 g cm−3. As discussed above, the dark energy
density of our universe is linearly proportional to the total number ofmacroscopic
BHs in three-space at any redshift. Very practically, this means that if the number
of BHs in the entire universe at redshift 1 is twice higher than at redshift 2, then Λ

in g cm−3 doubles from z = 2 to z = 1. This paper focuses on the putative evolution
in Λ. Therefore, it is only necessary to compute how the total number of BHs in
the universe changes with redshift, irrespective of what the current value of Λ is.

The bulk of the stars, and thus stellar BHs in the universe appears to be present
as early as z = 1, when a (1 + z)4 decline ensues in the cosmic star formation rate
(Hopkins & Beacom 2006). This is earlier than current type Ia supernova (SN) de-
tections probe, hence one expects to find an effectively constant Λ for z < 1. It is
relevant here that type Ia SNe occur with a delay of close to 3 Gyr relative to regu-
lar star formation. Conversely, given the rapidity with which massive stars/BHs
are produced around z = 1 − 3, this epoch should exhibit a strong decrease in the
number of BHs, and thus Λ, from z = 1 to z = 3.

These qualitative expectations can be quantified as follows. Hopkins & Bea-
com (2006), their figure 7, derive the comoving type II SN rate density from the star
formation history of the universe. These authors adopt a type II SNmass range of
8-50 M� and the “BG” and “SalA” (Salpeter) IMFs of Baldry & Glazebrook (2003).
We use their z = 0 − 6 data for a Salpeter IMF to estimate the evolution of the
dark energy density from today’s value back to higher redshift, in terms of the
comoving type II SN rate density dnSN/dt (in yr−1 Mpc−3). In this, we assume that
stellar mass BHs are produced by type II SNe with some constant efficiency ε.
The comoving type II SN rate density is used here because such an expansion-
corrected coordinate system allows one to approximate the relative change in the
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total number of BHs that are formed in the universe at a given redshift, as follows.
The used data, and thus the derived evolution of Λ(z), pertain to the observable
universe only. Hence, we assume that the observable universe gives a good statis-
tical representation of the entire universe as far as the change in the total number
of macroscopic BHs in evolving three-space is concerned. We thus seek Λ(z) nor-
malized to its present value Λ(0), which corresponds to the current number of
BHs in the observable universe.

The ratio Λ(z)/Λ(0) can now be expressed analytically, in terms of dnSN/dt for
observers that measure the rate of type II SNe in their comoving volume, as

Λ(z)
Λ(0)

=

∫ z
6 dt(z) ε dnSN/dt∫ 0
6 dt(z) ε dnSN/dt

, (2.3)

and is independent of the constant BH formation efficiency ε. We perform the in-
tegrals in equation 2.3 for a flat cosmology and the same cosmic time interval as
used by Hopkins & Beacom (2006), t(z) = 1

H0

∫ z
0

dz

(1+z)[Ωm(1+z)3+ΩΛ]
1
2
. We use redshift

as a coordinate, but there is no pertinent dependence of our results on coordinate
system because of the normalization in 2.3. Any observer, whatever its coordinate
system, will find the dimensionless ratio of two numbers to be covariant. Onemay
worry about BHs that are formed beyond our horizon. However, as explained
above, these BHs do contribute to the dark energy density in our comoving vol-
ume, but without violating causality. At the same time, the right hand side of 2.3
is empirical. So, even though we, as observers, have a special perspective on (the
history of) the universe in our current time slice, we can still derive the change in
the total number of BHs, as three-space evolves, if we live in a representative co-
moving volume. I.e., one that enjoys the same time dependence of BH formation
as the whole universe. Figure 2.2 shows the evolution of Λ(z)/Λ(0).

It is found that Λ(z)/Λ(0) changes by less than ∼ 30%more recently than a red-
shift of unity. Furthermore, a rapid decline in the dark energy density by a factor
of 5 occurs from z = 1 − 3. The shading in figure 2.2 represents the observational
uncertainty in deriving the type II SN rate from the cosmic star formation history
(Hopkins & Beacom 2006). For redshifts z > 5 the shading indicates that a sig-
nificant amount of star/BH formation may occur at very early times (but see the
discussion section). The value of the equation of state parameter, w =

p
ρ
(for pres-

sure p and density ρ) is estimated to be −1.023± 0.09(stat)± 0.054(sys) (Amanullah
et al. 2010, Astier et al. 2006) and −1.061+0.069

−0.068 (Sullivan et al. 2011), for z < 1. In
figure 2.2, we see that Λ(z)/Λ(0) is roughly constant and slightly decreasing with
increasing redshift for z < 1. This is consistent with observational data, because
a constant w = −1.1 corresponds to an allowed change in Λ(z)/Λ(0) of about 30%.
The latter follows from the conservation equation

dρ/dt
ρ

= −3H(1 + p/ρ) = −3H[1 + w(z)], (2.4)

34



2.3 Testing the Connection Between Dark Energy and Macroscopic Black Holes

Figure 2.2 – Redshift evolution of Λ derived from the type II SN rate data of Hopkins &
Beacom (2006). The shading represents the observational uncertainty in deriving the type
II SN rate.

with the Hubble parameter squared H2 = 8πρ/3 (Linder 2003). If one expands
1 + w as 1 + w ≈ δw, the relative change in ρ over a local Hubble time is about
(Hρ)−1dρ/dt = −3δw, for constant δw. Indeed, figure 2.2 shows that Λ decreases
by about 30%, for a constant w ≈ −1.1, from z = 0 to z = 1. Furthermore, the
sharp drop in Λ(z) for z > 1 then shows that no constant value of w can mimic
dark energy behavior for z ∼ 0− 2 if the total number of stellar mass BHs controls
the vacuum energy density. Also, Amanullah et al. (2010) point out that although
−w is close to unity there is room for evolution for z > 1. This is because the SN Ia
data only weakly constrain dark energy for such early times. Similar constraints
are provided by Seljak et al. (2005), based on SNe, SDSS and CMB data, as well as
by Li et al. (2012), based on SN legacy survey data.

Furthermore, recentWMAP7work byKomatsu et al. (2011), provides limits on
the properties of time dependent dark energy parameterized by w(a) = w0 +wa(1−
a) (Chevallier & Polarski 2001, Linder 2003), where a is the scale factor (a = 1

1+z ).
In their table 4, these authors estimate w0 = −0.93 ± 0.12 and wa = −0.38+0.66

−0.65,
for a flat universe. Their 13% uncertainty in w0 is easily accommodated in our
figure 2.2, while the fiducial range of wa allows for the factor of 5 change in Λ over
z = 1 − 3. Indeed, because the bulk of the stellar mass BHs appears not to have
formed before z = 1, we expect to have w < −1 for z > 1.
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2.4 Discussion
One can estimate the number of BHs at z ∼ 6 from the soft X-ray background (0.5-2
keV), which is partly produced by accreting black holes at z > 6. This is relevant
because the Hopkins et al. (2006) data stop around a redshift of 6. Dijkstra et al.
(2004a) estimate an upper limit for the BHmass density of 4×104 M�Mpc−3. This
translates into 1014 BHs for the observable universe at z ∼ 6, if the Pop III IMF is
dominated by stars of 10 − 100 M� (Bromm et al. 2002, Abel et al. 2002). This is
orders of magnitude smaller than the number of BHs in the observable universe
at z = 0, NBH ∼ 1019. Since the bulk of the stellar mass BHs is not assembled at
z > 5, stellar origin BHs should play no role in the dark energy density at those
early times.

A top-heavy IMF may aid the formation of BHs. Studies by Hocuk & Spaans
(2010, 2011) indicate that star formation within rc = 100(M/107M�)1/2 pc of a su-
permassive (M > 105 M�) BH, accreting at 10% of Eddington, leads to a top-heavy
IMF with as much as 5-10% of all stars formed being more than 8 M�. This can
provide an additional boost to the BH production rate at z > 2 when quasars ac-
crete rapidly, while also being consistentwith the SNneutrino constraints for z < 1
(Hopkins & Beacom 2006). If obscured infrared and sub-mm bright high-redshift
galaxies harbor a large (50%) fraction of all star formation in the early universe (for
z ∼ 2 − 3), then the peak in the cosmic type II SN rate may be higher and wider
than expected (Casey et al. 2011). Subsequently, this would cause a factor of about
2 higher Λ(z)/Λ(0) than shown by the grey area in figure 2.2 around z ∼ 3.

Of course, mergers between BHs may suppress the total number of macro-
scopic BHs, and thus the magnitude of Λ. The merger rate of stellar mass BHs,
which form the bulk of the BH population in the universe (rather than supermas-
sive ones), in BH-BH binaries, is about 500 yr−1 (O’Leary et al. 2007). Given that
presently roughly 3 BHs are formed per second in the observable universe, as-
suming again that about 0.1% of all formed stars yield a BH (for a Salpeter IMF),
this is unlikely to decrease Λ significantly.

The present number of BHs in the universe could be declining if numerous
primordial black holes were created during the quantum gravity phase of the
universe and are evaporating around this time (Page & Hawking 1976). Such pri-
mordial BHs can survive, and dominate by number today, only if they are more
massive than M0 ∼ 2 × 1015 g. For M > M0, primordial BHs withstand Hawk-
ing evaporation for more than a local Hubble time since the latter scales ∝ M3.
However, it is likely that the mass function of primordial BHs scales more steeply
than 1/M. Consequently, the total number of primordial BHs declineswith cosmic
time (S97). This would lead to a strongly diminishing Λ with decreasing redshift,
inconsistent with current observational constraints.

High precision measurements of w, w0 and wa, as cited in the great efforts
above, will continue to decrease their error bars to the few percent level for z < 1
type Ia SNe. They can thus probe the modest but real decrease in Λ shown in
figure 1 for z = 0 − 1. Furthermore, a combination of type Ia SNe, galaxy clus-
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tering and weak lensing may be quite powerful to constrain systematics in this
(Wang 2012). Of course, the bulk of the evolution in Λ lies at z > 1. In this light,
it has been shown recently that active galactic nuclei (AGN) can be used for high
redshift (upto z ∼ 4) measurements of dark energy, using reverberation mapping
(Watson et al. 2011). This novel, and very timely, technique is particularly well
suited to sample the Λ(z)/Λ(0) curve for z = 1 − 3, because AGN can be seen to
much higher redshift than type Ia SNe. This method could thus also confirm or
disproof the linear scaling between the dark energy density and the total number
of macroscopic BHs.

The authors thankAndrewHopkins for sending the type II SNe data andMar-
ianne Vestergaard for discussions on AGN reverberation mapping.
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3The Complexity that the First Stars
Brought to the Universe:
Fragility of Metal Enriched Gas in
a Radiation Field

“It is the stars, The stars above us, govern our conditions”.
William Shakespeare, King Lear, Act IV, Scene 3

A. Aykutalp & M. Spaans
The Astrophysical Journal, 2011, 737, 63
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Abstract

The initial mass function (IMF) of the first (Pop III) stars and Population II (Pop II)
stars is poorly known due to a lack of observations of the period between recom-
bination and reionization. In simulations of the formation of the first stars, it has
been shown that, due to the limited ability ofmetal-free primordial gas to cool, the
IMF of the first stars is a few orders of magnitude more massive than the current
IMF. The transition from a high-mass IMF of the first stars to a lower-mass current
IMF is thus important to understand. To study the underlying physics of this tran-
sition, we performed several simulations using the cosmological hydrodynamic
adaptive mesh refinement code Enzo for metallicities of 10−4, 10−3, 10−2, and 10−1

Z�. In our simulations, we include a star formation prescription that is derived
from a metallicity dependent multi-phase interstellar medium (ISM) structure,
an external UV radiation field, and a mechanical feedback algorithm. We also im-
plement cosmic ray heating, photoelectric heating, and gas−dust heating/cooling,
and follow the metal enrichment of the ISM. It is found that the interplay between
metallicity and UV radiation leads to the coexistence of Pop III and Pop II star
formation in non-zero metallicity (Z/Z� ≥ 10−2) gas. A cold (T < 100 K) and dense
(ρ > 10−22 g cm−3) gas phase is fragile to ambient UV radiation. In a metal-poor
(Z/Z� ≤ 10−3) gas, the cold and dense gas phase does not form in the presence of a
UV radiation field of F0 ∼ 10−5 − 10−4 erg cm−2 s−1. Therefore, metallicity by itself
is not a good indicator of the Pop III−Pop II transition. Metal-rich (Z/Z� ≥ 10−2)
gas dynamically evolves two to three orders of magnitude faster than metal-poor
gas (Z/Z� ≤ 10−3). The simulations including supernova explosions show that
pre-enrichment of the halo does not affect the mixing of metals.
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3.1 Introduction

In the last two decades, cosmological simulations have become an important tool
for theoreticians to simulate the structure formation in the universe from the pri-
mordial density fluctuations. The cosmological model that currently matches the
observations of the cosmicmicrowave background (CMB) best is the so-called cold
dark matter (CDM) model. According to hierarchical structure formation (Press
& Schechter 1974), small clumps are the first to collapse and form structures, and
then through mergers and the accretion of matter they build up larger structures.
Cosmological simulations, based on the CDMmodel of hierarchical structure for-
mation, predict that the first stars (30−300M�) have formed at redshifts z ∼ 20−30,
in darkmatter halos withmasses of ∼ 106 M� (Tegmark et al. 1997, Abel et al. 2002,
Bromm et al. 2002, Yoshida et al. 2003, O’Shea & Norman 2007).

In the current literature, the first stars are called Population III (Pop III) stars.
The metallicity of Pop III stars is so low that metal cooling does not have any ef-
fect on their formation. In the simulations of the formation of Pop III stars, it has
been shown that, due to the limited ability ofmetal-free primordial gas to cool, the
initial mass function (IMF) of Pop III stars is a few orders of magnitudemoremas-
sive than the current IMF (Abel et al. 2002, Yoshida et al. 2006, Bromm et al. 2002).
More recently, it has been suggested that Pop III stars are not necessarily that mas-
sive and can be in the range 10−100 M� (Tumlinson 2006, 2007a,b, Hosokawa et al.
2011). On the other hand, from observations of the nearby universe we know that
the present day stellar mass scale is ∼ 0.3 M� (Kroupa 2002, Chabrier 2003).

The chemistry of zero metallicity (primordial) gas has been studied by a num-
ber of authors (Dalgarno & Lepp 1987, Abel et al. 1997, Galli & Palla 1998, Abel
et al. 2001, Glover 2008, Glover & Abel 2008, Turk et al. 2011a). Once the gas has
virialized in the potentialwells of darkmatter halos, additional cooling is required
for the further collapse of the gas and to form stars. The formation of a star de-
pends on the ability of interstellar gas to cool and form dense molecular clouds.
Themodest cooling ability of primordial gas leads to highmasses for Pop III stars.
The cooling efficiency of star forming gas will be significantly affected by the ad-
dition of radiation and metals after the formation of the first stars. Hence, the
chemical composition and the radiation environment of interstellar gas are the
key parameters to study.

The main coolants for primordial gas with temperatures T ≥ 104 K are Lyα
emission of neutral atomic hydrogen (H I, 1216 Å), and ionized helium (He II, 304
Å). Below this temperature, the dominant coolant in primordial gas is molecular
hydrogen (H2). Saslaw&Zipoy (1967) realized the importance of gas phaseH2 for-
mation in a primordial gas for the formation of protogalactic objects. At lowdensi-
ties (n < 108 cm−3), H2 can formvia intermediate ionsH2

+ andH−. The cooling rate
of H2 (ΛH2 ) scales with density as ΛH2 ∝ n2 at low densities (n < 104 cm−3), where
radiative de-excitation dominates, and as ΛH2 ∝ n at high densities (n > 104 cm−3),
where collisional de-excitation dominates. Molecular hydrogen does not have a
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permanent electric dipole moment while the hydrogen deuteride (HD) molecule
does, which makes HD a better coolant than H2. Although the primordial deu-
terium abundance is small relative to hydrogen (nD/nH = 4×10−5), chemical frac-
tionation leads to an enhancement of the ratio, nHD/nH2 ≈ 10−3 (Puy et al. (1993),
Galli & Palla (1998), Stancil et al. (1998)). If primordial gas is significantly ionized
then HD cooling can lower the temperature to the level of the CMB at z ∼ 10 − 20
(Johnson & Bromm 2006).

When the first stars form, the universe becomes much more complex. Accord-
ing to their initial masses, they will either explode as core-collapse supernovae
(10M� < M∗ < 140M�) or as pair instability supernovae (PISN; 140 M� < M∗ <
260 M�, Heger &Woosley (2002)). Through these supernova explosions (SNe), the
interstellar medium (ISM), and the intergalactic medium (IGM) will be enriched
with metals. From that point on one has to take into account the cooling from
the fine-structure lines of metals and the rotational transitions of molecules like
CO. Moreover, gas−dust heating/cooling can be important as well, in the sense
that dust grains will be heated to at least the CMB temperature. Dust allows the
efficient formation of H2 and HD (Cazaux & Spaans 2004, 2009), and may colli-
sionally heat/cool the gas depending on the sign of gas temperature minus dust
temperature (Schneider et al. 2002). Also, dust grains attenuate UV radiation. For
z > 10, CMB photons can be an excitation source (radiative pumping) of atomic
and molecular levels (Smith et al. 2009). This allows the CMB temperature to act
as a thermodynamic floor, below which gas cannot cool, provided that collisional
de-excitation dominates the removal of population from excited states (Spaans
& Silk (2000, 2005)). Furthermore, SNe will initiate shock waves that propagate
through the ISM. These shock waves can heat up the ISM and cause a delay in the
formation of the next generation of stars or can compress the gas, which makes it
collapse and hence give rise to further star formation (Bromm et al. 2003, Springel
& Hernquist 2003, Whalen et al. 2008) .

The aim of this work is to (1) compute at what metallicity a cold and dense gas
phase emerges and (2) assess the sensitivity of this phase to background UV radi-
ation. This paper is structured as follows. In Section 3.2, we detail our cosmolog-
ical/hydrodynamic simulation. Specifically, we discuss the relevant cooling and
heating processes for star formation and the global characteristics of early star for-
mation in primordial galaxies. In Section 3.3, we highlight the implications of our
findings. Finally, in Section 3.4we discuss our results and present our conclusions.

3.2 Simulations
In this work, we use the cosmological adaptivemesh refinement code Enzo (Bryan
&Norman 1997,O’Shea et al. 2004). Weperform simulations in a three-dimensional
periodic box with a side length of 1 h−1Mpc, initialized at z = 99. The size of the
root grid is 1283 with three nested subgrids, each refined by a factor of two. The
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finest grid has an effective resolution of 10243 with a side length of 125 h−1kpc.
This resolution results in a dark matter and baryonic matter resolution of 2 and
0.4 M�, respectively. Refinement is restricted to the finest grid and occurs during
the simulations whenever the baryonic matter, or dark matter density, is greater
than the mean density by a factor of four or eight, respectively. The maximum
level of refinement that is reached in the finest grid is eight. Refinement occurs
such that the Jean length is always resolved by at least eight cells, this ensures that
wemeet the Truelove criterion, which requires the Jeans length to be resolved by at
least four cells on each axis (Truelove et al. 1997). The virial mass of our progenitor
halo at redshift z = 21 is Mvir = 3.4×106 M�, where Mvir is the mass in a sphere that
encloses an average darkmatter overdensity of 200. We useWilkinsonMicrowave
Anisotropy Probe five-year cosmological parameters (Komatsu et al. 2009), which
have the following values: ΩΛ = 0.7208, Ωm = 0.233, Ωb = 0.0462, σ8 = 0.9, and
h = 0.701. Here, ΩΛ is the vacuum energy, Ωm is the matter density, Ωb is the
baryon density, σ8 is the variance of random mass fluctuations in a sphere of ra-
dius 8 h−1 Mpc, and h is the Hubble parameter in units of 100 km s−1 Mpc−1. We
focus on a single halo with a dark matter mass of ∼ 109 M� at z ∼ 5 which is ex-
pected to be a typical mass for the halo population at that redshift.

For the analysis of our cosmological simulations we use YT, a cross-platform
analysis toolkit written in Python(Turk 2008, Turk et al. 2011b).

3.2.1 Cooling and Heating Processes in the ISM
Metal enriched gas cools more efficiently by fine-structure lines of [C II] (157.74
µm), [O I] (63.18 µm, 145.5 µm), [Si II] (34.8 µm), [Fe II] (25.99 µm, 35.35 µm), and
rotational lines of CO than by HD or H2 emission (Santoro & Shull 2006). In the
outermost layers of a star-forming cloud, the so-called photon dominated region
(PDR), temperatures can increase up to 1000 K due to a strong UV radiation field,
and cooling results from the fine-structure lines of [C II] and [O I]. Deeper into the
cloud, the temperature decreases to ∼ 30 K through the balance between cosmic
ray and dust heating and low-J CO rotational line cooling.

In our simulations, the gas is homogeneously pre-enriched to some non-zero
metallicity at redshift of z = 30. We perform a series of simulations using cool-
ing models for four different metallicities, 10−4, 10−3, 10−2, and 10−1 Z�, derived
from the chemical network of Meijerink & Spaans (2005). In their PDR code, they
include cooling from fine-structure lines of carbon (C+ and C), oxygen (O), molec-
ular lines from species like carbon monoxide (CO), H2, HD, and water (H2O). All
level populations are computed under statistical equilibrium and the chemistry
includes gas phase and grain surface formation of H2 and HD (Cazaux & Spaans
2004, 2009) and line trapping using the multi-zone escape probability method of
Poelman & Spaans (2005). The cooling tables that we use, depend on FUV ra-
diation field strength, ambient gas velocity dispersion, temperature, metallicity,
and H2 abundance. As such, they provide an accurate treatment of the thermal
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and chemical balance of low-metallicity PDRs. The radiation field strength (G0)
here is the flux between 6−100 eV and it extends beyond 13.6 eV according to a
starburst99 spectrum for a Salpeter IMF, i.e., the H ii region is computed as part
of the PDR. Typically, the UV flux diminishes very quickly beyond 13.6 eV. The
cooling tables enjoy a range in irradiation (G0 = 10−2, 10−1, 100, 101, 102, 103, 104),
H2 abundance ( fH2 = 10−5, 10−4, 10−3, 10−2, 10−1, 0.2, 0.4, 0.5) and metallicity (10−4,
10−3, 10−2, 10−1, 1 Z�). We adopt Milky Way like abundance ratios based on the
values of Asplund et al. (2005) and Jenkins (2004). A summary of our simulations
is listed in Table 3.2.

At high column densities cooling and heating can be suppressed due to optical
depth and dust opacity effects. In the case of an optically thick medium, a large
part of the emitted photons are thus reabsorbed. This results in a lower critical
density where the critical density is defined as the density at which the radia-
tive de-excitation rate equals the collisional de-excitation rate. At densities much
below the critical density (n � ncr), radiative de-excitation dominates over colli-
sional de-excitation, whereas at high densities (n > ncr), collisions dominate the
de-excitation process and the gas is in local thermodynamic equilibrium (LTE).
Radiation is trapped if the opacity is concentrated on small physical scales which
is the case in our simulations for the warm and dense gas. Since we do not resolve
these PDR sub-structures in our simulations we approximate these opacity effects
as follows.

We adopt a turbulent coherence length L of 0.3 pc and a local turbulent veloc-
ity dispersion of dV = 3 km s−1 to mimic the properties of a turbulent region. This
yields a formal velocity gradient dV/L for scales larger than L. When the cooling
is either optically thin (τ � 1) or optically thick (τ � 1) the choice of dV and L
is not important. For the radiative transfer in the cooling lines (under statistical
equilibrium), we use themulti-zone escape probability code of Poelman& Spaans
(2005) . Each zone in a PDR is treated this way, and a correction to the cooling and
heating rates due to line trapping and optical depth effects is derived. See Wada
et al. (2009) for more details.

For an incident UV radiation field, photo-electric emission from (small) dust
grains and polycyclic aromatic hydrocarbons is the dominant heating source in
the neutral ISM. Dust grains can absorb an FUV photon which leads to the ejec-
tion of an electron, carrying some of the photon energy away in the form of kinetic
energy. Then, through elastic collisions this excess kinetic energy heats up the gas.
In our simulations we add photoelectric heating through

Γgrain = 10−24εG
′

0,dustnH erg cm−3 s−1. (3.1)

Here, G
′

0,dust is the radiation field attenuated by dust absorption and is given by

G
′

0,dust = G0 exp(−1.8Aν) (3.2)

where G0 = 1, in Habing units, corresponds to a flux of 1.6 × 10−3 erg cm−2s−1, Aν

is the line-of-sight visual extinction at optical wavelengths caused by interstellar
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dust and the total number density of hydrogen is, nH = n(H) + 2n(H2) (Bakes &
Tielens 1994, Meijerink & Spaans 2005). ε is the heating efficiency, dependent on
G0, the kinetic gas temperature Tk, and the electron density ne as G0T 1/2

k /ne, and
is given by

ε =
4.87 × 10−2

[1 + 4 × 10−3(G0T 1/2
k

ne
)0.73]

+
3.65 × 10−2( Tk

104 )0.7

[1 + 2 × 10−4(G0T 1/2
k

ne
)]
. (3.3)

On the other hand, gas and dust temperatures are not equal in the ISM.At high
number densities, nH > 104.5 ( Z

Z�
)−1, gas−dust heating/cooling becomes important

and therefore we add gas−dust heating/cooling into our simulations as given by
(Meijerink & Spaans 2005);

Γcoll = 1.2 × 10−31n2
H(

Tk

100
)1/2(

1000Å
amin

)1/2 × [1 − 0.8 exp(
−75
Tk

)](Td − Tk), (3.4)

where Td is the dust temperature, Tk is the gas temperature, and amin is the mini-
mum grain size which we take as 1 µm (Nozawa et al. 2003).

Deeper into a cloud theUV radiation is attenuated bydust and cosmic ray heat-
ing becomes important. Ionization by cosmic rays produces energetic electrons.
Glassgold & Langer (1973) and Cravens & Dalgarno (1978) calculated that about
8 eV of heat is deposited in a molecular gas per primary ionization. Including
helium ionization, Tielens & Hollenbach (1985) find for the heating rate

ΓCR = 1.5 × 10−11ζn(H2) erg cm−3 s−1, (3.5)

where ζ is the cosmic ray ionization rate per H2 molecule. In our simulations, we
scale ζ with the derived star formation rate (SFR) of our simulations such that for
an SFR of 1 M� yr−1 and a Salpeter-like IMF between 1 and 100 M�, we take ζ to
be 3×10−17s−1 (Spaans & Silk 2005).

3.2.2 Star Formation
In order to understand the underlying physics of the transition from a high-mass
IMF of Pop III stars to a lowermass current IMFwe have run simulations for differ-
ent metallicities and different UV radiation backgrounds and have incorporated
the metal yields of SNe.

In our simulations where star formation is included, a star particle is formed
when a grid cell has a density exceeding 0.01 cm−3 and a temperature below 104 K.
We follow the hydrodynamic transport of metals produced by the SNe to the en-
richment of halos. We do not use the chemical network of Enzo, except for the
non-equilibrium formation of H2 (rate equation method of Anninos et al. (1997))
but our Λ(G0, fH2 , Z/Z�) cooling tables instead.

In order to compute the metal yield by the first stars we need to decide on
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Table 3.1 – Simulation Parameters

Run L Metallicity SFFB G0
(Mpc) z� Habbing

Z1-G1 1 10−1 No 10−2

Z2-G1 1 10−2 No 10−2

Z3-G1 1 10−3 No 10−2

Z4-G1 1 10−4 No 10−2

Z1-G10 1 10−1 No 10−1

Z2-G10 1 10−2 No 10−1

Z3-G10 1 10−3 No 10−1

Z4-G10 1 10−3 No 10−1

ZS2 1 10−2 Yes 10−2

ZS4 1 10−4 Yes 10−2

Table 3.2 – Column 1: Simulation name; Column 2: Simulation box size; Column 3: Simu-
lation pre-enrichment; Column 4: Star formation and feedback; Column 5: UV background
strength.

some parameters like the mass of the halo, IMF of the first stars, star formation ef-
ficiency, and the number of SNe. From their simulations of pre-galactic structure
formation, Machacek et al. (2001) determined that the minimum mass of a halo
that hosts a massive primordial star is

Mmin

M�
= exp(

fcd

0.06
)(1.25 × 105 + 8.7 × 105F0.47

LW,−21), (3.6)

where Mmin is the minimum halo mass that contains a cold dense core; fcd is the
fraction of gas that is cold (T < 0.5 Tvir) and dense (ρ > 330 cm−3), and FLW is the
fluxwithin the Lyman−Werner (LW) bands in units of 10−21 erg s−1 cm−2 Hz−1. We
choose fcd = 0.02 for a typical UV background of J = 10−21 erg s−1 cm−2 Hz−1 sr−1,
so that a halo with a minimum mass of 4.16×106 M� can support cold dense gas
which will eventually form a primordial star. Note here that J = J−21 corresponds
to a total UV flux of F0 ' 4×10−5 erg s−1 cm−2 or G0 ' 2.5×10−2. For a Salpeter like
IMF, G0 ' 1 corresponds to an SFR of about 3 M� yr−1 (10 kpc)−2.

High redshift, low mass galaxies are conjectured to have properties similar to
those of local dwarf galaxies. In these galaxies the star formation efficiency, f?,
ranges from 0.02 to 0.08 (Taylor et al. 1999). In this work we take f? = 0.05.
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Figure 3.1 – Density−temperature profile of the central 50 kpc of a halo at redshift z ∼ 5 for
metallicities of Z/Z� = 10−4 (left) and Z/Z� = 10−2 (right) for a radiation field of G0 = 10−2.

3.3 Results

3.3.1 Multi-phase ISM
In our cosmological simulations for the Z2−G1 and Z4−G1 runs we find (as ex-
pected) that gas in the high-metallicity case cools down to lower temperatures
and has higher densities than in the low-metallicity case. This is shown in Figure
3.1 where we plot the density−temperature profile of a halo at redshift z ∼ 5 for
metallicities of Z/Z� = 10−4 (left) and Z/Z� = 10−2 (right) and a radiation field of
G0 = 10−2. In the high-metallicity case there is more gas in the central 50 kpc. This
is because the cooling is more efficient, so that the gas has less pressure support
against gravity and the halo accretes more material. When we look at the high
densities (ρ > 10−23 g cm−3) in these plots it is clear that in the high-metallicity
case there is a lot more gas at low temperatures than in the low-metallicity case.
This gas is identified as the cold and dense gas phase of the multi-phase ISM.
The key feature here is that the redshift at which a multi-phase ISM is estab-
lished depends on metallicity. This is shown in Figure 3.2 where we plot the
density−temperature profile of the same halo as shown in Figure 3.1 at z ∼ 20
for metallicities of Z/Z� = 10−4 (left) and Z/Z� = 10−2 (right). We see here that
the cold dense phase is completely lacking in the Z4−G1 run whereas it is already
present in the Z2−G1 run. This means that metal-rich gas cools more efficiently
and therefore the multi-phase ISM is established at earlier times in the higher
metallicity case than in the lower metallicity case. These results are consistent
with those of Jappsen et al. (2009), although they did not include background UV
radiation.

Due to the shorter cooling time a halo in the metal-rich case evolves dynami-
cally faster and becomes more compact at z = 5 compared to a metal-poorer halo.
The effect of metallicity on a halo can be seen in Figure 3.3, which shows slices of

47



Chapter 3 – THE COMPLEXITY THAT THE FIRST STARS BROUGHT TO THE
UNIVERSE: FRAGILITY OFMETAL ENRICHED GAS IN A RADIATION FIELD

Figure 3.2 –Density−temperature profile of the central 50 kpc of a halo at redshift z ∼ 20 for
metallicities of Z/Z� = 10−4 (left) and Z/Z� = 10−2 (right) for a radiation field of G0 = 10−2.

the density, temperature, and the Jeans mass (MJ) of the central 1 kpc of a halo
for the Z4−G1 (top), Z2−G1 (middle), and Z1−G1 (bottom) runs in the x−z (left
column) and x−y (right column) planes at redshift 5. We compute the Jeans mass
as

MJ =

(
5kbT

GµmH

)3/2( 3
4πρ

)1/2

, (3.7)

where ρ is the mass density, G is the gravitational constant, kb is the Boltzmann
constant, T is the temperature, µ is the mass per particle, and mH is the hydrogen
mass. Because the high-metallicity gas (Z/Z� ≥ 10−2) cools to lower temperatures,
the Jeans mass in those runs is two orders of magnitude smaller than in the low-
metallicity (Z/Z� = 10−4) case. We also see that the Jeans masses for metallicities
Z/Z� = 10−2 and Z/Z� = 10−1 are comparable. This is because above a metallicity
of about Z/Z� = 10−2 the cooling efficiency of ambient gas no longer increases
strongly with a rise in metallicity (Spaans & Meijerink 2008). In Figure 3.4, we
plot the density−temperature profile of the central 50 kpc of a halo at z ∼ 5 for
the Z1−G1 run. The phase diagrams of the runs Z1−G1 (Figure 3.4) and Z2−G1
(Figure 3.1, right) are indeed similar.

3.3.2 UV Background Radiation
In order to see the effect of a UV radiation field on the evolution of gas we per-
formed multiple simulations with different background radiation fields for the
same metallicity. In Figure 3.5, we plot the density−temperature profile of the
central 2 kpc of a halo at z ∼ 8 for metallicities of Z/Z� = 10−3 (top) and Z/Z� = 10−2

(bottom) with two different background radiation fields of G0 = 10−2 (left) and
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Figure 3.4 – Density-temperature profile of the central 50 kpc of a halo at redshift z ∼ 5 for
a metallicity of Z/Z� = 10−1 and a radiation field of G0 = 10−2.

G0 = 10−1 (right). When we increase the radiation field for a metallicity of Z/Z� =

10−3, the cold and dense phase does not form anymore, which is clearly seen in
the phase diagrams of Figure 3.5 : At densities above ρ = 10−23 g cm−3 there is no
cold gas present anymore in the Z3-G10 run (top right). This is because gas can-
not cool down as efficiently as in the lower radiation field case due to more heat
input and dissociation of H2 and CO. Thus, the halo takes more time to collapse
and become condensed. In our simulations we followed the halo until redshift
z = 5, and in the Z3−G10 run the gas has still not collapsed at this redshift. On
the other hand, in the Z/Z� = 10−2 case the cold dense phase survives regardless
of irradiation. This indicates that the cold dense phase is fragile to UV radiation
for metallicities of Z/Z� ≤ 10−3 and robust to UV radiation for metallicities of Z/Z�
≥ 10−2.

As is shown in Figure 3.6, where we plot the density profile of the central 2
kpc of a halo for the Z3−G1 (top left), Z3−G10 (top right), Z2−G1 (bottom left),
and Z2−G10 (bottom right) runs, the effect of UV irradiation on the model galaxy
morphology is large for Z/Z� = 10−3 and quite modest for Z/Z� = 10−2. In fact, we
see that in the case of lowmetallicity and strong radiation field (Z3−G10, top right)
the compact disk-like structure is no longer formed, while in the higher metallic-
ity and strong radiation field (Z2−G10, bottom right) the disk-like structure is still
present. This is because the high-metallicity gas is able to cool faster so that it
collapses and reaches higher densities earlier in its evolution, and thus builds up
column density to protect the cold and dense phase.

In Figure 3.7, we plot the redshift at which a multi-phase ISM is established
depending on the metallicity and the radiation field. We find that, to first order,
the cold and dense phase survives if the ratio F0/Z is smaller than ∼ 10−2 erg cm−2

s−1 in solar units.
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Figure 3.5 – Density−temperature profile of the central 2 kpc of a halo at zz = 7.88 for a
metallicity of Z/Z� = 10−3 with radiation fields of G0 = 10−2 (top left) and G0 = 10−1 (top
right), and a metallicity of Z/Z� = 10−2 with radiation fields of G0 = 10−2 (bottom left) and
G0 = 10−1 (bottom right).

All this has a significant influence on the subsequent star formation. The Jeans
mass sets a typical value for a cloud to collapse gravitationally and fragment, de-
pending on both temperature and density of the medium. Although the metal-
enriched gas has a higher cooling efficiency than metal-poor gas, under the in-
fluence of a background radiation field the gas will stay hot and the Jeans mass
will remain high. Therefore, the UV radiation background is a key parameter
to take into account when studying the transition from Pop III to Pop II stars.
In our simulations we see that including a constant radiation background raises
the critical density value for this transition from Zcr ∼ 10−3.5Z� to Zcr ∼ 10−2Z� if
F0 > 10−2 erg s−1 cm−2.
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Figure 3.6 – Density slices of the central 2 kpc of a halo at redshift z = 7.88 for a metallicity
of Z/Z� = 10−3 with radiation fields of G0 = 10−2 (top left) and G0 = 10−1 (top right), and
a metallicity of Z/Z� = 10−2 with radiation fields of G0 = 10−2 (bottom left) and G0 = 10−1

(bottom right) in the x − z plane.

Figure 3.7 – Radiation field strength vs. redshift. Symbols mark the redshifts where a
cold dense gas phase is established. The arrow represents the runs with Z/Z� = 10−3 and
Z/Z� = 10−4, for a radiation field of G0 = 10−1, which do not develop a cold dense gas phase
before z = 5.
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3.3.3 Dynamics

When we look at the density slices of the Z1−G1 and Z2−G1 runs in Figure 3.3
in the x − z plane we see an elliptical spiral structure and in the x − y plane a flat-
tened structure. This is a disk-like distribution in three dimensions and is more
extended and massive in the Z1−G1 run (M = 5×109 M�) than in the Z2−G1 run
(M = 3.4×109M�). Because the gas cools faster in the halo of the Z1−G1 run, more
gas is accreted and it settles faster into a disk than in the Z2−G1 run.

In Figure 3.8, which is a volume renderingplot, we show the three-dimensional
density snapshots of the Z1−G1 (top), Z2−G1 (middle), andZ2−G10 (bottom) runs
for redshifts z = 7.88 (left), z = 6.24 (middle), and z = 5 (right). We see that in the
Z1−G1 run more structures are formed and generally they have higher densities
than in the Z2−G1 and Z2−G10 runs. When we look at the middle and bottom
plots we clearly see the effect of UV irradiation on the evolution of a halo. In the
Z2−G10 run, structures are more fluffy and take more time to become dense and
compact due to the heat input. In these plots fluffiness is represented by the spa-
tial extent of the different colors. Although the halo in the Z1−G1 run experiences
multiple and more violent mergers as well as a higher rate of gas accretion, due
to the faster cooling the halo at redshift 5 is denser and more compact than the
Z2−G1 case. In Figure 3.9, we plot the amount of mass for the densities indicated
along the x-axis and for redshifts z = 7.88 (left), z = 6.24 (middle), and z = 5
(right). In these plots it is clearly seen that there is more mass at higher densities
in the Z1−G1 run than the Z2−G1 run.

In Figure 3.10, we plot the fraction of the halo gas mass that has a Jeans mass
(MJ) below a certain threshold value for the Z1−G1 (black−dashes) and Z2−G1
(red−dots) runs. The profile of the low-metallicity case starts with a much steeper
rise at low Jeans mass thresholds but then levels off for higher Jeans mass thresh-
olds more rapidly than the highmetallicity case. This initial steep rise seems to be
due to a lack of low Jeans masses (< 30 MJ) in the central 1 kpc halo of the Z2−G1
run. The fact that at any given threshold there is always a larger fraction of gas in
the Z1−G1 run shows that the Jeansmass is generally lower in the highmetallicity
case than in the low-metallicity case.

As previously mentioned, Figure 3.3 shows a disk-like structure for metallic-
ities Z/Z� = 10−2 and Z/Z� = 10−1. In order to see if this disk-like structure is stable
we plot the time evolution of specific angular momentum (see Figure 3.11). In
this plot we see that the specific angular momentum increases with time indicat-
ing that the disk-like structure becomes more rotationally supported. We also see
several peaks which are caused by recent merger events.

Next, we plot the spin parameter evolution of our main halo for the Z4−G1
run (see Figure 3.12) . The spin parameter represents the degree of rotational
support available in a gravitational system. We compute the dimensionless spin
parameter (Peebles 1969) as

λ ≡
|L|
√
|E|

GM(5/2) (3.8)
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3.3 Results

Figure 3.9 – Gas mass vs. density threshold of the central 10 kpc for metallicities of Z/Z� =
10−1 and Z/Z� = 10−2 for a radiation field of G0=10−2 and Z/Z� = 10−2 for a radiation field of
G0 = 10−1 at redshifts z = 7.88 (top-left), z = 6.24 (top-right), and z = 5 (bottom).

Figure 3.10 – Gas mass fraction vs. Jeans mass threshold for metallicities of Z/Z� = 10−1

(black dots) and Z/Z� = 10−2 (red dashes) at redshift z = 5 for the central 1 kpc.
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Figure 3.11 – Specific angular momentum vs. redshift for metallicities of Z/Z� = 10−1 (black
dots) and Z/Z� = 10−2 (red dashes) for the central 1 kpc.

Figure 3.12 – Evolution of the spin parameter of the main halo for a metallicity of Z/Z� =

10−4.

where L is the angular momentum, E is the energy, M is the mass of the object,
and G is the gravitational constant. Barnes & Efstathiou (1987) have calculated
that the mean spin parameter is < λ > = 0.05 and it has been shown that halos
which have suffered a recent major merger tend to have a higher spin parameter
than the average (e.g., Hetznecker & Burkert (2006)). As is shown in Figure 3.12,
the spin parameter of our halo peaks around redshift z = 24, where a recent major
merger occurred, and overall it has a value of ≈ 0.04.

In Figure 3.13, we show the mass radial profiles of the Z1−G1 and Z2−G1
runs, top and bottom, respectively. In both runs, the inner parts of the halo are
dominated by baryonic matter. On the other hand, in the Z2−G1 run dark matter
takes over at a smaller radius (700 pc) than in the Z1−G1 run (950 pc). This is
because in the Z1−G1 run the halo is larger and more massive baryonically than
in the Z2−G1 run. Oncemore, this shows that the halo evolves dynamically slower
in the low metallicity run.
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Figure 3.13 – Mass vs. radius plots for metallicities of Z/Z� = 10−1 (left) and Z/Z� = 10−2

(right) for a radiation field of G0 = 10−2 at redshift z = 5. The lines represent the total (black
solid), gas (green dashes), and dark matter (blue dot-dashes).

In Figure 3.14, we plot the mass-weighted rotational velocity (L/r) versus en-
closed gas mass (top) and the ratio of rotational velocity to circular velocity versus
enclosed gas mass (bottom) for the Z1−G1 and Z2−G1 runs. In both cases the typ-
ical rotational speed is 2 − 3 times lower than the circular velocity which means
that the collapse of the halo is not delayed by rotational support (Wise et al. 2008).

Figure 3.14 – Mass-weighted rotational velocity (L/r) vs. enclosed gas mass (left) and the
ratio of the rotational velocity and circular velocity against enclosed gas mass (right) plots
for metallicities of Z/Z� = 10−2 (red dashes) and Z/Z� = 10−1 (black dots) at redshift z = 5.

3.3.4 Star Formation and Feedback
When we include star formation and mechanical feedback in our simulations we
see that, in the case of Z/Z� = 10−4 pre-enrichment, the halo is further enriched
up to Z/Z� = 10−1 by the SNe of the first stars as early as z ∼ 18. In Figure 3.15,
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Figure 3.15 – Slices of metallicity fraction (left) and velocity divergence (right) of the central
10 kpc of a halo for Z/Z� = 10−4 at z = 18 in the y − z plane.

we present the metal fraction (top) and the velocity divergence (bottom) of the
central 10 kpc around the halo a short time after the first Pop III SN exploded. In
the velocity divergence plot, we see a clear ring-like structure with a large velocity
gradient. This is due to the multiple outflows driven by SNe that collide with in-
flowing material. Also, the highest outflow velocities are right behind the shock
front as expected.

In Figure 3.16, where we plot time snapshots of temperature, density, and
metallicity fraction of the central 25 kpc right after the first SNe, it is seen that the
gas is heated to ≥ 104 K and expelled from the halo and hence infall of the outer
halo gas onto the central core of the halo is quenched. The distribution of met-
als, provided by SNe, is very patchy. In the center of the halo, there are regions
present with high metallicities, Z/Z� = 0.1, while in the outskirts of the halo the
gas is still poor in metals. This indicates that SN feedback efficiently suppresses
star formation in our enriched halos, irrespective of the ambient UV field.

On the other hand, after the first SNe go off we do not see any significant
difference in the distribution of metals in the halo for the pre-enriched runs with
Z/Z� = 10−4 and Z/Z� = 10−2, as shown in Figure 3.16. This indicates that the higher
densities in the high-metallicity run do not have any effect on themixing ofmetals
in the halo. There might be a cooling instability effect on the mixing of the metals
produced by the SNe with the surroundings that we are not taking into account,
but since the SN feedback is strong we think that this effect is negligible.
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Figure 3.16 – From left to right: Slices of temperature, density, and metallicity fraction of
the central 25 kpc for pre-enrichment metallicities of Z/Z� = 10−4 (left column) and Z/Z� =
10−2 (right column) for a radiation field of G0 = 10−2 at redshifts z = 18.7, 15, 13.4, and 12.3
(from top to bottom, respectively) in the y − z plane.

3.4 Conclusions and Caveats
We summarize our results as follows.

1. The redshift at which a multi-phase ISM is established depends onmetallic-
ity. In the absence of UV radiation, this critical metallicity is consistent with
Bromm & Loeb (2003b) and Smith & Sigurdsson (2007), and is (Z/Z�)crit ∼

10−3.5.

2. Above a metallicity of 1% Solar the cooling efficiency of ambient gas no
longer increases with a rise in metallicity (Spaans & Meijerink 2008), and
therefore the Jeans masses in halos that are pre-enriched to metallicities of
Z/Z� = 10−2 and Z/Z� = 10−1 are comparable.

3. The cold dense gas phase is fragile to UV radiation for metallicities of Z/Z� ≤
10−3 and robust to UV radiation for metallicities of Z/Z� ≥ 10−2. Thus, the
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metal-poor star-forming ISM is fragile to UV radiation, and inclusion of a
constant radiation background raises the critical metallicity value for the
Pop III−Pop II transition from Zcr ∼ 10−3.5Z� to Zcr ∼ 10−2 Z� when F0 > 10−5

erg s−1 cm−2, which is in good agreement with the values that are found for
the suppression of H2 by Shang et al. (2010). This is because H2 is one of the
main drivers of ion−molecule chemistry in metal-enriched gas and without
it cooling is dominated by the fine-structure lines of [C II] and [O I] rather
than CO.

4. All the indicators for the dynamical evolution show that the halo evolves
dynamically faster for Z/Z� ≥ 10−2 and that the cold and dense gas phase in
high metallicity halos survives (violent) mergers due to the enhanced cool-
ing.

5. Pre-enrichment does not affect mixing of the metals that are produced by
the first SNe.

For futurework, our simulations can be improved in several ways. We reach down
to amaximum resolution of 75 and 7 pcwith andwithout star formation feedback
in our simulations, respectively. This is not enough to resolve the smallest gas frag-
ments that will eventually turn into stars and to follow the collisional coupling
between gas and dust. Our simulations also assume a constant ambient UV back-
ground field which might not be realistic because the UV radiation will originate
from specific stellar sources. These sources aremost likely to form in high-density
areas and it would therefore be better to tie the UV background radiation to these
sources at the time of their formation.

Another improvement can be made by adjusting the way we pre-enrich the
simulations. Currently we assume one metallicity for a specific simulation. We
do this so that we can confidently study specifically the metallicity effects on the
evolution of our halo. However, the distribution of metals, that are formed by the
first SNe, is not uniform but inhomogeneous. Therefore, in the near future wewill
perform simulations that consider patchy pre-enriched halos.
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4The Response of Metal Rich Gas to
X-Ray Irradiation from a Massive
Black Hole at High Redshift: Proof
of Concept

“How far that little candle throws his beams!
So shines a good deed in a naughty world.”

William Shakespeare, The Merchant of Venice, Act V, Scene i 89-90, 1596

A. Aykutalp, J. H. Wise, R. Meijerink, M. Spaans
Submitted to ApJ, 2012
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Abstract

Observational studies show that there is a strong link between the formation and
evolution of galaxies and the growth of supermassive black holes (SMBH) at their
centers. However, the underlying physics of this observed relation is poorly un-
derstood. Active galactic nuclei (AGN) inwhich interstellarmaterial is still rapidly
accreting onto SMBHs, are key to the study of this relation. Here, UV and X-ray
radiation from the accretion disk influence the chemistry of the accreting and star-
forming gas and affect the thermodynamics of the ISM. In order to study the ef-
fects of X-ray radiation on the surroundings of the black hole, we implement the
XDR code of Meijerink & Spaans (2005) into Enzo and use the radiation transport
module Moray to calculate the radiative transfer for a polychromatic spectrum. As
a proof of concept, we investigate the effects of X-ray irradiation, produced by a
central massive black hole (MBH) with a mass of M = 5 × 104 M� at z = 15, on
ambient gas with solar and zero metallicity. In this, we used XDR tables for solar
metallicity and for a wide range of X-ray flux FX = 10−1.25 − 105.5 erg cm−2 s−1,
density n = 10 − 106 cm−3 and column density NH = 1020 − 1024 cm−2 values. We
find that in the solar metallicity case, due to high opacity of the metals, the en-
ergy deposition rate in the central region (< 20 pc) is much higher and hence the
temperatures in the center are more than an order of magnitude higher (105−6 K)
than in the zero metallicity case. Moreover, due to the cooling ability and high in-
trinsic opacity of solar metallicity gas, column densities of 1024 cm−2 are reached
at a radius of 20 pc from the BH. These column densities are about 3 orders of
magnitudes higher than in the zero metallicity case. Furthermore, in the zero
metallicity case an X-ray induced H ii region is formed already after 5.8 Myr. This
causes a significant outflow of gas (∼ 8×106 M�) from the central region, with the
gas reaching outflow velocities up to ∼ 100 km s−1. At later times, ∼ 23 Myr after
we insert the MBH, we find that the solar metallicity case also develops an X-ray
induced H ii region, but delayed by ∼ 17 Myr.
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4.1 Introduction
Most galaxies today are thought to host supermassive black holes (SMBHs) in
their centers (Kormendy & Richstone 1995, Richstone et al. 1998, Kormendy &
Gebhardt 2001). Dynamical studies of central black holes in nearby galaxies re-
veal that there is a relation between the central black holemass and the bulgemass
(MBH/MB ∼ 10−3, Magorrian et al. (1998)) or the velocity dispersion (MBH ∝ σ

p, p
∼ 4, Ferrarese & Merritt (2000), Gebhardt et al. (2000)) of the stellar component of
the host galaxy. More recent studies have shown that the value of p varies between
4 − 6 depending on the type of the galaxy (Graham et al. 2011, McConnell et al.
2011). These relations suggest that there is a strong link between the formation
and evolution of galaxies, and the growth of SMBHs at their centers.

The black hole masses of quasars observed at high redshifts (z > 6) are on the
order of 109 M� (Fan et al. 2003, 2006a, Kurk et al. 2007). These SMBHs are thought
to be formed (in less than 1 billion years) through the accretion of gas onto seed
black holes of masses between 102 - 105 M�. The origin of these seed black holes
(Bromm & Loeb 2003a, Spaans & Silk 2006) is still an open question. However,
the existence of quasars with inferred black hole masses in excess of 109 M� im-
plies that black hole growth should be dominated by high accretion rates (≥ 0.1
Eddington) during their quasi-stellar object (QSO) phase.

The amount of gas available for the SMBHs to accrete depends on the merg-
ers or interactions with galaxies, which drive large quantities of gas into galaxy
centers (Barnes & Hernquist 1991), star formation and feedback processes. Ob-
servational (Merloni 2004) and theoretical (Hopkins et al. 2006) studies indicate
that there is an evolution in the relation between the black hole mass and the host
stellar mass such that at high redshifts (z > 6), the ratio between the black hole
mass and the host stellar mass is on the order of 0.02−0.1, which is more than one
order of magnitude larger than the ratio measured in local galaxies (Murray et al.
2009).

The growth of SMBHs during a quasar phase can be traced by the luminos-
ity function of QSOs as a function of redshift (Soltan 1982). The peak activity of
luminous QSOs occurs at z ∼ 2− 3, where the majority of the most massive galax-
ies were also forming most of their stars. On the other hand, the peak activity of
lower luminosity active galactic nuclei (AGN) occurs at z ∼ 0.7 − 1. X-ray selected
AGN serve as a population to robustly determine the luminosity function and
evolution of unobscured AGN. However, the obscured fraction of AGN depends
on X-ray luminosity as well as redshift. Therefore, this obscured fraction might
affect the peak determination (Comastri & Brusa 2008). The average black hole
mass increases with increasing redshift, meaning that there are fewer low-mass
black holes at high redshifts, and the average accretion rate decreases towards
lower redshift. This observed anti-hierarchical behavior of AGN evolution indi-
cates that SMBHs and their host galaxies co-evolve.

The underlying physics of the observed relation between the formation and
evolution of galaxies and their central SMBHs is still unknown. Several efforts
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have been made to explain the origin of this relation by using semi-analytical
modeling (Kauffmann & Haehnelt 2000, Wyithe & Loeb 2003) and N-body SPH
simulations (Springel et al. 2005a,b, Di Matteo et al. 2005). Numerical simulations
have shown that the gravitational tidal torques excited duringmajor mergers lead
to rapid inflows of gas into the centers of galaxies (Barnes &Hernquist 1991, 1996)
which can be the mechanism to trigger quasar activity and starbursts in galaxies.
Observations of low-redshift quasars show a connection between galaxy mergers
and quasar activity (Heckman et al. 1984, Bahcall et al. 1996). In the local universe,
ultraluminous infrared galaxies (ULIRGs) have bolometric luminosities similar to
bright quasars and are often in mergers (Sanders et al. 1986, Sanders & Mirabel
1996), and there is observational evidence that ULIRGs form the birthplaces of
QSOs (Sanders et al. 1988, van der Werf et al. 2011).

Di Matteo et al. (2005) argue that a merger generates a burst of star forma-
tion and leads to strong inflows that feed gas to the SMBH and thereby power the
quasar. Hence, the energy released by the quasar expels enough gas to inhibit
further star formation and quenches the growth of the black hole. Also, Hopkins
&Quataert (2010) find that nuclear star formation is more tightly coupled to AGN
activity than the global star formation rate of a galaxy.

AGN, in which interstellar material is still rapidly accreting onto SMBHs, are
key to the study of the Magorrian relation. The accretion of gas onto the cen-
tral black hole yields a luminous source of X-ray, UV, and optical photons. Here,
UV and X-ray radiation influence the chemistry of the accreting and star-forming
gas and affect the thermodynamics of the ISM. AGN are thought to be partially
obscured by dusty interstellar matter (ISM). X-rays (1 − 100 keV) have smaller
absorption cross sections than UV photons and, therefore, can penetrate large
columns (N > 1022 cm−2). Hence, they provide a probe of the innermost regions
of AGNs. Furthermore, the main heating mechanism in X-ray dominated regions
(XDRs) is photoionization (Coulomb heating with thermal electrons), whereas in
photon dominated regions (PDRs) it is photoelectric heating. Hence, the heat-
ing efficiency in XDRs and PDRs is ∼ 30% and 0.1 − 1%, respectively (Meijerink
& Spaans 2005). Pérez-Beaupuits et al. (2011) have post-processed the 3-D hy-
drodynamical models of an AGN torus (Wada et al. 2009) by using the chemical
network of Meijerink & Spaans (2005). They estimated the X-ray flux emanating
from the black hole and found that X-ray irradiation affects the thermodynam-
ics of the AGN torus up to 100 pc. They have calculated that the temperature of
AGN gas, exposed to X-rays is a factor ∼ 5 higher than gas in a starburst of equal
bolometric power. This has strong effects for star forming clouds, since the Jeans
mass (MJ) scales with the temperature of the ambient gas as MJ ∝ T3/2. There-
fore, this might inhibit star formation in the central galactic regions or change the
initial mass function [IMF, Hocuk & Spaans (2010, 2011)]. Moreover, Wada et al.
(2009) studied themolecular gas disks aroundAGN and have suggested that XDR
physics may change the distribution of H2 around an AGN. Recent work by Kim
et al. (2011) focused on galaxy formation with feedback-regulated star formation
and black hole growth. In their simulations they have taken into account the ra-

64



4.2 XDR Implementation

diative feedback from the central massive black hole (MBH) and found that radia-
tive feedback from the MBH locally suppresses star formation and self-regulates
its growth. However, they use a monochromatic spectrum for X-ray photons and
have a limited chemical network. Here we define a SMBHM > 106 M� and aMBH
M = 102 − 106 M�.

In order to study the effects of X-ray irradiation from an accreting black hole in
the central region of a galaxy, we perform 3-D cosmological hydrodynamic simu-
lations with and without XDR physics, by implementing the XDR/PDR chemical
network of Meijerink & Spaans (2005) into Enzo. This work is the first part of a
trilogywherewe investigate the effects of X-ray irradiation by anAGNon ambient
gas. Wewill study theMagorrian relation and derive observational diagnostics to
find the X-ray fingerprints in the high redshift universe in two subsequent papers.
Here, for a proof of concept, we show that X-ray physics has been succesfully in-
cluded into Enzo. We further show that treating radiative feedback from the cen-
tral MBH with a self-consistent XDR/PDR network and a polychromatic energy
distribution is crucial to assess the relation between AGN and their host galaxies.
In this study, we concentrate on the effects of X-rays on the multi-phase ISM near
the central black hole. This will help us to better understand the conditions of
star formation near an AGN and hence the interplay between stellar feedback and
radiative feedback from the central BH.

This paper is structured as follows. In Section 2 we detail our implementation
of the XDR code into Enzo and the treatment of the polychromatic spectrum. We
further discuss the relevant cooling and heating processes in XDRs. In Section 3
we describe the set-up of the simulations. In Section 4 we present the results and
implications of our simulations. Finally, in Section 5 we discuss our results. We
present some of the outputs of our chemical network in the Appendix.

4.2 XDR Implementation

4.2.1 Black Hole Radiation

We set up our intrinsic specific X-ray flux (Fi) to have a spectral shape of the form

Fi(E) = F0

( E
1keV

)−α
exp(−E/Ec) erg s−1 cm−2 eV−1, (4.1)

where F0 is the constant that determines the total X-ray flux in the spectrum, E
(≥ 1 keV) is the energy, α = 0.9 is the characteristic spectral index of the power law
component of Seyfert 1 galaxies (Pounds et al. 1990,Madejski et al. 1995, Zdziarski
et al. 1995), and Ec = 100 ke V is the cut-off energy (Madejski et al. 1995). In order
to determine F0, one needs an independent estimate of the bolometric X-ray flux
FX . We estimate the central FX by assuming that only 10% of the total luminosity
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(Lbol) is emitted in X-rays (Schleicher et al. 2010),

FX =

∫
≥1keV

Fi(E)dE = 0.1 × Lbol/4πr2 = 0.1Fbol, (4.2)

where r is distance from the central black hole. We assume that the MBH has
a radiative efficiency of ε = 0.1 and thus has a luminosity L = ε × Ledd = 1.2 ×
1037(ε/0.1)M/M� erg s−1 and accretes at

Ṁ =
LEdd

εc2 . (4.3)

We set MBH = 5× 104 M�, which gives a bolometric flux Fbol = 4× 103 erg s−1 cm−2

at our finest resolution of 3.6 pc. The UV part of the AGN spectrum is produced
by the usual multi-color (Shakura & Sunyaev 1973) accretion disk, with a viscosity
parameter of α = 0.1.

In our XDR models only X-rays with E ≥ 1 keV are considered. Therefore,
we take the integral of equation 4.1 over this energy range and equate it to the
estimated bolometric flux to find F0 ≈ 0.8 erg s−1 cm−2 eV−1. Furthermore, with
increasing distance from the AGN, the X-ray flux does not solely decrease by 1/r2

but also by attenuation along the line of sight. This attenuation is determined by
the opacity, which is a function of energy and position

τ(E, r) = σpa(E)NH(r), (4.4)

where σpa(E) is the photoelectric absorption cross section per hydrogen nucleus,
and NH(r) is the total column density of hydrogen between the central black hole
and the position r. Taking this opacity effect into account we calculate the total
X-ray flux for a given column density as

FX =

∫
≥1keV

F0(
E

1keV
)−αe−E/Ec e−τ(E,r)dE (4.5)

4.2.2 Radiative Feedback
We use the Enzo radiation transport module Moray (Wise & Abel 2011a) to calcu-
late the transfer of X-ray radiation field produced by the black hole. Moray solves
the radiative transfer equation with ray tracing that is adaptive in spatial and an-
gular coordinates. The ray normal directions are determined by HEALPix (Hi-
erarchical Equal Area isoLatitude Pixelation; Górski et al. 2005). The rays origi-
nate from point sources and are progressively split when the angular sampling
becomes too coarse, which can happen when the ray either propagates to larger
radii or encounters a fine resolution AMR grid.

The rays are traced through the grid in a typical fashion (e.g., Abel et al. 1999),
in which we calculate the next cell boundary crossing. In each ray segment cross-
ing a single cell, we solve the radiative transfer equation for a ray,

1
c
∂P
∂t

+
∂P
∂r

= −κP, (4.6)
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where P is themonochromatic photon flux associatedwith the ray and κ = κ(r, t) is
the absorption coefficient. In the static case, its solution has a simple exponential
analytic solution and the photon flux of the ray is reduced by

dP = P × (1 − e−τ), (4.7)

where τ is the optical depth (see above) across the ray segment. Because Moray
equates the photoionization rate to the absorption rate, it is photon conserving
(Abel et al. 1999,Mellema et al. 2006). Thus, the photoionization andphotoheating
rates are, respectively,

kph =
dP

nabsVcelldtP
(4.8)

and
Γph = kph(Eph − Ei) (4.9)

where Vcell is the cell volume, Eph is the photon energy and Ei is the ionization
energy of the absorbing material. In each cell, the resulting kph and Γph values are
the sum from all rays that cross that cell, which then are inputs into the chemistry
rate equations and energy equation.

4.2.3 Treatment of a General Input Spectrum
In the original release of Moray (Wise & Abel 2011a), radiation is discretized into
energy bins. Since then, a more general approach of Shapiro et al. (2004) and
Mellema et al. (2006) has been implemented that can consider arbitrary (polychro-
matic) spectral shapes. In this method, the radiative transfer equation is numer-
ically solved before the simulation, giving a relative intensity Iν as a function of
neutral hydrogen column density NH . The relative ionizing photon flux

Iν(NH) =

∫ ∞

νth

Lνσν exp(−σνNH)
hν

dν (4.10)

for H i, He i, and He ii is computed and stored for 300 column densities, equally
log-spaced over the range NH = 1012−25cm−2. νth is the ionization energy threshold
for each absorbing species. Also, the average photon energy

〈E〉 =

∫ ∞
νth

hνIν(NH) dν∫ ∞
νth

Iν(NH) dν
(4.11)

is pre-calculated as a function of hydrogen column density NH . The attenuation
across each segment is thus dP = Iν(NH + dNH) − Iν(NH), which is determined by
interpolating from pre-calculated tables. These values of dP and 〈E〉 are used in
Equations (4.8) and (4.9), resulting in a solution that retains the full spectral shape
until the source radiation is fully attentuated.
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4.2.4 XDR Physics

The dominant parameter that drives the chemical and thermal structure of the gas
in XDRs is the ratio of the X-ray energy deposition rate to gas density, HX/n. This
occurs because the molecular destruction and heating rates per unit volume due
to X-ray induced ionizations are proportional to nHX , whereas the molecular for-
mation and cooling rates are generally proportional to n2 times a rate coefficient
(Maloney et al. 1996).

The main heating mechanism in XDRs is photoionization. The rate at which
photoionizations happen depends on the cross-section, which is a function of the
frequency of the radiation and the properties of the atom. The absorption cross
section of X-rays roughly scales with energy as ∼ 1/E3, which allows X-rays to
penetrate deep into interstellar clouds. A photon with an energy of 1 keV pene-
trates a hydrogen column of about 1022 cm−2 for solar metallicity.

UV radiation is absorbed by outer-shell electrons, whereas X-ray photons are
absorbed by inner-shell electrons. When an electron from an inner shell (e.g., the
K-shell) is ejected it leaves the atom behind in an excited state with an inner shell
vacancy and more energy than is required to remove the least bound electron.
The inner shell vacancy can be filled by an outer-shell electron (e.g., an L-shell
electron). The excess energy then can be shed in one of two ways: by emitting
photons (fluorescence) or by ejecting outer electrons, which is referred to as the
Auger effect.

When inner-shell ionization is followed by Auger ionization, two high energy
electrons are produced; the first from the primary ionization; with an energy
equal to the photon energy minus the binding energy of the ejected electron, and
the second from Auger ionization which has an energy equal to the difference in
binding energies of electrons in the inner and outer shell minus the binding en-
ergy of the outer shell electron. This can be hundreds or thousands of eV. In an
ionized gas, these suprathermal electrons undergo frequent elastic collisions with
thermal electrons and their kinetic energy is converted into heat.

In a predominantly neutral gas, these suprathermal electrons can collisionally
excite and/or ionize ions before interacting with free electrons. These secondary
ionizations are more important for H, H2 and He than the primary ionizations,
which is a consequence of the large primary photo-electron energies (Meijerink &
Spaans 2005). The importance of secondary ionization is determined by the ion-
ization fraction x = n(H+)/n(H) since the probability that a fast electron will share
its energy with a free electron, compared to its probability of striking an atom or
molecule, is proportional to this fraction. The ratio of secondary to primary ion-
izations is ∼ 26, depending on the chemical composition of the gas (Dalgarno et al.
1999). If the ionization fraction of the gas is x > 0.9, thenmost of the kinetic energy
goes into heat through Coulomb interactions with the ambient thermal electrons.
If x < 0.9, then approximately 40% of the primary photo-electron energy goes into
secondary ionization and excitation (H I excitation, mainly Lyα) whether the gas
is atomic (Shull & van Steenberg 1985) or molecular (Voit 1991).
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The heating efficiency of a molecular gas is larger than that of a mostly neutral
atomic gas. When H2 is ionized by a fast electron and recombines dissociatively,
about 10.9 eV of the ionization energy can go into kinetic energy. On the other
hand, anH+

2 ion can react onwith a hydrogenmolecule to produceH+
3 , whichmay

then either recombine dissociatively or react with other species. Due to the strong
exothermic nature of the recombination reaction, Glassgold & Langer (1973) ar-
gue that for every H+

3 ion formed about 8 eV goes into gas heating.
In general, ro-vibrational H2 cooling is important in XDRs due to the high gas

temperatures (Tg > 1000 K). The ro-vibrational bands of molecular hydrogen can
be excited by the nonthermal electrons produced through X-ray ionization and
thermal collisions with e−, H and H2. Collisional de-excitation of vibrationally
excited H2 can be an important heating source when non-thermal electrons dom-
inate the excitation (at low HX/n). These excited H2 molecules can also enhance
chemical reactions with an activation barrier (Meijerink & Spaans 2005).

XDRs are exposed to X-rays as well as FUV photons. Internally generated
FUV photons are produced when energetic nonthermal electrons collide with
atomic and molecular hydrogen. These collisions result in the emission of Lyα
and Lyman-Werner band photons, and significantly affect the chemistry of the X-
ray irradiated gas clouds. If the electron fraction of the gas is x ≤ 0.01, then about
40% of the energy deposited by X-rays results in the production of these internal
FUV photons. Thus, the dense interiors of X-ray irradiated clouds can chemically
resemble photodissociation regions with significant abundances of neutral oxy-
gen as well as singly ionized iron, silicon and carbon (Maloney et al. 1996).

Most of the FUV photons that are locally produced by the nonthermal elec-
trons will be absorbed by dust grains. The resulting temperature of the dust
grains is proportional to the locally absorbed X-ray energy per hydrogen atom
(HX). Therefore, if the dust abundance is high, then there is less energy per dust
particle and the average dust temperature Td drops and is given by

Td = 1.5 × 104(HX/xd)0.2 K, (4.12)

where xd = 1.9 × 10−8 is the grain abundance (for solar metallicity) and HX is in
erg s−1 (Yan 1997). The minimum grain size is set to amin = 10Å. In XDRs, the
dust temperature for the same impinging flux by energy is lower than in PDRs
(Meijerink & Spaans 2005). Also, in XDRs the gas heating efficiency is 10 − 50%
whereas it is 0.1 − 1% in PDRs. Furthermore, the chemistry in XDRs is less strati-
fied, with C+, C, CO co-existing over large columns, than in PDRs.

At high temperatures (T > 5000 K) the gas cooling is dominated by collisional
excitation of Lyα, and forbidden and semi-forbidden transitions of [O I] (λλ 6300,
6363 µm), [C I] (λλ 9823, 9850 µm), [Fe II](λλ 1.26, 1.64 µm), and [Si II] (λλ 6716,
6731µm).

The cooling below a few 1000 K is dominated by the fine-structure lines of [OI]
63 µm, [SiII] 35 µm, [CII] 158 µm, [CI] 269 and 609 µm. Rotational and vibrational
transitions of H2, H2O, and CO may also be important when these molecules are
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abundant. Cooling lines may become optically thick and such column density de-
pendent transfer effects are included using a non-local escape probability method
(Poelman & Spaans 2005). At high densities, and if the grain temperature is less
than the gas temperature, gas-grain collisions can be a source of gas cooling and
grain heating. For further details, we refer the interested reader to Meijerink &
Spaans (2005).

4.2.5 Modifications to the 2005 XDR Code
The XDR code as described in Meijerink & Spaans (2005) has been modified by
including all the heavy elements up to iron with abundances > 10−6. As a result,
the elements treated in the chemistry of the code were extended with Ne, Na, Ar
and K. In the original XDR code, the doubly ionized states of C, N, O, S, and Fe
were included. Here, we treat the singly and doubly ionized states of all elements,
also He2+. Most of the additional reactions were adopted from Ádámkovics et al.
(2011), who give an elaborate description on the X-ray ionization of heavy ele-
ments. We followed their method to determine the secondary ionization rates of
He2+, which were scaled to those for hydrogen, by using the peak electron impact
cross sections as obtained from Tarawa & Kato (1987). The primary ionization
rates were obtained from Verner & Yakovlev (1995), where we assumed that no
Auger ionization is possible, implying that only one electron is released per ab-
sorbed X-ray photon.

4.3 Simulations
In this work, we use the cosmological adaptive mesh refinement (AMR) code
Enzo-2.0 1 (Bryan & Norman 1997; O’Shea et al. 2004) that is modified to include
XDR physics. We perform simulations in a three-dimensional periodic box with
a side length of 3 h−1 Mpc, initialized at z = 99. The size of the root grid is 1283

with three nested subgrids, each refined by a factor of two. The finest grid has
an effective resolution of 10243 with a side length of 375 h−1 kpc. Refinement is
restricted to the finest grid and occurs during the simulations whenever the bary-
onic matter, or dark matter density, is greater than the mean density by a factor of
four. The maximum level of refinement that is reached in the finest grid is 10, al-
lowing us to have a resolution of 3.6 pc. We useWilkinsonMicrowave Anisotropy
Probe seven-year cosmological parameters (Komatsu et al. 2009), which have the
following values: ΩΛ = 0.734, Ωm = 0.266, Ωb = 0.0449, σ8 = 0.81, and h = 0.701.
Here, ΩΛ is the vacuum energy, Ωm is the matter density, Ωb is the baryon density,
σ8 is the variance of random mass fluctuations in a sphere of radius 8 h−1 Mpc,
and h is the Hubble parameter in units of 100 km s−1 Mpc−1.

In order to see the impact of X-ray radiation from the central MBH on the sur-
rounding gas, we have performed two simulations. In these simulations we use
1 http://enzo-project.org
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the primordial chemical network of Enzo until z = 15, where the most massive
halo with a mass of 2 × 108 M� forms. At z = 15, we insert a MBH with a mass
of 5 × 104 M�, in order to be roughly consistent with the Magorrian relation, and
consider its radiative feedback afterwards. In one of the runs, we start using the
XDR tables compiled for solar metallicity gas (hereafter referred to XDRS), and in
the other one, we keep using the primordial chemical network of Enzo (hereafter
referred to XDRZ).

Our XDR chemical network consists of more than 170 species. We have con-
structed tables of XDR solutions for species abundances and temperatures for so-
lar metallicity and for a wide range of X-ray flux FX = 10−1.25 − 105.5 erg cm−2

s−1, density n = 10 − 106 cm−3 and column density NH = 1020 − 1024 cm−2. This
large parameter space enables us to model the ISM properties close to an AGN
properly. We use Enzo’s 9 species (H, H+, H−, He, He+, He2+, H2, H−2 , and e−)
non-equilibrium chemical network for zero metallicity gas. In the XDRS case, we
run both the XDR routine and the chemical network of Enzo and compare the
computed temperatures to determine if the cell is X-ray dominated. We take the
highest value of the two found temperatures and continue to iterate for the next
step. By doing this we naturally determine the maximal effect that X-rays have
on exposed gas. This way, our proof of concept runs do not require any ad hoc
metallicity distribution. In a follow-up paper we will include metal production
by supernova explosions.

We choose solar metallicity for our XDR tables since this is a good approx-
imation for regions around SMBHs, even inside z ∼ 6 AGNs (Jiang et al. 2007).
Moreover, attenuation of X-ray photons in a non-zero metallicity ISM has never
been done before for a high redshift accretingMBH, and herewe show thatwe can
treat the impact of X-rays on such non-zero metallicity ambient gas. By choosing
solarmetallicity, we seek to highlight the full range of effects thatmetals introduce
in X-ray exposed gas.

Furthermore, in our tables, we also store the abundances of all species that
Enzo’s chemical network is using, attached to the corresponding temperature val-
ues. For a given unattenuated flux, we create a table of attenuated fluxes as a
function of column density. Combined we thus have an XDR grid of models in
n, FX, and NH (varying metallicity will be presented in paper II) that uses Moray
to compute the full (chemical, thermal and hydrodynamic) response of X-ray ex-
posed gas at non-zero metallicity. In the code, we calculate the column densities
between the cell and MBH and incident flux with Moray, take the corresponding
flux values from the pre-calculated tables and apply the radial dependence. By
using the flux, density, and column density computed in Enzo, we find the corre-
sponding temperature values and the species abundances from the pre-computed
XDR grid tables for each cell and feed these back into Enzo. We stop the simula-
tions after ∼ 40 Myr at z = 13.5. This is long enough for ambient gas in a radius
of a few hundred pc to be affected by X-rays emanating from the 5× 104 M�MBH
and to find (if at all) an equilibrium again.
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For the analysis of our cosmological simulations we use yt, a cross-platform
analysis toolkit written in Python (Turk et al. 2011b).

4.4 Results & Implications
In the simulations that we perform, as a proof of concept, we see significant differ-
ences between the solar metallicity and zero metallicity cases. Below we explain
the physical processes that play a role in causing the differences in the ISM prop-
erties of the modeled halos.

Shortly after we insert a MBH, we already note considerable differences be-
tween the two runs in the central region around the MBH. In Figure 4.1, we plot
the density-temperature histograms, within a sphere of 200 pc diameter, for the
XDRS (left column) and XDRZ (right column) runs at redshifts z = 14.95, 14.78,
14.54 and 13.54 from top to bottom. At z = 14.78, phase diagrams show that there
is less gas present in the XDRZ case than in the XDRS case. This difference in the
gasmass, in the inner 200 pc, becomes evenmore pronounced at redshift z = 14.54.
To estimate the amount of gas that is missing in the zero metallicity case we com-
pare the enclosed gas mass (see Figure 4.2) of both simulations as a function of
radius at redshift z = 14.78 (left) and z = 14.54 (right). We calculate the difference
in enclosed gas mass (blue dot-dashed line in Figure 4.2) in the inner 200 pc to be
8 × 106 M� between the XDRS and XDRZ cases, at z = 14.78. Furthermore, when
we look at the 2D density and temperature radial profiles (see Figures 4.3 and 4.4)
of the XDRS and XDRZ cases we see significant differences in the inner 20 pc while
at larger radius (R > 500 pc) the differences become less pronounced (see section
4.4.2).

The missing mass in the inner 200 pc of the XDRZ run can be explained as
follows. In the XDRS case because of the metals, X-rays see a high opacity, about a
factor of 3−30 higher than for zerometallicity gas. Because metals like C, N, O, Si,
and Fe have such large cross sections, for inner shell absorptions (see Figure 5.3 in
Meijerink (2006) for E > 1 keV and Morrison & McCammon (1983)), they lead to
an “opacity wall”, if column densities exceed 1022 cm−2. Thus, the energy deposi-
tion rate into the medium close to MBH is high and the X-ray power is dissipated
locally. On top of that, the cooling ability of solar metallicity gas is high. There-
fore, the cooling time is short beyond the opacity wall. Combined, large column
densities of 1024 cm−2 are reached in the central region as metal enriched gas falls
in and builds up sufficient column to shield itself from irradiation. However, in
the XDRZ case, in the absence of metals, the X-rays penetrate to larger columns.
Thus, the energy deposition rate into themedium close to theMBH is significantly
less and X-ray power is dissipated globally. Moreover, themaximum column den-
sity is 4 orders of magnitude less than in the XDRS case. This difference in column
densities is shown in Figure 4.5, where we plot the 2D column density-radius pro-
files for both cases at redshift z = 14.95 and 14.54. In this plot it is easily seen that
the gas column, viewed from the MBH, builds up much faster in the XDRS case
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Figure 4.1 –Density-temperature phase diagramswithin a sphere of 200 pc diameter for the
XDRS (left) and XDRZ (right) cases at z = 14.95, 14.78, 14.54 and 13.54, from top to bottom.
Note the missing mass already at z = 14.54 in the XDRZ case.
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Figure 4.2 – Enclosed gas mass of the XDRS (black dotted line) run, the XDRZ (red dashed
line) run, and the gas mass difference between the two runs (blue dotted dashed line) at
z = 14.78 (left) and 14.54 (right) as a function of radius. The green dotted-dashed line in
the left plot is the enclosed gas mass of the halo at z = 15.

due to the efficient accumulation of solar metallicity gas. Therefore, in the XDRZ
case, the impinging X-ray flux onto the relatively low density gas that sits at larger
radii is much higher. Hence, this forms an X-ray induced H ii region.

The H ii ionization front will sweep through the surrounding medium until
the recombination rate inside the H ii region balances the energy output of the
MBH (see Figure 4.6 for the H i ionization fraction). As a consequence, in an at-
tempt to establish pressure balance, the newly formed H ii region will expand,
thus driving large quantities of gas to larger radii. This also further lowers the
column densities at small radii in the XDRZ case. A back of the envelope calcu-
lation, where we compare the gas kinetic energy to the energy in X-rays, shows
that the energy input from the black hole (LEdd ∼ 1042 erg s−1) is sufficient to drive
∼ 107 M� gas out with an average speed of ∼ 100 km s−1 in 6.5 Myr.

4.4.1 Dynamics of the H ii Regions
In Figure 4.7, we show the velocity field at z = 14.78 (top) and 14.54 (bottom) for
the XDRS (left) and XDRZ (right) runs. Indeed, we see that in the XDRZ run there
is an outflow, at a speed of ∼ 100 km s−1, which is caused by the X-ray induced
H ii region. However, in the XDRS case, due to the opacity wall, the X-rays are
strongly attenuated. This leaves the gas at larger radii virtually unaffected. Due
to the lack of a large scale H ii region in the XDRS run, the bulk of the gas keeps
falling towards the MBH, increasing the densities around the black hole. One
thing to keep in mind here is that our smallest cell size is 3.6 pc, which means
that we might be overestimating the metals’ opacity effect and hence the energy
deposition rate. It is possible that higher resolution simulations will show the
formation of an H ii region in the XDRS case as well, although at a much smaller

74



4.4 Results & Implications

Figure 4.3 – 2D profiles of density versus radius for the XDRS (left) and XDRZ (right) at
z = 14.95, 14.54, and 14.17, top middle bottom, respectively.
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Figure 4.4 – 2D profiles of temperature versus radius for the XDRS (left) and XDRZ (right)
at z = 14.95, 14.54, and 14.17, top middle bottom, respectively.
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Figure 4.5 – 2D profiles of column density versus radius for the XDRS (left) and XDRZ

(right) runs at z = 14.95 (top) and z = 14.54 (bottom).

spatial scale than in the XDRZ run. In fact, at z = 14.17, we see that X-rays start to
penetrate much further (> 10 pc) in the XDRS case as well and drive anH ii region,
with a delay of 17 Myr, which pushes apart the central opacity wall with a speed
of ∼ 200 km s−1. This is shown in Figure 4.8 where we plot the X-ray flux, column
density, velocity magnitude and the divergence of velocity slices along the x-axis
for the XDRS run. The H ii region forms at z = 14.17 (middle plots) and expands
to a few kpc at z = 13.5 (bottom plots).

To understand this delay, two effects are relevant. First, in the XDRZ case, the
initial H ii region radius is larger because of the lower X-ray optical depth through
zero metallicity gas. Consequently, in the XDRS case, the initial growth of the
H ii region is stiffened compared to the XDRZ case. Second, for a local ionizing
photon rate Si, the Strömgren radius scales as RS ∝ (S i/n2)1/3, the recombination
time as ts ∝ 1/n, and the ionization front velocity as VI ∝ S i/nR2. Because X-rays
are absorbed in denser gas and at smaller radii in the XDRS run, the H ii region
grows more slowly when compared to the XDRZ case.
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Figure 4.6 – 2Dprofiles ofH i ionization fraction versus radius for the XDRS (left) and XDRZ

(right) runs at z = 14.95 and 14.54.

4.4.2 Thermodynamics

At small radius (R ∼ 20 pc), as a consequence of high metal opacity, the attenu-
ated X-rays heat up the gas in the XDRS case as shown in Figure 4.4. Therefore,
the temperature in the inner 20 pc in the XDRS case is more than an order of mag-
nitude higher than in the XDRZ case at z = 14.54. Moreover, at z = 14.17, so after
17Myr, the gas temperature in the central 10 pc increases from 105 to almost ∼ 107

K in the XDRS case and the difference between the gas temperatures between the
two runs becomes ∼ 3 orders of magnitude (see Figure 4.4).

At large radius (R > 500 pc), we do not see much difference in the multiphase
ISM of the XDRS and XDRZ runs. This is shown in Figure 4.9 where we plot the
density-temperature phase diagramswithin a sphere of 1 kpc radius for the XDRS
(left column) and XDRZ (right column) runs at redshifts z = 14.95, 14.78, 14.54 and
13.54, from top to bottom. In a gas with modest ionization degree and weak X-
ray radiation field the H− route will drive the formation of H2 and HD, due to
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Figure 4.7 – Velocity magnitude slice along the x-axis overlaid with velocity vectors for the
XDRS (left) and XDRZ (right) runs at z = 14.78 (top) and 14.54 (bottom).

the availability of free electrons. The presence of dust will boost the formation
of H2 (Cazaux & Spaans 2009). However, an increase in H2 abundance will also
increase the H2 ionization rate, and hence the gas heating rate, when X-rays are
present. In our simulations, most of the gas has temperatures of a few thousand
K, and at those thermally unstable temperatures H2 is the dominant cooling and
heating channel. Therefore, we do not see a fundamental difference between the
two runs.

In the XDRS run we see that at redshifts z = 14.78, as well as slightly later
z = 14.54, high density gas (> 10−20 g cm−3) is more abundantly present at tem-
peratures of ≥ 500 K. There are two effects that play a role here. First of all, in
the XDRS, run the opacity is large enough to absorb any X-ray photon below 5−10
keV. Also, we reach column densities of 1024 cm−2 at small distances from the BH,
as shown in Figure 4.5. This explains the lower HI ionization rates in the XDRS
case as shown in Figure 4.6. Along these large columns, the X-ray flux is almost
completely absorbed by the gas and thus the gas at larger distances is not much
affected. Secondly, as mentioned before, solar metallicity gas can cool down and
evolve to higher densities faster than zerometallicity gas, whichwas also found in
the PDR studies of Aykutalp & Spaans (2011). During the fast collapse, adiabatic
heating raises the temperature of the gas in the XDRS case as ∝ n3/2 while for X-ray
heating this goes as ∝ n. However, in the XDRZ run the maximum column
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Figure 4.8 – X-ray flux (top-left) and column density (top-right) at z = 14.17. Velocity mag-
nitude (left) and divergence of velocity (right) slices along the x-axis for the XDRS run at
z = 14.17 (middle), 13.54 (bottom). The velocity plot is overlaid with velocity vectors in
order to show the outflow.
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Figure 4.9 – Density-temperature phase diagram within a sphere of 1 kpc diameter for the
XDRS (left) and XDRZ (right) cases at z = 14.95, 14.78, 14.54 and 13.54, from top to bottom.
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density, within the central 200 pc, is only 1020 cm−2, and the X-rays are not fully
attenuated in this central region. Thus, the incident X-ray flux at large distances
is high, leading to a high heating rate and H2 formation rate. Furthermore, due to
the long cooling times of the zero metallicity gas in the XDRZ case, it takes longer
to reach high densities and adiabatic heating is not significant.

4.5 Discussion

As a proof of concept, we investigated the importance of metals in the vicinity
of an Eddington-limited X-ray emitting MBH. The high temperatures (> 106 K,
Figure 4.4) that are found in the inner regions around the MBH in the XDRS case
might have severe consequences. These high temperatures can quench the gas
accretion onto the black hole. Consequently, the accretion power decreases and
thus negative radiative feedback becomes self-limiting. Furthermore, high opac-
ity due to metals might aid star formation in some regions by shielding the high
density gas against X-ray irradiation and allow gas to cool and collapse. On the
other hand, in metal-poor regions, if an X-ray induced H ii region forms, the latter
can either quench star formation by removing gas or induce star formation by gas
compression: As shown in our zero metallicity simulations, the X-ray driven H ii
region sweeps out a significant amount of mass which means that the growth of
the black hole will be reduced. Moreover, this would also quench the star forma-
tion in the inner regions around the black hole. But, theH ii ionization frontmight
also induce star formation by compressing gas where otherwise stars would not
form in gravitationally stable gas. Also, the redistribution of gaswill cause amuch
flatter density profile in the central region than in the high metallicity case.

In this work, we showed that the difference between zero and solar metallicity
gas irradiated by X-rays is very large and that in order to study the Magorrian re-
lation a self-consistent treatment of the effects of metals on X-ray physics should
be included. In paper II, wewill include a star formation recipe and a BondiHoyle
accretion rate for the growth of the MBH (Kim et al. 2011). We will also take into
account metal enrichment by Pop III stars and its distribution in the central region
by using XDR tables for different metallicities. This may shed further light on the
origin of the Magorrian relation.

Appendix

In the following, we show a few models from the grid of XDR models. These are
merely intended to illustrate the dynamic range and variety in XDR physics that
Enzo has been augmented with.
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4.5 Discussion

Figure 4.10 – Abundances of e−, H, H+, H−, H2, H+
2 , He, He+, He2+, C, C+, C2+, O, O+, O2+,

CO and temperature for column densities of 1020 cm−2 (left column) and 1024 cm−2 (right
column) for a X-ray flux of log F = -1.25 - -0.5 erg s−1 cm−2.
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Figure 4.11 – Abundances of e−, H, H+, H−, H2, H+
2 , He, He+, He2+, C, C+, C2+, O, O+, O2+,

CO and temperature for column densities of 1020 cm−2 (left column) and 1023 cm−2 (right
column) for a X-ray flux of log F = 2.75 - 3.5 erg s−1 cm−2.
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5The Origin of SMBHs at z = 6: The
Singular Collapse Scenario in the
Presence of a UV Background
Radiation Field

“You do not take from this universe. It grants you what it will”.
Paul Atreides, Dune

A. Aykutalp, J. H. Wise, M. Spaans, R. Meijerink
To be submitted to ApJ, 2012
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Chapter 5 – The Origin of SMBHs at z = 6: The Singular Collapse Scenario in the
Presence of a UV Background Radiation Field

Abstract

In order to investigate the origin of SMBHs with masses on the order of 109 M�
at z = 6, we performed two simulations by using the adaptive mesh refinement
hydrodynamical code Enzo. In this, we simulate the singular collapse scenario in
the presence of a UV background radiation field of 105 and 103 J21. In our simu-
lations we take into account the X-ray irradiation from a seed black hole with an
initial mass of 5 × 104 M�. We use XDR grid tables produced for a wide range of
X-ray flux FX = 10−1.25-105.5 erg cm−2 s−1, density n = 10−106 cm−3, column density
NH = 1020 − 1024 cm−2, and metallicity Z/Z� = 10−6, 10−4, 10−2, 1 values. To cal-
culate the radiative transfer we employed the radiation transport module Moray
and we use a polychromatic spectrum. Furthermore, we added H2 self-shielding
and use two different star formation recipes for the creation of Pop III and PopII/I
stars and their feedback effects. We find that in the highUV background radiation
case, we do not form Pop III stars until at least z = 10, due to the low H2 fractions
(10−8). Moreover, the accretion rate is so low that at z = 12 (100 Myr after we in-
sert the MBH) our MBH accreted only 100 M�. Hence, we conclude that MBHs
with masses of 5 × 104 M�, which are formed through the singular collapse of an
atomic cooling halo under the influence of strong UV background radiation field
(J = 105J21), cannot be the origin of the SMBHs that we see at z = 6.
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5.1 Introduction
In the last decade, the growth of supermassive black holes (SMBHs) in the cen-
ters of galaxies, and their role in shaping the evolution of galaxies and their star
formation histories, has become the central topic for cosmology.

Observations of high redshift (z > 6) quasars suggest that these objects are
powered by SMBHs with masses on the order of 109 M� (Fan et al. 2003, 2006b,
Kurk et al. 2007). SMBHs are thought to be formed (in less than 1 billion years)
through the accretion of gas onto seed black holes of masses between 102−105 M�.
Central to the question of how these SMBHs with inferred masses of M ∼ 109 M�
can exist at such high redshifts, is how their seed black holes are formed. There
are two plausible scenarios for the formation of these seed black holes: a) they are
the remnants of the first stars (MBH ∼ 102 M�, Volonteri et al. (2003), Volonteri &
Rees (2005), Johnson & Bromm (2007)) and b) they are formed by the direct col-
lapse of isothermal gas in atomic cooling halos (MBH ∼ 104 − 106 M�, Haehnelt &
Rees (1993), Umemura et al. (1993), Bromm & Loeb (2003a), Spaans & Silk (2006),
Wise et al. (2008)) at the centers of the first galaxies.

In this work we simulate the latter scenario for the formation of a massive
black hole (MBH, MMBH ∼ 104 − 106 M�). In order to form a MBH through di-
rect collapse, fragmentation into stars needs to be prevented. In metal-free gas
the dominant coolant below 104 K is molecular hydrogen, H2, which can cool the
gas down to 200 K via ro-vibrational transitions. Hence, to avoid fragmentation
the formation of H2 needs to be suppressed. Indeed, in their studies Bromm &
Loeb (2003a) and Spaans & Silk (2006) have shown that in the absence of H2 frag-
mentation is sufficiently prevented. H2 is fragile and can easily be dissociated by
photons in the Lyman-Werner (LW) bands (E = 11.2− 13.6 eV). Recentworks on the
photodissociation of H2 in protogalaxies byWolcott-Green et al. (2011) and Shang
et al. (2010) have shown that a UV flux in the range of 103 − 105 J21 is sufficient to
prevent H2 formation, and hence fragmentation, in halos with Tvir = 104 − 105 K.

Once the seed black hole is formed it can grow in mass through the accretion
of gas. The amount of gas available for the MBHs to accrete depends on mergers
and/or interactions between galaxies. In their work, Barnes & Hernquist (1991,
1996) have investigated the dynamics of gas in merging galaxies. They find that
during major mergers, due to the gravitational tidal torques, there are events of
rapid inflows of gas onto the central SMBHs. Furthermore, it has been long known
that quasar activity and active galactic nuclei (AGN) are powered by the accre-
tion of gas onto SMBHs (Salpeter 1964). Moreover, there is growing evidence that
quasar activity is preceded by intense star formation (starbursts) in galactic nuclei
(Sanders et al. 1988). In more recent work, Di Matteo et al. (2005) investigate the
effect of energy input from quasars onto the host galaxy. They find that a major
merger causes both starburst and rapid inflows of gas onto the SMBH. The latter
enhances the quasar activity and the energy released by the SMBH expels the gas
from the inner region thus quenching further star formation and the growth of
the SMBH.
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This led to the theory that an evolutionary sequence, caused by gas rich merg-
ers, connects starbursts, quasars, SMBH growth, and the formation of red ellipti-
cal galaxies. Hopkins et al. (2006) suggest that right after the major merger, due
to the ubiquitous presence of dust around the black hole, the quasar activity is
obscured. Later on, when the black hole dominates the energetics of the central
region, the energy input from the quasar quenches further star formation and ex-
pels the gas shrouding the quasar. This slows down the further growth of the
SMBH and stops the quasar activity, which in turn leads to the formation of a
normal spheroidal galaxy. Moreover, it has been found that nuclear star forma-
tion is tightly coupled to AGN activity (Hopkins & Quataert 2010). This theory
is supported by observations of local galaxies, which have shown that ultralumi-
nous infrared galaxies (ULIRGS) have similar bolometric luminosities as bright
quasars and that they are often in mergers. Hence, ULIRGs are the possible can-
didates for the birthplaces of quasi-stellar objects (QSOs) (Sanders et al. 1988, van
der Werf et al. 2011).

Observations of local galaxies in which a tight correlation between the mass of
the central black hole and the velocity dispersion (Ferrarese & Merritt 2000, Geb-
hardt et al. 2000) or the mass of the host bulge (Magorrian et al. 1998) is seen, in-
dicate that the formation and evolution of galaxies are coupled to the black hole’s
activities. Walter et al. (2004) derived the SMBH spheroidal bulge mass ratio in
the high redshift universe to be an order of magnitude higher than what we ob-
serve in local galaxies, where the dynamical mass is estimated from the size and
line width of the CO emission. This indicates that there might be an evolution in
the MBH −Mbulge relation throughout cosmic time.

The accretion of gas onto the central black hole yields a luminous source of X-
ray, UV, and optical photons. As studied in Aykutalp et al. 2012 (hereafter Paper
I), the thermodynamics of the gas in the inner region of an AGN is dominated by
the X-ray radiation produced by the infall of gas onto the central MBH. Thus, to
understand theMagorrian relation it is crucial to include the X-ray radiation from
the AGN.

In order to incorporate the effects of X-rays on the star formation around an
AGN, and thus the coupling between the AGN and the central stellar spheroid, in
a self-consistent manner, we have implemented the XDR/PDR chemical network
of Meijerink & Spaans (2005) into Enzo (for details, see Paper I).

The aims of this paper are, for the singular collapse MBH formation scenario,
to (1) investigate the possible connection between SMBHs and the formation and
evolution of atomic cooling halos, (2) follow the accretion history of the seed black
hole, and (3) assess the effects of episodic X-ray irradiation of the ambient gas by
the MBH.

96



5.2 Simulations

5.2 Simulations

In thiswork, we use the Eulerian adaptivemesh refinement (AMR) hydrodynamic
code Enzo (Bryan & Norman 1997, 2000, O’Shea et al. 2004), which is modified to
include metallicity dependent XDR physics, black hole physics, star formation
recipes and H2 self-shielding. We perform simulations in a three-dimensional pe-
riodic box with a side length of 3 h−1 Mpc, initialized at z = 99. The size of the root
grid is 1283 with three nested subgrids, each refined by a factor of two. The finest
grid has an effective resolution of 10243 with a side length of 375 h−1 kpc. Refine-
ment is restricted to the finest grid and occurs during the simulations whenever
the baryonic matter or dark matter density is greater than the mean density by a
factor of four. The maximum level of refinement that is reached in the finest grid
is 10, allowing us to have a resolution of 3.6 pc. The virial mass of our halo at red-
shift z = 15 is Mvir = 2.6 × 108, where Mvir is the mass in a sphere that encloses an
average darkmatter overdensity of 200. We useWilkinsonMicrowave Anisotropy
Probe seven-year cosmological parameters (Komatsu et al. 2009), which have the
following values: ΩΛ = 0.734, Ωm = 0.266, Ωb = 0.0449, σ8 = 0.81, and h = 0.701.
Here, ΩΛ is the vacuum energy, Ωm is the matter density, Ωb is the baryon density,
σ8 is the variance of random mass fluctuations in a sphere of radius 8 h−1 Mpc,
and h is the Hubble parameter in units of 100 km s−1 Mpc−1.

5.2.1 Black Hole Formation and Accretion

For our MBH to form at z = 15 through the direct collapse scenario, we need to
avoid fragmentation due toH2 cooling. Therefore, we introduce aUVbackground
radiation field. In this, we assume that an early star formation epoch in a nearby
minihalo is sufficient to build up such a UV background. We perform two sim-
ulations, one with a UV background radiation of 103 J21 (hereafter BG3) and one
for 105 J21 (hereafter BG5), where J21 = 10−21 erg s−1 cm−2 sr−1 Hz−1. We turn on
the LW background radiation field at z = 30. Recent work by Wolcott-Green et al.
(2011) has shown that such JLW values are sufficient to keep our halo almost H2
free.

H2 self-shielding is crucial for the formation of stars in regions where the H2
column densities exceed 1014 cm−2. Thus, we take into account H2 self-shielding
aswell as optical depth effects in H i, He i, andHe ii. In this, we use a local approx-
imation for the H2 self-shielding and multiply the H2 photo-dissociation rate by a
self-shielding factor fsh to correct the impinging UV flux in the LW band (Draine
& Bertoldi 1996). We use the equation given by Shang et al. (2010) for fsh

fsh = min
[
1,

(
NH2

1014cm−2

)−3/4]
, (5.1)

NH2 = fH2 ntotλJ. (5.2)
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Here, NH2 is the H2 column density, ntot is the total particle number density, and
λJ is the jeans length (λJ =

√
15kbT
4πGµρ ).

At redshift z = 15 we insert a MBH with a mass of M = 5 ×104 M�. We follow
the radiative feedback from the MBH using the Enzo radiation transport module
Moray (Wise & Abel 2011b). To calculate the gas temperature, we use an XDR grid
of models produced for a large parameter space in density n, X-ray Flux FX, col-
umn density NH andmetallicity Z/Z� (see section 5.2.3). We employ Moray to com-
pute the full (chemical, thermal and hydrodynamic) response of X-ray exposed
gas. To trace the propagation of the X-rays through the ISM in a self-consistent
manner we use a polychromatic X-ray spectrum. The details of this approach are
described in Paper I.

For the accretion of gas onto the MBH we use the prescription of Kim et al.
(2011). We calculate the accretion rate by using the Eddington-limited spherical
Bondi-Hoyle equation

ṀBH = min(ṀB, ṀEdd) (5.3)

= min
(

4πG2M2
BHρB

c3
s

,
4πGMBHmp

εσTc

)
,

whereG is the gravitational constant, MBH is themass of theMBH, ρB is the density
at the Bondi radius, cs is the sound speed, mp is the mass of a proton, ε is the
radiative efficiency, and σT is the Thomson scattering cross-section.

5.2.2 Star Formation and Feedback
In order to model the interplay between stellar and black hole feedback, we em-
ploy different recipes for Pop III and PopII/I star formation. We turn on the star
formation recipes at z = 30 and constrain the star formation to occur only in the
finest subgrid. For the Pop III star formation wemodified the star formation algo-
rithm of Cen & Ostriker (1992) as follows. In our simulation a Pop III star particle
is created when all of the following criteria are met:

(1) the metallicity of the gas is less than 10−3.5 solar,

(2) the molecular hydrogen fraction is greater than 5 × 10−4,

(3) the cooling time tcool is shorter than the dynamical time tdyn,

(4) the velocity flow is converging; i.e., ∇ · v < 0.

For the Pop II/I star formation recipe we use the algorithm of Cen & Ostriker
(1992) in Enzo with an additional metallicity criterion. Hence, in our simulation a
Pop II/I star particle is formed when the following criteria are met: (1) the metal-
licity of the gas is greater than 10−3.5 solar, (2) the velocity flow is converging; i.e.,
∇·v < 0, (3) tcool is smaller than tdyn. For every star particle that is created, ionizing
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radiation transport is included following the prescriptions of Wise et al. (2012).
I.e., every star particle produces its own H ii region. The energy injection by the
supernova explosions (SNe) of Pop III stars is computed from the stellar mass and
is deposited in a sphere of 10 pc radius.

5.2.3 XDR Grids

We tabulated XDR grids using a modified version of the XDR/PDR chemical net-
work of Meijerink & Spaans (2005). Our chemical network consists of 176 species
and more than 1000 reactions.

The main heating mechanism in X-ray dominated regions (XDRs) is Coulomb
heating when fast electrons interact with thermal electrons. Consequently, the
heating efficiency in XDRs is high, 10 - 30%. Moreover, X-rays have small absorp-
tion cross-sections, which roughly scale as 1/E3, and thus they can penetrate large
columns. The important parameter in XDRs, for the chemical and thermal struc-
ture of the gas, is the energy deposition rate to the total gas density. In Paper I,
we find that the energy deposition rate in a solar metallicity gas is much higher
than for the zero metallicity case, which causes high temperatures (∼ 107 K) in
the central region. Moreover, earlier work on the X-ray effects from an AGN by
Pérez-Beaupuits et al. (2011) has shown that X-ray exposedmolecular gas has tem-
peratures 5 times higher than gas in a starburst of equal bolometric power. This
has important consequences for the initial mass function (IMF) of stars, because
the Jeans Mass (MJ) scales with the temperature of the ambient gas as MJ ∝ T 3/2.

In XDRs, at high temperatures (T > 5000 K) the gas cooling is dominated by
collisional excitation of Lyα, and forbidden and semi-forbidden transitions of [O
I] (λλ 6300, 6363 µm), [C I] (λλ 9823, 9850 µm), [Fe II](λλ 1.26, 1.64 µm), and [Si II]
(λλ 6716, 6731µm). At low temperatures, below a few 1000 K, gas cooling is dom-
inated by the fine-structure lines of [OI] 63 µm, [SiII] 35 µm, [CII] 158 µm, [CI] 269
and 609 µm, as well as rotational lines of CO andH2O. For further details, we refer
the interested reader to Meijerink & Spaans (2005) and Paper I.

We constructed tables for species abundances and gas temperatures over a
wide range of X-ray flux FX = 10−1.25−105.5 erg cm−2 s−1, density n = 10−106 cm−3,
column density NH = 1020 − 1024 cm−2 and metallicity Z/Z� = 10−6, 10−4, 10−2, 1.
This large parameter space enables us to model the ISM properties close to an
AGNproperly. We use Enzo’s 9 species (H,H+, H−, He, He+, He2+, H2, H−2 , and e−)
non-equilibrium chemical network for zero metallicity gas. We follow the metal
production by SNe and thus determine which of the XDR tables is appropriate for
the gas thermodynamics.
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5.3 Results & Discussions
We have performed two simulations, one with a UV background radiation field
of 103 and one for 105 J21, where we turn on the radiation field, H2 self-shielding
and the star formation recipes at z = 30. Both simulations have a seed MBH with
a mass of M = 5 × 104 M� in the center of our halo, which we insert at z = 15.

The main difference between the BG5 and BG3 runs is the H2 fraction. In the
BG5 run, the strong UV background radiation photo-dissociates the H2 more effi-
ciently than in the BG3 case. Therefore, in the BG5 run theH2 fraction in the central
100 pc is as low as ∼ 10−8, whereas in the BG3 run it is 10−6. This is shown in Fig-
ure 5.1, where we plot density, temperature and H2 fraction slices in the y-plane
at z = 15 for the BG5 (top) and BG3 (bottom) runs. The corresponding H2 col-
umn density (for a typical density of 10−21 g cm−3) over a scale of 30 pc is 1015 and
1017 cm−2 in the BG5 and BG3 runs, respectively. Thus, self-shielding occurs but
it is not very strong yet, given the broad line wings in the H2 dissociative bands.
Under these initial conditions, in our atomic cooling halo with Tvir ∼ 104 K, we
therefore do not form any Pop III stars in either of the runs prior to z = 15. Hence,
our direct collapse scenario for the formation of the seed MBH is appropriate.

2 Myr after we insert the MBH into the center of our halo, the accretion rate
in the BG5 case is ∼ 10−6 M� yr−1. This corresponds to a total energy production
of 2 × 1053 ergs over 1 Myr for an efficiency of 10% Eddington, which is about the
same as the energy produced by 200 supernova explosions, as shown in Figure
5.2 (left panel). This energy input, produced by the accretion of matter onto the
central MBH, drives an H ii region that expels the gas from the inner region of the
halo with a velocity of ∼ 100 km s−1. This is shown in Figure 5.3, where we plot
the divergence of the velocity field and velocity magnitude slices in the y-plane at
z = 14.1 (so 25Myr after we insert the MBH). In Figures 5.4 and 5.5, where we plot
the phase diagrams and enclosedmass, respectively, the removal of themass from
the inner 1 kpc is clearly seen. Moreover, radiative feedback from the centralMBH
helps tomaintain the gas temperatures around 104 K.Combined, the accretion rate
decreases to 10−10 M� yr−1 about 25 Myr after we insert the MBH (see Figure 5.2).
Furthermore, the strength of the X-ray flux is also changing with time, dependant
on the episodes of accretion that the MBH enjoys. We find that black hole growth
is self-regulating, i.e., when accreting the MBH produces strong X-ray radiation,
which then shuts down the accretion. This, in turn, decreases the X-ray flux and
hence allows gas to cool and flow to the black hole again. As shown in Figure 5.6,
where we plot the X-ray flux slices in the x-, y-, and z-plane for the BG5 case at
redshifts z = 14.95, 14.39, 13.22, 12.86, 12.15, and 12.00, from left to right and top
to bottom, the X-ray flux flickers in response to the changes in the accretion rate.

For the BG5 case we do not find any Pop III star formation until at least z =

10. This is a direct consequence of the MBH feedback that drives an H ii region
through episodic accretion and the strong UV background radiation field that
suppresses the H2 abundance to ∼ 10−8. This is shown in Figure 5.7, where we
plot the H2 fraction with radius at z = 12. Thus, as also exemplified in Figure 5.4
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Figure 5.1 – Density, temperature and H2 fraction slices in the y-plane at z = 15 for the BG5

(top) and BG3 (bottom) runs.

Figure 5.2 – Accretion rate and the corresponding total energy production of the central
MBH over time for the BG5 (left) and BG3 (right) runs.
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Figure 5.3 – Divergence of the velocity field and velocity magnitude slices in the y-plane
for the BG5 case at z = 14.1 (25 Myr after we inserted the MBH).

(right panel), there is no cool dense phase at z = 12 that may facilitate Pop III star
formation.

On the other hand, in the BG3 case right after we insert the MBH (0.265 Myr
later), the first Pop III star forms. This is because, prior to z = 15, theH2 abundance
in the BG3 case was already ∼ 2 orders of magnitude higher than in the BG3 case
(see Figure 4) and in a short period of time, about 0.3 Myr, it has reached a value
where it meets our Pop III formation criterion (5 × 10−4). In fact, for the BG3 run
we obtain a duty cycle of close to 50%. The BG5 case yields more than an order
of magnitude less (3-5%). These numbers are similar to Park & Ricotti (2012).
Our high UV background run is in “mode I/6%” and our low UV one in “mode
II/50%”, in the terminology of Park & Ricotti (2012).

In Figure 5.8, we compare the H2 abundances of the BG5 and BG3 cases at
different timesteps. As is clearly seen at any time the H2 fraction in the BG3 case is
higher and there ismoremass compared to the BG5 casewith a higherH2 fraction,
despite the fact that there is additional radiative feedback from formed Pop III
stars.

In Figure 5.9, we overplot Pop III star particles on a density projection in the y-
plane at z = 14.95. At z = 14.95, there are 90 Pop III stars formedwith a total stellar
mass of 6930 M�. Moreover, the accretion rate of the MBH after 1 Myr is 10−3 M�
yr−1, which is 3 orders of magnitude higher than in the BG5 case (see Figure 5.2).
Once again this is because of the ability of H2 rich gas to cool efficiently, even on
a short timescale, which in turn allows the MBH to accrete at a higher rate than
the BG5 case. Hence, the energy production by the MBH is 3 orders of magnitude
higher. Thus, it also has a stronger impact on the ambient gas. In Figure 5.10, we
plot the 2D radial profile of X-ray flux as a function of radius (left) and slices of the
X-ray flux (middle) and the column density (right) in the y-plane at z = 14.95 for
the inner 150 pc. Although in the BG3 case X-ray fluxes are 6 orders of magnitude
higher than in the BG5 case, X-rays do not penetrate as far as in the BG3 case. This
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Figure 5.4 – Density-temperature phase diagrams within a sphere of 1 kpc diameter at
z = 14.95 (left) and z = 12.05 (right) for the BG5 case.

Figure 5.5 – Enclosedmass of the BG5 run at z = 14.95 (black dotted line), 13.22 (red-dashed
line) and 12.00 (blue dotted-dashed line)
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Figure 5.6 – Evolution of X-ray fluxwith time. The individualwindows show slices through
the, from left to right, x-, y-, z- planes centered on the MBH. The different redshifts shown
are, from top to bottom (left) z = 14.95, 13.22, 12.15, and (right) z = 14.39, 12.86, 12.00.
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Figure 5.7 – 2D profile of H2 fraction with respect to radius at z = 12.00 for the BG5 case.

Figure 5.8 – 2D profile of H2 fraction with respect to radius for the BG5 (top) and BG3

(bottom) cases at z = 14.95 (left), 14.86 (middle), 14.78 (right). The horizontal solid line in
each plot represents the fH2 threshold for Pop III star formation.

105



Chapter 5 – The Origin of SMBHs at z = 6: The Singular Collapse Scenario in the
Presence of a UV Background Radiation Field

0

25

50

75

100

125

150

z
(p

c)

0 25 50 75 100 125 150

x (pc)

0.005

0.01

0.02

0.05

0.1

0.2

0.5

1

2

5

D
en

sity
(g

/
cm

2)

Figure 5.9 – Density projection in the y-plane at z = 14.95 for the BG3 case. Black dots
represent Pop III stars.

is due to the high column densities, on the order of 1023−24 cm−2, that are reached
in the center (see middle and right panels in Figure 5.10). Also, as shown in the
left panel of Figure 5.10, in the inner 20 pc the X-ray flux is strongly attenuated by
the interstellar matter. Therefore, the energy deposition rate into the medium is
higher than in the BG5 case.

At z = 14.86, the first SNe go off and enrich our halo up to solar metallicities.
We show themetal enrichment of our halo in Figure 5.11, where we plot the phase
diagram with metallicity color coded (left) for a sphere of 1 kpc diameter, a slice
of the metallicity field (middle) and the metal density (right), in the y-plane at
z = 14.78. This metal enrichment further enhances the inflow of matter onto the
MBH by cooling the gas efficiently. Moreover, it gives a rise to the formation of the
next generation (Pop II/I) of stars. Note in the left panel of Figure 5.11 that the high
metallicity (∼ 1 Z�) dense (≥ 1 cm−3) gas is warmer than low (≤ 10−2Z�) metallicity
gas. This is a result of the high X-ray opacity of metal-rich gas, which leads to a
large energy deposition rate (Paper I). Furthermore, the fast metal enrichment for
the BG3 run, see Figure 5.11, provides a high opacity for X-ray absorption because
the local metallicity reaches almost solar and absorptions by inner shell electrons
of C, N and O have large cross sections above 1 keV. Consequently, at 3 pc one
already reaches an optical depth of unity for ∼ 2 keV X-ray photons, as indicated
by the warm metal-rich gas. The BG5 run stays metal-free and > 1 keV X-rays
can travel out to > 50 pc before reaching an optical depth of unity. Therefore, the
typical time scale for accretion to occur, i.e., the response time of ambient gas to
X-ray feedback, is more than an order of magnitude longer in the high UV run.

According to our results, it seems unlikely that the bulk of the 109 M� SMBHs
at z ∼ 6 is formed through the direct collapse of an 108 M� atomic halo under
the influence of a strong 105 J21 UV background radiation field. However, these
slowly evolving MBHs might find a natural habitat inside dwarf galaxies that we
see in the local universe today. Star formation and MBH growth in such systems

106



5.3 Results & Discussions

10−4

10−2

100

102

104

106

X
−

ra
y

F
lu

x
(e

rg
cm

−
2

s−
1
)

5 10 20 50 100

Radius(pc)

0 25 50 75 100 125 150

x (pc)

0 25 50 75 100 125 150

x (pc)

0

25

50

75

100

125

150

z
(p

c)

10−4 10−2 100 102 104 106

CellMassMsun(M ⊙)

10−4 10−2 100 102 104 106

X − ray Flux(erg cm−2 s−1)

1020 1021 1022 1023 1024

Column Density(cm−2)

Figure 5.10 – 2D radial profile of X-ray flux as a function of radius (left) and slices of the
X-ray flux (middle) and the column density (right) in the y-plane at z = 14.95 for the BG3

case.

Figure 5.11 – Phase diagram with metallicity color coded for a sphere of 1 kpc diameter
(left), a slice of the metallicity field (middle) and the metal density (right), in the y-plane at
z = 14.78 for the BG3 case.
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Figure 5.12 – Growth of the MBH for the BG5 (dashed line) and BG3 (solid line) cases.

would require aweakening of theUVbackground and/or somemetal enrichment
(Z/Z� > 10−3) by external sources (Aykutalp & Spaans 2011). On the other hand,
in the BG3 case the growth of the MBH is more rapid such that in only 7 Myr the
MBH gains ∼ 4×103 M�. We plot the growth of theMBH in the BG5 and BG3 runs
in Figure 6. This indicates that within an Eddington time (in ∼ 100 Myr) the MBH
will double its mass. Therefore, we conclude that MBHs in the presence of a mild
UV background radiation field (103 J21) are probable candidates for z = 6 SMBHs.

NH2 is a non-local quantity, but because of the high computational expenses
of determining self-shielding accurately, we have estimated the H2 self-shielding
effect by using a local approximation. This local approximation method has been
shown to be accurate within an order of magnitude only (Shang et al. 2010). Our
simulations assume a constant UV background, whichmight not be realistic since
the source of the UV radiation field and its effect on our halo depends on the po-
sition and evolution of the source. Also, our spatial resolution is 3.6 pc. Hence,
we do not resolve the region close to the MBH very well. Moreover, in this work
we did not take into account the mechanical feedback from the central MBH. Jets
that are produced by the MBH might further help to remove gas from the cen-
tral region and hence quench accretion onto the MBH. On the other hand, at the
edges of these jets, star formation might be enhanced due to the compression of
ambient gas. We will include mechanical feedback effects from the central MBH
in a follow-up paper.

Despite these caveats, our results indicate a strong interplay between theMBH
and its global environment in establishing the Magorrian relation. In particular,
the presence of a strong UV background renders a primordial atomic cooling halo
of ∼ 108 M� fragile to radiative feedback by a MBH.
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Samenvatting

“Behind it all is surely an idea so simple, so beautiful, that when we grasp it
- in a decade, a century, or a millennium - we will all say to each other,

how could it have been otherwise? How could we have been so stupid?”
John Archibald Wheeler

Astronomie is de oudste wetenschap, het heeft de menselijke nieuwsgierigheid
vanaf het begin gestimuleerd. Alle klassieke culturen, van de Babyloniërs (∼ 1600
v.Chr.) tot de Chinese en de oude Grieken, vroegen zich af hoe het Heelal, de
Aarde en de mensen zijn ontstaan. In feite komt het woord Astronomie uit het
oude Grieks en betekent het astron = ster en nomos = wet, de wet van de sterren
dus. In dit proefschrift volgen we de nieuwsgierigheid van onze voorouders en
blijven we vragen stellen met het doel de wetten van de natuur beter te begrijpen.

De overvloed aan structuur diewe vandaagdedag over onze nachtelijke hemel
verspreid zien, zoals sterrenstelsels, clusters en vele andere objecten, zijn het ge-
volg van dichtheidsfluctuaties in het zeer jonge heelal. In de huidige literatuur
wordt de theorie die het vormen van structuur in het heelal verklaart de theo-
rie van de ’gravitationele instabiliteit’ genoemd. Volgens de gravitationele insta-
biliteit theorie heeft het heelal in het begin kleine dichtheidsfluctuaties die onder
de invloed van de zwaartekrachtworden vergroot. Dit betekent dat kleine klonten
als eerste ineenstorten en structuren vormen die vervolgens grotere objecten vor-
men door samensmeltingen en de aanwas van materie. Dit proces wordt hiërar-
chisch structuur vorming genoemd.

Het kosmologische model dat vandaag de dag de observaties van deze struc-
turen het best verklaart is het zo genoemde Lambda Koude Donkere Materie
(ΛKDM) model. Volgens ΛKDM model bestaat het heelal uit 73% Donkere Ener-
gie (DE), 23% donkere materie (DM) en 4% baryonische materie. In dit model
dragen DE+DM 96% bij aan het heelal. Hun eigenschappen moeten echter nog
worden begrepen.

De natuur van DE is een grote uitdaging in kosmologie en is één van de cen-
trale interesses van actief onderzoek. Recente observaties van type Ia supernovas,
die dienen als een meetlat voor afstandsmetingen, tonen aan dat het tempo waar-
mee het heelal uitdijt toeneemt (Amanullah et al. 2010, Perlmutter et al. 1999,
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1998, Garnavich et al. 1998, Schmidt et al. 1998, Riess et al. 1998). Dit was een in-
teressant resultaat omdat men verwachtte dat het uitdijingstempo juist zou afne-
men door de zwaartekracht. Er wordt gedacht dat deze recentelijke versnelling
in de uitdijing van het heelal wordt veroorzaakt door de DE. In hoofdstuk 2 van
dit werk bestuderen we de aard van DE.We verkennen de connectie tussen de DE
dichtheid en het aantal macroscopische zwarte gaten, voorgesteld door Spaans
1997 (hierna S97). In deze innovatieve theorie word een topologie in Einstein’s Al-
gemene Relativiteitstheorie geïntroduceerd zonder de toevoeging van extra vrije
parameters. In S97 bestaat het heelal uit een raamwerk van Planck-schaal (10−33

cm) drie-tori met macroscopische zwarte gaten daar aan vastgemaakt en het is
meervoudig verbonden in de 4-dimensionale tijd-ruimte. Op deze manier wor-
den de globale eigenschappen van het heelal bepaald door lokale.

Volgens de theorie neemt DE de vorm aan van Planck-schaal zwarte gaten
die worden geïnduceerd doormacroscopische zwarte gaten in elk Planck-volume.
Daarom wordt een verandering van het aantal macroscopische zwarte gaten ge-
projecteerd op de DE dichtheid. Dit houdt in dat wanneer het aantal macrosco-
pische zwarte gaten verdubbelt van z = 2 − 1 dat dan de DE dichtheid twee keer
hoger zal zijn op z = 1 dan op z = 2. In ons werk hebben we de type II su-
pernova (SN) dichtheid in een mee-expanderend coördinatenstelsel afgeleid van
waargenomen data (Hopkins & Beacom 2006) voor de roodverschuivingen tussen
z = 6 − 0, waarbij z = 0 nu is. Hier zijn type II SNs de dood van zeer massieve
sterren met massa’s tussen 8−50 zonsmassa’s (M�). We nemen hierbij aan dat het
gros van de macroscopische zwarte gaten worden gevormd door type II SNs. Om
de relatieve verandering in het aantal macroscopische zwarte gaten te schatten
hebben we de type II SN dichtheid geïntegreerd over de tijd (z = 6 − 0) en genor-
maliseerd met de huidige waarde. In S97 correspondeert deze verandering één
op éénmet de verandering van de DEmet de tijd. We vinden dat de DE dichtheid
met een factor 5 toeneemt van z = 3−1. Dit wordt getoond in Figuur 1 waar we de
tijdsevolutie van de donkere energie dichtheid plotten (Λ). Deze toename in de
DE dichtheid kan de recente versnelling van de uitdijing van het heelal verklaren.
Ook wordt de verandering in DE dichtheid minder dramatisch en neemt deze
maar met een factor 1.5 toe van z = 1−0. Dit is consistent met de waarnemingen
waarin de stervorming piekt op z = 2−3. Omdat het gros van de macroscopische
zwarte gaten wordt gevormd door het type II SNs zien we de meest sterke veran-
dering in de DE dichtheid rond z = 3−1. Enige tijd later, wanneer de stervorming
afneemt, neemt het aantal zwarte gaten dat wordt gevormd ook af. Daarom zien
we nog maar weinig verandering in de DE dichtheid tussen z = 1−0. Sterker nog,
wanneer eenmacroscopisch zwart gat eenmaal is gevormd kan het niet meer wor-
den vernietigd. Het kan hooguit samensmelten met een ander zwart gat maar de
kans dat dat gebeurt is niet groot. Daarom neemt de DE dichtheid toe of blijft
deze gelijk met het verstrijken van de tijd.

De schoonheid van bovenstaande theorie is dat deze gemakkelijk kan worden
bevestigd of weerlegd met toekomstige waarnemingen. Op het moment zijn er
niet genoeg data waargenomen voor z > 1 om een onderscheid te maken tussen
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Figure 1 – Roodverschuivingsevolutie van Λ afgeleid van de type II SN dichtheidsdata van
Hopkins & Beacom (2006). De schaduw geeft de onzekerheid in het afleiden van de type
II SN dichtheid weer.

de verschillendeDE scenario’s. Echter, in de nabije toekomst zullen nieuwemetin-
gen met hogere precisie en nieuwe waarneemtechnieken hun licht werpen op de
natuur van de DE, en dus het heelal.

In hoofdstuk 3 bestuderen we de vorming van de eerste sterren, één van de
eerste objecten die vanuit de kleine dichtheidsperturbatieswerden gevormd in het
vroege universum. Hierbij concentreren we ons op de oorspronkelijke condities
waaronder de eerste sterren werden gevormd, hun terugkoppelingseffecten op
de omgeving en hoe ze het heelal doen oplichten en aanleiding geven tot een vol-
gende generatie van sterren en objecten in het universum. In ons werk gebruiken
we de kosmologische hydrodynamische code Enzo. Kosmologische simulaties,
gebaseerd op het ΛKDM model van hiërarchisch structuurvorming, voorspellen
dat de eerste sterren (30−300 M�) op roodverschuivingen z ∼ 20−30 zijn gevormd
in donkere materie halo’s met een massa van 106 M� (Tegmark et al. 1997, Abel
et al. 2002, Bromm et al. 2002, Yoshida et al. 2003, O’Shea & Norman 2007).

Of een ster vormt of niet hangt af van het vermogen van het interstellaire gas
om te koelen en dichte moleculaire wolken te vormen. De effectiviteit van stra-
lingskoeling wordt bepaald door de dichtheid en de chemische samenstelling van
het gas. Theoretisch gezien is de natuurkunde van de eerste sterren relatief sim-
pel in vergelijking met hedendaagse stervorming. Het oergas in het vroege uni-
versum was zonder metalen. Bij conventie noemen astronomen alle elementen
zwaarder dan Helium een metaal. Ook waren er geen magnetische velden die de
structuurvorming konden beïnvloeden. Bovendienwaren er ook geen stofdeeltjes
die de straling, uitgeproduceerd door de proto-ster of winden van andere sterren,
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aan het gas konden koppelen. Daarom hing de koeling voornamelijk af van de
abondanties van atomair en moleculair waterstof en deuterium (HD). Neutraal
atomair waterstof (H i) is de belangrijkste koeler voor temperaturen T ≥ 104 K en
moleculair waterstof (H2) domineert de koeling in een gas zonder metalen voor
200 < T < 104 (Saslaw & Zipoy 1967, Peebles 1969).

Men kan de massa van de sterren schatten door middel van het Jeans massa
(MJ) criterium. De Jeans massa geeft een maximale waarde voor een wolk die
in evenwicht kan zijn en deze massa schaalt met de temperatuur van het omrin-
gende gas als MJ ∝ T 3/2. Door waarnemingen van het nabije heelal weten we dat
de huidige stellaire massa schaal ∼ 1 M� is. Echter, door het gebrek aan metalen
in het vroege heelal waren de temperaturen in de stervormingsgebieden toen veel
hoger (T ∼ 100− 300 K) in vergelijking met het lokale heelal (T ∼ 10 K). Zoals men
kan zien volgens het MJ criterium waren daarom de eerste sterren veel massiever
(M ∼ 100 M�). De eerste sterren staan ook bekend als Populatie III (Pop III) ster-
ren. In de literatuur zijn er twee type Pop III sterren gedefinieerd: Pop III.1 zijn de
allereerste sterren die zijn gevormd uit het oergas en Pop III.2 sterren zijn de ster-
ren die zijn gevormd in een metaal-arm gas maar onder invloed van de straling
van een eerdere generatie sterren. De levensduur van de eerste sterren is erg kort
omdat ze zo massief zijn. Aan het einde van hun leven eindigen ze of als SN of ze
storten ineen tot een zwart gat. In het geval van SNs verrijken ze hun omgeving
met demetalen die nucleaire reacties in het binnenste van sterren produceren. De
initiële massa functie (IMF) van Pop III en Pop II sterren (sterren die zijn gevormd
uit een gas dat is verrijkt met metalen) is niet goed bekend omdat er een gebrek
aan waarnemingen is.

Middels simulaties van het ontstaan van de eerste sterren is het aangetoond
dat door het gebrekkige vermogen van een metaal-vrij gas om te koelen de IMF
van de eerste sterren een aantal orders van grootte meer massieve sterren bevat
dan de huidige IMF, zoals hierboven uitgelegd. De overgang van een zware IMF
voor de eerste sterren naar een lichtere IMF is dus belangrijk om te begrijpen. Om
de onderliggende natuurkunde van deze overgang te bestuderen hebben we een
aantal simulaties uitgevoerd met abondanties van 10−4, 10−3, 10−2, and 10−1 Z� en
een ultraviolet (UV) achtergrond stralingsveld van G0 = 10−1 and 10−2. We zien
dat de roodverschuiving waarop een meer-fase interstellair medium (ISM) wordt
gevormd, waarin heet ijl en koud dicht gas naast elkaar bestaan, afhangt van de
abondantie. Als UV straling afwezig is dan is deze kritieke abondantie consis-
tent met Bromm & Loeb (2003b) en Smith & Sigurdsson (2007), en is (Z/Z�)crit ∼

10−3.5. Echter de koude dichte fase is gevoelig voor de UV straling voor abon-
danties Z/Z� ≤ 10−3 en robuust voor abondanties Z/Z� ≥ 10−2. Dit word getoond in
Figuur 2 waarin we de intensiteit van het stralingsveld tegen de roodverschuiving
plotten voor de verschillende stralingsvelden en abondanties. De symbolen mar-
keren de roodverschuivingen waarop een koude dichte gasfase, waaruit de ster-
ren ontstaan, wordt gevormd. Dus het metaal-arme stervormende ISM is fragiel
onder de invloed van UV straling en de toevoeging van een constant achtergrond
stralingsveld verhoogd de kritische abondantie waarbij de Pop III−Pop II transitie
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Figure 2 – Intensiteit van het stralingsveld. Symbolen markeren de roodverschuivingen
waar een koudedichte gas fase is gevormd. Depijl vertegenwoordigt de runsmet Z/Z�=10−3

en Z/Z�=10−4, voor een stralingsveld van G0=10−1.

plaatsvindt van Zcr ∼ 10−3.5 Z� naar Zcr ∼ 10−2 Z� wanneer F0 > 10−5 erg s−1 cm−2.
Dit is in goede overeenstemming met de waardes die worden gevonden voor de
onderdrukking van H2 door Shang et al. (2010). Bovendien neemt de koelingsef-
fectiviteit van het aanwezige gas niet meer toe voor een abondantie die hoger is
dan 1% die van de zon, en de Jeans massa’s in halo’s die reeds zijn verrijkt tot
abondanties van Z/Z� = 10−2 en Z/Z� = 10−1 zijn dus vergelijkbaar.

In de literatuur zijn de eerste sterrenstelsels gedefinieerd als de halo’s die zelf-
regulerende stervorming in een meer-fase ISM kunnen ondersteunen en hierbij
het door straling verwarmde gas kunnen behouden (Dijkstra et al. 2004a,Mac Low
& Ferrara 1999, Madau et al. 2001, Oh & Haiman 2002, Scannapieco et al. 2002,
Wada & Venkatesan 2003). Waarnemingen van quasars op hoge roodverschui-
ving (z > 6) impliceren dat deze worden aangedreven door supermassieve zwarte
gaten (SMZG)metmassa’s rond de 109 M� (Fan et al. 2003, 2006a, Kurk et al. 2007).
Men denkt dat deze SMZG worden gevormd (in minder dan 1 miljard jaar) door
de aanwas van gas op kiem zwarte gaten met massa’s tussen de 102 − 105 M�.
Echter, de oorsprong van deze kiem zwarte gaten is nog een open vraag. Van-
daag de dag denkt men dat de meeste sterrenstelsels een SMZG herbergen in hun
centrum. Bovendien tonen dynamische studies van de centrale zwarte gaten in
nabije sterrenstelsels aan dat er een sterke correlatie is tussen de massa van het
zwarte gat (MBH) en de massa van de bult (de centrale bolvormige verdeling van
sterren, MB) van een sterrenstelsel (MBH

MB
∼ 10−3), de zogeheten Magorrian relatie.

Echter, de onderliggende fysica van deze relatie is nog niet goed begrepen.
In hoofdstuk 4 & 5 van dit proefschrift bekijken we de volgende vragen: Hoe

verandert het tempo van aanwas van deze centrale zwarte gaten door de tijd heen?
Wat zijn de effecten van X-ray bestraling door actieve kernen (AK) op het omrin-
gende gas? Hoe veranderen de relatieve bijdragen van AK en supernova feedback

119



Samenvatting

door de tijd heen? Om deze vragen te beantwoorden hebben we kosmologische
simulaties gedaanmet de Enzo code. In deze code hebbenwe de X-ray chemie ge-
bied (XDR) code van Meijerink & Spaans (2005) geïmplementeerd. We gebruiken
de stralingstransport module Moray om het stralingstransport voor een polychro-
matisch spectrum te berekenen. In de omgeving van een zwart gat is de imple-
mentatie van de X-rays het belangrijkste punt. Omdat de aanwas van gas op het
centrale zwarte gat een heldere bron van X-ray, UV en optische fotonen veroor-
zaakt. Hier drijven de UV en X-ray straling de chemische samenstelling van het
aanwassende en stervormende gas en ze beïnvloeden de thermodynamica van het
ISM. Slechts 10% van de straling van het centrale zwarte gat wordt uitgestraald in
de vorm van X-rays. Echter, omdat de X-rays niet erg sterk interageren met ma-
terie (men noemt dit een kleine interactie-doorsnede) dringen ze veel dieper in
het medium door en dus beïnvloeden ze het omringende gas op grotere straal
dan de UV fotonen. In ons werk worden voor de eerste keer de interacties tussen
de X-rays en metalen meegenomen in de berekeningen.

Als een bewijs van concept, om te begrijpenwat de X-raysmet het omringende
gas doen, hebben we twee simulaties gedaan. In die simulaties plaatsen we een
zwart gat in het centrum van onze halo met een massa van 5 × 104 M� op z=15.
Het verschil tussen de twee runs was uitsluitend de abondantie van het omrin-
gende gas waarbij we in de ene run een gas met een metaal abondantie van 0
hebben (hierna XDRZ) en in de andere run een abondantie gelijk aan die van de
zon (hierna XDRS). We zien dat in de XDRZ run de X-rays een H ii gebied vormen.
Dit komt omdat de X-rays een kleine interactie-doorsnede hebbenmet gas zonder
metalen en dus dringen ze diep door in het medium en deponeren ze hun energie
op grote afstand. Bovendien veegt dit door de X-rays veroorzaakte H ii gebied, dat
een snelheid heeft van enkele 100 km s−1, het gas uit het centrale deel en verhin-
dert het de aanwas van materie op het centrale zwarte gat. Echter in de XDRS run
zien we dat in het begin er geen H ii gebied vormt. Dit komt omdat de X-rays op
kleinere afstand worden geabsorbeerd door het met metalen verrijkte gas, en dus
deponeren ze hun energie uitsluitend lokaal. Daarom is er nog steeds veel mate-
riaal dat kan zorgen voor de groei van het centrale zwarte gat. Dit wordt getoond
in figuur 3 waar we dichtheid-temperatuur fase diagrammen tonen van de XDRS
(links) en XDRZ (rechts) runs, ongeveer 12 miljoen jaar nadat we het zwarte gat
hebben toegevoegd.

In hoofdstuk 5 onderzoeken we de mogelijke voorlopers van de SMZGs die
we zien op z ∼ 6. In de literatuur zijn er 2 mogelijke scenario’s: a) Stellaire kiem
zwarte gaten: de overblijfselen van de zeer massieve eerste sterren met massa’s
van 102−4 M�, b) Singuliere ineenstorting: waarbij een atomair koelende halo di-
rect ineenstort en een 104−6 M� zwart gat vormt. In ons werk simuleren we het
laatste scenario. Om een zwart gat te vormen door middel van singuliere ineen-
storting van een atomaire halomoet de vorming vanH2 worden onderdrukt zodat
fragmentatie wordt voorkomen. We doen twee simulaties en in deze simulaties
zetten we de recepten voor de vorming van Pop III en Pop II/I sterren aan en ne-
men we hun feedback effecten mee in de berekeningen. Het enige verschil tussen
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Figure 3 – Dichtheid-temperatuur fase diagrammen voor een bol van 200 pc diameter voor
de XDRS (links) en XDRZ (rechts) runs op z = 14.54, 12 miljoen jaar nadat we het zwarte gat
hebben toegevoegd.

de twee simulaties is dat we in de één een UV achtergrond stralingsveld van 103

J21 (hierna BG3) hebben en in de andere 105 J21 (hierna BG5), met J21 = 10−21 erg s−1

cm−2 sr−1 Hz−1. We zetten het Lyman-Werner (LW, E = 11.2−13.6 eV) achtergrond
stralingsveld aan op z = 30. Recent werk door Wolcott-Green et al. (2011) heeft
aangetoond dat zulke JLW waarden genoeg zijn om onze halo H2 vrij te houden.
Op z = 15 voegen we ons zwarte gat met een massa van 5 × 104 M� toe. We zien
dat in het geval van BG5 de sterke UV achtergrondstraling H2 effectiever foto-
dissocieert dan in het BG3 geval. Daarom is in de BG5 run de H2 fractie in de
centrale 100 pc zo laag als ∼ 10−8 terwijl in de BG3 run deze 10−6 is. Bovendien
vormen er in de BG5 run geen Pop III sterren tot op zijn minst z = 11. Echter,
in het geval van BG3 vormen de eerste Pop III sterren onmiddellijk nadat we het
massieve zwarte gat (MZG) toevoegen (0.265 Myr later). Dit komt doordat voor
z = 15 de H2 abondantie al ∼ 2 ordes van grootte hoger was dan in het BG5 geval.
Bovendien stimuleert de X-ray ionisatie de vorming van H2 via de H− route, en in
ongeveer 0.3 Myr heeft de H2 abondantie een waarde bereikt waarbij het voldoet
aan ons criterium voor Pop III vorming van 5 × 10−4. Dit wordt getoond in figuur
4 waar we het 2D profiel van de H2 abondantie tegen de straal plotten voor de
BG5 (boven) en BG3 (onder) gevallen op z = 14.95 (links), 14.86 (midden), 14.78
(rechts). De horizontale continue lijn in elke plot vertegenwoordigt de H2 fractie
drempel voor Pop III ster formatie.

We zien dat X-ray feedback en de groei van zwarte gaten zelfregulerend is.
Wanneer het centrale zwarte gat aanwast versterkt het deX-ray straling. Dit onder-
drukt vervolgens de aanwas van materie op het zwarte gat en daarom verzwakt
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Figure 4 – 2D profiel van deH2 abondantie tegen straal voor de BG5 (boven) en BG3 (onder)
gevallen op z = 14.95 (links), 14.86 (midden), 14.78 (rechts).
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Figure 5 – Aanwas en de overeenkomstige totale energieproductie van het centrale zwarte
gat tegen de tijd wordt geplot voor de BG5 (links) en BG3 (rechts) runs.

de X-ray straling. Dan kan er weer meer materie op het zwarte gat vallen en dus
neemt de X-ray straling weer toe. Bovendien is in het geval van BG5 de aanwas
∼ 10−6 M� yr−1 2Myr nadat we deMZG toevoegen in het centrum van de halo. Dit
komt overeenmet een totale energieproductie van 2×1053 erg over 1Myr voor een
efficiëntie van 10% Eddington; dit is ongeveer hetzelfde als de energie die wordt
geproduceerd door 200 SNs. Dit wordt getoond in figuur 5 waar de aanwas en
de overeenkomstige totale energieproductie van het centrale zwarte gat tegen de
tijd wordt geplot voor de BG5 (links) en BG3 (rechts) runs. Wanneer de eerste SN
afgaat in de BG3 run, wordt hetmedium verrijkt metmetalen. Deze verrijkingmet
metalen versterkt de instroom van materie naar het centrale zwarte gat door het
gas efficiënt te koelen. Daarom is de aanwas na 1 Myr 10−3 M� yr−1 in de BG3 run,
wat ongeveer 3 orders van grootte meer is dan in het BG5 geval, zie figuur 5. De
BG5 run blijft vrij vanmetalen en dus is de reactietijd van het aanwezige gas op de
X-ray feedback langer dan in de BG3 run. De groei van het zwarte gat wordt dus
voldoende onderdrukt door de X-ray feedback. Daarom lijkt het onwaarschijnlijk
dat het gros van de SMZG op z ∼ 6 is gevormd door de directe ineenstorting van
een atomaire halo met een massa van 108 M� onder de invloed van een sterk UV
achtergrond stralingsveld van 105 J21. Anderzijds, in het geval van de BG3 run is
de groei van het centrale zwarte gat veel sneller. Dit kanmen zien in figuur 6waar
we de groei van het zwarte gat tegen de tijd plotten. Daarom concluderen we dat
centrale zwarte gaten in een milder UV achtergrond stralingsveld waarschijnlijke
kandidaten zijn voor de z = 6 SMZG.

In dit proefschrift maken we een grote stap voorwaarts om de aard van het
heelal en de wegen die naar de vorming van SMZG leiden te begrijpen. Er zijn
echter nog vele open vragen: Is het mogelijk om deze SMZG van stellaire kiem
zwarte gaten temaken? Hoe veelvoorkomend zijn deze singuliere ineenstortingen
tot zwarte gaten? Hoe veranderen de relatieve contributies van AK en SN feed-
back op het gastheer sterrenstelsel door de tijd heen? Wat drijft de Magorrian re-
latie? We beogen om in de nabije toekomst simulaties te doen met daarin stellaire
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Figure 6 – Groei van het centrale zwarte gat voor de BG5 (gestreepte lijn) en BG3 (continue
lijn) runs.

kiem zwarte gaten en X-ray feedback effecten. Bovendien kan men, om uit te vin-
den hoe vaak singuliere ineenstortingen tot zwarte gaten voorkomen, simulaties
doenmet een groter volume (100Mpc/h) met een resolutie hoog genoeg om de X-
ray fysica te onderscheiden. Ook zouden we deze simulaties moeten laten lopen
tot z = 2−3 zodat we de onderliggende fysica van de Magorrrian relatie en het
samenspel tussen AK en SN feedback kunnen bestuderen. In de volgende decen-
nia,met nieuwewaarneemtechnieken en instrumenten en toenemende rekenkracht,
krijgen we de kans om een glimp op te vangen van de eerste momenten van het
heelal en dit zal meer licht werpen op haar aard. Dit maakt het mogelijk voor ons
om de bestaande theoriëen en ons huidige begrip van het heelal te testen. Zoals
sir Eddington al zei: "We should be unwise to trust scientific inference very far
when it becomes divorced fromopportunity for observational test”. Oftewel, "Het
zou onverstandig zijn omwetenschappelijke gevolgtrekking erg te vertrouwen als
deze te ver wordt gescheiden van de mogelijkheid om haar met waarnemingen te
toetsen".

124



Summary

“Behind it all is surely an idea so simple, so beautiful, that when we grasp it
- in a decade, a century, or a millennium - we will all say to each other,

how could it have been otherwise? How could we have been so stupid?”
John Archibald Wheeler

Astronomy is the oldest science, it has incited human curiosity from the begin-
ning. All the ancient cultures, from the Babylonians (∼ 1600 B.C.) to the Chinese
and Greeks, were questioning how the universe, the earth and humans came into
existence. In fact, the word ’Astronomy’ comes from Greek and means astron =

star and nomos = law, so law of the stars. In this thesis, we follow the curiosity of
our ancestors and continue asking questions in order to better our understanding
of the laws of nature.

The wealth of structures we observe today, such as galaxies, clusters andmany
other objects which are spread over our night sky, are the result of primordial den-
sity fluctuations. In the current literature, the theory that explains the formation
of structure in the universe is called the ’gravitational instability theory’. Accord-
ing to the gravitational instability theory the universe has small fluctuations in
the beginning and these density fluctuations are amplified under the influence of
gravity. This means that small clumps are the first to collapse and form structures
and then they build up larger structures by mergers and the accretion of matter.
This process is called hierarchical structure formation.

The cosmologicalmodel that currentlymatches the observations of those struc-
tures best is the so called LambdaColdDarkMatter (ΛCDM)model. According to
the ΛCDMmodel the universe consists of 73% dark energy (DE), 23% darkmatter
(DM), and 4% baryonic matter. In this model, DE+DM contribute to 96% of the
universe. However, their nature is still to be understood.

The nature of DE is a major challenge in cosmology and is one of the cen-
tral interest of active research. Recent observations of type Ia supernovae, which
serve as rulers for distance measurements, have shown that the rate of the cos-
mic expansion of the universe is accelerating (Amanullah et al. 2010, Perlmutter
et al. 1999, 1998, Garnavich et al. 1998, Schmidt et al. 1998, Riess et al. 1998). This
was an interesting result, because the growth rate of the universe was expected
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to slow down due to the gravitational attraction. This recent-time acceleration
in the expansion of the universe is thought to be caused by DE. In chapter 2 of
this work, we study the nature of DE. We explored the connection between the
DE density and number of macroscopic black holes, proposed by Spaans (1997)
(hereafter S97). In this novel theory, a topology is introduced to Einstein’s theory
of GR without the addition of any free parameters. In S97, the universe is made
up of a lattice of Planck scale three-tori with macroscopic black holes attached to
it, and is multiply-connected in 4 dimensional space-time. This way, the global
properties of the universe determine local ones.

According to the theory, DE takes the form of Planckian black holes that are
induced by macroscopic black holes in every Planckian volume. Therefore, the
change in the number of macroscopic black holes with time is projected onto the
DE density such that, if the number of macroscopic black holes doubles from
z = 2 − 1 then the DE density will be twice higher at z = 1 than z = 2. In our
work, we used the co-moving type II supernova (SN) rate density derived from
the observational data (Hopkins & Beacom 2006) for redshifts between z = 6 − 0,
where z = 0 corresponds to now. Here, type II SN are the death of a very massive
stars with masses between 8−50 solar masses (M�). In this, we assume that the
bulk of the macroscopic black holes are formed from the type II SNe. We inte-
grated the type II SN rate density over time (z = 6−0) and normalized it to todays
value in order to estimate the relative change in the number of macroscopic black
holes. In S97, this change corresponds directly to the change of the DE density
with time. We find that, the DE density increases by a factor of 5 from z=3-1. This
is shown in Figure 1, where we plot the time evolution of dark energy density
(Λ). Hence, this boost to the DE density density can explain the recent-time ac-
celeration of the universe. Furthermore, the change in DE density becomes less
dramatic and increases only by a factor of 1.5 from z = 1−0. This is consistent with
observational data where the star formation rate peaks at z = 2 − 3. Because, the
bulk of the macroscopic black holes are formed by type II SNe, we see the most
violent change in DE density around z = 3 − 1. Later on when the star formation
rate goes down, so does the number of black holes that are formed. Therefore, we
do not see much change in the DE density between z = 1 − 0. Moreover, when a
macroscopic black hole is formed it cannot be destroyed. It can only merge with
another black hole but the probability of such an event is not so high. Hence, the
DE density of the universe either increases with time or stays the same.

The beauty of the above theory is that it can easily be confirmed or disproved
with upcoming observations. At the moment, there is not enough observational
data for z > 1 in order to distinguish between possible DE scenarios. However,
in the near future new higher precision measurements and new observational
techniques will shed light on the nature of DE, hence the universe.

In chapter 3, we study the formation of the first stars, one of the first objects that
is formed through the small density perturbations in the early universe. In this, we
focus on the initial conditions in which the firsts stars are formed, their feedback
effects on to surroundings, and how they enlighten the universe and give birth to

126



Summary

Figure 1 – Redshift evolution of Λ derived from the type II SN rate data of Hopkins &
Beacom (2006). The shading represents the observational uncertainty in deriving the type
II SN rate.

further generations of stars and objects in the universe. In our work, we use the
cosmological, hydrodynamical simulation code Enzo. Cosmological simulations,
based on the ΛCDM model of hierarchical structure formation, predict that the
first stars (30 − 300 M�) have formed at redshifts z ∼ 20 − 30, in dark matter halos
with masses of 106 M� (Tegmark et al. 1997, Abel et al. 2002, Bromm et al. 2002,
Yoshida et al. 2003, O’Shea & Norman 2007).

The formation of a star depends on the ability of interstellar gas to cool and
form dense molecular clouds. And the efficiency of radiative cooling is deter-
mined by the density and the chemical composition of the gas. Theoretically, the
physics of the first stars is rather simple compared to the physics of present day
star formation. The primordial gas in the early universe was metal free. Here,
astronomers call metals all the elements heavier than He, and there were no mag-
netic fields that could affect the formation of structure. Moreover, there were
no dust grains to couple the gas to radiation emitted by the protostar or winds
from other stars. Therefore, cooling depends mostly on the abundances of atomic
and molecular H, and deuterium, HD. Neutral atomic hydrogen, H I, is the ma-
jor coolant for temperatures T ≥ 104 K, and molecular hydrogen, H2, dominates
cooling in a metal free gas for 200 < T < 104 (Saslaw & Zipoy 1967, Peebles 1969).

One can estimate the mass of the stars from the Jeans mass (MJ) criterion. The
Jeans mass gives a maximummass value for a cloud that can be in an equilibrium
and it scales with the temperature of the ambient gas as MJ ∝ T 3/2. From obser-
vations of the nearby universe we know that the present day stellar mass scale is
1 M�. However, because of the lack of metals in the early universe, temperatures
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of the star forming regions were much higher (T ∼ 100 − 300 K) compared to the
local universe (T ∼ 10 K). Hence, as one can see from the MJ criterion the first
stars were much more massive (M ∼ 100 M�). The first stars are also known as
Population III (Pop III ) stars. There are two types of Pop III stars defined in the
literature: Pop III.1, corresponds to the first stars that are ever formed from the
primordial gas and Pop III.2, the stars that are formed from metal-poor gas but
under influence of the radiation from a previous generation of stars. The lifetimes
of the first stars are very short due to their high masses. And they end their lifes
either as supernova explosions or they collapse into a black hole. In the case of
SNe, they enrich their surroundings by the metals that are produced in the core
of stars through the nuclear reactions. The initial mass function (IMF) of Pop III
stars and Pop II stars (stars that are formed from metal enriched ambient gas) is
poorly known due to a lack of observations.

In simulations of the formation of the first stars, it has been shown that, due
to the limited ability of metal-free primordial gas to cool, the IMF of the first stars
is a few orders of magnitude more massive than the current IMF, as explained
above. The transition from a high-mass IMF of the first stars to a lower-mass cur-
rent IMF is thus important to understand. To study the underlying physics of this
transition, we performed several simulations for metallicities of 10−4, 10−3, 10−2,
and 10−1 Z� and ultraviolet (UV) background radiation fields of G0 = 10−1 and
10−2. We find that the redshift at which a multi-phase interstellar medium (ISM)
is established, where hot-diffuse and cold-dense gas co-exists, depends on metal-
licity. In the absence of UV radiation, this critical metallicity is consistent with
Bromm & Loeb (2003b) and Smith & Sigurdsson (2007), and is (Z/Z�)crit ∼ 10−3.5.
However, the cold dense gas phase is fragile to UV radiation for metallicities of
Z/Z� ≤ 10−3 and robust to UV radiation for metallicities of Z/Z� ≥ 10−2. This is
shown in Figure 2, where we plot radiation field strength versus redshift for dif-
ferent metallicity and UV background radiation field. Symbols mark the redshifts
to show when a cold dense gas phase is formed, from which new stars will form.
Thus, the metal-poor star-forming ISM is fragile to UV radiation, and inclusion
of a constant radiation background raises the critical metallicity value for the Pop
III−Pop II transition from Zcr ∼ 10−3.5 Z� to Zcr ∼ 10−2 Z� when F0 > 10−5 erg s−1

cm−2. This is in good agreement with the values that are found for the suppres-
sion of H2 by Shang et al. (2010). Furthermore, above a metallicity of 1% solar
the cooling efficiency of ambient gas no longer increases with a rise in metallic-
ity (Spaans & Meijerink 2008), and therefore the Jeans masses in halos that are
pre-enriched to metallicities of Z/Z� = 10−2 and Z/Z� = 10−1 are comparable.

In the literature, the first galaxies are defined as the halos that can maintain
self-regulated star formation in a multi-phase ISM and retain gas photoheated by
the first stars (Dijkstra et al. 2004a, Mac Low& Ferrara 1999, Madau et al. 2001, Oh
&Haiman 2002, Scannapieco et al. 2002, Wada & Venkatesan 2003). Observations
of high redshift (z > 6) quasars suggest that they are powered by SMBHs with
masses on the order of 109 M� (Fan et al. 2003, 2006a, Kurk et al. 2007). These
SMBHs are thought to be formed (in less than 1 billion years) through the accretion
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Figure 2 – Radiation field strength vs. redshift. Symbols mark the redshifts where a
cold dense gas phase is established. The arrow represents the runs with Z/Z�=10−3 and
Z/Z�=10−4, for a radiation field of G0 = 10−1, which do not develop a cold dense gas phase
before z = 5.

of gas onto seed black holes of masses between 102 − 105 M�. However, the origin
of these seed black holes is still an open question. Most galaxies today are believed
to host supermassive black holes (SMBHs) in their centers. Moreover, dynamical
studies of the central black holes of galaxies in the local universe have shown that
there is a tight correlation between black hole mass (MBH) and the bulge mass
(MB) of a galaxy (MBH

MB
∼ 10−3), the so called Magorrian relation. However, the

underlying physics of this relation is not well understood.
In chapters 4 & 5 of this thesis, we address the following questions: How does

the accretion rate of these central black holes evolve through cosmic time? What
are the effects of X-ray irradiation from active galactic nuclei (AGN) on the ambi-
ent gas? How do the relative contributions of AGN and supernova feedback on
the host galaxy evolve through time? In order to answer these questions we per-
form cosmological simulations by using the Enzo code in which we implemented
the X-ray dominated region (XDR) code of Meijerink & Spaans (2005). And we
use the radiation transport module Moray to calculate the radiative transfer for a
polychromatic spectrum. Here, the implementation of X-rays are the key point.
Because the accretion of gas onto the central black hole yields a luminous source
of X-ray, UV, and optical photons. In this, UV and X-ray radiation drive the chem-
istry of the accreting and star-forming gas, and affect the thermodynamics of the
ISM. Here, only 10% of the radiation from the central black hole is emitted in X-
rays however, because X-rays have smaller cross-sections they penetrate further
into the medium and influence the ambient gas at larger radii than UV photons.
In our work, for the first time, the interactions of X-rays with the metals are taken
into account.

As a proof of concept, to understand what X-rays do to the ambient gas, we
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Figure 3 – Density-temperature phase diagrams within a sphere of 200 pc diameter for the
XDRS (left) and XDRZ (right) cases at z = 14.54, 12 million years after we insert the black
hole.

perform two simulations. In those simulations, we inserted a black hole into the
center of our halo with a mass of 5 × 104 M� at z = 15. The differences in between
the two runs was only the metallicity of the ambient gas where in one run we
have a zero metallicity gas (hereafter XDRZ) and in the other run we have solar
metallicity gas (hereafter XDRS). We find that, in the XDRZ run, an X-ray induced
H II region is formed. This is because the X-rays have small cross-scetions with
a zero metallicity gas, hence penetrates further into the medium and deposit its
energy at larger radii. Furthermore, this X-ray induced H II region, which has a
velocity of a few 100 km/s, sweeps out the gas from the central region and hence
quenches the accretion of matter onto the black hole. However, in the XDRS run,
we see that in the beginning there is no H II region formed. This is because, X-
rays are attenuated by the metal enriched gas at smaller radii, and so they deposit
their energy only locally. Therefore, there is still a lot ofmatter for the central black
hole to accrete and grow. This is shown in Figure 3, where we plot the density-
temperature phase diagrams of the XDRS (left) and XDRZ (right) runs, roughly 12
million years after we insert the black hole.

In chapter 5, we investigate the possible hosts of the SMBHs that we see at
z ∼ 6. In the literature there are two plausible scenarios: a) Stellar seed black
holes: remnants of the very massive first stars with masses of 102−4 M�, b) Sin-
gular collapse: where an atomic cooling halo directly collapses and forms a 104−6

M� black hole. In our work, we simulate the later scenario. In order to form a
black hole through singular collapse of an atomic halo one needs to suppress the
formation of H2 and hence the fragmentation. We perform two simulations and
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in these simulations we turn on the star formation recipes for Pop III and Pop II/I
stars and take into account their feedback effects. The only difference between the
two runs is that one has a UV background radiation of 103 J21 (hereafter BG3) and
another one has 105 J21 (hereafter BG5), where J21 = 10−21 erg s−1 cm−2 sr−1 Hz−1.
We turn on the Lyman-Werner (LW, E = 11.2-13.6 eV) background radiation field
at z = 30. Recent work by Wolcott-Green et al. (2011) has shown that such JLW
values are sufficient to keep our halo almost H2 free. At z=15, we insert our black
hole with a mass of 5 × 104 M�. We find that in the BG5 case the strong UV back-
ground photo-dissociates H2 more efficiently than in the BG3 case. Therefore, in
the BG5 run the H2 fraction in the central 100 pc is as low as ∼ 10−8, whereas in the
BG3 run it is 10−6. Furthermore, in the BG5 case no Pop III stars are formed until
at least z = 11. On the other hand, in the BG3 case, right after we insert the MBH
(0.265 Myr later), the first Pop III stars form. This is because prior to z = 15 the
H2 abundance in the BG3 case was already ∼ 2 orders of magnitude higher than
in the BG5 case. Moreover, X-ray ionization drives the formation of H2 through
the H− route, and in about 0.3 Myr it has reached a value where it meets our Pop
III formation criterion of 5 × 10−4. This can be seen in Figure 4, where we plot 2D
profile of H2 fraction with respect to radius for the BG5 (top) and BG3 (bottom)
cases at z = 14.95 (left), 14.86 (middle), 14.78 (right). The horizontal solid line in
each plot represents the H2 fraction threshold for Pop III star formation.

We also find that X-ray feedback and black hole growth are self-regulating.
When the central black hole accretes matter it enhances X-ray radiation. This in
return quenches further accretion of matter onto the black hole and hence, X-ray
radiation weakens. Then, matter starts falling onto the black hole again and X-
ray feedback is strengthened. Furthermore, 2 Myr after we insert the MBH into
the center of our halo, the accretion rate in the BG5 case is ∼ 10−6 M� yr−1. This
corresponds to a total energy production of 2×1053 erg over 1Myr for an efficiency
of 10% Eddington, which is about the same as the energy produced by 200 SNe.
This is shown in Figure 5, where we plot accretion rate and the corresponding
total energy production of the central black hole over time for the BG5 (left) and
BG3 (right) runs. Furthermore, when the first SNe goes off in the BG3 case, the
medium is enriched by the metals. This metal enrichment enhances the inflow
of matter onto the central black hole by cooling the gas efficiently. Hence, the
accretion rate in the BG3 run after 1 Myr is 10−3 M� yr−1, which is 3 orders of
magnitude higher than in the BG5 case, see Figure 5. The BG5 run stays metal-
free and hence, the response time of ambient gas to X-ray feedback is longer than
in the BG3 case. Thus, the growth of the black hole is sufficiently suppressed by
the X-ray feedback. Therefore, it seems unlikely that the bulk of the SMBHs at
z ∼ 6 is formed through the direct collapse of an 108 M� atomic halo under the
influence of a strong 105 J21 UV background radiation field. On the other hand,
in the BG3 case the growth of the central black hole is more rapid. This is seen in
Figure 6, whereweplot the black hole growth versus time. Therefore, we conclude
that central black holes in the presence of a milder UV background are probable
candidates for z = 6 SMBHs.
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Figure 4 – 2Dprofile ofH2 fractionwith respect to radius for the BG5 (top) and BG3 (bottom)
cases at z = 14.95 (left), 14.86 (middle), 14.78 (right).

Figure 5 –Accretion rate and the corresponding total energy production of the centralMBH
over time for the BG5 (left) and BG3 (right) runs.
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Figure 6 – Growth of the central black hole for the BG5 (dashed line) and BG3 (solid line)
cases.

In this thesis, we make a step forward in understanding the nature of the uni-
verse and the pathways that lead to the formation of SMBHs in the early universe.
However, there are still many open questions: Is it also possible to form these
SMBHs through stellar seed black holes?, How common are these direct collapse
black holes?, How do the relative contributions of AGN and SN feedback on the
host galaxy evolve through time? What drives the observed Magorrian relation?
In the near future, we are planning to perform simulations with stellar seed black
holes including the X-ray feedback effect. Moreover, in order to find out how
common this direct collapse black hole scenario is, one can run simulations with
much bigger box sizes (100Mpc/h) with high enough resolutions to resolve X-ray
physics. Also, we should perform these high resolution simulations until z = 2−3
to address the underlying physics of the observed Magorrian relation and the in-
terplay between AGN and SN feedback. In the next few decades, with new ob-
servational techniques and instruments, and increasing computational power, we
will have an opportunity to have a glimpse at the earliest moments of the universe,
which will enlighten us about its nature. This will enable us to test the existing
theories and our current understanding of the universe. As sir Arthur Eddington
says: “We should be unwise to trust scientific inference very far when it becomes
divorced from opportunity for observational test”.
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