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High Mass X-ray Binaries: The Donor Stars and their Compact 

Companions 

Amira Val Baker 

Abstract 

This thesis presents new spectroscopic observations of the donor star in several 

High Mass X-ray Binary systems. The various types of X-ray Binary systems 

that exist are outlined and the methods and limitations of mass determination 

of the stellar components are discussed. The masses of the compact objects are 

determined for the systems SMC X-I and LMC X-3. In both cases the heating 

of the donor star by the X-ray source is taken into account and its importance 

demonstrated. 

In the case of SMC X-I, we determine the radial velocity semi-amplitude of 

Sk 160 to be 24.7 ± 1.9 km S-1. Assuming Sk 160 fills its Roche-lobe we obtain 

upper limits for the mass of the neutron star as Mx = 1.36 ± 0.10, and by 

assuming that the system is seen edge on we obtain lower limits for the masses 

of the neutron star as Alx = 1.05 ± 0.09 Mev. However, based on the model 

predictions of Timmes et al. (1996), it is concluded that the mass lies in the 

upper end of the heating corrected mass determinations. 

In the case of LMC X-3 the spectral type of the donor star is observed to change 

with phase due to irradiation by the X-ray source. We find the spectral type 

is likely to be B5V, and only appears as B3V when viewing the heated side of 

the donor. Combining our measurements with those previously published, and 

taking into account the effects of X-ray irradiation, results in a value for the 

donor star radial velocity semi-amplitude of Ko = 256.7±4.9 km S-I. Assuming 

an inclination of 50° ~ i ~ 70° we find the mass of the black hole lies in the 

range 9.5 ± 1 Mev ~ Mx ~ 13.2 ± 1 Mev· 

The idea of using these mass determination techniques as a tool for detecting 

potential black hole/Be star XRB systems is presented and the radial velocities 

for seven such systems are determined. Of these, one system, LS 4356 shows a 

radial velocity variation large enough (Le. rv 95 km s-1) to indicate the presence 

of a black hole. If the compact companion is confirmed as a black hole, it will 

make LS 4356 the first known black hole/Be XRB. Finally the emission lines 
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observed in the spectra of two Be XRBs, X Per and A0535+26 are analysed and 

compared to the previous studies of Clark et al. (2001) and Grundstrom et al. 

(2007). The Ho emission line profiles are discussed in terms of their evolution 

with time and the changing state of the circumstellar disc, thereby confirming 

and adding to the long term data set. The emission line profiles of the other 

spectral lines, namely H{1, H-y, He 15876, He I 6678 and He 17065, are presented 

and compared with that of Ho. 
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Chapter 1 

Introduction 

This thesis looks into mass determinations of the compact components of High 

Mass X-ray Binaries (HMXB). This first chapter outlines the various types 

of X-ray Binary (XRB) systems that exist and discusses how the masses of 

the stellar components can be found along with the problems encountered in 

the different types of systems. The 2nd chapter outlines the data reduction 

techniques, the individual techniques used for the overall mass determination, 

and the methods used to overcome encountered problems. Chapters 3 and 4 

introduce, present and discuss the results of the mass determinations of the 

two main systems of study in this thesis, SMC X-I and LMC X-3. The results 

for each system have already been published as Val Baker et al. (2005) and 

(2007) respectively. Chapter 5 discusses the theory behind the existence of 

black hole/Be star XRBs and presents the idea of using mass determination 

techniques as a tool for identifying such systems. The results of the analysis of 

seven potential black hole/Be star XRBs is presented and discussed, along with 

the conclusions made. Chapter 6 discusses the more common neutron star IBe 

star XRB systems, with reference to their circumstellar discs. The evolution of 

the emission lines originating from the circumstellar disc of the two systems, X 

Per and A0535 is presented and compared to previous studies. Finally Chapter 

7 will finish with a discussion on the potential for future work related to this 

thesis. The future work suggested in Section 7.1.2 is based on a proposal for 

time on the Very Large Telescope (VLT) which was written by A. J. Norton, but 
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with input frol11 me. That proposal has now been awarded time, for observat ions 

to be done in 2008. 

1.1 Overview of X-ray binaries 

Interacting binary stars are binary systems in which mass transfer from one star, 

known as the donor star, to its companion star has occurred. l\Iass transfer is 

known to happen in one of two ways. Firstly the donor star may eject some of its 

mass in the form of a ste llar wind, such that material is able to be grav itationally 

accreted by the companion, refer to Figure 1.1. Such a scenario usua ll y happens 

when both stars are well within their Roche-lobes. Secondly, if the donor star 

expands or if the binary separation shr inks such that the donor star is filling 

its Roche-lobe, then the gravitational potential energy of the companion star is 

ab le to accrete matter from the donor star's outer layers, refer to Figure 1.2. 

Figure 1.1: Art.ist impression of acc retion via a stellar wind (@NASA, 

http: // imagine.gsfc .nasa.gov). 

If the companion star has a radius smaller than the circular ization radius, like 

that of a white dwarf, a neutron star or a black hole, the accreting matter will 

be forced into a circular orbit which eventua lly spreads out to form a Rat disc of 

gas around the companion tar, known as an accretion disc. As the gas from the 

accretion disc hrinks deeper and deeper into the gravitationa l potential well of 
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Figure 1.2: Artist impression of accretion via Roche-lobe overAow (©Mark 

Garlick, http: //www.space-art.co.uk). 

the companion star. the disc heats up through viscous dissipation as angular 

momentum is transported outwards and matter inwards. The energy released 

in this accretion process is given by: 

E _ GMrn 
aee - R (1.1 ) 

where G is the Gravitational constant, AI is the mass of the accreting star, m 

is the mass accreted and R is the stellar radius. Thus the accretion luminosity 

is: 

(1.2) 

where XI is the mass accretion rate and Tf is the accretion efficiency parameter. 

The accretion rate in close binary systems involving compact stars is typically 

of the order 1016 _ 10 19 l\l0 yr - 1 , resulting in accretion luminosities of the order 

1.3 x 1033 erg S- 1 and 1.3 x 1036 erg S - l for white dwarfs and neutron stars 

respectively. In the case of black hole systems the dimensionless quantity Tf is 

introduced to account for the uncertainty in the size of the region into which 

matter falls. Assuming 0 ~ Tf ~ 1 (i.e. compared to 17 '" 0.2 for a neutron 

star and Tf '" 2 X 10- 4 for a white dwarf) we see that for a black hole Laee 
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is of the order 1035
-

36 erg S-1. The inner regions of the accretion disc are 

optically thin and emit thermal bremsstrahlung radiation, whereas the cooler 

outer regions of the disc are optically thick and emit blackbody radiation at a 

range of temperatures. The temperature of the disc is therefore given in terms 

of both the black body temperature and the thermal temperature: 

GMmp 
Tth = 3kR 

(1.3) 

(1.4) 

where a is the Stefan-Boltzman constant, mp is the proton mass and k is the 

Boltzman constant. The temperature of the emitted radiation (Trad = hI/k, 
where h is Planck's constant and I is the frequency), will therefore lie between 

these values i.e. n :s Trad :s Tth· 

In the case of compact companions such as neutron stars and black holes, as 

Equations 1.1 - 1.4 illustrate, the loss of gravitational potential energy is so 

great, that the material is heated up to tens of millions of kelvin causing the 

stellar matter to emit high energy radiation such as X-rays. Such systems, 

known as X-ray binaries (XRBs), constitute the brightest class of X-ray sources 

in the sky and are therefore perfect laboratories for studying these high density 

objects. (Frank et al. 2002). 

Since the discovery of the first XRB, Sco X-I (Giacconi et al. 1962), multi

wavelength observations of these systems, particularly in the X-ray and the 

optical, have led to a greater understanding of the nature of their emission and 

enabled us to determine many of their fundamental characteristics. For example 

photometric observations made in the optical can give us the orbital period of 

the system, and can also show us if the system is eclipsing. Likewise X-ray 

photometry can reveal the orbital period in the form of periodically recurring X

ray outbursts, absorption features, or X-ray eclipses. If the compact companion 

is an X-ray pulsar, then X-ray pulsations can reveal the spin period of the 

neutron star. In addition, Doppler shifted pulsations can also reveal the periodic 

change in speed of the neutron star in its orbit and hence allow the orbital period 

and projected size of the orbit to be measured. The spectral type of the donor 
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star can be determined from optical spectroscopy which in turn gives us the 

donor star's temperature and luminosity class. The variations observed in the 

spectral lines can give us the radial velocity variations from which we are able 

to infer the binary motion and in some cases the donor star's mass which we 

are then able to use to determine the mass of the compact companion and the 

geometry of the accretion flow. 

The mass accretion rate greatly influences the geometry of the accretion flow 

and hence the X-ray luminosity, Lx, of the system such that the X-ray spectra 

either appear in the high/soft state or the low/hard state. With the former 

consisting of low-energy X-rays (kT ~ lOkeV) with a high Lx and the latter 

consisting of high-energy X-rays (kT ~ lOkeV) with a low Lx. An extreme of 

each state has also been observed, with black hole systems displaying at least 

5 spectral states (i.e. quiescent; low/hard; intermediate; high/soft; very high), 

which are well explained by the Advection-Dominated Accretion Flow (ADAF) 

model (Esin et al. 1997). 

1.2 Classification 

X-ray binary systems can be split into different classes and sub-classes, where 

the first distinction is usually made in terms of the donor star's mass. The 

estimated mass is usually based on its spectral type which is obtained from 

an optical identification and/or the mass function. If neither is available the 

classification is inferred from the similarity of the X-ray properties to other 

identified systems. As a result XRBs are divided into low mass X-ray binaries 

(LMXBs) with donor star mass, Mo ~ 2M0, and high mass X-ray binaries 

(HMXBs) with donor star mass, Mo ~ 5M0 , refer to Figure 1.3. It should be 

noted that over recent years a significant number of XRBs have been identified 

whose masses are intermediate between high mass and low mass. In such cases 

it is usually the nature of the mass transfer process that distinguishes a LMXB 

from a HMXB i.e. mass transfer is stellar wind dominated in HMXBs and 

by Roche-lobe overflow in LMXBs. As these modes of mass transfer produce 

quite different properties (i.e. mass transfer by Roche-lobe overflow generally 

gives higher if and therefore higher Lx), such a distinction is generally straight 

forward. 
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Figure 1.3: XRB Taxonomy 
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The following section describes the properties of HMXBs, and the various sub

types of these. In each case a typical system of the sub-class is described in 

order to illustrate the characteristics that are observed. 

1.3 HMXBs 

HMXBs make up a third of the brightest Galactic X-ray sources and were there

fore among the very first X-ray sources to be discovered and optically identified. 

They are commonly found in the Galactic plane and the Magellanic clouds with 

a Galactic disc distribution characteristic of Pop I stars (i.e. with an age around 

'" 107 yrs). The systems consist of a compact companion, mostly a magnetized 

neutron star or a black hole orbiting a massive donor star of spectral type 0 or B 

(typically of Ai ~ 5M0). These early type stars have a substantial stellar wind, 

which is captured by the compact companion and powers the X-ray source. 

The spectral and temporal characteristics of HMXBs differ from those of LMXBs 

in a number of ways. For example, due to the mode of mass transfer, the ratio 

of their X-ray to optical luminosities are much lower such that the optical light 

curves are dominated by the donor star and the optical spectra are stellar-like 

(Rappaport & Joss, 1983). The orbital periods of HMXBs range from 4.8 hrs -

187 days (White et al. 1995), and may be inferred from modulations in either 

the optical or X-ray light curve, where eclipses can sometimes be seen. Alter

natively, or additionally, by measuring the periodic change in the Doppler shift 

of X-ray pulse profiles, i.e. timing delays, the orbital period can be measured 

and the radial velocity of the neutron star determined. Long term periodicies in 

the optical light curves of several HMXBs have been reported and it has been 

proposed that these changes are caused by the precession of a tilted accretion 

disc (Petterson, 1977). 

The X-ray spectra of HMXBs are typically much harder than those of LMXBs 

with a characteristic temperature of ~ 15keV, which can be modelled by power

laws with an exponential cut-off around 100keV. Unlike the LMXBs, quasi

periodic oscillations are not as commonly observed in the HMXB sources as the 

accretion rate in these systems is generally much lower than that of LMXBs 

(van der Klis, 2004). They often show X-ray periodic pulsations due to their 

highly magnetized rotating neutron star (typically of the order 1012G), and as a 
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consequence do not exhibit type I X-ray bursts. The pulsations occur with pe

riods ranging from 0.069 -1455 seconds, and are present in 25% of the HMXBs. 

With both the orbital and pulse periods easily observed, these systems can pro

vide absolute orbital solutions and hence the masses of the two components. 

Numerous physical characteristic differences are also apparent within the class 

of HMXBs, splitting them into a further 2 distinguishable sub-classes, the 'stan

dard' systems and the 'Be X-ray binaries' (van Paradijs, 1983). There are 130 

HMXBs known so far, where 65% of them are Be X-ray binaries and only 35% 

of them are standard systems, (Lui et al. 2000). However some of these are 

only classified based on their transient character (i.e. typical of Be X-ray bina

ries) and/or their hard X-ray spectrum, whereas other doubtful cases have been 

excluded. 

1.3.1 Standard systems 

The standard HMXBs consist of an early type donor star, typically of luminosity 

class I-III, in orbit with either a black hole or a neutron star. They generally 

exhibit persistently bright emission in both the optical and the X-ray, which 

is indicative of their predominantly circular orbits and short orbital periods 

(typically::; 15 days). The mode of mass transfer is usually due to a strong 

stellar wind, which is typical of the 0 or early type B donor star. In such 

a situation the donor star loses matter in its radially out-flowing wind, which 

the compact companion is able to capture and hence form an accretion disc. 

However as the stellar wind is usually almost spherical the accretor is only able 

to capture a fraction of the wind such that the accretion rate is relatively low 

and the disc is thin compared to that of LMXBs where mass transfer is mainly 

by Roche-lobe overflow. 1 

In some cases the donor star can also lose mass by incipient Roche-lobe overflow, 

where reduced gravity can cause a focusing of the wind towards the compact 

companion (Friend & Castor, 1982). One such example is the system Cen X-3, 

which although it has a strong stellar wind, the observed luminosity (Lx"" 5 x 

1037 erg s-l) suggests that the mode of mass transfer is predominantly via a disc 

fed by incipient Roche-lobe overflow (Nagase et al. 1992; van Paradijs, 1998). 

lcompared to the Be systems, the standard systems have relatively steady wind outflow. 
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This system is an eclipsing X-ray binary pusar which allows for direct mass 

determination of the stellar components. There are only 10 of these 'eclipsing 

X-ray binary pulsars' known so far, where the majority are HMXBs with only 

one, known as Her X-1, being a LMXB. Morever as the donor stars in these 

systems are much brighter than those in the LMXBs, accurate masses are more 

readily found. 

Cen X-3 has also been found to exhibit ,-ray emission, which is expected to be 

due to the high energy processes that occur in HMXB systems (Bednarek, 2000). 

The ,-rays are thought to be produced by either interactions of relativistic 

particles (Bignami et al. 1977; Kirk et al. 1999) or by shock waves produced 

from the collision of a pulsar with the donor star's stellar wind (Harding & 

Gaisser, 1990). 

The emission of ,-rays is also associated with the sub-class of microquasars. 

Such systems are known for their outbursts in the form of bi-polar radio jets 

consisting of material in the accretion disc which is accelerated to superiuminal 

motion by the disc's strong magnetic field. It should be noted that microquasars 

exist in LMXBs as well as HMXBs and are not unique to a specific group (i.e. 

they exist in the standard systems as well as the Be systems). For example, 

Cyg X-I is both a standard HMXB and a microquasar. It was discovered in 

1964 by Bowyer (Bowyer et al. 1965), and has been studied extensively since 

then. The system consists of a black hole in orbit with a bright (mv = 8.9) OB 

supergiant donor star, and is actually the prototype for black hole XRBs. It is 

the brightest of the persistent HMXBs and is mostly observed in the low/hard 

state but has recently been observed in both the intermediate state and the 

high/soft state (Zdziarski et al. 2002; Gleissner et al. 2004). Being both a 

HMXB and a microquasar, it is not suprising that this system also exhibits 

,-ray emission (Bednarek & Giovannelli, 2007). 

1.3.2 Be stars 

The Be X-ray binaries were first recognised by Maraschi et al. (1976) and are the 

most numerous class of HMXBs, with approximately 80 systems known. They 

are binary systems where the donor star is a rapidly rotating B-emission main

sequence star known as a Be star. The Be star is usually un-evolved and in most 
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cases the compact companion is a neutron star exhibiting pulsations (Rappaport 

& Van den Heuvel, 1982).2 Their characteristic emission lines are predominantly 

the Balmer series, and are believed to originate from circumstellar material. 

These circumstellar discs are believed to have been formed through the ejection 

of matter from their photospheres, possibly due to internal disturbances caused 

by the rapidly rotating (generally close to break-up velocity) Be star, (Struve, 

1931). 

Be donor stars are usually deep within their Roche-lobes. This is indicated by 

the generally elliptical long orbital periods (2: 15 days), and by the absence of 

X-ray eclipses and of ellipsoidal light variations. The luminosities and spectral 

types indicate the masses of the donor star to be in the range of about 8 - 20M0 , 

typical of spectral type OB. In fact, contrary to isolated Be stars, there are no 

known Be X-ray binaries with spectral type later than B3. The reason for this 

is because the wide orbits predicted by evolutionary models (van den Heuvel, 

1983; Verbunt & van den Heuvel, 1995) are vulnerable to disruption during the 

supernova explosion (Van Bever & Vanbeveren, 1997), which is more significant 

in the less massive stars (i.e. of spectral type later than B3). 

The mode of mass transfer in these systems is usually by a variant of stellar 

wind accretion and equatorial mass shedding due to the fast rotation of the 

Be star. In this situation the compact star orbits the Be star on an elliptical 

orbit and usually only at periastron passage is the compact star able to accrete 

material from the Be stars wind thus exhibiting periodic type I X-ray outbursts 

(typically Lx '" 1036 - 1037 erg S-I), refer to Figure 1.4. Outbursts of type II 

can also happen and are thought to be due to the build up of matter on the 

circumstellar disc, which is then dumped on to the compact star forming an 

accretion disc.3 These type II X-ray outbursts are much brighter (typically 

Lx > 1037 erg S-I) and generally show no correlation with the orbital phase 

(Okazaki & Negueruela, 2001). 

As a result of these accretion processes and the time variability of disc loss 

and reformation, the X-ray emission from the Be X-ray systems tends to be 

extremely variable ranging from complete absence to large transient outbursts 

(Underhill & Doazan, 1982; Hubert & Floquet, 1998). Such Be systems are 

2Note: To date there are no known Be X-ray binary systems containing a black hole 

candidate. refer to Chapter 5. 
3Note: These type I and type II outbursts are different then those in the case of LMXBs. 

10 



I 

./ 
,/ 

"",--
// Be Star 

.",-.----- ........ 

Nrutron Star 

\ 
J 
I 

I 
/ 

/ Be/X-ray 
Rr 6- 20 R!--/ Binary System 

-....... "'" (not to scale) - --rp'" 7 - 20 R:- ---

Figure 1...1: Example diagram of a Be X-ray binary system, showing how 

lllass is accreted by the neutron star at periastron passage, (http) /xmm.u

strasbg. fr / staff/ ignacio / be. html). 

known as transient sources and have relatively hard spectra. However, some 

known as X Per-like systems (i.e. like the system X Persei which is the proto

type for such systems) are persistent sources with low luminosities (i.e. Lx rv 

103 -1 erg S - l). (Reig &. Roche. 1999). The X-ray emission observed in these per

sistent sources is of low variability. exhibiting only rare non-periodic weak X-ray 

outbursts. The orbital periods are not so well known, but the lack of eclipses 

and pulse timing mE'asurements indicate periods of several hundred days. 

The Be systems in general are very complicated and have presented many diffi

cult phy ical problems. Negueruela (1998) has suggested that the X-ray proper

ties of these systems can be explained by the size of their orbit i.e. close orbits 

are bright transients which show no quiescent emission; wide orbits are persis

tE'nt sources and di play no large outbursts: and intermediate orbits present a 

mixture of both behaviours. There are many different models to try and explain 

the overall phenomena of Be stars, but the most applicable model at present is 

the viscou decretion disc model proposed by LeE' et al. (1991). In this model 

thE' mass flow is outward from the Be star. in contrast with that in an accretion 

disc. and angular momentuIll is tran ferred from the central star to the inner 

E'dgE' of t he disc. increa ing t he angular velocity to Keplerian. The mechanisim 

rE'spon ible for this transfer of angular momentum is till to be determined, 

but has been suggested to be associated with non-radial pulsations (Okazaki & 
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Negueruela, 2001). 

The viscous disc model succesfully accounts for most properties of Be stars, and 

when applied to the Be X-ray binaries it naturally predicts the truncation of the 

circumstellar disc. Truncation occurs at certain radii where resonance occurs 

between the orbital period of the neutron star and the Keplerian orbital period 

of material at the outer edge of the disc. For instance, if the material in the 

outer disc orbits the Be star twice for each orbit of the neutron star, this would 

be a 2: 1 resonance. Evidence for truncation of the circumstellar disc was found 

by Haigh et al. (2004), who showed that the observed infra-red excess of the 

system AOS3S+26 is quantised with relative fluxes that match theoretical pre

dictions. Such truncation is believed to be the result of resonant torque exerted 

by the neutron star, which removes angular momentum from the circumstellar 

disc. Negueruela and Okazaki (2001) found that the distance at which the cir

cumstellar disc is truncated depends mainly on the orbital parameters and the 

disc viscosity, where the criterion for disc truncation at a given resonance radius 

is given by: 

T vis + T res < 0 (1.S) 

where Tvis is the viscosity torque and T res is the resonance torque. 

The truncation of accretion discs in circular binaries with low mass ratio, q( = 

Mx/Mo) (Le. O.OS:::; q :::; 0.2) is known to occur at the 3:1 resonance radius 

(Osaki, 1996; Okazaki & Negueruela, 2001; Clark et al. 2001). As all Be X-ray 

binaries have such low q, it is expected that for Be systems with low eccentricity 

(Le. e :::; 0.2), the disc will also be truncated at the 3:1 resonance radius. At this 

resonance radius the gap between the disc's outer radius and the critical lobe 

radius of the Be star is so wide that under normal conditions the neutron star 

cannot accrete enough gas at periastron passage to show periodic type I X-ray 

outbursts. Therefore such systems will only display occasional giant type II 

X-ray outbursts Le. due to accumulation of matter in the outer parts of the 

circumstellar disc and the overcoming of truncation by the effects of global 

one-armed oscillations or disc warping (Negueruela et al. 2001). However in 

systems with high orbital eccentricity (Le. e ~ 0.6), the disc truncation occurs 

at a much higher resonance radius which is very close to or slightly beyond the 
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critical lobe radius at periastron4 . In such a system the disc truncation cannot 

be efficient, therefore allowing the neutron star to capture gas from the disc at 

every periastron passage and display regular type I X-ray outbursts. 

It has been shown that these two models can explain very well the X-ray be

haviour of the Be X-ray binaries, with one such example being the extensively 

studied, bright pulsating transient source 4U0115+63. This system was found 

by the Uhuru satellite survey (Giacconi et al. 1972), and consists of the strongly 

reddened Be star (V ,...., 15.5) (Johns et al. 1978; Hutchings & Crampton, 1981) 

V635 Cas, in a 24.3 day orbit (Rappaport et al. 1978) with the 3.6 second 

pulsar (Cominsky et al. 1978). Long term monitoring of the donor star in 

this system has shown that it undergoes cyclic changes with a period of 5yrs 

(Negueruela et al. 2001). Such variability is attributed to the losing and re

forming of the circumstellar disc, where each cycle involves a low state when 

the disc is weak or absent and a high state when the disc is truncated, distorted 

and exhibits warped retrograde precession. During the high state the system 

exhibits type II X-ray outbursts in pairs where the first outburst occurs before 

the disc is strongly perturbed and the second outburst occurs after and leads 

to the eventual dispersal of the disc (Reig et al. 2007). 

1.4 Masses of XRBs 

One of the key parameters necessary to investigate X-ray binary systems is the 

masses of both the donor star and the compact companion. From the masses we 

are then able to infer the nature of the stars and further our understanding of the 

emission properties and mass transfer processes of the system. For example if 

the compact companion is found to have a mass ~ 3M0 , which is the theoretical 

maximum mass of a neutron star, then it is assumed to be a black hole. There are 

a number of other ways of distinguishing a black hole from a neutron star, such 

as observing the typical features exhibited by black hole systems (i.e. very soft 

spectra; fast variability; high energy power-law spectrum), but as such features 

can also exist in neutron stars they cannot be taken on their own as proof of a 

black hole, (Tanaka & Lewin, 1997). Therefore mass determination is believed 

4This is not the case if the Shakura-Sunya.ev viscosity parameter, Os. is very low i.e. if 

Os. « 1) (Okazaki & Negueruela, 2001). 
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to be the most reliable method of identification if specific features, such as type I 

X-ray bursts seen in LMXBs or X-ray pulsations (i.e. specific to neutron stars), 

have not been observed. By constraining the mass and confirming the system as 

a black hole we are then able to study these black hole XRBs in greater detail. 

At present there are only 18 confirmed black hole candidates with masses ~ 

3M0 , with only 4 of them being HMXBs and the rest being LMXBs (McClintock 

& Remmillard, 2004), and of these none have tightly constrained masses, see 

Figure 1.5). However if the compact companion is < 3M0 and is found to be a 

neutron star then this is equally exciting, especially if the system is an eclipsing 

X-ray binary pulsar, as such systems offer a means of directly measuring the 

neutron star's mass. These measurements are very important as if the masses 

of neutron stars can be measured to high accuracy then we can constrain the 

equation of state (EoS) for nuclear matter and test theories that describe it. 

At present the EoS is not well constrained by nuclear theory (e.g. Lattimer & 

Prakash, 2000). These masses are also important to the study ofXRBs in general 

and their formation and evolution. For example the neutron stars in binary radio 

pulsars have tightly constrained masses consistent with the Chandrasekhar limit 

of 1.4M0 , (i.e. rv 1.35 ± 0.04 M0' Thorsett & Chakrabarty, 1999) and those 

of milli-second radio pulsars with white dwarf companions are known to have 

higher masses (i.e. rv 2.1 M0, Nice et al. 2005). However the neutron star 

masses in eclipsing X-ray pulsars are not well constrained observationally (refer 

to Figure 1.5), and as they follow a different evolutionary path to that of radio 

pulsars they may therefore display a systematically different range of neutron 

star masses. Obviously before we can answer such questions, the neutron star 

masses need to be determined to within great certainty. At present only 10 such 

systems are currently known (refer to Table 1.1) and the neutron star masses 

in each case are not determined to high accuracy, refer to Figure 1.5. 

1.4.1 Calculating the compact companion mass 

The masses of the stellar components in a binary system may be determined as 

follows. The mass ratio q is defined as: 
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Table 1.1: Eclipsing X-ray Binary Pulsars 

System Type Pspin Porb Reference 

(seconds) (days) 

Her X-I LMXB 1.24 1.7 Deeter et al. 1981 ; 

Nagase, 1989 

SMC X-I HMXB 0.71 3.89 Primini et al. 1977 

LMC X-4 HMXB 13.5 1.408 Kelley et aI, 1983a; 

Nagase, 1989 

Vela X-I HMXB 283 8.965 Deeter et al. 1989; 

van der Klis et al. 1984 

Cen X-3 HMXB 4.84 2.09 Primini et al. 1977; 

Kelley et al. 1983b 

QV Nor HMXB 529 3.73 Cominsky & Moraes, 1991 

OAO 1657-415 HMXB 38.2 10.44 Nagase, 1989; 

Chakrabarty et al. 1993 

EXO 1722-363 HMXB 413 9.7403 Tawara et al. 1989; 

Thompson et al. 2007 

IGR J18027-2016 HMXB 139.612 4.6 Augello et al. 2003 

XTE J1855-026 HMXB 361 6.067 Corbet & Mukai, 2002 
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(1.6) 

where Alx is the mass of the compact companion, Alo is the mass of the donor 

star, Kx is the semi-amplitude of the compact companion's radial velocity curve, 

which can be found from pulse timing delays and Ko is the semi-amplitude of the 

donor star's radial velocity curve, which can be found from optical spectroscopy. 

In terms of the orbital parameters the masses of both components can be defined 

as: 

(1.7) 

and similarly, 

(1.8) 

where e is the eccentricity, which in most close binaries can be approximated to 

zero, i is the inclination of the orbital plane to the line of sight, and P is the 

period of the orbit. A value for i can be found from the following geometrical 

approximation: 

sin i rv 

1 (1 - {32 (~)2r 
cos Be 

(1.9) 

where a is the separation of the centres of mass of the two stars, ()e is the eclipse 

half angle and {3 is the ratio of the radius of the donor star to that of its Roche

lobe, RL. RL has been found (Plavec 1968; Avni 1976) to be reasonably well 

fitted by the expression5 
: 

RL 2 
- rv A + B log q + Clog q 
a 

(1.10) 

5Note, this is only in the case of circular orbits as if the eccentricity, e, is not zero then the 

Roche-lobe radius will vary around the orbit. 
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where A, B, and C are parameters that depend on 0, the ratio of the rotational 

period of the donor star to that of the orbital period. These in turn have been 

determined by Rappaport & Joss, (1983) to be: 

A '" 0.398 - 0.02602 + 0.00403 (1.11) 

B '" -0.264 + 0.05202 
- 0.01503 (1.12) 

C '" -0.023 - 0.00502 ( 1.13) 

From these equations we can see that the mass of both stars in the binary system 

can be determined, provided the system is eclipsing and that the other orbital 

parameters are known to high accuracy. 

1.4.2 Problems with mass determination 

As mentioned in Section 1.3.1 eclipsing X-ray binary pulsars provide us with a 

perfect situation in which all the necessary parameters to measure the masses 

of the stellar components are observable. However for the rest of the XRBs the 

situation is not so perfect. For example in the case of the black hole XRBs 

and some transient or weakly magnetized neutron star systems, there are no 

pulsations in which to probe the motion of the compact companion and hence 

determine its radial velocity semi-amplitude Kx. Therefore the mass of the 

donor star has to be deduced from its spectral type, which can then be used 

with the mass function equations to find Mx i.e. 

Mxsin3i 

(1 + *f 
(1.14) 

(1.15) 
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However this can lead to huge uncertainties if the spectral type is not known 

to high accuracy. This is relatively straight forward in the case of the intrinsi

cally luminous HMXBs and the quiescent X-ray novae, however for the weakly 

magnetized persistent LMXBs a spectral analysis is extremely difficult. If the 

spectral type and hence mass of the donor star cannot be found then an absolute 

lower limit to the masses is set as Mo ;:::: f(Mo) and Mx ;:::: f(Mx), which corre

sponds to a zero mass compact companion viewed at the maximum inclination 

angle of i = 900
• This extreme case (Le. setting i = 900 to obtain lower mass 

limits) is quite often the case in the non-eclipsing systems as a value for i has 

to be estimated. Grazing eclipses are observed in some systems and estimates 

can be found from light curve modeling, which can provide more constrained 

limits on i. For example in high q systems (i.e. q > 5), typical of LMXBs, 

the ellipsoidal modulation is largely insensitive to q and can therefore provide 

excellent constraints on i, (Shahbaz et al. 2003). 

In addition to the basic problem of obtaining the parameters necessary to de

termine accurate masses of the stellar components, there are also other charac

teristics of the system that will have an effect on the observed spectra and will 

therefore need to be taken into consideration. The most significant effect on 

the observed parameters is that of X-ray heating of the donor star by the X-ray 

source, which is what we will focus on in this thesis. 

1.4.3 X-ray heating 

In a binary system the stellar components orbit the centre of mass of the sys

tem and in addition the stellar components themselves have a centre of mass. 

Radial velocity measurements of the donor star should reflect its motion about 

the centre of mass of the system. However, If the donor star is affected by 

X-ray heating from the compact companion then the observed radial velocities 

may not represent the true motion about the centre of mass. To see why this 

is the case, consider the following. When we measure a radial velocity from 

a photospheric absorption line, we are in effect averaging the line across the 

whole face of the star that is facing us. Those parts of the star that are closer 

to the centre of mass of the binary will give a slightly smaller Doppler shift to 

the lines than those parts of the star that are further from the centre of mass of 
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the binary. In the case of an unheated donor star, the lines are of equal depth 

at all places on the face of the star that we see. So at any instant of time, the 

average radial velocity measured from the lines represents the speed of motion 

of the centre of the face of the donor star which is facing us. This 'centre of 

light then coincides with the centre of mass of the donor star. However, in the 

case of a heated donor star, the lines from the heated side of the star may have 

a different depth to the lines from the unheated face, such that the 'centre of 

light' does not coincide with the centre of mass of the donor star. 

Due to the heating and temperature dependence of the spectral lines, the shift 

in line centre may vary significantly with the intensity of irradiation, and can 

therefore have one of two different effects on the observed radial velocity curve 

of the donor star. If the X-ray spectrum is soft, the X-rays will not be able to 

penetrate into the continuum forming layers and instead are absorbed at the 

surface of the donor star, so infilling the absorption lines. As a result, the ef

fective 'centre of light' of the donor star integrated over the entire stellar disc is 

shifted away from the centre of mass of the system, such that the observed veloc

ity amplitude is greater than the true Keplerian radial velocity amplitude, refer 

to Figure 1.6. Conversely, if the X-ray spectrum is hard the X-rays are either 

absorbed deep in the atmosphere of the donor star or directly reflected, causing 

the absorption lines from the heated atmosphere of the star to be stronger than 

they would otherwise be. As a result the effective 'centre of light' of the donor 

star integrated over the entire stellar disc is shifted towards the centre of mass 

of the system, and this reduces the observed velocity amplitude to be less than 

the true Keplerian radial velocity amplitude, refer to Figure 1.7. 

X-ray heating is an effect that is typically much more significant in LMXB 

systems in which the optical component is of relatively low mass and surface 

temperature. However it is also of importance in HMXBs and can be particu

larly significant if the compact companion is a black hole. 

1.5 Summary 

We have shown that a range of different types of objects exist amongst the 

XRBs, displaying many different kinds of behaviour. As noted earlier, in the 

rest of this thesis we focus on determining compact companion masses in some 
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Figure 1.7: The effects of hard X-ray heating 

individual systems and on understanding their behaviour. These investigations 

are carried out using optical spectroscopy and in the next chapter we explain 

the techniques necessary for analysing such data. 
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Chapter 2 

Data reduction and analysis 

techniques 

2.1 CCD reduction 

The research carried out in this thesis utilizes optical spectroscopic observations, 

obtained from several ground based observatories. In all cases a charge-couple 

device array (CCD) is used to receive the information in the form of a two

dimensional image. However to obtain any useful scientific information from 

these two-dimensional images whether the datasets are photometric or spectro

scopic, we must first translate the data into one-dimensional data so that we 

can then remove the 'additive' effects due to the instrumental response. 

2.1.1 Bias removal 

To avoid negative values in the readout process a pedestal level of several hun

dred AD Us (Analogue Digital Units) is added to the detector output signal. 

Then once the measured analogue voltage has been converted into a digitized 

sum of counts we can remove this bias level. However in removing this bias 

level we need to take into account both the temporal and spatial variations. 
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The temporal variations can be accounted for by using the data in the outer 

columns of the CCO image, known as the overscan region. The data in this 

region is averaged over all columns and fitted as a function of line-number. In 

most cases this fit is a simple constant, but if variations are significant then a 

low-order polynomial or spline function is fitted to avoid introducing unwanted 

noise into the image. In each case the fit is then subtracted from all columns in 

the frames including calibration frames. The spatial variations can be accounted 

for by taking a set of images with zero integration time, known as 'zero' or 'bias 

frames. These images will then give us information about the level of counts 

that have been superimposed on each image as well as the column to column 

variation in the structure of the bias level. Many of these 'zero frames are taken, 

which are then bias subtracted as above and averaged to obtain a mean zero 

frame. Finally the mean zero frame is subtracted from all the other frames. 

2.1.2 Dark current subtraction 

In some cases a signal may be generated in the CCO pixels due to the thermal 

motion of electrons. The signal is generated when no light is present and is 

therefore known as 'dark current'. As this thermal noise in the detector is 

proportional to the exposure time, for it to be removed a series of exposures 

with the shutter closed need to be taken with the same exposure time as the 

images to be corrected. These 'dark frames' are then subtracted from the other 

frames. In most cases the dark current is insignificant as the CCOs are cooled 

to liquid-nitrogen temperatures. In the work carried out in this thesis, none of 

the datasets have needed to be corrected for dark current. 

2.1.3 Flat-fielding 

The pixels of a CCO detector will have a varying sensitivity to a constant flux 

of light. This is due to irregularities introduced in the manufacturing process 

and causes each individual CCO to have a unique response. In addition to this 

effect, uneven illumination can occur due to either dust on the CCO equipment 

or from shadowing of the optics known as vignetting. In order to correct for 

these effects, we need to expose the CCO to a uniformly illuminated light source 
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such as an illuminated screen in the dome or the twilight sky. These images are 

known as flat fields and should be taken with the same instrumental setup as the 

'real' data frames, and should also be taken throughout the night to account for 

any time dependence. The flatfield frames are then averaged to obtain a mean 

flat field frame which is then scaled to a mean of unity with small deviations 

from unity reflecting the response variation on the pixels. This scaled mean 

flat field frame is then divided into all the 'object' frames. 

2.2 Spectroscopy 

Spectroscopic observations give us information about how the light intensity 

from an object is distributed as a function of wavelength. Such data can then 

be used to infer the dynamics and more detailed characteristics of the object. 

In most cases the spectrograph uses a grating as the dispersing element, which 

separates the beam into one or more orders according to the grating equation: 

d (sin i + sin B) = rnA (2.1) 

where>. is the wavelength, m is the order number, B is the angle of diffraction, i is 

the angle of incidence and d is the distance between adjacent grooves. Therefore 

a coarse grating will produce many orders and a fine grating will produce only 

one or two orders. The type of grating used and number of orders obtained will 

also effect the angular dispersion of the spectrum i.e. 

1 rn 
(2.2) 

cos B d 

So by working in higher spectral orders, a higher angular dispersion can be 

obtained. 

The spectral resolving power of the spectrograph (i.e. its ability to separate two 

wavelengths) is also dependent on the number of spectral orders: 

(2.3) 
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where N is the total number of rulings on the grating and Wg is the width of 

the grating. 

2.2.1 Long-slit spectral extraction 

The spectrograph uses a slit to limit the amount of light entering, therefore 

acting as a point source and reducing the amount of overlap between spectral 

features. The resolving power of a spectrograph is not only limited by the 

grating characteristics but also also by the resolving power of the optics and 

the projected slit width. To increase the resolving power and allow the spectral 

features to be distinguished more easily the slit width is decreased. 

In most cases a fine grating is used allowing either one or two orders, where 

each order is dealt with separately. The resultant target frame is then reduced, 

as outlined above, so that we are able to extract the one-dimensional spectra. 

To extract the spectra we first have to find and define the extraction window of 

our spectra, which can be done manually by collapsing the spectrum into the 

spatial direction and measuring the width of the spatial profile, refer to Figure 

2.1. 
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Figure 2.1: An example of a cross-section of the dispersion profile of SMC X-1. 
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We then need to trace the centre of the spatial profile as a function of the 

dispersion axis, as in most cases the dispersion direction will not be parallel to 

the CCD x- or y-axis. This shift of the centre of the spatial profile is due to either 

the camera optics, the gratings and/or the differential atmospheric refraction. 

However we can correct for such effects by fitting a polynomial function to the 

dispersion direction. Each pixel is weighted according to its relative position 

within the order (i.e. pixels towards the outer edge of the order will have a 

lower signal-to-noise ratio). The spectrum is then finally extracted by summing 

the weighted pixel contribution over the spatial profile (centred spatially based 

upon the value that the trace is at that point) to yield a value for each element in 

the dispersion direction. The contributions from the sky background, which are 

based on polynomials fitted to the selected sky regions in the spatial direction, 

are then subtracted from these values. The algorithm used for this extraction 

process, known as the 'optimal extraction' algorithm, was first developed by 

Keith Horne (1986) and makes use of known noise characteristics of the CCD to 

do a mathematically optimal extraction. It is also capable of eliminating cosmic 

rays and bad pixels from the spectrum by detecting the distortion they produce 

in the spatial profile. 

2.2.2 Echelle spectral extraction 

As mentioned in Section 2.2 and with reference to Equations 2.1 - 2.3, higher 

spectral resolution can be achieved with the use of a coarsely-ruled, high-angle 

(Le. blaze angle) grating. An echelle spectrograph is based on such a setup, thus 

allowing higher orders and hence broader wavelength coverage to be observed 

at high resolution. However by introducing more orders, the amount of over

lapping between orders increases i.e. the free spectral range (/lA/ST = A/m), 

decreases with higher orders. To overcome this problem a second low-order 

cross dispersing element is used. This second grating disperses the light in a 

direction perpendicular to that of the first grating, separating and stacking the 

spectral images of the different orders above one another. The resulting image 

on the CCD camera is a series of roughly parallel high-dispersion spectra. The 

reduction and extraction of echelle data is therefore much more complicated 

than that of ordinary spectroscopic data. Firstly a few central columns or rows 
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(depending on which is perpendicular to the orders) are selected and combined, 

such that the reduction software can assign each peak an order number (e.g. 

Figure 2.2). 
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Figure 2.2: An example of a cross-section of the dispersion profile of LMC X-3. 

Each order is then traced and extracted as outlined in sect 2.2.1. The contribu

tions from the sky background are taken from the inter-order regions, and are 

largely the result of scattered light from the echelle, rather than from the sky. 

The data used in this study were obtained using either standard single slit or 

echelle spectroscopy. 

2.2.3 Wavelength calibration 

To fit a wavelength scale to the spectrum a correspondence between pixel num

ber and wavelength needs to be defined. This is done by taking observations 

of calibration arc spectra i.e. observations of a neon or thorium-argon lamp. 

We are then able to identify a large number of arc lines and hence determine 

a correspondence between wavelength and pixel position by fitting a low or

der polynomial to the arc spectrum. However due to instrumental flexure as 
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the telescope moves across the sky the pixel to wavelength correspondence will 

change. To account for this time dependence, observations of the calibration 

arc spectra are obtained repeatedly through the night. The wavelength scale 

of each object spectrum is then interpolated from the wavelength scale of two 

neighbouring spectra. In the case of echelle data, several spectral lines in each 

order need to be defined to obtain an accurate calibration. 

2.2.4 Normalization 

Once our spectra have been wavelength calibrated we are ready to start identi

fying the absorption and/or emission lines, and begin the analysis of the data. 

However, at this point the spectra still show the intensity response of the wave

length. In order to remove this effect, so that we may see the relative intensity of 

the spectral lines, we need to normalize the continuum to a mean level of unity. 

This is done by fitting a smooth curve to the continuum and then dividing the 

spectrum by this smooth curve. 

2.3 Measuring the radial velocity 

The radial velocity of an object is its velocity in the direction of the line of sight, 

and therefore in a binary system its value will change as the star travels through 

its orbit. This changing radial velocity is reflected in the light from the stellar 

components, which is Doppler shifted towards and away from the line of sight 

according to the following equation: 

~A v 
A C 

(2.4) 

By measuring this Doppler shift in the spectral lines of the stellar spectra we 

are therefore able to calculate its radial velocity as a function of time. From 

which the semi-amplitude and hence masses of the stellar components can be 

determined. 

28 



2.3.1 Gaussian fits 

The easiest way to determine the Doppler shift in a spectral line and hence 

the radial velocity, is by simply fitting a Gaussian function to the data and 

comparing the line centre with that of the rest wavelength i.e. Figure 2.3. 
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Figure 2.3: An example of a Gaussian fit to the line profile of He 4471, from 

SMC X-I 

A Gaussian function is of the form: 

(2.5) 

where a, band c are all free parameters which define the overall shape of the 

distribution. The parameter a defines the height of the Gaussian peak, b defines 

the position of the centre of the peak and c is related to the full-width-half

maximum (FWHM) by: 

FWHM = 2 (/2In(2)) c (2.6) 
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Defining the correct continuum level in the normalization procedure, is therefore 

very important, as any error will result in a Gaussian profile not representative 

of the true data and hence inaccurate spectral line measurements. 

2.3.2 Cross-correlation 

To achieve more accurate results we can use the technique of cross-correlation. 

The purpose of cross-correlation here is to determine the relative shift in wave

length (and hence velocity) between the spectrum of the target and the spectrum 

of the radial velocity standard star. Traditionally such a cross-correlation would 

be done by multiplying the two spectra together, on a point by point basis at 

a whole range of wavelength shifts, and then summing the point-by-point prod

ucts at each shift in order to find out the shift for which the cross-correlation is 

maximised. This process is referred to as a convolution between the two spec

tra, and can be speeded up and simplified by doing the cross correlation in the 

spatial frequency domain, rather than using the spectra themselves. To do this, 

the fast Fourier transforms (FFTs) of each spectrum are calculated. The FFTs 

are then simply multiplied together, and we then determine the inverse Fourier 

transform of the result. This is the cross-correlation function. Symbolically, if 

, A' is the spectrum of the target and 'B' is the spectrum of the radial velocity 

standard star, then: 

A ® B = Cross Correlation Function (2.7) 

where the ® symbol denotes a convolution operation. 

and, 

FT (A) x FT (B) = FT (Cross Correlation Function) (2.8) 

The resulting CCF therefore shows the degree of correlation for increasing and 

decreasing lags between the target and comparison spectra i.e. Figure 2.5. 
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As the radial velocity of the standard star is known, the peak value in the 

CCF occurs at a velocity difference where there is a high correlation between 

the spectra. Such a procedure is generally carried out with specific analytical 

software. The comparison spectrum is that of a standard star with a known 

radial velocity, whose spectral type is the same as or similar to that of the 

target star. 
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Figure 2.4: An example of the Fourier transform of SMC X-I and a template 

spectrum. 

2.3.3 Barycentric and heliocentric corrections 

In calculating radial velocities which are plotted against time, the observed 

time of each determined radial velocity, first needs to be corrected to a he

liocentric/barycentric time. The observed time is assumed to be made at the 

centre of the Earth frame of reference. Therefore for reference to the solar sys

tem barycentre/heliocentre a time shift needs to be applied. 

As well as the observed time, the observed radial velocity also needs to be cor

rected to a heliocentric radial velocity. This is done by correcting for the Doppler 

shift due to the motion of the observer in the direction of the observation. The 
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Figure 2.5: An example of the cross correlation function for SMC X-I with a 

template spectrum. 

components of the observer's motion are those due to the Earth's rotation (diur

nal velocity), the motion of the Earth centre about the Earth-Moon barycentre 

(lunar velocity), the motion of the Earth-Moon barycentre about the centre of 

the Sun (annual velocity) and the motion of the Sun relative to some specified 

standard of rest (solar velocity). 

2.4 LIGHT2 

LIGHT2 is a sophisticated light curve synthesis program developed by Hill 

(1988), which we used in the course of analysing the data from SMC X-I pre

sented in Chapter 3 and the data from LMC X-3 presented in Chapter 4. The 

initial program, known as LIGHT, was written in 1979 (Hill, 1979) and was 

restricted to contact or under-contact systems. This new and improved version 

is identical to LIGHT except for its operation and the fact that with the incor

poration of Rucinski's (1969) code it now allows for over-contact systems. The 

program is based on Roche geometry, which is specified by the polar values of the 
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radii and by the mass ratio q, and uses Gauss-Legendre quadrature to approxi

mate the theoretical light curve. For effective temperatures, Tel I < 80000 K the 

atmospheres of Carbon & Gingerich (1969) are adopted and for Tell> 80000 K 

those of Kurucz et al. (1974) are adopted. The effects of limb darkening are also 

taken into account, where the values from Carbon & Gingerich (1969) are used. 

Mutual heating of the binary components, known as the 'Reflection effect' can 

in some cases manifest itself in the light curves and therefore also needs to be 

accounted for. In LIGHT2 such effects are computed according to the methods 

outlined by Hill & Hutchings (1970; 1973), and Hutchings (1968). 

They assume that the additional contribution to the source function at any point 

P of the irradiated atmosphere due to the irradiating atmosphere is additive and 

is computed according to Sobieski (1965): 

(2.9) 

where S is the total bolometric flux incident at point P, T is the optical depth 

and cos- 1 Jio is the mean angle of incidence of this flux relative to the surface 

normal. 

The incidence flux, S at any point P of the irradiated star is found by following 

the equation of Kopal (1959), where the integration is performed over the visible 

surface of the irradiating star: 

(2.10) 

where I (r/) is the emergent bolometric intensity at any point on the irradiating 

star as seen from point P, r/ is the corresponding emergent angle, 817 is the 

surface element on the irradiating star, e is the angle between the surface normal 

of the irradiated star and the horizontal plane between the two stars at point 

P, where p' is this distance between the two stars at point P. 

The effects of such irradiation, as outlined in Section 1.4.3, can also significantly 

affect the spectroscopic analysis of the radial velocities and these too need to 

be corrected for. LIGHT2 generates such non-Keplerian velocity corrections by 
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averaging a velocity based on contributions from elements of the giant star's (i.e 

the donor star) projected stellar disc, where each element is weighted according 

to the flux at that point i.e. 

v _ I: I· Vrot 
< >- I:F (2.11) 

where Vrot is the projected rotational velocity, I is the intensity and F is the 

flux at any point P of the irradiated star. 

It is this mode in which LIGHT2 was used in this thesis. 
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Chapter 3 

The mass of the neutron 

star in SMC X-I 

This chapter presents new optical spectroscopy of the eclipsing X-ray binary 

pulsar SMC X-I. From the He I absorption lines, taking heating corrections 

into account, the radial velocity semi-amplitude of the donor star, Sk 160 and 

hence the masses of the stellar components are determined. It is also shown that 

the He II 4686 A emission line is coming from the vicinity of the neutron star, 

but with a radial velocity amplitude somewhat less than that of the neutron 

star itself. 

3.1 Overview of SMC X-I 

SMC X-I is an intermediate mass eclipsing X-ray binary pulsar located in the 

Small Magellanic Cloud (SMC). It was originally detected by Price et al. (1971), 

when X-rays from 'an extended region or set of sources' in the SMC were dis

covered in a rocket observation. Later observations, with the Uhuru satellite, 

identified a discrete source in the 'wing' of the SMC and named it SMC X-I 

(Leong et al. 1971). The binary nature of SMC X-I was then established when 

further analysis of these and additional Uhuru observations by Schreier et al. 
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(1972), revealed the presence of X-ray eclipses. The optical counterpart was 

identified as the BO supergiant, Sk 160, by Webster et al. (1972), and was later 

confirmed by Liller (1972), who observed an optical intensity variation with the 

same period as that of the X-ray eclipses. By observing the times of ingress 

and egress of these X-ray eclipses, an eclipse half angle, of Be = 28.20 ± 0.90, 

was measured corresponding to an eclipse duration of 0.610 ± 0.019 days (Pri

mini et al. 1976). X-ray pulsations from SMC X-I were discovered in rocket 

and Apollo-Soyuz observations by Lucke et al. (1976). Pulse timing studies by 

Primini et al. (1977) allowed the radial velocity semi-amplitude of the X-ray 

component to be measured as 301.5 km s-l. They also showed that the orbit is 

highly circularized, with very low eccentricity e ~ 0.0016, an orbital period of 

P = 3.892 days and a pulse period of Ppulse = 0.72 seconds. Later pulse timing 

studies, by Levine et al. (1993), gave a value of (ax sin i) = 53.4876 ± 0.0004 

light seconds for the projected semi-major axis and a corresponding limit on the 

eccentricity of e < 0.00004. 

The X-ray spectrum is hard and can be described as a power-law with an ex

ponential cut off, exhibiting broad emission lines and a soft excess. This soft 

component can be modelled as black-body or thermal bremmsstrahlung emis

sion (Marshell et al. 1983; Woo et al. 1995; Wojdowski et al. 1998; Nagase, 

2002). The X-ray emission has been shown to exhibit both high and low inten

sity states (Bonnet-Bidaud & van der Klis, 1981), with aperiodic variations on 

timescales from tens of mill i-seconds to months (Wojdowski et al. 1998). As 

well as these aperiodic variations a long quasi-stable super-orbital period of 50 

- 60 days has been observed, which is believed to be the result of obscuration of 

the neutron star by a precessing accretion disc, similar to that in Her X-l, (Woj

dowski et al. 1998). The presence of an accretion disc was first suggested in 1977 

by van Paradijs & Zuiderwijk (1977), who claimed that ellipsoidal light vari

ations and X-ray heating effects were insufficient to account for the observed 

light curve. The mode of mass transfer in SMC X-I is believed to have sig

nificant contributions from Roche-lobe overflow (Khruzhina & Cherepashchuk, 

1983; van Paradijs & Kuiper, 1984), as the stellar winds observed in Sk 160 are 

not strong enough to power the accretion from the secondary onto the primary 

(Hammerschlag-Hensberge et al. 1984). 

Previous attempts to derive the orbital parameters of SMC X-I have been made 

by Primini et al. (1976), Hutchings et al. (1977), Reynolds et al. (1993) and 
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most recently by van der Meer et al (2005; 2007). The first two studies were 

based on image-tube photographic spectroscopy, the latter of whom found a 

mass for the neutron star of l\fx = 1.02 ± 0.20M8 . The later study by Reynolds 

et a\. (1993) used Anglo-Australian Telescope (AAT) observations and found 

Ko = 23.0 ± 1.9 km S-I. They were the first to account for heating of the donor 

star by the X-ray flux from the neutron star. This heating has the effect of 

significantly altering the observed radial velocity amplitude and so distorting 

the inferred neutron star mass. When Reynolds et a\. (1993) applied heating 

corrections they found a revised amplitude of Ko = 27.5± 1.9 km s-1 and hence 

a mass for the neutron star of Mx = 1.6 ± 0.lM8. However van Kerkwijk et a\. 

(1995) pointed out the uncertainties introduced in this approach by not allowing 

for the presence of an accretion disc, whose shadow on the face of the donor star 

may reduce the effect of X-ray heating. van Kerkwijk et a\. (1995) therefore 

suggested that any corrections for heating effects may be an over estimation, 

and so chose to ignore any heating correction entirely, instead simply assum

ing a larger uncertainty on the measured radial velocity amplitude. This led 

them to suggest a mass for the neutron star of Mx = 1.17!g:~~M8. The most 

recent analysis by van der Meer et a\. (2005; 2007) also found a low value for 

the neutron star mass of, Mx = 1.05 ± 0.09M8 and Mx = 1.06 ± 0.lM8 respec

tively. They too did not account for any heating correction in their analysis, but 

in the latter study they obtained radial velocities from high resolution spectra 

of individual lines and only took into account values found from spectral lines 

that did not appear to suffer distortions. It should also be noted that each of 

the previous mass determinations implicitly assumed the donor star to fill its 

Roche-lobe in order to solve for the system parameters, so the masses are in 

effect upper limits in each case. 

3.2 Observations 

Observations of Sk 160 were obtained by Dr Hannah Quaintrell using the 1.9 

metre telescope at the Sutherland Observatory, South Africa. The grating spec

trograph was used with a reciprocal dispersion of 0.5 A/pixel, spanning the 

wavelength range 4300 - 5100 A. Over the course of three weeks, from the 30th 

August - 18th September 2000 (1 week on, 1 week off, 1 week on) we obtained 
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56 usable spectra on 9 nights, mostly during the first week of observations (see 

Table 3.1). We note that these observations just preceded the coordinated Hub

ble Space Telescope (HST)!Ghandm campaign on SMC X-I reported by Vrtilek 

et al. (2001), and occurred during a low state of the r-v 55 day super-orbital cy

cle, as indicated by the Rossi X-my Timing Explorer ( RXTE) All Sky Monitor 

(ASM) lightcurve. 

We also observed the radial velocity standard star HD6655, an F8V star with an 

accurately known radial velocity of + 15.5 km S-l, on each night. In addition, 

on the last night, we observed a template star of similar spectral type to Sk 160, 

for cross-correlation with our target spectra. This was HR 1174, a B3V star, 

which was also used as the cross-correlation template by Reynolds et al. (1993). 

3.3 Data reduction 

All spectra were reduced using standard IRAF routines and extracted using op

timal extraction procedures as outlined in Section 2.1 and 2.2. A median, con

tinuum normalized spectrum of Sk 160 is shown in Figure 3.1, indicating some 

prominent He I and Hydrogen Balmer lines, as well as the regions of the spec

trum used for cross-correlation. Note the apparent double peak in the He II 4686 

A emission line is the result of sampling this line mostly at the quadrature phases 

of the system. The median spectrum therefore shows two peaks separated by 

,...., 8 A corresponding to a r-v 500kms- 1 velocity difference. 

In order to check the stability of the observations from night to night, we cross

correlated the individual spectra of the radial velocity standard star HD 6655 

against a single spectrum of this object from the middle of the run. These were 

all consistent with zero shift from night to night. 

Having confirmed the stability of the system, each individual spectrum of Sk 160 

was cross-correlated against the median spectrum of the template star, HR 1174. 

Only regions between 4370 - 4500 A, 4700 - 4735 A and 4900 - 5060 A were 

used, spanning several He I absorption lines. These regions were selected to 

exclude the Balmer lines which were found to show large, random changes from 

one spectrum to the next, and no clear trend in their radial velocities. It is well 

known that Balmer lines in high mass stars may be contaminated by emission 
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Figure 3.1: The median, continuum normalized spectrum of Sk 160. The hori

zontal bars indicate the regions of the spectrum containing He I absorption lines 

used for cross-correlation and determination of radial velocities. 
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from the stars wind and so may not accurately reflect the orbital radial veloc

ity in a binary system. The extent of the emission contamination depends on 

the strength of the stellar wind and is reduced for higher level Balmer tran

sitions. Final heliocentric radial velocities corresponding to each spectrum of 

Sk 160 were calculated from the cross-correlation results by applying the helio

centric velocity corrections and then offsetting the result by the radial velocity 

of HR 1174, measured by fitting Gaussians to the He I lines in its spectrum as 

+ 16.7 km s -1. These final radial velocities are listed in Table 3.1 along with 

their 1 a uncertainties, and plotted in Figure 3.2. 

Orbital phases corresponding to each spectrum were calculated using the ephemeris 

from Wodjdowski et al. (1998), which gives the centre time of the Nth eclipse 

as: 

tN / AU ED = 42836.18278(20) + 3.89229090(43)N - (6.953(28) x 1O-8)N2 

(3.1 ) 

Numbers in brackets indicate the uncertainties in the last decimal places in each 

case. The orbital period at the time of our observations, r'V 2300 periods after 

the reference time of this ephemeris, is P = 3.891971(1) days. In Table 3.2, and 

included in Figure 3.2, are the radial velocity measurements of Reynolds et al. 

(1993), with phases calculated according to the revised ephemeris above. 1 

3.4 Data analysis 

3.4.1 Fitting the raw radial velocity curve 

The data shown in Figure 3.2 were fitted with a simple sinusoid allowing just 

the mean level (r) and semi-amplitude (Ko) as free parameters. The best fit 

was found by minimizing the reduced chi-squared value, which gave X~ = 0.99, 

indicating that the data are well fit by this function and that the uncertainties 

are of an appropriate magnitude. This resulted in the semi-amplitude of the 

INote that Reynolds et al. (1993) originally referred their phase zero to maximum radial 

velocity, rather than to the eclipse as is done here. 
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Table 3.1: The raw and heating-corrected He I absorption line heliocentric radial 

velocity (RV) data for Sk 160 resulting from the August/September 2000 ob

servations at SAAO. Also shown are the heliocentric radial velocities measured 

from the He II 4686A emission line. 

MJD Phase He I RVraw 1(7 uncertainty He I RVcorr He II RVo 

(kms- l ) (km s-1) (km s-1) (km s-1) 

51786.976 0.715 130 13 126 429 

51786.999 0.721 134 11 129 410 

51787.022 0.727 139 13 134 423 

51787.069 0.739 141 14 136 413 

51787.091 0.745 145 11 139 436 

51788.808 0.186 207 9 209 -41 

51788.847 0.196 195 lO 198 -55 

51788.870 0.202 196 12 199 -36 

51788.892 0.208 196 11 199 -57 

51788.932 0.218 189 14 193 -92 

51788.955 0.224 187 17 190 -70 

51788.977 0.230 181 12 185 -93 

51789.000 0.235 174 14 178 -119 

51789.022 0.241 168 13 172 -91 

51789.045 0.247 164 13 169 -100 

51789.068 0.253 166 14 172 -141 

51789.lO8 0.263 184 12 189 -136 

51789.130 0.269 169 13 174 -106 

51790.845 0.709 162 12 157 436 

51790.867 0.715 167 13 162 408 

51790.889 0.721 157 14 152 422 

51790.911 0.726 162 13 157 418 

51791.094 0.773 156 12 152 365 

51791.116 0.779 156 14 153 413 

51791.138 0.785 150 14 146 414 

51791.845 0.966 163 12 164 301 
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MJD Phase He I RVraw 10" uncertainty He I RVcorr He II RVo 

(kms- 1) (kms-1) (km S-l) (kms- 1) 

51791.896 0.979 191 19 191 190 

51791.925 0.987 193 16 193 274 

51791.979 0.001 184 14 184 247 

51792.002 0.007 178 10 178 222 

51792.024 0.012 182 10 182 227 

51792.046 0.018 184 10 184 256 

51792.091 0.030 188 10 188 221 

51799.819 0.015 206 16 206 260 

51801.817 0.528 189 14 190 

51802.774 0.774 161 13 157 

51802.792 0.779 178 15 174 

51802.811 0.784 165 21 161 351 

51802.829 0.789 160 20 157 370 

51802.847 0.793 195 16 192 

51802.865 0.798 157 16 154 426 

51802.884 0.803 158 18 155 427 

51803.083 0.854 167 15 166 

51804.836 0.304 183 20 187 

51804.854 0.309 193 26 196 -116 

51804.910 0.323 192 12 195 -81 

51804.928 0.328 186 15 188 

51804.947 0.333 164 15 167 

51804.966 0.338 191 11 194 

51804.994 0.345 186 10 188 

51805.013 0.350 188 13 190 

51805.031 0.354 196 11 197 

51805.049 0.359 196 14 197 

51805.068 0.364 193 9 194 

51805.086 0.369 203 11 205 

51805.841 0.562 173 14 174 335 
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Table 3.2: Reynolds et al. (1993) radial velocity data for Sk 160, with phases 

and heating corrections matching those adopted for our observations. 

MJD Phase RVraw RVcorr 

(km S-I) (kms- I ) 

47811.391 0.250 206 211 

47811.424 0.259 193 198 

47811.441 0.263 195 200 

47811.457 0.267 193 198 

47811.546 0.290 197 202 

47812.390 0.507 171 171 

47812.450 0.522 164 164 

47813.383 0.762 149 145 

47813.391 0.764 153 149 

47813.427 0.773 154 150 

47813.462 0.782 149 145 

47813.496 0.791 151 148 

47814.379 0.018 166 166 

47814.388 0.020 170 170 

47814.470 0.041 194 194 

47814.480 0.044 176 176 

47814.557 0.064 174 174 

47814.571 0.067 187 187 
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radial velocity curve as Ko = 18.0 ± 1.8kms-1 and the systemic velocity as 

I = 174.1 ± 1.5kms- 1
. The 10- uncertainties in each of the fitted parameters 

are calculated in a standard way as the change in a given parameter which 

individually results in a change of + 1 in the X~ value, away from the best-fit 

value. These values are listed in Table 3.3. 

However, if we look at Figure 3.2 in detail we can see that there appears to be 

a trend in the data around phase 0.2 - 0.3 where the radial velocity becomes 

progressively smaller over the course of one night. This trend consists of the 13 

data points from MJD 51788.808 - MJD 51789.130. To exclude the effects of 

this anomalous data a simple sinusoid was re-fitted to the remaining data points, 

refer to Figure 3.3. As before the best fit was found by minimizing the reduced 

chi-squared value, which gave X~ = 0.99 and resulted in the semi-amplitude of 

the radial velocity curve as Ko = 21.0 ± 1.9kms- 1 and the systemic velocity as 

I = 175.9 ± 1.4kms -1. These values are listed in the upper part of Table 3.4. 

3.4.2 System parameters from the raw He I radial velocity 

curve 

The masses of the stellar components were calculated according to the method 

outlined in Section 1.4.1, using the Monte-Carlo method for uncertainty de

termination. This involved calculating 106 solutions with input values drawn 

from a Gaussian distribution within the respective la uncertainties of each pa

rameter. The final values were then calculated as the mean result of these 106 

solutions, with the la uncertainties given by the root-mean-square deviation in 

each case. 

The input parameters used for the calculation are as follows: P = 3.891971(1) 

days, based on the ephemeris of Wojdowski et al. (1998); Be = 28.2±0.9° (Prim

ini et al. 1976); e < 0.00004 (Levine et al. 1993); n = 1.0; Ko = 18.0±1.8kms- 1
, 

found from the uncorrected radial velocity curve; and 

211" ax sin i -1 
Kx = P (1 _ e2)l/2 = 299.607 ± 0.002kms (3.2) 

when taking ax sin i = 53.4876 ± 0.0004 It seconds, (Levine et al. 1993). 
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Figure 3.2: The uncorrected He I absorption line radial velocity curve for Sk 160. 

Our data are shown as open circles and those of Reynolds et al. (1993) are shown 

as filled circles. The best fit to the combined data set is indicated by the solid 

line. Note, the error bars indicate the scaled (by'" 0.95) errors necessary to 

minimize the reduced chi-squared to unity. 
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Figure 3.3: The uncorrected He I absorption line radial velocity curve for Sk 160, 

with the anomalous data excluded. Our data are shown as open circles and those 

of Reynolds et al. (1993) are shown as filled circles. The best fit to the combined 

data set is indicated by the solid line. Note, the error bars indicate the scaled 

(by'" 0.84) errors necessary to minimize the reduced chi-squared to unity. 
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The values for (3 and i in Equation 1.9 cannot be obtained independently from 

observations. We can assume that (3 will not vary much as the system has a 

circular orbit, but in the absence of an exact value for RL we cannot determine 

(3 uniquely. Since mass transfer in SMC X-I has significant contributions from 

Roche-lobe overflow, but Sk 160 is unlikely to be overfilling its Roche-lobe, we 

can however set an upper limit of (3 ~ 1.0, which in turn sets a lower limit on 

i. Conversely if we set an upper limit on the inclination angle of i = 90° and 

assume the donor star is under-filling its Roche-lobe, we obtain a lower limit 

for (3. Given these two limits on each of (3 and i, upper and lower limits on 

the mass of both the neutron star and the donor star may be calculated. The 

results are shown in the upper part of Table 3.3, where solutions lying between 

the two extremes, corresponding to intermediate values of i and (3, are of course 

also valid. 

It should be noted that these mass determinations were originally carried out 

and published before the significance of the anomalous data had been realised. 

The mass determinations have now been carried out using the new value for 

Ko, found by excluding the 13 anomalous data points. These results are shown 

in the upper part of Table 3.4. 

3.4.3 X-ray heating corrections 

As was outlined in Section 1.4.3, X-ray heating of the donor star by the X-ray 

source can lead to erroneous radial velocity determinations. Therefore, in order 

to determine accurate masses from radial velocity curves, these non-Keplerian 

deviations must be accounted for. 

To correct for the heating effects we followed the example of Reynolds et al. 

(1993) and ran models using LIGHT2 (Hill 1988), refer to section 2.4. SMC X-I 

is known to be a hard X-ray source and therefore the observed radial velocity 

amplitudes will be less than the true Keplerian radial velocity amplitude, refer 

to Section 1.4.3. So, in the case of SMC X-I, the heating corrections must be 

subtracted. We note that SMC X-I does have a soft component, therefore in 

applying heating corrections assuming the effects of hard X-rays may result in 

a larger heating correction than necessary. However as the emission is predomi

nently in the hard energy range any effects from the soft component can be 
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assumed negligible. 

Due to the limitations of the code we were unable to accurately represent the 

dimensions of the neutron star in the model. Instead, we selected the radius 

and polar temperature of the object representing the neutron star such that it 

produced a blackbody luminosity equivalent to the observed X-ray luminosity, 

which is essentially all that matters to calculate the heating correction. We used 

a value for the luminosity of Lx = 2.4 X 1038 erg S-l from Paul et al (2002). 

This agrees well with the value of Lx = 2.0 X 1038 erg S-l, that we determined 

using the RXTE All Sky Monitor flux for the epoch of observation, assuming 

a simplified X-ray spectral shape and a value for the distance to the SMC of 

D = 60.6 kpc (Hilditch et al. 2005). 

The initial input values used for i and q, were those obtained from the Monte 

Carlo program using the raw value for the donor star's radial velocity amplitude. 

Having calculated the radial velocity correction at the phase corresponding to 

each of the spectra, the individual radial velocity measurements were adjusted 

accordingly, and a new solution for the radial velocity amplitude was found. 

This amplitude was fed into the Monte Carlo program to determine new val

ues for the inclination angle and mass ratio, and the results then fed back into 

LIGHT2 to recalculate the radial velocity corrections. We found that the code 

was required to run through three iterations before the size of the corrections 

became comparable to those of the previous iteration. The heating corrected 

velocities are shown in Table 3.1 and 3.2 for ours and Reynolds respectively. 

The change in the radial velocity amplitude due to the X-ray heating was found 

to be an increase of 3.8 km S-l. The results are shown in the lower part of 

Table 3.3 and the final corrected radial velocity curve is shown in Figure 3.4. 

The heating corrections were also determined for the radial velocity curve ob

tained by excluding the anomalous data from phase 0.2 - 0.3. The heating 

corrections to the individual remaining data points are identical (except for a 

few which are within ± 1 km S-l) to those found when the anomalous data 

were included. However, the fit to the resulting heating corrected radial veloc

ity curve gives an increase of 3.7 km s-l in the radial velocity amplitude, when 

compared with the raw radial velocity curve excluding the anomalous data. The 

results of this process are shown in the lower parts of Table 3.4 and the final 

corrected radial velocity curve is shown in Figure 3.5. 
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Figure 3.4: The heating-corrected He I absorption line radial velocity curve for 

Sk 160. Our data are shown as open circles and those of Reynolds et al. (1993) 

are shown as filled circles. The best fit to the combined data set is indicated 

by the solid line. Note, the error bars indicate the scaled (by", 0.95) errors 

necessary to minimize the reduced chi-squared to unity. 
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Table 3.3: System parameters for Sk 160 / SMC X-I. The upper part of the 

table shows the resulting parameters from the raw radial velocity curve and 

the lower part shows the resulting parameters from the corrected radial velocity 

curve. In each case the two columns for the various inferred paremeters are the 

limiting values assuming i = 90° and {3 = 1. 

Parameter Fit to raw radial velocity curve 

,(kms- I ) 174.1 ± 1.5 

Ko (km S-1) 18.0 ± 1.8 

q 0.060 ± 0.006 

Roche-lobe filling edge-on 

(upper mass limits) (lower mass limits) 

{3 1.00 0.77 ± 0.02 

i (degrees) 64.0 ± 1.3 90.0 

Mx (M0) 1.01 ± 0.10 0.73 ± 0.08 

Mo (M0) 16.8 ± 0.5 12.1 ± 0.2 

Parameter Fit to corrected radial velocity curve 

, (km S-1) 173.8 ± 1.5 

Ko (km s-1) 21.8 ± 1.8 

q 0.073 ± 0.006 

Roche-lobe filling edge-on 

(upper mass limits) (lower mass limits) 

{3 1.00 0.79 ± 0.02 

i (degrees) 65.3 ± 1.3 90.0 

Mx (M0) 1.21 ± 0.10 0.91 ± 0.08 

Mo (M0) 16.6 ± 0.4 12.5 ± 0.1 
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Figure 3.5: The heating-corrected He I absorption line radial velocity curve for 

Sk 160, with the anomalous data excluded. Our data are shown as open circles 

and those of Reynolds et al. (1993) are shown as filled circles. The best fit to 

the combined data set is indicated by the solid line. Note, the error bars indicate 

the scaled (by'" 0.86) errors necessary to minimize the reduced chi-squared to 

unity. 
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Table 3.4: System parameters for Sk 160 I SMC X-I, with the anomalous data 

excluded. The upper part of the table shows the resulting parameters from 

the raw radial velocity curve and the lower part shows the resulting parameters 

from the corrected radial velocity curve. In each case the two columns for the 

various inferred paremeters are the limiting values assuming i = 900 and (3 = 1. 

Parameter Fit to raw radial velocity curve 

, (km S-I) 175.9 ± 1.4 

Ko (km S-I) 21.0 ± 1.9 

q 0.070 ± 0.006 

Roche-lobe filling edge-on 

(upper mass limits) (lower mass limits) 

(3 1.00 0.77 ± 0.02 

i (degrees) 65.1 ± 1.3 90.0 

Mx (M0) 1.17 ± 0.10 0.87 ± 0.09 

Mo (M0) 16.6 ± 0.4 12.4 ± 0.2 

Parameter Fit to corrected radial velocity curve 

,(kms- l ) 175.4 ± 1.5 

Ko(kms- l
) 24.7 ± 1.9 

q 0.082 ± 0.006 

Roche-lobe filling edge-on 

(upper mass limits) (lower mass limits) 

(3 1.00 0.79 ± 0.02 

i (degrees) 66.4 ± 1.3 90.0 

Mx (M0) 1.36 ± 0.10 1.05 ± 0.09 

!vIo (M0) 16.5 ± 0.4 12.8 ± 0.2 
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3.4.4 He II 4686 A emission line 

Hutchings et al. (1977) noted that the He II 4686 A emission line seen from 

Sk 160 moves approximately in antiphase with respect to the He I lines, and 

follows the radial velocity of the neutron star, albeit with a lower amplitude, i.e. 

,...., 250 km s -1 as opposed to ,...., 300 km s -1. In order to investigate this, Gaussian 

fits to the He II emission lines were performed in each spectrum. The resulting 

heliocentric velocities were then plotted against phase in Figure 3.6, refer to 

Table 3.1 for the data values. In the more noisy spectra, it was not possible to 

measure the He II 4686 A emission line, so there are less data points here than 

in Figures 3.2 - 3.5. Overplotted on these data is the best-fit sinusoid which 

has a semi-amplitude of 265 ± 8 km s-l, a systemic velocity of 167 ± 7 km S-I, 

and a phase shift of 0.46 ± 0.01 with respect to the ephemeris of Wojdowski et 

al. (1998). What is seen in Figure 3.6 is very similar to the behaviour noted by 

Hutchings et al. (1977), in that the He II emission appears to be coming from 

the vicinity of the neutron star but with a lower amplitude than that of the 

neutron star itself. The slight phase shift from the motion of the neutron star 

is also similar to that seen in the He II emission line radial velocity of Cyg X-I 

(Giles & Bolton, 1986a; 1986b). As noted by Hutchings et al. (1977), this might 

indicate an origin for the emission that lies between the neutron star and the 

surface of Sk 160. We suggest that a possible site for this emission may be a 

hot-spot where a stream of material accreting via Roche-lobe overflow impacts 

the outer edge of the neutron star's accretion disc. 

In excluding the anomalous data from phase 0.2 - 0.3, we find a best-fit sinusoid 

with essentially the same values (Le. Ko = 268 ± 5 km s-l, 'Y = 173 ± 4 km s-l, 

and a phase shifft of 0.46). 

3.5 Discussion 

With regard to our initial results found by using all 56 data points, we find the 

heating corrected systemic velocity of 'Y = 173.8 ± 1.5 km s-1 is in excellent 

agreement with the value obtained from the heating corrected radial velocity 

curve of Reynolds et al. (1993), namely 173.0 ± 1.5 km s-l. However, our raw 

and heating corrected values found for Ko and the corresponding upper limits 
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Figure 3.6: The radial velocity curve of the He II 4686A emission line. The solid 

line indicates a sinusoid with systematic velocity of 167 km S-1, an amplitude 

of 265 km S-1 and a phase shift of 0.46 with respect to Wojdowski et al. (1998) 

ephemeris. 
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to the neutron star mass (Le. those corresponding to (3 = 1) are each lower than 

those found by Reynolds et al (1993). The discrepancy could be due to the lim

ited phase coverage of their data set and the fact that the value they assume for 

Lx, when determining the non-Keplerian corrections, is significantly higher than 

the value we used. In comparison, our raw value for Ko and the corresponding 

upper limit on the neutron star mass are both in good agreement with those 

found by van der Meer et al (2005; 2007), namely Ko = 20.3 ± 0.9 km S-l; 

20.2 ± 1.1 km S-l and Alx = 1.05 ± 0.09M8; 1.06 ± 0.IM8 , respectively. In both 

of these previous studies, however, the authors assume that the donor star is 

Roche-lobe filling. Whilst this is completely plausible, it only gives an upper 

limit for the mass of the neutron star, as noted above. 

However, by taking into account the anomalous data and subsequently excluding 

them from the analysis we find higher values for 'Y, Ko and Mx. The resulting 

systemic velocity of'Y = 175.4 ± 1.4 km S-l is still in reasonable agreement with 

that of Reynolds et al. (1993), and both the raw and heating corrected values 

for Ko and the corresponding upper limits to the neutron star mass are still 

lower than Reynolds et al (1993), but now more comparable. Likewise our raw 

value for Ko and the corresponding upper limit on the neutron star mass are 

now both higher than those found by van der Meer et al (2005; 2007), but still 

comparable. The origin of the anamalous data remains to be verified, but is 

likely due to tidally induced non-radial oscillations. 

Such oscillations are believed to be the result of tidal action exerted by one 

binary component on the other (Willems, 2002), where the frequency of the 

oscillations are harmonically related to the orbital frequency (Willems & Aerts, 

2002; Handler, 2002). Previous occurences have been reported in the eclipsing 

X-ray binary pulsar Vela X-I, where van Kerkwijk et al. (1995) suggested that 

the variable gravitational force exerted by the neutron star excites short-lived 

oscillations on the surface of the donor star, hence effecting the measured radial 

velocity. Later studies by Quaintrell et al. (2003) showed the harmonic relation 

between the oscillations and the orbital period, thus confirming the cause as 

being tidally induced oscillations. In the case of the anomalous data observed 

in our study of SMC X-I, we note that the sort of radial velocity excursion seen 

here are similar to those seen during individual nights worth of data from Vela 

X-I. We therefore suggest that it is likely that the anomalous data are tidally 

induced non-radial oscillations and therefore conclude that the more believable 
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results are those found by excluding the anomalous data. 

The other cause of uncertainty in the mass estimates, is of course the heating 

correction. From Reynolds et ai's (1993) study of the line profile variations of 

Sk 160, we know that the effects of X-ray heating on the inner hemisphere of the 

donor star are present but not dramatic. We investigated the effect of allowing 

the heating efficiency within LIGHT2 to vary, and found that the magnitude of 

the radial velocity corrections did not change appreciably even when the effi

ciency varied from 50% to 100%. Consequently we adopted a heating efficiency 

of 50% in our analysis, and it is results using this value that are presented. 

There remains the question of whether an accretion disc will cast a shadow on 

the donor star so reducing the effect of X-ray heating, as raised by van Kerk

wijk et al. (1995). In a study of Her X-I, Reynolds et al. (1997) corrected 

for non-Keplerian deviations using both a disc-less model (LIGHT2) and a disc 

model. In that case the quantitative agreement between the two models was 

found to be good. As Her X-I clearly has a disc, and also has a donor star that 

is significantly smaller than that in SMC X-I, we can assume that the absence 

of a disc in the LIGHT2 code has negligible effect on the heating corrections in 

our case. 

Model calculations of type II supernovae suggest that these events produce a 

bimodal distribution of initial neutron star masses, with averages within those 

peaks of 1.28 and 1.73M0 , whereas type Ib supernovae produce neutron stars 

with masses around 1.32M0 (Timmes et al. 1996). Neutron stars produced in 

type Ia supernoave are expected to have masses close to the Chandrasekhar 

limit, 1.38M0 (for a Carbon-Oxygen white dwarf). Based on our heating

corrected mass determination of 1.05 ± 0.09 - 1.36 ± 0.10M0 , depending on 

the Roche-lobe filling factor, the neutron star in SMC X-I is consistent with 

both the first peak in the type II supernovae bimodal neutron star mass distri

bution and the type Ib distribution. We note that mass determinations which 

do not account for X-ray heating in SMC X-I give a small neutron star mass 

that is inconsistent with all of the predictions stated above. Note also that these 

theoretical models do not take into account any mass that subsequently accretes 

in a binary system, so the theoretical values for the neutron star masses in ac

creting binaries are even higher. Therefore based on these model predictions it 

is concluded that the mass of the neutron star in SMC X-I lies in the upper 

end of the heating corrected mass determinations i.e. '" 1.36 ± 0.10M0 . This 
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suggests that the neutron star is either at or close to filling its Roche-lobe. 

Finally, we note the implications of our interpretation for the origin of the 

He II 4696A emission line. If this arises in a stream-disc impact hot spot, it 

confirms that some of the accretion occurs via Roche-lobe overflow, as previ

ously surmised. It also suggests a potential test of the idea. The accretion 

disc in SMC X-I is supposed to precess with a period of'" 55 days (e.g. Wo

jdowski et al. 1998). In this case, the stream-disc impact site should change 

its location on this period, moving closer to and further away from the neutron 

star as the eccentric disc precesses. Both the equivalent width and the radial 

velocity amplitude of the He II emission line should therefore vary throughout 

the precession cycle. Unfortunately, our data do not extend over enough of the 

super-orbital cycle, nor are they of high enough signal-to-noise to test this, but 

such an investigation would be worth carrying out in the future. 
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Chapter 4 

The mass of the black hole 

in LMC X-3 

This Chapter presents new high resolution, optical spectroscopy of the high mass 

X-ray binary LMC X-3. From observing the donor star at different phases we 

observe the change in spectral type due to irradiation by the X-ray source. 

Possible spectral types at the two extremes of irradiation are discussed along 

with the resulting mass determinations of the stellar components. 

4.1 Overview of LMC X-3 

LMC X-3 is a non-eclipsing persistent HMXB in the Large Magellanic Cloud 

(Cowley et al. 1983; White & Marshall, 1984). It was originally detected as 

an individual point-like X-ray source by Leong et al. (1971), and was later 

reported to be the brightest (i.e. Lx > 1038 erg S-I) and most variable of 

the Large Magellanic Cloud sources during the Ariel 5 survey (Griffith & Se

ward, 1977; Johnston et al. 1979). The optical counterpart was identified as 

a faint OB star by Warren & Penfold in 1975. This identification was further 

strengthened by improved-accuracy determinations of the position of LMC X-3 

(Delvaille et al. 1976; Johnston et al. 1978; Long et al. 1981), and the spectral 
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type was subsequently re-classified as a B3V (Cowley et al. 1983; Treves et al. 

1988; 1990). However this spectral type remains uncertain, due to the effects 

of irradiation by the X-ray source, which in turn leads to uncertainties in the 

mass determinations of the compact companion. 

Low-amplitude ellipsoidal modulations (Khruzina& Cherepashchuk, 1984; Kuiper 

et al. 1988) as well as spectroscopic observations (Cowley et al. 1983) revealed 

the nature of the X-ray source to be a strong black hole candidate. These 

spectroscopic observations also revealed the orbital period as P = 1. 70479 ± 

0.00004 days (Cowley et al. 1983; van der Klis et al. 1983; 1985), with a slightly 

eccentric orbit (i.e. e rv 0.13 ± 0.05), and a systemic velocity of'Y = 310 km s-l 

(Cowley et al. 1983). This value was found to be in good agreement with 

the predicted systemic velocity of 343 km S-l, found for the actual location of 

LMC X-3 derived from the work of Feast et al. (1961). 

Optical photometry shows the system to vary in magnitude (Le. V '" 16.7 -

17.5), with a period of", 198 (or possibly 99) days (Warren & Penfold, 1975; 

van der Klis et al. 1983; 1985; van Paradijs et al. 1987; Cowleyet al. 1991). 

The X-ray flux is also known to vary with this same long-term period, and it 

has therefore been suggested that this variation may arise from a precessing 

accretion disc or from variations in the mass accretion rate (White & Marshall, 

1984; Cowley et al. 1991; 1994). LMC X-3 has also been shown to exhibit 

strong spectral variability on timescales of days to weeks, which is consistent 

with transitions from the soft state to the canonical hard state (Wilms et al. 

2001; Boyd et al. 2000; Wu et al. 2001). The spectral shape can be described by 

a phenomenological disc black body model (kT '" 1 keY) with a soft power-law 

(r ~ 3) component (Wilms et al. 2001; Page et al. 2003). Wilms et al. (2001) 

suggests that the long term variability and state changes observed in LMC X-3 

are due to an accretion disc wind-driven limit cycle (e.g. Shields et al. 1986). 

The mode of mass transfer in LMC X-3 has been a long unsolved problem. 

Recent authors have assumed mass transfer to occur via Roche-lobe overflow, 

as stellar wind accretion is insufficient to account for the high luminosities and 

low hydrogen column densities (NH) observed (e.g. Soria et al. 2001). This 

has been confirmed by Wu et al. (2001) and Page et al. (2003), who found 

that the measured line of sight absorption (NH < 1021 and < 8 x 1020 cm-2 , 

respectively) was too small to support a model in which a strong stellar wind 

fuelled the observed high/soft state. 
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Previous attempts to derive the orbital parameters of LMC X-3 have been made 

by Cowley et al. (1983), and more recently by Soria et al. (2001). Cowley et al. 

(1983) used spectroscopic observations obtained with a silicon intensified target 

(SIT) vidicon at the Cerro Tololo Inter-American observatory (CTIO). From the 

hydrogen and He I absorption lines they found a value for the semi-amplitude 

of the radial velocity curve to be, K 0 = 235 ± 11 km s -1. Assuming a spectral 

type of B3V, they set the donor star mass as, 4 ::; Mo ::; 8M0 (Popper, 1980). 

Due to the absence of eclipses they set an upper limit on the inclination angle 

of i ::; 70°, and by measuring the projected rotaional velocity Vrot sin i, and 

assuming a maximum possible value for Vrot they set a lower limit of i ~ 50°. 

Although they found their data was better fit by an eccentric orbit, it is expected 

that short period binaries will quickly circularise so an eccentricity of zero was 

assumed. Their resulting value for the mass of the compact companion was 

7 ::; Mx ::; 14M0 , thereby confirming LMC X-3 as the second strong black 

hole candidate, (i.e. after Cyg X-I which was discovered in 1964 by Bowyer et 

al. (1965)). Soria et al. (2001) based their studies on the data of Cowley et 

al. (1983), but assumed a different spectral type and hence mass for the donor 

star. From optical photometric observations with the XMM-Newton optical 

monitor, taken during an X-ray low/hard state, they were able to determine the 

intrinsic colours of the donor star. Using stellar models (Buser & Kurucz, 1978; 

Cramer, 1984) and applying bolo metric corrections (Lejeune, 1998), they found 

the observed colour indicies indicated bolometric luminosities and temperatures 

corresponding to an evolved star of mass, 4.7 ::; Mo ::; 5.3M0 i.e. of spectral 

type B5IV. Assuming Roche-lobe overflow Soria et al. (2001) set the donor star 

mass as Mo rv 4.7M0 . Then taking 50° ::; i ::; 70° and Ko = 235 km S-1 (Cow

ley et al. 1983), they found Mx > 7.3±0.6M0 . However they note that Cowley's 

observations were carried out during a high/soft state, such that the absorption 

lines were most likely suppressed or weakened and the observed semi-amplitude 

of the radial velocity curve exaggerated. They estimate a heating correction of 

l:l.Ko rv 30 ± 5 km s-1 and hence a mass of Mx > 5.8 ± 0.6M0 . 
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4.2 Observations 

The observations presented here were obtained with UVES instrument on the 

very large telescope (VLT) at the European southern observatory (ESO). They 

are the first spectroscopic observations of LMC X-3 res ported since those ob

tained by Cowley et al. (1983). Five spectra were taken over a period of three 

months between December 2004 and March 2005, refer to Table 4.1. They were 

taken in both the blue and red part of the spectrum with central wavelengths of 

4370A and 8600A respectively. An echelle grating spectrograph was used which 

gave a resolution of 0.02A per pixel. Note, only the blue part of the spectra ('" 

3780A - 4980A) were used in this study. The red data were unusable because 

the spectral region covered was dominated by telluric lines from the Earths 

atmosphere. The target star itself was relatively faint in this spectral region 

and it proved impossible to extract the source spectrum from the dominating 

background lines. However, since there were several hydrogen and helium lines 

in the blue spectra to use for both spectral classification purposes and for the 

radial velocity study, this was not a problem. So no further time was wasted 

trying to extract useable information form the red spectra. 

4.3 Data reduction 

All spectra were reduced using standard IRAF routines and extracted using op

timal extraction procedures as outlined in Section 2.1 and 2.2. The extracted 

spectra were then continuum fitted using DIPSO, as shown in Figures 4.1 and 4.2. 

Gaussian fits to the He 14026 and He I 4713 absorption lines were performed on 

each of the five spectra. These particular He lines were chosen, as opposed to 

the other observed absorption lines, as they consistently appeared the strongest. 

Final heliocentric radial velocities corresponding to each spectrum of LMC X-3 

were calculated by applying the heliocentric velocity corrections to the mean 

velocities found from Gaussian fits to the He I 4026 and He I 4713 line. These 

final radial velocities are listed in Table 4.1 along with their calculated r.m.s 

uncertainties. 

Orbital phases corresponding to each spectrum were calculated using the ephemeris 
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from van der Klis et al. (1985), which gives the time of the Nth superior con

junction of the X-ray source as: 

tN/HJD = 2445278.005(±0.01l)+ 1.70479(±0.00004)N (4.1) 

A barycentric correction was applied to the HJD, before the phases were cal

culated. Note, in Table 4.2, and included in Figures 4.13 - 4.15, are the radial 

velocity measurements of Cowley et al. (1983), with phases calculated according 

to the revised ephemeris above. 

Table 4.1: The raw and heating-corrected heliocentric radial velocity data for 

the donor star in LMC X-3 found from Gaussian fits to the He I 4026 and 

He I 4713 absorption lines. 

MJD Phase RVraw 1a uncertainty RVcorr (km S-1) 

(kms-1) (kms-i) i = 50 i = 70 

53358.062 0.858 114 34 112 113 

53374.219 0.336 506 2 516 521 

53378.135 0.633 113 20 103 98 

53448.024 0.628 116 8 107 102 

53449.034 0.223 517 9 523 524 

4.4 Spectral classification 

There are no X-ray pulsations with which to probe the motion of the compact 

companion and hence determine its radial velocity semi-amplitude Kx. There

fore the mass of the donor star has to be deduced from its spectral type, which 

as discussed in Section 1.4.2 can lead to huge uncertainties if the spectral type 

is not known accurately. The donor star in LMC X-3 is currently classified as a 

B3V star (Cowley et al. 1983), but has also recently been classified as a B5IV 

(Soria et al. 2001). They note however, that their inferred bolo metric luminosi

ties were comparable to a B3V but the inferred temperature was too low. 
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Figure 4.1: The continuum normalized optical spectrum of LMC X-3 at phase 

0.22, shown with B2IV and B3V standard star spectra for comparison. 
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Figure 4.2: The continuum normalized optical spectrum of LMC X-3 at phase 

0.86, shown with B4V and B6V standard star spectra for comparison. 
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Table 4.2: Cowleyet ai's (1983) radial velocity data for LMC X-3, with phases 

and heating corrections matching those adopted for our observations. 

MJD Phase RVraw 10" uncertainty RV corr (km S-l) 

(km S-l) (km S-l) i = 50 i = 70 

43584.066 0.658 85 32 72 70 

44291.187 0.443 365 33 372 374 

45021.165 0.635 149 27 137 134 

45024.102 0.358 424 78 437 439 

45278.215 0.416 472 69 481 484 

45278.339 0.489 376 31.5 377 378 

45279.257 0.028 362 27 362 362 

45279.349 0.082 387 34.5 388 388 

45280.296 0.637 128 37.5 116 113 

45282.167 0.735 41 21 30 30 

45282.290 0.807 74 16.5 69 69 

45283.120 0.294 518 16.5 530 532 

45283.225 0.355 522 36 535 537 

45283.310 0.405 455 9 465 468 

45284.142 0.893 130 25.5 129 129 

45284.222 0.940 250 22.5 249 250 

45284.334 0.006 321 19.5 321 321 

To determine the spectral type of the donor star more accurately we compared 

our LMC X-3 spectra with standard star spectra from 'The OB Spectral Clas

sification Atlas' (Walborn & Fitzpatrick, 1990), 'The standard star catalogue' 

(Jacoby & Hunter, 1984) and archive data from the ESO VLT. The spectra ob

tained at phase 0.22,0.34, 0.628 and 0.633, when the heated face of the donor 

star is in the line of sight (refer to Figures 4.3 - 4.5), show relatively strong 

helium and hydrogen lines with little variance between each spectrum. As the 

spectrum obtained at phase 0.22 has the best signal to noise we used this spec

trum to determine the spectral type of the star when seeing its heated side. 

This was found to be most similar to a B3V, refer to Figure 4.1. 
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However the spectrum obtained at phase 0.86 (refer to Figure 4.2), shows much 

weaker helium lines (Figures 4.7 - 4.9 and Figure 4.13) and narrower and 

stronger hydrogen lines (Figures 4.10 - 4.12). This is to be expected, as at 

this phase the donor star is nearly in the line of sight and the black hole is 

almost out of view, so we are seeing the cooler, unheated side of the donor star 

(refer to Figure 4.6). This is also apparent in the fact that we see more NIl, 

OIl and Si lines at this phase, which are typical of cooler stars. To determine 

the spectral type at this phase, the spectrum was first compared with that of 

a B4V (HD 36646 from ESO VLT archive data). This shows similar strength 

Hand HeI lines to a B3V except for He I 4144 and He I 4922 which appear 

significantly weaker. It also shows the lines He 14388, He 14438 and He I 4471, 

which do not appear on the phase 0.86 spectrum. However the B6V spectrum 

(standard star from the Jacoby & Hunter, 1984 catalogue) does not show these 

lines, or any of the other HeI lines (i.e. He I 4009, 4026, 4144, 4922). As the 

He I 4026 line is observed in the 0.86 spectrum, a possible spectral type for the 

star at this phase is a B5V (refer to Figure 4.2). 

From Kurucz's (1993) stellar atmosphere models, we can assume that the ap

proximate effective temperature of a B3V star is 18700 K, and of a B5V star is 

15400 K. Therefore if the real spectral type of the unheated star is a B5V, we 

can assume that it is being heated as a result of X-ray irradiation by a further 

rv 3300 K. However, if we also assume the possibility that the star may be either 

a B4V or B6V, we find an uncertainty on the temperature change of "-' ±1650 K. 
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Figure 4.3: Simulated view of binary system at phase 0.22. l\Iade using ' binsim ' 

software of Rob Hynes, and by using the following pa rameters: P = l. 70479; 

Lx = 3x1038 ergs - I; (a) AIr = 13.2 l\lo ; q = 2.24and i = 50°; (b) AIr = 9.5Mo : 

q = 1.61 and i = 70° . 
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Figure 4A: Simulated view of binary system at phase 0.34. Images obtained 

using the following parameters: P = 1.70479; Lx = 3 X 1038 erg S-l; (a) 

·\lx - 13.nI. : q - 2.24 and i = 50°; (b) !lIx = 9.5t-. IG : q = 1.61 and i = 70° . 
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FigurE' -l.S: Simulated view of binary system at phase 0.63. Images obtained 

using the following parameters: P = 170479; Lx = 3 X 1038 erg s - \ (a) 

-'II = 13.nI. : q = 2.24 and i = 50°: (b) Alx = 9.5I\I0 ; q = 161 and i = 70°. 
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Figure -1.6: imulated view of binary system at phase 0.86 . Images obtained 

using the following parameters: P = l.70479: Lx = 3 X 1038 erg S-1; (a) 

.HI = 13.nl. ; q = 2.2-1 and i = 50°; (b) AIx = 9.5I\.I0 ; q - 1.61 and i = 70°. 
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Figure 4.7: The (a) He I 3820A and (b) He I 4026A absorption line shown for 

different phases and as a function of velocity. Each spectrum is offset by 0.5 in 

the vertical axis, where the scale is arbitrary. 
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Figure 4.8: The (a) He I 4144A and (b) He I 4471A absorption line shown for 

different phases. Axis as in Figure 4.7. 
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Figure 4.9: The (a) He I 4713A and (b) He I 4922A absorption line shown for 

different phases. Axis as in Figure 4.7. 
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Figure 4.10: The Balmer (a) HI0 and (b) H8 absorption line shown for different 

phases. Axis as in Figure 4.7. 
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Figure 4.11: The Balmer (a) Ht and (b) Ha absorption line shown at different 

phases. Axis as in Figure 4.7. 
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Figure 4.12: The Balmer (a) H')' and (b) H{3 absorption line shown at different 

phases. Axis as in Figure 4.7. 
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Figure 4.13: The equivalent width (EW) of the helium lines He I 4026 (show n 

as black data points) and He I 4713 (shown as red data points) plotted as a 

function of phase. 
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4.5 The radial velocity curve 

! 
! 

4.5.1 Fitting the raw radial ve locity curve 

0.8 

The heliocentric cor rected YE'ocities (Table 4.1 ), along with the radial velocity 

measurements of Cowie!' et al. (19 3) (Table 1.2) were plotted against phase , 
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refer to Figure 4.14. However the phases first had to be shifted to account for the 

uncertainty of the van der Klis (1985) ephemeris. The uncertainty on the orbital 

period at the time of our observations, "" 4739 cycles after the reference time of 

the ephemeris, results in an uncertainty on the phase zero of up to ±0.18956 days 

or ±0.11 in phase. In order to ascertain the true phasing of our data, we fitted 

the combined data set (ours and Cowleys) with a variety of phase shifts applied 

to our five radial velocity data points. With phase shifts of: -0.10, -0.05, 0.00, 

+0.05 and +0.10, the reduced chi-squared values of the best-fit sinusoid to the 

combined data set were 50.5, 23.1, 8.5, 2.5 and 7.8 respectively (before scaling 

the errors on the radial velocity values to reduce the chi-squared to unity). 

Hence a phase shift of +0.05 applied to our data provides the best match with 

Cowleys data and reflects the drift in the ephemeris which has accumulated over 

the intervening 22 years since the definition of the ephemeris. This phase shift 

has been incorporated into the phase values in Tables 4.1 which therefore are 

the true phases relative to superior conjunction of the neutron star, adjusted 

for the uncertain ephemeris. 

The resulting radial velocities were then fitted with a sinusoid, allowing just 

the mean level b) and semi-amplitude (Ko) as free parameters. The best fit 

was found by minimizing the reduced chi-squared value, which gave X~ = 1.00, 

indicating that the data are well fit by this function and that the uncertainties 

are of an appropriate magnitude. This resulted in the semi-amplitude of the 

radial velocity curve as Ko = 242.4 ± 4.3 km S-l and the systemic velocity as 

"y = 301. 7 ± 3.5 km S-l. These values are listed in the upper part of Table 4.3. 

4.5.2 System parameters from the raw He I radial velocity 

curve 

The masses of the stellar components were calculated according to the method 

outlined in Section 1.4.2. The input parameters used for the calculation are as 

follows: P = 1.70479 ± 0.00004 days, based on the ephemeris of van der Klis et 

al. (1985); Ko = 242.4 ± 4.3 km s-l, found from the uncorrected radial velocity 

curve; Alo rv 5.9 M0 , assuming the donor star is of spectral type B5V. Since 

the system is not eclipsing we can only assume that i < 70°. However from 

the measured limit on rotational broadening we know that i > 50°, therefore 
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Figure 4.14: The uncorrected radial velocity curve for LMC X-3. Our data 

are shown as filled circles and those of Cowley et al. (1983) are shown as open 

circles. The best fit to the combined data set is indicated by the solid line. Note, 

the error bars indicate the scaled (by'" 1.38) errors necessary to minimize the 

reduced chi-squared to unity. 
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like previous authors (e.g. Soria et al. 2001; Cowley et al 1983) we set i as, 

50° ~ i ~ 70°. Given the limits on i, upper and lower limits on the mass of 

the black hole may be calculated. The results are shown in the upper part of 

Table 4.3, where solutions lying between the two extremes, corresponding to 

intermediate values of i, are of course also valid. 

4.5.3 X-ray heating corrections 

As was outlined in Section 1.4.2 and the previous Chapter (i.e. 3.4.3), X-ray 

heating of the donor star by the X-ray source can lead to erroneous radial veloc

ity determinations. To correct for the heating effects we followed the example 

of Reynolds et al (1993), as outlined in the previous Chapter (Le. 3.4.3) and an 

earlier paper (Val Baker et al. 2005), and ran models using LIGHT2 (Hill 1988), 

refer to Section 2.4. LMC X-3 is known to exist in both the soft and hard X-ray 

states, but is usually found in the soft state. Previous authors (e.g. Soria et al. 

2001) have therefore assumed that the X-ray irradiation will lead to exaggerated 

radial velocity amplitudes (refer to Section 1.4.3). However, our spectra show 

that the He I absorption lines are stronger from the heated side of the donor 

star, which suggests that we are seeing the effects of hard X-rays rather than 

soft X-rays. This is also apparent in the equivalent widths of the helium lines 

He I 4026 and He I 4713, where Figure 4.13 shows that the equivalent width is 

at a maximum when we are seeing the heated side of the donor star (i.e. phase 

0.22, 0.34, 0.628 and 0.633) and then drops when we are seeing the cooler side 

of the donor star (i.e. at phase 0.86). In fact what you would expect is for the 

equivalent width to decrease as the observable fraction of the heated face of the 

donor star becomes less. With reference to Figures 4.3 - 4.6, we can see that 

this fraction decreases in the following order of phase: 0.628/0.633; 0.34; 0.22; 

0.86, which is what we also see in the corresponding equivalent widths. Since it 

is these lines that are used to generate the radial velocity curve, the true radial 

velocity curve must therefore have larger amplitudes than those observed. 

Due to the limitations of the code and the fact that the compact compan

ion is believed to be a black hole, we were unable to accurately represent its 

dimensions. Instead we set the radius and polar temperature of the object rep

resenting the black hole so as to produce a blackbody luminosity equivalent to 
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that needed to increase the temperature of the donor star by 3300 K. Like that 

of the previous Chapter, the code was required to run through three iterations 

before convergence. The results are shown in the lower part of Table 4.3 and 

the final corrected radial velocity curve is shown for i = 50° and i = 70° in 

Figures 4.15 and 4.16 respectively. The size of the corrections are D.Ko = 9.4 

and 14.3 km S-1 for the two cases. 

Figure 4.15: The heating corrected radial velocity curve for LMC X-3, when 

i = 50°. Our data are shown as filled circles and those of Cowley et al. (1983) 

are shown as open circles. The best fit to the combined data set is indicated 

by the solid line. Note, the error bars indicate the scaled (by'" 1.23) errors 

necessary to minimize the reduced chi-squared to unity. 
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Figure 4.16: The heating corrected radial velocity curve for LMC X-3, when 

i = 70°. Our data are shown as filled circles and those of Cowley et al. (1983) 

are shown as open circles. The best fit to the combined data set is indicated 

by the solid line. Note, the error bars indicate the scaled (by rv 1.33) errors 

necessary to minimize the reduced chi-squared to unity. 
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Table 4.3: System parameters for LMC X-3. The upper part of the table shows 

the resulting parameters from the raw radial velocity curve and the lower part 

shows the resulting parameters from the corrected radial velocity curve. In each 

case the two columns for the various inferred parameters are the limiting values 

assuming i = 500 and i = 700
• 

Parameter Fit to raw radial velocity curve 

'Y (km S-I) 301.7 ± 3.5 

Ko (km S-1) 242.4 ± 4.3 

upper mass limits lower mass limits 

i (deg) 50.0 70.0 

q 2.09 1.46 

Kx (kms-l) 116.27 166.30 

l\fx (M0) 12.3 8.6 

Parameter Fit to corrected radial velocity curve 

'Y(kms- l ) 300.0 ± 4.1 

upper mass limits lower mass limits 

i (deg) 50.0 70.0 

Ko (kms-l) 251.8 ± 4.6 256.7± 4.9 

q 2.24 1.61 

Kx (km S-1) 112.53 159.41 

l\fx (M0) 13.2 9.5 
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4.6 Discussion 

The raw value for the semi-amplitude of the radial velocity curve (Ko "" 242 

km s-l) and the corresponding limits on the black hole mass (8.9 ~ Mx ~ 

12.3 M0 ) are both comparable with those found by Cowley et al. (1983). Our 

value for K 0 being slightly larger and the mass constraints being'" 50% tighter 

than that of Cowley et al.'s (1983). In determining Ko and Mx, we used Cow

ley et aI's (1983) data set plus our five spectra, so you would expect there to 

be little discrepancy between our results and those of Cowley et aI's (1983). 

However they assumed that the donor star was a B3V with a mass range of 

4 ::; Mo ::; 8 M0 , and although the mass we assumed for the donor star is 

within this range we only set Mo at one value (Le. Mo = 5.9 M 0 ), which 

resulted in a tighter constraint on the masses, and a higher amplitude radial 

velocity curve. Cowley et al. (1983) did not apply heating corections so we were 

not able to make a comparison with our heating corrected values for Ko and 

Mx. 

Soria et al. (2001) also used Cowley et aI's (1983) data to determine the mass 

of the black hole, but did not add any new data points when making the calcu

lations. They assumed a spectral type for the donor star as a B5IV with a mass 

of, Alo '" 4.7 M0 and hence found a lower limit for the mass of the black hole as, 

Mx > 7.3 M0 . This value is comparable with that of Cowley et ai's (1983) and 

as we used a higher mass for the donor star it is smaller than ours as expected, 

but comparable with the lower limit found from our raw radial velocity curve. 

Based on our spectral classification of the unheated face of the donor star as a 

B5V, we assumed that the donor star is being heated from the X-ray irradiation 

by a further 3300K. Contrary to expectation (e.g. Soria et al. 2001) we found 

that the X-ray irradiation causes the helium absorption lines from the heated 

atmosphere to be stronger rather than weaker (refer to Figures 4.7 - 4.9 and Fig

ure 4.13), implying that we are seeing the effects of hard X-rays rather than soft 

X-rays. The resulting heating corrected radial velocity amplitude was therefore 

larger than the raw values by "" 12 km s-l and the corresponding mass limits 

were larger by "" 1 M0 (Le. 251.8 ~ Ko ~ 256.7 km S-l; 9.5 ~ Mx ~ 13.2 M0)' 

As we assumed the heating effects to be dominated by the hard X-ray as oppose 

to the soft X-ray, our heating corrected values for the mass of the black hole are 

not at all comparable with those of Soria et ai's (2001) heating corrected values 
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(i.e. Mx > 5.8 Mev). In addition, we note that the uncertainty in the spectral 

type of the heated face may give a systematic uncertainty of rv ±1650 K in its 

temperature as noted earlier. This results in a corresponding uncertainty in the 

resulting radial velocity amplitude of !:l.K 0 rv ±2.5 km S-l, and in the compact 

companion mass determination of !:l.J\;/x rv ±1 Mev. In Chapter 7, we consider 

how better measurements of the black hole mass may be obtained. 
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Chapter 5 

Potential Be star / black 

hole candidates 

This chapter presents new optical spectroscopy of eight potential black hole Be 

X-ray binaries. Their radial velocities are determined at a range of epochs and 

the likelihood of the system containing a black hole is discussed in each case. 

Unfortunately in most cases the service data obtained were not of good quality 

or too few useable spectra were obtained in order to draw firm conclusions. 

5.1 Introduction 

The known Be X-ray binaries are systems where the donor star is a Be star 

and the compact companion is a neutron star. However based on the fact that 

over two thirds of HMXB are Be stars, it seems unusual that none of these 

systems contain black holes. From population synthesis studies Podsiadlowski 

et al. (2003) suggest that black holes are most likely born into binary systems 

with circular orbits and orbital periods less than 30 days. This is contrary to 

Be X-ray binary systems containing neutron stars which generally have highly 

eccentric orbits with long orbital periods. 

According to Negueruela and Okazaki (2001), Be systems with short orbital 
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periods and hence low eccentricity should experience efficient truncation of their 

circumstellar disc and would therefore not be able to produce regular periodic 

type I X-ray outbursts. Instead only rare type II X-ray outbursts would be 

possible (refer to chapter 1.3.2). Based on these results, Zhang et al. (2004) 

suggest that black hole Be X-ray binaries do exist, but due to their short orbital 

periods only show these rare type II X-ray outbursts and therefore could be 

'hiding', unrecognised in HMXB catalogues as unclassified objects that may 

have only once been seen to emit X-rays. If this is the case, then one possible 

way to detect these black hole/Be star X-ray binaries would be to measure the 

radial velocity shift of the Be star as it orbits with its compact companion. 

From Equation 1.8, the expected radial velocity amplitudes in each case can be 

calculated, (refer to Table 5.1 and 5.2). For a typical Be star mass of 5 - 20 

M0 in a 30 - 100 day orbit with a 1.4M0 neutron star, the maximum orbital 

radial velocity amplitude of the Be star (Le. if the system is seen edge on) is 

10 - 30 km S-l. In contrast, for the same range of Be star masses in a 10 - 30 

day orbit with a 3 - 15M0 black hole, the maximum radial velocity amplitude 

of the Be star is 25 - 200 km S-l. Therefore if we were to observe a large radial 

velocity amplitude in excess of 30 km S-l, it would clearly indicate a black hole 

as the compact companion. 

5.2 Potential targets and their 

characteristics 

The HMXB catalogue of Liu et al. (2000) contains many Be systems that have 

displayed at least one observed giant X-ray outburst, but have no detected X

ray pulse period which would indicate the presence of a neutron star. Based on 

this criteria and the fact that no orbital period was known for any of them, the 

following seven systems were chosen as possible Be X-ray binary systems har

bouring a black hole: HD 34921; DM +53 2262; SAO 49725; LS 4356; LS 3417; 

HR 4830 and HR 4899. 

After selecting these targets, further observations of some of the objects were 

published which suggested that certain of them may contain white dwarfs or 

neutron stars as their compact companions. Nonetheless, we continued with 
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Table 5.1: The expected radial velocity amplitudes for a system seen edge on 

(Le. i = 90°). 

Ko (km S-1) 

Mo (M(')) Mx (M(')) P = 10 days P = 20 days P = 30 days 

5 1.4 40 32 28 

10 1.4 27 22 19 

15 1.4 21 17 15 

20 1.4 18 14 13 

5 3 74 59 51 

5 5 107 85 74 

5 10 163 129 113 

5 15 201 160 140 

10 3 54 43 37 

10 5 81 65 56 

10 10 134 107 93 

10 15 173 138 120 

15 3 43 34 30 

15 5 67 53 47 

15 10 116 92 80 

15 15 154 122 107 

20 3 37 29 25 

20 5 58 46 40 

20 10 102 81 71 

20 15 139 110 96 
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Table 5.2: The expected radial velocity amplitudes for a system seen at an 

inclination, i = 20°). 

Ko (km s-1) 

Mo (M0) Mx (M0) P = 10 days P = 20 days P = 30 days 

5 1.4 14 11 10 

10 1.4 9 7 7 

15 1.4 7 6 5 

20 1.4 6 5 4 

5 3 25 20 18 

5 5 36 29 25 

5 10 56 44 39 

5 15 69 55 48 

10 3 18 15 13 

10 5 28 22 19 

10 10 46 36 32 

10 15 59 47 41 

15 3 15 12 10 

15 5 23 18 16 

15 10 40 31 27 

15 15 53 42 36 

20 3 13 10 9 

20 5 20 16 14 

20 10 35 28 24 

20 15 47 38 33 
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our investigations to see whether we could confirm or refute these suggestions. 

HR 4830, LS 3417, DM +53 2262 and HR 4899 were all found to be associated 

with X-ray sources discovered by the HEAO-l all sky survey (Wood et al. 1984; 

Tuohy et al. 1988). The association was based on the cross referencing of the 

HEAO-J X-ray sources with that of published literature, where any Be stars 

found to be located within the positional error box of the X-ray experiment 

were consequently associated with the corresponding X-ray source (Tuohy et 

al. 1988). However, Tuohy et al. (1988) warned that the relatively large error 

boxes could make some of these identifications uncertain. It is therefore stressed 

that the associated X-ray sources in these four systems (i.e. HR 4830, LS 3417, 

DM+53 2262 and HR 4899) are merely the proposed X-ray companions and 

have not been confirmed. 

HR 4830 is a BO.5 IIIe1 star (Codina et al. 1984; Chevalier & Ilovaisky, 1998) 

with a known radial velocity amplitude of rv 35 km S-l. It was classified as a Be 

star based on the presence of double peaked emission lines in the optical spec

tra (Wackeriing, 1970) which are observed to show rapid variations and extreme 

line broadening (Smith & Balona, 2006). It is the proposed optical counterpart 

to the highly variable X-ray source 1H1249-637 (Wood et al. 1984; Torrejon & 

Orr, 2001; Smith & Balona, 2006), with an apparent period of rv 14 ks which 

has been suggested as due to partial occultation of a hot spot on the surface of 

the compact companion (Torrejon & Orr, 2001). This would therefore indicate 

that the compact companion in this case is a white dwarf or neutron star and 

not a black hole. The observed X-ray luminosity, Lx = 5.13 X 1032 erg S-l 

(Codina et al. 1984; Chevalier & Ilovaisky, 1998) is indicative of a persistent 

low luminosity source, possibly produced by a neutron star in a very wide orbit 

accreting matter from the stellar wind (Torrejon & Orr, 2001). The luminosity 

is however an order of magnitude lower than that usually observed in Be XRBs 

during quiescence or low states (i.e. rv 1033 - 34 erg S-l, Negueruela, 1998), but 

it does fall within the predicted range of luminosities for wind accreting white 

dwarfs (i.e. rv 1029- 33 erg S-1, Waters et al. 1989). Its X-ray characteristics, 

namely high X-ray temperature, erratic variability on timescales of hours and 

optical metallic emission lines are very similar to "( Cas (Smith & Balona, 2006). 

HR 4830 has therefore been suggested to be a system containing a magnetized 

white dwarf in a wide orbit, accreting from the stellar wind (Waters et al. 1989; 

lwhere 'e' denotes the presence of emission lines 
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Torrejon & Orr, 2001), but it could equally well contain a black hole. 

LS 3417 is the proposed optical counterpart to the X-ray source 1H1555-552 

(Torrejon & Orr, 2001) and has been classified as a B2IIInpe2 and a B2nne3 

by Garrison et al. (1977) and Reed & Beatty, (1995) respectively. However 

from its observed photometric colours Torrejon & Orr (2001) calculated the 

reddening and by using the calibration of Halbedel (1993), found a spectral 

type of B1-1.5 (Torrejon & Orr, 2001), where its Be nature has been confirmed 

by both Wackerling (1970) and Coe et al. (1997). The X-ray spectrum is de

scribed by a hot diffuse plasma at kT '" 3.9 ± 0.1 keY, with a luminosity of 

Lx '" 5.8 X 1031 erg S-l for a class V and Lx '" 2.1 X 1032 erg s-l for a class 

III. In either case the luminosity is indicative of a persistent low luminosity Be 

XRB (Torrejon & Orr, 2001). 

DM+53 2262 is an early type 09-BO star (Torrejon & Orr, 2001) and has been 

observed to show large photometric variations and large Ha equivalent widths 

indicative of a long period Be XRB (Torrejon & Orr, 2001). The associated 

X-ray companion 1H1936+54, was observed by BeppoSAX but was found to 

be completely absent in the 2 - lOke V range and just at the limit of detection 

in the 0.1 - 2keV range (Torrejon & Orr, 2001). This lack of X-ray detection 

however does not exclude its nature as a Be XRB, as it may have just been in 

a quiescent or low state. The luminosity is found to be, Lx < 9 X 1027 erg s-l , 

which is several orders of magnitude lower than the expected coronal emission 

from an early type star (Torrejon & Orr, 2001). 

HR 4899 is the B5Ve proposed optical counterpart to the X-ray source 1255-567 

(Nicolet, 1978; Chevalier & Ilovaisky, 1998; Slettebak, 1982) and has a known 

radial velocity amplitude of '" 20 km s-l. It is observed to show small optical 

variability and has a luminosity of Lx = 2.57 X 1031 erg S-1 (Chevalier & 110-

vaisky, 1998), indicative of a persisetent low luminosity Be XRB. 

The sources SAO 49725 and LS 4356 were originally discovered in a systematic 

cross correlation between the ROSAT all sky survey and SIMBAD (Motch et 

al. 1997). New observations of these systems by Lopes de Oliveira et al. (2006) 

confirm a hard X-ray spectrum which can be equally well fitted by a thermal 

plasma with T = 108 K and solar abundances or by a power-law plus iron line 

2Where "n' denotes the presence of broad absorption lines associated with fast rotation, 

and 'p' denotes the presence of an unspecified peculiarity. 
3Where "nn' denotes the presence of very broad spectral lines associated with very fast 

rotation. 
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model with a photon index of rv 1.5 - 1.8, both with a soft thermal component 

with T rv 107K. Note the iron line is clearly detected in LS 4356 and only prob

ably detected in SAO 49725. The luminosity of Lx rv 1032 - 33 erg S-l is unusual 

for normal early type stars as it is midway between those radiated by normal 

stars and classical Be XRB in quiescence. Based on these peculiarities Motch et 

al. (1997) suggested that they are likely new Be XRBs and due to their modest 

luminosity are possibly systems containing a white dwarf. Optical observations 

reveal a spectral type of BO.5III - Ve and confirm a large and apparently stable 

circumstellar disc (Le. from intense quasi-stable Balmer emission line profiles) 

in both sources (Motch et al. 1997; Lopes de Oliveira et al. 2006). SAO 49725 

is the proposed optical counterpart to 2030.5+475, which has been observed to 

exhibit X-ray variability by rv 80% on timescales as short as WOOs and LS 4356 

is the proposed optical counterpart to J1744.7-2713, which has been observed to 

show large oscillations in the X-ray light curve with a period of P = 3200 sec

onds (Lopes de Oliveira et al. 2006). 

HD 34921 is a BOIVpe star (Polcaro, 1990; Rossi, 1991; Buscombe, 1980) whose 

Be nature has been confirmed with near infra-red spectroscopy (Clark et ai, 

1999). The associated X-ray companion 0521+373 (Polcaro, 1990), has a hard 

X-ray spectrum with a luminosity (Le. Lx = 2.8 X 1033 erg S-l, Chevalier & 

Iiovaisky, 1998), similar to that of LS 4356 and SAO 49725. 

5.3 Observations and data reduction 

Optical spectroscopy of the seven systems were obtained from observations taken 

at the La Palma, Calar Alto and Sutherland observatories. The spectra were all 

obtained in service mode; those at SAAO were part of the commissioning runs 

for SALT, the Southern African Large Teescope. Consequently, as the telescope 

was still being tested, many of the spectra are not of good quality. During the 

period January 1999 and June - September 2004, two spectra were taken for 

DM+53 2262 and SAO 49725 and three for HD 34921, and during the period 

April - August 2006, fifty-one useable spectra of HR 4830, nineteen useable 

spectra of LS 3417, twenty two useable spectra of HR 4899 and fourteen useable 

spectra of LS 4356 were taken. As well as the target stars the radial velocity 

standard stars KY And, HR 153, HR 1810, HR 4930 and HR 6118 were also 
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observed. Refer to Table 5.3 for a list of dates, number of spectra obtained and 

the telescopes used for the observations. In each case4 the observations covered 

the wavelength range 4000A to 4800A and used a grating spectrograph which 

gave a resolution of approximately 0.2A per pixel. 

All spectra were reduced using sandard IRAF routines and extracted using op

timal extraction procedures. The extracted spectra were then continuum fitted 

and the resulting target spectra were cross correlated with those of the radial 

velocity standard star. An example of one continuum normalized spectrum of 

each star is shown in Figures 5.1 - 5.7, where in each case the prominent lines 

are shown. The spectra all appear to be consistent with the previously pub

lished spectral types. 

In the case of the data obtained from the South African Astronomical obser-

vatory (i.e. HR 4830, LS 3417, LS 4356 and HR 4899) and the echelle data 

obtained for HD 34921, many of the observed hydrogen and helium lines were 

too noisy and/or the available spectral absorption lines did not always match 

up with those of the standard stars. In this case the radial velocities were de

termined by fitting Gaussians to the available hydrogen and helium lines, refer 

to Table 5.4 for a list of the resulting heliocentric velocities for the systems 

HR 4830, LS 3417, LS 4356, HR 4899 and HD 34921. The radial velocities 

were therefore only determined by cross correlation with a standard star for the 

systems SAO 49725 and DM+53 2262. The standard star used in both cases is 

the B2IV star HR 153, which has a known radial velocity of 2.0 km S-I. The 

resulting heliocentric radial velocities are shown in Table 5.5. 

4except for the spectra of HD 3491 observed on the 29th January 1999, as this was obtained 

with an echelle spectrograph with a resolution of o.06A/ pixel, covering a wavelength range 

of 4260A - lOlOOA 
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Table 5.3: List of dates, no. of spectra and telescopes used for the observations. 

Date Object Telescope Spectra 

29-01-1999 HD 34921 CA220, Calar Alto 2 

30-06-2004 DM+532262 WHT, La Palma 1 

30-06-2004 SAO 49725 WHT, La Palma 1 

01-09-2004 DM+532262 WHT, La Palma 1 

01-09-2004 SAO 49725 WHT, La Palma 1 

22-09-2004 HD 34921 WHT, La Palma 1 

11-04-2006 HR 4830 SALT, SAAO 1 

26-04-2005 HR 4899 SALT, SAAO 1 

28-04-2005 HR 4830 SALT, SAAO 1 

28-04-2005 LS 3417 SALT, SAAO 2 

28-04-2005 LS 4356 SALT, SAAO 1 

29-04-2005 HR 4899 SALT, SAAO 2 

29-04-2005 HR 4830 SALT, SAAO 1 

06-05-2005 LS 4356 SALT, SAAO 2 

07-05-2005 HR 4830 SALT, SAAO 11 

08-05-2005 HR 4899 SALT, SAAO 8 

08-05-2005 HR 4830 SALT, SAAO 6 

09-05-2005 HR 4899 SALT, SAAO 6 

09-05-2005 HR 4830 SALT, SAAO 20 

25-05-2005 LS 3417 SALT, SAAO 1 

25-05-2005 HR 4830 SALT, SAAO 2 

25-05-2005 HR 4899 SALT, SAAO 1 

25-05-2005 LS 4356 SALT, SAAO 1 

08-06-2005 HR 4830 SALT, SAAO 3 

08-06-2005 LS 3417 SALT, SAAO 1 
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Date Object Telescope Spectra 

15-06-2005 HR 4830 SALT, SAAO 2 

15-06-2005 LS 4356 SALT, SAAO 3 

16-06-2005 HR 4830 SALT, SAAO 2 

16-06-2005 LS 3417 SALT, SAAO 2 

17-06-2005 HR 4830 SALT, SAAO 2 

17-06-2005 LS 4356 SALT, SAAO 2 

17-06-2005 LS 3417 SALT, SAAO 2 

18-06-2005 HR 4899 SALT, SAAO 1 

19-06-2005 HR 4830 SALT, SAAO 2 

19-06-2005 LS 3417 SALT, SAAO 1 

20-06-2005 LS 3417 SALT, SAAO 1 

20-06-2005 HR 4830 SALT, SAAO 1 

20-06-2005 LS 4356 SALT, SAAO 1 

20-06-2005 HR 4899 SALT, SAAO 1 

19-07-2005 LS 3417 SALT, SAAO 2 

20-07-2005 LS 3417 SALT, SAAO 2 

25-07-2005 LS 3417 SALT, SAAO 2 

28-07-2005 HR 4899 SALT, SAAO 2 

18-08-2005 LS 3417 SALT, SAAO 1 

18-08-2005 LS 4356 SALT, SAAO 2 

20-08-2005 LS 3417 SALT, SAAO 2 

20-08-2005 LS 4356 SALT, SAAO 2 
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Figure 5.1: A continuum normalized spectrum of LS 3417 obtained on the 28th 

April 2005. 
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Figure 5.2: A continuum normalized spectrum of LS 4356 obtained on the 25th 

May 2005. 
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Figure 5.3: A continuum normalized spectrum of HR 4830 obtained on the 9th 

May 2005. 
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Figure 5.4: A continuum normalized spectrum of HR 4899 obtained on the 29th 

April 2005. 
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Figure 5.5: A continuum normalized spectrum of HD 34921 obtained on the 

29th January 1999. 
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Figure 5.6: A continuum normalized spectrum of DM+53 2262 obtained on the 

30th June 2004. 
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Figure 5.7: A continuum normalized spectrum of SAO 49725 obtained on the 

30th June 2004. 
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Table 5.4: The heliocentric radial velocities found from Gaussian fits to the 

helium lines. 

Line HeI4121 HeI4144 HeI4388 

Star MJD RV 6.RV RV 6.RV RV 6.RV 

(kms- I ) (km S-I) (kms- I ) 

LS 3417 53853.87 -51.0 11.8 -37.5 3.0 -16.9 8.3 

LS 3417 53880.76 -50.3 1.2 -73.8 0.7 -18.0 5.1 

LS 3417 53894.77 -64.5 2.1 -64.3 0.7 2.4 4.6 

LS 3417 53902.97 -87.6 5.9 -54.0 2.1 -8.8 15.8 

LS 3417 53903.97 -36.7 7.0 

LS 3417 53905.99 

LS 3417 53906.76 

LS 3417 53935.9 

LS 3417 53936.9 

LS 3417 53940.89 

LS 3417 53965.82 

LS 3417 53967.8 

LS 4356 53853.97 -7.3 2.9 

LS 4356 53861.96 -30.5 6.5 

LS 4356 53881.93 -73.4 0.3 

LS 4356 53901.85 80.0 13.2 

LS 4356 53903.82 106.3 5.3 

LS 4356 53906.82 

LS 4356 53965.89 

LS 4356 53967.90 

HR 4830 53836.86 32.0 2.1 

HR 4830 53853.84 30.5 3.6 

HR 4830 53854.76 22.1 0.9 

HR 4830 53862.76 21.1 7.0 

HR 4830 53863.81 -3.5 1.3 

HR 4830 53864.82 -1.0 5.7 

HR 4830 53880.92 -14.2 0.2 
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Line HeI4121 HeI4144 HeI4388 

Star MJD RV ~RV RV ~RV RV ~RV 

(kms-l) (km s-l) (km s-l) 

HR 4830 53894.72 -39.8 2.3 -36.6 0.5 

HR 4830 53901.81 -0.2 6.6 

HR 4830 53902.71 39.9 4.6 

HR 4830 53903.80 9.3 2.9 

HR 4830 53905.71 

HR 4830 53906.80 

HR 4899 53852.04 34.8 4.2 20.7 0.3 -8.1 0.6 

HR 4899 53854.74 61.8 0.4 43.4 0.1 21.0 3.3 

HR 4899 53863.77 50.5 1.8 36.3 1.9 -5.8 1.8 

HR 4899 53864.77 52.4 5.8 37.6 5.8 -4.7 6.7 

HR 4899 53880.92 23.8 1.9 16.5 0.7 51.3 1.2 

HR 4899 53904.89 

HR 4899 53906.85 

HR 4899 53944.75 

HD 34921 51207.88 

HD 34921 51207.89 

HD 34921 53271.17 -106.1 0.6 65.2 26.2 41.1 1.8 
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Line HeI4471 HeI4713 

Star MJO RV ARV RV ARV 

(km S-I) (kms-l) 

LS 3417 53853.87 -105.3 1.0 

LS 3417 53880.76 -20.7 0.6 

LS 3417 53894.77 94.0 8.9 

LS 3417 53902.97 -121.9 28.4 

LS 3417 53903.97 -41.3 5.9 

LS 3417 53905.99 29.6 11.2 

LS 3417 53906.76 19.2 5.3 

LS 3417 53935.9 -13.4 15.1 

LS 3417 53936.9 -33.6 38.6 

LS 3417 53940.89 -0.7 9.3 

LS 3417 53965.82 -15.4 0.3 

LS 3417 53967.8 -20.8 7.3 

LS 4356 53853.97 

LS 4356 53861.96 

LS 4356 53881.93 

LS 4356 53901.85 

LS 4356 53903.82 

LS 4356 53906.82 -36.0 7.0 

LS 4356 53965.89 -74.2 18.5 

LS 4356 53967.90 -30.4 4.9 
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Line HeI4471 HeI4713 

Star MJD RV ARV RV ARV 

(kms- I) (kms-I) 

HR 4830 53836.86 

HR 4830 53853.84 

HR 4830 53854.76 

HR 4830 53862.76 

HR 4830 53863.81 

HR 4830 53864.82 

HR 4830 53880.92 

HR 4830 53894.72 

HR 4830 53901.81 

HR 4830 53902.71 

HR 4830 53903.80 

HR 4830 53905.71 6.9 3.5 

HR 4830 53906.80 -43.4 4.8 

HR 4899 53852.04 -47.4 1.3 

HR 4899 53854.74 10.1 1.7 

HR 4899 53863.77 -8.4 3.0 

HR 4899 53864.77 -7.2 8.6 

HR 4899 53880.92 133.7 5.4 

HR 4899 53904.89 12.4 3.2 

HR 4899 53906.85 68.5 0.3 

HR 4899 53944.75 -6.8 2.7 

HD 34921 51207.88 -28.2 2.8 19.9 0.3 

HD 34921 51207.89 -42.8 2.4 11.1 3.6 

HD 34921 53271.17 -28.2 0.3 -39.1 12.8 

108 



Table 5.5: The heliocentric radial velocities found from cross correlation with 

HR 153. 

Star MJD RV(km s-l) ~RV 

DM+532262 53187.22 90.9 3.4 

DM+532262 53250.05 91.2 5.7 

SAO 49725 53187.22 -16.7 4.6 

SAO 49725 53250.06 -29.2 4.4 

5.4 Data analysis 

From Table 5.4, we can see that the resulting radial velocities found from Gaus

sian fits to the individual spectral lines in the same spectrum (Le. He I 4121; 

4144; 4388; 4471; 4713), are significantly different from each other, where in 

some cases the difference is comparable with that of the radial velocity. Such a 

disrepancy cannot therefore be due to the uncertainties in the Gaussian fits. It 

may however, be that the spectral lines are coming from different parts of the 

system or that they are contaminated or affected by the circumstellar disc. The 

X-ray irradiation of the donor star by the X-ray source may be having an effect 

on the observed spectral lines, especially if the X-rays are soft X-rays (refer to 

Section 1.4.3) as these will affect the spectral lines differently. 

To look for any significant radial velocity amplitudes, radial velocity curves were 

therefore plotted for each line. However, the only spectral lines that were ob

servable in a sufficient amount of the data for a curve to be plotted, were the 

He 14144 and He I 4713 lines. Refer to Figures 5.8 - 5.15 for the resulting radial 

velocity curves for LS 3417, LS 4356, HR 4830 and HR 4899 respectively. 

The He I 4144 radial velocity curves generally have more data points and are 

less messy, where an apparent radial velocity variation can be seen in each case. 

Note, there are still too few data points for a sinusoidal fit to be made, so in 

each case only a rough amplitude of variability can be quantified. 

The star HD 34921 only has 3 data points, and therefore does not have suffi

cient data for a radial velocity curve to be plotted. However, from the radial 

velocities found from the He I 4471 and He I 4713 lines, we can see that the 

radial velocity changes by rv 60 km S-l in rv 5 years. 
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The stars DM+53 2262 and SAO 49725 also have insufficient data for a ra

dial velocity curve to be plotted. However, from Table 5.5 we can see that 

over the'" 63 days of data coverage the radial velocity of DM+53 2262 does 

not change significantly and the radial velocity of SAO 49725 only changes by 

'" 12.5 km s-l. 

5.5 Discussion 

Unfortunately the data set for each star is insufficient to draw any real conclu

sions. However, the data that we obtained from the SALT telescope in South 

Africa, are just about sufficient to plot radial velocity curves. In the case of 

LS 3417, the scatter shown by the He I 4144 radial velocity values has an ampli

tude variation of '" 15-25 km S-l (refer to Figure 5.8). In which case, according 

to Tables 5.1 and 5.2, the compact companion is most probably a neutron star 

or white dwarf and not a black hole. Previous observations of L8 3417 have 

found no evidence of high frequency pulsations, but have reported X-ray fea

tures similar to those of a white dwarf (Lopes de Oliveira et al. 2006), so it is 

very probable that this system has a white dwarf as the compact companion. 

The scatter in the He I 4144 radial velocity values for L8 4356, appears to have 

an amplitude variation of '" 90 - 100 km s-l (refer to Figures 5.10). In which 

case, it is highly likely that the compact companion is a black hole, however 

before this can be confirmed, more observations would be needed to determine 

its period, inclination and stellar mass etc. 

HR 4830, also appears to show an amplitude variation in the scatter of its 

He I 4144 radial velocity values, with an amplitude of", 30 - 40 km s-l (refer 

to Figures 5.12). This system already has a known radial velocity amplitude of 

35 km S-l and a suggested spin period of 14ks (Torrejon & Orr, 2001), and is 

therefore most likely to be a neutron star. However, the proposed spin period 

is much larger than those usually found for neutron stars and implies an orbital 

period of '" 102 days (Apparao, 1994), which agrees well with the peak of the 

orbital period distribution calculated for white dwarf/Be star systems (Ragu

zova, 2001). 

HR 4899 also appears to show an amplitude variation in the scatter of its 

He I 4144 radial velocity values, with an amplitude of '" 10 - 20 km S-l (re-
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fer to Figures 5.14). This system also has a known radial velocity amplitude 

of 13 km S-1 and is therefore most probably a neutron star and not a black 

hole. However in each of these four systems (LS 3417; LS 4356; HR 4830 and 

H4 4899), these amplitude variation values are only illustrative and much more 

data is needed in order to do a realistic fit. It should also be noted again that 

the associated X-ray sources in these four systems have not been confirmed. 

The systems HO 34921, OM+53 2262 and SAO 49725 did not have sufficient 

data for a radial velocity curve to be plotted. However the radial velocity of 

OM +532262 does not appear to show significant variation between the two data 

points, whereas HO 34921 and SAO 49725 do show some variation. Obviously in 

order to make some accurate conclusions about these seven systems more data 

needs to be obtained. 

In conclusion, whilst the data we have obtained are very noisy and incomplete, 

there is some evidence that LS 3417, HR 4830 and HR 4899 contain neutron star 

or white dwarf companions and that one object LS 4356 may indeed contain 

a black hole. It should be noted however, that the associated X-ray source in 

each of these systems is not confirmed. More high quality data spanning several 

weeks or months on each object are therefore needed in order to confirm their 

binary nature, the X-ray companion and the radial velocity variations. In the 

meanwhile, the question of the existence of black hole/Be star X-ray binaries 

remains unsolved. 
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Figure 5.8: The He I 4144 radial velocity curve for LS 3417. 
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Figure 5.9: The He I 4713 radial velocity curve for LS 3417. 
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Figure 5.10: The He I 4144 radial velocity curve for LS 4356. 
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Figure 5.11: The He 14713 radial velocity curve for LS 4356. 
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Figure 5.12: The He I 4144 radial velocity curve for HR 4830. 
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Figure 5.13: The He I 4713 radial velocity curve for HR 4830. 
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Figure 5.15: The He I 4713 radial velocity curve for HR 4899. 
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Chapter 6 

The Be X-ray binary 

systems X Per and 

A0535+26 

This chapter presents new high resolution optical spectroscopy of the high mass 

Be X-ray binaries A0535+26 and X per. The observed Ha emission lines are 

compared with previous data of Clark et al. (2001) and Grundstrom et al. 

(2007), and discussed in terms of their evolution with time and the changing 

state of the circumstellar disc. The other observed hydrogen (H,8, H,) and 

helium (He I 5876, 6678, 7065) emission lines are then compared with the Ha 

line. 

6.1 Emission line profiles of Be X-ray binaries 

Be X-ray binaries are known to consist of a neutron star in orbit around a Be 

star, where the X-ray behaviour can be described in terms of the system's eccen

tricity and the size of its circumstellar disc, refer to Section 1.3.2 and Chapter 5. 

The circumstellar disc is usually detected in the form of an optical/infra-red ex

cess and/or the Balmer emission lines, most notably being the Ha emission line. 
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Variations in the Ho: line, measured in terms of the equivalent width (EW), are 

positively correlated with the V magnitude, and are believed to reflect changes 

in the circumstellar disc (Clark et al. 1998a, b) i.e. photometric bright states 

and large Ho: equivalent widths correspond to times of increased disc density 

and faint states with weak Ho: lines correspond to a low disc density (Clark et 

al. 1998a). 

The observed emission line profiles can be divided into two classes (Hanuschik, 

1986; Hummel, 1994), with class 1 showing symmetric profiles of double-peak, 

wine-bottle and shell type (refer to Figure 6.1), and class 2 showing asymmetric 

profiles where the violet (V) and red (R) peaks are observed to vary cyclically 

in line strength. 
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Figure 6.1: Schematic diagram of the different emission line profiles observed 

in class 1, taken from Hummel (1994). Wine-bottle type are shown in the left 

panels, double peak in the centre panels and shell type in the right panels. Note, 

these are calculated emission line profiles, where the upper curves are determined 

assuming an optically thick model (Le. No = 1014 cm-3 ) and the lower curves 

are determined assuming an optically thin model (i.e. No = 1012 cm- 3 ). 

The symmetric profiles of class 1 can be explained in terms of being produced in 

a vertically extended Keplerian disc, where the double-peak structure is gener

ated by the rotational broadening distribution of emitting particles (Smak, 1969; 
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1981; Huang, 1972; Horne & Marsh, 1986; Hummel, 2000). The difference in 

the shapes of the profiles is believed to be caused by the natural combination 

of kinematical broadening and broadening by non-coherent scattering (Hum

mel & Dachs, 1992; Hummel & Hanuschik, 1997), where shell type profiles are 

observed at high inclination angles and wine-bottle type profiles are observed 

at low inclination angles (Hanuschik et al. 1988; Hummel & Hanuschik, 1997; 

Hummel, 2000), (refer to Figure 6.1). 

The asymmetric line profiles of class 2, can also be explained in terms of a 

vertically extended Keplerian disc, but with the presence of a density pertur

bation in the form of a global one-armed oscillation (Okazaki, 1991; Hummel 

& Hanuschik, 1997). Such a perturbation was first suggested by Kato (1983) 

and later developed by Okazaki (Okazaki, 1991, 1996, 1997) into a model based 

on the theoretical result that the low-frequency, one-armed oscillations are the 

only possible oscillations in geometrically thin discs (Kato, 1983, 1989; Okazaki 

& Kato 1985; Adams et al. 1989). These global one-armed oscillations have 

been shown to explain the cyclic long term V /R variations observed in the class 

2 profiles and is now the generally adopted model (Hummel & Hanuschik, 1994; 

Hanuschik et al. 1995; Okazaki, 1996; Hummel, 2000). However the exact 

extension of perturbation in the disc is not yet fully known and the model is 

therefore unable to successfully predict the cycle length of the V /R variability 

(Firt & Harmanec, 2006). 

For such predictions to be made the observable system parameters need to be 

known to greater accuracy and confidence. Many of the system parameters 

can be determined from the emission line profiles. For example, if a Keple

rian velocity distribution is assumed, the radius of the circumstellar disc can 

be determined from the separation of the doubly peaked emission lines (Huang, 

1972) i.e. ~V = 2Vdsini where ~V is the velocity determined from the peak 

separation and Vd sin i is the projected velocity at the outer edge of the emitting 

region. Therefore the velocity at the outer edge of the disc is found from, Vd 

= (~ V) / (2 sin i), and the radius at the outer edge of the emitting region is given 

byl: 

1 It should be noted that in cases where the spectrum is not of good enough quality to 

measure the peak separation accurately, the known correlation between Ci V and HQ equivalent 

width (Hanuschik, 1989; Zamanov et al. 2001), can be used to derive values for Rd. 
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(6.1) 

where M* is the stellar radius. 

It should be noted that the determined radius in this case is that of the emit

ting region and therefore not necessarily representative of the true circumstellar 

radius. To obtain a clearer picture of the actual extent of the disc geometry, 

observations can be made using optical long baseline interferometry (e.g. Thorn 

et al. 1986; Stee et al. 1995; 2000; Quirrenbach et al. 1993; 1997; Chesneau et 

al. 2005; Tycner et al. 2005; 2006). The observations are generally focused on 

the angular resolution of the discs in the narrow spectral band, centred on the 

Ho: emission line. Such studies have revealed that the matter responsible for the 

visible continuum and emission lines is not spherically distributed (Stee et al. 

2001; Tycner et al. 2006), where Stee et al. (1998) found that the extent of the 

emitting regions increases as He I 6678; H;3, Ho:. An example of this is shown 

in the intensity plots of"( Cas (refer to Figure 6.2), where you can see that the 

disc is clearly emitting at radii beyond that of the Ho: emitting radius. In this 

case therefore it is clear that the circumstellar radius Rd, determined from the 

Ho: emission line, would not be indicative of the true circumstellar radius. At 

present however most of these studies are limited to nearby stars, so for more 

distant targets we have to rely on indirect methods in order to make estimations 

about the disc size and geometry. 

As outlined in Section 1.3.2 and Chapter 5, the radius of the circumstellar disc 

is limited by the truncation radius due to the presence of resonances between 

the neutron star orbital period and the Keplerian orbital periods of the matter 

in the circumstellar disc, (Okazaki & Negueruela, 2001). These truncation radii, 

Rn , are given by 

Rn = (G~*) 1 ~ (Porb)2/3 
R* 4rr R* n 

M 1/ 3 
r * 
n 2

/ 3R* 
(6.2) 

where n is an integer which determines the resonance involved (e.g. n = 3 for 

the 3:1 resonance); the donor star's stellar radius, R* and mass, M*, are given 

in terms of solar units; and r is a constant given by 
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Figure 6.2: Intensity maps with parameters representative of the Be star, Cas 

(Stee & Bittar, 2001). From the upper left to the lower right respectively in 

the Hj3 line, Continuum at 0.48/1,ffi, Ho: line, Continuum at 0.65JLm, Bq line, 

Continuum at 2.16JLm, within a spectral bandwidth of 40A. The axis are in 

units of the stellar radius. North is up and East is left. 
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(6.3) 

Studying the emission line profiles of Be/X-ray binaries and their evolution with 

time, is therefore of great importance as it allows us to investigate the changing 

state of the circumstellar disc and the resulting accretion on to the neutron star. 

6.2 Overview of A0535+26 

A0535+26 (V725 Tau) is a hard Be X-ray transient pulsar (Coe et al. 2006; 

Sunyaev et al. 1989; Motch et al. 1991). It was discovered in 1975 by the 

Ariel 5 survey during a type II outburst (Coe et al. 1975; Rosenberg, 1975) 

and became a prototype of the Be X-ray binary class. The optical counterpart 

was identified as the 09.7-BOIIIe star, HDE 245770 (Liller, 1975; Giovannelli & 

Sabau Graziati, 1992; Steele et al. 1998), however the luminosity class is not 

confirmed, as it is based on spectral lines that were affected by disc emission 

(Wang & Gies, 1998; Grundstrom et al. 2007). 

A0535+26 is known to display both type I and II X-ray outbursts, which is ex

pected in systems of intermediate eccentricity (Le. e = 0.47 ± 0.02, Motch et al. 

1991; Finger et al. 1994; Negueruela, 1998). Observations of the type I X-ray 

outbursts, of a few hundred milli-crab are normally seen at periastron (Motch 

et al. 1991; Clark et al. 1998a). These outbursts reveal an approximate orbital 

period of around 110 days (Hayakawa, 1981; Warwick et al. 1981; Nagase et al. 

1982; Priedhersky & Terrell, 1983; Hutchings, 1984; Finger et al. 1996). During 

times of X-ray emission, a pulse period of Ppu/se = 103 seconds is also seen 

(Hayakawa, 1981; Motch et al. 1991; Finger et al. 1994; Clark et al. 1998a). 

Analysis of the Doppler shifts of this X-ray pulsation allow determination of an 

accurate orbital period to be Porb = 111.38 ± 0.11 days (Larionovet al. 2001; 

Coe et al. 2006). 

The emission from the disc, in the form of optical and infrared continuum and 

Balmer emission lines, is known to display temporal variations (Clark et al. 

1998b; Lyuty & Zaitseva, 2000; Haigh et al. 2004), but these are not correlated 

with the orbital period, and instead have dominant timescales of '" 1500 days 

and '" 103 days. The 103 day periodicity is the beat period of the orbital pe-
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riod and the 1500 day periodicity (Larionov et al. 2001), which is believed to 

be caused by retrograde precession of the circumstellar disc (Haigh et aJ. 2004). 

Temporal variations in the circumstellar disc are also apparent in the form of 

V /R cyclic variations in the Ha emission profile, and are most likely attributed 

to a global one-armed density oscillation (Clark et aJ. 1998a). The cycle ob

served in A0535+26 is rv 1 year, and is the shortest cycle ever observed (Le. 

typical cycles are rv 7 - 10 years for other Be stars), (Clark et aJ. 1998a). This 

variability is also seen in the H{3 line, which is produced closer to the star than 

Ha, thus suggesting that any density perturbation in the circumstellar disc of 

A0535+26 extends to smaller radii than the Ha emission zone (Clark et aJ. 

1998a). 

Observations of type II X-ray outbursts have, to date, been observed 5 times, 

typically reaching 2 - 3 Crab intensity (in the 2 - 20keV range) in each burst. 

The first recorded outburst in April 1975 marked the discovery of A0535+26, 

and since then outbursts seem to recur every 5 years in groups of two with the 

third one missing (i.e. April 1975 (Rosenberg et aJ. 1975; Coe et aJ. 1975); 

October 1980 (Nagase et aJ. 1982); April 1989 (Sunyaev, 1989); February 1994 

(Finger et aJ. 1996); May/June 2005 (Coe et aJ. 2006)). These outbursts seem to 

correlate with the cycles of circumstellar disc loss and reformation determined 

from the Hn:2 equivalent width and photometric variations. For example, in 

1994 the Hn: equivalent widths were at a low, exhibiting the longest minimum 

observed in 10 years, and suggesting a significant reduction in the base density 

of the disc (Clark et al. 1998a). This is also apparent in infra-red observations, 

which show a reduction in the Paschen series flux between December 1993 and 

September 1994 (Clark et aJ. 1998b). This reduction in disc density preceded 

the observed giant outburst of 1994 (Finger et al. 1996), as the matter in the 

outer regions of the circumstellar disc (between the 2 outer truncation radii) 

would have been dumped and accreted by the neutron star to form the giant 

burst, thus resulting in a smaller circumstellar disc. 

The disc was then observed to carryon reducing in size until almost complete 

disc loss in 1998 (Clark et aJ. 1998a; Haigh et aJ. 1999; Lyuty & Zaitseva 2000; 

Haigh et al. 2004; Coe et al. 2006). This correlates with the fact that no type II 

X-ray outburst was observed in 2000 {i.e. rv 5 years after the last outburst in 

2The He I 6678 emission line is observed to show similar behaviour to the Ho line, (Coe 

et al. 2006; Grundstrom et al. 2006). 
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1994), and no X-ray detections were reported in the period 1995 - 2004. 

Over the next few years however, the circumstellar disc was observed to reform 

(Coe et al. 2006) and attained its former strength in 2005 (Grundstrom et al. 

2007), which correlates with the observed outbursts of May/June 2005 (Theiler 

et al. 2005; Smith et al. 2005; Coe et al. 2006; Grundstrom et al. 2006). 

The first of these outbursts occurred on the 6th May 2005 (i.e. at phase 0.91), 

reaching luminosities of Lx = 1.3 X 1037 erg S-l, and lasting'" 75 days, which is 

the longest ever observed outburst in this system (Coe et al. 2006; Grundstrom 

et al. 2007). 

The X-ray spectra during the outburst can be well presented by a power-law 

component with r = 1.0 ± 0.2 and an exponential cut off of 25 ± 5 keY, consis

tent with previous type II outbursts, (Coe et al. 2006). However the outburst 

profile displayed an exponential flux rise with rapid decay instead of the typical 

rapid rise and slow decay observed in most type II outbursts (Coe et al. 2006). 

Approximately 15 days after its decay it was then accompanied by a second 

smaller outburst (Coe et al. 2006; Grundstrom et al. 2007) similar to that of 

V635 Cas. However, instead of the circumstellar disc dispersing after the second 

outburst, optical data (refer to Figure 6.3) suggests that the circumstellar disc 

remained large and in fact continued to grow beyond periastron passage (Coe 

et al. 2006; Grundstrom et al. 2007). This is consistent with the X-ray light 

curves of Grundstrom et al. (2007) (refer to Figure 6.3) and in the emission 

strength of H,8 (Motch et al. 1991), which show a maximum past periastron 

passage (Le. at phase 0.3). 

It is therefore suggested that the mass transfer process in A0535+26 is sup

ported by the strong tidal forces that exist near periastron (Grundstrom et al. 

2007), where the arm closest to the neutron star is able to lift material outside 

of the disc boundary providing a source of gas accretion at phases beyond peri

astron (Okazaki et al. 2002). The fact that the circumstellar disc remains large 

and does not disperse could also explain the unusual rapid decay observed in 

the outburst profile, where the slower rise could be attributed to the formation 

of an accretion disc around the neutron star (Coe et al. 2006). 

The presence of a transient accretion disc has previously been suggested by 

Motch et al. (1991) who found that the specific angular momentum of accreted 

material is much larger during type II outbursts than in those of type I. The 

detection of quasi-periodic oscillations during type II outbursts, also seems to 
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suggest the presence of an accretion disc, (Finger et al. 1996). 

During the quiescent X-ray state, when no type I or II outbursts are observed, 

A0535+26 has been shown to display pulsations (Motch et al. 1991) and low 

intensity X-ray emission modulated with the orbital period (Negueruela et al. 

2001; Orlandini et al. 2004). This is unusual as we would expect the cir

cumstellar disc to be non-existent and therefore unable to provide a source of 

matter for accretion by the neutron star (Le. due to the propeller effect, Stella 

et al. 1986). However according to Ikhsanov (2001) an accreting plasma can 

enter the magnetosphere through magnetic line reconnection. This seems to 

be the case in A0535+26, where the mass capture rate at periastron passage 

(Le. M", 1O-9M0 yr- 1) is sufficient to explain the observed Lx, and thus the 

modulation (Coe et al. 2006) . 
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Figure 6.3: Time evolution of the X-ray flux (top panel), V magnitude (middle 

panel), and disc radius (bottom panel) of (a) A0535+26 and (b) X Per, from 

Grundstrom et al. (2007). 
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6.3 Overview of X Per 

X Per is one of the brightest and most famous of the Be X-ray binaries. It con

sists of the persistent, low luminosity pulsar 4U 0352+30 (Braes &. Miley, 1972; 

van den Bergh, 1972; Brucato &. Kristian, 1972; Weisskopf et al. 1984) and the 

09.5III-BOVe star HD 24534 (Slettebak, 1982; Fabregat et al. 1992; Lyubimkov 

et al. 1997; Roche et al. 1997). The pulse period of Ppulse '" 837 seconds, 

was found with the Uhuru satellite (White et al. 1976; 1977), and is one of the 

longest periods ever observed in an accreting pulsar (Bildsten et al. 1997; Haberl 

et al. 1998). Timing analysis of the pulsar carried out by Delgado-Marti et al. 

(2001) using RXTE observations, reveal an orbital period of Porb = 250.3 days 

(White et al. 1976; Coburn et al. 2001) and an eccentricity of e = 0.11. This 

orbital period is in agreement with the predicted period of '" 266 days found 

from the Corbet diagram3 (Delgado-Marti et al. 2001). Previous studies had 

suggested an orbital period of'" 580 days (Hutchings et al. 1974; 1975; Hutch

ings 1977), but this was later found to be based on erroneous data (Penrod &. 

Vogt, 1985). 

X Per is the prototype for the sub-class of persistent Be X-ray binary sources, 

(Reig &. Roche, 1999). Such systems are known for their low X-ray luminos

ity, lack of significant variability and weak magnetic field (i.e. :-:; 1012 G, Li 

et al. 1999). X-ray monitoring of X Per shows little variability with no ma

jor outbursts observed (Roche et al. 1997; Clark et al. 2001). The lumi

nosity is observed to vary slightly on timescales of years i.e. from as high as 

'" 3 x 1035 erg S-l 4 (Delgado-Marti et al. 2001) to as low as '" 4.2 x 1034 erg S-l 

(Coburn et al. 2001). 

The weak magnetic field of X Per (i.e. rv 3.3 X 1012 G at the polar cap) has been 

confirmed by the presence of a 29 ke V cyclotron resonance scattering feature 

found with RXTE data by Coburn et al. (2001). Such features are not usually 

observed in low luminosity systems, making X Per the lowest luminosity source 

to exhibit one (Coburn et al. 2001). Taking this feature into account, Coburn 

et al. (2001) found that the X-ray spectrum is best-fitted by a combination of a 

1.45 ± 0.02 keY blackbody and a power-law with a photon index of 1.83 ± 0.03. 

3The Corbet diagram shows the relation between pulse period and orbital period and was 

developed by Corbet, 1986 (Corbet 1986; van den Heuvel & Rappaport, 1987). 
4Note, this luminosity determination is based on a distance of 1.3kpc. 
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Compared to the spectra of other accreting pulsars, the spectrum of X Per is 

very unusual and is thought to be due to the lower mass accretion rate typical 

of these persistent sources (Coburn et al. 2001). 

Unlike the X-ray the optical light shows significant spectroscopic and photo

metric variability, with the V magnitude ranging from rv 6.1 - 6.8 (Mook et al. 

1974; Roche et al. 1997). This variability has been recorded since 1913 by the 

University of Michigan (Clark et aJ. 2001) up until the present day (Roche et aJ. 

1993; Norton et al. 1991; Clark et aJ. 2001). The recurrent optical brightening 

and fading appears to follow a 6 - 7 yr cycle (Dorren et aJ. 1979; Dorren & 

Guinan, 1980; Roche et aJ. 2000), which has been suggested to be due to the 

formation and dissipation of the circumstellar disc. 

Long term optical observations by Roche et aJ. (1993) and Clark et aJ. (2001), 

during the period 1986 - 1994, show the system in transition from a Be star 

to a disc-less B star and back to a Be star again. For example, the period 

starting March 1986 exhibited a photometric bright state with corresponding 

bright double peaked Ha emission lines, followed by a subsequent fading of 

rv 0.6 magnitude between May 1988 and June 1989. This photometric fading 

was accompanied by a steady decrease in the Ha equivalent width, until July 

1990 when Ha was no longer seen in emission, thus indicating an episode of 

complete disc loss (Norton et aJ. 1991; Fabregat et aJ. 1992). 

The system remained in a disc-less state until October 1991 when Ha became 

visible again as a weak double-peaked profile. The Ha line intensity and equiv

alent width increased steadily as the disc continued to grow, when in April 1993 

it reached sufficient density for continuum emission to be observed. This was 

confirmed with the presence of a rapid photometric brightening, increasing by 

0.6 magnitude between April 1993 and October 1994. 

This recurrent optical fading observed every 6 - 7 years does not always result in 

complete disc loss (refer to Figure 6.3). For example, in October 1994 after the 

disc had reformed from the previous disc loss episode, the V band continuum 

emission started to drop to its former low (Le. decreasing by rv 0.5 magni

tude in rv 1 year), suggesting a decrease in disc density. However, instead of 

the emission lines slowly disappearing, the Ha equivalent width continued to 

increase, thus indicating a constant line flux, and showing that an decrease in 
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photometric magnitude can occur independently of the Ha emissivity5. 

The system stayed in this prolonged period of low-level continuum and line emis

sion, displaying only small variations (Le. 8V rv 0.2 magnitude; 8EW rv 0.2A) 

until July 1996 when a dramatic brightening occured signalling the onset of disc 

growth and the beginning of a new cycle. The V magnitude continued increas

ing for the next year then decreased again followed by an abrupt brightening 

of 0.5 magnitude (refer to Figure 6.3). The equivalent width also started to 

increase reaching a peak (rv 17 A) approximately one year after the photometric 

peak. Such a lag between photometric magnitude and equivalent width is a 

common feature of Be stars and is indicative of the differences in spatial origin 

between the continuum and line emission, as suggested by Clark et al. (2001), 

(Grundstrom et al. 2007). 

In early 1999 a plateau was then observed followed by a slow decline. However 

like the optical fading of 1994/1995, the system did not go into a disc-less state 

and instead the system steadily became brighter reaching peaks higher than 

any seen for the past few decades (Grundstrom et al. 2007). The corresponding 

Ha equivalent width also reached its largest values indicating significant disc 

growth between 2002 and 2006 (Roche et al. 1993; Pic coni et al. 2000; Clark et 

al. 2001) . This was reflected in a slow increase in X-ray flux (refer to Figure 

6.3) that was observed to reach a record high in 2003 (Grundstrom et al. 2007) 

and confirmed that the X-ray source is powered by mass accretion from the Be 

star disc (Grundstrom et al. 2007). 

The X-ray light curves around this time showed X-ray maximum occurs at rv 

phase 0.25, suggesting that like that of A0535+26 the mass transfer process 

in X Per is supported by strong tidal forces and thus provides a source of gas 

accretion at phases beyond periastron (Okazaki et al. 2002; Grundstrom et al. 

2007). 

As well as the distinct long term optical variability observed in X Per, V /R cyclic 

variations in the Ha emission profile, like that of A0535+26 are also observed. 

These variations have been observed since the early 1900's (Mc Laughlin, 1937; 

Cowley et al. 1972; Wackerling, 1972; Galkina, 1980; Clark et al. 2001) with 

5Clark et al. (2001) suggested that as the Ret emissivity region is more optically thick 

and formed over a wide range of disc radii and that the continuum emission is formed in the 

inner part of the disc, such independent changes imply that disc evolution cannot just be 

understood in terms of changes in base disc density, but must also involve variations of the 

radial density gradient of the disc. 
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periods ranging from 0.2 - 6 years (Clark et al. 2001). The profile as a whole 

shifts blueward when the red peak is stronger and vice-versa, where the V jR 

variations are presumably due to a global one-armed density oscillation (Clark 

et al. 2001), like that of A0535+26 and most Be stars. 

The emission line profiles of He I 6678 show similar V jR variability to that of 

Ha, following roughly the same pattern (Clark et al. 2001). However instead of 

a double-peaked profile, He I 6678 has been found to show a complicated multi

component structure with strong variability. This generally 4-peaked profile 

seems to appear when emission at large velocities (Le. in excess of the stellar 

rotation velocity) is significant (Clark et a\. 2001). Clark et a\. (2001) suggests 

that at this time the density of material in the equatorial plane had increased 

at very small radii and the radial density gradient is therefore not represented 

by a simple power-law. The outer peaks are then observed to migrate towards 

the line centre, which they suggest results from the change in the radial density 

distribution back toward a simple power-law (Clark et al. 2001). 

6.4 Disc resonances in X Per and A0535+26 

Resonances between the neutron star orbital period and the matter in the cir

cumstellar disc ofthe Be star are known to occur (refer to Section 1.3.2, Chapter 

5 and Section 6.1), where the radius of the disc will be truncated at specific res

onance radii and can be found from Equation 6.2. As was discussed in Section 

1.3.2, systems with low eccentricity will likely be truncated at the 3: 1 resonance 

radius whereas systems with high eccentricity will be truncated at higher reso

nance radii (Negueruela et al. 2001; Okazaki & Negueruela, 2001). 

A0535+26 is of intermediate eccentricity and is therefore too eccentric to be 

truncated at the 3:1 resonance radius and instead is expected to be truncated 

at a higher resonance radius. By applying the viscous decretion disc model and 

assuming the orbital soulutions of Finger et al. (1996), Okazaki & Negueruela 

(2001) determined likely resonances for truncation to occur in A0535+26. They 

found that when assuming a relatively high viscosity (Le. 0.11 ~ a ~ 0.4) the 

disc is likely to be truncated at the 4:1 resonance radius and when assuming a 

lower viscosity (Le. 0.038 ~ a ~ 0.11) it is likely to be truncated at the 5:1 res

onance radius. The corresponding truncation radii were then determined from 
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Equation 6.2, by assuming the star to be of spectral type BOllI, with R* = 15R0 

and M* = 20M0 (Grundstrom et al. 2007)6. 

At the 4:1 resonance, the truncation radius (Rt '" 6.6R*, Grundstrom et al. 

2007) is slightly larger than the critical lobe radius at periastron. Therefore as 

type I outbursts are known to occur the disc must have reached this radius and 

be of relatively high viscosity. However, in times of quiescence we can assume 

that the viscosity decresed and the disc shrunk to a lower truncation radius 

(Le. the 5:1 resonance radius, Rt '" 5.7R*, Grundstrom et al. 2007) (Okazaki 

& Negueruela, 2001). 

Coe et al. (2006) estimated the disc radii, for the period 2001 - 2005, using 

Equation 6.1 and assuming a stellar mass of M* = 20M0 , and an inclination 

of i = 270 (found from the mass function of Finger et al. 1996). The re

sulting disc radii were smaller than those found by Haigh et al. (2004), but 

seemed to correlate with the resonance radii of Okazaki & Negueruela, (2001). 

For example in December 2001 to December 2003, the estimated disc radius 

(Rd = 4.8 x 1010 m), was approximately the same as the predicted 7:1 resonance 

radius. The disc was therefore of low viscosity and reduced size, explaining the 

fact that during this time no type I or II X-ray outbursts were exhibited. Then 

in March 2005, shortly before the May/June outburst, the estimated disc ra

dius (Rd = 6.8 x 1010 m) was roughly between the 4:1 and 5:1 resonance radius 

suggesting that the disc was of sufficient size to allow active mass transfer and 

thus explaining the observed outburst. Finally in August 2005, shortly after the 

outburst the estimated disc radius (Rd = 10.7 X 1010 metres) was smaller than 

the 3: 1 resonance radius suggesting continued growth of the disc instead of the 

expected dispersal. 

Grundstrom et al. (2007) also estimated the disc radius of A0535+26, but in

stead used the Ho: equivalent width and adopted values of TefJ, i and Rout, 

(refer to Grundstrom & Gies, 2006). They defined the disc radius (RHWHM ) 

as 'the distance along the major axis from the star where the integrated Ho: 

emission intensity of the disc declines to half of the peak value found at a posi

tion immediately adjacent to the photosphere'. Their values were slightly larger 

than those of Coe et al. (2006) which was expected as Coe et al. (2006) derived 

6Note in the case of A0535+26, the resonance is with the beat period and not the orbital 

period of 110 days (Larionov et aJ. 2001), so the beat period of 103 days is used in Equation 

6.2. 
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a velocity weighted by the brighter parts of the Ho: emitting region whereas 

Grundstrom et al. (2007) derived a velocity corresponding to an outer bound

ary between the brighter and fainter parts of the Ho: emitting region. The 

difference is negligible except for the data obtained in August 2005, as Coe et 

al. (2006) determined Rd from the Ho: equivalent width using a linear extrapo

lation instead of a standard power-law (e.g. Zamanov et al. 2001). However, as 

the estimated disc radii in all cases are approximately equal to the determined 

truncation radii, it would suggest that the entire disc emits in the Ho: (Grund

strom et al. 2007). 

X Per is of low eccentricity and is therefore expected to be truncated at the 3:1 

resonance radius (Okazaki & Negueruela, 2001). This is supported by Clark et 

al. (2001) who show that the disc will be truncated at the 3:1 resonance radius 

if 0: > 7 X 10-4 . Assuming a spectral type of BOVe, with R* = 6.5R0 and 

M* = 15.5M0 , Grundstrom et al. (2007) used Equation 6.2 to determine the 

truncation radius at the 3:1 resonance. They found Rt = 31R*, which is smaller 

than the separation between the Be star and the neutron star at periastron, 

which is assumed to be the mean Roche radius at periastron (rv 34~), (Grund

strom et al. 2007). The truncation is therefore expected to be efficient, such 

that the neutron star is unable to accrete sufficient gas at periastron passage for 

type I outbursts to be observed. As a result the material ejected from the star 

tends to accumulate in the circumstellar disc, increasing the density distribution 

and hence exhibiting persistent low X-ray luminosity. 

Using Equation 6.1 and assuming an inclination of i = 30°, Clark et al. (2001) 

estimated the disc radii for the period after complete disc loss when the disc 

had reformed. They found that the radius (or at least the Ho: emitting radius) 

increased from 1.1R* to 8.6~ between October 1991 and April 1997. According 

to the photometric and spectroscopic data of Clark et al. (2001), the disc radius 

at this time had stopped growing, and with only a radius of 8.6~ was therefore 

well below the truncation radius and hence the separation at periastron. 

Grundstrom et al. (2007), using the same methods as in the case of A0535+26, 

also estimated the disc radii of X Per for the period 1996 to 2006. Contrary to 

Clark et al. (2001) they found a smaller disc radius of rv 4~ in the period 1996 

- 1998, reaching rv 5~ in 2000 and peaking at rv 6.4~ in 2006. The recent 

increase in X-ray flux observed in 2003 suggests the accretion of gas from the Be 

star disc to the neutron star has occurred (Grundstrom et al. 2007). However 
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this increase correlates with an estimated disc radius of Rd '" 5R* (Grundstrom 

et al. 2007), which is even smaller than the previous radius of Rd = 8.6~ 

and therefore much smaller than Rt and the separation radius at periastron. 

Grundstrom et al. (2007) suggest two possible explanations. Firstly, like in 

the case of A0535+26, strong tidal forces that exist at periastron may aid the 

mass transfer. If this is the case, it is expected that the mass transfer will occur 

predominantly after periastron, which is exacly what is seen in the X-ray light 

curves (refer to Section 6.3). Secondly, the actual disc may extend beyond the 

radius that has been calculated7 , and may be sufficient to power the accretion 

driven X-ray flux. 

6.5 New echelle spectroscopy of X Per and 

A0535+26 

High resolution optical spectroscopy of both X Per and A0535+26 were ob

tained from observations taken at the La Palma, Calar Alto and Pic du Midi 

observatories. During the period March 1998 to December 2004, nine spectra 

of X Per were taken covering the wavelength range 3960A to 71ooA, and dur

ing the period November 1998 to January 1999, four spectra of A0535+26 were 

taken covering the wavelength range 4000A to 8700A. In each case a grating 

spectrograph was used which gave a resolution of approximately 0.06 - 0.07 A 

per pixel. Refer to Tables 6.1 and 6.2 for a list of dates, telescopes and instru

ments used for the observations of X Per and A0535+26 respectively. 

The first three spectra obtained for X Per cover a time of disc growth, the spec

tra obtained from observations 4 - 6 are from a time when the disc had stopped 

growing and was in a plateau state and those obtained from observations 7 - 9 

were during another period of disc growth. The spectra obtained for A0535+26 

however, cover a time of complete disc loss, where the spectrum obtained at ob

servation 1 was during complete disc loss and those obtained from observation 

2 - 4 were at a time when the disc was starting to reform. 

71£ the HI) peak separation remains constant, it cannot be assumed that the outer edge 

of the disc has ceased to expand, as the material outside this implied radius may just be too 

diffuse to contribute sugnificantly to line emission (Clark et al. 2001). 
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Table 6.1: Table of observation dates, telescopes and instruments used for X Per. 

Obs. Date Telescope Instrument MJD Phase 

1 08-03-1998 INT, La Palma IDS 50880.845 0.661 

2 08-03-1998 INT, La Palma IDS 50880.858 0.661 

3 07-11-1998 WHT, La Palma UES 51124.049 0.634 

4 28-01-1999 CA220, Calar Alto NN 51206.923 0.966 

5 28-01-1999 CA220, Calar Alto NN 51206.927 0.966 

6 02-08-1999 CA220, Calar Alto CAFOS2.2 51392.174 0.707 

7 20-12-2003 CA220, Calar Alto NN 52993.904 0.117 

8 (blue) 05-12-2004 T2M Bernard Lyot, MUSICOS 53344.866 0.521 

Pic du Midi 

8 (red) 05-12-2004 T2M Bernard Lyot, MUSICOS 53344.889 0.521 

Pic du Midi 

9 (blue) 07-12-2004 T2M Bernard Lyot, MUSICOS 53346.117 0.526 

Pic du Midi 

9 (red) 06-12-2004 T2M Bernard Lyot, MUSICOS 53345.878 0.525 

Pic du Midi 

Table 6.2: Table of observation dates, telescopes and instruments used for 

A0535+26. 

Obs. Date Telescope Instrument MJD Phase 

1 07-11-1998 WHT, La Palma UES 51124.053 0.417 

2 28-01-1999 CA220, Calar Alto NN 51206.983 0.162 

3 28-01-1999 CA220, Calar Alto NN 51206.998 0.162 

4 29-01-1999 CA220, Calar Alto NN 51207.926 0.169 

All spectra were reduced using standard IRAF routines and extracted using op

timal extraction procedures. The extracted spectra were then continuum fitted 

using DIPSO. Orbital phases corresponding to each spectrum were calculated 
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using the relevant ephemeris, where a barycentric correction was applied to the 

MJD before the phases were calculated. The ephemeris from Delgado-Marti et 

al. (2001) was used for X Per, which gives the centre time of the Nth periastron 

passage as: 

51215.5(±0.5) + 249.9(±0.5)N (6.4) 

For A0535+26 the ephemeris of Larionov et al. (2001) was used, which gives 

the centre time of the Nth periastron passage as: 

2446734.3( ±2.6) + 1l1.38( ±O.ll)N (6.5) 

The resulting spectra were converted to a velocity scale and the individual 

spectral emission lines were plotted as a function of time, refer to Figures 6.4 

- 6.6 and 6.7 - 6.9 for X Per and A0535+26 respectively. The spectral profiles 

were then fitted with Gaussians such that the equivalent width, peak intensities 

and peak separation could be determined. The Gaussian fits to the double 

peaked profiles were fitted such that both the violet and red peaks were fitted, 

like that of Zamanov et al. (2001) and Grundstrom et al. (2007). In both cases 

the fits were restricted to the inner part of the profile and were unable to take 

into account the large extended wings. 

From the measured peak separation and by using Equation 6.1, like that of 

Clark et al. (2001) and Coe et al. (2006), the disc radius, Rd was determined. 

In the case of X Per we assumed M* = 15.5M0 , R.. = 6.5R0 and i = 30°, and 

for A0535+26 we assumed M* = 20M0 , R.. = 15R0 and i = 27°. Refer to 

Tables 6.3 and 6.4 for the resulting spectral line measurements and Figures 6.10 

- 6.15 and 6.16 - 6.19 for the corresponding time variability plots of X Per and 

A0535+ 26 respectively. 
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Table 6.3: Spectral line measurements of X Per, i.e. the equivalent width (EW); 

the radial velocity (RV) for both the violet (V) and red (R) peaks; the peak 

separation <5V; and the calculated circumstellar disc radii (~ is given in units 

of R*, where R* = 6.5 R0)' 

MJD EW VIR RV(V) RV(R) <5V Rd Error 

A (kms- l ) (km S-I) (kms- l ) (R*) (~) 

HI' 

51206.92 -0.13 1.05 -68 162 230 8.57 0.09 

51206.93 -0.13 1.04 -69 155 224 9.03 0.07 

51392.17 -0.15 0.92 -156 76 232 8.48 0.08 

52993.90 -0.44 1.01 -64 120 183 13.52 0.40 

53344.87 -0.52 1.01 -69 113 182 13.69 0.05 

53346.12 -0.48 0.99 -61 119 180 14.08 0.24 

H/1 

50880.85 -1.75 1.15 -71 86 157 18.56 0.070 

50880.86 -1.52 1.16 -71 77 148 20.84 0.36 

51124.05 -1.12 0.80 -125 89 214 9.97 0.17 

51206.92 -1.09 l.09 -67 121 188 12.92 0.12 

51206.93 -1.06 1.08 -65 118 183 13.63 0.05 

51392.17 -1.02 0.88 -121 60 182 13.78 0.12 

52993.90 -1.52 1.01 -69 103 172 15.34 0.24 

53344.87 -1.79 0.99 -75 95 170 15.75 0.20 

53346.12 -1.80 0.99 -74 97 171 15.60 0.05 

Ha 

50880.85 -13.42 1.21 -101 16 117 33.21 0.37 

50880.86 -13.56 1.17 -101 18 119 32.20 0.54 

51124.05 -9.36 0.77 -63 55 117 32.95 0.21 

51206.92 -4.89 1.04 -95 92 187 13.01 0.05 

51206.93 -6.57 1.09 -87 83 171 15.64 0.12 

51392.17 -6.31 0.83 -152 22 174 14.97 0.13 

52993.90 -14.96 1.03 -81 64 145 21.57 0.06 

53344.89 -16.36 0.98 -92 51 143 22.26 0.07 

53345.88 -16.24 0.98 -91 50 141 22.94 0.12 

134 



MJD EW vIR RV(V) RV(R) 8V Rd Error 

A (km S-I) (kms-l) (kms-l) (R*) (R*) 
HeI5876 

50880.85 -1.71 1.12 -111 100 210 10.28 0.42 

50880.86 -1.95 1.20 -111 17 128 27.77 1.65 

51124.05 -1.19 0.92 -226 78 305 4.90 0.03 

51206.92 -0.71 1.11 -108 123 231 8.50 0.05 

51206.93 -0.61 1.10 -110 130 240 7.91 0.04 

51392.17 -0.53 0.94 -192 36 228 8.77 0.06 

52993.90 -0.50 1.00 -117 92 210 10.33 0.04 

53344.89 -0.41 1.00 -128 81 209 10.40 0.05 

53345.88 -0.46 1.01 -124 83 207 10.57 0.02 

HeI6678 

50880.85 -0.94 1.09 -88 271 359 3.52 0.01 

50880.86 -1.05 1.07 -89 278 367 3.38 0.01 

51124.05 -0.53 0.97 -219 156 375 3.23 0.01 

51206.92 -0.21 1.07 -94 196 289 5.43 0.07 

51206.93 -0.20 1.05 -94 204 299 5.10 0.23 

51392.17 -0.24 0.97 -174 49 223 9.16 1.42 

52993.90 -0.25 0.99 -84 113 197 11.69 0.12 

53344.89 -0.11 1.02 -112 98 210 10.32 0.02 

53345.88 -0.11 1.00 -116 102 218 9.57 0.05 

HeI7065 

50880.85 -0.71 1.24 -91 94 185 13.27 0.34 

50880.86 -1.88 1.20 -95 62 157 18.52 0.83 

51124.05 -1.51 0.98 -211 107 317 4.52 0.03 

51206.92 -0.86 1.13 -102 146 248 7.37 0.93 

51206.93 -0.82 1.11 -90 157 247 7.45 0.07 

51392.17 -0.52 0.93 -146 72 217 9.62 0.06 

52993.90 -0.45 1.01 -103 121 224 9.07 0.11 

53344.89 -0.43 1.00 -107 108 216 9.79 0.04 

53345.88 -0.42 1.03 -103 108 211 10.22 0.22 
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Table 6.4: Spectral line measurements of A0535+26, i.e. the same parameters 

as in Table 6.3, except Rd is given in units of R*, where R. = 15 R
0

. 

MJD EW VIR RV(V) RV(R) 8V Rd Error 

A (kms-l) (kms-l) (kms-l) (R*) (R*) 
H')' 

51124.05 0.00 

51206.98 0.49 35 

51207.00 0.65 60 

51207.93 0.22 114 

Hj3 

51124.05 1.53 -9 

51206.98 0.67 41 

51207.00 0.83 47 

51207.93 0.88 44 

Ho: 

51124.05 1.13 -57 

51206.98 -1.27 1.01 -207 243 450 1.03 0.001 

51207.00 -0.96 1.02 -208 243 451 1.03 0.003 

51207.93 -1.43 1.01 -202 236 438 1.09 0.001 

HeI5876 

51124.05 0.92 -51 

51206.98 -0.71 0.96 -254 327 581 0.62 0.012 

51207.00 -0.65 0.98 -277 313 589 0.6 0.008 

51207.93 -0.44 1.01 -267 300 567 0.65 0.010 

HeI6678 

51124.05 0.85 -32 

51206.98 -0.47 0.99 -264 317 580 0.62 0.015 

51207.00 -0.54 0.97 -270 309 579 0.63 0.002 

51207.93 

HeI7065 

51124.05 0.61 -55 

51206.98 -0.29 1.03 -242 335 577 0.63 0.005 

51207.00 -0.33 1.01 -238 333 571 0.64 0.003 

51207.93 

136 



53346.117 

2.0 53344.866 

52993.904 

0.5 

51206.923 

-400 -200 0 200 400 - 400 - 200 0 200 400 
velocity (km/s) velocity (km/s) 

Figure 6.4: The (a) H, and (b) H,B emission line of X Per, shown for different 

times and as a function of velocity. Each spectrum is offset by 0.4 in the vertical 

axis, where the scale is arbitrary. 
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Figure 6.5: The (a) Ho: and (b) He I 5876 A emission line of X Per, shown for 

different times and as a function of velocity. Axis as in Figure 6.4. 

137 



53 45.878 53 45.878 

53344.889 53344.889 

52993.904 52993.904 

51392.174 51392.174 

2 1206.927 

51206.923 

51124.049 
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veloc;ty (km/s) veloc;ty (km/s) 

Figure 6.6: The (a) He I 6678 A and (b) He I 7065 A emission line of X Per, 

shown for different times and as a function of velocity. Axis as in Figure 6.4. 

51207.926 

-400 -200 0 200 400 -400 -200 0 200 400 
veloc;ty (km/s) veloc;ty (km/s) 

Figure 6.7: The (a) HI' and (b) Hj3 emission line of A0535+26, shown for 

different times and as a function of velocity. Each spectrum is offset by 0.4 in 

the vertical axis, where the scale is arbitrary. 
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Figure 6.8: The (a) Ho: and (b) He I 5876 A emission line of A0535+26, shown 

for different times and as a function of velocity. Axis as in Figure 6.4. 
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Figure 6.9: The (a) He I 6678 A and (b) He 17065 A emission line of A0535+26, 

shown for different times and as a function of velocity. Axis as in Figure 6.4. 
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Figure 6.10: Time variability of the main parameters of the H-y line in X Per. 

The top panel displays equivalent width in A, the middle panel diplays the V /R 

intensity variability, and the bottom panel displays the peak separation in km/s. 

Note the errors for EW are of the order'" 0.02 and those of the peak separation 

are shown in Table 6.3. 
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Figure 6.11: Time variability of the main parameters of the Ht3 line in X Per. 

Panels are the same as those in Figure 6.10. 
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Figure 6.12: Time variability of the main parameters of the Ha line in X Per. 

Panels are the same as those in Figure 6.10. 
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Figure 6.13: Time variability of the main parameters of the He I 5876 line in 

X Per. Panels are the same as those in Figure 6.10. 

143 

2005 ,I 
-

-

-

-

-

-

• -

-

-

• -

-



0 ,........ 
rJl s 
2 -0.5 ..., 
rJl 
OJ) 
s:: 
< -1 '-" 

~ 
~ 

-1.5 

1.05 
0:: 
'-.... 
> 

1 

,........ 350 
rJl 

'-.... 
S 300 
~ 

> 250 '0 

200 

1998 1999 2000 2001 2002 2003 2004 
1 1 1 1 1 1 1 

• • • 
- • 

• r- • 

I I I 

5.1x10· 5.2x 104 5.3x 104 

• I I I 

• • 
- • 

r-
• 

I • I I 

5.1x10· 5.2x 104 5.3x 104 

I • I I • -

- • • 
r-

• 
r- I I tt 

5.1 x 104 5.2x 104 5.3x 104 

time (MJD) 

Figure 6.14: Time variability of the main parameters of the He I 6678 line in 

X Per. Panels are the same as those in Figure 6.10. 
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Figure 6.15: Time variability of the main parameters of the He I 7065 line in 

X Per. Panels are the same as those in Figure 6.10. 
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Figure 6.16: Time variability of the main parameters of the Ho line in 

A0535+26. Panels are the same as those in Figure 6.10. Note the errors for EW 

are of the order'" 0.02 and those of the peak separation are shown in Table 6.4. 
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Figure 6.17: Time variability of the main parameters of the He I 5876 line in 

A0535+26. Panels are the same as those in Figure 6.16. 
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Figure 6.18: Time variability of the main parameters of the He I 6678 line in 

A0535+26. Panels are the same as those in Figure 6.10. 
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Figure 6.19: Time variability of the main parameters of the He I 7065 line in 

A0535+26. Panels are the same as those in Figure 6.10. 
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6.6 Extending the long term variability study 

Both X Per and A05353+26 have been studied extensively throughout the last 

century. The combination of all these data sets provides us with a large data 

set from which more accurate conclusions about the different variability cycles 

can be drawn. 

6.6.1 The disc phase variability 

As noted earlier the circumstellar discs of Be X-ray binaries are known to vary 

between phases of disc growth and disc dispersal, corresponding to observed 

phases of optical brightening and fading respectively. This brightening and fad

ing of the disc is also apparent in the equivalent widths of the spectral lines, 

where the equivalent width increases with decreasing peak separation and indi

cates phases of disc growth, and the equivalent width decreases with increasing 

peak separation and indicates phases of disc dispersal and in some cases com

plete disc loss. 

Our resulting spectral line measurements for X Per and A0535+26 (Figures 

6.10 - 6.19) show that like that of previous studies, the peak separation de

creases as the equivalent width increases, and vice-versa, where the different 

values observed between the spectral lines is indicative of their emissivity re

gion. For example, we see that Ho: generally has the smallest peak separation 

and therefore emits in the outer regions of the disc, whereas He I 6678 generally 

has the largest peak separation and therefore only emits in the inner regions 

of the disc. This is also apparent in the inferred disc radii (refer to Table 6.3 

and 6.4), where Ha has the largest inferred radii and therefore emits over the 

largest range, whereas He I 6678 has the smallest inferred radii and therefore 

emits over a smaller range within the inner radii of the disc. 

From previous studies (e.g. Dorren et al. 1979; Dorren & Guinan, 1980; Roche 

et al. 1999) it is known that the circumstellar disc of X Per follows an approx

imately 6 - 7 year disc growth and dispersal cycle. By comparing our Ha and 

He I 6678 data with those of Grundstrom et al. (2007) and Clark et al. (2001) 

(refer to Figures 6.20 and 6.21), we can see that our data are from a period of 

overall long term disc growth. Our data however, only cover the period from 
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March 1998 to December 2004, encompassing the end of one disc phase and the 

beginning of the next i.e the disc phase of 1996 - 2002 and 2002 - present. From 

Figures 6.20 and 6.21 it is clear that our data agree with that of Grundstrom 

et al (2007) and Clark et al. (2001), where the overall trend shows that as 

well as the variability associated with the disc growth and dispersal cycle (i.e. 

'" 6 -7 years), the equivalent width appears to be steadily increasing with time 

(i.e. becoming more negative). This steady increase and corresponding decrease 

in peak separation implies that with each disc phase of growth and dispersal 

the disc is becoming bigger, and correlates with the fact that the V magnitude 

has recently reached a value of 6.0 (Grundstrom et al. 2007), which hasn't been 

observed since 1972 (Roche et al. 1993). 

The calculated disc radii, however do not agree with those found by Grund

strom et al. (2007), where during the period 1996 - 1998 they find Rd = 4R. 

as opposed to our '" 33R. and in 2000 they find Rd = 5R. as opposed to our 

'" 15R. in January 1999 and Rd = 22R. in December 2003 and 2004. Refer to 

Figure 6.23 for a schematic scaled diagram of X Per where the truncation radii, 

R t and our minimum and maximum calculated disc radii, Rd, are shown. 

If we look at Figures 6.10 - 6.15 we can see that the equivalent width and 

peak separation of Hfi and H-y follow the same trend as Ho:, whereas those of 

He I 5876, 6678 and 7065 do not follow the same trend as Ho:. For example, dur

ing the period March 1998 to August 1999 the equivalent width of the observed 

hydrogen lines appear to be decreasing, they then start to increase again, where 

by December 2004 they are back up to peak values (i.e. Ho: EW '" -16A). 

However, the helium lines only follow the same pattern as Ho: until 1999, when 

instead of increasing during the period 2003 - 2004, they stay at a constant 

value. This difference in trend suggests that during that time of disc growth 

only the outer regions were expanding and not the inner regions where there is 

sufficient density for helium emission. 

Again, as noted earlier, the circumstellar disc of A0535+26 is known to follow 

a cycle of '" 5 years, where type II X-ray outbursts normally occur at the end 

of each growth cycle (i.e. they recur in groups of 2 with the third one missing). 

Again, by comparing our Ho: data with those of Grundstrom et al. (2007) (refer 

to Figure 6.22) it is clear that, although we only have a few data points for 

A0535+26 they are in good agreement. The overall trend of the data, which 
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covers the period 1998 - 2006, shows a steady increase in equivalent width 

and corresponding decrease in peak separation implying long term gradual disc 

growth8
, which correlates with the fact that the disc had just experienced almost 

complete disc loss and was undergoing disc reformation. The calculated disc 

radii were also comparable to Grundstrom et a1. (2007) and to Coe et a1. 

(2006), who found Rd grew from'" 4.8 - 10.7 X 1010 metres (i.e. 4.5 - 10.2 R*) 

in the period December 2001 to August 2001. Our data does not cover this 

period but during the period of observation in 1998/1999 we find Rd '" 1 R* 

(i.e. '" 1010 metres), which is of the same order but lower as would be expected. 

Refer to Figure 6.24 for a schematic scaled diagram of A0535+26 where the 

truncation radii, Rt and our minimum and maximum calculated disc radii, Rd, 

are shown. 

If we look at Figures 6.16 - 6.19 we can see that contrary to X Per, the equivalent 

width and peak separation of the helium lines (He I 5876, 6678, 7065) follow 

the same trend as Ha, suggesting that during this time of disc growth both the 

outer regions and inner regions were expanding. 

6.6.2 The cyclic V jR variability 

As noted earlier, cyclic V /R variability due to global one-armed oscillations are 

observed in most Be X-ray binary systems, including X Per and A0535+26. 

From Figures 6.4 - 6.9 we can see evidence of this variability (especially in the 

case of X Per), but due to the limited data set in both X Per and A0535+26 

the cycle length is not apparent. However by comparing our V /R ratios with 

those of Grundstrom et a1. (2007) and Clark et e1. (2001), this cyclic variability 

becomes clearer. 

In the case of X Per we see that during the period April 1990 - October 1995 (Le. 

MJD 48000 - 50000) there is negligible variability (refer to the middle panel of 

Figure 6.20), which correlates with the fact that the disc was reforming at this 

time and was therefore presumably not stable enough for a global one-armed 

density wave to exist. Only in 1995, when the disc had reached a stable density 

do we begin to see such variability, which appears to follow cycle lengths of 

8There is no data covering the period 2001 - 2006, so we can only assume that during that 

period the same trend is observed. 
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'" 1 - 1.5 years. In early 1998, corresponding to a time of decreased equivalent 

width, the V /R amplitude begins to get smaller, until September 2000 when 

the amplitude increases dramatically and corresponds to a time of incresed 

equivalent width. After September 2000, there are few data so a cycle period 

cannot be established, but a period of 1 - 1.5 years seems to fit. 

In the case of A0535+26 we see that for the entire period of the combined 

data set (i.e. July 1998 - Sept 2006) the V jR variability is negligible (refer to 

middle panel of Figure 6.22). This is to be expected as the start of the period 

corresponds to an episode of complete disc loss, which is apparent in the observed 

spectral lines (refer to to Figures 6.7 - 6.9). From the Het spectral line (Figure 

6.8a) we can see that it only appears as emission in January 1999. As the disc 

grows and becomes stable we would expect to see significant V jR variability, 

however we have no data between September 2000 and 2006 to confirm this, 

except for the one data point of Grundstrom et al. (2007) in September 2006. 

In the case of both X Per and A0535+26, we can see from Figures 6.25 - 6.27 for 

X Per and Figures 6.28 - 6.29 for A0535+26, that the observed hydrogen and 

helium spectral lines seem to follow the same variability as the Ho: line. However 

in the case of A0535+26 the Ho: line appears as emission at MJD 51206.983, 

where as the others do not, presumably because the circumstellar disc hasn't 

reached sufficient temperature and density for them to be produced. The Ho: 

line, in the case of X Per, also shows more pronounced V /R variability than the 

other lines. 
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Figure 6.25: The emission lines of X Per shown as a function of velocity, at (a) 

MJD=50880.85 (b) MJD=50880.86 and (c) MJD=51124.1. Each spectrum is 
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Figure 6.26: The emission lines of X Per shown as a function of velocity, at (a) 

MJD=51206.92 (b) MJD=51206.93 and (c) MJD=51392.2. Axis as in Figure 

6.25. 
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Figure 6.27: The emission lines of X Per shown as a function of velocity, at 

(a) MJD=52993.9 (b) MJD=53344.9 and (c) MJD=53346.0. Axis as in Figure 

6.25. 
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Figure 6.28: The emission lines of A0535+26 shown as a function of velocity, at 

(a) MJD=51124.05 and (b) MJD=51206.98. Axis as in Figure 6.25. 
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Figure 6.29: The emission lines of A0535+26 shown as a function of velocity, at 

(a) MJD=551206.99 and (b) MJD=51207.93. Axis as in Figure 6.25. 

6.7 Discussion 

We have shown that our results are consistent with those of Grundstrom et al. 

(2007) and Clark et al. (2001), except in the case of X Per where we found 

Rd to be larger than that determined by Grundstrom et al. (2007) (i.e. in the 

period 1996 - 1998, Grundstrom et al. (2007) found Rd = 4Rw as oppose to our 

33 ± O.4Rw, and in 2000 they found 5Rw as oppose to our 15 ± O.lRw in January 

1999 and 22 ± 0.1Jt. in December 2003 and 2004). The uncertainties on our 

determined values of Rd do not seem to account for the discrepancy between 

our values and those of Grundstrom et al. (2007). However Clark et al. (2001) 

also found the disc radius Rd , of X Per to be larger than that determined by 

Grundstrom et al. (2007) (i.e. in the period 1991 - 1997 Clark et al. (2001) 

found Rd to increase from 1.1 - 8.6Jt., whereas during the period 1996 - 1998 

Grundstrom et al. (2007) found Rd rv 4R*). A possible reason for such a dis

crepancy between our values and Clark et al.'s (2001) with those of Grundstrom 

et al. (2007), could therefore be due to the fact that Grundstrom et al. (2007) 

determined Rd from velocities corresponding to an outer boundary between the 

brighter and fainter parts of the Ho: emitting region, whereas we calculated Rd 

from velocities corresponding to the brighter parts of the Ho: emitting region. 

The Ho: emission must have therefore been relatively constant in the radial di-
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rection of the disc, such that the Rd derived from the Ho: peak separation was 

indicative of the true Ho: emitting radius. If this was the case then Grundstrom 

et al. (2007) would have assumed an outer boundary smaller than the true outer 

boundary. 

However without optical interferomtric observations of X Per, we are unable to 

determine which method is the most reliable. Both our results and Clark et al. 's 

(2001) are larger than Grundstrom et al.'s (2007) which at least suggests that 

it is not a discrepancy in the data but rather due to the different methods used. 

The method used by Grundstrom et al. (2007) has been shown to be consistent 

with the Ho: disc radii observed directly through long baseline interferometry 

(Grundstrom and Gies, 2006)9. But we can't ignore the fact that we are seeing 

Ho: emission at these larger radii, which highlights the complexity of these cir

cumstellar discs and how much we still do not understand about them. 

If our values for Rd our correct, then although larger they are still below the 3: 1 

truncation radius (i.e. Rt = 31R.), with only the radius found during the period 

1996 - 1998 being approximately the same as the truncation radius. During the 

time of increased X-ray flux in 2003, our Rd was "" 15 - 22R. and therefore still 

smaller than the truncation radius and the separation at periastron passage, 

suggesting that the mass transfer at this time was aided by the strong tidal 

forces that exist near periastron. 

The combined data range for both X Per and A0535+26 start at a period im

mediately after complete disc loss when the disc is starting to reform. This is 

why the long term trend shows a steady increase in disc growth as well as the 

disc growth and dispersal cycles of 6 - 7 years and 5 years respectively. In both 

cases the disc dispersal cycles do not always result in complete disc loss and/or 

an X-ray outburst or period of increased X-ray flux, and it is still not clear why 

this is. In the case of X Per we see that the latest period of disc dispersal in 

2001/2002 resulted in a period of increased X-ray flux but not in disc loss. The 

time before that in 1995/1996 there was no increased X-ray flux and no disc 

loss. In the case of A0535+26 we see that the latest outburst did not result in 

disc loss and instead it continued to grow. The previous outburst in 1994 did 

result in complete disc loss, which was observed in 1998. 

However in systems that experience efficient truncation, like that of X Per and 

A0535+26, once the disc has reached the radius at which it is truncated the 

9Note, this is only in the case of nearby stars. 
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density of the disc is expected to grow until as suggested by Okazaki (2002), 

the disc becomes sufficiently optically thick to continuum radiation for radiation 

driven warping to become possible. Depending on the extent of the distortion 

in the disc it will then presumably either lead to disc dispersal with no accom

paning outburst or an outburst followed by disc dispersal and in some cases 

complete disc loss. 

In the case of the V fR variability this only seems to occur when the disc is of 

a certain critical density. It has been suggested by Hanuschik (1995) that the 

onset of a density wave may be triggered at some critical density, where the 

disc becomes unstable to density perturbations and a density wave is formed. 

This is apparent in both X Per and A05353+26, where V fR variability is not 

observed until the equivalent width has reached a high enough value. The onset 

of the V fR cycle corresponds to low amplitude variations which increase with 

the growth of the mode. The amplitude of the variability is also observed to 

change depending on the equivalent width, where the amplitude increases with 

increasing equivalent width and decreases with decreasing equivalent width. It 

therefore seems that the circumstellar disc must reach a sufficient density be

fore a density wave can exist. Then as the disc grows the density wave and the 

amplitude of the observed variability grows. 

As mentioned in Section 6.1 the mechanism of confinement for such a wave is 

not entirely understood. However Clark et al. (2001) assume that it is due to 

the optically thin line force of Chen & Marlborough (1994). Based on this and 

the equations used by Okazaki (2002), they constructed an unperturbed model, 

and considered the effects of a linear perturbation by using the equations in 

Negueruela et al. (2001). They found that the one-armed (m=l) density wave 

is confined to r ::; lOR. and precesses in a prograde manner. The predicted 

precession period is 2.5 years with a mode growth time of rv 5.7 years. This 

agrees with the observations of Clark et al. (2001) except for the period of 

1995 - 1998, when the disc had reformed after complete disc loss, where the 

variability cycle is observed to decrease from 2 years to 0.6 years over 3 cycles. 

The Ho: equivalent width was decreasing during this time and the photometric 

magnitude was fluctuating at a low level, therefore supporting the suggestion 

that the disc structure was changing during this period (Clark et al. 2001). 

From the combined data of our observations with those of Grundstrom et al. 

(2007) and Clark et al. (2001), during this period, we find cycle lengths of 1 -
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1.5 years. Either way, it is clear that the model does not always agree with the 

observations, and as suggested by Clark et al. (2001) needs to include non-linear 

effects before any real predictions can be made. 

6.8 Summary 

In combining our spectral data with those of Grundstrom et al. (2007) and Clark 

et al. (2001), we have added to the long term data set of X Per and A0535+26. 

In each case the disc growth cycles and the V jR variability cycles have been 

revealed through Ha spectral line measurements, where our line measurements 

were found to be in good agreement with those of Grundstrom et al. (2007) and 

Clark et al. (2001). The long term data set of X Per and A0535+26 (refer to 

Figure 6.20 and 6.22) both start at a time when the system had just experienced 

complete disc loss and was beginning to reform. However, although the data 

range encompasses rv 2 - 3 disc phases in each case, none of the disc dispersal 

episodes are observed to result in complete disc loss. Instead, what is observed 

is an overall steady increase in the equivalent width and corresponding decrease 

in in peak separation, suggesting that the disc needs to be of sufficient density 

before the disc dispersal/truncation mechanism is efficient enough to result in 

complete disc loss. 

In presenting high resolution spectra we have been able to study and compare 

the behaviour of the different spectral lines, namely Ha, H,B, H,)" He I 5876, 

He I 6678 and He I 7065. In the case of X Per, we find that the equivalent width 

and peak separation of H,B and H')' follow the same trend as Ha, where as those 

of He I 5876, 6678 and 7065 remain constant during a period of disc growth 

(i.e. in 2003 - 2004), suggesting that during this period only the outer regions 

were expanding and not the inner regions. In the case of A0535+26 however, 

both the hydrogen and helium line measurements follow the same trend as Ha, 

suggesting that all the regions of the disc were growing at the same rate. This 

is to be expected, as these line measurements were taken at a time during 

disc reformation. The observed V jR variability in both X Per and A0535+26, 

appears to follow the same cycle in all of the spectral lines, suggesting that the 

density wave is present throughout the disc. 
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Chapter 7 

Conclusions and Future 

Work 

This chapter summarizes the results and conclusions found in the previous chap

ters and discusses the potential for future work in each case. 

7.1 Masses of compact companions 

As discussed in Chapter 1, determining the masses of the compact companions 

in binary systems is very important to the study of dense matter as well as the 

study of binary stars in general. 

7.1.1 SMC X-1 

SMC X-1 is one of 10 known eclipsing XRB pulsars, and one of only 6 that 

have had their stellar masses determined (including Vela X-1; Her X-1; LMC X-

4; Cen X-3; and QV Nor). Based on our heating corrections and the model 

calculations for type II and Ib supernovae of Timmes et al. (1996), we concluded 

that the mass of the neutron star in SMC X-1 lies in the upper end of the heating 

corrected mass determinations and is therefore, Mx = 1.21 ± 0.10 M0 . 
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We also suggested a possible site for the observed He II 4686 emission, as a 

hot-spot where a stream of material accreting via Roche-lobe overflow impacts 

the outer edge of the neutron star's accretion disc. If this is the case, then it 

supports the assumption that at least some of the accretion occurs via Roche

lobe overflow, and allows us to test the supposed precession period of rv 55 days 

(e.g. Wojdowski et al. 1998). 

In obtaining high quality data covering the super-orbital cycle, we could track 

the variation of the He II 4686 emission line radial velocity and equivalent width. 

The observed variation should follow the precession cycle, thereby confirming 

the origin of the He II 4686 emission line and allowing us to determine the 

precession period accurately. If we were able to obtain sufficient data, we could 

perform a Doppler analysis of the He II 4686 emission line, which would provide 

us with more accurate results. 

7.1.2 DAD 1657-415 and EXO 1722-363 

Of the four eclipsing XRB pulsars that have not had their masses determined, 

only three (Le. OAO 1657-415 and EXO 1722-363 and XTE J1855-026) have 

known counterparts, whereas the counterpart to IGR J18027-2016 has not yet 

been identified (Hill et al. 2005). The counterparts to OAO 1657-415 and 

EXO 1722-363, were only recently identified (Chakrabarty et al. 2002; Zurita 

Heras et al. 2006) and as yet no spectroscopy or radial velocity measurements 

have been published. It would therefore be of great importance to the study of 

neurton star masses if the stellar masses could be determined in each case. 

OAO 1657-415 was discovered by the Copernicus satellite in 1978 (Polidan et 

al. 1978). It was initially associated with the massive binary V861 Scorpii, 

until a more precise source position was revealed from HEAO-J and Eintein 

observations (White & Pravdo, 1979; Parmar et al. 1980). It was later identified 

photometrically by Chakrabarty et al. (2002), as a highly reddened supergiant 

(BO-61) at a distance of about 6.5kpc with an extinction of Av rv 20.4. The 

mass transfer is believed to be via wind accretion (Mereghetti et al. 1991), 

however its postition in the Corbet diagram lies between the regions populated 

by wind-fed systems and those fed by Roche-lobe overflow, refer to Figure 7.1. 
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Figure 7.1: The Corbet diagram showing the relation between pulse period and 

orbital period. where the subset RLOF refers to Roche-lobe overflowing systems, 

08 G refers to type 0-8 supergiant systems, and BeX refers to the Be XRBs. 

The po ition of OAO 1657--115 is clearly shown on the diagram in between the 

08SG and BeX systems. 

The reason for this may be that OAO 16.57-415 has been through a previous 

phase of Roche-lobe overflow. or that its donor is of sufficiently late spectral 

type for its wind to be slower and more dense. The pulsar has a pulse period of 

Ppul se = :3 .22 seconds (White & Pravdo, 1979; Parmar et al. 1980), observa

tions of which revealed a lOA day eccentric orbit (e rv 0.1) with a 1.7 day eclipse 

(Chakrabarty et al. 1993). Among the eclipsing XRB pulsars the significant 

eccentricity of OAO 1657--1l5 is comparable only to that of Vela X-I, which 

consists of one of the most massive known neutron stars. It would therefore be 

interesting to see if OAO 16.57--115 also has an over massive neutron star like 

that of Vela X-I. 

EXO 1722-363 was discovered by the Galactic plane scan observations of War

wick et al. (19 ) and subsequently confirmed as a 413.9 second X-ray pulsar 

by Gmga (Tawara et al. 19 9). Later RXTE observations discovered the 9.7 

day orbital period and showed the system to have a 1.26 day eclipse (Corbet 

et al. 200.')). However it was not until recently that combined INTEGRAL and 

X.\I.\/-.Veu'ton observations allowed for the identification of the infra-red coun-
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terpart to the system. The observed infra-red magnitudes are very similar to 

that of OAO 1657-415 so it is suspected that it will be of similar spectral type. 

Based on this and the similar orbital period EXO 1722-363 is a virtual twin of 

OAO 1657-415, so it will therefore be very interesting to measure the mass of 

the neutron star and see whether it shares further characteristics. If we were 

able to obtain near infra-red spectroscopy of both these sources and determine 

the neutron star masses, not only would it be furthering the study of direct 

neutron star masses, it would also be the first determinations of neutron star 

masses from radial velocity measurements in the infra-red. 

From Equation 1.9 we know that if the stellar radius is not known, there is a 

degeneracy in determining the Roche-lobe filling factor /3, and the system incli

nation i, from the eclipse duration. This was the case with SMC X-I, therefore 

the system masses could only be determined from the radial velocity curve in 

the two limits /3 = 1 and i = 90°. Therefore in the case of OAO 1657-415 and 

EXO 1722-363, a first objective would be to obtain combined H & K band spectra 

of the sources in order to perform non-LTE model atmosphere analyses, which 

may reveal chemical abundances that will suggest the degree of pre-supernova 

mass transfer. By accounting for this extra abundance a more accurate spectral 

type and hence stellar radius can be determined. 

To construct the first radial velocity curve of these systems, at least twenty 

K-band spectra of the infra-red counterparts would be required. The infra-red 

spectra of B type supergiants typically show absorption lines due to the hy

drogen Bracket series and neutral helium (Hanson et a11996; 1998; Meyer et al 

1998), where in the K band we would expect to see He I 2.058 J.1.m, He 12.113 J.1.m 

and Brr (i.e. 2.166 J.1.m). With a medium resolution of rv 3000 a velocity resolu

tion of 100 km S-l could be obtained resulting in an accuracy of rv ±1O km S-l. 

Possible template stars to be used for cross-correlation are the nearby radial ve

locity standard supergiants HD 154313 and HD 168728. The former is a BOlab 

and the latter is a B6Iab and therefore spans the range of spectral types pre

dicted for OAO 1657-415 and EXO 1722-363. 

The estimated stellar masses in OAO 1657-415 and EXO 1722-363 are rv 15 Me;) 

for the donor star and rv 1.4 Me;) for the neutron star. Based on these masses 

we can predict the expected radial velocity amplitude of the donor star in 

OAO 1657-415 (i.e. the better constrained of the two systems), but empha

size that those of EXO 1722-363 will be very similar. Given a 10.4 day orbital 
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period with e '" 0.1, and the fact that the orbit is close to edge-on, we find the 

radial velocity amplitude will be'" 21 km S-1. In order to assess how accurately 

the radial velocity amplitude, and hence neutron star mass, may be determined 

from the proposed observations, simulated sets of observational radial velocities 

have been constructed. For each of the 1000 trial sets of simulated data, 20 

observation times, randomly distributed in orbital phase have been chosen. For 

each of these observation times a predicted radial velocity based on the param

eters above and assuming a 1(7 uncertainty of 10 km S-1, have been calculated. 

The points and error bars in Figure 7.2 show the results of one typical data set 

drawn from the 1000 trials. 

·i~_ 
I 

0.5 

ou/2 p. 

Figure 7.2: The simulated radial velocity curve of the donor star in OAO 1657-

415, comprising twenty radial velocities at random orbital phase, each with an 

uncertainty of 10 km S-1. The radial velocity is given by v = Ko(e + cos v) 

where Ko is the semi-amplitude of the radial velocity curve and is given by 

Ko = 2nalsinilP(1 - e2
)O.5, and v is the true anomaly given by tan(v/2) = 

(1 + ell - e)O.5 tan(E/2). E is the eccentric anomaly of the orbit which is 

related to the mean anomaly by E - e sin E = M where the mean anomaly 

M = (t - To)2n I P where To is the time of periastron passage. The solid line 

shows the best-fit to these simulated data and corresponds to a semi-amplitude 

of Ko = 22.0 ± 3.1 km S-1. 
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For each such trial set of simulated data a best-fit sinusoid has been fitted and 

its amplitude and associated uncertainty have been determined. The smooth 

curve in Figure 7.2 shows the best-fit to this one particular simulated data set. 

The average radial velocity amplitude from the 1000 trials is 21.0 km s-l (as ex

pected) with a standard deviation of 1.2 km s-l. The average uncertainty in the 

amplitude from any single trial is ±2.5 km S-l. This value therefore represents 

the typical uncertainty in the radial velocity amplitude that we may expect to 

measure. Combining an uncertainty of 2.5 km S-l in the semi-amplitude of 

the donor star's radial velocity curve with the uncertainties in the other orbital 

parameters (Chakrabarty et al 1993) of the system results in a neutron star 

mass that has an uncertainty of about ±0.13 M0 . This accuracy is sufficient to 

distinguish between the peaks in the predicted bimodal neutron star mass dis

tribution of Timmes et al (1996). The usability of radial velocity spectra with 

comparable accuracy to those predicted here is illustrated by the determination 

of the neutron star mass in SMC X-I (refer to Chapter 3). 

7.1.3 LMC X-3 

LMC X-3 is one of 18 confirmed black hole XRBs and of these it is one of 

only 4 black hole HMXBs. Of these, Cyg X-I and LMC X-I contain 0 stars, 

with masses similar to those seen in systems containing neutron stars. The 

other two, LMC X-3 and J1819.3-2525 contain rather less massive B stars (Le. 

M* S 8 M0)' where no equivalent neutron star binaries are known. However, 

none of these black hole candidates have tightly constrained masses. Accurate 

mass determination is therefore important to further the study of these dense 

objects as well as black hole XRBs in general. 

The spectral type of LMC X-3 is known to vary with phase due to the intense 

heating of the donor star by the X-ray source. By assuming a spectral type 

of B5V, which is heated by a further rv 3300 K to appear as a B3V, we took 

heating corrections into account and concluded that the mass of the black hole 

in LMC X-3 lies in the range, 9.5 S Mx S 13.2 M0 . 

Unfortunately we did not have enough data (i.e. only 5 spectra), so we were 

not able to make a detailed analysis of how the spectral type changed with 

phase. This uncertainty in the spectral type resulted in a mass uncertainty of 
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"" ± 1 M0 at each of the extremes of the mass range. To improve the accuracy 

of the mass determinations sufficient data with good orbital phase coverage 

would be required. Detailed stellar atmosphere fitting to the individual spectra 

could then be performed at each phase, so that the underlying spectral type (i.e. 

before the star is affected by X-ray irradiation) and the heating effects could 

be determined to greater accuracy. However as the system is not eclipsing the 

resulting mass would still be limited by the assumed range on the inclination 

(i.e. 50° :s i :s 70°). 

Our results did not agree with those of Soria et at. (2003), as based on our 

spectral observations, we assumed the heating effects to be the result of hard X

rays as opposed to soft X-rays. In future studies it would therefore be interesting 

to obtain simultaneous X-ray and optical observations to enable a corresponding 

analysis of the X-ray spectra. 

7.2 Be X-ray binaries 

The phenomena of Be stars is yet to be completely understood. However from 

multi-wavelength studies of these interesting objects, a clearer picture has begun 

to emerge. One of the most interesting aspects of the phenomena is the disc 

growth and dispersal cycles. What is the machanism driving these cycles and 

why do times of disc dispersal not always result in complete disc loss? As noted 

earlier, the long term data set of X Per and A0535+26 reveals"" 2-3 disc phases 

where none of these result in complete disc loss. The measured equivalent width 

is observed to increase (i.e. become more negative) progressively with each disc 

phase suggesting that the disc needs to be of sufficient density before the disc 

dispersal/truncation mechanism is efficient enough to result in complete disc 

loss. 

The onset of a density wave, as suggested by Hanuschik (1995) also needs the 

disc to be of some critical density, where as the disc grows the amplitude of 

variability increases. The V /R variability observed in the hydrogen and helium 

emission lines of X Per and A0535+26 all follow the same cycle, implying that 

the density wave is present throughout the disc. Does this density wave affect 

the disc growth cycle? What determines the cycle length of the V /R variability 

and why is it observed to change (e.g. in the case of X Per)? For such questions 
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to be answered and for these systems to be understood in greater detail, long

term multi-wavelength studies of a range of these objects needs to be carried out. 

The disc phases and V /R variability can then be tracked closely, so that they 

are known accurately. The behaviour of the disc as represented by the spectral 

emission lines, should then be looked at with reference to the corresponding 

optical and X-ray photometry to obtain an overall picture of what is happening. 

As the efficiency and effects of truncation varies between the different types of 

Be XRB systems (Le. depending on the eccentricity), the resulting behaviour 

should then be reviewed in terms of the type of Be XRB system. Then with 

the help of non-linear purturbation models, we can gain greater understanding 

of these systems. 

7.3 Potential Be star / black hole candidates 

As discussed in Chapter 5, Be XRB systems usually contain a neutron star as 

the compact companion. But as suggested by Zhang et al. (2004) it is thought 

that close orbit low eccentricity Be XRB systems, that are not known to exhibit 

type I X-ray outbursts, could contain a black hole as the compact companion. 

Our study aimed to observe potential systems and conclude whether this was 

the case in these particular systems. 

7.3.1 Observed sources 

Unfortunately we did not have enough data for each source, and in most cases 

the data we did have were of poor quality. However, in the case of the objects 

obtained with SALT (i.e. LS 3417; LS 4356; HR 4830 and HR 4899) we were able 

to obtain a rough amplitude of variability. The variability observed in the sys

tems HR 4830 and HR 4899, both confirmed previously published values, where 

the radial velocity amplitudes imply that the X-ray source in both systems are 

most likely neutron stars. However the observed luminosity of HR 4830 has led 

to the suggestion that this sytem contains a magnetized white dwarf (Waters 

et al. 1989; Torrejon & Orr, 2001). It would be interesting to see if this is the 

case, as there are no known white dwarf/Be star XRB systems. 
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The system LS 3417 was found to have a radial velocity amplitude of rv 20 km S-I, 

which depending on the system inclination and donor star mass, could be in

dicative of either a white dwarf or a neutron star. There has been no evidence 

of pulsations from this system and the reported X-ray features of LS 3417 are 

said to be similar to that of a white dwarf. Therefore, and for the reasons stated 

above, it would be of great interest to see if this system is a white dwarf/Be 

star XRB. 

The system that turned out to be of most interest is LS 4356, as it appeared 

to have a radial velocity amplitude of rv 95 km s-1 and is therefore very likely 

to be a black hole/Be star XRB. Obviously there was not enough data to make 

any firm conclusions, so obtaining sufficient optical spectroscopy in the future 

would be of great interest. If the X-ray source in this system is then found to be 

a black hole, it would make LS 4356 the first known black hole/Be star XRB. 

In the case of the systems HD 34921; DM+53 2262 and SAO 49725, there were 

too few data points to draw any conclusions at all. It would therefore be inter

esting to observe these systems again as potential black hole/Be star XRBs. 

7.3.2 Possible sources to be observed 

Based on the same criteria as outlined in Section 5.2, a list of further potential 

black hole/Be star XRBs were chosen from the HMXB catalogue of Liu et al. 

(2000), refer to Table 7.1. In obtaining sufficient optical spectroscopy of each of 

these objects we would be able to see if any of these objects appeared to display 

radial velocity amplitude variations in excess of 30 km s-I, Any that did, could 

then be observed in more detail in order achieve conclusive results. 

7.4 Conclusions 

The observations and analysis presented in this thesis have demonstrated the 

importance of taking into account the heating of the donor star by the compact 

companion in an XRB, when using the motion of that donor star to measure the 

mass of the compact companion. By neglecting this heating effect, or assuming 

that the X-rays have a different effect to that which they actually have, the mass 
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Table 7.1: List of Be XRB sources to be observed as potential black hole systems. 

Source Be Spectral Porb Reference 

star type days 

J0032.9-7348 Kahabka et al. 1996; 

Stevens et al. (1999) 

0051.9-7311 SMC 25 Schmidtke et al. (1999) 

0052.9-7158 SMC 32 Schmidtke et al. (1999) 

RXJ0058.3-7229 Schmidtke et al. (1999) 

RXJOI01.0-7206 B3.5Ve Stevens et al. (1999) 

0103-762 Thohy et al. (1988) 

RXJ0516.0-6916 Cowleyet al. (1997) 

RXJ052.5-6932 08e 24.4 Schmidtke et al. (1999); 

Edge et al. (2004) 

RXJ0532.4-6535 RGC 36 Reid et al. (1988) 

RXJ0535.0-6700 RGC 28 BOVe Reid et al. (1988) 

2202+501 V2175 Cyg Wood et al. (1984); 

Thohy et al. (1988) 

2214+589 GG371 Thohyet al. (1988); 

Howarth (1983) 

determined from the radial velocity curve will not reflect accurately the mass 

of the neutron star or black hole in question. Nevertheless this is a powerful 

technique and there are still further objects for which such measurements can 

be performed in the future. 

The observations and analysis have also demonstrated that much remains to be 

discovered concerning Be XRBs. The long term evolution of the Be star disc, 

its formation and dispersal, and how it interacts with the compact companion 

are all still uncertain. Finally, there are the first intriguing hints that XRBs 

containing a Be star and a black hole may indeed exist. If such systems can 

be discovered and monitored closely, they may give further clues about the 

behaviour of Be stars in such systems, and lead to a clearer understanding of 

their evolution in the future. 
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