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ABSTRACT

We present the results of a 140 ks XMM-Newton observation of the B2 star ρ Oph A. The star has exhibited strong X-ray variability:
a cusp-shaped increase of rate, similar to that which we partially observed in 2013, and a bright flare. These events are separated in
time by about 104 ks, which likely correspond to the rotational period of the star (1.2 days). Time resolved spectroscopy of the X-ray
spectra shows that the first event is caused by an increase of the plasma emission measure, while the second increase of rate is a major
flare with temperatures in excess of 60 MK (kT ∼ 5 keV). From the analysis of its rise, we infer a magnetic field of ≥300 G and a size
of the flaring region of ∼1.4−1.9×1011 cm, which corresponds to ∼25%–30% of the stellar radius. We speculate that either an intrinsic
magnetism that produces a hot spot on its surface or an unknown low mass companion are the source of such X-rays and variability.
A hot spot of magnetic origin should be a stable structure over a time span of ≥2.5 yr, and suggests an overall large scale dipolar
magnetic field that produces an extended feature on the stellar surface. In the second scenario, a low mass unknown companion is the
emitter of X-rays and it should orbit extremely close to the surface of the primary in a locked spin-orbit configuration, almost on the
verge of collapsing onto the primary. As such, the X-ray activity of the secondary star would be enhanced by its young age, and the
tight orbit as in RS Cvn systems. In both cases ρ Oph would constitute an extreme system that is worthy of further investigation.
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1. Introduction

The emission of X-rays from massive stars is explained as due to
strong stellar winds and shocks in O stars through a mechanism
of line deshadowing instability (LDI; Feldmeier et al. 1997a,b;
Owocki et al. 1998). In the case of binarity, wind-wind colli-
sion gives an additional source of X-rays, sometimes coupled
with the presence of magnetic fields that drive ionized winds
and increase shock temperatures (Babel & Montmerle 1997;
ud-Doula & Owocki 2002). The production of X-rays by stel-
lar winds appears less realistic in B-type stars because of their
weaker winds with respect to those from O and WR stars.

Moving from O to early B-type stars, the rate of detection
in X-rays among B stars falls to about 50%, where hard X-ray
emission in a few cases are a signature of the presence of strong
magnetic fields or due to an unknown, low mass young and ac-
tive companion. X-rays from single early B stars are observed
in a few cases, and their origin is likely linked to their strong
magnetism. Cases of spots in young stars of NGC 2264, which
presumably have a magnetic origin, are given by Fossati et al.
(2014). Recent spectroscopic surveys of O-B stars have revealed
that about 7% of these stars are magnetic (Wade et al. 2014;
Fossati et al. 2015). In a few cases magnetic fields of strength
of a few kG are measured, likely accompanied by peculiar pho-
tospheric abundances.

ρ Oph is a multiple system of B-type stars. They are part
of one of the closest and densest sites of active star formation.
In particular ρ Oph A+B is a binary system of two B2 stars
separated by about 310 AU at a distance of 111 ± 10 pc from
the Sun (parallax 9 ± 0.9 mas, separation ∼2.8′′; van Leeuwen
2007; Malkov et al. 2012), the orbital period of the system is

about 2400 ± 330 yr (Malkov et al. 2012). ρ Oph A rotates with
v ∼ 300 km s−1 (van Belle 2012; Glebocki & Gnacinski 2005;
Uesugi & Fukuda 1982), has a mass of about 8–9 M�, and ra-
dius of ∼8 R�.

In 2013 we observed ρ Oph with XMM-Newton discover-
ing that it emits X-rays. In particular, we observed a significant
rise of X-ray flux in the last 20–25 ks of the exposure, accom-
panied by plasma temperatures around ∼3 keV (Pillitteri et al.
2014, hereafter Paper I). We hypothesized that either an active
spot was emerging on the stellar surface, or an unknown low
mass companion was causing the feature. Along with ρ Oph,
we discovered a young cluster of about 25 pre-main sequence
(PMS) stars, which are mostly without circumstellar disks and
of 5–10 Myr in age. These stars were likely born together with
the ρ Oph stars during the first event of star formation in the
cloud (Pillitteri et al. 2016).

In this paper we present the results of a follow-up observa-
tion of ρ Oph with XMM-Newton, with a duration of 140 ks.
The aim of the observation was to monitor the X-ray emission
of ρ Oph for a full rotational period of the star (∼1.2 days or
104 ks) and understand the origin of its X-rays. The structure of
the paper is the following: in Sect. 2 we describe the observa-
tions and data analysis; Sect. 3 present the results; and in Sect. 5
we discuss them and present our conclusions.

2. Observations and data analysis

XMM-Newton observed ρ Oph on February 22 2016 for 140 ks
(ObsId 0760900101). We used EPIC camera as the first instru-
ment with the Thick filter to prevent UV leakage due to the
brightness of the target (U = 4.30). For the same reason, OM
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Fig. 1. MOS 1 image of ρ Oph, the positions of the two components
from SIMBAD database are indicated with colored boxes. The centroid
of X-ray events is much closer to the A component. The scale is linear,
the events have been rebinned in blocks of 0.4′′ and smoothed with a
Gaussian of σ = 1 pixel. The separation between the two components
is ∼2.8′′. The core of the point spread function of MOS1 is about 2′′
and the astrometric precision is ∼1.2′′.

exposures were not taken for the safety of the instrument. The
observation data files (ODFs) were reduced with SAS ver. 15.0
to obtain tables of events for MOS 1, 2 and pn filtered in 0.3–
8.0 keV, and with filters FLAG = 0 and PATTERN <= 12 as
prescribed by the SAS guide. We used a circular region of radius
35′′ for both source and background events to select the events of
ρ Oph. For pn we used a background extracted from a region at
the same distance from the readout node of the same chip of the
source, as prescribed by the SAS guide book. In Paper I we as-
sociated the X-ray emission with the A component of ρ Oph; the
MOS1 image in Fig. 1 shows that this is a reasonable assump-
tion, given that the centroid of the X-ray events is much closer
to the position of ρ Oph A and completely offset with respect to
the position of ρ Oph B.

Spectra, response matrices (rmf), ancillary files (arf), and
light curves of ρ Oph A were obtained with the specific SAS
tasks (evselect, rmfgen, arfgen, backscale, and specgroup). The
spectra were analyzed with XSPEC ver. 12.8.0, while generic
software R language scripts and custom plotting routines were
used to produce plots and calculate derived quantities of inter-
est.

To understand the physical changes in the emitting plasma
of ρ Oph A, we divided the pn light curve in intervals and accu-
mulated the spectra from each time interval. We chose to obtain
spectra with about 1600 counts each, which represents a trade
off to preserve details of the temporal changes of the spectrum
and its count statistics. In this way we divided the light curve in
37 time intervals of variable duration (∼1.2–6.0 ks, see Fig. 2).
For each time bin we obtained pn spectra and related calibration
files (rmf and arf). We used a thermal model with absorption
composed of two APEC components and a global PHABS pho-
toelectric absorption (NH). We kept NH fixed to 3 × 1021 cm−2

(see Paper I), formally Z = 0.3 Z�, while temperatures and nor-
malization factors were left free to vary. Although the metallicity

of Galactic B stars is well established (Nieva & Przybilla 2012),
sub-solar abundances reflect a peculiar behavior observed in ac-
tive stellar coronae (see Sect. 3.2). XMM-Newton allows us to
acquire simultaneously high resolution spectra of the central tar-
get with RGS gratings, provided it is bright enough. This was the
case for ρ Oph in the present 140 ks exposure. The RGS spectra
were obtained by first extracting the RGS1 and RGS2 spectra of
ρ Oph, then we added together the first order spectra with the
SAS task rgscombine. We accumulated RGS spectra in several
time intervals: full exposure (140 ks), first event (10–40 ks since
start of exposure), second event (115–140 ks), the sum of first
and second event (high state spectrum), and the relatively low
activity interval in between (40–115 ks). For each time window
we added together both RGS1 and RGS2 spectra of the first or-
der. We focused on the range 5–20 Å because this is the range
over which most of the flux and its changes are observed.

ρOph has been observed with ESO-VLT and UVES spectro-
graph in 2001 and 2005 with different coverage of wavelengths
(from 3000 Å to 9000 Å), different exposure times (2s. to 15s.),
and with a spectral resolution R ∼ 42 000. We used the reduced
spectra from such observations to derive an estimate of the ro-
tational velocity along the line-of-sight v sin i and to check the
presence of lines from a low mass companion and any Doppler
shift that could hint at the presence of such companion. We used
a combination of Iraf/pyraf and a set of custom scripts to read the
spectra in Iraf from the original MIDAS format, display the spec-
tra, measure line absorption, remove the heliocentric component
of Doppler shift due to the motion of the Earth, and calculate
the cross-correlation function between spectra at two different
epochs.

3. Results

Figure 2 shows the light curve of ρ Oph A in the full band (0.3–
8.0 keV), soft band (0.3–1.0 keV) and hard band (1.0–8.0 keV).
During the observation ρ Oph A exhibited two main episodes
of variability: one at the beginning of the observation and an-
other more powerful toward the end of the exposure. The first
episode was a cusp-shaped increase of rate occurring during the
first 40 ks. The peak of this event occurred at t ∼ 25 ks and the
decay phase appeared to be slightly steeper than the rise phase.

The second large increase of the rate occurred at t ∼ 116 ks
with a peak at around t ∼ 129 ks and a decay that lasted until
the end of the observation (t ∼ 139 ks). Likely, we missed the
very end of this decay. Minor episodes of variability in the form
of flares are visible at t ∼ 55 ks and 105 ks. However, in the
following we refer to the interval 40−110 ks as the quiescent
state, while the main two events of variability are referred to as
the high state of ρ Oph. The characteristics of the plasma and its
changes in temperature and emission measure are discussed in
detail in Sect. 3.2.

3.1. Phased light curves and rotational velocity

The rise of the rate in the first event is suspiciously similar to
the rise of the rate observed in 2013 (Paper I), so we wonder
whether the same mechanism is responsible for the increase of
the rate observed twice in 2016. In particular, we hypothesize
that a spot or an unseen companion transited during the observa-
tion, as speculated in Paper I. The time elapsed between the two
main peaks of the light curve in Fig. 2 is approximately 104 ks
(or 1.2 days). If we consider this time as an initial guess for
a phase-folding time, only a small adjustment of the period is
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Fig. 2. Plot of pn light curve of ρ Oph: full band (0.3–8.0 keV, black), soft band (0.3–1.0 keV, red), and hard band (1.0–8.0 keV, blue). Segments
used in time resolved spectroscopy are indicated by ticks on the bottom scale and listed in the column to the right.

needed to aligning the rate peaks observed in 2013 and 2016,
respectively. Figure 3 shows the phase folded light curves of
2013 and 2016, where as zero phase we used the beginning of
the 2013 pn light curve. We thus find that a period of 104.11 ks
corresponding to 1.205 days aligns the three peaks, and this is
our best estimate of the period of rotation of ρ Oph A based on
the periodic variations of its X-ray emission. This period cor-
responds to a rotational velocity of ∼340 km s−1 at the equator
when assuming a stellar radius of ∼8 R�; the velocity derived
from the 1.205 days period is roughly consistent with the rota-
tional velocity of ρ Oph A determined from optical observations
(see van Belle 2012). The separation between the two epochs
of observations is on the order of 1000 days and this leads to a
precision of the period of 1/1000 of day. Additional X-ray ob-
servations with shorter cadence could validate the measurement
of the X-ray rotational period of ρ Oph A.

We refined the estimate of v sin i of ρ Oph A with an anal-
ysis of the Fourier transform of the line profile of He line at
6678 Å from one of the available UVES spectra (Fig. 4, Gray
1992; Smith & Gray 1976). The first minimum of the transform
is related to the line broadening due to rotation and thus to v sin i.
The He line was chosen because it is well isolated from nearby
lines, has a good signal, and offers an easy modeling of its pro-
file. We used a window of wavelengths that encompasses the
line (6671 Å−6685.5 Å), and we smoothed and normalized the
profile with a lowess1 smoother. The Fourier transform was ob-
tained on a sample of 5000 points interpolated along the line

1 As implemented in R, https://stat.ethz.ch/R-manual/
R-devel/library/stats/html/lowess.html

profile. The first minimum of the Fourier transform occurs at
σ = 0.00275c/Å, which corresponds to v sin i = 239.5 km s−1.
The uncertainty is estimated at ±10 km s−1. From v sin i and
the rotational velocity, derived from the period obtained from
the X-ray variability, we infer a i angle between line of sight
and rotational axis of 45 ± 5◦, taking into account an uncer-
tainty of 0.5 R� on the stellar radius. As first proposed in Pa-
per I and discussed further in the next section, the presence
of an active spot of magnetic origin and its periodic appear-
ance would imply a magnetic field misaligned with the rotation
axis.

On the other hand, if the X-rays were entirely produced by
an active low mass companion, depending on the mass ratio,
its motion around ρ Oph at a short distance would produce a
wobble detectable as a Doppler shift in the spectra. For exam-
ple, supposing a mass ratio of 1:15 (a late-K star), a period
of 1.2 days, and an orbital velocity of the companion of 300–
350 km s−1 would produce a Doppler shift of ∼20 km s−1, which
is easily detectable in the spectra of ρ Oph. We first subtracted
the component due to the motion of the Earth from the UVES
spectra, then we cross-correlated the spectra taken at differ-
ent epochs and of similar wavelength coverage (Tonry & Davis
1979) avoiding regions with telluric lines. We did not detect
any Doppler shift, meaning that either there is no companion
or that the spectra were taken at approximately the same phase
(HJD1 = 2 452 132.6579; HJD2 = 2 453 618.4866, ∆φ ∼ 0.053,
for a period of 1.205 days). The phase difference implies a dis-
placement of 19◦ on the orbit. By supposing that ρ Oph A has
an average vorb ∼ 20 km s−1, the sin i factor would amount to
a difference of velocity of 6.5 km s−1 at the two phases; this
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Fig. 3. Light curves of the rate phase-folded with a period of
1.205 days. The red dots indicate the 2013 observation, and the green
and blue dots indicate the 2016 observation split in two periods. Phase
zero was set arbitrarily to the beginning of 2013 observation. The three
main peaks of X-ray emission can be put in phase with a period of 1.205
days, which corresponds to the rotational period of the star.

Fig. 4. Smoothed normalized profile of He line at 6678 Å (left) and nor-
malized amplitude of Fourier transform of the same profile (right, solid
line). The dotted curve denotes the transform of the rotational broaden-
ing profile alone. The first minimum occurs at σ ∼ 0.00275 c/Å (verti-
cal dotted line), corresponding to v sin i ∼ 239.5 km s−1. Uncertainty on
v sin i is estimated at around ±10 km s−1.

difference is very similar to the UVES spectral resolution. A
dedicated spectroscopic monitoring is thus required to detect a
companion.

3.2. Time resolved spectroscopy

Here we discuss the spectral variations of ρ Oph A with partic-
ular regard to the two main episodes of variability that charac-
terized the X-ray light curve of ρ Oph A. For each time interval,
we performed a best fit of the spectrum with an absorbed ther-
mal model composed of the sum of two APEC models. The free
parameters were the temperatures and the respective emission
measures of the thermal components, while absorption and abun-
dances were kept fixed at NH = 3 × 1021 cm−2 and Z = 0.3 Z�
in agreement with what was found in Paper I. By letting absorp-
tion vary, we obtained values of NH consistent with the assumed
value, and the variation of plasma temperatures were minimal
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Fig. 5. Plot of pn spectra of ρ Oph A during quiescent phase (time bins
10–24, bin 13 excluded, black spectrum), peak of the first event (bins 5–
8, red spectrum), and peak of the second event (bins 27–33, green spec-
trum). This latter shows the complex of lines of ionized Fe at 6.7 keV
evidencing the high temperature of the plasma (≥5.4 keV) reached dur-
ing the peak of the second event.

with respect to the best fit with a fixed absorption. We discuss
in detail the evolution of the hot component of the plasma, since
the cool component had little variation during the observation,
being comprised of 0.7 keV < kT < 1.2 keV with a median of
kT ∼ 0.9 keV and standard deviation of 0.15 keV.

In Fig. 5 we show the pn spectra of the quiescent phase at the
peak of the two main events of variability. The spectrum changes
significantly, especially during the second event when the tem-
perature of the plasma was in excess of 5 keV. Evidence of such
high temperatures is provided by the appearance of the complex
of lines around 6.7 keV owing to highly ionized Fe.
First event (intervals 1–10). The hot temperature during this
event varied by 1.9 keV < kT < 2.5 keV (Table A.1, Fig. 6)
apart from interval number 6 when it had a sudden increase
(kT ∼ 3.4 keV) of about 3σ higher than the average of the previ-
ous values such heating rapidly vanished during the next interval
(number 7). The spectrum corresponding to the intervals around
the peak of the rate increase is shown in Fig. 5 (red curve). Dur-
ing intervals 8 through 10 the hot temperature slightly cooled
down toward values lower than those seen at the beginning of the
observation. We can conclude that, on average, only the plasma
emission measure (EM) increased significantly during intervals
2–7, while the temperature was almost steady. This behavior fits
the scenario in which a hot spot gradually appears on the stellar
surface due to the stellar rotation (Prot ∼ 1.205 days ∼104.1 ks).
In interval number 6 either a short flare happened or the very hot
core of the region was visible for a short time. The vanishing of
the high rate is plausible with the gradual disappearance of the
same spot at the opposite limb of the star.
Quiescent state. During intervals 11–24 the star showed a rel-
atively small flare during interval number 13 (∼55 ks since the
start of the observation, visible in four bins of the light curve
of Fig. 2) and with a duration of approximately 5 ks, plus other
small scale variability afterwards. This demonstrates that even
during the quiescent state some degree of X-ray variability was
present. When modeling the plasma with two absorbed ther-
mal APEC components, the cool component was around 0.8–
0.9 keV and the hot component in 1.9 keV < kT < 2.7 keV,
which is within 2σ of the values of hot temperatures seen
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Fig. 6. kT2 vs. emission measure (EM2) of the hot component of the
2T APEC best-fit models for the time intervals (see text) relative to the
first event (red points) and second event (blue points). The point relative
to the quiescent phase (time intervals 12–24) corresponds to the hottest
component of the 3T VAPEC best-fit model. Ellipses denote the 1σ
confidence ranges.

during the first event. On average, the quiescent flux is about
1.35× 10−12 erg s−1 cm−2, which is very similar to the quiescent
flux measured in 2013 (1.5 × 10−12 erg s−1 cm−2).

We grouped together the time bins between 11 and 24 (inter-
val 13 excluded) to gain more count statistics and allow a more
refined analysis of the corresponding spectrum (black curve in
Fig. 5). We tried models with two, three, and four APEC com-
ponents and models with two and three VAPEC components.
The 2T APEC model does not give us a statistically valid fit,
while the three APEC component model does. The model with
four APEC components does not improve the fit to data. For
the three APEC components we find kT1 = 0.26 ± 0.03 keV,
kT2 = 0.98 ± 0.04 keV, and kT3 = 2.97 ± 0.7 keV with ratios of
emission measures (EM) EM3/EM1 ∼ 0.12, EM2/EM1 ∼ 0.4.
We thus detect a soft component at 0.26 keV and there is evi-
dence of a hot component at ∼3 keV also during quiescence.

For the VAPEC models we left Fe, O, and Ne free to vary
and linked all other elements to the Fe abundance. Both the
2T VAPEC model and the 3T VAPEC give a satisfactory fit to
the data. For the 2T VAPEC model the two temperatures are
kT1 = (0.81 ± 0.04) keV and kT2 = (2.6 ± 0.5) keV, respec-
tively, with EM2/EM1 ∼ 0.5. The abundances of Fe and other
metals are found around 0.13 Z�, but with O and Ne around 1.1
and 0.75 times the solar value. This pattern is similar to that ob-
served in active stellar coronae (the so-called inverse FIP effect,
see, e.g., Güdel 2004 and references therein) where the abun-
dance of Fe (an element with low first ionization potential, FIP)
is found depleted with respect to the value measured in the solar
corona, while the abundances of elements with high FIP, such as
O and Ne, appear enhanced.

For the 3T VAPEC model, a pattern of abundances similar
to that of the 2T VAPEC model fit is found (Fe/Fe� = 0.15,
[O/Fe] ∼ 1.3, [Ne/Fe] ∼ 0.8). In this case the temperatures

are kT1 = (0.1 ± 0.1) keV, kT2 = (0.80 ± 0.04) keV, and
kT3 = (2.63 ± 0.6) keV with EM ratios of EM2/EM1 ∼ 4.5,
EM3/EM1 ∼ 1.9. We detect thus a cool component and a hot
component in the quiescent phase spectrum, whereas the main
component remains that at ∼0.8 keV. This also justifies the use
of a simple 2T APEC model for time resolved spectroscopy, and
the focus on the hot component of such a model to study the two
main increases of X-ray flux of ρ Oph A.

Second event (flare, intervals 25–37). These intervals contain
the second and most powerful event observed in ρ Oph A. The
pn spectrum relative to the time bins around the peak of the rate
is shown in Fig. 5 (green curve). The spectrum is characterized
by the appearance of lines of highly ionized Fe at 6.7 keV. The
rise of the flare started at interval number 25, and its evolution is
best described by the hot component of the spectral fitting, which
we discuss here. An increase of EM and temperature is detected,
starting from intervals 25 and 26, and even more during intervals
27–29. Interval number 28 shows the peak of kT ∼ 5.4 keV,
then kT decreases steadily through intervals 29–31, and more
slowly through intervals 32–37, with some apparent reheating at
interval 34. At these times EM showed its maximum values (with
a peak of log EM(cm−3) ≥ 53.9 in interval 31) then it decreased
toward pre-flare values. The peak of the hot temperature was
reached in interval 28 and does not coincide with the maximum
of EM, which peaked during interval 31. This fact is consistent
with what is observed in the flares of cool stars and in the Sun,
where the initial heating and peak of temperature is followed by
an increase of the density of the flaring loop, filled up by plasma
evaporating from the loop footpoints (Reale 2007).

The behavior of the flare closely resembles that of solar and
stellar flares observed in X-rays, where energy is suddenly re-
leased with an impulse in plasma magnetically confined in loops,
followed by a longer cooling decay. We presume that XMM-
Newton did not completely observe the full decay of the flare
and the disappearance of the hot region as in the first event. This
and the too shallow track of the decay in the EM − kT diagram
did not allow us to have reliable diagnostics from the flare decay
as in Reale et al. (1997), and we preferred to derive loop diag-
nostics from the analysis of the rise phase, as described in Reale
(2007). The loop length can be derived from measuring the du-
ration of the rise of the light curve and/or the time delay of the
emission measure peak from the temperature peak (Reale 2007)
as follows:

L9 ≈ 3 ψ2T 1/2
0,7 tM,3 ≈ 190 (1)

L9 ≈ 2.5
ψ2

lnψ
T 1/2

0,7 ∆t0−M,3 ≈ 140, (2)

where

ψ =
T0

TM
≈ 1.9,

L9 is the loop half-length in units of 109 cm, tM,3 ≈ 4.6 ks
is the time of the emission measure maximum measured from
the flare beginning, T0 (T0,7) the loop maximum temperature
(in units of 107 K), TM the temperature at the emission mea-
sure maximum, and ∆t0−M,3 ≈ 2.6 the time elapsed between the
peak of the temperature and the peak of the emission measure
in ks. The values T0 ≈ 150 MK (bin 28) and TM ≈ 80 MK
(bin 31) are maximum loop temperatures inferred from the mea-
sured temperatures, which average over the whole flaring loop
(see Appendix in Reale 2007). In summary, we inferred a loop
half-length L = 1.4−1.9 × 1011 cm, which corresponds to about
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Fig. 7. RGS spectra of ρ Oph A in the range 5–30 Å. Left panel: average spectrum during the full exposure (140 ks). The spectrum was binned
to have at least 25 counts per bin. Right panel: black refers the spectrum relative to the quiescent state between the two main variability events,
the orange spectrum refers to the first event, and the blue spectrum refers to the second event. Changes in the intensities of lines are visible mostly
during the flare event at wavelengths below 12 Å, when both lines and continuum increased their strength.

25%–33% of the stellar radius or about 2–2.7 times the solar ra-
dius. We also estimated that the coronal magnetic field must have
an intensity B ≥ 300 G to confine the plasma within the loop.

4. RGS spectra

The average spectrum of ρ Oph A is shown in Fig. 7 (left panel),
while the spectra of the quiescent (40–115 ks, black) interval,
the first (10–40 ks, orange) and second (115–140 ks, blue) event
are shown in the right panel of Fig. 7. These spectra are rebinned
to have at least 25 counts per bin to enhance the signal, although
this reduces the original spectral resolution. Qualitatively, hot
lines from Oviii and Nex are detected both in the quiescent in-
terval and during the variability events, indicating the presence
of hot plasma (kT ≥ 1 keV) that is already detected in the pn
spectra. Another sign of high temperature plasma is the rela-
tively high level of continuum, below 10 Å, similar to what has
been observed in stars with high activity and plasma tempera-
tures like, for example, UX Ari and ε Eri (Ness et al. 2002).

The best fit of the average RGS spectrum with two absorbed
APEC thermal components results in a temperature around
0.3 keV and a hot temperature around 5 keV for a fixed Z =
0.3 Z�, in agreement with the pn spectral analysis, even though
the range of energy of the RGS is limited to ∼2.5 keV.

Changes of line intensities are mostly observed during the
second event. In particular, we observed an increase of both con-
tinuum and line strength at wavelengths shorter than 12 Å during
the second (flare) event. Lines of Fexxiv are visible during the
flare owing to temperatures in excess of 5 keV as determined
from the analysis of the pn spectra.

We measured the line fluxes by modeling single lines with
Gaussian profiles characterized by a line central wavelength and
a full width at half maximum (FWHM). In this way we take into
account any intrinsic widths of the lines. The model also com-
prises a continuum level in a window of about 0.7–1 Å around
each feature; we used CIAO Sherpa 4.82 Table A.2 presents the
measurements of the main lines identified in the spectra. Deter-
mining a 1σ confidence range was difficult for some lines as it
depends on the statistics and number of bins available for fitting.
As a consequence, any quantitative conclusions on the widths

2 http://cxc.harvard.edu/sherpa4.8/ to obtain the best fit pa-
rameters.

of the lines and the amount of change during the increase of
rates are impossible with these data. In general the line widths
are consistent with zero even for the spectra relative to the high
rate events, when we presume that a line broadening should be
present owing to the traveling of the source of X-rays across the
surface, either this is an active spot or an unseen companion dur-
ing the interval in which the spectra were accumulated. Quali-
tatively, RGS spectra show the potential for a deeper high reso-
lution spectroscopic follow up of ρ Oph in order to improve the
statistics and precisely measure line widths and velocity fields.

5. Discussion and conclusions

We have presented an XMM-Newton observation that monitored
ρ Oph for 140 ks, encompassing an entire rotation period of the
primary star of the system (P ∼ 1.2 days). We observed a change
of X-ray emission twice, each time lasting about 35 ks and sep-
arated by about 104 ks. This “lighthouse” effect has increased
its strength in the 2016 observation. On the other hand, the qui-
escent phase has remained at similar levels of emission with re-
spect to the 2013 observation. The cause of this phenomenon can
be attributed either to a large active spot on the stellar surface,
or an unknown low mass companion, and both scenarios have
strengths and weaknesses.

Active spot. In this scenario, the spot is a magnetospheric
feature that could also have a photospheric counterpart and has
been steadily present on the stellar surface for at least 2.5 yr (i.e.,
since the epoch of the 2013 XMM-Newton observation, Paper I),
as the light curves of 2013 and 2016 can be put in phase with
the stellar rotation period, thus matching the periodic increases
of rate. In this respect ρ Oph A would be a magnetic early B star
similar to those discovered by, for example, Fossati et al. (2014).
From the duration of the rate change (about 30–35 ks) compared
to the period (104 ks) and taking into account the inclination an-
gle of the star (i ∼ 45◦), we infer a quite large size for the spot,
amounting to about 1.5 stellar radii. The cusp-like shape of the
first episode of variability, free of major flares, and the lack of a
flat top level suggest that such a large spot could be plausible be-
cause when the spot is completely on view after emerging from
one limb it starts to disappear at the opposite limb.

We attribute the origin of the spot to a strong magnetic field
that is responsible for creating the spot in the form of magnetic
loops. The loops confine high temperature plasma that emits
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X-rays. In this scenario the spot can be seen as a scaled-up
version of loop-populated solar active regions. Flares can oc-
cur within these loops that make the typical temperature of the
plasma rise above kT ≥ 5 keV, as observed in the second event.
No constraints on the magnetic field in ρ Oph A could be found
in the literature, therefore magnetic field scenario remains hy-
pothetical at the moment. In the future work we aim to obtain
reliable magnetic field measurements of this interesting object.

If ρOph A has a magnetic field, then it would not be the only
known early B star exhibiting surface spots and a magnetic field.
In τ Sco, Donati et al. (2006) discovered a magnetic field with a
complex topology. The magnetic loops should be responsible for
emitting X-rays as in solar-type stars. However, the lack of mod-
ulated X-ray emission hints that the magnetic loops are small
and distributed across the surface (Oskinova 2016; Ignace et al.
2010). However, in ρOph we find well-defined periodic modula-
tion, thus a strong magnetic field must be concentrated in a large
spot. We speculate that the magnetic field has a large scale struc-
ture that is similar to a simple dipolar configuration and a stable
configuration deduced by the long lifetime of the spot (≥2.5 yr).

Wade et al. (2017) have found a strong magnetic field, on
the order of a few kG, in HD 164492C1, which is an early B
star similar to ρ Oph rotating in 1.36 days and part of a hierar-
chical system with other two A/Herbig Ae stars belonging to the
Trifid nebula. However, one difference from ρ Oph is that the
HD 164492 system is tighter than that of ρ Oph and the origin of
the magnetic field in such objects could be associated with bina-
rity and the stellar formation mechanism. Another case of strong
magnetism in an early B star (CPD −62◦2124) is reported by
Hubrig et al. (2017), where a strong dipolar magnetic field with
strength in excess of ∼30 kG has been detected. Analogous to
ρ Oph A, CPD −62◦2124 is a fast rotator with rotational period
of about 1.45 days.

Weak emission of X-rays has been detected in σ Sgr (B2V,
∼65 pc) in a short 10 ks XMM-Newton observation (PI Oski-
nova; XMM ObsId 0721210101). For this star we derived a flux
of about 7.4×10−15 erg s−1 cm−2 in 0.3–8.0 keV and a luminosity
of ∼3.7 × 1027 erg s−1, which is about three orders of magnitude
lower than the X-ray luminosity of ρ Oph A. The count statis-
tics are low but we can infer that the spectrum is almost entirely
below 1 keV and peaks around 0.7 keV, pointing to a substantial
difference in the mechanisms that produce X-rays in σ Sgr and
ρ Oph.

B stars do not possess magnetic coronae such as solar-type
stars, and in this respect they are similar to A type stars, which
are mostly dark in X-rays and lack strong magnetic fields. How-
ever, even among A type stars, which are presumed to be less
active stars during the main sequence lifetime because they lack
a solar-type corona, Balona (2013) found a number of stars with
spots in an analysis based on Kepler data.
Low mass companion. Another explanation is the presence of an
unknown low mass stellar companion as the source of X-rays. If
such a companion is fully responsible for the X-rays, it means
that it is not completely eclipsed by ρ Oph A when orbiting
around it. To support this we notice that ρ Oph B (another B2
star) is undetected in the same data. During the quiescent state
we observed the less active part of the corona of the unknown
companion, while during the recurrent increase of rate we had
observed the most active part of it, i.e., perhaps the part of the
surface of the companion facing the primary (its day side). From
the combined analysis of the X-ray derived period and the v sin i
from the line profile, it is suggested that the primary is inclined
by ∼45◦. If the plane of the orbit of the companion has the same
inclination it is plausible that during the superior conjunction

part of its surface (its day side) is partially obscured by the pri-
mary, dark in X-rays.

Two factors can boost the X-ray activity of the hypotheti-
cal companion to such a high level: its young age, coeval with
ρ Oph and with the other solar-type stars discovered around it
(Pillitteri et al. 2016), and being part of a tight binary system.
This would enhance the stellar activity even more than in a con-
figuration of single star, as observed for example in the RS CVn
systems. In fact, if the companion rotates in 1.2 days, as ρ Ophs
does, such a period would correspond to a very close separation
of ∼9.8 R� that is similar to the radius of ρ Oph A. This results
in an extreme system with the companion almost on the verge of
collapsing onto the primary. The system should be in a 1:1 spin-
orbit locked configuration reached in the first 5 Myr, making its
evolution fast.

The plasma temperatures, the type of impulsive variability
and the pattern of abundances of the quiescent spectrum are fully
consistent with the X-ray properties of young, active pre-main
sequence stars. If a young unseen companion emits such X-rays,
the derived loop length (1.4–1.9 × 1011 cm or ∼2–2.7 R�) would
be a few of its stellar radius. This implies an extended structure
that perhaps could connect the surface of ρ Oph A with the com-
panion and hints to some form of magnetic interaction between
the two stars. At the same time the hottest part of the corona of
the companion should be eclipsed at some phases of the orbital
motion to reproduce the features observed in the light curve.

In the literature we find cases of X-rays from massive stars
that are attributed to a low mass companion, such as σ Ori E
(B2Vp; Sanz-Forcada et al. 2004), which was detected in a flar-
ing state during a XMM-Newton observation. σ Ori E has a hard
spectrum similar to ρ Oph A and remarkably harder than that
of σ Ori AB (O9.5V). However, in contrast to σ Ori E we did
not detect a 6.4 keV line from neutral Fe, even during interval
28 when the spectrum reached the maximum temperature. The
absence of a circumstellar disk on the companion of ρ Oph A is
perhaps linked to the lack of the 6.4 keV line as seen in σ Ori E.
There, the neutral Fe could emit by fluorescence during the flare
as the relatively cold material of the disk is hit by high energy
X-ray photons created during the flare, while in ρ Oph A there is
no circumstellar disk from where fluorescence of neutral Fe can
arise.

The analysis of the optical spectra from the ESO archive did
not reveal any Doppler shift due to the presence of the compan-
ion. This does not exclude its presence but rather calls for an ad
hoc spectroscopic campaign on ρ Oph A.

A mixture of both scenarios could be present as well; that is,
X-rays produced by the coronal activity of an unseen companion
coupled to and enhanced by an intrinsic magnetism of ρ Oph A.

Among other cases of uncertain origin of X-rays we cite
IQ Aur, which is an A0p bright in X-rays and flaring dur-
ing a XMM-Newton observation with temperatures up to 6 keV
(Robrade & Schmitt 2011). In the case of IQ Aur a magnetized
wind model and the presence of an unseen low mass companion
are discussed by Robrade et al. Qualitatively the X-rays from IQ
Aur are similar to those from ρ Oph except for the fact that the
flare has been observed once and never with periodic recurrence.
In the case of a magnetized wind emission the occurrence of a
flare does not easily fit the current models.

Other mechanisms of production of X-rays observed in bi-
nary systems of massive stars are less probable because the sep-
aration between ρOph A and B is about 300 AU, the short period
of the phenomenon appears to be linked to the rotation of the pri-
mary, and because the winds from B2 stars are weaker than those
from O and Wolf Rayet stars.
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A clear case of periodic variation of X-ray flux of a massive
star has been reported in χ1 CMa by Oskinova et al. (2014). χ1

CMa is a variable Beta Cep type star (B0.5-1 V-IV) characterized
by a strong magnetic field (B > 5000 G). χ1 CMa exhibits X-ray
and H-band mag variability in phase, however its X-ray spectrum
is softer than ρ Oph and it does not show flares. The mechanism
that produces X-rays in χ1 CMa is still not completely clear; it is
likely linked to the compression phase and the plasma heating in
the consequent shock, as the maximum rate of X-rays happens
at the minimum stellar radius. This scenario is not applicable to
ρ Oph because it cannot explain the much higher plasma tem-
peratures observed in it and its flaring activity.

The present work indicates the peculiarity of ρ Oph in the
X-ray band, as it represents perhaps the best example of an X-ray
active early B star and one of the most favorable targets for
studying magnetism in B stars. On the other hand, ρOph A could
be an extreme system with a low mass companion on the verge
of collapsing onto the primary. In both cases ρ Oph A deserves
more investigation to understand the origin of its X-rays.
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Appendix A: Time resolved spectroscopy

Table A.1. Best-fit parameters from time resolved spectroscopy of the first event and second event.

Interval Start End T1 Err (T1) T2 Err (T2) EM1 Err (EM1) EM2 Err (EM2) Fs Fh Ftot log LX HR χ2 d.o.f. P(χ2 > χ2
0)

First event ks ks keV log cm−3 10−13 erg s−1 cm−2 erg s−1

1 0.00 5.45 0.89 0.06 2.34 0.33 52.94 0.06
−0.07 53.00 0.06

−0.08 7.66 4.77 15.63 30.36 0.62 1.22 36 16.75

2 5.45 10.76 0.87 0.06 2.46 0.27 52.90 0.06
−0.07 53.09 0.05

−0.06 8.00 5.80 17.19 30.40 0.73 1.25 38 13.96

3 10.76 15.20 0.61 0.05 2.33 0.17 52.90 0.04
−0.05 53.29 0.03

−0.03 10.17 7.73 21.92 30.51 0.76 1.12 38 28.36

4 15.20 19.04 0.83 0.05 2.58 0.22 52.95 0.04
−0.05 53.30 0.03

−0.04 10.67 9.22 24.49 30.56 0.86 1.35 38 7.19

5 19.04 22.44 0.73 0.07 2.40 0.17 52.85 0.06
−0.07 53.43 0.03

−0.03 11.64 11.05 27.93 30.61 0.95 1.61 38 0.98

6 22.44 25.05 0.81 0.06 3.49 0.33 53.03 0.05
−0.05 53.48 0.03

−0.03 14.27 17.20 37.65 30.74 1.21 1.17 40 21.82

7 25.05 27.74 0.89 0.08 2.49 0.25 53.06 0.08
−0.1 53.48 0.05

−0.05 14.61 13.43 34.81 30.71 0.92 1.13 39 26.03

8 27.74 31.24 0.95 0.04 2.73 0.36 53.16 0.05
−0.06 53.21 0.06

−0.07 11.79 8.99 26.14 30.59 0.76 1.89 36 0.10

9 3:1.24 36.05 0.79 0.05 1.87 0.13 52.90 0.05
−0.05 53.21 0.03

−0.04 9.36 5.70 19.20 30.45 0.61 0.88 36 66.73

10 36.05 41.22 0.88 0.09 1.95 0.21 52.91 0.09
−0.1 53.12 0.07

−0.08 8.33 5.09 17.18 30.40 0.61 1.56 35 1.91

11 41.22 46.68 0.74 0.05 2.05 0.14 52.86 0.04
−0.05 53.14 0.03

−0.04 8.34 5.18 16.91 30.40 0.62 1.48 35 3.28

Second event

25 115.76 120.09 0.90 0.06 2.83 0.36 52.98 0.06
−0.07 53.19 0.05

−0.05 9.47 8.05 21.65 30.50 0.85 1.14 38 26.03

26 120.09 122.48 1.01 0.05 3.26 0.36 53.13 0.07
−0.08 53.50 0.04

−0.04 14.54 17.91 39.91 30.77 1.23 1.15 40 24.14

27 122.48 123.99 1.26 0.13 4.95 0.97 53.43 0.1
−0.2 53.71 0.07

−0.08 20.61 37.10 69.06 31.01 1.80 0.81 43 81.24

28 123.99 125.29 1.22 0.08 5.39 1.37 53.59 0.09
−0.1 53.63 0.08

−0.09 24.51 36.62 75.48 31.05 1.49 1.21 39 17.76

29 125.29 126.57 1.11 0.18 4.64 0.83 53.35 0.1
−0.2 53.79 0.06

−0.07 24.07 42.29 79.74 31.07 1.76 0.96 43 54.67

30 126.57 127.81 0.91 0.09 3.54 0.37 53.20 0.09
−0.1 53.87 0.03

−0.03 27.33 41.33 82.12 31.08 1.51 1.05 41 37.73

31 127.81 129.03 0.78 0.08 3.15 0.24 53.20 0.06
−0.08 53.89 0.02

−0.03 29.77 39.43 83.03 31.09 1.32 0.83 40 76.04

32 129.03 130.35 1.02 0.06 3.27 0.30 53.34 0.08
−0.1 53.85 0.04

−0.04 28.62 39.28 82.93 31.09 1.37 0.91 42 62.93

33 130.35 131.57 1.03 0.05 3.29 0.34 53.46 0.06
−0.08 53.80 0.04

−0.04 29.63 36.34 81.30 31.08 1.23 0.84 39 75.48

34 131.57 132.93 0.93 0.05 3.78 0.50 53.49 0.05
−0.06 53.68 0.04

−0.05 29.04 30.65 72.59 31.03 1.06 0.82 40 78.41

35 132.93 134.49 0.79 0.07 2.60 0.18 53.18 0.06
−0.07 53.77 0.03

−0.03 25.03 26.31 62.84 30.97 1.05 1.00 41 47.05

36 134.49 136.14 1.04 0.05 3.01 0.33 53.33 0.06
−0.08 53.66 0.04

−0.05 21.66 24.75 57.82 30.93 1.14 1.10 39 30.78

37 136.14 138.19 0.98 0.05 2.77 0.32 53.29 0.06
−0.07 53.55 0.04

−0.05 18.98 18.28 46.58 30.84 0.96 1.19 38 20.05

Notes. We list the temporal intervals, temperatures, logarithm of the emission measures (EM), unabsorbed fluxes in bands 0.3–1.0 keV (Fs),
1.5–8.0 keV (Fh), 0.3–8.0 keV (Ftot), unabsorbed X-ray luminosity in 0.3–8.0 keV, hardness ratio (HR = Fh/Fs), and χ2 statistics.
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Table A.2. Lines measured in the RGS spectra relative to the full exposure, quiescent, and high state.

Ion Full Quiescent High state

Fexxiv FWHM (Å) 0.0040.288
−0.004 – 0.080.17

−0.08

8.0 Å pos. (Å) 8.080.40
−0.04 – 8.350.04

−0.12

int. (ct/ks) 0.60.6
−0.6 – 0.113.67

−0.08

Fexxiv FWHM (Å) 0.0110.061
− 0.01−0.22 –

10.6 Å pos. (Å) 10.640.016
−0.017 10.64 – –

int. (ct/ks) 0.331.4
−0.3 0.040.15

−0.15 –

Nex FWHM (Å) 0.00160.0442
−0.0004 0.0120.05

− 0.0050.005
−0.003

12.1 Å pos. (Å) 12.120.01
−0.01 12.110.01

−0.01 12.130.01
−0.01

int.(ct/ks) 6.08.0
−5.0 0.821.63

−0.07 1.5−
−1.3

Ne ix FWHM (Å) 0.100.04
−0.1 0.290.24

−0.28 0.0040.14
−

13.4 Å pos. (Å) 13.440.05
−0.05 13.430.09

−0.09 13.42−−
int.(ct/ks) 0.0363.0

− 0.02610.000
−0.014 0.393.5

−1.4

Fexvii FWHM (Å) 0.100.04
−0.10 0.150.10

−0.15 0.0010.15
−

15 Å pos. (Å) 14.970.05
−0.07 14.920.06

−0.07 15.030.04
−0.03

int. (ct/ks) 0.044.6
−0.03 0.0327.00

−0.02 4.03.0
−1.1

Oviii FWHM (Å) 0.070.03
−0.07 0.060.02

−0.06 0.140.07
−0.14

18.9 Å pos. (Å) 18.950.02
−0.02 18.950.03

−0.03 18.920.04
−0.04

int. (ct/ks) 0.0842.71
−0.031 0.0883.00

−0.04 0.0529.00
−0.02

Notes. For each line, Gaussian FWHM (Å), line positions (Å) and intensities (ct s−1 Å−1) are indicated.
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