
MNRAS 433, 1114–1132 (2013) doi:10.1093/mnras/stt794
Advance Access publication 2013 June 3

Evolution and fate of very massive stars

Norhasliza Yusof,1,2,3‹ Raphael Hirschi,3,4 Georges Meynet,5 Paul A. Crowther,6

Sylvia Ekström,5 Urs Frischknecht,3,7 Cyril Georgy,3,8 Hasan Abu Kassim1,2,9

and Olivier Schnurr10

1Department of Physics, Faculty of Science, University of Malaya, 50603 Kuala Lumpur, Malaysia
2Quantum Science Center, Faculty of Science, University of Malaya, 50603 Kuala Lumpur, Malaysia
3Astrophysics, Lennard-Jones Laboratories, EPSAM, Keele University, Staffordshire ST5 5BG, UK
4Kavli Institute for the Physics and Mathematics of the Universe (Kavli IPMU, WPI), University of Tokyo, 5-1-5 Kashiwanoha, Kashiwa 277-8583, Japan
5Geneva Observatory, Geneva University, CH-1290 Sauverny, Switzerland
6Department of Physics and Astronomy, University of Sheffield, Hicks Building, Hounsfield Road, Sheffield S3 7RH, UK
7Department of Physics, University of Basel, Klingelbergstr. 82, CH-4056 Basel, Switzerland
8Centre de Recherche Astrophysique de Lyon, Ecole Normale Supérieure de Lyon, 46 allée d’Italie, F-69384 Lyon cedex 07, France
9Institute of Space Science, Universiti Kebangsaan Malaysia, 43600 Bangi, Selangor, Malaysia
10Leibniz-Institut für Astrophysik Potsdam (AIP), An der Sternwarte 16, G-14482 Potsdam, Germany

Accepted 2013 May 3. Received 2013 April 24; in original form 2013 February 12

ABSTRACT
There is observational evidence that supports the existence of very massive stars (VMS) in
the local universe. First, VMS (Mini � 320 M�) have been observed in the Large Magellanic
Clouds (LMC). Secondly, there are observed supernovae (SNe) that bear the characteristics
of pair creation supernovae (PCSNe, also referred to as pair instability SN) which have VMS
as progenitors. The most promising candidate to date is SN 2007bi. In order to investigate the
evolution and fate of nearby VMS, we calculated a new grid of models for such objects, for
solar, LMC and Small Magellanic Clouds (SMC) metallicities, which covers the initial mass
range from 120 to 500 M�. Both rotating and non-rotating models were calculated using the
GENEVA stellar evolution code and evolved until at least the end of helium burning and for
most models until oxygen burning. Since VMS have very large convective cores during the
main-sequence phase, their evolution is not so much affected by rotational mixing, but more
by mass loss through stellar winds. Their evolution is never far from a homogeneous evolution
even without rotational mixing. All the VMS, at all the metallicities studied here, end their life
as WC(WO)-type Wolf–Rayet stars. Because of very important mass losses through stellar
winds, these stars may have luminosities during the advanced phases of their evolution similar
to stars with initial masses between 60 and 120 M�. A distinctive feature which may be used
to disentangle Wolf–Rayet stars originating from VMS from those originating from lower
initial masses would be the enhanced abundances of Ne and Mg at the surface of WC stars.
This feature is however not always apparent depending on the history of mass loss. At solar
metallicity, none of our models is expected to explode as a PCSN. At the metallicity of the
LMC, only stars more massive than 300 M� are expected to explode as PCSNe. At the SMC
metallicity, the mass range for the PCSN progenitors is much larger and comprises stars with
initial masses between about 100 and 290 M�. All VMS in the metallicity range studied here
produce either a Type Ib SN or a Type Ic SN but not a Type II SN. We estimate that the
progenitor of SN 2007bi, assuming a SMC metallicity, had an initial mass between 160 and
175 M�. None of models presented in this grid produces gamma-ray bursts or magnetars.
They lose too much angular momentum by mass loss or avoid the formation of a black hole
by producing a completely disruptive PCSN.
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1 IN T RO D U C T I O N

In the present work, we call very massive stars (VMS), stars with
initial masses superior to 100 M�. For a long time, the evolution of
such stars was considered only in the framework of Population III
stars. Indeed, it was expected that, only in metal-free environments,
could such massive stars be formed, since the absence of dust, an
efficient cooling agent, would prevent a strong fragmentation of the
protostellar cloud (Bromm, Coppi & Larson 1999; Abel, Bryan &
Norman 2002).1 It came therefore as a surprise when it was discov-
ered that the most metal-poor low-mass stars, likely formed from a
mixture between the ejecta of these Population III stars and pristine
interstellar medium (ISM), did not show any signature of the pecu-
liar nucleosynthesis of the VMS (Christlieb et al. 2002; Heger &
Woosley 2002; Umeda & Nomoto 2002; Frebel, Aoki & Christlieb
2005). While such observations cannot rule out the existence of
these VMS in Population III generations (their nucleosynthetic sig-
nature may have been erased by the more important impact of stars
in other mass ranges), it seriously questions the importance of such
object for understanding the early chemical evolution of galaxies.
Ironically, when the importance of VMS in the context of the first
stellar generations fades, they appear as potentially interesting ob-
jects in the framework of present-day stellar populations.

For a long time, observations favoured a present-day upper mass
limit for stars around 150 M� (Figer 2005; Oey & Clarke 2005).
Recently, however, Crowther et al. (2010) have re-assessed the prop-
erties of the brightest members of the R136a star cluster, revealing
exceptionally high luminosities. The comparison between main-
sequence (MS) evolutionary models for rotating and non-rotating
stars and observed spectra resulted in high current (≤265 M�) and
initial (≤320 M�) masses for these stars.

In addition, the advent of all sky transient surveys – unbiased
towards specific nearby massive star-forming galaxies – has pro-
duced a population of superluminous supernovae (SLSNe; Gal-Yam
2012), which may have VMS as progenitors. SN 2006gy was the
first example of such a supernova for which a pair creation super-
nova (PCSN) was suspected (Smith et al. 2007), while still stronger
evidence was reported by Gal-Yam, Mazzali & Ofek (2009) for
SN 2007bi from a metal-poor dwarf galaxy at z = 0.128. They de-
rived a core helium mass of 100 M� for SN 2007bi, and estimated
an initial mass of 200 M� for its progenitor, although substantially
higher initial masses were inferred by Yoshida & Umeda (2011).
Most recently, other SN 2007bi-like examples have been identified:
PTF10 nmn (Gal-Yam 2012; Yaron, in preparation) and PS1-11ap
(Kotak et al., in preparation), suggesting that VMS and PCSN occur
at the current epoch.

The above observations trigger a new interest in the formation,
evolution and fate of VMS and in particular stimulate the present
study. Our aim is mainly twofold: (1) to provide grids for VMS at
three different metallicities with and without rotation. These grids
are useful to interpret observations of very luminous objects; (2) to
study the evolutionary scenario and the final fate of such objects. We
want to address questions such as the kind of stars and of supernova
explosion (if any) that VMS produce.

In order to realize these two aims, we calculated a new grid
of VMS models at solar (Z = 0.014), Large Magellanic Cloud
(LMC, Z = 0.006) and Small Magellanic Cloud (SMC, Z = 0.002)

1 Note, however, that the most recent star formation simulations find lower
mass stars forming in groups, similarly to present-day star formation (Greif
et al. 2010; Stacy, Greif & Bromm 2010).

metallicities using the GENEVA stellar evolution code (Eggenberger
et al. 2008) including the modifications implemented to follow the
advanced stages as described in Hirschi, Meynet & Maeder (2004).
This work extends the MS models for VMS presented in Crowther
et al. (2010) and complements the low- and high-mass stellar grids at
solar metallicity (Z = 0.014) calculated by Ekström et al. (2012) and
Georgy et al. (2012) as well as their extension to lower metallicities
(Eggenberger et al., in preparation; Georgy et al., in preparation).

In Section 2, we present the physical ingredients of the models.
The description of the results is given in Section 3. The Wolf–Rayet
(WR) stars originating from VMS are discussed in Section 4. The
final fates of the VMS are the subject of Section 5. Conclusions and
perspectives are given in Section 6.

2 PH Y S I C A L I N G R E D I E N T S O F T H E M O D E L S

The various input physics parameters are the same as the ones used
in the new grids of rotating models published in Ekström et al.
(2012), making this grid of VMS consistent with their published
grid. We just recall here a few important points.

(i) The initial abundances for the models are listed in Table 1.
The mixture of heavy elements (Z) is taken from Asplund, Grevesse
& Sauval (2005) except for the Ne abundances adopted from Cunha,
Hubeny & Lanz (2006) and the isotopic ratios are taken from
Lodders (2003).

(ii) Reaction rates are taken mostly from Nuclear Astrophysics
Compilation of Reaction Rates (NACRE; Angulo et al. 1999). The
full list of updated rates and a short description of the effects on
stellar evolution are presented in Ekström et al. (2012).

(iii) Neutrino energy loss in plasma, pair and photoneutrino pro-
cess is taken from Itoh et al. (1989, 1996).

(iv) Opacities is taken from OPAL (Iglesias & Rogers 1996)
and completed with low temperature opacities from Ferguson et al.
(2005) adapted for the high Ne abundance.

(v) For convection, the Schwarzschild criterion is used and a
modest overshooting with an overshoot parameter, dover/HP = 0.10,
is used for core hydrogen and helium burning only.

(vi) The outer convective zone is treated according to the mixing
length theory, using αMLT = 1.0. As explained in Ekström et al.
(2012, and references therein), αMLT = l/Hρ , where l is the mixing
length and Hρ the density scale height to avoid an unphysical density
inversion in the envelope.

(vii) The treatment of rotation in the GENEVA code has been de-
scribed in Maeder & Meynet (2012). For horizontal turbulence, we
used the diffusion coefficient from Zahn (1992) and for the secu-
lar shear turbulence, we used the diffusion coefficient of Maeder
(1997).

(viii) Note that the effects due to the creation of electron–positron
pairs is not included in the equation of state but this does not affect
the conclusions of this paper as discussed below.

Table 1. Hydrogen (1H), helium isotopes (3He,
4He) and metal (Z) mass fractions for the chemi-
cal abundances in our models.

1H 3He 4He Z

Solar 0.7200 4.414e-5 0.2659 0.014
LMC 0.7381 4.247e-5 0.2559 0.006
SMC 0.7471 4.247e-5 0.2508 0.002
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2.1 Mass loss

Mass loss strongly affects the evolution of VMS as we shall describe
below. It is therefore important to understand the different mass-loss
prescriptions used and how they relate to each other. In this study,
we used the following prescriptions. For MS stars, we used the
prescriptions for radiative line driven winds from Vink, de Koter
& Lamers (2001), which compare rather well with observations
(Crowther et al. 2010; Muijres et al. 2011). For stars in a domain
not covered by the Vink et al. prescription, we applied the de Jager,
Nieuwenhuijzen & van der Hucht (1988) prescription to models
with log(Teff ) > 3.7. For log(Teff ) ≤ 3.7, we performed a linear fit
to the data from Sylvester, Skinner & Barlow (1998) and van Loon
et al. (1999) (see Crowther 2001). The formula used is given in
equation (2.1) in Bennett et al. (2012).

In the calculations, we consider that a star becomes a WR when
the surface hydrogen mass fraction, Xs, becomes inferior to 0.3 and
the effective temperature, log(Teff ), is greater than 4.0. The mass-
loss rate used during the WR phase depends on the WR subtype. For
the eWNL phase (when 0.3 > Xs > 0.05), the Gräfener & Hamann
(2008) recipe is used (in the validity domain of this prescription,
which usually covers most of the eWNL phase). In many cases,
the WR mass-loss rate of Gräfener & Hamann (2008) is lower than
the rate of Vink et al. (2001), in which case, we used the latter.
For the eWNE phase – when 0.05 > Xs and the ratio of the mass
fractions of (12C+ 16O)/4He < 0.03 – and WC/WO phases – when
(12C+ 16O)/4He > 0.03 – we used the corresponding prescriptions
of Nugis & Lamers (2000). Note also that both the Nugis & Lamers
(2000) and Gräfener & Hamann (2008) mass-loss rates account for
clumping effects (Muijres et al. 2011).

As is discussed below, the mass-loss rates from Nugis & Lamers
(2000) for the eWNE phase are much larger than in other phases and
thus the largest mass loss occurs during this phase. In Crowther et al.
(2010), the mass-loss prescription from Nugis & Lamers (2000) was
used for both the eWNL and eWNE phases. The current models thus
lose less mass than those presented in Crowther et al. (2010) during
the eWNL phase.

The metallicity dependence of the mass-loss rates is included
in the following way. The mass-loss rate used at a given metal-
licity, Ṁ(Z), is the mass-loss rate at solar metallicity, Ṁ(Z�),
multiplied by the ratio of the metallicities to the power of α:
Ṁ(Z) = Ṁ(Z�)(Z/Z�)α . α was set to 0.85 for the O-type phase
and WN phase and 0.66 for the WC and WO phases; and for WR
stars the initial metallicity rather than the actual surface metallicity
was used in the equation above following Eldridge & Vink (2006).
α was set to 0.5 for the de Jager et al. (1988) prescription. Finally,
α was set to 0 (no dependence) if log(Teff ) ≤ 3.7 (note that none
of the models presented in this study reaches such low effective
temperatures).

For rotating models, we applied to the radiative mass-loss rate
the correction factor described in Maeder & Meynet (2000a):

Ṁ(�) = F�Ṁ(� = 0)

with F� = (1 − �)
1
α −1

[
1 − �2

2πGρm
− �

] 1
α −1

, (1)

where � = L/LEdd = κL/(4πcGM) is the Eddington factor (with
κ the total opacity), and α the Teff -dependent force multiplier pa-
rameter.

Table 2. Main properties at the start of the core H-burning phase (ZAMS).
Mini is the initial mass, Zini is the initial metallicity, veq is the equatorial ve-
locity in km s−1, LZAMS is the luminosity, T ZAMS

eff is the effective luminosity
and �ZAMS

Edd is the Eddington limit.

Mini Zini veq LZAMS T ZAMS
eff �ZAMS

Edd

120 0.014 0 6.231 4.729 0.376
150 0.014 0 6.383 4.736 0.426
200 0.014 0 6.567 4.739 0.489
300 0.014 0 6.812 4.734 0.572
500 0.014 0 7.099 4.705 0.666

120 0.014 373 6.230 4.727 0.374
150 0.014 395 6.373 4.723 0.417
200 0.014 411 6.558 4.723 0.479
300 0.014 426 6.804 4.716 0.564
500 0.014 361 7.098 4.694 0.717

120 0.006 0 6.227 4.750 0.376
150 0.006 0 6.379 4.758 0.426
500 0.006 0 7.091 4.754 0.660

120 0.006 400 6.214 4.737 0.365
150 0.006 404 6.377 4.756 0.425
200 0.006 440 6.552 4.751 0.477
300 0.006 468 6.798 4.753 0.560
500 0.006 415 7.091 4.754 0.666

150 0.002 436 6.377 4.778 0.426
200 0.002 443 6.550 4.776 0.477
300 0.002 509 6.793 4.780 0.557

2.2 Models computed

We calculated models of 120, 150, 200, 300 and 500 M�. The
initial properties of the models are listed in Table 2. The zero-age
main sequence (ZAMS) is chosen as the time when 0.3 per cent in
mass fraction of hydrogen is burnt. Although we focused our study
on rotating stellar models, we also calculated non-rotating models at
solar and LMC metallicities. The initial surface equatorial velocity
was chosen in order to have the same ratio of the initial to critical
velocity, υ ini/υcrit, of 0.4 on the ZAMS for all models in line with
Ekström et al. (2012). The surface velocity corresponding to this
ratio increases with initial mass, except for the 500 M�, for which
the very high luminosity reduces the critical velocity (see Maeder
& Meynet 2000b, for more details). This choice of initial velocities
corresponds to an average velocity on the MS of 97 km s−1 for the
120 M� stellar model and 141 km s−1 for 500 M� model.

3 R E S U LT S O F V M S MO D E L S

3.1 VMS evolve nearly homogeneously

Probably the main characteristic that makes VMS quite different
from their lower mass siblings is the fact that they possess very large
convective cores during the MS phase. To illustrate this last point,
Fig. 1 shows the convective core mass fraction for non-rotating
massive stars at solar metallicity. It is apparent that the convective
cores for masses above 150 M� extend over more than 75 per cent
of the total mass of the star.

Fig. 2 shows how age, metallicity and rotation influence this mass
fraction. Comparing the top-left and bottom-left panels showing
the rotating 150 M� models at solar and SMC metallicities (Z),
respectively, we can see that the convective core occupies a very
slightly larger fraction of the total mass at SMC metallicity on the
ZAMS. As for lower mass massive stars, this is due to a lower
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Figure 1. Mass fraction of the convective core in non-rotating solar metal-
licity models. The models with initial masses superior or equal to 150 M�
are from the present work. Models for lower initial masses are from Ekström
et al. (2012). The continuous line corresponds to the ZAMS, the short-dashed
line to models when the mass fraction of hydrogen at the centre, Xc, is 0.35
and the long-dashed line to models when Xc is equal to 0.05.

CNO content leading to higher central temperature. This effect
is counterbalanced by the lower opacity (especially at very low
metallicities) and the net change in convective core size is small.
As the evolution proceeds mass loss is weaker at lower Z and thus
the total mass decreases slower than the convective core mass. This
generally leads to a smaller fraction of the total mass occupied by
the convective core in the SMC models.

We can see the impact of rotation by comparing the rotating
(top-left) and non-rotating (top-right) 150 M� models. The con-
vective core size remains higher in the rotating model due to the
additional mixing in radiative zones. We can see that rotation in-
duced mixing can even lead to an increase of the convective core
size as is the case for the SMC model (bottom-left). This increase
is typical of quasi-homogeneous evolution also found in previous
studies (see Yoon, Dierks & Langer 2012, and citations therein).
The rotating 500 M� model (bottom right-hand panel) evolves
quasi-homogeneously throughout its entire evolution, even with an
initial ratio of the velocity to the critical velocity of 0.4.

This feature of the most massive stars is a key factor governing
their evolution as is discussed below.

3.2 Evolutionary tracks and lifetimes

In Figs 3–5, we present the evolutionary tracks of our present models
with initial masses between 150 and 500 M� for the three metallic-
ities considered. Other properties of the present stellar models are
given at various evolutionary stages in Tables 3–5.

A very first striking feature is that these massive stars evolve
vertically in the HR diagram (HRD) covering only very restricted
ranges in effective temperatures but a very large range in luminosi-
ties. This is typical of an evolution mainly governed by mass loss
and also by a strong internal mixing (here due to convection).

Let us now describe in more details the evolution of the non-
rotating 500 M� model at solar metallicity (see Fig. 3). In general,
the luminosity of stars increases during the MS phase. Here we have
that during that phase, the luminosity decreases slightly by about
0.1 dex. This is the consequence of very high mass-loss rates (of
the order of 7 × 10−5 M� yr−1) already at very early evolutionary
stages.

At an age of 1.43 Myr, the mass fraction of hydrogen at the
surface becomes inferior to 0.3, the star enters into the WR phase
and has an actual mass decreased by about 40 per cent with respect
to its initial value. At that time the mass fraction of hydrogen in
the core is 0.24. Thus this star enters the WR phase while still
burning its hydrogen in its core and having nearly the same amount
of hydrogen at the centre and at the surface, illustrating the nearly
homogeneous nature of its evolution. Typically for this model, the
convective core encompasses nearly 96 per cent of the total mass
on the ZAMS (see also Fig. 1).

At an age equal to 2.00 Myr, the mass fraction of hydrogen
is zero in the core (Xc = 0). The star has lost a huge amount of
mass through stellar winds and has at this stage an actual mass of
55.7 M�. So, since the entrance into the WR phase, the star has lost
about 245 M�, i.e. about half of its total mass. This strong mass-
loss episode translates into the HRD by a very important decrease
in luminosity. Note that when Xc is zero, the convective core still
encompass 80 per cent of the total stellar mass!

The core helium burning phase last for about 0.3 Myr, that means
slightly more than 15 per cent of the MS lifetime. At the end of the
core He-burning phase, the actual mass of the star is 29.82 M�, its
age is 2.32 Myr, the mass fraction of helium at the surface is 0.26.
The last model has an age of 2.32 Myr, an actual mass of 29.75 and
a helium surface abundance in mass fraction of 0.06. The total WR
phase lasts for 0.88 Myr, that means about 38 per cent of the total
stellar lifetime.

It is interesting to compare the evolution of the 500 M� stellar
model with that of the 150 M� model. In contrast to the 500 M�
model, the 150 M� increases in luminosity during the MS phase.
Looking at the HRD we see that the O-type star phases of the 150 and
500 M� models cover more or less the same effective temperature
range. This illustrates the well known fact that the colours of stars
for this mass range do not change much with the initial mass.

When the stars enters into the WR phase, in contrast to the case of
the 500 M� where the luminosity decreases steeply, the luminosity
of the 150 M� model continues to increase a little. The luminosities
of the two models when the hydrogen mass fraction at the surface
becomes inferior to 10−5 differ by just a little more than 0.1 dex. The
effective temperatures are similar. Thus one expects stars from very
different initial masses to occupy similar positions in the HRD (the
500 M� star being slightly less luminous than the 150 M� during
the WR phase). We note that after the end of the core He-burning
phase, the star evolves to the red and terminate its lifetime around
an effective temperature of log Teff equal to 4. This comes from
the core contraction at the end of core He burning which releases
energy and leads to an envelope expansion akin to the expansion
of the envelope at the end of the MS (see also Yoshida & Umeda
2011).

The duration of the core H-burning phase of the 150 M� model
is not much different from the one of the 500 M� model being
2.5 Myr instead of 2 Myr. The core He-burning lifetime lasts for
0.3 Myr as for the 500 M�. The total duration of the WR phase is
0.45 Myr, thus about half of the WR duration for the 500 M�.

The 200 M� model has an evolution similar to the 150 M�
model, while the 300 M� has an evolution similar to the 500 M�.
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Figure 2. Structure evolution as a function of age for selected models: solar metallicity 150 M� rotating (top-left) and non-rotating (top-right) models,
rotating SMC metallicity 150 M� model (bottom-left) and rotating solar metallicity 500 M� model (bottom-right). The blue zones represent the convective
regions. The top solid black line indicates the total mass of the star and vertical red markers are given for the different phases (O-type, WR = eWNL, eWNE
and WC/WO) at the top of the plots. The transition between H- and He-burning phases is indicated by the red vertical line at the bottom of the plots.

Let us now consider how rotation changes the picture. Fig. 3,
right-hand panel, shows the evolutionary tracks of the Z = 0.014
rotating tracks in a similar way as in the left-hand panel. The changes
brought by rotation are modest. This is expected because of two
facts: first, in this high mass range, the evolution is more impacted
by mass loss than by rotation, secondly, stars are already well mixed
by the large convective cores. One notes however a few differences
between the non-rotating and rotating models. One of the most
striking is the fact that the models during their O-type phase evolve
nearly vertically when rotation is accounted for. This is the effect
of rotational mixing which keep the star more homogeneous than
in the non-rotating cases (although, as underlined above, already in
models with no rotation, due to the importance of the convective
core, stars are never very far from chemical homogeneity). As was
the case in the non-rotating tracks, the O-type star phase corresponds
to an upward displacement when time goes on in the HRD for the
150 M� model, while, it corresponds to a downwards displacement
for the three more massive models. One notes finally that lower
luminosities are reached by the rotating models at the end of their
evolution (decrease by about 0.3 dex in luminosity, thus by a factor

of 2). This comes mainly because the rotating models enter earlier
into their WR phase and thus lose more mass.

How does a change in metallicity alter the picture? When the
metallicity decreases to Z = 0.006 (see Fig. 4), as expected, tracks
are shifted to higher luminosities and effective temperatures. In this
metallicity range, all models evolve upwards during their O-type
star phase in the HRD. This is an effect of the lower mass-loss rates.

As was already the case at Z = 0.014, rotation makes the star to
evolve nearly vertically in the HRD. One notes in this metallicity
range, much more important effects of rotation than at Z = 0.014,
which is also expected, since at these lower metallicity, mass-loss
rates are smaller and rotational mixing more efficient. We note that
most of the decrease in luminosity in the 500 M� solar mass model
occurs during the WC phase in the Z = 0.006 non-rotating model,
while it occurs during the WNL phase in the rotating one. This
illustrates the fact that rotational mixing, by creating a much larger
H-rich region in the star, tends to considerably increase the duration
of the WNL phase. One notes also that while the 150 M� model
enters the WR phase only after the MS phase, the rotating model
becomes a WR star before the end of the MS phase.
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Figure 3. HRD from 150 up to 500 M� at solar metallicity for non-rotating
(left) and rotating (right) models, respectively. Key stages are indicated along
the tracks. Only the first portion (up to start of WR phase) of the tracks for
the 200 and 300 M� is shown.

At the metallicity of the SMC (see Fig. 5), except for the 500 M�,
the tracks evolve horizontally after the end of the core H-burning
phase (triangle in Fig. 5). The much lower mass-loss rates are re-
sponsible for this effect.

3.3 Lifetimes and mass–luminosity relation

In Tables 3–5, we provide lifetimes at the end of core hydrogen
burning, core helium burning and the total stellar lifetimes, respec-
tively. The end of a burning stage is chosen when the mass fraction
of the main fuel becomes less than 10−5. We see that the MS life-
time of non-rotating models at solar metallicity ranges from 2.67 to
1.99 Myr for initial masses ranging from 120 to 500 M� showing
the well-known fact that VMS have a very weak lifetime depen-
dence on their initial mass.

The mass–luminosity relation on the ZAMS for rotating massive
stars at solar composition is shown in Fig. 6. The relation (L ∝
Mα) is steep for low- and intermediate-mass stars (α ∼ 3 for 10 <

M/M� < 20) and flattens for VMS (α ∼ 1.3 for 200 < M/M�
< 500). This flattening is due to the increased radiation pressure
relative to gas pressure in massive stars. Since the lifetime of a star
is roughly M/L, we get that for VMS τ ∝ M/L ∝ M−0.3.

The H-burning (and total) lifetimes of VMS are lengthened by ro-
tation as in lower mass stars. Differences in the H-burning lifetimes

Figure 4. Same as Fig. 3 for LMC models (Z = 0.006).

Figure 5. Same as Fig. 3 (right) for SMC rotating models (Z = 0.002).
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Table 3. Properties of the hydrogen-burning phase: initial properties of stellar models (columns 1–3), lifetime of H-burning and O-type star phase
(columns 4 and 5), average MS surface velocity (column 6) and properties at the end of the core H-burning phase (columns 7–15). Masses are in
solar masses, velocities are in km s−1, lifetimes are in 106 yr and abundances are surface abundances in mass fractions. The luminosity, L, is in
log10(L/L�) unit and the effective temperature, Teff, is in log10 (K). Note that the effective temperature given here includes a correction for WR
stars to take into account the fact that their winds are optically thick as in Meynet & Maeder (2005).

Mini Zini
vini
vcrit

τH τo 〈vMS〉 Mend
H.b.

1H 4He 12C 14N 16O Teff L �Edd

120 0.014 0.0 2.671 2.592 0.0 63.7 2.04e-1 7.82e-1 8.58e-5 8.15e-3 1.06e-4 4.405 6.334 0.627
150 0.014 0.0 2.497 2.348 0.0 76.3 1.35e-1 8.51e-1 9.26e-5 8.15e-3 9.91e-5 4.413 6.455 0.657
200 0.014 0.0 2.323 2.095 0.0 95.2 7.51e-2 9.11e-1 9.93e-5 8.14e-3 9.23e-5 4.405 6.597 0.687
300 0.014 0.0 2.154 1.657 0.0 65.2 1.24e-3 9.85e-1 1.31e-4 8.11e-3 7.93e-5 4.267 6.401 0.595
500 0.014 0.0 1.990 1.421 0.0 56.3 2.20e-3 9.84e-1 1.26e-4 8.12e-3 8.03e-5 4.301 6.318 0.568

120 0.014 0.4 3.137 2.270 116.71 34.6 1.56e-3 9.85e-1 1.33e-4 8.10e-3 8.48e-5 4.400 6.018 0.463
150 0.014 0.4 2.909 2.074 101.24 37.1 1.80e-3 9.85e-1 1.30e-4 8.11e-3 8.41e-5 4.387 6.062 0.479
200 0.014 0.4 2.649 1.830 89.33 40.0 1.41e-3 9.85e-1 1.33e-4 8.10e-3 8.30e-5 4.372 6.110 0.495
300 0.014 0.4 2.376 1.561 61.16 43.2 1.85e-3 9.85e-1 1.33e-4 8.10e-3 8.23e-5 4.356 6.157 0.511
500 0.014 0.4 2.132 1.377 24.55 48.1 1.24e-3 9.85e-1 1.38e-4 8.10e-3 8.08e-5 4.332 6.221 0.531

120 0.006 0.0 2.675 2.682 0.0 79.0 4.03e-1 5.91e-1 3.29e-5 3.50e-3 4.47e-5 4.441 6.391 0.672
150 0.006 0.0 2.492 2.499 0.0 96.1 3.28e-1 6.67e-1 3.58e-5 3.50e-3 4.25e-5 4.483 6.524 0.709
500 0.006 0.0 1.904 1.636 0.0 238.8 2.56e-2 9.69e-1 5.12e-5 3.48e-3 3.18e-5 4.032 7.094 0.819

120 0.006 0.4 3.140 2.479 208.55 64.0 1.70e-3 9.92e-1 6.06e-5 3.47e-3 3.04e-5 4.387 6.395 0.597
150 0.006 0.4 2.857 2.172 198.19 71.3 9.76e-4 9.93e-1 6.33e-5 3.47e-3 2.97e-5 4.365 6.455 0.615
200 0.006 0.4 2.590 1.894 193.05 80.7 1.22e-3 9.93e-1 6.29e-5 3.47e-3 2.95e-5 4.339 6.525 0.638
300 0.006 0.4 2.318 1.619 173.47 85.8 1.32e-3 9.93e-1 6.30e-5 3.47e-3 2.93e-5 4.327 6.559 0.649
500 0.006 0.4 2.077 1.419 116.76 101.7 1.37e-3 9.93e-1 6.37e-5 3.47e-3 2.89e-5 4.291 6.650 0.676

150 0.002 0.4 2.921 2.567 318.92 128.8 1.67e-3 9.96e-1 2.13e-5 1.16e-3 8.09e-6 4.394 6.780 0.720
200 0.002 0.4 2.612 2.168 333.43 152.2 1.31e-3 9.97e-1 2.26e-5 1.16e-3 7.82e-6 4.363 6.867 0.743
300 0.002 0.4 2.315 1.801 347.32 176.2 1.10e-3 9.97e-1 2.32e-5 1.16e-3 7.68e-6 4.279 7.067 0.763

Table 4. Properties of the helium-burning phase: initial properties of stellar models (columns 1–3), age of star at the end of He burning (column
4), average He-b. surface velocity (column 5) and properties at the end of the core He-burning phase (columns 6–15). Abundances are given for

the surface, except for 12Cc, which represents the central C abundance. Same units as in Table 3. LCO [1050 g cm2

s ] is the angular momentum
contained in the CO core (note that at this stage the angular velocity is constant in the CO core due to convective mixing).

Mini Zini
vini
vcrit

Ageend
He-b. 〈vHe-b.〉 Mend

He-b.
4He 12C 12Cc

16O 22Ne Teff L �Edd LCO

120 0.014 0.0 3.003 0.00 30.9 0.242 0.458 0.150 0.281 1.081e-02 4.819 6.117 0.650 0
150 0.014 0.0 2.809 0.00 41.3 0.234 0.436 0.126 0.312 1.003e-02 4.822 6.278 0.706 0
200 0.014 0.0 2.622 0.00 49.4 0.207 0.408 0.112 0.366 8.811e-03 4.807 6.377 0.737 0
300 0.014 0.0 2.469 0.00 38.2 0.234 0.443 0.133 0.305 1.029e-02 4.825 6.236 0.691 0
500 0.014 0.0 2.314 0.00 29.8 0.261 0.464 0.152 0.257 1.110e-02 4.811 6.095 0.640 0

120 0.014 0.4 3.513 1.58 18.8 0.292 0.492 0.195 0.198 1.196e-02 4.806 5.814 0.533 1.91
150 0.014 0.4 3.291 1.18 20.3 0.286 0.488 0.187 0.208 1.184e-02 4.808 5.863 0.551 1.91
200 0.014 0.4 3.020 0.50 22.0 0.277 0.484 0.180 0.221 1.172e-02 4.812 5.912 0.570 1.37
300 0.014 0.4 2.733 0.13 24.0 0.270 0.479 0.172 0.233 1.151e-02 4.814 5.965 0.589 0.75
500 0.014 0.4 2.502 0.03 25.9 0.269 0.473 0.164 0.239 1.140e-02 4.811 6.010 0.606 0.28

120 0.006 0.0 2.993 0.00 54.2 0.229 0.391 0.098 0.372 3.701e-03 4.860 6.424 0.753 0
150 0.006 0.0 2.845 0.00 59.7 0.241 0.370 0.086 0.380 3.597e-03 4.844 6.474 0.767 0
500 0.006 0.0 2.182 0.00 94.7 0.251 0.392 0.078 0.349 3.318e-03 4.833 6.711 0.834 0

120 0.006 0.4 3.472 6.84 39.3 0.294 0.457 0.132 0.241 4.709e-03 4.387 6.395 0.692 16.2
150 0.006 0.4 3.164 3.67 45.7 0.310 0.451 0.122 0.231 4.701e-03 4.824 6.329 0.767 14.7
200 0.006 0.4 2.904 1.33 51.1 0.303 0.444 0.114 0.245 4.547e-03 4.825 6.390 0.738 9.98
300 0.006 0.4 2.625 0.35 54.1 0.291 0.439 0.110 0.262 4.433e-03 4.830 6.421 0.748 5.18
500 0.006 0.4 2.387 0.13 74.9 0.330 0.425 0.090 0.237 4.356e-03 4.790 6.590 0.798 4.83

150 0.002 0.4 3.193 64.94 106.7 0.809 0.153 0.074 0.035 1.730e-03 4.743 6.766 0.841 412.5
200 0.002 0.4 2.889 29.88 129.3 0.880 0.109 0.066 0.009 1.777e-03 4.789 6.861 0.863 355.6
300 0.002 0.4 2.585 5.10 149.8 0.938 0.058 0.060 0.001 1.798e-03 4.833 6.933 0.880 156.8
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Table 5. Key properties at the end of the calculations (last model): initial properties of stellar models (columns 1–3), burning stage corresponding to the
last model (column 4), total lifetime (column 5), average surface velocity after core He burning (column 6) and properties at the last model (columns
7–14). Same units as in Table 3.

Mini Zini
vini
vcrit

Last model Lifetime 〈vs〉 Mf
4He 12C 16O 22Ne Teff L �Edd

120 0.014 0.0 End O-b. 3.007 0.00 30.8 2.376e-01 4.568e-01 2.872e-01 1.075e-02 4.791 6.252 0.892
150 0.014 0.0 End C-b. 2.813 0.00 41.2 2.268e-01 4.332e-01 3.214e-01 9.910e-03 4.009 6.414 0.969
200 0.014 0.0 End C-b. 2.625 0.00 49.3 1.949e-01 4.014e-01 3.848e-01 8.505e-03 4.000 6.486 0.955
300 0.014 0.0 End O-b. 2.473 0.00 38.2 2.309e-01 4.418e-01 3.088e-01 1.025e-02 4.479 6.380 0.966
500 0.014 0.0 End O-b. 2.318 0.00 29.8 2.562e-01 4.629e-01 2.626e-01 1.106e-02 4.844 6.229 0.875

120 0.014 0.4 End O-b. 3.517 15.18 18.7 2.858e-01 4.925e-01 2.035e-01 1.193e-02 4.865 5.907 0.664
150 0.014 0.4 End O-b. 3.295 0.78 20.2 2.797e-01 4.884e-01 2.138e-01 1.181e-02 4.867 5.954 0.692
200 0.014 0.4 End Ne-b. 3.025 1.88 21.9 2.712e-01 4.838e-01 2.267e-01 1.168e-02 4.878 6.008 0.714
300 0.014 0.4 End O-b. 2.737 22.81 23.9 2.650e-01 4.784e-01 2.384e-01 1.148e-02 4.879 6.056 0.731
500 0.014 0.4 End Ne-b. 2.507 0.03 25.8 2.643e-01 4.726e-01 2.449e-01 1.136e-02 4.879 6.101 0.751

120 0.006 0.0 End He-b. 2.996 0.00 54.2 2.286e-01 3.911e-01 3.722e-01 3.701e-03 4.860 6.424 0.753
150 0.006 0.0 End He-b. 2.848 0.00 59.7 2.413e-01 3.702e-01 3.804e-01 3.597e-03 4.844 6.474 0.768
500 0.006 0.0 End He-b. 2.185 0.00 94.7 2.509e-01 3.919e-01 3.490e-01 3.318e-03 4.833 6.711 0.834

120 0.006 0.4 End O-b. 3.476 27.47 39.2 2.889e-01 4.567e-01 2.465e-01 4.687e-03 4.896 6.327 0.832
150 0.006 0.4 End Ne-b. 3.167 8.39 45.6 3.057e-01 4.505e-01 2.360e-01 4.680e-03 4.897 6.403 0.852
200 0.006 0.4 End O-b. 2.907 25.36 51.0 2.982e-01 4.436e-01 2.503e-01 4.524e-03 4.898 6.460 0.869
300 0.006 0.4 End O-b. 2.629 0.17 54.0 2.856e-01 4.383e-01 2.681e-01 4.400e-03 4.907 6.490 0.879
500 0.006 0.4 End O-b. 2.390 0.28 74.8 3.220e-01 4.249e-01 2.452e-01 4.307e-03 4.871 6.655 0.929

150 0.002 0.4 End O-b. 3.196 160.57 106.5 7.922e-01 1.634e-01 4.177e-02 1.717e-03 4.828 6.810 0.932
200 0.002 0.4 End O-b. 2.889 187.90 129.2 8.730e-01 1.131e-01 1.137e-02 1.773e-03 4.867 6.905 0.956
300 0.002 0.4 End O-b. 2.587 10.72 149.7 9.362e-01 5.969e-02 1.487e-03 1.797e-03 4.934 6.970 0.959

Figure 6. Mass–luminosity relation on the ZAMS for rotating models at
solar metallicity. The formulae in the bottom right-hand corner are linear
fits for the mass ranges 9–50 and 80–500 M�. As can be seen in Table 2,
the non-rotating models have very similar properties on the ZAMS.

of rotating and non-rotating 150 M� models at solar metallicity are
∼14 per cent. The effects of metallicity on the lifetimes are gener-
ally very small. The small differences in total lifetimes are due to
different mass loss at different metallicities.

3.4 Mass loss by stellar winds

Mass loss by stellar winds is a key factor governing the evo-
lution of VMS. This comes from the very high luminosi-
ties reached by these objects. For example, the luminosity
derived for R136a1 is about 10 million times that of our
Sun.

For such luminous objects, winds will be very powerful at all
evolutionary stages, so while early MS VMS are formally O-type
stars from an evolutionary perspective, their spectral appearance
may be closer to Of or Of/WN at early phases (Crowther, Hirschi
& Walborn 2012).

Table 6 gives the total mass at the start and end of the evolu-
tion as well as at the transitions between the different WR phases
in columns 1–5. The average mass-loss rates during the O-type
and eWNE phases (the phase during which the mass-loss rates are
highest) are given in columns 6 and 7, respectively.

The evolution of the mass-loss rates for various models is shown
in Fig. 7. Following the evolution from left to right for the 150 M�
model at solar metallicity (solid black), mass-loss rates slowly in-
crease at the start of the O-type phase with mass-loss rates between
10−5 (absolute values for the mass-loss rates, −Ṁ , are quoted in this
paragraph) and 10−4.5. If a bi-stability limit is encountered during
the O-type phase, as is the case in the non-rotating 150 M� model,
mass-loss rates can vary significantly over a short period of time and
mass loss peaks reach values higher than 10−4. The highest mass-
loss rate is encountered at the start of the eWNE phase (star symbols)
with values in excess of 10−3 (note that the mass-loss rate in the non-
rotating model has a peak at the end of the H-burning phase, phase
due to the star reaching temporarily cooler effective temperatures).
Such high mass-loss rates quickly reduce the mass and luminos-
ity of the star and thus the mass-loss rate also decreases quickly
during the eWNE phase. During the WC/WO phase, mass-loss
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Table 6. Mass-loss properties: total mass of the models at various stages (columns 1–5), and average mass-loss rates 〈Ṁ〉 during
the O-type and eWNE phases (columns 6 and 7). Masses are in solar mass units and mass-loss rates are given in M� yr−1.

ZAMS End O-type/start eWNL End eWNL/start eWNE End eWNE/start WC Final 〈ṀVink〉 〈ṀeWNE〉

Z = 0.014, v/vcrit = 0.0

120 69.43 52.59 47.62 30.81 2.477e-05 3.638e-04
150 88.86 66.87 61.20 41.16 3.274e-05 6.107e-04
200 121.06 91.20 83.85 49.32 4.618e-05 1.150e-03
300 184.27 130.47 52.05 38.15 8.047e-05 8.912e-04
500 298.79 169.50 45.14 29.75 1.736e-04 9.590e-04

Z = 0.014, v/vcrit = 0.4

120 88.28 69.54 27.43 18.68 1.675e-05 2.057e-04
150 106.64 80.88 29.49 20.22 2.467e-05 2.640e-04
200 137.52 98.75 31.84 21.93 3.985e-05 3.564e-04
300 196.64 129.10 34.45 23.93 7.559e-05 5.160e-04
500 298.42 174.05 38.30 25.83 1.594e-04 7.901e-04

Z = 0.006, v/vcrit = 0.0

120 74.30 57.91 56.91 54.11 2.140e-05 3.272e-04
150 94.18 74.20 71.75 59.59 2.839e-05 5.038e-04
500 332.68 250.64 197.41 94.56 1.304e-04 3.334e-03

Z = 0.006, v/vcrit = 0.4

120 100.57 90.78 54.43 39.25 9.429e-06 3.219e-04
150 125.79 111.84 60.75 45.58 1.367e-05 4.418e-04
200 166.81 144.86 66.25 51.02 2.180e-05 6.257e-04
300 247.07 207.10 73.11 54.04 4.166e-05 9.524e-04
500 397.34 315.51 86.10 74.75 9.194e-05 1.685e-03

Z = 0.002, v/vcrit = 0.4

150 135.06 130.46 113.51 106.50 6.661e-06 4.485e-04
200 181.42 174.18 137.90 129.21 9.902e-06 6.631e-04
300 273.18 260.81 156.14 149.70 1.730e-05 1.040e-03

Figure 7. Evolution of the mass-loss rate as a function of time left until last
model (log scale) for the rotating 500 M� model (solid-red), the rotating
150 M� model (solid-black), the non-rotating (dashed) 150 M� model at
solar metallicity and the rotating 150 M� model at SMC metallicity (solid-
green). The diamonds indicate the start of the eWNL phase, the stars the
start of the eWNE phase and hexagons the start of the WC/WO phase. The
squares and triangles indicate the end of H-b. and He-b. phases, respectively.

rates are of the same order of magnitude as during the O-type
phase.

Comparing the rotating 500 and 150 M� model at solar metallic-
ity (solid black and red), we see that more massive stars start with
higher mass-loss rates but converge later on to similar mass-loss
rates since the total mass of the models converges to similar values
(see Table 6).

Comparing the SMC and solar metallicity 150 M� rotating mod-
els, we can clearly see the metallicity effect during the O-type star
phase. During the eWNE phase, mass-loss rates are similar and in
the WC/WO, mass-loss rates in the SMC model are actually higher
since the total mass in that model remained high in contrast with
solar metallicity models.

Table 6 also shows the relative importance of the mass lost during
the various phases and how their importance changes as a function
of metallicity. Even though mass loss is the strongest during the
eWNE phase, significant amount of mass is lost in all phases.

3.5 Mass-loss rates and proximity of the Eddington limit

Recently, Gräfener et al. (2011) suggested enhanced mass-loss rates
(with respect to Vink et al. 2001) for stars with high Eddington
parameters (�Edd ≥ 0.7) that they attribute to the WR stage. In the
present work, we did not use such a mass-loss rate prescription. In
order to know whether it would have had an impact on the present
result, we discuss here the proximity of our models to the Eddington
limit.

Fig. 8 shows the Eddington parameter, �Edd = L/LEdd =
κL/(4πcGM), as a function of the initial mass of our models at
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Figure 8. Eddington parameter, �edd, for rotating models at solar metallic-
ity. �edd is plotted on the ZAMS (blue line) and the end of H-(light blue),
He-(green) and C-burning (red) phases. Except for the 300 and 500 M�
models, �edd increases throughout the evolution. At solar metallicity, the
highest value (close to 0.8) is actually reached by the 85 M� model at
the end of its evolution. This could lead to significant mass loss shortly
before the final explosion in a model that ends as a WR star and potentially
explain supernova surrounded by a thick circumstellar material without the
need for the star to be in the luminous variable phase. The formulae in
the bottom right-hand corner are linear fits for the mass ranges: 9–50 and
80–500 M�. As can be seen in Table 2, the non-rotating models have very
similar properties on the ZAMS.

key stages (see also Table 2). Since the Eddington parameter, �Edd

scales with L/M, the curve for �Edd also flattens for VMS. The
ZAMS values for �Edd range between 0.4 and 0.6, so well below
the Eddington limit, �Edd = 1, and below the limiting value of 0.7
where enhanced mass-loss rates are expected according to Gräfener
et al. (2011).

How does �Edd change during the lifetime of VMS? Fig. 9
presents the evolution of �Edd for a subset of representative mod-
els. The numerical values for each model are given at key stages
in Tables 3–5. Since �Edd ∝ κL/M , an increase in luminosity and
a decrease in mass both lead to higher �Edd. Changes in effective
temperature and chemical composition affect the opacity and also
lead to changes in �Edd.

In rotating models at solar metallicity, �Edd slowly increases until
the start of the eWNE phase. This is mainly due to the increase in
luminosity and decrease in mass of the model. At the start of the
eWNE phase, mass loss increases significantly. This leads to a
strong decrease in the luminosity of the model and as a result �Edd

decreases sharply.
During the WC/WO phase, mass-loss rates being of similar values

as during the O-type star phase, �Edd increases again gradually.
We can see that, at solar metallicity, �Edd rarely increases be-

yond 0.7 even in the 500 M� model. There are nevertheless two
interesting cases in which values above 0.7 are reached. The first
case is during the advanced stages. At this stage, mass loss does not
have much time to change the total mass of the star (it is mostly
changes in effective temperature and to a minor extent in luminosity

Figure 9. Evolution of the Eddington parameter, �Edd, as a function of
time left until last model (log scale) for the rotating 500 M� model (solid
red), the rotating 150 M� model (solid black), the non-rotating (dashed)
150 M� model at solar metallicity and the rotating 150 M� model at SMC
metallicity (solid green). The stars indicate the start of the eWNE phase. The
squares and triangles indicate the end of H-b. and He-b. phases, respectively.

that influence the increase in �Edd). This may nevertheless trigger
instabilities resulting in strong mass-loss episodes. This may have
consequences for the type of SN event that such star will produce
and may be a reason why the explosion of VMS may look like
as if they had happened in environment similar to those observed
around Luminous Blue Variable. The second case is at low metal-
licity, as highlighted by the 150 M� model. Indeed, values above
0.7 are reached before the end of the MS (square symbol). We plan
to determine the impact of using mass-loss prescriptions such as
the ones of Gräfener et al. (2011) and Maeder et al. (2012) on the
fate of VMS in a forthcoming study. The non-rotating model has a
different mass-loss history (see Fig. 7), which explains the slightly
different evolution of �Edd near the end of the MS.

3.6 Evolution of the surface velocity

The surface velocity of stars is affected by several processes. Con-
traction or expansion of the surface, respectively, increases and
decreases the surface velocity due to conservation of angular mo-
mentum. Mass loss removes angular momentum and thus decreases
the surface velocity. Finally, internal transport of angular momen-
tum generally increases the surface velocity. As shown in Fig. 10
(left-hand panel), at solar metallicity, the surface velocity rapidly
decreases during the MS due to the strong mass loss over the en-
tire mass range of VMS. At SMC metallicity, mass loss is weaker
and internal transport of angular momentum initially dominate over
mass loss and the surface velocity increases during the first half
of the MS phase. During this time, the ratio of surface velocity to
critical velocity also increases up to values close to 0.7 (note that
our models include the effect of the luminosity of the star when
determining the critical rotation as described in Maeder & Meynet
2000a). However, at SMC metallicity, in contrast with very low
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Figure 10. Evolution of surface equatorial velocity (left) and ratio of the surface angular velocity to the critical angular velocity (right) for the rotating solar
metallicity 150 and 500 M� and SMC 150 M� models as a function of age of the star.

and zero metallicity stars (Hirschi 2007; Ekström et al. 2008; Chat-
zopoulos & Wheeler 2012; Yoon et al. 2012), mass loss eventually
starts to dominate and the surface velocity and its ratio to critical
rotation both decrease for the rest of the evolution. SMC stars thus
never reach critical rotation. The angular momentum content in the
core of VMS stars is discussed in Section 5.3.

4 W R STA R S F RO M V M S

In Fig. 11, we present the evolution of the surface abundances as a
function of the total mass for the solar metallicity rotating models
of 150 and 60 M�. This figure shows how the combined effects
of mass loss and internal mixing change their surface composi-
tion. Qualitatively there are no big differences between the 60 and
150 M� models. Since the 150 M� has larger cores, the transition
to the various WR stages occurs at larger total masses compared to
the 60 M� model. It thus confirms the general idea that a more mas-
sive (thus more luminous) WR star originates from a more massive
O-type star. Fig. 11 shows that all abundances and abundance ratios
are very similar for a given WR phase. it is therefore not possible to
distinguish a WR originating from a VMS from its surface chemical
composition (however see below).

We present in Table 7 the lifetimes of the different WR phases
through which all our VMS models evolve. At solar metallicity,
the WR phase of non-rotating stellar models for masses between
150 and 500 M� covers between 16 and 38 per cent of the total
stellar lifetime. This is a significantly larger proportion than for
masses between 20 and 120 M�, where the WR phase covers only
0–13 per cent of the total stellar lifetimes. At the LMC metallicity,
the proportion of the total stellar lifetime spent as a WR phase for
VMS decreases to values between 12 (150 M�) and 25 per cent
(500 M�).

Figure 11. Evolution of surface abundances of the solar metallicity rotating
150 M� (solid) and 60 M� (dashed) rotating solar Z models as a function
of total mass (evolution goes from left to right since mass loss peels off the
star and reduces the total mass). The top panel shows individual abundances
while the bottom panel shows abundance ratios.
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Table 7. Lifetimes of the various phases in units of years.

Mini Zini
vini
vcrit

O-star WR WNL WNE WN/WC WC (WO)

120 0.014 0 2.151e-06 3.959e-05 1.150e-05 9.390e-03 2.675e-02 2.715e-05
150 0.014 0 2.041e-06 4.473e-05 1.777e-05 5.654e-03 7.120e-02 2.639e-05
200 0.014 0 1.968e-06 5.148e-05 2.503e-05 1.773e-03 4.576e-02 2.626e-05
300 0.014 0 1.671e-06 8.014e-05 5.051e-05 9.217e-03 2.735e-03 2.870e-05
500 0.014 0 1.286e-06 8.848e-05 5.804e-05 1.079e-04 3.279e-03 2.935e-05

120 0.014 0.4 2.289e-06 1.227e-06 8.790e-05 4.118e-04 4.008e-03 3.076e-05
150 0.014 0.4 2.105e-06 1.189e-06 8.567e-05 2.579e-04 3.649e-03 3.068e-05
200 0.014 0.4 1.860e-06 1.164e-06 8.375e-05 2.242e-04 3.153e-03 3.042e-05
300 0.014 0.4 1.585e-06 1.152e-06 8.315e-05 1.897e-04 2.897e-03 3.015e-05
500 0.014 0.4 1.422e-06 1.083e-06 7.663e-05 1.830e-04 2.899e-03 2.990e-05

120 0.006 0 2.222e-06 2.964e-05 2.043e-05 1.302e-02 6.025e-02 9.202e-04
150 0.006 0 2.028e-06 3.320e-05 1.579e-05 1.211e-03 2.921e-02 1.728e-05
500 0.006 0 1.388e-06 5.362e-05 2.690e-05 5.211e-03 1.350e-03 2.620e-05

120 0.006 0.4 2.513e-06 9.624e-05 6.776e-05 1.601e-04 3.386e-03 2.687e-05
150 0.006 0.4 2.188e-06 9.789e-05 6.912e-05 2.172e-04 2.336e-03 2.660e-05
200 0.006 0.4 1.922e-06 9.848e-05 7.073e-05 1.347e-04 2.757e-03 2.640e-05
300 0.006 0.4 1.644e-06 9.838e-05 7.033e-05 1.600e-04 9.744e-02 2.644e-05
500 0.006 0.4 1.461e-06 9.283e-05 6.647e-05 9.312e-03 6.853e-02 2.542e-05

150 0.002 0.4 2.583e-06 6.119e-05 3.691e-05 8.459e-03 4.874e-03 2.343e-05
200 0.002 0.4 2.196e-06 6.926e-05 4.524e-05 1.019e-04 2.709e-03 2.300e-05
300 0.002 0.4 1.827e-06 7.602e-05 5.186e-05 1.317e-04 1.289e-03 2.283e-05

Figure 12. Lifetimes of the red supergiant (RSG phase and of the different WR phases for the solar metallicity non-rotating (left) and rotating (right) models.
Lifetimes are piled up. For example, the lifetime of the WNE phase extent corresponds to the height of the purple area.

Fig. 12 shows how these lifetimes varies as a function of mass
for our non-rotating and rotating solar metallicity models. Looking
first at the non-rotating models (Fig. 12, left), we see that the VMS
(above 150 M�) have WR lifetimes between 0.4 and nearly 1 Myr.
The longest WR phase is the WNL phase since these stars spend a
large fraction of H burning in this phase. The duration of the WC
phases of VMS is not so much different from those of stars in the
mass range between 50 and 120 M�.

Rotation significantly increases the WR lifetimes. Typically, the
WR phase of rotating stellar models for masses between 150 and

500 M� covers between 36 and 43 per cent of the total stellar
lifetime. The increase is more important for the lower mass range
plotted in the figures. This reflects the fact that for lower initial mass
stars, mass-loss rates are weaker and thus the mixing induced by
rotation has a greater impact. We see that this increase is mostly
due to longer durations for the WNL phase, the WC phase du-
ration remaining more or less constant for the whole mass range
between 50 and 500 M� as was the case for the non-rotating
models. Rotation has qualitatively similar effects at the LMC
metallicities.
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Figure 13. The positions of WR stars observed by Hamann, Gräfener &
Liermann (2006) and Sander, Hamann & Todt (2012) are indicated with the
rotating evolutionary tracks taken from Ekström et al. (2012) for masses up
to 120 M� and from the present work above.

Would the account of the VMS stars in the computation of the
number ratios of WR to O-type stars and on the WN/WC ratios
have a significant effect? The inclusion of VMS is marginal at solar
metallicity, since the durations are only affected by a factor of 2.
Convoluted with the weighting of the initial mass function (IMF),
WR stars originating from VMS only represent ∼10 per cent of
the whole population of WR stars (using a Salpeter 1955, IMF)
originating from single stars. However, the situation is different
at SMC metallicity. Because of the weakness of the stellar winds,
single stellar models below 120 M� at this Z do not produce any
WC or WO stars (Georgy et al., in preparation). In that case, we
expect that the few WC/WO stars observed at low metallicity come
from VMS, or from the binary channel (Eldridge, Izzard & Tout
2008). In starburst regions, the detection of WR stars at very young
ages would also be an indication that they come from VMS, as these
stars enter the WR phase before their less massive counterparts, and
well before WRs coming from the binary channel.

We see in Fig. 13 that the present VMS models well fit the most
luminous WNL stars. On the other hand, they predict very luminous
WC stars. Of course the fact that no such luminous WC stars has
ever been observed can simply come from the fact that such stars
are very rare and the lifetime in the WC phase is moreover relatively
short.

4.1 The final chemical structure

Fig. 14 shows the chemical structure at the last time-steps calcu-
lated, which is the end of the carbon-burning phase in the case of
the 40 M�, and the end of the core oxygen-burning phase in the
case of the 150 and 500 M� models. A few interesting points come
out from considering this figure. First, in all cases, some helium is
still present in the outer layers. Depending on how the final stellar
explosion occur, this helium may or may not be apparent in the spec-
trum, as discussed in Section 5. Secondly, just below the He-burning

Figure 14. Chemical structure of 40, 150 and 500 M� non-rotating (left)
and rotating (right) models at Z = 0.014 at the end of the calculations. Note
that the rotating 500 M� model is shown at an earlier evolutionary stage
than the corresponding non-rotating model.

shell, products of the core He burning, not affected by further car-
bon burning are apparent. This zone extends between about 4 and
10 M� in the 40 M� model, between about 32 and 35 M� in the
150 M� model and in a tiny region centred around 24 M� in the
500 M� model. We therefore see that this zone decreases in impor-
tance when the initial mass increases. Interestingly, the chemical
composition in this zone present striking differences if we com-
pare for instance the 40 and the 500 M� model. We can see that
the abundance of 20Ne is much higher in the more massive model.
This comes from the fact that in more massive stars, due to higher
central temperatures during the core He-burning phase the reaction
16O(α, γ )20Ne is more active, building thus more 20Ne. Note that
24Mg is also more abundant, which is natural since the reaction
20Ne(α, γ )24Mg will also be somewhat active in VMS for the same
reasons. While in the case of the 150 M�, due to the mass-loss
history, the 20Ne and 24Mg-rich layers are not uncovered, they are
uncovered in the 500 M� model. This implies that strong over-
abundances of these two isotopes at the surface of WC stars can be
taken as a signature for an initially VMS as the progenitor of that
WC star. It means also that, contrary to what occurs at the surface
of WC stars originating from lower initial mass stars, neon is no
longer present mainly in the form of 22Ne (and thus be a measure
of the initial CNO content since resulting from the transformation
of nitrogen produced by CNO burning during the H-burning phase)
but will mainly be present in the form of 20Ne.
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Rotation does not change much this picture (see right-hand panel
of Fig. 14), except that, due to different mass-loss histories, the
rotating models lose much more mass and end their evolution
with smaller cores. This is particularly striking for the 150 M�
model. Qualitatively the situation is not much different at lower
metallicities.

5 FATE O F V ERY MASSIVE STARS

The best way to predict the fate of our models would be to simulate
their evolution and final explosion, which we have done for a subset
of the models with the KEPLER code (as described below) but whether
or not a star produces a PCSN can be reasonably estimated from the
mass of its carbon–oxygen (CO) core as demonstrated by the similar
fate for stars with the same CO core found in various studies of VMS
in the early Universe (Bond, Arnett & Carr 1984; Heger & Woosley
2002; Chatzopoulos & Wheeler 2012; Dessart et al. 2013), even if
their prior evolution is different. Our models also confirm the idea
that the CO core mass is a good indicator for the advanced evolution
and thus the fate of the models. Indeed, as discussed below, stars
with a wide range of initial masses at solar metallicity end with a
very similar total mass at the end of He burning (thus a very similar
CO core mass) and they have extremely similar evolution during
the advanced stages. In this section, we will thus use the CO core
mass to estimate the fate of the models. It is important to stress
that for lower mass massive stars (�50 M�), the CO core mass
alone is not sufficient to predict the fate of the star and other factors
like compactness, rotation and the central carbon abundance at the
end of helium burning also play a role (see e.g. Chieffi & Limongi
2013). We will also discuss the supernova types that these VMS
may produce.

5.1 Advanced phases, final masses and masses
of carbon–oxygen cores

In Fig. 15, the structure evolution diagrams are drawn as a func-
tion of the log of the time left until the last model calculated (as
opposed to age used in Fig. 2). This choice of x-axis allows one to

see the evolution of the structure during the advanced stages. In the
left-hand panel, we can see that, at solar metallicity, VMS have an
advanced evolution identical to lower mass stars (see e.g. fig. 12 in
Hirschi et al. 2004) with a radiative core C burning followed by a
large convective C-burning shell, radiative neon burning and con-
vective oxygen and silicon-burning stages. All the solar metallicity
models will eventually undergo core collapse after going through
the usual advanced burning stages. As presented in Table 4 (column
9), the central mass fraction of 12C is very low in all VMS models
and is anticorrelated with the total mass at the end of helium burn-
ing (column 6): the higher the total mass, the lower the central 12C
mass fraction. This is due to the higher temperature is more massive
cores leading to a more efficient 12C(α, γ )16O relative to 3α.

The similarities between VMS and lower mass stars at solar
metallicity during the advanced stages can also be seen in the central
temperature versus central density diagram (see Fig. 16). Even the
evolution of the 500 M� rotating model is close to that of the 60 M�
model. The non-rotating models lose less mass as described above
and thus their evolutionary track is higher (see e.g. the track for
the non-rotating 150 M� model in Fig. 16). Non-rotating models
nevertheless stay clear of the pair-instability region (� < 4/3, where
� is the adiabatic index) in the centre.

The situation is quite different at SMC metallicity (right-hand
panel). Mass loss is weaker and thus the CO core is very large
(93.5 M� for this 150 M� model). Such a large core starts the
advanced stages in a similar way: radiative core C burning followed
by a large convective C-burning shell and radiative neon burning.
The evolution starts to diverge from this point onwards. As can be
seen in Tc versus ρc plot, the SMC 150 M� model enters the pair-
instability region. These models will thus have a different final fate
than those at solar metallicity (see below).

Fig. 17 (see also Table 6) shows the final masses obtained in the
present models as a function of the initial masses. All models at solar
Z, rotating or not, end with a small fraction of their initial mass due
to the strong mass losses they experience. Rotation enhances mass
loss by allowing the star to enter the WR phase earlier during the MS
(see top panels of Fig. 2) and the final mass of non-rotating models
is generally higher than that of rotating models. At low metallicities,

Figure 15. Structure evolution diagram for rotating 150 M� at solar and SMC metallicities as a function of the log of the time left until the last model. The
blue zones represent the convective regions.
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Figure 16. Evolution of the central temperature Tc versus central density
ρc for the rotating 20 (from Hirschi et al. 2004), 60 (from Ekström et al.
2012), 150 and 500 M� models and non-rotating 150 M� model at solar
metallicity as well as the rotating 150 M� model at SMC metallicity. The
grey shaded area is the pair-creation instability region (� < 4/3, where �

is the adiabatic index). The additional dotted line corresponds to the limit
between non-degenerate and degenerate electron gas.

Figure 17. Final mass versus initial mass for all our rotating (solid lines)
and non-rotating (dashed line) models.

due to the metallicity dependence of radiatively driven stellar winds
in both O-type stars (Vink et al. 2001) and WR stars (Eldridge &
Vink 2006), final masses are larger.

Fig. 18 shows how the CO core masses vary as a function of the
initial mass, rotation and metallicity. The CO core (MCO) is here
defined as the core mass for which the mass fraction of C+O is

Figure 18. Mass of carbon–oxygen core of all the models as a function of
the initial mass. The light grey shaded area represents the range of MCO,
for which the estimated fate is a PCSN. The thin dark grey shaded area
corresponds to the estimated MCO of the progenitor of SN 2007bi assuming
it is a PCSN (see text for more details). The points linked by the dotted black
line are from the models of Yoshida & Umeda (2011) at Z = 0.004, case A.

greater than 75 per cent. Since the CO core mass is so close to the
total mass, the behaviour is the same as for the total mass and for
the same reasons. For the rotating solar metallicity models, mass
loss is so strong that all models end with roughly the same CO core
mass around 20 M�. As the metallicity decreases, so does mass
loss and thus the LMC and SMC models have higher final CO core
masses and the CO core mass does depend on the initial mass in a
monotonous way. Finally, non-rotating models lose less mass than
their rotating counterpart since they enter the WR phase later and
also have less hot surface.

We see in Fig. 18 that the final CO core mass of our non-rotating
models at Z = 0.006 is slightly smaller than those obtained for
non-rotating stars at Z = 0.004 by Yoshida & Umeda (2011). We
have also compared the evolutionary tracks in the HRD of our non-
rotating LMC models and the models of Yoshida & Umeda (2011)
case A and found them to be qualitatively very similar.

As discussed above, the core masses, especially the CO core
masses, can be used to estimate whether or not our models produce
PCSN by using the results of previous studies, which follow the
explosion of such massive cores and knowing that VMS with the
same CO core masses have similar core evolution from carbon
burning onwards. Heger & Woosley (2002) calculated a grid of
models and found that stars with helium cores (Mα) between 64
and 133 M� produce PCSN and that stars with more massive Mα

will collapse to a black hole (BH) without explosion, confirming
the results of previous studies, such as Bond et al. (1984). The
independent results of Chatzopoulos & Wheeler (2012) also confirm
the CO core mass range that produces PCSNe.

Let us recall here that PCSNe occur when VMS experience an
instability in their core during the neon/oxygen burning stage due
to the creation of electron–positron pairs out of two photons. The
creation of pairs in their oxygen-rich core softens the equation of
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Table 8. Initial masses, mass content of helium in the envelope, mass of carbon–oxygen core,
final mass in solar masses and fate of the models.

Non-rotating Rotating
Mini Menv

He Mco Mfinal Fate Menv
He Mco Mfinal Fate

Z = 0.014
120 0.4874 25.478 30.8 CCSN/BH 0.5147 18.414 18.7 CCSN/BH
150 0.6142 35.047 41.2 CCSN/BH 0.5053 19.942 20.2 CCSN/BH
200 0.7765 42.781 49.3 CCSN/BH 0.5101 21.601 21.9 CCSN/BH
300 0.3467 32.204 38.2 CCSN/BH 0.4974 19.468 23.9 CCSN/BH
500 0.3119 24.380 29.8 CCSN/BH 0.5675 20.993 25.8 CCSN/BH

Z = 0.006

120 1.2289 43.851 54.2 CCSN/BH 0.5665 32.669 39.2 CCSN/BH
150 1.1041 47.562 59.7 CCSN/BH 0.7845 38.436 45.6 CCSN/BH
200 – – – CCSN/BH 0.5055 42.357 51.0 CCSN/BH
300 – – – CCSN/BH 0.5802 44.959 54.0 CCSN/BH
500 1.6428 92.547 94.7 PCSN 0.7865 73.145 74.8 PCSN

Z = 0.002

150 – – – – 2.3353 93.468 106.5 PCSN
200 – – – – 3.3022 124.329 129.2 PCSN
300 – – – – 5.5018 134.869 149.7 BH

state, leading to further contraction. This runaway collapse is pre-
dicted to produce a very powerful explosion, in excess of 1053 erg,
disrupting the entire star and leaving no remnant (Bond et al. 1984;
Fryer, Woosley & Heger 2001).

Heger & Woosley (2002) also find that stars with Mα between
roughly 40 and 63 M� will undergo violent pulsations induced by
the pair instability leading to strong mass loss but which will not
be sufficient to disrupt the core. Thus these stars will eventually
undergo core collapse as lower mass stars. Since in our models, the
CO core masses are very close to Mα (equal to the final total mass
in our models, see Table 8), in this study we assume that our models
will produce a PCSN if 60 ≤ MCO ≤ 130 M�. In Fig. 18, the light
grey shaded region corresponds to the zone where one would expect
a PCSN, the dark shaded region shows the estimated range of the
carbon–oxygen core of the progenitor of SN 2007bi, as discussed
below.

We see in Fig. 18 that at solar metallicity none of our models
is expected to explode as a PCSN. At the metallicity of the LMC,
only stars with initial masses above 450 for the rotating models
and above about 300 M� for the non-rotating case are expected
to explode as a PCSN. At the SMC metallicity, the mass range for
the PCSN progenitors is much more favourable. Extrapolating the
points obtained from our models we obtain that all stars in the mass
range between about 100 and 290 M� could produce PCSNe. Thus
our models provide support for the occurrence of PCSNe in the
nearby (not so metal poor) universe.

As mentioned earlier, the evolution of a subset of models (the
SMC rotating 150, 200 and 300 M� models and the LMC rotating
and non-rotating 500 M� models) has been followed from the end
of core helium burning through to explosions with the KEPLER code.
The KEPLER simulations confirm that the SMC rotating 150 and
200 M� models and the rotating and non-rotating 500 M� LMC
models indeed end as a PCSN and their properties will be presented
in a forthcoming paper (Whalen et al., in preparation).

Table 8 presents for each of the models, the initial mass (Mini),
the amount of helium left in the star at the end of the calculation
(Menv

He ) and final total mass as well as the predicted fate in terms
of the explosion type: PCSN or core-collapse supernova and BH
formation with or without mass ejection (CCSN/BH). The helium

core mass (Mα) is not given since it is always equal to the final total
mass, all our models having lost the entire hydrogen-rich layers.

5.2 Supernova types produced by VMS and comparison to
observed superluminous SNe

Let us recall that, in VMS, convective cores are very large. It is
larger than 90 per cent above 200 M� at the start of the evolution
and even though it decreases slightly during the evolution, at the
end of core H burning, the convective core occupies more than half
of the initial mass in non-rotating models and most of the star in
rotating models. This has an important implication concerning the
type of supernovae that these VMS will produce. Indeed, even if
mass loss is not very strong in SMC models, all the models we have
calculated have lost the entire hydrogen-rich layers long before the
end of helium burning. Thus our models predict that all VMS stars
in the metallicity range studied will produce either a Type Ib SN
(SNIb) or Type Ic SN (SNIc) but no Type II SN (SNII). Since
SN 2006gy is a SNIIn (Smith et al. 2007), our models support the
idea that the SNIIn is due to interaction with circumstellar material
rather than by a PCSN from a VMS that had retained its H-rich
envelope as discussed in Smith et al. (2007).

Our models clearly predict no SNeII but it is not so clear whether
the VMS that we modelled will produce SNeIb or SNeIc The dis-
tinctive feature of SNeIc is the absence of He I lines in their spectra.
The absence of lines, however, is not necessarily indicative of a
complete absence of helium (see e.g. Dessart et al. 2012a). Other
factors such as temperature, density in the region where helium is
present are important for the strength of lines. Thus from a theo-
retical point of view, we are left with some freedom to chose the
criterion deciding on whether a star will produce a SNIb or SNIc.

A first approach is based on the total He mass in the envelope.
Wellstein & Langer (1999) and Yoon, Woosley & Langer (2010)
choose 0.5 M� while Georgy et al. (2009) proposed 0.6 M� as
their limit. However, Georgy et al. (2009) also reported that the
choice of He mass limit between 0.6 and 1.5 M� hardly affects
the mass of MS ranges for SNIc/Ib. The total mass of helium left
in the star at the end of the simulations, Menv

He for all our models
is presented in Fig. 19. Considering that a SNIc is detected only if
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Figure 19. Amount of helium left in the star, Menv
He (top) and mass fraction

of He at the surface, Xsurface
He (bottom) at the end of the simulations.

the total He mass is less than 0.5 M� (light grey area), we see that
almost none of our models would predict a SNIc. Only the 300 and
500 non-rotating solar metallicity models would barely qualify. On
the other hand, considering that a SNIc is detected if the total He
mass is less than 1.5 M� (dark+light grey area), then most models
at solar and LMC metallicities would produce SNIc while SMC
models would produce SNIb supernova.

A second approach is to use the surface He mass fraction, Xsurface
He ,

since only a shell of material is excited at a given time. We use
the value of Xsurface

He = 0.5 as in Yoshida & Umeda (2011) and
Yoon et al. (2010) as the boundary between SNeIb and SNeIc (see
Fig. 19, bottom panel). Using this approach, we find that all our
LMC and solar metallicity models end as SNIc, whereas those at

SMC metallicity end as SNIb. Since it is mostly the SMC models
that are predicted to produce PCSN, our models would predict that
PCSN are most likely to appear as SNIb. Yoon et al. (2010) reported
that the He lines are not seen in early-time spectra even though the
total He mass is as large as 1.0 M� if He is well mixed with CO thus
detailed spectral modelling should be used to put tighter constraints
on the supernova type.

5.2.1 Are superluminous SNe PCSNe?

We have evaluated the initial mass range that might produce PCSN
using the final CO core mass of our models. We can now see how our
models compare with observed superluminous SNe (SLSNe). Since
none of our models retain hydrogen, we will not try to determine
a possible initial mass for the progenitor of SNIIn SN 2006gy. In-
teractions with a dense circumstellar medium is a possible scenario
for such SLSNe (Gal-Yam 2012). The case of SN 2007bi is more
interesting since this SLSN is a SNIc and its light curve is easily
explained by a PCSN (Gal-Yam et al. 2009). The light curve of this
supernova can be explained by a PCSN with a CO core mass equal
to roughly 100 M�. Yoshida & Umeda (2011) calculated models
at Z = 0.004 (the estimated metallicity for SN 2007bi) and find that
models with an initial mass of ∼500 M� end with the required CO
core using a standard mass-loss prescription (case A) as shown in
Fig. 18. Assuming that SN 2007bi had a SMC metallicity (which
is still within uncertainties), we see in Fig. 18 that the desired CO
core mass can be obtained from a much lower initial mass range,
roughly between 160 and 175 M�, which makes the probability of
such events much higher.

There are, however, several issues with the PCSN scenario to
explain the properties of SN 2007bi. First, all stellar evolution mod-
els retain some helium at their surface and it is not clear whether
these models would be observed as SNeIc. Secondly, the synthetic
spectra from PCSNe seem to be much redder than the observed
spectrum of SN 2007bi and other SLSNe (Dessart et al. 2012b,
2013). Other possible scenarios proposed for SLSNe are energetic
SNe (see e.g. Yoshida & Umeda 2011) and magnetar-driven explo-
sions (see Dessart et al. 2012b, and references therein).

5.3 GRBs from VMS?

Yoon et al. (2012) calculated a grid of zero-metallicity rotating stars,
including the Taylor–Spruit dynamo for the interaction between
rotation and magnetic fields. They find that fast rotating stars with an
initial mass below about 200 M� retain enough angular momentum
in their cores in order to produce a collapsar ( j > jKerr, lso; Woosley
1993) or a magnetar (see e.g. Wheeler et al. 2000; Burrows et al.
2007; Dessart, O’Connor & Ott 2012c).

The evolution of the surface velocity was described in Section
3.6. Only models at SMC retain a significant amount of rotation
during their evolution (see angular momentum contained in the CO
core at the end of helium burning in the last column of Table 4)
but do they retain enough angular momentum for rotation to affect
the fate of the star? The angular momentum profile of the SMC
models is presented in Fig. 20. Note that our models do not include
the Taylor–Spruit dynamo so represent the most optimistic (highest
possible) prediction concerning the angular momentum in the core
of these models. Mass loss in the 300 M� model is too strong
for the core to retain enough angular momentum for rotation to
impact the death of this model. In the 200 M� model, and even
more so in the 150 M� model, however, the central part of the
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Figure 20. Specific angular momentum profile, jm, as a function of the Lagrangian mass coordinate in the core of the SMC rotating 150, 200, 300 M� models,
plotted at the end of the calculations (solid line). The dash–dotted line is jKerr, lso = rLSO c (Shapiro & Teukolsky 1983, p. 428), where the radius of the last
stable orbit, rLSO, is given by rms in formula (12.7.24) from Shapiro & Teukolsky (1983, p. 362) for circular orbit in the Kerr metric. jKerr, lso is the minimum
specific angular momentum necessary to form an accretion disc around a rotating BH. jSchwarzschild = √

12Gm/c (dotted line) is the minimum specific angular
momentum necessary for a non-rotating BH, for reference.

core retain a significant amount of angular momentum that could
potentially affect the death of the star. Since the role of rotation
is very modest from carbon until just after the end of core silicon
burning, even for extremely fast rotators (see e.g. Hirschi, Meynet &
Maeder 2005; Chieffi & Limongi 2013), we do not expect rotation
to affect significantly the fate of stars that are predicted to explode as
PCSN during neon–oxygen burning. However, as discussed in Yoon
et al. (2012, and references therein), the large angular momentum
content is most interesting for the stars that just fall short of the
minimum CO core mass for PCSN (since fast rotation plays an
important role during the early collapse; Ott et al. 2004; O’Connor
& Ott 2011; Chieffi & Limongi 2013). Indeed, without rotation,
these stars would produce a BH following a possible pulsation pair-
creation phase, whereas with rotation, these stars could produce
energetic asymmetric explosions (GRBs or magnetars). Since the
150 M� model is predicted to explode as a PCSN, we thus do
not expect the models presented in this grid to produce GRBs or
magnetars but such energetic asymmetric explosions are likely to
take place in lower mass and lower metallicity stars (see Hirschi
et al. 2005; Yoon & Langer 2005; Woosley & Heger 2006).

6 SU M M A RY A N D C O N C L U S I O N

We have calculated a grid of stellar models of VMS at SMC, LMC
and solar metallicities. Our study is motivated by the finding of
VMS including R136a1 (Crowther et al. 2010) and the observation
of PCSN candidate, SN 2007bi by Gal-Yam et al. (2009).

The main results of this study are the following.

(i) VMS possess very large convective cores during the MS
phase. Typically, in a 200 M� model on the ZAMS the convec-
tive core extends over more than 90 per cent of the total mass.

(ii) Even in models with no rotation, due to the importance of the
convective core, VMS stars evolve nearly homogeneously.

(iii) Most of the VMS (all at solar Z) remain in blue regions of
the HRD and do not go through a luminous blue variable phase.

(iv) They all enter into the WR phase and their typical evolution
will be Of-WNL-WNE-WC/WO.

(v) Because of increasing mass-loss rates with the mass, very
different initial mass stars end with similar final masses. As a con-
sequence very different initial masses may during some of their
evolutionary phases occupy very similar positions in the HRD.

(vi) A significant proportion of the total stellar lifetimes of VMS
is spent in the WR phase. At solar metallicity between 16 and 43 per
cent depending on the initial mass and rotation. These proportions

decrease with the metallicity to values between 12 and 39 per cent
for the LMC metallicity.

(vii) A WC star with high Ne (20Ne) and Mg (24Mg) abundances
at the surface has necessarily a VMS as progenitor.

(viii) At solar metallicity none of our model is expected to ex-
plode as a PCSN. At the metallicity of the LMC, only stars with
initial masses above 450 M� for the rotating models and above
about 300 M� for the non-rotating case are expected to explode as
a PCSN. At the SMC metallicity, the mass range for the PCSN pro-
genitors is much more favourable. We obtain that all rotating stars
in the mass range between about 100 and 290 M� would produce
PCSNe.

(ix) All the models we have calculated have lost the entire
hydrogen-rich layers long before the end of helium burning. Thus
our models predict that all VMS stars in the metallicity range studied
will produce either a SNIb or SNIc but no SNII.

(x) Assuming that SN 2007bi had a SMC metallicity, we deter-
mine an initial mass for the progenitor between 160 and 175 M�.

(xi) We do not expect that the models presented in this grid pro-
duce GRBs or magnetars. The reason for that is that either they lose
too much angular momentum by mass loss or they avoid the forma-
tion of a neutron star or BH because they explode as PCSN. Lower
mass stars at low metallicities (Z � 0.002), however, may retain
enough angular momentum as in metal-free stars (see Chatzopou-
los & Wheeler 2012; Yoon et al. 2012) for rotation (and magnetic
fields) to play a significant role in their explosion.

To conclude this paper, we can wonder what the importance
of the VMS on the scale of galaxies is? Are VMS so rare that
whatever their evolution, their impact on energy and mass outputs
will anyway be very low? Considering a Salpeter IMF, the number
of stars with masses between 120 and 500 M� corresponds to only
about 2 per cent of the total number of stars with masses between
8 and 500 M�. So they are indeed only very few! On the other
hand, one explosion can release a great amount of energy and mass
into the ISM. Typically a 200 M� star releases about 10 times
more mass than a 20 M� star. If we roughly suppose that for
hundred 20 M� stars there are only two 200 M� star, this means
that the 200 M� stars contribute to the release of mass at a level
corresponding to about 20 per cent of the release of mass by 20 M�,
which is by far not negligible. Of course this is a rough estimate
but, as a rule of thumb, we can say that any quantity released by
a VMS ∼10-fold intensity compared to that of a typical, 20 M�
star will make a non-negligible difference in the overall budget
of this quantity at the level of a galaxy. For instance, the high
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bolometric luminosities, stellar temperatures and mass-loss rates of
VMS imply that they will contribute significantly to the radiative
and mechanical feedback from stars in high-mass clusters at ages
prior to the first SNe (Crowther et al. 2010). Core-collapse SNe
produce of the order of 0.05 M� (ejected masses) of iron, 1 M�
of each of the α-elements. According to the production factors in
table 4 in Heger & Woosley (2002), PCSN produce up to 40 M� of
iron, of the order of 30 M� of oxygen and silicon and of the order
of 5–10 M� of the other α-elements. Considering that PCSN may
occur up to SMC metallicity and represent 2 per cent of SNe at a
given metallicity, their contribution to the chemical enrichment of
galaxies is significant, especially in the case of iron, oxygen and
silicon.
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