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Zusammenfassung

Ziel vorliegender Arbeit ist es, die quantitative Spektroskopie optis@tmkstofflinien von O-
Sternen zu eriglichen, um damit das Vegstdnis massereicher Sterne, insbesondere ihrer heiesten
Vertreter, zu verbessern. In diesem Zusammenhang hat sich Sticatdiichlisselelement her-
ausgestellt, sowohl béglich seines Potentials als Temperaturindikator, als auch als derzeit bestes
Testwerkzeug, die vorhergesagten Effekte rotationsinduzierter Migchn massereicher Sterne zu
Uberpiifen und weitergehende Einsénikungen an deren Entwicklung zu érgfichen.

Fur diese Studie wurde der NLTE (nicht lokales thermodynamisches Gleiatige Atmo-
spharen- und SpektrumsynthesecaglesTWIND (Santolaya-Rey et al. 1997; Puls et al. 2005) ver-
wendet, und ein neues, teilweise d@leren Arbeiten basierendes Stickstoffmodellatom entwickelt,
das die lonisationsstufen INbs Nv umfasst. Daiber hinaus wurde der dielektronischen Rekom-
binationsmechanismus mAnSTWIND implementiert, da dieser Code bislang derartige Prozesse nicht
bericksichtigen konnte.

Im ersten Teil vorliegender Arbeit wurde der Linienentstehungsposeategischer Stickstoff-
emissionslinien (NIIAA4634-4640-4642 und NA4058) unter Bdicksichtung von ‘line-
blocking/blanketing’ und der RBsenz stellarer Winde detailliert untersucht. Im Gegensatz zu den
Resultaten der wegweisenden Untersuchung derNiplett-Entstehung durch Mihalas & Hummer
(1973), die auf viel einfacheren Atmosjrienmodellen basierte, erwies sich in unserer Studie der Ein-
fluss der dielektronischen Rekombination nur von untergeordneteruBedg Tatachlich wird die
Linienemission durch den stellaren Wind kontrolliert (sog. Swings-Meshaus), und zwar solange
der Wind stark genug ist, ein signifikant anwachsendes Geschwindigkeitschon in der photo-
spharischen Entstehungsregion zu erzeugen. B&iespn O-Spektraltypen kann die Emission auch
durch eine Qi1 Resonanzlinie, die im EUV mit der N Resonanzlinigiberlappt, affektiert wer-
den. Die Emission von N/A4058 kann inahnlicher Weise beschrieben werden. Auch hier ist der
dominierende Prozess eine starke Depopulation des unteren Zustaridsiddaiberganges, die als
Funktion der Windsirke anviachst. Resonanzlinien spielen allerdings kaum eine Rolle.

Unter Verwendung der aktualisierteasTwIND-Version wurden Stickstoféufigkeiten @r eine
Stichprobe erheblichen Umfangs von LMC (GroRRe Magellansche Wolkgde@en bestimmt. Stel-
lare und Windparameter der Stichprobenobjekte wurden durch Linieofit§¥asserstoff, Helium und
Stickstoff gewonnen. Der Grof3teil der Stichprobe zeigte sich als staksstftangereichert, und wir
fanden eine klare Korrelation von Stickstoff- und Heliudmifigkeit. Durch einen Vergleich der Stick-
stoffhaufigkeiten als Funktion der projizierten Rotationsgeschwindigkeiten mit nrsaRgeiderten
Entwicklungsrechnungen konnten wir eine Vielzahl yamthangereicherten, aber langsam rotieren-
den Objekten identifizieren, die zufolge der Standardtheorie der Rotatigecisung nicht existieren
sollten. Unser Befund steht ldbereinstimmung mit einem der grundlegenden Resultate des ‘VLT-
FLAMES survey on massive stars’ (Evans et al. 2006), dasbnliche Diskrepanzen bei B-Sternen



hinweist. Die Entdeckung starker Stickstoffanreicheruingdien Grol3teil unserer Stichprobe deutet
darauf hin, dass eine effiziente Mischung sch@hwmend sehr fiher Entwicklungsphasen von LMC
O-Sternen auftreten muss.

Im letzten Teil dieser Arbeit untersuchten wir die Anwendbarkeit desdfigationsschemas von
Walborn et al. (2002)idr sehr filhe O-Sterne, das hauathlich auf dem Veréltnis der Liniensdrken
der NiIvA4058 und N11 A4640 Emissionslinien beruht. Dieses Schema wurde schon innerhalb einer
Vielzahl von Studien béditzt, galt aber bislang als kontrovers. Mit unserer Arbeit konnten vsieer
theoretische Voraussageurfdieses Linienveitnis — in Ablangigkeit diverser Parameter — tref-
fen, und stellten diese Vorhersagen den Resultaten einer Analyseivenft MC/SMC O-Sternen
gegeiiiber. Obwohl wir eine monotone Beziehung zwischen dem/N 111 Emissionslinienverdltnis
und der Effektivtemperatur fanden (sofern alle anderen Parameterandert bleiben), deuten un-
sere Untersuchungen auf atwliche Ablangigkeiten hin, insbesondere von @&ickstofflufigkeit
Die Beziehung zwischen defreobachteteriinienvertaltnis und der Effektivtemperatur &if eine
gegebene Leuchtkraftklasse — zeigte sichataiich als recht monoton innerhalb unserer Stichprobe,
und konsistent mit unseren Vorhersagen. Die Streuung innerhalbsgiaktralen Unterklasse wird
dabei hauptchlich durch Hwufigkeitseffekte verursacht. Zusammenfassésdtisich sagen, dass
das Walborn et al. Klassifikationsschema eine ausahged Beziehung zwischen Spektraltyp und
Effektivtemperatur eriglicht, sofern man die Leuchtkraftklasse unabgig ableiten kann.



Abstract

This work aims at enabling quantitative optical nitrogen line spectroscopy-$taf3, in order to
improve our knowledge about these objects, particularly their earliestrapsubtypes. To this end,
nitrogen has proven to be a key element, both in terms of its potential to inéetie#f temperatures,
and for being the best tracer for testing the effects of rotational mixing irsireastellar models,
allowing us to further constrain the evolution of massive stars.

To accomplish this study, we used the NLTE (non local thermodynamic equilibraimd-
sphere/spectrum synthesis coglesTWIND (Santolaya-Rey et al. 1997; Puls et al. 2005), and de-
veloped a new nitrogen model atom, partly based on older work, comprigrigritzation stages N
to Nv. Moreover, we incorporated the dielectronic recombination mechanisrAAstowIND, which
was previously unable to deal with this process.

We performed an extensive investigation on the line-formation processatégic nitrogen emis-
sion lines such as NiAA4634-4640-4642 and N'A4058, accounting for a complete treatment of
line blocking/blanketing effects and the presence of a wind, as it is posdilge using a state-of-the-
art atmospheric code. Contrasted to the results from the seminal work dhith&iplet formation
performed by Mihalas & Hummer (1973), based on much simpler model atmesploeir study im-
plies that dielectronic recombination plays only a secondary role undect@atanditions. Rather,
the emission is controlled by the stellar wind (Swings mechanism), as long as ttéswinwerful
enough to enable a significantly accelerating velocity field already in the gptueoic formation re-
gion. For later spectral O-subtypes, the strength of the emission mightdaftdsted by an @i
resonance line overlapping with theliN resonance line in the EUV. Concerning the emission at
N 1vA4058, we suggest a rather similar mechanism. Also in this case, the dominatoespis the
strong depopulation of the lower level of the transition, which increasesfasction of the wind-
strength. Unlike the M1 triplet emission, however, resonance lines do not play a role for typical
mass-loss rates and below.

Using the updated version 6AsTWIND and our new model atom, we derived nitrogen abun-
dances for a substantial O-star sample in the Large Magellanic Cloud (L$t€Jar and wind pa-
rameters of our sample stars were determined by line profile fitting of hydydgdum and nitrogen
lines, exploiting the corresponding ionization equilibria. The bulk of our darsiars turned out to
be strongly nitrogen-enriched, and a clear correlation of nitrogen alhim enrichment was found.
By comparing the nitrogen abundances as a function of projected rotaiocity with tailored evo-
lutionary calculations, we identified a considerable numbehmighly enriched, but slowly rotating
object, which should not exist according to standard theory of rotatioindhg. Our findings support
the basic outcome of previous B-star studies within the VLT-FLAMES suoveyassive stars (Evans
et al. 2006) which pointed to similar discrepancies. The detection of stritrogen enrichment in
the bulk of our sample stars indicates that efficient mixing takes place alceathg the very early



phases of stellar evolution of LMC O-stars.

In the last part of this thesis, we concentrated on the applicability of the \Wabtacal. (2002)
classification scheme for very early O-stars, which is primarily based ometh@ve strengths of
the NIvA4058 and NitA4640 emission lines. This scheme has already been used in a variety of
studies, but is still disputed for various reasons. We provided firstrétieal predictions on the
N 1vA4058/Nii A4640 emission line ratio in dependence of different parameters, andooted
these predictions with results from an analysis of a sample of early-type/E8MC O-stars. Though
we found a monotonic relationship between the/MN 111 emission line ratio and the effective tem-
perature, all other parameters being equal, our predictions indicate adtlifiependencies on other
important stellar parameters, most significarttig nitrogen abundancé& he relation between thab-
served\ IV/N 111 emission line ratio and the effective temperature, for a given luminosity ¢clasgd
out to be quite monotonic for our sample stars, and to be fairly consistent withh@del predictions.
The scatter within a spectral subtype is mainly produced by abundamatsefOur findings suggest
that the Walborn et al. classification scheme is able to provide a meaninigtibnebetween spectral
type and effective temperature, as long as it is possible to discriminate flomtieosity class.



Chapter 1

Introduction

Massive stars are vital in many major fields of present-day astrophysgedrch. They are the bright-
est stars, visible even at extreme distances in the local Universe (Kadttal. 2008), and also per-
ceptible at high red-shift, in the integrated light of star-forming galaxieseyHomprise objects over a
wide range of masses, from roughly ten solar madgeg (ip to a few hundreds o, (e.g., R136al,
the most massive star ever observed, with approximatelyM265ee Crowther et al. 2010).

Even though the number of massive stars in the Universe is quite low codnjoal@v-mass ob-
jects, and their typical lifetimes are much shorter, only a few million years, theg heen proven to
be of crucial impact. Due to their input of (ionizing) radiation, wind-eneagg momentum, and nu-
clear processed matter on their environments, massive stars are the wetis fini the dynamical and
chemical evolution of their surroundings and the interstellar medium (ISMjetbre being funda-
mental for the evolution of galaxies in the present cosmos. In addition, ihevédence that massive
stars are able to trigger star-formation in molecular clouds, either by medmsioéxtreme ionizing
radiation, e.g., Gritschneder et al. (2009); Marquez-Lugo & Phillipd.Q20or via their extremely
violent deaths, i.e., core-collapse supernovae (SNe, e.g., Getman@a@). Rloreover, in the distant
Universe, the spectra of young galaxies are shaped by hot, massiweEhe very first generation of
these objects (‘First Stars’, see Johnson et al. 2008 for a reviewstoic) is thought to be respon-
sible for the re-ionization of the early Universe (e.g., Bromm et al. 200dralés & Wyithe 2010),
at least in part (Matteucci & Calura 2005), and for the first enrichnoémetals (Bromm & Larson
2004; Bromm et al. 2009). Furthermore, the most energetic processias Universe, gamma-ray
bursts (GRB), are suspected to result from the final collapse of aveasar to a black hole (at least
the ‘long-duration’ GRBs). A deeper knowledge about massive statsteeir evolution is therefore
a prerequisite for improving our understanding of the Universe as éewho

1.1 Massive star evolution

Stellar evolution strongly depends on the initial mass of a star. This paraneg&tenihes its final fate,
either in terms of a spectacular SN explosion that leaves behind a blackrteleeatron star, or by
having a more ‘modest’ death, by ejecting its outer layers to form a planetrylanand producing a
white dwarf. The former scenario is associated with high-mass objectthafaiter with lower-mass
ones. The ’'high-mass’ range is defined by stars Wit > 8M.! at the beginning of their lives, i.e.,

1 Corresponding to spectral types earlier than B2, see Massey et@1)(20
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at the main sequence (MS). In the following, we concentrate on the evanyisoenario for massive
single star& We provide an overview of the different evolutionary stages during lifetimes, and
discuss the most important physical processes that are crucial fordheien of massive stars.

1.1.1 Overview

The different stages of the life of a star are unavoidably linked to theriymiocesses occurring in its
core. In order to balance the gravitational force - whose ultimate goal i@thupe the stellar collapse
- nuclear fusion in the stellar core produces an internal pressurgegtaldat is able to counteract the
gravitational effect.

Stars enter the MS when their core temperature are high enough to fusgégdnto helium,
producing the energy needed for counteracting the gravitational cellapss phase lasts for typically
90% of their lifetime. With increasing initial mass, the interior temperature risesefis @ne of the
most important consequence is that for stars more massive tha.1{Be CNO-cycle becomes the
dominant energy production mechanism, rather than the p-p chain, e.gurthdSthe hydrogen is
transformed into helium, the luminosity of the star increases, owing to an ezdhamean molecular
weigh®, whilst its radius R,) is increased and its effective temperatufgy) is diminished. The
hydrogen in the core is rapidly consumed {16 a few 10 yr), and, when the amount of hydrogen
is no longer sufficient to maintain the structure in equilibrium, the star beginsrwamb until the
central H-burning phase is over. At this stage, there is H-burning irekh afound the core. Then,
as the central regions contract, the outer layers expand, producang ag increase iR, and a
lower Teg, at a roughly constant luminosity. The core contracts until the structaches the thermal
conditiond (T, ~ 10® K) required for efficient helium burning into carbon. At the same time, H
is still burning in a shell around the core. The amount of time needed forah&action of the
core to reach the latter temperature is a function of the total mass, i.e., the m@igarastar is,
the faster it reaches the required temperature. In later evolutionanssihbegh-mass stars (which
occur on much faster time-scales than the He-burning), first cafgen@.3— 1.2- 10° K), then neon
(Te ~ 1.2—1.9-10° K), oxygen {Tc ~ 1.5— 2.6- 10° K), and finally silicon (I ~ 2.3-10° K) become
the main energy sources of the star, while less advanced burning stagésie in shells around
the core, the so-called onion-like structure. After the silicon-burningestige core of the star is
mainly composed of iron. This element has the highest binding energy pkronu Therefore, no
further energy can be supplied by nuclear fusion, and the iron cdlagses, resulting in a violent
SN explosion or a GRB, which distributes most of the processed materia¢ aftdin into the ISM,
enabling the chemical enrichment of a new generation of stars and planets.

Typically, stellar evolution theory uses the Hertzsprung-Russell dia@ii®d) to compare evolu-
tionary predictions with observed quantities of actual stars. The HRD vgasfiroduced by Russell
(1913) based on work by Hertzsprung (1911). The basic idea wasetdwo of the star's most di-
rectly observable characteristics, namely its (absolute) magnitude arice$pgae. Often, a slightly
modified version of the HRD is provided, defined in terms of the analogoastiigs, but with more
physical meaning, luminosityL() andTet. This diagram could be used, among other important ob-
jectives, for characterizing the lifetime of a star, which is associated withrdiit locations in this

2 For an overview on the binary evolution, we refer to Vanbeveren et®98) and Langer et al. (2008).

3 The H-burning luminosity depends @nas Ly O u, all other parameters being equal.

4 As an exemplary case, in the following all core temperatures of the gubseburning stages are provided for the mass-
range 15-3M .



1.1. MASSIVE STAR EVOLUTION 3

diagram. Mostly in dependence on its initial mass (but also on its chemical cdirop@sd rotational
velocity, see Sect. 1.1.2), a star follows a unique track through the HRiDecting all the different
varieties of massive stars as defined by their evolutionary stages.

Various types of high-mass stars

Before we continue with our overview on massive single star evolution, ifiolleving we briefly
describe the different types of massive stars and their relation thrautiter stellar life.

OB stars. ‘Normal’ high-mass stars in the H-burning evolutionary-phase (MS) ltaee early-B
spectral type, with luminosity class V (dwarfs) for B-type stars. Thewarf starshave typically
masses between 15 and BR,, and effective temperatures between 30,000 and 55,000 K. They are
extremely luminous objects«(5- 10* — 10°L..)). The spectra of these stars display dominant absorp-
tion (and, under certain circumstances, emission) lines franamtl Hell, as well as highly ionized
stages of several metals (8 N11I/N1v/Nv, Oni/Oiv, Cii/Civ). Hel lines are present as well,
though they are very weak (or even absent) in the hottest O-gfarty B-type dwarf{B0-B2) are
cooler (et ~ 22,000...28,000 K) and less massive (between 8 andM.2). Their spectra show
neutral helium lines, which are most prominent at B2, and moderate hgai®glmer lines. Metal
lines from ‘low’ ionization stages (mostly singly ionized) are ubiquitous, ergmfsilicon, carbon,
oxygen, and nitrogen. Both O- and B-stars produce a sufficient anodluyman continuum radia-
tion to create Hi regions around them. They are usually found in OB associations, logsegates
typically containing 10-100 massive stars, see Biic€009) and references therein.

Blue Supergiants (BSG). This evolutionary phase starts as the former O and early B-type stars
begin to burn helium in their cores, leaving the MS. Their spectral typesatgeB and early A
supergiants. It is thought that B-supergiants could also be regasdethte phase of stellar evolution
where hydrogen is being burned at the same time both in the core and in ashglt it. They

are extremely luminous objects, and constitute the brightest stars in the &naterisual light, with
absolute magnitudes up toM —10. For moderately massive stars this is a transition phase before
evolving redwards to the Red Supergiant phase. They could also béoblu®bjects (see below).
Extremely massiveM > 60 M) as well as ‘mildly’ massive stard{ < 25 M) do not experience

this phase in their post-MS evolution (see below). Interestingly, evolutyastaiar models predict a
gap in the HRD for massive stars betweed 0 M., and~ 25M,, at the end of MS, which extends till

the supergiant region, the so-called Blue Hertzsprung Gap (BHG)ekiewthe BHG is not actually
observed, and a rather continuous distribution from MS stars to suptrgigth a maximum density

in the A-supergiant domain, has been observed in the Galaxy as well Batietlanic Clouds, see
Maeder (1999a) and references therein. Binarity has been pobposxplain this observational
discrepancy (Vanbeveren et al. 1998).

Yellow Supergiants (YSG). These objects are evolved helium-burning massive stars that represent
a short period during their total lifetimes, as they horizontally cross the HRD the blue side to

the red supergiant stage or from the red back to the blue. Their spgtesl are typically FO-G9.

The yellow supergiants are among the brightest stars in our Galaxy, nititification is difficult
because they can be masked by the presence of foreground ssnsilaf magnitudes and colors. To
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discriminate these stars, radial velocity measurements are used in nelarbggée.g., Neugent et al.
2010).

Red Supergiants (RSG). They constitute an He-burning evolutionary phase in the lives of moder-
ately massive stars (see below). They have the largest physical $iaeg star, and their very cool
effective temperatures (spectral types K-M) lead to a spectrum thatismedted by molecular absorp-
tion lines. They are the final result of a nearly horizontal evolution actios HRD, after their blue
predecessors have left the MS and crossed the ‘yellow void’, patsioggh the yellow supergiant
phase. In some cases (W, < M < 25M,;), the RSG phase is the terminal stage for massive stars
before exploding as a SN. In other, more massive cases (Upt040 M), this stage comprises only

a small fraction of their lifetimes, before they evolve back to the blue agaimrediita blue supergiant

or a Wolf-Rayet star. Levesque (2010) recently reviewed the lateshnads in our understanding of
these objects.

Luminous Blue Variables (LBV). These objects represent a short-lived 0% — 10° yr) evolu-
tionary phase, and are interpreted as a transition stage between O-tiygéNastars, in which the
stars are subject to significative temperature changes. They arefdtayh mtrinsic luminosity (16
L) at or near the top of the empirical HRD. LBVs are generally close to thengtlth limit. They
are discriminated by two different types: giant eruptions with magnitudegesaof the order of 3-5
during which the bolometric luminosity most certainly increase (e.g., Eta Cariaaé)eruptions of
1-2 magnitudes at approximately constant bolometric luminosity, often oliservéime scales of
years to decades (e.g., S Doradus variables). Their spectra typicallypsbhminent emission lines,
often with P Cygni profiles when observed at sufficiently high resolufldreir characteristic temper-
atures and mass-loss rates &g~ 7,000. ..30,000 K antl ~ 107°...10 *M.yr 1, respectively. A
detailed review on these objects can be found in Vink (2009).

Wolf-Rayet stars (WR). In most cases, they are the ‘bare cores’ of initially ‘normal’ massive stars
which are devoid of their outer layers because of extreme stellar windsre & about one WR-
star for 16 stars in our Galaxy. Typically, they have masses between I8-25igh mass-loss rates
(M~5-10%...10 4 M.yr 1) and occur in young associations. Their spectra are dominated by strong
emission lines. Visual spectra classification of WR stars is based on emis&a@irkmgths and line
ratios. WR-stars can be broadly divided into nitrogen-rich WN stars araba rich WC stars. The
basic difference between the two subtypes is believed to be that the Nweenc in the WN stars is
merely a product of the previous H-burning phase, whereas the C intdv€is a sign of He-burning.
As a result, WC stars are thought to be more evolved than the WN stars.t& MéNa(WNL) are more
luminous and H-rich than the early ones (WNE) with almost no H left. Thereimmitas designation

for early and late WC stars, being WCL and WCE, respectively. An extiease of WCEs are the
WO stars, which have higher O/C ratios. WR-stars have been recentyez/by Crowther (2007).

Very schematically, the evolutionary scenarios for massive single stsotaatmetallicity Z.) can be
described, according to Maeder & Meynet (2010), by the followingisages:

M >  90Mg: O - Of - WNL - WNE - WCL - WCE - SN

M > 60-90M.: O - Of/WNL < LBV - WNL (H poor) - WCL-E - SN
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M > 40-60M,: O - BSG - LBV +» WNL - (WNE) - WCL-E - SN
or
O -BSG - LBV« WNL - WCL-E - WO - SN
M > 30-40M: O - BSG - RSG - WNE - WCE - SN
or
O -BSG - RSG - OH/IR~ LBV?
M > 25-30Mg: O - (BSG) - RSG - BSG (blue loop) - RSG - SN
M > 10-25Mg: O - RSG (Cepheid loop for M 15M;) - RSG - SN

The OH/IR designation refers to M-type supergiants with detectable ejeasdshell, which are
strong sources of maser emission, e.g., Schuster et al. (2006~ Tdteracter indicates back and
forward motions between two stages. Note that the limits between the varimaissedepend both
on metallicity ) and rotation (see below). Roughly, we might separate three major patiesssfve
star evolution:

- In the range 40-60M.and above: These objects spend their entire lifetimes in the blue part of
the HRD. After leaving the MS, they typically evolve to a BSG, and experiensieort phase
as an LBV. Then, they lose their envelope to become a WR star. If they asivmanough
(M >75 M), they could evolve directly to a WR-star from the MS, owing to a strong stellar
wind. Finally, they explode as a SN.

- Inthe range 30-40M.,: These stars evolve in the HRD from the MS to the red, in the sequence
BSG to RSG. They only lose a fraction of their envelopes during the MS.dRBG stage,
they further evolve, lose their envelopes and return to the blue part ®iRi2 to become a
WR-star and finally explode as a SN.

- In the range 10-30M.,: After leaving the MS, these stars experience a rapid development to
the RSG phase, where they spend most of their He-burning lifetime. In tegR8se, the
outer convective zone penetrates deep enough into the star, andr muotezssed matter can be
transported to the stellar surface - the so-called first dredge-uperniney the mass extension
of the convective He-core.

Objects within the range of 25-3@., pass through a brief BSG phase before they experience
one or more blue-loops, when they proceed back and forth from RSG® [hases. Their
ultimate stage is a RSG phase, before they end their lives with a SN explosion.

Objects within the range of 10-24, cross the 'Cepheid instability strip’, where they pulsate
rapidly and are observed as Cepheids, during their blueward evoldbog &e blue-loop.
They cross again this region of the HRD during their final redward evalutidghe RSG phase.
These stars also end up as a supernova.

Discrepancies between observational results and stellar evolutiary models

The modeling of massive star evolution sensitively depends on the detaitstiykical effects which
are considered. For instance, a comparison of the observed HRD wiitfions from the standard
theory of stellar evolutiorat constant mass.e., without mass loss (e.g., Kippenhahn & Weigert
1990), showed that this theory failed to match the observations. In parficuieh evolutionary
models violate the so-called empirical Humphreys-Davidson limit (Humphreysagid3on 1979),
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by predicting a large number of high-mass, high luminous core He-burn8@sRvhich were not
found in the observations.

A first step to circumvent these problems was taken by including the effectass loss. Both the
Geneva group (Schaller et al. 1992; Schaerer et al. 1993; Chegbeinal. 1993; Meynet et al. 1994)
and the Padova group (Alongi et al. 1993; Bressan et al. 1993 tteagjaal. 1994a,b,c; Girardi et al.
1996) were finally able to provide stellar evolutionary models for differantallicities including
mass loss. They succeeded to explain the lack of very bright RSGs smdentinosity of a star
evolving with mass-loss is lower than for constant-mass evolution. One ofiggeds achievement
of including mass-loss in stellar models was a better agreement with the atbsenvier ratio of
WR-stars to O stars at different metallicities, e.g., Maeder & Meynet (1994)

Despite these improvements, there were still a number of observationabnatrich could not
be explained, such as the so-called 'mass discrepancy’ between ttmspepically determined and
evolutionary predicted stellar masses (Groenewegen et al. 1989;réletral. 1992, 2000), or the
observed abundance anomalies in several OB-stars, mostly referrangi¢h helium and nitrogen
enrichment (Gies & Lambert 1992; Herrero et al. 1992, 2000).

The inclusion of rotation, considered as a second-order effectiéogtime, was the next logical
step. Big efforts were made to develop stellar evolutionary models accountitpth mass loss
and rotation (Meynet & Maeder 2000; Heger & Langer 2000; Hegat.e2000; Maeder & Meynet
2001a). These models were able — at least basically — to explain the aftiemeel abundance
anomalies, where the consideration of initially fast rotators favors the rogtioixing of nuclear
processed elements from the interior towards the stellar surface.

However, the appearance of additional observational discrepamnecgetly in the context of the
VLT-FLAMES Survey of Massive Stars (Evans et al. 2005, 2006eaier FLAMES-) indicated
that, even with the inclusion of rotational mixing, there were — and still are bl@nts to reconcile
observational findings with theoretical predictions. Most likely, othersptal processes need to be
considered as well, e.dojnarity (e.g., Langer et al. 2008; Sana et al. 2009, 2011) andAgnetic
fields(e.g., Maeder & Meynet 2003, 2004, 2005; Morel et al. 2008; Maetlal. 2009).

Building on the effort performed by different research groups dyitie past years, in the follow-
ing we concentrate in more detail on the evolution of massive stars with masmidsstation. We
highlight the importance of both effects regarding the evolution of mastive, @nd we comment on
their basic benefits as well as the most important caveats.

1.1.2 Evolution with mass loss and rotation

As it turned out in recent years, the detailed physics and evolution ofiveastars are dominated by
the effects from botimass lossndrotation. These quantities are able to modify all the outputs of
stellar evolution: lifetimes, evolutionary tracks in the HRD, chemical yields| §itedlar masses, etc.
Because of their high or even extreme luminosities, all massive stars diseliay windS. Re-

garding hot stars (all varieties of massive stars, except for RSG¥ &Gd), such winds are mainly
driven by radiative line acceleration, since there are numerous spkogs with high interaction
probability close to the stellar flux maximum. Massive stars are heavily infldemgenass loss due
to their strong radiative-driven stellar winds, especially during their éxiun the core H-burning
and the WR-phases. The stellar winds are able to remove most of the initial stalia, tearing apart

5 For an introduction into stellar winds of various kinds see Lamers et 899)1 9vhilst for the present state of the physics
and observations of stellar winflem hot massive stamge refer to the review by Puls et al. (2008).
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their envelopes and, thus, exposing their bare cores (WR stars) in thediatges of their lives. The
importance of an accurate determination of mass-loss rates was alreadifiggidoy Meynet et al.
(1994). These authors stated that even a change of only a factor ahtthe mass-loss rates of
massive stars would have dramatic effects on their overall evolution.

One of the major consequences of stellar rotation, on the other hand, tdtiemally-induced
mixing of elements synthesized in the core towards the stellar surface, witigpable to change the
chemical composition of the outer layers of the stars.

Moreover, both effects are inevitably connected. On the one hantprogdfects the stellar wind.
Mass loss from rapidly rotating stars might become significantly increasepid Ratation induces
anisotropic mass loss, (mostly) predicted to be stronger over the poles thaudtorial regions (e.g.,
Maeder 1999b; Cranmer & Owocki 1995; Petrenz & Puls 2000). Onfttier (hand, mass-loss tends
to remove angular momentum from the star, slowing down its rotation rate (L&48§8).

Basic assumptions

Physically, the origin of both effects is rooted in the large ratio between teyverand density
in massive stars] /p. First, this enhances the ratio of radiation to gas pressure, which ssales a
T3/p, favoring the presence of radiation-driven stellar winds. SecondyraTry p-ratio also favors
rotational mixing, since mixing by shear turbulence scales as thermal diffud{, and behaves like
K O T3/p? Finally, the velocity of meridional circulation scales with the luminosity to mass ratio,
L/M, favoring mixing and the transport of angular momentum in the stellar interior gsinestars.

To account for both effects in the evolutionary calculations, a varietppf@aimations are used.
The main physical assumptions adopted for the treatment of mass-lossl&rdatation in the mod-
els by the Geneva groffhave been summarized by Maeder & Meynet (2010): (i) For differentially
rotating stars, the stellar structure equations (Meynet & Maeder 198 @edined by considering the
case of ‘shellular’ rotation, where the angular veloci®, is a function of radius alone ( e.g., Zahn
1992). (ii) For treating the internal transport of chemical elements andl@anmomentum, the ef-
fects of shear diffusion (Zahn 1992; Maeder 1997), meridional kEtimn (Maeder & Zahn 1998),
and their interactions with horizontal turbulence (Talon & Zahn 1997) ansidered. (iii) Mass-loss
effects are accounted for, using the theoretical mass-loss ratesvagegrby Vink et al. (2000, 2001)
for OB-star winds, and by Nugis & Lamers (2000) for WR-star windg). The effects of rotation on
mass loss are accounted following Maeder & Meynet (2001a).

Important model results

Rotating vs. non-rotating models. The effects induced by rotation on the stellar models have been
described in detail by Heger & Langer (2000), Maeder & Meynet (@0@nd Meynet & Maeder
(2000). In the following, we briefly summarize the most important ones.

Rotation modifies the evolutionary tracks mainly through the following physitetts: rotation
lowers the effective gravity (centrifugal acceleration!), enlargesctirevective cores and smoothes
the chemical gradients in the convective zone, enhances the masstésssaral distorts the stellar
photosphere, i.e., rotation induces deviations from spherical symmetiy.|l€Eus to the following
consequences:

6 Similar assumptions are used in the models by Langer and co-workéssestain differences regarding the coupling of
mass loss and rotation, see point (iv) below.
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e Rotating stars have larger convective cores compared to non-rotatisgreteovering former
results achieved using the ad hoc approximation of convective oveinsgdsee Maeder &
Mermilliod 1981; Maeder & Meynet 1989).

e On and near the Zero Age Main Sequence (ZAMS), distortions of the spitaosphere due
to rotation produce a small shift of the tracks towards lower effective teamtyres. Rotational
mixing transports ‘fresh’ hydrogen into the convective core, slowingrdibs decrease in mass
during the MS. This effect produces a more massive He-core at thef éimel H-burning phase,
resulting in tracks at loweFgs.

e Rotating tracks become more luminous than non-rotating ones. Rotational miaxivgparts
helium and other H-burning products into the radiative envelope. Thertdehment dimin-
ishes the opacity, leading to an enhancement of the stellar luminosity.

e Rotation increases the MS lifetimes with respect to non-rotating models (up tb 4.

e Stellar masses determined from evolutionary tracks for non-rotating serahaays larger
than those deduced from rotating models, thus solving at least part of e diszrepancy
mentioned above. Typically, the mass lost by stellar winds during the MS iseatidy 45-
75% in rotating models with an initial rotational velocity,v= 300 kms*. Additionally, the
higher luminosities reached by the rotating models and their longer MS lifetiméseda into
producing smaller final masses.

Metallicity. Maeder & Meynet (2001b) studied the impact of different metallicities faatiog
stellar models. They concentrated on comparing Imodels, appropriate for the Small Magellanic
Cloud (SMC,Z = 0.2 Z.), with corresponding Galactic models. Most of the above effects were
also found at lower metallicity. The main conclusion of this work can be sumnaaageollows:
since at lowZ the mass-loss rates become diminisheld{ (Z/Z.,)°72, cf. Mokiem et al. 2007b),
the removal of angular momentum during the stellar evolution is much lower. ddergthere is an
efficient outward transport of angular momentum by meridional circulatoowell. Thus, a much
larger fraction of the stars at low&rreach ‘break-up’ velocities (critical rotation, with zero effective
gravity), and rotation may thus be a dominant effect at HbwAnother important consequence of a
lower metallicity is that the gradient of the internal rotati@d(r), becomes steeper, because of the
higher densities in the outer layers and the higher compactness of the Istarzt This favors the
occurrence of more mixing at lowet.

Rotation-induced mixing. One of the major effects of including rotation in stellar evolutionary
models for single massive stars is rotation-induced mixing: CNO-cycle psedematerial from the
interior of massive stars can reach the stellar surface at early evolytistages. In particular, this
enhances the surface N/C ratios, as observed for OB-stars (Giesnhdra 1992; Herrero et al.
1992, 2000). Nitrogen enhancements (together with carbon depletion s3er lextent) produced
by rotational mixing are more important during the MS, whilst the enrichmerihguhe post-MS
evolution is rather inefficient. The (relative) N/C ratios are also affecyatidobackground metallicity,
as already mentioned, being larger in lovizeenvironments

7 Such larger N/C enrichments have been confirmed, e.g., by abemdaterminations in the SMC, e.g., Venn & Przybilla
(2003).
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Figure 1.1: Schematic picture of the CNO cycle. The main CN cycle is refezsby the hexagon
(solid lines), whereas the secondary NO cycle is represented by thedlases. Detailed information
about the involved reaction network is provided in Table 1.1. The compmdation X(a,b)Y means
that the nucleus X captures the particle labeled by "a” and emits the particledde”b”, resulting

in the nucleus Y. In this diagranB ™ indicates a beta plus decay (positron emission). Arrows indicate
the sequence of the different nuclear reactions for both cyclesdingdo Table 1.1. Figure adapted
from Maeder (2009).

This scenario is rather different from the one for non-rotating modelgrer CNO-processed
material appears at the surface only during the RSG stage, after thidilgie-up has occurred. Such
non-rotating models were not able to explain the observed N/C ratios. Howéee consideration
of rotation allowed to reconcile the observational results with the theoretiedligtions (at least
basically, but see below).

Surface abundances of CNO-processed material are expectedtgeahast notably. Also, other
elements should show alterations due to rotational mixing, though sometimes teraelesnt. For
instance, helium has already a considerably initial surface abundamtéhe expected enhancement
relative to this initial abundance should be rather small. As discussed hy éral. (2011a), the
surface abundances of boron, sodium, fluorine, and aluminum shbaltje as well. Among all
these elements, the nitrogen surface abundance is expected to be th&@ented,ceven for relatively
slow rotators, making this element one of the best tracers for testing the treatntkthe effects of
rotational mixing in massive stellar models.

The latter consequence is largely related to the nature of the CNO-cycle Aseffientioned in
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Sect. 1.1.1, the CNO-cycle is the dominant nuclear energy source fointaghk stars. While CNO-
burning itself is catalytic, i.e., the total number of C, N, and O nuclei is notghadsthe concentration
of the different isotopes could be modified, leading to a buildup of nitrogy&meaexpense of carbon
and, to a much lesser extent, oxygen.

The CNO-cycle is a combination of mainly two independent cycles: the basicyCN, and a
secondary NO-loop. Figure 1.1 displays a schematic picture of the cymdpmgortant data on the
corresponding reaction network are provided in Table 1.1.

At the initial phase of the CN-cycle, most of the initial C nuclei are convarted*N. The follow-
up nuclear reactiort*N + 'H — 150 +y (in compact notation**N(p,y)*°0, see caption Fig. 1.1), is
the slowest within the CN-cycle, acting as a ‘bottleneck™ Thereféfti,becomes the most abundant
isotope. Whilel“N ‘waits’ to be transformed intd®0, it can be mixed from the lower envelope into
the stellar surface, favored by the formation of a strong mean moleculahtgrigdient produced
during the MS.

The (relative) importance of the NO-cycle is quantified by the branchitig between the pro-
ton captures by°N, producing eithet>N(p,y)*%0 or 15N(p,a)*?C, which is on the order of 16.
Thus, the amount of®O produced by proton captures is negligible, i.e., approximatetycy6les
are required before a significant number of CN nuclei are transf¢éorthe NO chain. Nevertheless,
even though there is a low production of oxygen through this channel, @obp allows thet®O
nuclei to take part in the process as well, as they are transformed intoarituig the NO cycle. The
timescales for the ON nuclei produced at the NO-loop to be transferrethietGN-cycle are rather
long as well, T ~ 10° years. As a result, the CN-cycle falls into equilibrium fairly quickly, and is
largely decoupled from the slower NO cycle.

To summarize, the nitrogen enhancement comes (mostly) from the carbimactiea via the
CN-cycle, leaving the oxygen content almost constant. Only at later stggen is also depleted.
The resulting changes among the CNO elements caused by the differairigoohannels are in
such a way that, overall, the final surface abundance of C and O areaded, whereas nitrogen
becomes enhanced. Therefore, the nitrogen surface abundamseutito be one of the best tracers
to quantitatively test the efficiency of rotational mixing at early stages of stl@ution.

Observations vs. theory

For the past years, there have been different projects aimed to elasstatistically significant sample
of massive stars, allowing fguantitativeconclusions, e.g., FLAMES-I; the VLT-FLAMES Tarantula
survey (Evans et al. 2010); the Galactic O-Star Spectroscopic S(Matg-Apellaniz et al. 2004); the
OWN survey (Barh et al. 2010); the IACOB survey (Sén-Diaz et al. 2011); the Northern Massive
Dim Stars Survey (Pellerin et al. 2012). For instance, the FLAMESyesuenabled to measure the
surface abundances of light elements as well as the projected rotat@oeities from about 700 O-
and B-stars in the Galaxy and the Magellanic Clouds, comprising both slofastimdtators. Previous
work on abundance determinations in OB stars (e.g., Gies & Lambert 1@9&rd et al. 1992, 2000)
was mostly restricted to slowly rotating objects (withini < 50 kms™?).

One of the major outcomes of the analysis of the FLAMES-I survey posetisél poses) a con-
siderable challenge for the theory of rotational mixing. Indeed, the at@viv of nitrogen abundances
for a large sample of B-stars over a large range of projected rotatiehadities led to unexpected
results, which partly even contradicted predictions from rotating singlersidels: within the popu-
lation of Large Magellanic Cloud (LMC) core-hydrogen burning objegtsignificant number of both
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Table 1.1: Nuclear reactions involved in the two main loops of the CNO-cydetter with approx-
imate timescales at T, = 25- 10° K. Data taken from Maeder (2009).

Approx. T
CN 2C+1H — BN +y 10° yr
13N — BC+e +ve 420 s
BC +1H — YN +y 2.9- 107 yr
1N +1H — 50 +y 9.4.10%yr
150 — N + et + v 120's
N +1H — 12C +%He 3.7yr
NO N +1H — 60 +y 4.6- 10 yr
160 +1H — TE+y 5.0- 100 yr
LU= — "o+ et + v 66 s
70 +1H — 14N + “He 3.1- 1P yr

non-enriched fast rotators and highly enriched slow rotators weralfffdunter et al., 2008a, 2009b),
together with a population of slowly rotating and highly enriched B-type gjigets (discussed by
Vink et al. 2010). Independently, Morel et al. (2006) found a poparheof nitrogen-enhanced Galac-
tic stars with intrinsically slow rotation. These results imply that standard rotatinixing might
be less efficient than commonly thought, and might not even be the dominanignpisdness (see
below).

To obtain further insight into this matter, Brott et al. (2011b) recently peréal a quantitative
study trying to reproduce the physical properties of the LMC B-star safrptethe FLAMES-| sur-
vey, using evolutionary models for single stars accounting for the eftdatstational mixing. To
perform these simulations, the latter authors used a dense grid of mod®SfoMC stars, as de-
scribed in Brott et al. (2011%) These models were carefully calibrated in terms of initial abundances,
convective core overshooting, and rotational mixing efficiency, usnglts from the FLAMES-I sur-
vey. The complete set was used as input for the population-synthesisSG®tRMAKER®, which
interpolates the parameters of model stars of a specified initial mass, dgeiteh rotation velocity
within the grid. This allows to obtain the primary stellar parametésg (uminosity, radius, and log)
as well as other quantities, namely: mass-loss rate, current rotationaityetarrent stellar mass,
and surface abundances of light elements.

In agreement with the earlier results by Hunter et al. (based on a more siongbadson), also the
overall agreement between the more complex population synthesis ancg#reezbsample turned out
to be rather poor. While the models predicted that the bulk of the stars sfamdstof non-enriched
slow rotators and enriched fast rotators, the observed objects weribudied over a larger range
of both projected rotational velocities and nitrogen abundances. Agaitwthproblematic groups
of observed non-enriched fast rotators and highly enriched sloworstaould not be reproduced,
supporting the earlier results by Hunter et al.

8 The models used by Hunter et al. in their comparison with observatiomstfre FLAMES-I survey were a sub-sample
of these models.
9 Detailed information about the population synthesis code can be founadthedml. (2011b).
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Additional effects. To explain these unexpected results, additional physical processegwmaked.

At first, close binary evolutionwas considered. Recent studies indicate that a significant fraction
of massive stars is part of a binary system (e.g., Mason et al. 2009)awittary fraction of above
50% in young clusters (Sana et al. 2008, 2009, 2011; Bosch et &).200 close binary systems,
the primary star (the one with the higher initial mass) may fill its Roche lobe dursd/i® evolu-
tion, transferring its stellar envelope to the companion. Owing to this proaadseven neglecting
rotational mixing, the surface nitrogen abundance of the companion stdd wecome enhanced
by a factor of 3 to 5 (Langer et al. 2008). In addition, subsequentioot mixing of the mass-
gainer would increase the abundance even further. Brott et al. If20&f4 the other hand, argued
that close binary evolution, at the present stage of knowledge, is untiéddg responsible for the
slowly rotating nitrogen-rich population of observed stars in the FLAME8#/ey, since canonical
mass transfer evolution leadsrpidly rotating nitrogen-enhanced objects. Even though the consid-
eration of binary evolution may also increase the population of slowly rotatheginced objects,
as post-mass-transfer systems can spin down the accreting star (learadie2008), it is thus more
likely that the population of fast rotating N-enhanced objects becomesseulemaking the problem
even worse. Nevertheless, further insight into this matter requires a csmphetween observational
findings and binary population synthesis models accounting also foremsenovative mass transtéy
which are just at the stage of their beginnings, e.g., de Mink et al. (200B)2Sepinsky et al. (2009);
Lajoie & Sills (2011).

Another possibility is that the highly enriched, slowly rotating population mayrbedyzed by
effects ofmagnetic fields During the past years, some evidence pointing in that direction has been
accumulated. For instance, Morel et al. (2008) found evidence fonatagields in Galactic nitrogen-
enriched slowly-rotating B-type dwarfs, and evidence for nitrogeiickmrents in magnetic slowly
rotating Galactic O-stars has been recently found by Martins et al. (204 Jetential mechanism to
explain this population of objects would be througlagnetic breakinge.g., Townsend et al. 2010),
which slows down the stars, with rotational mixing occurring whilst the star isastiéist rotator.
Moreover, since this process needs to occur on short time scaleseBaht(2011b) argued that this
would explain the lack of highly enriched, but ‘mildly’ rotating objects as by Hunter et al.

Brott et al. (2011b) invoked another potential mechanism to increaseofhdagtion of slowly-
rotating objects from non-enriched to enriched ones through the rise grietia bubbles carrying
both magnetic flux and nitrogen from the core to the surface (building on alfrodh MacGregor &
Cassinelli 2003).

Summarizing, magnetic fields may need to be considered to explain the obs#rogdn excess,
but more work is certainly needed to enable quantitative conclusions. skéqss into this direction
were recently undertaken by Meynet et al. (2011), who calculated Isvadin a simple description
of magnetic breaking, leading both to slow rotation and to surface nitrogeneament (because of
strong internal differential rotation).

1.2 Motivation of this thesis

As should have become apparent from the last sections, nitrogendragiumzen to be a key element
for testing and constraining the stellar evolution of massive stars. To furthestrain the findings

10Models including rotation indicate that mass transfer may be significantlyconservative, with only a fraction of the
transferred material retained by the accretor while the remainder isejecte the system, e.g., Petrovic et al. (2005).
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accomplished by the FLAMES-I survey and to provide a general pictuneagsive star evolution,
these studies need to be extended to the O-type. sBesause of their shorter lifetimes, the time-
range where this enrichment takes place can be narrowed down, @anaigint be able to constrain the
mixing scenario even better than it is possible from B-stars alone. In tlieecedowZ environments
such as the LMC and SMC are an ideal testbed, because the nitrogéindbabeindances are low
(Hunter et al. 2007), and even a strong enrichment is easier to measireicthan, for instance, in
the Milky Way. Unfortunately, most previous abundance studies of massirs are strongly biased
toward intermediate and early type B-stars. Indeed, when inspectingdheatde literature, metallic
abundances, in particular of nitrogen, are scarcely found for Q-star

In addition, nitrogen also presents a promising potential for deriving-tafe temperatures in
the veryearly O-star regime. At those hotter temperaturég (> 45 kK), the usual diagnostics for
deriving Tesr, the helium ionization equilibrium, begins to fail, owing to weak IHmes and rather
insensitive Hel. Instead, numerous prominent nitrogen lines of the Ml 1v/N v ionization stages
are found in the O-star spectra, showing in most cases a remarkabitviigren the effective tem-
perature.

The presence of line emission in thaiNtriplet at A A 4634-4640-4642, in combination with
the behavior of H& A4686, is used for classification purposes (‘f’-features, see Walb@r1b, Sota
et al. 2011), and for discriminating O-stars with such line emission from glserption-line objects.
Walborn et al. (2002) used the relative strength of the emission at botih NA634-4640-4642 and
N 1IvA4058 to spectroscopically discriminate the earliest O-stars, splitting the figrabegenerate
03 class into three different types, 02, O3, and 03.5, being O2 the rgsnerate one instead. This
scheme has been used in a variety of studies during the past yearsify slaasstra of early O-stars in
the LMC and SMC (e.g., Walborn et al. 2004, Massey et al. 2004, 2@T®, Evans et al. 2006) and
in the Milky-Way, e.g., Sota et al. (2011). However, these additionalkgpes are not yet universally
accepted (e.g., Massey et al. 2004, 2005).

Particularly, this classification scheme has been questioned for the sasne e=sathe available
information about surface nitrogen abundances in O-stars is scarepthplexity of the line for-
mation of some of these nitrogen lines, especially those that typically displayiemisghe O-star
range, namely M1AA4634-4640-4642 as well asiMA4058. These lines have been suggested to
be formed by photospheric NLTE processes rather than by emission itenmded atmosphere. The
most important analysis of the IN emission problem, so far, was the seminal work by Mihalas &
Hummer (1973), building on work by Bruccato & Mihalas (1971). Thestn@us argued that the
dielectronic recombination was the canonical explanation for the formatitedf -features. On the
other hand, regarding N'A4058, there is no detailed analysis on its formation process to date.

To provide more insight into this matter, we started a project with the objectiveaiole quanti-
tative nitrogen spectroscopy in O-type stars. The primary purpose wasatgze a large sample of
early O-stars, and to determine both their temperatures and nitrogen abaadeom the available
nitrogen lines, exploiting the nitrogen ionization equilibrium. In addition, we inéeind investigate
whether the Walborn et al. (2002) classification scheme is able to provideuaimyéul relation for
discriminating the earliest O-stars. Finally, a comparison between our resultpredictions from
population synthesis models should allow us to test the efficiency of rotatiurig in early phases
of the evolution of massive stars.

To perform these analysis, an investigation regarding the line-formatmoeps of strategic ni-
trogen lines, such as NAA4634-4640-4642 and N'A 4058, using modern atmospheric codes, was
required. For this objective, it was crucial to develop an improved, ratewitrogen model atom



14 CHAPTER 1. INTRODUCTION

including a precise treatment of the dielectronic recombination processaaHtacNiil emission
line problem, and to implement this model atom into a suitable stellar atmosphere codkeirio
synthesize the corresponding spectra and to fit the observations.

1.3 Overview of the chapters of this thesis

In the following, we briefly present the content of the different chagpiathin this thesis.

Chapter 2: Atmospheric codes

We summarize important aspects that need to be considered to allow usdspaable description of
the outer layers of massive stars. In addition, we deserisg wIND, the NLTE atmosphere/spectrum
synthesis code primarily used within this work.

Chapter 3: Model atoms for NLTE line formation computations — A nitrogen model
atom

We briefly discuss the various ingredients needed for the constructiancofnprehensive model
atom, required for the numerical solution of a given NLTE problem. In pagic we describe the
implementation of a new nitrogen model atom into HASTWIND database.

Chapter 4: Nitrogen Il emission line formation revisited

We concentrate on the formation of the opticaliNemission lines ai A 4634-4640-4642, which
are fundamental for the definition of the different morphological ‘f'ssles. Since the f-features are
observed in the majority of O-stars and are strongly dependent on thgaritetoundance, a thorough
re-investigation of their formation process using modern atmosphere deguired, in order to
avoid wrong conclusions.

Chapter 5: Surface nitrogen abundances for O-stars in the Lage Magellanic Cloud

The main goal of this chapter is twofold: (i) we investigate theyMl4058 emission line formation
and (ii) we derive nitrogen abundances for a substantial O-star santpkelimrge Magellanic Cloud,
and compare our findings with recent predictions from stellar evolutiomadgels.

Chapter 6: The earliest O-stars

In this chapter we perform a quantitative study of the atmospheric paraétére earliest O-stars,
by means of nitrogen line spectroscopy. Particularly, we concentratestingiehe Walborn et al.
(2002) classification scheme on its capability of providing a reasonabtmretsetween spectral types
and effective temperatures. To this end, we investigate the theoretigdNMI emission line ratio,
and the impact of different parameters on this ratio. Subsequently, edicions are confronted with
corresponding observational results, derived from an analysisedidy O-type sample of LMC/SMC
stars.
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Chapter 7: Summary and outlook

Finally, we summarize the major results achieved within this work and provideitéooé for future
work.



Chapter 2

Atmospheric codes

2.1 Overview

Quantitative spectroscopyg one of the most common tools used to study stars in a comprehensive
way. Since most of the knowledge about the physical parameters of thgses comes from the
interpretation of stellar spectra, this method aims at describing the stellaresspétthigh precision.
The standard procedure is performed by fitting calculated synthetic apgeaibserved ones in order
to derive stellar parameters (effective temperatiiggssurface gravities log, microturbulence/mic),
wind-properties (mass-loss ratle terminal velocitiesr.,), and the chemical composition of a star.
Moreover, physical properties, such as luminositigsmasse$/, and radiiR,, are calculated based on
the aforementioned spectroscopic measurements. The accuracy oatladgses depends crucially
on the extent to which model atmospheres are able to reproduce the ppysemsses that occur in
the atmospheres of the stars, and on the goodness of the employedmssgithiesis code.

For the particular case of hot stars, the numerical calculation of model pltr@Es is an enormous
task, since, apart from their intense radiation fields, a number of effetfwesent in the atmospheres
of cooler, less massive stars have also to be accounted for. In theifalowe summarize important
aspects that must be considered in order to allow us for a reasonabiipties of the outer layers of
massive stars. Finally, we describesTwWIND, the atmospheric code primarily used within this work.

2.2 Basic assumptions for modeling stellar atmospheres of hot stars

The classical approach for modeling stellar atmospheres is usually basgzttain ‘standard’ as-
sumptions, namely: flux conservation, hydrostatic equilibrium, a one-dimealgibD) plane-parallel
stratification, and Local Thermodynamic Equilibrium (LTE) (e.g., Mihalasg)97

These assumptions, originally intended for the study of cool stars, maytmee replaced/relaxed
depending on the objective of the particular analysis. For instance, am&gzing the extended
atmospheres of giants and supergiants, the spherical extension ofrttmeistdne accounted for rather
than using a plane-parallel stratification. In particular the stellar specpalityan important factor
to clarify which assumptions are needed for a reliable modeling of eaclifispEase. In general,
for early-type stars, thstellar windsignificantly influences most of the strategic spectral finaad
therefore, should be considered in the analysis, discarding the afatienet hydrostatic assumption.

1 This applies for all luminosity classes of OB-types, and at least for Agipnts.
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Moreover, the intense radiation field and the low densities in the atmospheesslpitype stars,
assuming typical conditions, make the assumption of LTE dubious for thgset@bRather, Non-
Local Thermodynamic Equilibrium (NLTE) must be used.

In the following, we concentrate on the most important assumptions needaatfeessfully mod-
eling the ‘windy’ atmospheres of early-type stars.

2.2.1 Non-local thermodynamic equilibrium

Since the photons are able to transport non-local information while patipggthrough the stellar
atmosphere, the validity of LTE depends on whether the radiative transitiens detailed balance
or not, i.e., if every radiative process is exactly balanced by its inverseth®contrary, collisions
between massive particles (most frequently electrons in ionized matterpai@lted by the local
conditions in the plasma, and, vice versa, collisions usually drive the st&&mp towards LTE.

Massive stars display an intense radiation field because of their highceudmperatures. Be-
sides, they have rather low densitipsn their line- and continuum-forming regions. For objects not
too close to the Eddington linfitthe density in photospheric regions, which are the quasi-hydrostatic
regions emitting most of the stellar light, depends mostly on the pressure sagiié, ke and the
column densitym,

1 9 M. /Mg
P~ MO M RR) P Ter/ T ™
with g the gravitational acceleration. Note thatis roughly proportional to any reference optical
depth scalet. Thus, at a givem (or 1), the photospheric density of a typical late O-dwarf is a factor
of 50 lower than in the Sun, assuming prototypical parameters 81,00 R, and T+ = 30,000 K.

Collisional processes are diminished by the low particle densities. Conggqubey are less
important in hot star atmospheres than in their cooler counterparts. In catobinvith the intense
radiation field, which enhances the strength of radiative processesvehal combined effect is that
in the atmospheres of hot stars considerable departures from LTEepbcted.

Departures from LTE have an enormous impact on the modeling of stellar geres. For
instance, to define the thermodynamic state of a system, the Maxwellian velotitigudien and the
Saha-Boltzmann equations (cf. Mihalas 1978) are sufficient undecbnHitions. Instead, when LTE
conditions fail, a more general calculation must be performed which reptheeSaha-Boltzmann
equations. The occupation numbers of the atomic lewglfiave to be calculated from the equations
of statistical equilibrium the so-called NLTEate equation$

Ny (Rj+GCij) =" nj(R; +Cj) (2.2)
J; J J ; JATY ]

(2.1)

whereR;j andGj; are the radiative and collisional rates, respectively, for the transitioms fevel
i to j, including all bound-bound and bound-free processes. Transitlepspulating level are
represented by the left-hand side of Eq. 2.2, whereas the right-haadlsfitribes the processes
populating the latter level. Similar equations must be written for each iefetvery ionk in every

2 Beyond which the continuum radiation pressure would exceed the granihtioceleration throughout the star.

3 These statistical equilibrium equations are customarily defined under shenpsons of steady state and that changes
of nj in a given unit volume due to macroscopic motions are much slower thaatdh@c transition time scales. Under
typical atmospheric conditions, both assumptions can be safely empayieg to the very brief transition timescales.
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volume of the stellar atmosphere, and they characterize the microscopiciimeraetween atoms,
electrons, and photons.
The radiative upward rates are given by

J
Ri :4n/aijﬁdv, 2.3)

wheregj; is the atomic cross-section for a given bound-bound or bound-fleeeps, and, is the
mean intensity. The corresponding downward rate is

n\" [aj (2hv3
Ry =4m| — — | ——+Jy | exp(—hv/KT)dv 2.4
ji (nj>/hv<c:2+v e /KT)dv, (2.4)
with the asterisk denoting LTE populations. The first term of the latter equediorsponds to spon-
taneous emission, whereas the second one is due to stimulated emission.

For the collisional processes, which only depend on the the local valeleafon temperature,
Te, and densityne, the upward rates are given by

Gy = ne [ 03 (V) (v (2.5)

wheref (v) is the velocity distribution of the colliding particles, mainly electrons for earlyetgars,
given by the Maxwellian velocity distribution. Consequently, the collisionaleard rates result
from

e - () o 2.6)

Because the radiative rates depend on the radiation field, which in tuendemn the opacities
and emissivities (which are functions of the occupation numbers), theegationsfor all levels
n; have to be solved in parallel with the equations of radiative transfealfaequired frequencies
To accurately determine the level populations, we basically need goodldamgsvof (i) the local
temperatures and particle densities, (ii) the non-local radiation field, (iijrate cross-sections, and
(iv) all transitions between atomic states. Items (i) and (ii) depend on the ratdeksphere used
for the NLTE calculations, whereas items (iii) and (iv) are related to theifspetodel atoms of the
species involved in the calculations. We refer to Chapter 3 for a detailediplesn regarding the
construction of comprehensive models atoms for NLTE calculations.

The set of rate equations for all levels form a linearly dependent systerrder to close the
system, one of these equations must be replaced by another relationllyyibieaequation oftotal
number conservatign

Qel

ZNi,k o (Z Ni 1 +np> : (2.7)

with the summation extended over all levels of all ions of a given speciesyafeg; the fraction of
all atoms and ions of a certain element relative to that of hydrogen.

The complete system of rate equations, in parallel with the equations of vadratisfer, is solved
numerically within a delicate iteration scheme to avoid stagnation of the conwergeocess. In stel-
lar atmosphere work, a powerful and widely used method to accomplish theidatite Accelerated
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Lambda Iteration (ALI), reviewed by Hubeny (1992). The basic idea ispld the so-calledA-
operator’, relating the mean intensity and the source function, in ordeptd aull matrix inversion
of the latter operator. Rather, an approximate operator (diagonal aagyadal) is constructed and
inverted instead.

NLTE line formation

Before we continue with our discussion of the basic assumptions regaitngodeling of stel-
lar atmospheres of early-type stars, we highlight one important implicatiorLdEMffects on the
formation of spectral lines. Indeed, this implications will be fundamental ferthieoretical stud-
ies performed within this work regarding the formation of specific nitroggssion linesn O-stars
(Chapters 4 and 5).

The strength of a spectral line may differ from the corresponding LEBiptions via two different
(but coupled) ways, either because the line opacity has changedaurdeethe line source function
departs from the Planck function. Before we define the line sourcdifumdt is convenient to in-
troduce the NLTE departure coefficieti,= n;/n’, wheren; is the actual population density of a
leveli andn? is the corresponding LTE valfielf by # 1, it is clear that there exists a departure from
LTE. The line source function is the ratio of emissivity and opacity, and eagxbressed in terms of
departure coefficients. Assuming complete frequency distribution,

(2.8)

g - 2hv3 1
T2 %éwv/kT -1’

whereb, and by are the departure coefficients of the lower and upper level of the spaneling
transition, respectively. Whem > KT (Wien'’s regime), as is the case for all UV and optical spectral
lines in hot stars, the line source function can be approximated by

S . b
— — 2.
Bv bl ? ( 9)

whereB, is the Planck function. Analyzing the latter expression, we see3hatB, whenb, > by,
i.e., the upper level of the transition is considerably overpopulated wittecesp the lower one.
Hence, the corresponding source function outweighs the continuunsiityten transition frequency
Vo, and emission may occur in the line. This effect is responsible for explathmgossibility of
emission in photospheric lines along with other lines being in absorption.

2.2.2 Stellar winds

Massive stars have (line-) radiation driven winds of various stremgitmarily controlled by luminos-
ity and metallicity. Any atmospheric code that is intended to reliably synthesiz#rage perform
gquantitative spectroscopy of massive stars needs to account fosisten treatment of both photo-
sphere and wind, at least if the lines/continua are formed outside tha-jdualrostatic region.

To obtain a more precise idea for the maximum mass-lossVatégr which a hydrostatic treat-
ment is still possible, Puls (2009) provided an estimate valid at least for d\bptical lines,

M < 6-10 8M.yr 1(R./10R. ) (Ve /1000 kms?). (2.10)

4 Calculated by means of the Saha-Boltzmann equation.
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with v, the terminal velocity of the wind. This limit implies that hydrostatic models may be grific
for the UV/optical spectroscopy of late O-dwarfs, B-stars until luminoség<ll (for early sub-types)
or Ib (for mid/late sub-types), and A-stars until luminosity class Ib.

The concept of a consistent treatment of photosphere and wind wamfiicgluced by Gabler
et al. (1989) by means of the so-calledgifiedmodel atmospheres. These models are computationally
expensive, basically due to the need of accounting for the Doppler stufised by the velocity-field.

In most cases, the latter is either accomplished by solving the radiativegramfie comoving frame
(Mihalas et al. 1975, 1976), or by using the so-called Sobolev apprérimgobolev 1960) which
is only justified for those lines that are formed predominantly in the wind.

Unified model atmospheres can be constructed in two different ways. €@aoni hand, atmo-
spheric codes such agm-basic (Pauldrach et al. 2001) derive the complete stratification from a
(self-) consistent approach, solving the hydrodynamic equationg timelassumption of stationarity.
On the other hand, an analytical description of the wind may be used. Fandaes the velocity field
can be described in terms of a so-calf®delocity law,

Re\p
= Ve (1= —)P, 2.11
v(r) = v (1= =) (2.12)
which originates from a generalization of corresponding results frodrddynamic solutions for
line-driven winds. A smooth transition between the the quasi-hydrostatiogbitere and the wind is
needed, defined by the transition radiBs,which is located at roughly 10% of the sound speed. The
density then follows from the equation of continuity,

M
p(r)= W\/(f) (2.12)
In this approachM, v.,, and velocity field exponen become input parameters for setting up the
wind model as well afit parametersn the quantitative spectroscopic analysis.

The density stratification of the photosphere is calculated as for a hyticostanosphere but
accounting for sphericity, from large optical depths uRi] and can beaoughly expressed by an
exponential law with scale height (see above). The corresponding velocity law follows again from
using the continuity equation with mass-loss rate from above and photosplessity. Such an
approach is used, e.g., by the atmospheric eadewIND.

2.2.3 Line-blocking/blanketing

Since spectral lines absorb radiation, the emergent flux my become sigtffibbocked in the ex-
treme UV region, owing to the very large number of overlapping strong meed.lihis line block-
ing affects the overall shape of the emergent spectrum. Since the tothlaffuo be conserved, the
blocked flux needs to be redistributed at other frequencies, typicallygionge where few lines are
present, i.e., at longer wavelengths. The process that producea sedistribution of stellar flux is
the so-called line blanketing. A significant fraction of photons is scatteae# (or emitted in the
backwards direction) and (partially) thermalized, increasing the electnopet@ture. This leads to a
back-warming effect in the deeper layers of the photosphere. On taelwhd, in the higher layers,
the effect is the opposite, producing a surface cooling. Iron groepiep, especially the abundant
number of Fe and Ni lines, are the dominant contributors to the blanketiect eff
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Both LTE and NLTE models require a careful consideration of line-blapkilanketing effects.
Various techniques are applied to cope with this problem, using either statggtjmadaches, Opacity
Distribution Functions (ODFs, suitable under LTE conditions, Kurucz Y@@ Opacity Sampling
(OS, Pauldrach et al. 2001), or direct calculations, solving the prolteniy line (Hillier & Miller
1998; Hubeny 1998, using model atoms consisting of super-levels ciauhiey super-lines)FAST-
WIND, the atmospheric code used throughout this work and described in Skotn®ploys a more
approximate method based on a simple statistical approach to calculate suitabteah@@e opaci-
ties and emissivities (Puls et al. 2005).

One major consequence of accounting for line-blocking/blanketingtsffedhat line-blanketed
models of hot stars have photospheric He ionization fractions similar to thmseuhblanketed mod-
els at higher effective temperature (see Repolust et al. 2004). Sfecéwe temperatures for O-stars
are typically determined by exploiting the iHelell ionization equilibrium, the latter effect has led
to a reduction of the corresponding effective temperature scales, egpl|ust et al. (2004); Massey
et al. (2004, 2005, 2009); Martins et al. (2005a); Mokiem et al. 72Q)0As we will show in Chap-
ter 4, the consideration of a realistic treatment of line blocking/blanketing ateedwut to be of
crucial importance for addressing the formation mechanism that proeuaission at NIl A A 4634-
4640-4642.

2.3 A description of the atmospheric cod&EASTWIND

For this work we used a new, updated version (v10.1, see below) ofrttespheric CODEASTWIND
(see Santolaya-Rey et al. 1997 and Puls et al. 2005 for previousngxsdeveloped by J. Puls and
co-workers at the University Observatory Munich (USM) and collabans from the Instituto de As-
trofisica de Canarias (IAC).

FASTWIND calculates theoretical spectra of blue massive stars under the conditibhs B,
spherical symmetry, line-blanketing, and mass-loss. The atmospherichesdeeen designed for
optical/IR spectroscopic analysis of ‘normal’ hot stars wigh > 8,500 K (spectral types A to O).
The synthetic spectra are calculated in a two-step process:

(i) Atfirst, FASTWIND calculates the atmospheric structure and solves the NLTE rate equations. To
set up the atmospheric stratification, the code adopts a smooth transition ietwaealytical
wind structure, described byfvelocity law (Eq. 2.11), and a quasi-hydrostatic photosphere
with a velocity law following from the equation of continuity (Eq. 2.12). This pedphy allows
for the calculation of photospheramdwind lines with a similar degree of precision.

FASTWIND calculates the NLTE occupation numbers using a different treatment fascthe
called explicit elements, which are used as diagnostic tools for quantitagetrepcopy, and
the background elements, which are used to determine the backgrouetibratield, account-

ing for line-blocking/blanketing effects. The explicit elements are typicallydHdt also C, N,
and O in early-type stars. They are treated by a full NLTE approachaarwmoving frame
radiative transfer. For these elements, a detailed description of all edgaiomic data in
terms of a comprehensive model atom is needed. On the other hand, tleguateons for
the background elements are calculated using some approximations. Nasyna Sobolev
line transfer was used f®@ASTWIND versions prior to v10. This approximate treatment agrees
rather well with the ‘exact’ approach, but the derived occupation nusnde not well suited
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for quantitative spectroscopy (Puls et al. 2005). The atomic data ndedédte background
elements are provided in a fixed way from the compilations by Pauldrach(2088, 2001).

(i) The emergent profiles are calculated in a second step. Basically, dhedf integrals’ are
solved using the occupation numbers from the explicit elements and therbankgopacities
and emissivities from the converged NLTE solution.

The formal integral solves the radiative transfer on a radial micro-gagic features are a sep-
aration between line and continuum transport, information about which lzedening mech-
anism needs to be applied (most important: Stark- and Voigt broadenimd) jfanecessary,
a consistent treatment of non-coherent electron scattering. As fotdhecadata for explicit
elements, an external input file with all corresponding information needs podvided.

2.3.1 FASTWIND v10.1

The current version afASTWIND incorporates a variety of updates and improvements compared with
previous versions. The most important ones are briefly described inltbeviing.

As stated above, the background elements have been treated by meanSalbdfev approxima-
tion in previous versions. Although this is reasonable in the wind regime, thel&oapproximation
becomes doubtful in regions where the velocity field is strongly curvethwf the case in the transi-
tion zone between photosphere and wind. It has been checked thatticedrerrors are notimportant
for the background radiation field, but they can have a certain influemt¢ke temperature structure.
Applying the Sobolev approximation in regions with a strong velocity field dureeresults, on aver-
age, in too highly populated upper levels of line transitions (see, e.g., SgRky et al. 1997). In
turn, this leads to overestimated heating rates, which can result in too highrggorps in the tran-
sition region (and sometimes even below). To avoid this problem, theraswwIND version also
treats the most important lines from the background elements in the comowving. fra

A second modification refers to thghotospheridine acceleration. So far, this quantity (which
is important for the photospheric density stratification — higher line accelerdtiver density) has
been calculated from the Rosseland opacities, which is strictly justified ohlgtabptical depths. In
the new version, an additional iteration cycle for calculating the photogpsteucture is performed,
now by using thdlux-weightednean from the current NLTE opacities.

By calculating a large grid of OB-star models, and comparing with solutioms fhee previous
FASTWIND version, it turned out that both improvements affect mostly dwarfs/giantieftlctive
temperature range 30 kK Te < 35 kK. In particular the optical He lines become stronger,
mostly because of the somewhat lower (electron-) densities. Interestihigyis just the domain
where previousFASTWIND solutions showed the strongest deviations from other code(Bbraz
& Stasiska, 2008). The new structures excellently agree with results from,Telgs;Ty (Hubeny
1988; Hubeny & Lanz 1995). For dwarfs/giants with effective tempeeatautside the ‘problematic’
region, and for all supergiants, the differences to previous resaltséarlierFASTWIND versions are
small.

The last important improvement concerns the implementation of dielectronimbacation, both
for the background and the explicit elements. We refer to Chapter 4 fetadletl description of the
implementation process.



2.3. ADESCRIPTION OF THE ATMOSPHERIC CODE FASTWIND 23

2.3.2 Application of FASTWIND

The major advantage eiAsTwIND compared with other atmospheric codes with rather similar char-
acteristics (e.g¢CMFGEN, Hillier & Miller 1998; wm-basic, Pauldrach et al. 2001) is that it performs
faster calculations. The parameter space to be investigated within the anabiges one star is large,
comprising effective temperatufiegs, gravity logg, mass-loss rat®l, terminal velocityv.,, velocity
field parametef3, individual abundances, and global background metallicity Z. The teedtain
satisfactory fits for all diagnostic lines demands the calculation of model;g@odsprising large num-
ber of models, and therefore, involving an immense computational effonteder, large surveys of
hundreds of massive stars have been performed during the pas{gaprthe VLT-FLAMES survey
of massive stars, Evans et al. 2006; the VLT-FLAMES Tarantula suBmans et al. 2010; the IA-
COB project, Sindn-Diaz et al. 2011). All these surveys are intended to derive reliable stahalr/w
parameters owing to sufficient statistics, provided by the large numbelj@dtebinvolved. Such an
objective becomes only possible when using considerably fast cades,asFASTWIND. Indeed,

all O- and early B-stars from the VLT-FLAMES survey have been aralyby means of quantitative
hydrogen and helium line spectroscopy using this code (Mokiem et &b, 2007a). Note that within
the present work we re-analyze the former LMC O- and early B-star lgamging also nitrogen line
spectroscopy (Chapter 5), and provide nitrogen abundances flargjest O-star sample analyzed so
far. Regarding future work, also the O-stars from the VLT-FLAME&dula and the IACOB survey
will be analyzed byrASTWIND, following the prospects opened by our work.



Chapter 3

Model atoms for NLTE line formation
computations in stellar atmospheres — A
nitrogen model atom

3.1 Construction of a comprehensive model atom

A model atom is an approximation to the quantum-mechanical system of a reglaid its interac-
tion with radiation and with other particles in a plasma. Therefore, it is a compilatiatomic input
data required for the numerical solution of a given NLTE problem. Basicaltyodel atom comprises
information about (i) its structure, i.e., energy levels, statistical weightsicaihtion potentials, and
(i) a description of the transitions between individual states, i.e., oscillatmggins, cross-sections
for photo- and collisional ionization/excitation, etc.

In the following, we briefly discuss all different ingredients neededterconstruction of a com-
prehensive model atom. For a more detailed description of the necetsasywe refer to Przybilla
(2010).

3.1.1 Model atom structure
Which ions should be included?

To study certain NLTE problems, the effective temperature is the fundahparemeter that deter-
mines which ions should be included in a model atom. The main ionization stagetafgeéspecies

should be fairly represented, together with two or three minor ionic spele@snstance, for an O4

dwarf (Tesr ~ 45 kK), the major ionization stage of nitrogen in the line-formation region is tylgica
N 1v but features of minor species such asiNand to a lesser extentW are usually present. There-
fore, a comprehensive nitrogen model atom designed to quantitatively gtade kind of objects

should include NiI/N 1v/N v plus the ground level of Ni. The inclusion of the latter simplified ion
is intended to consider important ionizations/recombinations fromito Nowever, this approxima-

tion is only justified as long as there is a large energy gap between the gat@dnd the first excited
level of the uppermost ion, to safely ignore transitions between excitedévels.
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Number of levels

In order to keep a model atom robust, for each model ion it is recommendeciude levels that are
energetically higher than the minimum energy necessary to cope with a giveleim. This ensures
that the population of crucial levels involved in the problem are accuraggsesented, e.g., with
respect to cascading processes involving high lying levels. In additiather criterion concerning
the inclusion of levels is related to the convergence of the behavior oftdepa&oefficients, ) for
increasing model complexity. Models with a low number of levels can show erdiff behavior at
the line-formation region, resulting in inaccurate predictions, see Sigutfet ¢1996).

Another important consideration is that for many elements fine-structures sihe term may
safely be combined into one level representing a ‘packed’ term with appte statistical weight.
This approximation is well suited for levels that are fairly represented bgdupling. Sub-levels
with small energy difference are strongly coupled by collisions, i.e., theynarelative LTE to each
other. For levels with higher excitation energies it is also suggested to packimce, in general,
the energy separations of terms decrease with increasing principauquammber n. Using this
approximation, we ensure that the number of explicit NLTE levels to be tr@atbd complete model
atom is not extremely large, even if we consider several ionization stagakaneously. Otherwise,
the execution times for the NLTE line-formation would become excessivespacial precautions
were necessary to avoid numerical instabilities.

3.1.2 Input atomic data

As already mentioned in Chapter 2, the rate-equationgll levels n have to be solved in parallel
with the equations of radiative transfer falt required frequenciesTo accurately determine the level
populations, we basically need a good knowledge of the local temperanudlgsarticle densities, the
non-local radiation field, accurate cross-sections, and all transitetmgebn atomic states.

The two first items depend on the model atmosphere used for the NLTE daloslésee Chap-
ter 2), whereas the remaining ones are related to the model atoms for thesspeolved in the
calculations. So far, only a small amount of atomic data could be determinedireentally, and
the bulk of the atomic data is provided from theoretical calculationsalinitio methods. Large
databases of transition probabilities and cross-sections for photoionizatibexcitation via electron
impact are available for the community, provided, e.g., by the OPACITY Rr¢j®, Seaton 1987;
Seaton et al. 1994) and the IRON Project (IP; Hummer et al. 1993)initio data for radiative pro-
cesses are usually available for transitions between levels uptd® For excitation via electron
collisions, explicit data are scarce, typically covering transitions up<o4; and biased towards se-
lected ions of light elements and iron. The remainder of the data has to béatadchy means of
different approximations.

In the following, we concentrate on the basic processes that shoulahbigleced for the construc-
tion of a comprehensive model atom, together with various approximatiodgarséhe implementa-
tion.

Radiative processes

The non-local character of the radiation field drives the stellar plasma T&Nbnditions, coupling
the thermodynamic state of the plasma at different layers in the stellar atmespBaly specific
radiative transitions are usually allowed. They obey selection rules, ve@sbribe the conditions
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under which a radiative transition is permitted, e.g., electric dipole transitidmgebe states from
different spin systems are not allowed.

Radiative bound-bound transitions. The absorption/emission of photons can lead to excitations/
de-excitations of electrons within an ion/atom, giving rise to spectral lines sirength of the spectral
lines is mainly determined by the number of absorbers (or emitters) and the Boep&bn cross-
sections, which is given by

TTe?
aij = —fije(v 3.1
i1 = mec ijp(v), (3.1)
wheree is the electron chargere the electron massij; the oscillator strength, angi(v) the line
absorption profile. To calculate the contribution of radiative bound-8dransitions to the radiative
rates, only the oscillator strengths of the transitions need to be provideplastomic data.

Radiative bound-free transitions. Photoionization is the process in which an ion absorbs a photon
with enough energy to excite a bound electron beyond the ionization thde&teding to an ion with
a higher ionization stage. The inverse process is the recombination.

Photoionization cross-sections are usually taken fabrinitio data from OP and IP. These cross-
sections are typically computed by the R-matrix method using the close-couplangx@mation and
contain complex resonance structures (Seaton 1987). These ressrag either produced by au-
toionizing Rydberg series states or by double excited states, which grédecvide PEC (Photo-
Excitation of the Core) resonances that are related to the dielectronimbé@tation processes, see
below.

For excited levels with missing detailed data, ‘smooth’ (resonance freddiph@ation cross-
sections can be used, provided in terms of least square fittings from thigear form of the cross-
section by Seaton (1958),

ai(v) = ao[B(vo/Vv)*+ (1 - B)(vo/v)*!] (3.2)

with ag the cross-section at the thresholg and fit parameterg ands.

Collisional processes

Inelastic collisions with particles can lead to excitation and ionization of atoms/®nglh One of
the most important characteristics of the collisional processes is that tleytlue stellar plasma to-
wards LTE conditions, because the velocity distribution in stellar atmospisaussally Maxwellian.
Typically, only electron collisions are considered since the thermal velooidyhance the collision
frequency of heavy particles is much smafldsnlike radiative processes, collisions do not obey any
selection rule. Therefore, collisions between all states within an atom/ioroasébpeand need to be
accounted for

1 This is not the case for cool stars, especially for metal-poor objecesanitydrogen collisions may become the dominant
thermalization process, which must not be neglected.
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Collisional bound-bound transitions. The collisional rates are defined in terms of the effective
collision strength via

 8631.10°

= i e ety (3.3)

The effective collision strength is

Y EiV4(E
y”_/o Q”eXp(_kT>d<kT>’ (3.4)

whereE; is the electron’s Kinetic energy after the excitation has occurred nd the collision
strength, first introduced by Seaton (1953). It is a dimensionless qudefityed by the ratio of two
areas (the cross-secti@hand the square of the appropriate de Broglie wavelength), weighted by the
statistical weight of the transitiou;,

05 =2l ). 35)
|
Thus, theeffectivecollision strength is the thermally averaged collision strer@th
Only fewab-initio data of collisional excitations are available, usually up to levels withn=3...4,
in terms of tabulations of the effective collision strength. For the bulk of thssipte collisional
transitions, approximations need to be used which give, at best, drdemgnitude estimates. In the
following, we refer to the two most commonly used ones:

(i) In the radiatively permitted case, the collision ré&g might be calculated on the assumption
that the collision cross-section is proportional to the oscillator strength dfdhsition. This
scaling is the base of the van Regemorter (1962) approximation,

Cij = 5.465- 10 IneTY/2[14.5fi (I4/Eg)?]up exp(—o)l™ (W), (3.6)

whereE, is the threshold energy of the process= Eo/KT, fjj is the oscillator strengthy, is
the ionization energy of hydrogen, afdup) is the maximum of a slowly-varying function of
temperature,

I" (up) = max|g, 0.276 exguo)E1(uo)]. (3.7)

The parameteg is about 0.7 for transitions rb> nl’, and about 0.2 for transitions sk n'I’, n’
# n. E1(X) is the first exponential integral.

(i) For the radiatively forbidden case, Allen (1973) provides a semi-aogbiformula,

Cj = 5.465-10 T 2exp(—uo)l,
Q Iy
r = =2 3.8

with the collision strength2 (usually) being set to unity.



CHAPTER 3. MODEL ATOMS FOR NLTE LINE FORMATION COMPUTATIONSN
28 STELLAR ATMOSPHERES — A NITROGEN MODEL ATOM

Collisional bound-free transitions. Collisional ionizations caf become a dominant factor for the
coupling of high-lying levels to the continuum, whilst for the ground-statelawelying levels they
are rather inefficient because only few electrons have energiesigigle to overcome the threshold
for the reaction.

Cross-sections for ionization by electron impact are even less quantitinavn than the atomic
data for the previously discussed processes. Experimentally, onlyiimmZeom the ground-state are
usually covered, whilst on the theoretical side the situation is not much bétwrrertheless, rea-
sonable approximations can be applied in the majority of cases. Collisionadhimmzross-sections
are usually calculated in terms of the photoionization cross-section at ¢deah, using the Seaton
(1962) formula. This yields a collisional rate

- 3 — €%
where theg-factor is Z (charge) dependent, being 0.1, 0.2, and 0.3 for Z=1, Zr® Z>3, respec-
tively.

Other processes

For the construction of comprehensive model atoms to be used within thesisnaflystellar atmo-
spheres, the consideration of the above processes is sufficient icasest However, there are other
processes that might be relevant in certain cases and might need tosimeced as well, e.g., dielec-
tronic recombination for the Ni A A 4634-4640-4642 emission line formation problem, see Chapter 4.

Autoionization/Dielectronic recombination. If two electrons are excited within a complex
atom/ion with several electrons, they can give rise to states with energiebddothh and above the
ionization potential. States above the ionization limit, under certain selection maggreferentially
autoionize to the ground state of the ion plus a free electron.

Thus the ionization from an initial bound state A(i) to an ionized final staté)Acan occur either
directly,

hve +AG) — AT (f) +e, (3.10)

or by a (different) transition from the initial bound state A(i) to an intermediatgbty excited state
A above the ionization potential that finally autoionizes to(f.

hvo+A®) — A— AT (f) €. (3.11)

Photoionizations of the latter kind are produced by strong resonangebjiing Photo-Excitation of
the Core (PEC) resonances (Yan & Seaton, 1987). In this case, theigtization occurs due to
intermediate resonant state(s) in the core of the atom leading to autoioniztienthan in the direct
ionization of an excited electron. In this respect, PEC resonances di®ufaaly strong, because
they correspond to a single electron transition in which the outer electrorpecéasor and does not
change, giving rise to wide resonances in the total photo-ionization-sext®n (see Fig. 4.2), which
are produced by the strong dipole coupling that exists among the involved.sta

2 For high enough densities.
3 For cool stars, hydrogen collisions are needed as well.
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The inverse process is also possible, if an ion collides with an electroffficiesot energy, leading
to a doubly excited state. Generally, the compound state will immediately autoicyane @arge
autoionization probabilitiesA? ~ 10'® — 10* s1). In some cases, however, a stabilizing transition
occurs, in which one of the excited electrons, usually the one in the lowter ssaiatively decays
to the lowest available quantum state. This process is the dielectronic re@timibjrand can be
summarized as the capture of an electron by the target leading to an interndediblg excited state
that stabilises by emitting a photon rather than an electron.

Charge exchange. These reactions are collisional processes in which one or more eleetm®ns
transferred between atoms/ions,

X+YT = XT 1Y, (3.12)

with Y usually being H or He. This process is of major importance for coostar

3.2 The nitrogen model atom — Implementation intoFASTWIND

In the following, we describe the implementation of a new nitrogen model atom iateASTWIND
database. The complete nitrogen model atom comprises the ionization stagesNN/. The cor-
responding NI model ion was adapted from a previous one, developed by Becker &rEUE89).
Both N1v and Nv model ions were adapted from tem-basic atomic database (Pauldrach et al.,
1994).

In the present work, we had no intention to develop a ‘perfeat’ odel, since most of our
analyses deal with O-star spectra where becomes invisible, and particularly because N. Przybilla
and co-workers have already constructed such a model (basedeanli#n version, see Przybilla &
Butler 2001) which will be incorporated into our code after release. Wewe series of tests were
performed to ensure the goodness of the latter model ion, see AppendiXférent tests regarding
N 11I/N1v/N v model ions are performed in Chapters 4, 5, and 6.

3.2.1 Nil modelion

For the Nil model ion, we considered 50 LS-coupled terms, up to principal quantumbein = 4 and
angular momentum | = 3, where all fine-structure sublevels have be&aga®etailed information
about the selected levels is provided in Table 3.1. Three different spiarag are included (singlet,
triplet, and quintet), and all of them are treated simultaneously. A Grotriamadagpr each system
is presented in Fig. 3.1.

We account for some hundred permitted electric dipole radiative transitirsthe bulk of the
transitions, oscillator strengths were taken from calculations performékblker & Butler (1989).
However, for some transitions related to strong Nhes oscillator strengths were taken from NIST.
Radiative intercombinations i.e., transitions between levels from differéntsystems, were ne-
glected.

4 When calculating the final synthetic profiles we use, when necessaryntpacked levels by assuming thafg; —
with occupation numben; and statistical weighg; — is similar for each sub-level within a packed level, due to strong
collisional coupling.

5 http://www.nist.gov/physlab/data/asd.cfm, firstly described in Kellehelr 1299)
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Table 3.1: Electronic configurations and term designations of auniddel ion. The level numbers
correspond to the entries in the Grotrian diagrams in Fig. 3.1 for the singlétttapd quintet terms.

Configuration

Desig.

#

Configuration

Desig.

© 0O ~NO UL WN P H

18 28 2p7

18 28 2p?

18 28 2p?

18 2s 2p

12 25 2P

1€ 2s 2p

18 2s 2P

18 25 2pPP) 3s
1¢ 28 2p@PP) 3s
1€ 2s 2p

12 2 2pP°) 3p
18 28 2pPF°) 3p
1¢ 2s 2p

18 28 2pPF°) 3p
18 28 2pF°) 3p
18 28 2pPF°) 3p
18 28 2pF°) 3p
1 28 2p(F°) 3d
1€ 28 2p@F°) 3d
18 28 2p(PF°) 3d
1€ 28 2p@F°) 3d
18 28 2p(F°) 3d
1€ 28 2p@F°) 3d
12 2 2p@F°) 4s
18 28 2pPPP) 4s

207 3P
2r” D
27 1S
2p° °°
2p 3p°
2p° 3PP
2p® 1D°
3s°F°
3stpY
2p° 350
3plP
3p3D
2p° 1P
3p3s
3p3P
3p!D
3pls
3d3F°
3d1p°
3d3D°
3d3PP
3d'F°
3d'PP
4s3PP
4s'PP

26
27
28
29
30
31
32
33
34
35
36
37
38
39
40
41
42
43
44
45
46
47
48
49
50

18 28 2pPFP) 4p
12 28 2pF°) 4p
18 28 2pPF°) 4p
18 28 2pF°) 4p
18 28 2pPF°) 4p
18 2s 2¢(*P) 3s

12 28 2pPF°) 4p
12 28 2p@F°) 4d
1 28 2pPP°) 4d
12 28 2p@F°) 4d
12 2 2pPF°) 4d
12 28 2prPP) 4f
12 2 2pP°) 4f
1€ 28 2pF°) 4d
18 28 2pFP) 4f
1 28 2pPF°) 4d
18 28 2pFP) 4f
1 28 2pPPP) 4f
12 28 2p@PP) 4f
12 25 23(%P) 3s

18 2s 2¢(*P) 3p

12 2s 2p3(“P) 3p

18 2s 2¢(*P) 3p

1€ 2s 23(“P) 3p

18 2s 2¢(*P) 3p

4plP
4p°D
4p°P
4pss
4p'D
3s®S
4pls
4d3p0
4d1pO
4d3DpO
40d3P°
Af1F
4f 3F
4d1pF0
4f 3G
4d1P°
41 1G
4 3D
4 1D
3s8p
3p3s°
3p’°D°
3p°F°
3p3D°
3p°s°

Roughly one thousand collisional bound-bound transitions were corsideith corresponding
rates using the van Regemorter approximation in the radiatively permittedsgs®§) and following
the semi-empirical expression by Allen (1973) in the forbidden one (E¢. R&diative ionization
cross-sections to the ground state and the first and second excitedstdt@shave been derived by
Becker & Butler (1989), and adapted to the representation suggestgdabygn (1958), see Eq. 3.2.
Collisional ionization cross-sections were calculated using the Seato)(f@éula (Eq. 3.9).

3.2.2 Nl model ion

Our N1t model ion consists of 41 levels. LS-coupled terms up to principal quantumbeun= 6

and angular momentum= 4 have been considered. Table 3.2 provides detailed information about
the selected levels. Like for theiNmodel ion, all fine-structure sub-levels have been packed into one
LS-coupled term. Two spin systems (doublet and quartet) are prestireated simultaneously. A
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Figure 3.1: Grotrian diagrams for theiNsinglet (upper panel; left), triplet (upper panel; right) and
quintet (lower panel) systems. Level designations refer to Table 3.1.rammptical transitions are
indicated by green lines, and numbers refer to entries in Table 3.5.

Grotrian diagram for each system is presented in Fig. 3.2.

All allowed electric dipole radiative transitions between the 41 levels areiated for, giving rise
to 193 transitions. Unlike for our (simplified) N model, we account also for radiative intercombi-
nation transitions between the two spin system, with a total of 357 radiativeldmaumd transitions.
Oscillator strengths have been taken from NIST when possible, and@tsétfewm-basic databas®.
NIST N 111 data are mostly from Bell et al. (1995), and from OPACITY project dalibons by Fernley
et al. (1999).

6 See Pauldrach et al. (1994). In brief, the atomic structure sos#e&ERSTRUCTUREEIissner & Nussbaumer 1969; Eissner
1991) has been used to calculate all bound state energies in LS and blisgem@®upling as well as related atomic data,
particularly oscillator strengths including those for stabilizing transitions.
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Table 3.2: Electronic configurations and term designations of auridodel ion. The level numbers
correspond to the entries in the Grotrian diagrams, Fig. 3.2.

# Configuration Desig.| # Configuration Desig.
1 1829(1S)2p  2p°P° [22 1€ 2s2pfPP) 3p 3p’°D
2 122s2p 207 P |23 12 2s2pfPY) 3p 3p’?S
3 182s2p 2P 2D |24 12 2s2pfPY) 3d 3d'4F°
4 18 2s2p 2P %S |25 1€ 2s2pfPP) 3d 3d'“D°
5 18 2s2p 2P %P |26 1€29(1S)5s 58S

6 15 2p° 2p® 40 | 27 12 2s 2pfPP) 3d 3d’2D°
7 1 2p° 2p°2D° | 28 12 2s 2pfPY) 3d 3d'4F°
8 1£29(1S)3s  3S |29 1€29(!S)5p  5pPF°
9 18 2p° 2p° 2P° |30 1€ 2s2pfPY) 3d 3d'?F°

10 1€28(3S)3p  3p?P° |31 1229(*S)5d 5D
11 122(!S)3d  3d°D |32 1€ 2s2pfP°) 3d 3d'2P°
12 12 2s2pfPY) 3s 3sP° |33 18 28(1S)5f  5f2F°
13 18 2s2pfPY) 3s 3s?P° |34 1€29(1S)59  5¢°G
14 1229('S)4s  49S |35 1225(!S)6p  6pP°
15 1€ 2s2pfP%) 3p 3p’?P |36 1$25(1S)6s  68S
16 12 2s2pfP)3p 3p’*D |37 1¢2s2ptPY) 3s 3s"2F°
17 1225(1S)4p  4p?F° |38 1£229(!S)6d  6d°D
18 122s2pfP’) 3p 3p’*S |39 1g29(!S)6f  6f2F°
19 122s2pfP) 3p 3p'*P |40 1$25(1S)6g  6¢°G
20 1$22(1S)4d 4D |41 13 2s2pfFP) 4s 4sPP
21 1€29(1S)4f  4f?F°

With respect to bound-bound collisional transitions with rate coeffici€y)tswe account for
roughly one thousand transitions between all levels. Three differentingpigations have been used.

(i) For all collisions between the 11 lowest levels? Zp, 2s 28, 2p°, and 28 3l (I = s, p, d),
(including doublet and quartet terms), we use the collision strengths adatatt by Stafford
et al. (1994), from theab-initio R-matrix method (Berrington et al., 1987). These authors
provide analytic fits to the effective collision strengtlgsas a result of the collisions between
all fine structure levels. The data have been fitted to a Chebyshev polyrexpénsion of the
form

1 N
In(y) = >+ > anTn(x), (3.13)
n=1
whereT, is the Chebyshev polynomial of the first kind of degreendx is

x = 0.5425191rfT,) — 5.620738 (3.14)

whenTg is expressed in units of [K].
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Figure 3.2: As Fig. 3.1, but for the N doublet (left) and quartet (right) system. Level numbers refer
to Table 3.2. Important optical transitions are indicated by green lines,lanters refer to Table 3.5.

To adapt the data to our level structure, for each ofpmakedransitions among the LS-coupled
terms the effective collision strengths for all corresponding fine streaamponents need to
be summed up. Finally, the collision strength is related to the collisional rate aieeffivia
Eqg. 3.3.

(i) For most of the optically allowed transitions between higher levels (i.e., feval 11 as the
lower one on), the van Regemorter approximation (Eq. 3.6) is applied.

(ii) For the optically forbidden transitions and the remainder of optically alloaeés, the semi-
empirical formula from Allen (Eqg. 3.8) is used.

Photoionization cross-sections have been taken from the OPACIT YdParjkne atomic database
TOPbasé (Cunto & Mendoza 1992). These cross-sections have been computeerhley et al.
(1999) by the R-matrix method using the close-coupling approximation artdinacgomplex reso-
nance structures, particularly PEC resonances (see Sect. 3.1.2).

For excited N1 levels with no OPACITY data available (5§ and 6g?G) and in those cases
where we apply the ‘explicit’ method for dielectronic recombination (see @ha}), ‘'smooth’ pho-
toionization cross-sections are used, provided in terms of the Seatd) @@&roximation by Eq. 3.2.
The required parameters are taken fromwhe-basic atomic database. For most transitions, a reason-
able consistency between these data and data from the OPACITY pragelseln found, cf. Fig. 4.2.

The most important dielectronic recombination and reverse ionization gexese treated by
the ‘explicit’ method (in particular, recombination to the strategic 3d level). €&ponding atomic
data (wavelengths and oscillator strengths of the stabilizing transitiongpandgtiewm-basic atomic
database as well.

7 http://cdsweb.u-strasbg.fritopbase/topbase.html
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Table 3.3: Electronic configurations and term designations of auridodel ion. The level numbers
correspond to the entries in the Grotrian diagrams in Fig. 3.3.

# Configuration  Desig.| # Configuration  Desig.
1 1829 28 1S 26 1¢ 2p(2Pg/2) 3d 3d'IP°
2 1€2s2p 20°P0 |27 12 2s4p AptPP
3 1€2s2p 2ptP° |28 18 2s4d 46D
4 1 2s2p 2p°P |29 1% 2p€Pg/2) 3d 3d'°F°
5 18 2p? 2p” D |30 1€2s4d 4d'D
6 182p° 207 1S 31 1¢ 2p(2Pg/2) 3p 3p'ls
7 1€ 2s3s 39S [32 1€ 2s4f 4f3F0
8 1¢2s3s 3¢S (33 1¢ 2p(2Pg/2) 3d 3d'1P°
9 1€2s3p 3ptPY |34 18 2s 4f 4f1F0
10 1€ 2s3p 3p°P° |35 1€ 2s5s 58S
11 1€2s3d 3D |36 1€2s5s 58S
12 1€ 2s3d 3d'D |37 18 2s5p 5p>P0
13 1€ 2pPP) 3s 3s3PP |38 1£2s5p 5ptPP
14 18 2p(2Pg/2) 3s 3PP |39 1¢€2s5d 58D
15 18 2p(2P2/2) 3p 3p’lP |40 1€ 2s5d 5d'D
16 1€2pPPY)3p 3p’3D |41 18 2s5g 5¢'G
17 18 2p(2Pg/2) 3d 3d'3S |42 1€2s5g 50°G
18 18 2p(2P§/2) 3d 3d'1D%|43 1¢ 2s5f 5f3F0
19 1€ 2s4s 43S |44 12 2s5f 5f1F0
20 1€2pPP°) 3p 3p'3P |45 1€ 2s6s 6S'S
21 1€2pPP°)3d 3d'3F° |46 1€ 2s6s 65S
22 1¢ 2p(2Pg/2) 3p 3p’lD |47 12 2s6p 6p°PP
23 12 2s4p 4p°P° |48 1€ 2s6p 6ptP°
24 12 2s4s 43S |49 12 2s6d 6D
25 122p@PP° 3d 3d'3D° |50 1% 2s6g 60°G

Finally, the cross-sections for collisional ionization are derived as okt model ion, following
the Seaton (1962) formula as given in Eq. 3.9.

3.2.3 Niv model ion

This model ion also consists of 50 LS-coupled terms, up to principal quantunbern = 6 and
angular momenturh = 4, with all fine-structure sublevels packed into one term. Table 3.3 p®vide
detailed information about the selected levels. Two spin systems (singletipled) twere treated
simultaneously (Fig. 3.3). All allowed electric dipole radiative transitions betwike 50 levels were
considered, as well as radiative intercombinations, with a total of 520iticarss Corresponding
oscillator strengths were drawn from either NIST when available or ofkerfvom thewm-basic
database. Furthermore, we considered roughly one thousand bound-collisional transitions be-
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Figure 3.3: As Fig. 3.1, but for the N singlet (left) and triplet (right) system. Level numbers refer
to Table 3.3. Important optical transitions are indicated by green lines,anters refer to entries in
Table 3.5.

tween all levels, with effective collision strengths among the 12 lowest LiBsst28, 2s 2p, 26, and
2s 3, (I=s,p,d), comprising singlet and triplet terms, from R-matrix computatignRamsbottom
et al. (1994).These authors provide analytic fits to the effective collidr@emgths,y, for collisions
between all fine structure levels. Remaining transitions without detailed dealleess the collisional
ionizations were treated as iniN

Photoionization cross-sections were taken from calculations by Tully(@#10) from the OPAC-
ITY Project data. For excited levels without available OPACITY Projetadag'G, 59°G, 6s'S,
and 6¢°G, see Table 3.3), resonance-free cross-sections were useidlggrin terms of the Seaton
(1958) approximation (Eq. 3.2) with parameters from the-basic database. Finally, the most im-
portant dielectronic recombination and reverse ionization processesmglicitly accounted for by
means of exploiting the OPACITY Project photo cross-sections. Only éofeilv levels without these
data we applied the ‘explicit’ method, using the stabilizing transitions on top ohesge-free photo
cross-section (see Chapter 4), with corresponding data\fverrbasic.

3.2.4 Nv modelion

Our model of this lithium-like ion (one doublet spin system) consists of 27 lewrstfyding LS-
coupled and packed terms uprie= 7 andl = 6 (see Table 3.4 for details and Fig. 3.4 for a Grotrian
diagram). All allowed electric dipole radiative transitions were accountedafith a total number

of 102 radiative bound-bound transitions and oscillator strengths fvervbasic. Collisional excita-
tions and ionizations were treated as im Nwhilst photo cross-sections, in terms of the Seaton 1958
approximation (Eqg. 3.2), were also taken from the-basic atomic database.

The resulting Ni/1i/1v/v model atom accounts for 178 LS-coupled energy levels, with more
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Table 3.4: Electronic configurations and term designations of ounibdel ion. The level numbers
correspond to the entries in the Grotrian diagram Fig. 3.4.

# Configuration Desig. # Configuration Desig.
1 1€ 2s 2°S |15 1€ 6s 6s°S
2 1€ 2p 2p%P° |16 12 6p 6p2P°
3 1€ 3s 3s?S |17 1€ 6d 6d2D
4 18 3p 3p%P° |18 1% 6f 6f 2F9
5 1< 3d 3d?D |19 1% 69 69°G
6 1< 4s 45?°S |20 1€ 6h 6h2HO°
7 12 4p 4p°FP |21 18 7s 7s°S
8 1g4d 4d’D |22 1€ 7p 7p2F°
9 1< 4f 4f2F0 |23 12 7d 7d%D
10 1€ 5s 5s?S |24 12 7f 7f 2P0
11 1€5p 5p%P° |25 12 7g 79°G
12 1€5d 5d2D |26 1€ 7h 7h2H0
13 1¢ 5f 5f2F0 |27 1< 7i 7i 2|
14 18 5¢ 59°%G

1X10°IIIIIIIIIIIIIIIIIIIIIIIIIII

8x10%= =

=2 —%=% - =% 7
—10 —11—12 —13—14

6x10°-—6 —7—8 —9 n

4x10°- -

2x10° -

—2 N V DOUBLET SYSTEM

Figure 3.4: As Fig. 3.1, but for the Wmodel ion. Level numbers refer to Table 3.4. Important optical
transitions are indicated by green lines, and numbers refer to entrieslen3[ab
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than 1100 radiative and more than 3800 collisional bound-bound transitiansalculate the final
synthetic profiles, we adopted Voigt profiles in the formal solution. Cemteafelengths of the ob-
served transitions are taken from NIST. Radiative damping parame¢siroar the Kurucz databaSe,
and collisional damping parameters (broadening by electron impact) areuteshgccording to Cow-
ley (1971).

3.3 Diagnostic nitrogen lines in the optical

Table 3.5 presents a set of 51 nitrogen lines visible in the optical (and atljapectra of OB-stars,
along with the position of potential blends. Included are the connected [goetorresponding term
designations, see Sect. 3.2) and multiplet numbers to provide an impreshimn ofany independent
lines are present. This set of lines (labeled by '+’ in Table 3.5) is useth&mwretical comparisons
with different atmospheric codes (Chapters 4, 6 and Appendix A) asasdibr analysis of stellar
spectra by line profile fitting to observed spectra (Chapters 5 and 6).

Lines from Nl (visible in the spectra of B and late O-stars) have been selected aftéulcare
comparisons with profiles calculated by N. Przybilla (priv. comm., see AgigeA). Only one of the
suggested lines, N A3995, is completely isolated and remains uncontaminated even at high rotation
rates. Moreover, this is one of the strongest khes located in the optical region, making it a good
choice for deriving nitrogen abundances. Other useful lines ard 667 andA5679, where the
former is moderately strong and the latter has roughly the same strengtine3995.

Prominent lines from M1, N1v, and Nv are among the most well-known features in O-stars and
can be used to infer nitrogen abundances as well as effective tempsréiuthe earliest subtypes
from the reaction of the N//N v ionization equilibrium, see Chapters 5 and 6. In a similar line of
reasoning, Walborn et al. (2002) used the/N 4058 emission line in combination withINAA 4634-
4640-4642 to split the degenerate O3 spectral type (Walborn, 19taddhiee different types 02, O3,
and O3.5, relying on the N//N 111 emission line ratio, see Chapter 6.

The set of N1 lines can be split into five different groups. Lines that belong to the ficimy
(#2,5,9-11 in Table 3.5), &¢A4097, 4379, and 4634-4640-4642 are produced by cascade pro-
cesses of the (doublet) serie$ 25 nl with n= 3,4,5 andl = s, p, d, f, g, and additional (over-)
population of the 3d level (level #11 in Table 3.2). The emission triplet e4634-4640-4642 is
typically used to discriminate O-stars with such line emission from pure absaiipi®objects (Wal-
born 1971b). Seminal work carried out by Mihalas & Hummer (1973) satggl that emission at
these lines is formed by a complex photospheric NLTE processes ratinelbyhemission in an ex-
tended atmosphere. A deeper insight into this matter is provided in Chaptbedes we also provide
first predictions using state-of-the-art atmospheric codes. The deponp (lines #6-8)A A4510-
4514-4518, results from transitions within the quartet system. We cormidiethe three strongest
components of the corresponding multiplet, that are also the least bleneledTdre third group (lines
#1,3,4) represents three lines,/a 4003, 4195, and 4208, that are formed between higher lying
levels within the doublet system. These lines are weaker than the ones &agrethous two groups,
but still worth to use them within a comparison of codes and also within a finaddemce analysis.
Note that Nl A4195 and N11A4200 are located within the Stark-wing and the core ofind200,
respectively, which requires a consistent analysis of the total line comigless atA A 5320, 5327A
(#12-13) andh A 6445, 6450, 6454, 646K (#14-17) comprise the fourth and fifth group, respectively.

8 www.pmp.uni-hannover.de/cgi-bin/ssi/test/kurucz/sekur.html
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The former set of lines is located in a spectral region that is rarely obdeand the latter comprises
a multiplet from the quartet system, in the red part of the visual spectrum.

Table 3.5: Diagnostic nitrogen lines in the optical (and adjacent) spectrugarbf B- and O-type
stars, together with potential blends. Line numbers for, N 111, N1v, and Nv refer to important
transitions as indicated in Figs. 3.1, 3.2, 3.3 and 3.4, respectively. Multiptabars for Ni/N 111

are from Moore (1975), and for N/N v from Moore (1971). Lines used within the present work
are labeled by ‘+’. Lower and upper levels of the transitions are dermtedcombination of ion and
level number according to Tables 3.1, 3.2, 3.3, and 3.4, e.g., ‘N29’ measisf@ of Nii.

lon Transiton ~ Multiplet Line Wavelength) Blends Used
N1 N29-N216 12 1 3994.99 - +
N211 - N219 15 2 4447.03 D A4446.81, 4447.67,4448.19, +
Ol A4447.79
N28 - N215 5 3 4601.47 O 24602.13, 4603.23, +
N1l A4604.18
N28 - N215 5 4 4607.16 © 24609.44, 4610.20, +
N1l A4605.16, Nel A4606.70
N28 - N215 5 5 4621.39 O 24621.27, +
NIl A4621.04, 4623.05,
Sill A4621.72
N28 - N215 5 6 4630.54 O A4630.77, Nl A4630.61, +
Silv A4631.24
N28 - N215 5 7 4643.09 © 24641.81, 4643.89, -
N1l A4641.85
N212 - N218 19 8 5005.15 @ A5006.84 -
N214 - N221 24 9 5007.33 @ A5006.84 -
N28 - N214 4 10 5045.10 N A5046.53 -
N28 - N212 3 11 5666.63 T A5662.47 -
N28 - N212 3 12 5676.01 N A5679.55 -
N28 - N212 3 13 5679.55 N A5676.01 -
N28 - N212 3 14 5710.77 9iA5707.20 -
N215 - N220 28 15 5941.65 NA5940.24, NIl A5943.44 -
N1 N320 - N333 17 1 4003.58 D A4007.46 +
N38 - N310 1 2 4097.33 © A4097.26, 4098.24, +
Hs A4101.74
N313 - N322 6 3 4195.76 D A4192.52, 4196.26, +
Sill A4195.59,
Hell A4200.00
N313 - N322 6 4 4200.07 He A4200.00 -
N321 - N334 18 5 4379.11 D A4378.03, 4378.43, +
Cill A4379.47,
N1 A4379.59
N312 - N316 3 6 4510.88 NI A4510.92, Nel A4511.42 +

N312 - N316 3 7 4514.86 O A4513.83, +
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Table 3.5 — continued from previous page

lon Transition  Multiplet Line Wavelength) Blends Used
N Nell A4514.88,
Ciit A4515.81, 4516.77
N312 - N316 3 8 4518.14 NeA4518.14, +
O11l A4519.62
N310 - N311 2 9 4634.14 B A14631.24, Qv 14632 +
N310 - N311 2 10 4640.64 D A4638.86, Sill A14638.28 +
N310 - N311 2 11 4641.85 (DA4641.81, 4643.39, +
N1 A4643.08
N322 - N330 21 12 5320.82 DA5322.53 -
N322 - N330 21 13 5327.18 - -
N319 - N325 14 14 6445.34 - -
N319 - N325 14 15 6450.79 © 2644990 -
N319 - N325 14 16 6454.08 DA6457.05, NI A6457.68 -
N319 - N325 14 17 6467.02 - -
Niv  N47-N410 1 1 3478.71 - +
N47 - N410 1 2 3482.99 - +
N47 - N410 1 3 3484.96 - +
N49 - N412 3 4 4057.76 G A4056.06, 4059.56 +
N48 - N49 2 5 6380.77 @1 A6378.34, 6383.30, +
DIBs A6376.08,6379.32
N413 - N416 5 6 5200.41 @ 1519822 -
N413 - N416 5 7 5204.28 N 2520515 -
N413 - N416 5 8 5205.15 N 2520428, -
O A520665
N410 - N411 4 9 7103.24 - +
N410 - N411 4 10 7109.35 - +
N410 - N411 4 11 7111.28 - +
N410 - N411 4 12 7122.98 - +
N410 - N411 4 13 7127.25 - +
N410 - N411 4 14 7129.18 - +
N v N53 - N54 1 1 4603.73 NI A4604.18, 4605.16, +
Niv A4606.33
N53 - N54 1 2 4619.98 Sil 14619.66, +
Nl A4621.04, 4623.05
N518 - N525 9 3 4943.17 O 2494129 -
N519 - N526 10 4 4943.97 © 2494129 -
N520 - N527 10.01 5 4945.29 - -

N 1vA4058 and NvA6380 connect the ‘neighboring’ levels of the singlet seriés2k8 with
| = s,p,d (levels #8, 9, and 12 in Table 3.3).1\M 4058 (if present) is observed in emission in the
majority of stars, and has been suggested to be formed by photosphéiicpihcesses, in analogy
to the Nin triplet emission. Note that there is no detailed analysis of the line formation ggoce
So far, only Taresch et al. (1997) and Heap et al. (2006) simulatedethavior of this line as a
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function of effective temperature. Heap and collaborators found emigsidhis line using the plane-
parallel atmospheric codeLusTy (Hubeny 1988; Hubeny & Lanz 1995), which supports the idea
that the emission is of photospheric origin and that velocity fields are noiregtjto explain the
basic effect. Other arguments for the photospheric origin ofANM058 are the agreement with other,
absorption line profiles as a functionwsini, unshifted radial velocities, and lack of P Cygni profiles
(N. Walborn, priv. comm.). In Chapter 5, we investigate thiyN4058 line formation. Interestingly,

N 1VA 6380 appears clearly in absorption in O-star spectra, and seems to ptalaam®le as the Nii
absorption lines ak A4097— 4103 in the NIl emission line problem (see Chapter 4). We note that
N1vA6380 can be significantly affected by the presence of two diffuse intlarsbands (DIBs) at
AA637608,637932 (Herbig 1975; Krelowski et al. 1995), the latter of which is strongegdidening

is significant. Fortunately, the stars analyzed in this work are subject telbdening, and these DIBs
only minorly affect some of the observed WA 6380 lines (e.g. N11-038, Fig. C.8).

As for the previous pair of W lines, NivA6380 and Nv A4058, the Nv multiplets around
3480A and 7103-7129 are also formed between levels of the same series (here within the triplet
system — levels #7, 10, and 11 in Table 3.3), and seem to mimic the behavicesef lihes: at
least in the earliest O-star regime they are prominent features, wherertherfmultiplet appears in
absorption and the latter in emission. Both line complexes are widely used int&v/Bralyses, and
the emission in the latter multiplet is a strong feature in most WR spectra. The |&rkis$ion at
this multiplet and also at N'A4058 has been used for classification purposes in different WR-star
studies (e.g., Negueruela & Clark 2005). Likewise, the multiplet aroun@® #4Bas been used by
Walborn et al. (2004) to infefe and nitrogen abundances for a set of O2 stars. The remainivig N
lines listed, NvAA5200— 5204— 5205, also belong to the triplet system, and appear, if present, in
absorption for O-stars.

Finally, Nv lines atAA4603-4619 are produced by transitions between the fine-structureoeomp
nents of 3sS and 3p?FP (levels #3 and 4 in Table 3.4). These doublet lines are strong absorption
features in the earliest O-stars, showing sometimes extended absorptieir iblle wings or even
pronounced P-Cygni profiles (e.g., N11-031, Fig. C.7), revealingitiey can be formed in the wind.
Therefore, mass-loss and wind-clumping will clearly influence the formaticdhese lines. Besides,
we also list N\vAA4943— 4945, which become important, (almost) isolated diagnostic lines in the
spectra of very early, nitrogen rich O- and WNL-stars. Note that to ussetlines, we would need
to extend our NV model ion, including high-lying levels, to allow for cascading processestirgo
corresponding upper levels at n = 7, which are our present uppeames.



Chapter 4

Nitrogen Ill emission line formation
revisited

This chapter is - to a major fraction - a copy of Rivero Galez, Puls, & Najarro (2011), Astronomy
& Astrophysics, 536, A58. There are some revisions from the origieedion, to allow for a better
clarity and consistency of this thesis: The information about the dielectren@mmbination process
and the NI model ion were moved to Chapter 3. Section 4.2 was extended for a beterstantling
of the 'Of’ problem. The original Appendix A was incorporated into Se@.2, whereas the original
Appendix B was moved to Chapter 3. The original Appendix C corresptméppendix B.1 within
this thesis.

Abstract. Evolutionary models of massive stars predict a surface enrichment ofjeitr due to
rotational mixing. Recent studies within tMLT-FLAMES survey of massive stdnave challenged
(part of) these predictions. Such systematic determinations of nitrogerdahces, however, have
been mostly performed only for cooler (B-type) objects. For the most meassid hottest stars,
corresponding results are scarce.

This is the first paper in a series dealing with optical nitrogen spectrosfapytype stars, aiming
at the analysis of nitrogen abundances for stellar samples of signifizantosplace further constraints
on the early evolution of massive stars. Here we concentrate on the fonnmdtibe optical Nii
lines atAA4634-4640-4642 that are fundamental for the definition of the diffem@wrphological
‘f’-classes.

We implement a new nitrogen model atom into the NLTE atmosphere/spectrunesimtode
FASTWIND, and compare the resulting opticaliNspectra with other predictions, mostly from the
seminal work by Mihalas & Hummer (1973, ApJ 179, 827, ‘MH’), and frtime alternative code
CMFGEN.

Using similar model atmospheres as MH (not blanketed and wind-free)renatoée to reproduce
their results, in particular the optical triplet emission lines. According to MHsdtstould be strongly
related to dielectronic recombination and the drain by certain two-electroritinass However,
using realistic, fully line-blanketed atmospheres at solar abundancds\thiele of the dielectronic
recombinations controlling these emission features is superseded — far G@eaditions — by the
strength of the stellar wind and metallicity. Thus, in the case of wind-freekwéad) models, the
resulting lower ionizing EUV-fluxes severely suppress the emission. An#ss loss rate is increased,
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pumping through the NI resonance line(s) in the presence of a near-photospheric velocityifee)d
the Swings-mechanism) results in a net optical triplet line emission. A comparviionesults from
CMFGEN is mostly satisfactory, except for the range 30,00 K¢ < 35,000 K, whereCMFGEN
triggers the triplet emission at low@gs than FASTWIND. This effect could be traced down to line
overlap effects between theiN and Oill resonance lines that cannot be simulatedhgTwWIND so
far, due to the lack of a detailedi® model atom.

Since the efficiency of dielectronic recombination and ‘two electron dr&iohgly depends on the
degree of line-blanketing/-blocking, we predict the emission to becomegstram a metal-poor en-
vironment, though lower wind-strengths and nitrogen abundances mighteract this effect. Weak
winded stars (if existent in the decisive parameter range) should disgkairilglet emission than their
counterparts with ‘normal’ winds.

4.1 Introduction

One of the key aspects of massive star evolution is rotational mixing and its imigaclutionary
models including rotation (e.g., Heger & Langer 2000; Meynet & Maed@028rott et al. 2011a)
predict a surface enrichment of nitrogen with an associated carbdetidealuring the main sequence
evolution! The faster a star rotates, the more mixing will occur, and the larger the nitsagéace
abundance that should be observed.

Several studies (Hunter et al., 2008a, 2009b; Brott et al., 201118 ¢t@sllenged the predicted
effects of rotational mixing on the basis of observations performed withivtieFLAMES survey
of massive stars (Evans et al., 2006). These studies provide thetditistisally significant abun-
dance measurements of Galactic, LMC, and SMC B-type stars, coverirapd tange of rotational
velocities.

For the Galactic case, the mean B-star nitrogen abundance as derivéhisr et al. (2009a)
is in quite good agreement with the corresponding baseline abundancéheRdagellanic Clouds
stars, however, the derived nitrogen abundances show clearlyegbenme of an enrichment, where
this enrichment is more extreme in the SMC than in the LMTheoretical considerations have ma-
jor difficulties in explaining several aspects of the accumulated results: Witleirpopulation of
(LMC) core-hydrogen burning objects, both unenriched fast rataad highly enriched slow rota-
tors have been found, in contradiction to standard theory, as well alysioating, highly enriched
B-supergiants (see below). Taken together, these results imply thaaslaothtional mixing might
be not as dominant as usually quoted, and/or that other enrichmensgesamight be present as well
(Brott et al., 2011b).

Interestingly, there exist only few rapidly rotating B-supergiants, sineectis a steep drop of
rotation rates belowes =~ 20 kK (e.g., Howarth et al. 1997). Recently, Vink et al. (2010) tried to
explain this finding based on two alternative scenarios. In the first goetize low rotation rates of
B-supergiants are suggested to be caused by braking due to an éatmeass loss fofes < 25 kK,
related to the so-called bi-stability jump (Pauldrach & Puls, 1990; Vink et @0QR@ince the reality
of such an increased mass loss is still debated (Markova & Puls, 20B8efal., 2010), Vink et al.
(2010) discuss an alternative scenario where the slowly rotating Bggapts might form an entirely

1 Due to a rapid achievement of the CN equilibrium, whilst the oxygen deplétiphied by the full CNO equilibrium is
only found in rapidly rotating and more massive stars at later stagesBeogt et al. 2011a.
2 Baseline abundances for all three environments fromrelgions and unevolved B-stars, see Hunter et al. (2007).
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separate, non core hydrogen-burning population. E.g., they mightdoligts of binary evolution
(though this is not generally expected to lead to slowly rotating stars), omtiigdyt be post-RSG or
blue-loop stars.

Support of this second scenario is the finding that the majority of the cddi&€) objects are
strongly nitrogen-enriched (see above), and Vink et al. argue tithbtayh rotating models can in
principle account for large N abundances, the fact that such a lamgéer of the cooler objects is
found to be N enriched suggests an evolved nature for these stararefuknitrogen analysis of their
(early) progenitors, the O-type stars, will certainly help to further cairstthese ideas and present
massive star evolution in general. Note that one of the scientific drivereaurrent VLT-FLAMES
Tarantula survey (Evans et al., 2011) is just such an analysis of areegented sample of ‘normal’
O-stars and emission-line stars.

Until to date, however, nitrogen abundances have lsgstematicall\derived only for the cooler
subset of the previous VLT-FLAMES survey, by means of analyzingd@lbne, whereas correspond-
ing results are missing for the most massive and hottest stars. More ljjenenan inspecting the
available literature for massive stars, one realizes that metallic abundam@asticular of the key
element nitrogen, have been derived only for a small number of O-type(stg., Bouret et al. 2003;
Hillier et al. 2003; Walborn et al. 2004; Heap et al. 2006). The simpleoreé&sthat they are dif-
ficult to determine, since the formation ofiN/N I1v lines (and lines from similar ions of C and O)
is problematic due to the impact of various processes that are absergligiliie at cooler spectral
types.

One might argue that the determination of nitrogen and other metallic abursdaincetter stars
could or even should be performed via UV wind-lines, since these ardyclgsible as long as the
wind-strength is not too low, and the line-formation is less complex and lesendept on accurate
atomic models than for photospheric lines connecting intermediate or eveityinighevels. Note,
however, that the results of such analyses strongly depend on the@gms regarding and the
treatment of wind X-ray emission and wind clumping (Puls et al. 2008 anderafes therein). A
careful photospheric analysis, on the other hand, remains rathdectealfby such problems as long
as X-ray emission and clumping do not start (very) close to the photaspdued we will follow the
latter approach, concentrating on optical lines.

This paper is the first in a series of upcoming publications dealing with nitregectroscopy of
O-type stars. The major objective of this project is the analysis of optieakispfrom stellar samples
of significant size in different environments, to derive the correspgnitrogen abundances which
are key to our understanding of the early evolution of massive stars.elprésent study, we will
concentrate on the formation of the opticaliNemission lines afA A 4634-4640-4642, which are
fundamental for the definition of the different morphological ‘f’-classBuring our implementation
of nitrogen into the NLTE-atmosphere/line formation cedsTwIND (Puls et al., 2005) it turned out
that the canonical explanation in terms of dielectronic recombination (Mihalds&mer, 1973) no
longer or only partly applies when modern atmosphere codes includinglbokhg/blanketing and
winds are used to synthesize theiNspectrum. Since the f-features are observed in the majority of O-
stars and strongly dependent on the nitrogen abundance, a thossimylestigation of their formation
process is required, in order to avoid wrong conclusions.

This chapter is organized as follows: First, (Sect. 4.2) we recapitulatopeeexplanations for
the NI triplet emission, in particular the standard picture as provided by Mihalas&rhier (1973).
In Sect. 4.3 we discuss the dielectronic recombination process and its impléoreimii® FASTWIND.

In Sect. 4.4 we investigate the dependence of the triplet emission on varamespes. \We compare
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our results with corresponding ones from the alternative acdeGeN (Hillier & Miller, 1998) in
Sect 4.5, and discuss the impact of coupling withiQ@ia corresponding resonance lines in Sect. 4.6.
The dependence of the emission strength on specific parameters is éisicuSsct. 4.7, and Sect. 4.8
provides our summary and conclusions.

4.2 NIl emission lines from O-stars - status quo

The presence of emission in thelNtriplet at A A 4634-4640-4642, in combination with the be-
haviour of Hell A4686, is used for classification purposes and to discriminate O-stars withisec
emission from pure absorption-line objects. Walborn (1971b) introdtieetbllowing classes: ((f)),
weak NIl emission and strong Heabsorption (e.gA Ori); (f), N 111 in emission and He in weak
absorption (e.g, HD 15558); f, bothIiN and Hell in emission (e.g.A Cep); f*, both lines and Sv
AA4089— 4116 in emission (e.g., HD 15579).

The importance of the NI emission lines in the spectra from Of stars leads to questioning their
formation mechanism and to their relation with stellar/atmospheric parameters.gdbamik on this
topic has been performed by Bruccato & Mihalas (1971) and Mihalas & Hunih®&3). As pointed
out in the former investigation, the emission lines originate in the stellar atmosahdreot in an
“exterior shell” (see also Heap et al. 2006 for more recent work)uggested for emission lines from
objects of different nature, e.g., emission lines formed in the solar corona.

The most plausible explanation is by invoking NLTE effects (see also S&ct)2In NLTE, line
emission occurs when the corresponding source function is sufficiergly & formation depths, i.e.,
larger than the continuum intensity at transition frequengySuch a large source function becomes
possible if the upper level of the transition is (considerably) overpopllatd respect to the lower
one, i.e., ifby > by (with by andb; the corresponding NLTE departure coefficients of upper and lower
level). Note that both quantities can lie below unity.

For the Niii triplet produced by the 26'S) 3p2P° - 282(1S) 3d?D transitions (see Fig. 4.1), such
a mechanism should result in a (relative) overpopulation of the uppdr B&/&D. In the early work
about Of stars, the fluorescence mechanism developed by Bowes) (123been suggested to trigger
such an overpopulation, where this mechanism had been originally intolkegblain the presence of
O and Niit emission lines in nebular spectra. Many authors (Swings & Struve 1940gSw/948;
Oke 1954) argued against the relevance of the Bowen mechanism inrQflstaause of the lack of
Ol emission lines a A 3340, 3444, 375% which are connected to the involved levels.

An alternative suggestion is due to Swings (1948) and relies on an intenfalum that may
directly (i.e., without involving oxygen) pump the resonance transitiof®p 3d2D (thus producing
the required overpopulatiobgg > bgp) as well as 2FP° - 3s2S, while the transition 2pP° - 3p 2P°
is radiatively forbidden. The implied overpopulation of leve’$ due to pumping may then explain
why the transitions 3%S - 3p?P” atA A 4097-4103 are always in absorptidid> bsp). Without such
pumping of the 3s level, an auxiliary draining mechanism for the 3p level datkesince otherwise
an overpopulatiors, > bss, would occur due to cascade processes. This overpopulation would imply
the presence of emissionah 4097-4103, which is not observed in Of stars.

Indeed, the anomalous ‘two electron transitions® ¢58,2P,?D) - 3p2PX with transition probabil-
ities comparable to the 3p- 3s one electron transition have been identified by Nikitin & Yakubovskii

3 Recently the T designation has become obsolete since the ®imission atA A4089— 4116 is now established as a
common feature in normal O-type spectra (Sota et al., 2011).
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Figure 4.1: Grotrian diagram displaying the transitions involved in the Emission lines prob-
lem. The horizontal line marks theIN ionization threshold. The NI AA4634-4640-4642 triplet is
formed by the transitions 3é> 3p, while the absorption lines atA 4097-4103 are due to the transi-
tions 3p— 3s. An effective drain of 3p is provided by the ‘two electron transitioms8 2p? (%S, 2P,
2D). The levels above the ionization limit are the autoionizing levels that feeti3dwda dielectronic
recombination (Sect. 4.3.1). Cascade processes:(8€) can overpopulate the 3d state as well. The
Swings mechanism involves the resonance transitions 3s and 2p— 3d. Note that the (energetic)
positions of the autoionizing niveaus have been shifted upwards fatyclar

(1963) as potentially important draining processes. Calculations by &wd& Mihalas (1971)
showed that the presence of these draining processes is sufficiarduiee doth the overpopulation
of the 3d2D level (relative to 3p) and preventing the overpopulation of the latter vel&i 3s, which
would produce the unwanted emissiomat4097-4103. Thus, these ‘two electron transitions’ play a
key role in the NiI emission.

As already pointed out by Bruccato & Mihalas (1971), there is a probtertheE Swings mecha-
nism when applied to Of stars. The 2p 3s and 2p— 3d resonance lines are expected to be much
more opaque than 3p> 3s and 3d— 3p, and should be consequently in detailed balance in the line
forming region. That would mean no pumping and no overpopulation of [ative to 3p (but see
Sect. 4.4.3).

The problem became (preliminary) solved when Bruccato & Mihalas (19d@yested a third
potential mechanism. They realized the existence of a large number of azitogolevels that either
connect directly to the 3d state or to levels that can cascade downwardslitece, the latter state
may become strongly overpopulateddiglectronic recombinatioDR’, see Sect. 4.3).

The most important analysis of thellN emission lines problem until now has been carried out by
(Mihalas & Hummer, 1973, ‘MH’), building on the work by Bruccato & Mihal@i971). They used
static, plane-parallel models trying to explain the effect for O((f)) anf) &érs. As a final result,
they were able to reproduce thalNA A 4634-4640-4642 emission lines at the observed temperatures
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and gravities in parallel with absorption & 4097— 4103, by overpopulating level 3d primarily via
dielectronic recombination The subsequent 3d> 3p cascade produces the emission. The strong
drain 3p— 2p? via ‘two electron transitions’ enhances the overpopulation of 3d relati@ptby
depopulating 3p and prevents emission in the-3§8s lines. According to the authors, the Swings
mechanism has little importance for these stars, though for Of stars it mighniegiafluential when
expanding envelopes are present (note that at that time there were nis @ibnlging for extended
atmospheres). Until to date, dielectronic recombination is the canonicahexjola for the formation

of the f-features.

4.3 Dielectronic recombination

4.3.1 The Nilt emission triplet at AA4634-4640-4642

As pointed out by Mihalas (1971), there are two important autoionizing séri¢he Niil ion, of
the form 2s2p{P°)nl and 2s2p{P°)nl, along with few bound double excitation states with similar
configuration. Since states of the form 2sRpre directly coupled to Zal states, they are of great
importance. In the following, we consider only the states from the singletssdrecause the transi-
tions from the triplet series to 2l states are not electric dipole allowed transitions in LS coupling.

The singlet series comprises only two bound configurations, 2s2p3sap8p, whilst the 2s2p3d
configuration lies only 1.6 eV above the ionization potential and is of major impoetaince the low
position in the continuum produces strong dielectronic recombination,

25(1S) (N1v) +e — 2s20*P%)3d(%P°, 2F°). (4.1)

Note that the core electron transition (see aboveé)183— 2s2ptFP), is equivalent to the resonance
transition in Niv. Thus, any 24'S)nl — 2s2ptP°)nl transition gives rise to strong, broad resonances
(see Fig. 4.2), unless the 2s2B{)nl state is truly bound.

The autoionizing states (Eq. 4.1) can stabilize via two alternative routes; eithe

2s2f1P%)3d(?F°, 2F%) — 2s201P”)3p(?S, 2P, 2D) + hv, (4.2)

that end in the doubly excited bound configuration mentioned above, onéhthat might overpopu-
late the upper level of the transition 3d 3p,

2521 *P°)3d(?F°, 2F%) — 2€23d(D) + hv, (4.3)
thus playing a (potential) key role in theIN triplet emission. The latter route is displayed in the
upper part of Fig. 4.1.

4.3.2 Implementation intoFASTWIND

Dielectronic recombination and its inverse process have been implementegh81ta/IND in two
different ways, to allow us to use different data sets. Specifically, we mmgiéed

(i) animplicit methodwhere the contribution of the dielectronic recombination is already included
in the photoionization cross-sections. This method needs to be used fothdataas been
calculated, e.g., within the OPACITY project (Cunto & Mendoza, 1992) and
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Figure 4.2: Comparison of the ‘raw’ cross-section from the OPACITYjqut (black), and the
smoothed one (grey/blue), for the 3D state of Niii. Note the numerous complex resonances. An
example for a PEC resonance, being much broader than the usualryebenances, is marked by
the vertical arrow. Dashed: corresponding resonance-free degams of the Seaton (1958) approxi-
mation fromwm-basic.

(i) anexplicit methodusing resonance-free photoionization cross-sections in combination with ex
plicitly included stabilizing transitions from autoionizing levels. This method will sedmwhen
we have information regarding transition frequencies and strengths sifabiizing transitions.

Photoionization cross-sections from the OPACITY project data includedhgibutions of di-
electronic recombination and will be used within the implicit method. All these esesBons display
complex resonances (where the largest and widest ones are the gdf@rrees), which somewhat
complicate the implementation of this method. Since some of the resonances amaquve care
must be taken when sampling the cross-sections. If performing a straigattb calculation, the
radiative transfer would need to be solved at each point of the filggtdirecy grid required by the
resonances in the ‘raw’ data, which would increase the computationai edinsiderably. To circum-
vent the problem we implemented a method that is also us&dvirbasic (Pauldrach et al., 2001)
and inCMFGEN (Hillier & Miller, 1998) (see also Bautista et al. 1998). The raw OPACIT6jpct
cross-sections are smoothed (Fig. 4.2) to adapt them to the standard aonfreguency grid used
within the code, which has a typical resolution of a couple of hundredRmiko this end, the data are
convolved with a Gaussian profile of typically 3,000 kmwidth, via a Fast Fourier Transform. This
convolution ensures that the area under the original data remains wetsand that all resonances
are treated with sufficient accuracy. By means of this approach, thetmriznd recombination rates
should be accurately represented, except for recombination rates/dow temperatures, where the
recombination coefficient is quite sensitive to the exact location of the aeser(see Hillier & Miller
1998).
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In the present work we implemented dielectronic recombinationFa®rwIND, which, so far,
could not (or only approximately) deal with this process. To this end, mdasr(both for the di-
electronic recombination and for the inverse process) had to be insettetihénsystem of the rate
equations.

Explicit method

To calculate these rates for the ‘explicit method’, we follow the formulationrasiged by Nuss-
baumer & Storey (1983). In compact notation, the dielectronic recombinfitican element X and
chargem+ 1 proceeds via

XL+ em — X — X'+ hv (4.4)

wherep is a parent state of the+ 1 times ionized element g is an autoionizing state argis a
bound state. We denote the initial state of expression 4.4, composed ottmehiaing ion and the
free electron, as a continuum stateWe refer to the first process as dielectronic capture and to its
inverse as autoionization. In general, dielectronic captures and autioniz link statea to a large
number of continuum states

As a final result, Nussbaumer & Storey (1983) could express the dielectronic recombination
coefficient between autoionizing stat@nd bound statg, apr(aj), as

neN¢™apr(aj) = ba(ng)"Ag). (4.5)

with A§j the corresponding radiative transition probability for the stabilizing trans{tdnstein co-
efficient for spontaneous emission, corrections for induced emissiorbwiipplied below), total
ion densitlein+1 (elementk), (n]")* the LTE population of stata with respect to the actual (NLTE)
ground-state population of the next higher ion and the actual electraitylemdb, the related NLTE
departure coefficient.

The last quantity can be expressed in terms of (i) the autoionization coeff®ieA3., between
statea and all possible compound-stateghat can forma, (ii) the radiative transition probabilities,
AR, between stata and all possible bound and autoionizing states with lower enexgwhich state
acan decay, and (iii) the departure coefficients of the contributing pregis,b, (here with respect
to the ground-state of the same imﬁ‘,*l)

ng

a
S D115 (4.6)

nzT* ZcAgc+ Zi A:El
Usually, the autoionizing probabilities for staere much larger than the radiative probabilities for
decay, and often there is only one parent level, namely the ground-étatero+ 1, n, = nlm“, i.e.,
bp = 1. Under these conditions (which are similar for excited parent levelsras$to be in LTE with
respect to the ground leveb), — 1, andthe dielectronic rate depends only on the LTE population of
state a and the radiative transition probabilit;Eﬁ All dependencies on the autoionization probabili-
ties have ‘vanished’, and we need only the valuérdf)* that can be derived from the Saha-equation
and the ground-state population of iom4- 1, without including the autoionizing levels into the rate
equations.

4 See also Mihalas 1978 for a simplified derivation.



4.3. DIELECTRONIC RECOMBINATION 49

In stellar atmospheres, one needs (in addition to the spontaneous emissizal {p le account
for stimulated emission as well, i.e.,

_ %

with By the Einstein coefficient for stimulated emission dritle scattering integral (profile weighted,
frequency integrated mean intensity) for the stabilizing transition. Since thetiampoesonances are
broad, the scattering integrals might be replaced by the mean intengjtiesthe pseudo-continuum
(i.e., including all background opacities/emissivities) at the frequencyeostibilizing line.

Finally, we can define the total dielectronic rate to lej&lom any possible autoionizing stadk

C2
nNL“”ZGDR aJ)Nnenm+1 CT 3/2><Zg ) exp(—Eq /KT)A] <1+2h 3‘]”) (4.8)

which might need to be augmented by departure coefficlgntaside the rhs sum if the parent levels
are not the ground-state or not in LTE with respect to the ground-state. inverse upward rate
involves only the line process(es),

— g a'
n'j“ZBjaiJi,- ' Zzhv3 A ; )J.,, (4.9)
with Bj; the Einstein-coefficient(s) for absorption. It is easy to show that fd tdnditions (1'1-“ =
(n")* and Planckian radiation in the lines) the upward and downward rates| @auteother exactly,
as required for thermalization.

Though we have followed here the derivation by Nussbaumer & Sto@83)1 our final results
for the downward and upward rates are identical with the formulation ashys®lihalas & Hummer
(1973) in their investigation.

These rates have been implemented mteTWIND and are used whenever the ‘explicit method’
is applied. The only input parameters that need to be specified in the atomimplatdile are the
transition frequencies and the oscillator-strengths for the stabilizing lipgswhich relate to the

productsgaAY; via

8r2e?

For convenience and for consistency with the formulation of ‘normal’ mdzoation rates, the quan-

tity (n3)* is expressed in terms of the LTE-population (with respect to actual ionizetinditions)
of the lower, stabilizing leve(n]")",

(MY = (" )*gaexp( hvaj/KT), (4.11)

so that the downward rate (for a specific autoionizing l@yelan be expressed as

: 8me?
NeN{™ *aor(ai) = [0a](0F)* "5 V2; Flaexpl—huay /KT) (1+ 5 3 Ja,) (4.12)

Summation over all contributing autoionizing states yields the final rate.
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In this explicit method, the rates for dielectronic recombinations and invec®egses are calcu-
lated in a separate step and then added to the rates involving resornesmg@ddtoionization cross-
sections alone. In our model atom (Chapter 3), we use such crassasedefined in terms of the
Seaton approximation (Eqg. 3.2), which, together with the data for the stabilizingjtions, have been
taken from thevm-basic atomic database. Note that we consider processes both fromtad gtates
as well as from/to excited states within iont 1, so far on the assumption that the autoionizing levels
are in LTE (i.e., without including these levels into the model atom and rate eggatio

Implicit method

Within the implicit method, the DR contribution is already contained within the ‘convealtioe-
combination rateg,n; /ni)*R;, to yield a total number of recombinations

Nk <2IJ(> R¢j == nj"Rj. (4.13)

As usualny is the actual population of the recombining ion in staged(n; /ny)* the LTE population
ratio of the considered level to which the process recombines (eithetldioewia the intermediate
doubly excited stateRy; is defined as

g [CAK(Y) (20V2 —hv /KT
Rk'_4n/vo o ( 2 +J, ]e dv (4.14)

with mean intensityl, and total photoionization cross-section (including resonancgg)y ).
In the following, we show that this formulation is consistent with the rates dém@bove. We split
the cross-section into a resonance-free contribution, and a contrilftgiarthe resonances,

ajk(v) = aj (V) +ajei(v). (4.15)

The total recombination rate is then the sum of direct and dielectronic recatidnn

nj*Rej = 0" (R + R, (4.16)
with
alf(v) / 2nv3
«pDR __ % jk —hv /KT
N NG = an /res hv < c? +Jv>e Y (417

The resonances are narrow enough so that most of the frequependint quantities can be drawn
in front of the integral, evaluated at the average position of the reseaanc

"R ~ (4.18)

AT 2hvﬁ hue '
¥ =1 a—hvj /KT / res
" z. v, & ° ( resi) ! V) {2+

2
Tvﬁqv) dv).

The integral over the cross-sections of the resonances corresfmotie: cross-section of the stabiliz-
ing transitions,

4 41T TIE?
A / (J}-’iest:Bji :—n—fji, (4.19)
hvij Jregi) hvij mec
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with Einstein-coefficienBj and oscillator-strength;. Likewise,
/ _ a}ies ydv O fjiJi_j.
reqi)

Then, indeed, we recover the result from Eq. 4.12 (explicit formulation)
87'['26'2 02 _
* DR * 2f. . -
iR =] Zimecg vij fji exp(—hvij /kT) ( 1+ 2 J.,) , (4.20)

if the autoionizing levels are in or close to LTE. Note that this is a necessaditam for the implicit
method to yield reliable resulBsptherwise one has to use exclusively the explicit approach and to
include the autoionizing levels into the model atom and rate equations.

The proof that the rates for the inverse photoionization process, cadwiher by the implicit
method (using total photoionization cross-sections) or via rates fronmaese-free cross-sections
plus rates involving the excitation of the second electron, are consistemalsgaus and omitted
here.

Consistency check

To check the consistency of our implementation of implicit and explicit DR treatmentarried out

the following test. First, to ensure consistelatta, we derived the oscillator strength corresponding
to the wide PEC resonance in the total photoionization cross-section (Fidpydirtegrating over the
cross-section and applying Eq. 43 3he resulting valuef(= 0.45, which is somewhat smaller than
the data provided by them-basic databasd,= 0.60) was then used within the explicit method, at the
original wavelength (which coincides with the position of the resonanceligplayed in Fig. 4.3 for
the case of model ‘T3740’ with ‘pseudo line-blanketing’ (see Sect. 4.4dth methods result in very
similar line profiles for the NIl emission triplet, proving their consistency. Figure 4.3 also displays
the strong reaction of the I triplet when the oscillator strength is either increased or diminished by
a factor of two.

4.3.3 Implicit vs. explicit method

Though under similar assumptions both methods achieve similar results, tb@eri@in advantages
and disadvantages that are summarized in the following (see also Hillier & M#i)1

The implicit method has the advantage that for states that can autoionize in LS coupling their
contribution to dielectronic recombination (and the inverse process) idgliaaluded within the
photoionization data. There is no need to look for both the important autoigngsries to each
level and the oscillator strengths of the stabilizing transitions. On the othet, ltlagre are also
disadvantages. Narrow resonances are not always well resalnddif the resonance is strong, the
dielectronic recombination rate from such a resonance could becomeeus Besides, the positions

of the resonances are only approximate. If line coincidences are impdhigrcan affect the transfer
and the corresponding rates. Hillier & Miller (1998) suggested to avoid thkditgpproach for those

5 Which has been used to calculate the total cross-sections as provided.bthe OPACITY Project.
6 Of course, the underlying contribution responsible for direct ionizat&ets to be subtracted.
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Figure 4.3: Consistency of implicit and explicit method. Comparison af WA 4634-4640-4642
profiles from model ‘T3740’, for calculations using a different treatteé DR to the 3d level. Implicit
method (solid/black), explicit method (dotted/red), explicit method with oscillarength for the
stabilizing transition increased (dashed/blue) and decreased (déstied/black) by a factor of two.

transitions where dielectronic recombination is an important mechanism. IreauNni model ion
(Chapter 3) we have followed their advice. Finally, dielectronic recombinaéites calculated by the
implicit method are inevitably based on the assumption that the autoionizing leeels IaFE with
respect to the ground state of the next higher‘idn.the rare case that this were no longer true, the
implicit method cannot be used. Then, the autoionizing levels need to be iddiuigethe model
atom, and all transitions need to be treated explicitly.

The explicit method has the theoretical advantage that resonances can be inserted atréloeé co
wavelength if known. (Though one has to admit that resonance posititimewer be very accurate.
For the PECs this does not matter though.) Often, however, the profildadnador the resonances
are difficult to obtain (which, on the other hand, are included in the implicit@aagh). The width of
these Fano profiles is set by the autoionization coefficients, which,drglyuare not available. To
overcome this problem, we follow the approach by MH and assume the resot@abe wide (which

is true for the most important PEC-resonances), such that we can usednantensity instead of the
scattering integral when calculating the rates, and become independbatsgiecific profile. When
line coincidences play a role, this might lead to certain errors though.

7 This will almost always be the case, otherwise the states are more oolass.b
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Table 4.1: Model grid used by Mihalas & Hummer (1973) and in our testsefige mass-loss rates
provided in the last row (in units of 16 M. yr—1) refer to our tests of wind effects (Sect. 4.4.3) alone.
All other tests have been performed with negligible

Model T|3233 3540 3533 3740 3735 4040 4035 4540 5040
Te(kK) | 32.5 35.0 35.0 37.5 37.5 40.0 40.0 45.0 50.0
logg | 3.3 40 33 40 35 40 35 40 40
M | 1.0 0.35 1.82 0.58 3.16 0.93 5.3 8.05 17.5

Table 4.2: Oscillator strengths for the ‘two electron transition’ as used bwlsiéh& Hummer (1973)
and within our new atomic model.

Transition fu (MH)  fi, (used in this work)

2p? °D-3p?P° 250-10°4 4.38-10°3
207 2S-3p2F°  2.00-10°4 1.31-10°2
2p% 2P - 3p?P°  2.40-10°? 4.02-104

4.4 N (emission) line formation

In the following, we describe the results of an extensive test seriesdingaour newly developed
N 111 model ion (Sect. 3.2.2). In particular, we check if the triplet appears in @nigsthe observed
parameter range, and if tA4097 line remains always in absorption. Note that these lines should be
strongly correlated, i.e., the stronger the emission in the triplet, the weakelnsbgotion atA 4097,
since both transitions share the level 3p (Fig. 4.1). A change in the porrdimg departure coefficient
leads to a change in both lines. For examplégjfbecomes diminished due to a more efficient drain
by the ‘two electron transitions’ (see Sect. 4.2), this leads to more emissioh434-4640-4642
and to less absorption A#097, due to less cascading.

For all tests, we calculated model-grids that cover the same stellar pararf@isyse dwarfs
and (super-) giants) as used by MH, listed in Table 4.1. All tests have fréormed by means of
FASTWIND, using ourcompletenitrogen model atom.

4.4.1 Comparison with the results from MH

First, we test if we are able to reproduce the MH-results for O((f)) afffistars. To this end, we need
to invoke (almost) identical conditions, regarding both atmospheric and atondelsioThus, we
modified our Nili ionic model, replacing part of our new data with those used by MH (‘mixedtion
model). In particular, we replaced data for dielectronic recombination (tthtiee draining levels,
2p7 (D, ?S2P), to level 3d, and to few higher important levels — #14, 17, 20 and 21Tale 3.2),
the oscillator strengths for the ‘two electron transitions’ (Table 4.2), angblio¢oionization cross-
sections for all levels below 3d (the cross-sections for the latter did glsgee).

Consistent with the MH-models, a nitrogen abundance of§N]8.18 was adopted. This is a

8 [A] = log A/H + 12, with A/H the number density of element A with respect to fogen
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Figure 4.4: Comparison of equivalent widths (EW) foiNA 4097 andA A 4640/42. All atmospheric
models calculated with ‘pseudo line-blanketing’ (see text). Black diamoregsilts from MH; red
triangles: newFASTWIND calculations with ‘mixed’ Nii ionic model (new level structure, but im-
portant transition data from MH); purple squares: 8 TwIND calculations with new NiI model;
blue asterisks: as squares, but DR-contribution to 3d level diminisheddnya of two. Here and in
the following, positive and negative EWs refer to absorption and emissies, liespectively.

factor of 2.5 larger than the solar one, JN= 7.78 (Asplund et al., 2005) To account for the absence
of a wind in their models, a negligible mass-loss rat&lof 10-°M.yr~! was used.

Though line-blocking/blanketing could not be included into the atmospheric Isauel 973,

MH realized its significance and tried to incorporate some important aspaoehbys of a ‘pseudo-
blanketing’ treatment. The NI photoionization edge (at 2621) lies very close to the He ground

state edge (at 228) in a region of low continuum opacity and high emergent flux (if no line-kiog

due to the numerous EUV metal-lines is present), and would cause sevEgojpulation of the

N 111 ground state if the blanketing effect is neglected, as shown by BM71. itked that heavy
line-blanketing and much lower fluxes are to be expected in this region. Tdatarthese effects,
they extrapolated the Heground-state photoionization cross-section beyond the Lyman-edge up to
the Nil edge, using a2 extrapolation. To be consistent with their approach, we proceed in the
same way by including this treatment irRasTwWIND (see Fig. 4.7).

Figure 4.4 displays the comparison between the resulting equivalent widthglie MH models
(black symbols) and our models using the conditions as outlined above i@rdléis). Overall, the
agreement fol A 4634-4640-4642 is satisfactoly,and slight differences are present only for the
hottest models. In agreement with the MH results, our profiles turn fromrgtign into emission
aroundTeg ~ 37,000 K for dwarfs and afe; ~ 33,000 K for (super-)giants. As well, th&4097

9 Asplund et al. (2009) provide a slightly larger value,.[N= 7.83 + 0.05, where this difference is irrelevant in the
following context.

10Here and in the following, we only display the total equivalent widths oftAd640/4642 components; the behavior of
A4634 is analogous.
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Figure 4.5: Comparison cfASTWIND N II line profiles from model ‘T3740’ with ‘pseudo line-
blanketing’, using different atomic data sets. Solid (black): ‘mixediiNnodel (see text); dotted
(red): new NIl model; dashed (blue): newIN model, but DR-contribution to 3d level diminished
by a factor of two.

line is always in absorption throughout the grid, though our calculatioaedigirmoderately more
absorption in this line. All lines show the same trend in both sets, and the remdifigargnces might
be attributed to still somewhat different atomic d&ta.

We note already here that in all cases the emission is more pronounced @grdwity objects.
In high-gravity objects (dwarfs) part of the emission is suppressealisecof higher collisional rates
(O ng), driving the relative populations towards LTE.

After demonstrating that we can (almost) reproduce the profiles calculgt®tHbwhen similar
conditions are applied, the next step is to investigate the effect of the newatdmic data imple-
mented during the present work. In fact, this leads to much more triplet emissenFigs. 4.4
(purple squares) and 4.5 (dotted profiles). Even for the coolest madetse MH still obtain weak
absorption, our calculations result in strong emission. This big differenpeoduced by larger DR
rates into 3d and a larger drain of 3p by the ‘two electron transitions’, diaeger oscillator strengths
(see Table 4.2)? Note also that thé 4097 line becomes weaker, in accordance with the correlation
predicted above.

The reaction of the emission strength on the dielectronic data also allows usdotble validity
of the implementation of dielectronic recombination by the explicit method, desldril®ect. 4.3.2,
particularly the dependence on the oscillator strength of the stabilizing trangsjti¢-igures 4.4 (blue
asterisks) and 4.5 (dashed) show the reaction of the triplet lines if we dintiresbscillator strength

LNumber of levels, collisional data and LTE assumption concerning theejsystem levels by MH.

12 similar effect has already been noted by MH when they increased thesponding oscillator strengths in their atomic
model.
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Figure 4.6: Comparison of equivalent widths (EW) foriNA4097 andA A 4640/42. Diamonds and
triangles as Fig. 4.4. Purple squares: new results using new atomic datadistic line-blanketing;
blue asterisks: as squares, but DR-contribution to 3d level set to zero.

of the strongest stabilizing transition to 3d by a factor of two. This reductiadsiéo a significantly
weaker emission throughout the whole grid, and a slight increase in tbepdéibs strength of 4097.
For a further test on the consistency between implicit and explicit metho&esge4.3.2.

4.4.2 Models with full line-blanketing

In their study, MH could not consider the problem for realistic atmospleaesunting for a consistent
description of line-blocking/blanketing, simply because such atmospherielsdid not exist at that
time. To investigate the differential effect on theiNemission lines, we calculated the same grid
of models, now including full line-blanketifg as incorporated teASTWIND, and compare with the
MH calculations (Fig. 4.6, purple squares vs. black diamonds, respbgtiv

Astonishingly, the triplet emission almost vanishes throughout the whole griis dramatic
result points to the importance of including a realistic treatment of line-blanketiven investigat-
ing the emission line problem in Of stars. It further implies, of course, thah#dve mechanism
preventing emission in line-blanketed models needs to be understood, aiad #iternative explana-
tion/modeling for the observed emission must be found.

Let us first investigate the ‘inhibition effect’, by considering model ‘T37®at displays one of
the largest reactions. The most important consequence of the includiae-tiocking/blanketing is
the decrease of the ionizing fluxes in the EUV. Figure 4.7 (left panel) disglarresponding radiation
temperatures as a function of wavelength, for the ‘pseudo line-blariksiexble model constructed
in analogy to MH (dashed) and the fully line-blanketed model (solid).

Indeed, the presence of substantially different ionizing fluxes aramadlongward of the i

13Using background metallicities corresponding to the ‘older’ solar atnoetafrom Grevesse & Sauval (1998), but keeping
[N]=8.18.
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Figure 4.7: Left panel: EUV radiation temperatures for model ‘T3735’ witeudo (dashed) and
full (solid) line-blanketing. Important ionization edges are indicated ascatmmarkers. From left
to right: Niv, Henl, N (ground-state), and Ni 2p? 2D. Right panel: Departure coefficients for
important levels regarding the triplet emission, for model ‘T3735’ with psgltack) and full (red)
line-blanketing (level 2p is the ground-state). The formation region of tpkettdines is indicated by
vertical dashed lines. See text.

edge is the origin of the different triplet emission, via two alternative routes.part of the cooler
models (not the one displayed here), significantly higher radiation tempesadtuthe Nii contin-
uum @A < 261,&) of the ‘pseudo line-blanketed’ models lead to a strong ground-statepdégiion.
Moreover, the ground-state and the?2pvels are strongly collisionally coupled, from the deepest
atmosphere to the line-forming region of the photospheric lines. Thus, thidystate and the 2p
levels react in a coupled way. If the ground-state becomes depopuktadde of a strong radiation
field, the 23 levels become underpopulated as well, giving rise to a strong drain frar@pand thus

a large source-function for the triplet lines. Corresponding models imdualrealistic line-blocking
(with lower EUV-fluxes) cause much less depopulation of the ground-atatehe 2p levels, thus
suppressing any efficient drain and preventing strong emission in thd tigs.

For hotter models, e.g., model ‘T3735’ as considered here, the opeediting is vice versa, but
leads to the same result. In the simple, MH-like model, thel@yels become strongly depopulated
in a direct way, because (i) the ionizing fluxes at the correspondingse@ig> 261A) are extremely
high (the ‘pseudo line-blanketing extends ‘only’ until 2;36)1, and (ii) because also a strong ionization
via doubly excited levels is present, again due to a strong radiation field@tlesponding transition
wavelengths around 290-4A5Due to the depopulation of the 2pevels, the coupled ground-state
becomes depopulated as well.

On the other hand, the depopulation via direct and ‘indirect’ ionization 2pfndoes not work
for consistently blocked models, because of the much lower ionizing flixsstar, the extension of
the Hell ground-state ionization cross section by MH, to mimic the presence of linéibtpavas not
sufficient. They should have extrapolated this cross-section at leastéddfe of the lowest Zpevel.

In this case, however, they would have found much lower Emission, too low to be consistent with
observations.

In Fig. 4.7 (right panel), we compare the corresponding departuféaiests. Black curves refer
to the simple, 'pseudo line-blanketed’ model, and red curves to the corrdsy model with full
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Figure 4.8: Fractional net rates to and from level 3p (left panel) arel 8V (right panel), for model
‘T3735 with pseudo (red) and full (green) line-blanketing. The fotioraregion of the triplet lines
is indicated by vertical dashed lines.

line-blocking/-blanketing. Obviously, both models display strongly couptedmd and 2p states in
the formation region of photospheric lines (hemgoss> 0.02), where these states are much more
depopulated in the simple model.

For the conditions discussed so far, a significant depopulatiorfa 2pprerequisite for obtaining
strong emission lines in the optical: only in this case, an efficient drair-33p” due to cascading
processes can be produced. The consequence of differerindrafficiencies becomes obvious if we
investigate the run abs, (dashed). In the pseudo-blanketed model, this level becomes much more
depopulated relative to 3d (dashed-dotted), leading to much stronget énipigsion than in the full
blanketed model.

The impact of the different processes can be examined in detail if wetig@tssthe corresponding
net rates responsible for the population and depopulation of level 3p4Bigleft panel). In this and
the following similar plots, we display the dominating individual net rates @@;i —niR;; > 0 for
population, with index the considered level) as a fraction of the total population¥ate.

Indeed, there is a dramatic difference in the net rates that depopuldt@pexa the ‘two electron’
drain (dashed). Whereas for the ‘pseudo line-blanketed’ model thvategnto 23 is the dominating
one (resulting from the strong depopulation ofRhis rate almost vanishes for the model with full
line-blanketing. In contrast, the other two important processes, the pigouley 3d (solid) and the
depopulation into 3s (dashed-dotted) are rather similar. Consequentgc®mes less depopulated
compared to 3d in the fully blanketed models. Moreover, since the (relate@)pulation into 3s
remains unaffected, and 3p has a larger population (see Fig. 4.7)3teletomes stronger populated
as well. Thus, the blanketed models produce more absorptiad®®7 (cf. Fig. 4.6 with Fig. 4.4,
squares in upper panels).

Since in the older MH-models the triplet emission is also due to the strong poputét8thvia
DR (Fig. 4.8, right panel, red solid), we have to check how the presaintdl line-blocking affects
this process. In this case, the net-rate from DR (green solid) becoraasnegative in part of the
line forming region, i.e., the ionization via intermediate doubly excited states pariyeighs the

IWhich in statistical equilibrium is identical to the total depopulation rate.
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Figure 4.9: Comparison of equivalent widths foniINA4097 andA A4640/42. Black diamonds as
in Fig. 4.4 (original results from MH). Other models with [N]=7.92. Blue astesy from TLUSTY
(OSTAR2002), red triangles fromasTwIND, using new atomic data and realistic line-blanketing;
purple squares: as triangles, but with temperature and electron stratifitatioTLUSTY. For details,
see text.

dielectronic recombination. This difference originates from two effectshé photospheric electron
densities in the older models are larger, because of missing radiation neréssu metallic lines.
Higher electron densities imply higher recombination rates. (i) In the fully l@setk models, the
radiation field at the frequency of the main stabilizing transition to 3d (52)7E slightly higher (see
left panel on Fig. 4.7), which leads to more ionization. Consequently, Digspaly a minor (or
even opposite) role in the fully blocked models, contrasted to the MH cagé&e Iblocked models,
the major population is via the 4f level (dashed-dotted). Note also that thegSwiachanism, i.e., a
population via the resonance line at 3X4dashed), does not play any role in photospheric regions,
as already argued by BM71 and shown by MH.

For a final check about the importance of DR to level 3d in models with full tilaeketing, we
tested its impact by switching off the main stabilizing transition. From Fig. 4.6 (bdteriaks), it
is obvious that the effect indeed is marginal throughout the whole gritus, a correct treatment
of line-blocking seems to suppress both the efficiency of the drainingjticars and the dielectronic
recombinationand we have to ask ourselves how the observed triplet emission is prhdiilcce the
presence of line-blocking cannot be argued away.

Before tackling this problem, in Fig. 4.9 we compare our results (red trigngiés those from
TLUSTY (Hubeny 1988; Hubeny & Lanz 1995)(blue asterisks), as provided by the OSTAR2002
grid'® (Lanz & Hubeny 2003; see also Heap et al. 2006). Contrasted to atlsithiar plots, we used
an abundance of [N] = 7.92, to be consistent withthesTy grid. Obviously, OUFASTWIND results

15A code that assumes plane-parallel geometry, hydrostatic and radafiilibrium, and calculates line-blanketed NLTE
model atmospheres and corresponding synthetic profiles. Due totiistiess, only objects with negligible winds can
be analyzed.

16Equivalent widths from own integration.
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for the N1l emission lines in dwarfs match exactly those frobusTy, whereas our results for su-
pergiants display somewhat less emission (or more absorption). On thdatiteithe absorption line
atA4097 is systematically stronger in all our models, which points to differeriitatec strengths. To
rule out potential differences in the atmospheric stratification, we calcudatedtiditional grid with
temperature and electron structure taken framasTy, smoothly connected to the wind structure as
calculated byrasTWIND. Corresponding results are displayed by purple squares, and lkfifety
from those based on the origirdSTWIND structure, except for model T3233 where the differences
in T andne are larger than elsewhere. The remaining discrepancies for supgsrgambe explained
by somewhat higher EUV fluxes in theusTy models, favouring more NI triplet emission. Nev-
ertheless, the disagreement betwessTwIND and TLUSTY is usually much weaker than between
these two codes and the results by MH, which underpins our finding thatglet emission becomes
strongly suppressed in fully blanketed models.

4.4.3 The impact of wind effects

So far, one process has been neglected, namely the (general)geregeminds in OB-stars. Note
that MH had not the resources to reproduce O-stars with truly “extératetbspheres. Regarding
their O(f) and O((f)) objects, on the other hand, there was no needgidar wind effects, because
the observed NI triplet emission could be simulated by accounting for DR and ‘two-electraihdr
alone. Actually, MH pointed out that in Of-supergiants (with denser wittts)Swings mechanism
could play a crucial role in the overpopulation of 3d: Velocity fields are &blehift the resonance
lines into the continuum, allowing them to become locally more transparent, amatides from
detailed balance and strong pumping might occur.

With the advent of new atmospheric codes, we are now able to investigatenkeeagrole of
winds, and to explain how the emission lines are formed within such a scefmariois end, we have
re-calculated the model grid from Table 4.1, now including the preserecevinfd. Prototypical values
for terminal velocity and velocity-field exponent have been usgd; 2,000 kms?!, B = 0.9, and
mass-loss rates were inferred from the wind-momentum luminosity relationatiR) provided by
Repolust et al. (2004), which differentiates between supergiantstaadlominosity classes. Clump-
ing effects have been neglected, but will be discussed in Sect. 4.7. stonmary of the adopted
mass-loss rates, see Table 4.1.

With the inclusion of winds now, we almost recover the emission predicted inrthmal MH
calculations (Fig. 4.10). Less emission is produced only for the two hottedélsjovhere the in-
clusion of a wind has no effect. For all other models, however, the wiiedtes large, both for the
supergiants and for the dwarfs with a rather low wind-density.

To understand the underlying mechanism, we inspect again the fractieinedtas, now for the
wind-model ‘'T3735’ (Fig. 4.11). Obviously, the wind induces a signiftcaverpopulation of the
3d level via the ground state rather than the dielectronic recombination, jthet imay as indicated
above. Due to the velocity field induced Doppler-shifts, the resonance)ibeCome desaturated,
the rates are no longer in detailed balance, and considerable pumping because of the still quite
large radiation field at 37A and the significant ground-state population (larger than in the MH-like
models). Interestingly, this does not only happen in supergiants, aslaetby MH, but also in
dwarfs (at least those with non-negligible mass-loss rate), becauseltdwty field sets in just in
those regions where the emission lines are forifed.

17An analogous desaturation through velocity field induced Doppler shiftsis with low mass loss rates was found by
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Figure 4.10: Comparison of equivalent widths (EW) foriNA4097 andA A4640/42. Black dia-
monds as in Fig. 4.4 (results from MH). Red triangles: new results usingatewic data, realis-
tic line-blanketing, no winds; purple rectangles: new results using new atdaté; realistic line-
blanketing and winds with a mass-loss rate according to the wind-momentum lutyirelation
provided by Repolust et al. (2004); blue asterisks: as purple, butRticontribution to 3d level set
to zero.

The impact of the wind on the population of the 3p level is not as extreme, arithih electron
transition’ drain remains as weak as for the wind-free model. Thus, tlseipce of emission relies
mostly on the overpopulation of the 3d level.

Again, we test the (remaining) influence of dielectronic recombination by Bingcoff the stabi-
lizing transition to 3d. Though there is a certain effect, the change is n@megtrNote also that the
net rate from dielectronic recombination is larger in the wind model than in the-fxé® model, see
Fig. 4.11 (green solid line). Nevertheless, we conclude that dielectreciebination plays, if at all,
only a secondary role in the overpopulation of the 3d level when consatigrospheric models are
consideredThe crucial process is pumping by the resonance lines.

The reaction oA 4097 on velocity field effects is more complex. On the one side, there is still
the cascade from 3p to 3s, giving rise to a certain correlation. On the ttkearesonance line to 3s
(at 452,&) becomes efficient now, and can either feed (as argued in Sect. Ad2aia level 3s, in
dependence of its optical depth. Under the conditions discussed herestinance line is pumping
at cooler temperatures, with a zero net effect on the strengi®097 (since the cascade from 3p
becomes somewhat decreased, compared to wind-free models). Atteigiperatures, the resonance
line becomes optically thitf because of a lower ground-state population, and level 3s can cascade
the ground-state. Thus, the absorption strength4ff97 might become significantly reduced, which
explains, e.g., the strong deviation of model ‘T4035’ from the MH predistidior this and the hotter
models,A4097 is very weak, and even appears in (very weak) emission for micad0’.

Najarro et al. (1996) in the Haresonance lines of B giants.
18Note that the oscillator strength is more than a factor of 10 lower than tha¢ oéstonance line feeding 3d.
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Figure 4.11: Fractional net rates to and from level 3p (left) and levtigdt), for model ‘T3735’
(full line-blanketing) with no wind (red) and with wind (green).

4.5 Comparison with results from CMFGEN

In this section, we compare the results from easTWIND models with corresponding ones from
CMFGEN, a code that is considered to produce highly reliable synthetic spectr#p its approach of
calculating all lines (within its atomic database) in the comoving frame. For thioperpve used a
grid of models for dwarfs and supergiants in the O and early B-star rarigeh has already been used
in previous comparisons (Lenorzer et al., 2004; Puls et al., 2005; &t al., 2005) FASTWIND
models have been calculated with three ‘explicit’ atoms, H, He and our newN &tellar and wind
parameters of the grid models are listed in Table 4.3, with wind parameters fdioairghly the
WLR for Galactic stars. The model designations correspond only dgdosspectral types and are,
with respect to recent calibrations (Repolust et al., 2004; Martins etQfl5&), somewhat too early.
All calculations have been performed with the ‘old’ solar nitrogen abucelgiiN] = 7.92 (Grevesse
& Sauval, 1998), and a micro-turbulenggp = 15 kms™.

For the comparison betweeasTwIND andCMFGEN results, we consider useful diagnosticiN
(to check the cooler models) andiiNlines in the blue part of the visual spectrum, see Table 3.5 in
Chapter 3.

Although most of the NI lines listed in Table 3.5 are (usually) visible in not too early O-type
spectra, their diagnostic potential for abundance determinations is diffefée lines atA A4510-
4514-4518 (from the quartet system) are certainly the best candidatésrtabundances, since they
are quite strong and their formation is rather simple. Also the Miplet itself provides valuable
information. Due to its complex formation — when in emission — and additional prab{see below
and Sect 4.6), these lines should be used only as secondary diagnasirsever possible. The
remaining NI lines in the blue part of the visual spectrum are rather weak and/or Strolegded
with adjacent lines (see Table 3.5). In particular, the (theoretically) veéeyasting transition 3p+
3s, N111A4097, is located within the Stark-wing ofsHThus, these lines should be used preferentially
as a consistency check, and employed as a direct abundance indicigtat dow rotation. Lines
in the yellow part of the optical (‘group four’, see Sect. 3.3) have m@rbconsidered by us so far,
since our observational material does not cover this spectral randeyeare not able to judge their
diagnostic value for O-type stars. Finally, lines from ‘group five’ in the aee usually rather weak,
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Table 4.3: Stellar and wind parameters of our model grid used to compéareetigrNii/N 111 profiles
from FASTWIND andCMFGEN. The grid is a subset of the grid presented by Lenorzer et al. (2004).

Luminosity class V

Model  Teg R, logg M Veo B
(K) (Ro) (cgs) (10°Muoyr ™) (kms™?)

d2v 46100 11.4 4.01 2.52 3140 0.8

d4v 41010 10.0 4.01 0.847 2850 0.8

dév 35900 8.8 3.95 0.210 2570 0.8

d8v 32000 8.0 3.90 0.056 2400 0.8

diOov 28000 7.4 3.87 0.0122 2210 0.8

Luminosity class |

Model  Tef R. logg M Voo B
(K) (Ro) (cgs) (10°Meyrt) (kms™)

s2a 44700 19.6 3.79 12.0 2620 1.0

s4a 38700 21.8 3.57 7.35 2190 1.0

sba 32740 24.6 3.33 3.10 1810 1.0

s8a 29760 26.2 3.21 1.53 1690 1.0

sl0a 23780 30.5 2.98 3.90 740 1.0

and might be used only in high S/N spectra of slowly rotating stars.

A detailed comparison between the various {or the later subtypes) andiN lines fromFAST-
WIND andCcMFGEN is provided in Appendix B.1. Overall, the following trends and problems have
been identified.

For modelsd10v, d8v, ands10a (Figs. B.1, B.2, and B.3, respectively), the agreement of the
N 11 lines is almost perfect. For mode8a (Fig. B.4), on the other hand, big discrepancies are found.
Most of our lines are much stronger than those femFGEN, because of the following reason. Within
the line-forming region, the electron density as calculatedAsTWIND is a factor of= 8 higher than
the one as calculated [@MFGEN, thus enforcing higher recombination rates fromiNo N 11, more
N 11 and thus stronger lines. This is the only model with such a large discreparbg electron
density (e.g., the electron densities from model®a ands6a agree very well), and the reason
for this discrepancy needs to be identified in future work. Neverthefleissdiscrepancy would not
lead to erroneous nitrogen abundances: When analyzing the obsesyatiorime diagnostic tool are
the wings of the hydrogen Balmer lines that react, via Stark-broaderengitively on the electron
density. After a fit of these wings has been obtained, one can be stitbehgectron stratification
of the model is reasonable (though the derived gravity might be errorthens With a ‘correct’
electron density, however, the abundance determination viathbuld be no further problem.

Let us concentrate now on thellN lines, beginning with the triplet A 4634-4640-4642 and ac-
counting for the fact that at cooler temperaturestdé42 component is dominated by an overlapping
Ol line (see Table 3.5). Except for the dwarf modélv and the supergiant moded8a ands6a,
both codes predict very similar absorption (for the cooler models) and iemikses, thus under-
pinning the results from our various tests performed in Sect. 4.4. IntegBstour emission lines
for the hottest dwarfsd4dv andd2v, Figs. B.8 and B.9) are slightly stronger than those predicted
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by CMFGEN, a fact that is not too worrisome accounting for the subtleties involved incttmeaition
process.

Whatis worrisome, however, is the deviation for moddiBv, s8a ands6a (Figs. B.7, B.11
and B.12). WhereasasTWIND predicts only slightly refilled absorption profiles for all three mod-
els, CMFGEN predicts almost completely refilled (i.e., E¥ 0) profiles ford6v ands8a, and well
developed emission f@6a.

We investigated a number of possible reasons for this discrepancy. shttfie difference in
electron density for moded8a (see above) could not explain the strong deviations. At least for our
FASTWIND models, dielectronic recombination does not play any role, and we chdwkiatiis is also
the case for theMFGEN models, by switching off DR. As it finally turned out, the physical driver
that overpopulates the 3d level @tMFGEN in the considered parameter range is a coupling with the
Ol resonance line at 374, which is discussed in the next section.

With respect to NIt A4097, we find a certain trend in the deviation betweeaTWIND andCMm-
FGEN absorption profiles. Both for dwarfs and supergiants, our line is wesl@oler temperatures,
similar at intermediate ones and stronger at hotter temperatures.

For N111A4379, thecMFGEN models predict more absorption for models witg < 35,000 K,
because of an overlappingiOand Ciii line. For hotter models, the presence ofi@ no longer
important, but there is a still a difference 4379, going into emission at the hottest temperatures.

For the quartet multiplet atA 4510-4514-4518, we find a similar trend as Aat097. For dwarfs,
the lines are weaker at cooler temperatures, simildéatand stronger in absorption@dv. Likewise
then, the emission a2v is weaker than it MFGEN. For supergiants, the situation is analogous, at
least for all models but the hottest one where both codes predict idesriission.

Finally, linesA 4003 andA 4195 (note the blueward 8i blend at hotter temperatures) show quite a
good agreement for both dwarfs and supergiants, with somewhat thsgeepancies only for models
d4v ands4a.

In summary, the overall agreement betweem &hd Niii profiles as predicted byasTWIND and
CMFGEN is satisfactory, and for most lines and models the differences are noecsombe. Because
of the involved systematics, however, abundance analyses might belightly biased as a function
of temperature, if performed either VRASTWIND or via CMFGEN. Additionally, we have identified
also some strong deviations, namely with respect tolie-strengths for supergiants arouhg ~
30 kK *® and regarding the emission strengths of the Nriplet, for modelsd6v, s8a, ands6a.

4.6 Coupling with O111

After numerous tests we were finally able to identify the origin of the latter discrey. It is the
overlap of two resonance lines fromi@and Nii around 374 (for details, see Table 4.4) that is re-
sponsible for the stronger emissiondmMFGEN models compared to tasSTWIND results. Whereas
this process is accounted for@mFGEN, our presentEASTWIND models cannot do so, because oxy-
gen is treated only as a background element, and no exact line transfediiiy the overlap) is
performed. We note that this is not exactly the Bowen (1935) mechanismrasmesl in Sect. 4.2,
since this mechanism involves also the overlap between another&onance line and the He
Ly-a line at 303A, which does not play a strong role in oaMFGEN models as we have convinced

19Rooted within a different stratification of electron density.
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Table 4.4: Overlapping Ni and Oill resonance lines around 324 Packed levels/transitions and
overlapping (‘coupled’) ones. ‘low’ = lower term/level, ‘up’ = upper rt@tevel, g andg, corre-
sponding statistical weights. ‘Ratio’ indicates the opacity ratio between @géng and packed lines.
Individual components at 374.20. .. 374 A4or N 111 (3 components) and at 373.80.. . 37481
Ol (6 components). Note that 0 Aorrespond to 8 knmrs!. Data from NIST database.

transition(s) )\ low g up ou gf ratio
(A)

N1l (packed) 2p?P° 6 3d°D 10 2.5

N1l coupl. comp|374.434 2P, 4 3d?Ds, 6 1.5 0.60

Ol (packed) 2°3P 9 3P 9 0.72

Ol coupl. comp|374.432 2°%P, 5 3s°P? 3 0.06 0.14

ourselveg? Here, only the coupling betweeniN and Oili at 374Ais decisive.

In the following we discuss some details of the process, by means afmireEN model S6A
that displays the largest difference to thesTwIND predictions. For a further investigation, we
‘decoupled’ Nilt from O111 by setting the corresponding oscillator strength of the transitian 21
3P, — 353P‘f to a very low value, and compared the results with those from the ‘couptiaaliard
model. Figure 4.12 shows that the well developed emission lines from theastmbdels switch
into absorption, and become very similar to the corresponsgitgywIND profiles (Fig. B.12). On
the other hand, discarding DR by neglecting the resonances in the pbetasgctions from level 3d
had almost no effect on the profiles, in accordance with our previgusrants. (Actually, without
resonances there is even more emission than before, which showsrtttas fimodel the ionization
via doubly excited levels outweighs DR.)

Figure 4.13 displays the corresponding NLTE departure coefficienth&NIiI ground state,
level 3p and level 3d. Because of the superlevel approach, there diffarencé! between level
3d 2D5/2 (coupled to Qi) and 3d2D3/2 (not coupled). Whilst the ground state and the 3p level
remain similar for all three models (standard, ‘decoupled’ and ‘coupléith resonance-free photo
cross-section for 3d), level 3d becomes much stronger overpopuratad two ‘coupled’ models,
compared to the ‘decoupled’ one.

The origin of this stronger overpopulation becomes obvious from Fig.. 4The upper panel
displays the source functions of thaiINO 111 resonance lines for the ‘decoupled’ and ‘coupled’ case
(again, no difference for individual components, due to the supérdg@pzoach). For the ‘decoupled’
case, the Nl source function is significantly lower than thel©one, whereas for the ‘coupled’
standard model both source functions are identical, at a level verytcldlse ‘decoupled’ Qi case.
These changes are visualized in the lower panel: because of the lihepotiee Nill source function
increases by a factor up to 1.35 (in the line forming region of the optical tlipkes), whereas Qi
decreases only marginally.

The source function equality itself results from the strong coupling of therésonance lines
and the fact that both of them are optically thick from the lower wind on, with singfzcities

20|nsofar, the QIl lines atA A 3340, 3444, 3759 mentioned in Sect. 4.2 remain in absorption.
21Assumed to be balanced by collisions.
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Figure 4.12: NI AA4634-4640-4642 for three versions of modéla, as calculated bgMFGEN.
Solid black: standard version; Dotted/red: photo cross-sections felr 3eMwithout resonances (i.e.,
no DR); dashed/blue: Ni resonance line at 374 forbidden to be affected by @ . For the latter
model, the optical triplet lines remain in absorption!
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Figure 4.13: NLTE departure coefficients for three versions of meflal as calculated bgMFGEN.
Lower group of curves: NI ground state; intermediate group: level 3p, upper group: level 3d. See
text.
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(proportional to the product of cross-section, ionization fraction dnohdancef? It can be shown
that the magnitude of the coupled source function mostly depends on tlomssges that determine
the individual source functions in addition to the mean line intensity. This caasi¢éy seen by using
the Sobolev approximation,

J=(1-B)S+Ble, (4.21)

with scattering integraJ_,IocaI and core escape probabiliti@snd 3., and core intensity; (Sobolev,
1960). In case of overlapping lines, the source funcéand the opacities need to account for all
components with appropriate weights.

We now assume that the individual source functions (for the packel$)ean be approximated

by
Su~J+dn,  SomJ+do, (4.22)

wheredy anddo correspond to the additional source terms (mostly from cascades to tbeleygs),
and the well-known fact@? in front of J has been approximated by unity. 3

J includes the contributions from all transitions between the fine structure aoengs,J =
S afiJ/ > gfi, exploiting the fact that the reduced occupation numbers for the finetsteulevels
are equaln; /g = n;/g;.

Let us first consider the case of no fine structure splitting, i.e., the oyénigwesonance lines
should be the only ones connecting the upper and lower levels. Withoutler&p, we obtain the
well-known result (solving for Eqgs. 4.21 and 4.22 in parallel)

ecoup__ BC,N|c+ 6N ecoup__ BC,O|C‘|‘ 50 4.23
T T B (4.23)

Likewise, but accounting for the line overlap and assunfing< 1 for both components, we find
oup oup Bclc 5N 50
~~ ~—+ —+ ==
S
~ %ecoup_i_ @ ~ Sgecoup_i_ @ (4.24)

Thus, the coupled source functions are larger than in the decouplkedxcagalmost) independent on
the ratio of their contribution. (In the above equation, the first term of thedwes not depend on any
specific opacity as long as the lines — coupled or decoupled — remain optigeldy, th

For the case of two multiplet lines from bothilN and O, with one of each overlapping, the
corresponding result for the packed levels reads

oup oup Bclc 1 6N 60
~ ~ —— + _ — + — ), 4.25

NS 3 ) (4.29)
where the escape probabiliti@g and 8o refer to the total opacity arising from both multiplet lines,
and the factor ‘1/3’ can be traced down to the fact that three (optically thiwg participate in total,
two single lines from Nii and Oiil, and one coupled line complex.

22|n the formation region of the optical lines, the opacity ratio between the &hd Ol resonance lines ranges from
roughly 5 for the coolest models to 0.5 for the hottest ones.

23Corresponding to (&) in a two-level atom, witte roughly the ratio of collisional to spontaneous radiative rate coefficient,
for the downward transition.
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The corresponding source functions for the decoupled case witkegéekels would read

B 2By B 2p
(the factor of two arising from two participating multiplet lines), and a comparisdh Eq. 4.25
shows that in most cases the coupled source function would lie in betweeortiesponding ones
that neglect the line overlap. Again, our result is (almost) independeahieadpacity ratio between
the overlapping Nil and Qi lines but also independent of the weights of the individual lines within
each multipleg*

Generalization to more multiplet lines is straightforward, and our analytic resuipares well to
the actual case where thellNand Oill source functions for the coupled case are identical and lie in
between the values for the decoupled situation, see Fig. 4.14, uppér pane

Thus, whenever the source function of thei@ 374 line is significantly larger than the one from
N1, a decent effect on the emission strength of the optical triplet lines is to jpeceed. This
situation is particularly met arounts = 30 to 33 kK, since in this region the upper level of thaiO
line is significantly populated by cascades from higher levels.

First test calculations with a simplified oxygen model atom performe&aAsTwIND confirm
the general effect, but realistic results cannot be provided befoetadleti model atom has been
constructed. Let us note, however, that most of the other opticalliies are barely affected by the
resonance line coupling, and that these lines can be used for diagnogiises already now.

In Chapter 5 we derive nitrogen abundances for LMC O-stars fronviieFLAMES survey of
massive stars. Though there are only few objects in the critical temperange, at least for one
object, N11-029 (09.71b), we encountered the problem that the clasenefilled Nin triplet (EW ~
0) could not be reproduced lASTWIND, though withcMFGEN. We interpret this problem as due
to the resonance line overlap, but stress also the fact that other diagimes enable a satisfactory
abundance analysis.

ﬂecoup_ Bele | 1on %GCOUP_ Bole 100 (4.26)

4.7 Influence of various parameters

Let us finally investigate the influence of important parameters on the strehtlté optical emission
lines. We stress that the following results have an only qualitative, diffieterharacter, as long as
the coupling with Qi1 has not been accounted for, at least in the raigeS 35kK.

Nitrogen abundance. Figure 4.15 displays the reaction on a variation of nitrogen abundance and
mass-loss rate. All models have been calculated with background alm@sdfotiowing Asplund

et al. (2005). The (purple) squares correspond (almost, exceptddackground) to our previous
results for [N] = 8.18 (0.4 dex larger than the solar value), and massdtessaccording to Table 4.1.
Reducing the nitrogen abundance to solar values, [N] = 7.78, resultsidesably less emission
(black diamonds), which is a consequence of the fact that the relatarpapulation of the 3d level
decreases significantly when the formation depth proceeds inwardsinflirence on Ni1A4097,

on the other hand, is less extreme, and follows the standard trend thates aigindance results in
stronger absorption lines.

24As long asB < 1.



70 CHAPTER 4. NITROGEN Il EMISSION LINE FORMATION REVISITE

0.4

0.3 ?; X * " —
. 0.2 43 14 & 3 * —
= s o *
Yoo A —

00k ek e e R B _

O NIl 4097 R
-0.
13233 13540 13533 13740 713735 14040  T4035  T4540  T5040
model

0.2 x

0.1 § & —
. o’o_ .......................................... 6 ............................................ é.........* ........ —
2 g1k —
= -0 é é o 5

-0.2 —

“O3[- NI 4640/42 X -

-0.4

13233 13540 13533 13740 13735  T4040  T4035  T4540  T5040
model

Figure 4.15: Comparison of equivalent widths (EW) foniNA 4097 andA A 4640/42 for models with
different nitrogen abundances and wind-strengths. Black diamoN{ls: 7.78, mass-loss rates as in
Table 4.1. Red triangles: as black diamonds, but with half the mass-los$rajge squares: [N] =
8.18, mass-loss rates as in Table 4.1. Blue asterisks: as purple sdudaregh half the mass-loss
rate. All background abundances are solar (Asplund et al., 2005).

Mass-loss rates. Also in Fig. 4.15, asterisks (for [N] = 8.18) and triangles (for [N] = 7.€8)re-
spond to a situation where the mass-loss rates have been decreasédctoy af two compared to
Table 4.1. Whereas the effect for the enriched models is significant, thelsnoith solar nitrogen
abundance are much less affected, though the predicted emission is stibtrargfer than for models
without a wind at all, cf. Fig. 4.10 (triangles).

The origin of this different behaviour is, again, rooted in the specificaluthe relative over-
population of level 3d. For a large nitrogen abundance, the formatios fzkee in a region where
the overpopulation increases quickly with increasing mass-loss rategaghtar a lower abundance
(deeper formation) it remains rather constant over a certain rangeroafion depths, such that a
moderate change ikl has much less effect. Figures 4.13 and 4.14 (upper panel), with a formation
region corresponding to [N] = 7.92, visualize the general situation fiees/e of whether coupling
with O11l is important or not): an increase of the nitrogen abundance shifts the tftomaepth to
the right (towards lowerrqsd, where the departure coefficient of level 3d and the source function
display a ‘bump’, due to the large velocity gradient, inducing very stromgng by the resonance
line(s). A decrease of the wind-strength, on the other hand, shifts Hitigmoof the bump to the right,
while (almost) preserving the formation depth with respeaiins Thus, in case of a large nitrogen
abundance the strong overpopulation is lost whedecreases, leading to a corresponding loss of
emission strength. For a lower abundance, however, the formation tiesip a region where the
overpopulation displays a ‘plateau’, and a reductioiiofi.e., a shift of the bump to the right, has a
much weaker effect.
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Figure 4.16: Comparison of equivalent widths (EW) foniNA 4097 andA A 4640/42 for models with
different background abundances, [N] = 7.78 and mass-loss ratesTable 4.1. Black diamonds:
Z/Z. =1.0; red trianglesZ/Z., = 0.5; purple squaresZ/Z., = 0.2. Background abundances scaled
to solar abundance pattern from Asplund et al. (2005).

Wind clumping. Since the NIl emission lines of O-stars are formed in the middle or outer pho-
tosphere?® wind clumping has no direct effect on their strength, as long as the phmmspemains
unclumped (which is most likely the case, e.g., Puls et al. 2006; Sundqwabkt2£i11; Najarro et al.
2011). Only if the transition region wind/photosphere were clumped, sirebtcffects are to be
expected, due to increased recombination and optically thick clumps affébtngsonance lines
(Sundqyist et al., 2011). Indirect effects, however, can be laigee clumpy winds have a lower
mass-loss rate than corresponding smooth ones. Since tipieductions are expected to be on the
order of 2... 3 when accounting for micro- and macro-clumping (Suistigvzal. 2011 and references
therein), Figure 4.15 (asterisks vs. squares and triangles vs. diagvels also an impression on
the expected effects when clumping were in- or excluded in the spectnutimesys.

Background abundances. Figure 4.16 displays the effects when only the background abundances
are varied, while, inconsistently, the nitrogen abundance is kept at its \&lze and the wind-
strengths correspond to the Galactic WLR. Diamonds refer to solar compositaomgles toZ/Z.,

= 0.5 (roughly LMC) and squares ®©/Z., = 0.2 (roughly SMC). In line with our reasoning from
Sect. 4.4.2, the emission increases significantly when the backgroundattoes decrease, due to re-
duced line-blocking. Note that for objects with unprocessed nitrogenfteis enight be compensated

by a lower nitrogen abundance, and, even more, because of lowerswardyths 1 O (Z2/Z.)°7,
Mokiem et al. 2007b). Note also that the correlation between triplet emisabA 4097 absorption
strength has become rather weak, due to the influence of the resonamcerdimected to level 3s
(see Sect. 4.4.3). Let us finally stress that because of the strongdgejerof emission line strength

250nly for a very large nitrogen abundance or mass-loss rate, (‘siasi sr Wolf-Rayets) the formation takes place in the
wind.
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on line-blocking, a sensible assumption on the atmospheric iron abundareguised, due to its
dominating effect on the EUV fluxes.

4.8 Summary and conclusions

In this chapter, we concentrated on a re-investigation of tihe NA 4634-4640-4642 emission line
formation. Previous, seminal work by MH has suggested that the formatichansm of these
emission lines in O((f)) and O(f) stars is dominated by two processes: #rpawlation of the 3d
level via dielectronic recombination, and the strong drain of the 3p leveh(s2B) by means of
the ‘two electron transitions’.

To account for the dielectronic recombination process in our new Nodel, we tested two
different implementations. Within the implicit method, the contribution of dielectratombination
is included in the photoionization cross-sections (provided from OPAQbdTofect data), whereas
the explicit method uses resonance-free photoionization cross-seatidrdirectly accounts for the
different stabilizing transitions from autoionizing levels. Both methods haes implemented into
FASTWIND, and the equivalence of both methods has been shown.

First tests were able to reproduce the results by MH quite well, after adaptimgew atomic data
to values as used by them. This result was achieved by applying similar assusnpe., wind-free
atmospheres and the same approximate treatment of line-blanketing. Theetniyidsion becomes
even increased when using our new atomic data, mostly because of hégiiktor strengths for the
‘two electron transitions’.

After switching to fully line-blanketed models (still wind-free), however, #iation changes
dramatically. Then, the strong emission present in the ‘pseudo line-blahkebelels is lost (consis-
tent with results from theLusTy OSTAR2002 grid). We have investigated this mechanism in detalil,
and shown that it is rooted in the overall lower ionizing EUV-fluxes (ndy amtil the N111 edge as
assumed by MH), either directly or indirectly, and the strong collisional liogipf the ground state
and the 2P levels. In any case, these levels become much less underpopulated in &Hbjdinketed
models, thus preventing an effective drain of the 3p level. We also quedtibaeole of dielectronic
recombination regarding the overpopulation of the 3d level. After setting BRiedhtribution to the
3d level to zero, almost no reaction on the triplet lines was found throughewvhole model grid.
Both results lead to the conclusion that, under realistic conditions of line-blyeklanketing with
solar background abundances, both the drain and the dielectronimbiion lose their key role as
assigned to them by MH.

This key role is now played by the stellar wind. Already MH suggested thagrtiission lines of
Of stars (contrasted to O((f)) and O(f) stars) might be formed due towfayS (1948) mechanism, an
overpopulation of the 3d level by pumping through the correspondiramegse line in an “extended
atmosphere”. This suggestion could not be proven though, since MiHdtate tools to model such
atmospheres. Nowadays, this is no longer a problem, and when we inotud@thin our calculations
(with mass-loss rates following the ‘unclumped’ Galactic WLR), it turns out W& obtain almost
the identical emission as present in the original MH simulations (performedutittind and without
realistic line-blanketing). By inspection of the net rates into and from the\&d, leve noticed how
the wind induces the overpopulation of the 3d level via pumping from thengkstate rather than by
dielectronic recombination. A prerequisite of this process is that the wiedgttn is large enough to
display a significantly accelerating velocity field already in the photosphenmétion region of the
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triplet lines, to allow the resonance lines to leave detailed balance.

The most important implication of our study is that under Galactic conditions Dy @aly a
secondary role, both for O-stars with “compact” and with “extended” atimeags, whereas the key
process is the overpopulation due to the resonanceriniee presence of an accelerating velocity
field. Note that without such a velocity field the resonance line loses its impacttiih@amsequently,
it is to be expected that hydrostatic NLTE codes, suchilassTy and DETAIL/SURFACE will not
be suited to quantitatively synthesize thelNtriplet lines (and, to a lesser extent, alsaliM 4097,
because of their interrelation), unless the wind-strength is significantiwhlibnGalactic WLR or the
background metallicityZ, is much lower than the Galactic one (see Heap et al. 2006 who performed
nitrogen diagnostics for SMC O-stars by meansrofsTY). Note also that our results have been
derived for O-star conditions only, and should be valid as long as tinedxhission lines, to a major
extent, are formed in the photosphere or in the transition region. For oljghtsignificantly denser
winds, e.g., WN-stars, our analysis would certainly need to be extenided alditional effects might
be present or might even dominate.

In order to check our new model atom and the predictive powensfwIND, we performed first
comparisons with results from the alternative model atmosphere cadeEeN, for a small grid of
O-type dwarfs and supergiants. For this objective we used a set oftampdii and Niil lines in
the blue part of the visual spectrum. The overall agreement betweercbads is mostly satisfac-
tory, though some systematic deviations demand a further clarification in teransoofiparison with
observations.

Within the range 30,000 K Teg < 35,000 K, however, some major discrepancies have been
found. Here,CMFGEN triggers the emission atA4634-4640-4642 earlier, i.e., at cooler tempera-
tures, than calculations fromnSTWIND. This effect could be traced down to the overlap of thei N
resonance line (actually, one of its fine-structure components, at 3/&)1\4@1 aresonance line from
O, which is of similar strength throughout the O-star domain. We studied thistéffemeans of
the correspondingMFGEN calculations (sincEASTWIND lacks a detailed @1 model), and also by
analytic considerations.

As long as both resonance lines are optically thick, source function eqgisalthieved. Under
most conditions, the ‘coupled’ source function lies in between the indiViciecoupled’ ones from
N 111 and Oiir. In the critical temperature range now, the decoupled €ource function is predicted
to be much larger than the N one (due to substantial cascades from upper levels), and leads, after
being coupled with Nii, to significant values for the combined source function, beyond theugésxb
N1t case. Thus, the important 3d level becomes more pumped, and the tripleioenoissurs at
cooler temperatures than without coupling. When the coupling is neglectaaFGEN, the predicted
triplet emission vanishes and the profiles become similar to thoseFr@smMwWIND.

It might be suspected that the impact of tha@iQesonance line overlap introduces an additional
parameter to be known when the nitrogen abundance shall be determiribd triglet lines, namely
the oxygen abundance. As we have shown by our analytic considexatiowever, this parameter
remains rather unimportatas long as both resonance lines are optically thick, which is true in the
interesting parameter range. We have tested this prediction by loweringithesgillator strength
in CMFGEN by a large factor (50), and found no difference in the coupled sdurcdion and triplet
emission.

Summarizing, not only the NI resonance line itself is responsible for the (strong) triplet emis-

26Except for certain differences in the EUV-fluxes etc.
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sion, but also the overlappingi® resonance line, at least at later O-types. Indeed, for one corméspo
ing object studied in Chapter 5, N11-029 (09.71b), we encountered tigm that the observediN
triplet could not be reproduced IBASTWIND, though withcMFGEN, and we interpreted this problem
as due to the resonance line overlap. Insofar, we need to incorpdsgpedbess intGASTWIND if we
aim at deriving nitrogen abundances at cooler temperatures from thed timyes alone. Fortunately,
the contamination of the other optical lines by this process remains weak,tsbédka lines can be
used already now, and the nitrogen abundance determinatieadaywIND is not hindered.

Our study implies two important consequences that need to be tested in fompaigsons with
observations.

(i) Since the efficiency of DR and ‘two electron’ drain is strongly dependa the degree of line-
blanketing/blocking, we predict that in a metal-poor environment (e.g., inrtredl $1agellanic
Cloud withZ/Z, ~ 0.2) the emission becomes stronger again, due to less EUV line-blocking.
On the other hand, in such a lafvenvironment also the wind-strengths and the base-line ni-
trogen abundance become lower, and the combined effects need to &tegenesl in detail. In
Chapter 6, we address which effect dominates the strength of the emission.

(ii) As outlined above, the triplet lines from O-type stars are of photosplogigin and depend,
via the NIl (and Qi) resonance lines, on the actual wind-strength (independent of clumping
and X-ray properties), determining the onset of the accelerating veloelt: fiThus, their
emission strengths might be used to constrain the stellar mass-loss rate @litez-flormation
has been shown to work reliably), if the nitrogen abundance can beedeéndependently from
other lines. In particular, ‘weak-winded’ stars (e.g., Bouret et al.3200artins et al. 2005b;
Puls et al. 2008; Marcolino et al. 2009; Najarro et al. 2011) have &ratkak wind for their
luminosity, being a factor of 10 to 100 thinner than predicted/observed &ir counterparts
with ‘normal’ winds. Thus, it might be suspected that weak-winded stapdagisnuch less
emission than stars with ‘normal’ winds of similar type. This requires, that ag thee weak-
winded stars also at intermediate O-types, and b) that the winds of theinaiczounterparts
are not strongly clumped, which would diminish also their emission because ef-tban-
thought mass-loss rates.

Using the Nini triplet as an independent mass-loss diagnostics would be somewhat simikar to th
corresponding application of the NIR Btine (Najarro et al. 2011, see also Puls et al. 2008),
but with the advantage that the emission strength of the triplet is a rather manftoction of

M, whereas By changes its behaviour from weak to normal winds considerably.



Chapter 5

Surface nitrogen abundances for O-stars
In the Large Magellanic Cloud

This chapter is - to a major part - a copy of Rivero Galez, Puls, Najarro, & Brott (2012), Astronomy
& Astrophysics, 537, A79. As for Chapter 3, there are some revisiam the original version, to
allow for clarity and consistency: The original Sect. 2.1 was moved to Chaptend the original
Sects. 2.2 and 2.3 as well as the original Appendix A to Chapter 3. App@nalnd Sect 2.2.1 in the
original paper are now covered in Appendix A of this thesis, and the @ligippendix C corresponds
to the present Appendix C.1.

Abstract. Nitrogen is a key element for testing the impact of rotational mixing on evolutyonar
models of massive stars. Recent studies of the nitrogen surface alenidaB-type stars within
the VLT-FLAMES survey of massive stdrave challenged part of the corresponding predictions. To
obtain a more complete picture of massive star evolution, and to allow for additionstraints, these
studies need to be extended to O-stars.

This is the second paper in a series aiming at the analysis of nitrogen alsesda O-type stars,
to establish tighter constraints on tharly evolutionof massive stars. In this paper, we investigate
the NIvA4058 emission line formation, provide nitrogen abundances for a substargtar sample
in the Large Magellanic Cloud, and compare our (preliminary) findings witbrrepredictions from
stellar evolutionary models.

Stellar and wind parameters of our sample stars were determined by line ptofigedi hydro-
gen, helium and nitrogen lines, exploiting the corresponding ionization eqailiBynthetic spectra
were calculated by means of the NLTE atmosphere/spectrum synthesisAd&IND, using a new
nitrogen model atom. We derived nitrogen abundances for 20 O- anstarBby analyzing all nitro-
gen lines (from different ionization stages) present in the available bppeatra.

The dominating process responsible for emission st 058 in O-stars is the strong depopu-
lation of the lower level of the transition, which increases as a functiovi.of/nlike the N triplet
emission, resonance lines do not play a role for typical mass-loss ratdsetow. We find (almost)
no problem in fitting the nitrogen lines, in particular the ‘f’ features. Onlydome objects, where
lines from Nit/N 1v/N v are visible in parallel, we need to opt for a compromise solution.

For five objects in the early B-/late O-star domain that have been previouslyzad by different
methods and model atmospheres, we derive consistent nitrogen abesdahe bulk of our sample
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O-stars seems to be strongly nitrogen-enriched, and a clear correlftiitrogen and helium enrich-
ment is found. By comparing the nitrogen abundances as a functiesiof ("Hunter-plot’) with
tailored evolutionary calculations, we identify a considerable numbdigifly enriched objects at
low rotation.

Our findings seem to support the basic outcome of previous B-star stwitlda the VLT-
FLAMES survey. Owing to the low initial abundance, the detection of stratrggen enrichment
in the bulk of O-stars indicates that efficient mixing takes place alreadygithiavery early phases
of stellar evolution of LMC O-stars. For tighter constraints, howeveroapng results from the
VLT-FLAMES Tarantula surveyeed to be waited for, which will comprise a much higher number of
O-stars that will be analyzed based on similar methods as presented here.

5.1 Introduction

One of the main products of the VLT-FLAMES survey of massive Stéisreafter FLAMES 1) was
the determination of light element abundances from statistically significanisswigGalactic, Large
and Small Magellanic Cloud (LMC, SMC) B-stars, covering a broad rarigetational velocities.

The inclusion of rotational mixing into massive star evolution (e.g., Heger &eaB000; Meynet
& Maeder 2000; Brott et al. 2011a) brought better agreement withiggeopic analyses that provide
evidence for a characteristic enrichment of helium and nitrogen in mahytgae stars (reviewed
by, e.g., Herrero 2003, Herrero & Lennon 2004 and Morel 2008ye&al recent studies based on the
nitrogen diagnostics performed within the FLAMES | survey have sevetajlenged the predicted
effects, though. In this context, nitrogen is a key element for testing traigticns of rotational
mixing, because it should become strongly enriched at the stellar surfaepidly rotating stars
already in fairly early evolutionary phases, whilst for slow rotation almesenhancement should
occur before the red supergiant phase. Indeed, a significant mahbeth un-enriched fast rotators
and highly enriched slow rotators have been found within the populationVf Icore-hydrogen
burning objects (Hunter et al., 2008a, 2009b; Brott et al., 203 Ti)ese results imply that standard
rotational mixing might not be dominant, and/or that other enrichment presesight be decisive as
well (Brott et al., 2011b).

To further constrain these findings and to provide a general picture s$iveastar evolution,
these studies need to be extended to O-type stars. Because of their fedirtees, the time-range
where this enrichment takes place can be narrowed down, and one reigtiidto constrain the
mixing scenario even better than it is possible from B-stars alone. In thpeceshe LMC is an
ideal testbed, because the nitrogen baseline abundance is low andstv@mgeenrichment is easier
to measure/confirm than, e.g., in the Milky Way.

Interestingly, most previous abundance studies of massive starsarglgtoiased toward inter-
mediate and early type B-stars. Indeed, when inspecting the available liggratetallic abundances,
in particular of nitrogen, are scarcely found for O-stars. The situatoh¥C objects is even worse,
and data for only a few supergiants (Pauldrach et al. 1994; Crowttsgr 2002; Evans et al. 2004)
and giants (Walborn et al. 2004) are available. One of the reasondddatk of information is that
the determination of nitrogen abundances is not trivial because of thelexitgf N 111/N1v line

1 See Evans et al. 2006 for an introductory publication and Evans et@8. 0 a brief summary on the outcome of this
project
2 As well as slowly rotating, highly enriched supergiants, discussed by &tiak (2010)
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formation, which is related to the impact of various processes that aratajyseegligible at cooler
spectral types where Nis the dominant ion.

To provide more insight into this matter, we started a series of publications giedtim nitrogen
spectroscopy in O-type stars. In the first paper of this series (RGeraalez et al., 2011, hereafter
Chapter 4), we concentrated on the formation of the opticad Bmission lines ai A 4634-4640-
4642, which are fundamental for the definition of the different morpho&idf’-classes (Walborn,
1971b). It turned out that the canonical explanation in terms of dieléctrenombination (Mihalas
& Hummer, 1973) no longer or only partly applies when modern atmospheesdondiuding line-
blocking/blanketing and winds are used. The key role is now played bytdéfilarswind, which
induces a (relative) overpopulation of the upper level of the transitianpwmping from the ground
state rather than by dielectronic recombination as long as the wind-strengilwésfpl enough to
enable a significantly accelerating velocity field already in the photospleeriation region.

The main goal of the present chapter is to provide nitrogen abundamcesdnsiderable number
of O-stars in the LMC. For this purpose, we used the correspondinglsgnop Mokiem et al.
(2007a, hereafter Mok07), mostly based on observations within the FE&Msurvey. So far, this is
the most comprehensive sample of O-stars studied in the LMC by meansnitgtise hydrogen and
helium line spectroscopy, and allows us to determine nitrogen abundarcasignificant number
of objects. However, its size is still not comparable with the amount of qooreing B-stars, and
does not allow us to extend the B-star results (that challenged rotationalgnteinard the O-star
domain in a statistically sufficient way. Instead, it will yield a first impressiompotential problems.
A statistically significant analysis will become possible within the VLT-FLAMESafdula survey
(Evans et al. 2011, ‘FLAMES II), which provides an unpreceddrgample of ‘normal’ O-stars and
emission-line stars.

This chapter is organized as follows. In Sect. 5.2, we study the formatidheoNiv A 4058
emission line in parallel with the NA6380 absorption line. Section 5.3 presents the stellar sample
and the observations used within this study. The procedure to determine atellavind parameters
together with nitrogen abundances is outlined in Sect. 5.4. In Sect. 5.5 we cdrimetail on
the individual objects. Sect. 5.6 provides a discussion of our resulisSaat. 5.7 summarizes our
findings and conclusions.

5.2 Understanding the Nlv A4058A 6380 line formation

In the following, we discuss the most important mechanisms that explain thengeesf emission at
N 1vA4058, in particular the decisive role of mass-loss. Our analysis is bastteanodel-grid as
described in Sect. 5.4.2, and refers to LMC background abundaluses golar (Asplund et al., 2005)
nitrogen abundance, [N] = 7.78hosen to obtain pronounced effects.

All important levels and the corresponding transitions involved in the Bimission problem are
summarized in Fig. 5.1. A comparison with the analogous diagram for(Rig. 4.1) shows a number
of similarities, but also differences. In addition to what has already ba#imed, the upper level of
the emission line (3é» 3p) is fed by only weak dielectronic recombination, with almost no influence
on the population of 3d (contrasted to theliNcase), and there is no resonance line connected to 3d
(which turned out to be crucial for Ni). Instead, théower level of A4058, 3p, is connected with the

3 Roughly 0.9 dex above the LMC baseline abundance,Njne= 6.9, following Hunter et al. (2007).



CHAPTER 5. SURFACE NITROGEN ABUNDANCES FOR O-STARS IN THE R&E

78 MAGELLANIC CLOUD
8x105 T T T T T T T T T T T T T T T T T
6x10° -
- 34
E 4x10° -
w

2x10°

Figure 5.1: Simplified Grotrian diagram displaying the most important transitions/ed in the Nv
emission line problem. The horizontal line marks the Mnization threshold. Mv A4058 is formed
by the transition 3dD — 3pP°, while the absorption line a&6380 originates from the transition 3p
1PY — 3s1S. An efficient drain of 3p is provided by the ‘two-electron’ transitions'Bp — 2p? 1S,
ID. Cascade processes from 3&° and pumping from 2pP° are the major routes to overpopulate
the 3d'D state. See text.

ground-state. Similar to NI, on the other hand, there are two strong ‘two-electron’ transitions able
to drain 3p, via 3gP° — 2p? 1S, 1D.

Basic considerations

In agreement with the results from Heap et al. (2006), our simulationsHgees.2) show that
N 1vA4058 turns from weak absorption (arouhg ~ 37 kK) into weak emission arourids ~ 42 kK,
for models with (very) low mass-loss rate and ¢pg4.0. As usual, we define equivalent widths to be
positive for absorption and to be negative for emission lines. We find adifketence with respect to
the turning point, which can be attributed, to a major part, to the lower nitroggemioof our models
and different background abundances. Toward hotter temperatheesmission strength increases
monotonically until a maximum arountLs ~ 53 kK has been reached, after which the emission
stabilizes and finally decreases. For lower gravities and/or higher messdls, the line turns into
emission at lowelgs, so that, for a givefies, the emission strength increases with decreasing log
and increasing mass-loss raké, Since theabsorptionstrength of Nv A 6380 increases in a similar
way (though with a much weaker impactMf, and only untilTes ~ 50 kK), both lines appear (for a
givenTgi) as anti-correlated, at least for a wide range of temperatures. Inasgritie corresponding
transitions of N1l were found to be correlated (Chapter 4).

The behavior of both lines and the corresponding level structure implieSiaient drain of level
3p that enhances the emissiona&058 and also prevents emission/increases absorptid6380,
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Figure 5.2: Equivalent width (positive for absorption) of\\A 4058 (black) and NvA 6380 (red) as
a function of Tegr. Solid and dotted curves refer to Idw (model series ‘A) with logg=4.0 and 3.7,
respectively, and dashed curves to supergiant mass-loss rated émigele ‘E’), with logg=4.0.

and is provided by the two ‘two-electron’ transitions 3p2p? 1D, 1S, similar to the case of Ni .*

To investigate this mechanism in more detail and to avoid ‘contamination’ by wiedtef we
concentrated at first on a lod model with decent emission atiMA4058, withTe = 45,000 K
and logg = 4.0° In the upper panel of Fig. 5.3 we provide the NLTE departure coeftisjén of
involved levels, where black curves refer to our standard model. Oslyidavel 3d is overpopulated
with respect to 3plzg > bzp) over the complete line formation region. On the other hand, levels
27 1D, 2p7 1S, and 2p (the latter two not displayed) are (mostly collisionally) coupled tortheng
state, which in itself is strongly depopulated, owing to fairly high ionizing flujse® below). This
situation closely resembles the situation imiNwhere strongly depopulated draining levels (for non-
blocked models) favored a depopulation of the analogous level 3p.

To further clarify the impact of the different processes, we investightedorrespondinget rates
responsible for the population and depopulation of level 3p (Fig. 5.3, mimdiel, black curves). As
in Chapter 4, we display the dominating individual net rates (ngR;i — njR;j > 0 for population,
with index i the considered level) as a fraction of tte#al population rate. Indeed, the drain by
level 27 1D (dashed-dotted) and/or level2}5 (not displayed) are the most important processes that
depopulate level 3p in the line formation region. In contrast, the resoriaieogoes not contribute to
any (de-)population of level 3p, because it is (almost) in detailed baldorg dashed line).

To check the validity of our scenario, we calculated an alternative modeteathe two draining
transitions were suppressed, by using very low oscillator strengthsedithe upper panel of Fig. 5.3

4 Though in Chapter 4 we argued that in case ofi lthis mechanism becomes suppressed in realistic model atmospheres
with near-solar background abundances.

5 At cooler Teg, this line is in absorption because of a lowenNionization fraction implying deeper formation depths,
which are closer to LTE.
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Figure 5.3: Departure coefficients, fractional net rates, and linelggdfr NivA4058A 6380 and
involved processes, for model ‘A4540°’. Designation for 2pfers to 2p 2D only since the other
fine-structure component, 28S, behaves similarlyUpper panel:NLTE departure coefficients as a
function of Tress The onset of the wind is clearly visible at,ss~ 0.003. Black curves: standard
model withbsg > bsp; red curves: draining transitions 3p 2p? suppressed, leading tmy < bap,

blue curves: transition 2p> 3d suppressedviddle panel:fractional net rates to and from 3p, for the
standard model (black) and the model with suppressed draining trangitimh)sLower panel:line
profiles for NIvA4058 andA 6380, for the three models displayed in the upper panel, with similar
color coding.
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(red curves) shows that nolaq is smaller tharbsp, andA4058 becomes an absorption line (lower
panel, red color). From the fractional net rates, we see that therf@@fdecay route has switched
from 3p — 2p? (standard model, black) to 3p- 3s (red, dashed), though level 3p retains a much
higher population.

The upper level oA 4058, 3d, is predominantly fed by cascading from 38°, and also by
pumping from level 2p, whilst dielectronic recombinations are negligible pgsing the population
from level 2p leads to less emission (Fig. 5.3, lower panel, blue colorshgow a less populated
level 3d (upper panel).

Let us now consider the behavior of the absorption lind @880, resulting from the transition
3p — 3s, again by means of Fig. 5.3. As mentioned earlier, this line shows an argiatorf
with N1vA4058, in contrast to the behavior of the corresponding Nnes, which appear to be
correlated. In Chapter 4 we argued that the latter correlation resultstir@mproportionality of the
level populations of 3p and 3s. That is, whieg decreases (e.g., due to increased ‘two-electron’
drain), b3s decreases in parallel due to less cascading, and the absorplidO@i becomes weaker
in concert with an increase in the triplet emission. Vice versa, an incré@geimplies less emission
of the triplet lines and more absorption’e4097, respectively.

This reaction requires the transition 3p 3s to be optically thin, dominated by spontaneous
decays, which is no longer true foriMA6380. Owing to a mostly significant optical depth, the
radiative net rate is no longer dominated by spontaneous decays, ddeglsnds on absorption and
induced emission processes. Now, an increased population of 3p ldass iacrease diss,” and the
absorption becomeseakerbecause of an increased source funciidm,/bss. Vice versa, a decrease
in the population of 3p leads to more absorptiod &880 in parallel with more emission a#058.
This behavior becomes particularly obvious if we investigate the reactior@fttborption line when
suppressing the draining transitions. In this case, 3p becomes stromgpopulated (Fig. 5.3, upper
panel, red color), and 4058 goes into absorption whilat6380 becomes an emission line, due to
a significantly increased source function (more pumping than in the origiealksio). We checked
that if the absorption and stimulated emission terms in thes3ps transitions are neglecteti6380
displays more absorption instead, in accordance with our previous anggime

Note, however, that this anti-correlation is not complete. If one changesgses that have an
effect on 3d alone, e.g., the absorption strength@380 remains unaltered. Thus, by suppressing 2p
— 3d, onlybggy is affected (upper panel, blue vs. black curves), and there is lessi@migd 4058
while the absorption at6380 remains at the previous level (lower panel).

Summarizing, we interpret the different correlations between emission bsaimion line-
strength in NIl and Niv as caused by optical depth effects in the-3p3s transition. As long as
this is optically thin, cascade effects dominate, and both lines appear toreéated (Ni11). Higher
optical depths introduce a counteracting ‘source-function effeat tlae lines become anti-correlated
(N1v). The fairly high degree of such anti-correlation supports the importahite @lraining transi-
tions, because these are able to influence both the absolute populatioinvbtiied levels and their
ratios in a very efficient way by providing additional decay channelssfgal 3p.

6 When certain parameters/processes are chafogedgiven B, e.g., the strength of the draining levels, the background
opacities, etc.. Theverall increase of these line-strengths as a functiodgfis related to the increasing ionization
fractions. _

7 The net radiative rate (downward) is proportionalA@l — J/S), with Einstein coefficient for spontaneous decay,
scattering integral and source functiorf.
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Figure 5.4: Departure coefficients (left) and line profiles fawN4058/A 6380 (right) for the dense-
wind model ‘E4540'. Level designations, lines, and color coding as in3=&y

The impact of wind effects

So far, we discussed the possibility of obtaining emission iatINt058 via solely photospheric NLTE
processes. In Chapter 4, the presence of a wind (more accuratedgparise of the velocity field in
the outer photosphere) turned out as crucial to explain the observedriglet emission in Of-stars,
enabling an efficient pumping of thepperlevel by the corresponding resonance line. To inves-
tigate how the presence of a wind affects the emission atAM058, we compared our previous
model ‘A4540’ with model ‘E4540’, which has the same stellar parametdra bansiderably higher,
supergiant-like mass-loss rate. Indeed, the inclusion of such a strodighaa pronounced effect.
Comparing Fig. 5.4 (right panel) with Fig. 5.3, model ‘E4540’ (black) lssim much more emission
than ‘A4540’, increasing the equivalent width #8058 from—7 to —114 mA. For higherTe the
impact ofM also remains significant. The absorption line 6380 is affected by the wind as well,
though less pronounced. The absorption becomes slightly stronge8¢ynithe equivalent width),
i.e., the anti-correlation discussed above is still present. This is valid nofamtyodel ‘E4540’, but
also for hotter models (Fig. 5.2), until the wind-emission begins to contaminata 6880.

The origin of this stronger emission 44058 becomes clear if one inspects the involved depar-
ture coefficients (Fig. 5.4, left panel, black curves). Again, the ook#te wind is clearly visible
(at Tross= 0.1), now much deeper than in the ‘A’ model, and the line formation region is Idcate
in betweentress~ 0.40...0.04. Compared to the ‘A model, ‘E4540’ displays a more advanced
ground-state depopulation, where the ground-state remains coupled withatining levels 2pas
well as with level 2p (not displayed). This leads, particularly in the transiégion between photo-
sphere and wind, to an extreme depopulation of 3p. Because level Bohbestrongly overpopulated
mostly because of feeding by 38 (which is severely overpopulated as well), the resulting line
source function is quite high and partly even in inversion, which explainpritreounced emission at
N1vA4058.

All these differences are caused by the onset of the wind. At firstthatethe Nilv continuum
A< 160,&) is strongly coupled with the He continuum. As already realized by Gabler et al. (1989),
increasing mass-loss leads to morelHground-state depopulation, to higher fluxes in theiH®n-
tinuum and thus also to higher fluxes in theWcontinuum. Consequently, theI ground-state
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becomes strongly depopulated, and the nitrogen ionization equilibrium swifotr@ Niv (which
is the dominant stage in the deeper photosphere) towardrdm the transition region on. This
also favors the overpopulation of 3d by means of increased recombis&tidrigh-lying levels with
subsequent cascades via 38°.

One might now argue that the inclusion of the wind could amplify the impact ofédkenance
transition(s) by producing deviations from detailed balance which would feastrong pumping,
similar to the case of Ni. Unlike the situation in Nii, however, this effect would lead to less line
emission or even absorption at¥A 4058, because here the resonance line is connected to the lower
level, 3p. But this effect is not present, however, because thearserline is too strong (N is
the dominant ion until the transition region) to leave detailed balance befoxeinidehas reached a
significant speed. Only then the resonance transition becomes dominagutaging level 3p, but
this occurs already far beyond the formation region af/AN4058. Close to the formation region,
there is only a moderate population of 3p by the resonance line, similar to theagop from 3d
itself. Even this additional population is counteracted (even slightly overenagted) by enhanced
drain toward 2p, not only in the formation region 0f4058 but also in those outer regions where the
resonance line strongly pumps.

These arguments are supported by the fact thatA6380 is only slightly affected by the wind,
where the increased absorption results mostly from a diminished sourctofurmwing to a less
populated 3p level. Performing the same tests as for the thin wind case, i.er seipipeessing the
drain or suppressing the population of 3d via-2p3d, leads to similar results, as can be seen from
the red and blue curves and profiles in Fig. 5.4, respectively.

We conclude thaM is a key parameter for modeling thetW emission line, where in contrast to
N 111 the basic mechanism (for typical mass-loss rates and below) is alwagedtlayithe depopulation
of the lower level by the ‘two-electron’ transitions. This drain becomesgepas a function af,
because of increasing ionizing fluxes that lead to more ground-statpulapion.

5.3 Stellar sample and observations

5.3.1 The stellar sample

Table 5.1 lists our stellar sample that was drawn from the analysis of LMCiQ-Eatars by MokO07.

Three of the 28 stars from the original sample were discarded from #sepr analysis for two
reasons. First, from our analysis we suspect that N11-004 andOKi8 Inight be (SB1) binaries,
where the former object shows discrepant line shifts and for the latterexe wnable to reproduce
the observed He lines accurately (both shape and strength). A possiatiéybof N11-048 was also
suggested by Mok07 because of similar reasons. The other discdade8ls-67 166, is the only
object in the original sample that seems to be strongly evolved (helium cofitentN(He)/N(H) =
0.20 ... 0.28, Crowther et al. 2002 and Mok07, respectively), aschhaery dense wind, with both
Hy and Hel14686 in strong emission. We confirm the stellar/wind parameters as degveldk07
(almost perfect fit quality of H/He lines), but did not succeed in a reaslerfit for the nitrogen lines.
A comparison with the analysis by Crowther et al. (2002) shows similar giao@es. Because of this
problem and because of its highly evolved evolutionary status, whichmasatch with all other
objects in our sample, we decided to discard this object from our preselysiés and will reconsider
itin a future attempt.
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Table 5.1: Sample stars used within this study along with spectral type, V-mdgnituerstellar ex-
tinction Ay, and absolute visual magnituti&,/. All quantities have been taken from MokQ7. Primary
identifications for N11 objects are from Evans et al. (2006). Identifinatgiarting with "Sk”, "BI”,
"P”, and "LH” are from Sanduleak (1970), Brunet et al. (19753sk&r et al. (1992), and Walborn
et al. (2002, 2004), respectively.

Star Cross-IDs Spectral Type V Ay My

N11-026 - 02 111(F) 13.51 0.47-5.46
N11-031 P3061/LH10-3061 ON2 IIff 13.68 0.96—5.78
N11-038 P3100 O5 II(f) 13.81 0.99-5.68
Sk—66 100 - 06 lI(f) 13.26 0.34-5.58
N11-032 P3168 o7 11(f) 13.68 0.65-5.47
N11-045 - o9l 13.97 0.50-5.03
BI1253 - 02 V((f) 13.76 0.71-5.45
BI1237 - O2 V((f) 13.89 0.62-5.23
N11-060 P3058/LH10-3058 O3 V((h 14.24 0.81-5.07
Sk-70 69 - O5 V((f) 13.95 0.28—4.83
N11-051 - Oo5Vvn((f)) 14.03 0.19-4.66
N11-058 - O5.5V((f)) 14.16 0.28-4.62
Sk—66 18 - 06 V((f) 13.50 0.37-5.37
N11-065 P1027 06.5V((f)) 14.40 0.254.35
N11-066 - o7 V(() 14.40 0.25-4.35
N11-068 - o7 V((f) 14.55 0.28-4.23
N11-061 - o9V 14.24 0.78-5.04
N11-123 - 09.5V 15.29 0.16-3.37
N11-087 P3042 09.5Vn 14.76 0.624.36
N11-029 - 09.71b 13.63 0.56-5.43
N11-036 - B0O.51b 13.72 0.40-5.18
N11-008  Sk-6615 BO.7 la 12.77 0.84-6.57
N11-042  P1017 BO Il 13.93 0.22-4.79
N11-033 P1005 BO IlIn 13.68 0.43-5.25
N11-072 - BO.2 1l 14.61 0.09-3.98

The remaining sample consists of 20 O-stars, mostly giants or dwarfs, aarty3Betype super-
giants or giants. All B-stars and 15 O-stars are associated with the clusteahd the others are field
stars. The early B-stars were included in our sample to allow for a compavitio previous analyses
of such stars (Hunter et al., 2009b) and to check the consistency efatiffcodes and methods in the
transition region between O- and B-types (Sect. 5.6.2).

Table 5.1 gives information about spectral type, V-magnitude, interstedisncéon and absolute
visual magnitude, and was taken from MokQ7. Spectral types for Njetthare based on Evans et al.
(2006), slightly revised by Mok07 in collaboration with C. Evans (privmen.), and for the field stars
from Walborn et al. (1995), and Massey et al. (1995, 2005). Fofi¢fe star Sk—70 69 we added
the ((f)) designation because the present spectra show clear emisbioneA 4634-4640-4642 and
HellA4686 in absorption.
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5.3.2 Observations

Most of the observations (for objects denoted by ‘N11-") have beeriexl out within the FLAMES |
survey, and are described in detail in Evans et al. (2006). In briefd#ta were obtained using the
Fibre Large Array Multi-Element Spectrograph (FLAMES) at the VLT, $&x wavelengths settings
with an effective resolving power & ~ 20,000. The S/N ratios are in the ranges 50-200 for LMC
objects. After sky substraction, each wavelength range was co-asdiedormalized by means of a
cubic splin€® The final merged spectra cover two spectral ranges, 38504260 6300-670@.

To improve the sampling in luminosity and temperature, Mok07 augmented the Nideshy
LMC O-type field stars, which were observed using the UVES specipbgatthe VLT as part of the
ESO programs 67.D-0238, 70.D-0164, and 074.D-0109 (P.1. P. CentBpectra were obtained for
four different wavelength settings at an effective resolving powdR of40,000. The final product
provides coverage between 3300-5608nd 6300-1040@ for all stars except for Sk—-769, where
‘only’ the region between 3300-5600and 6300-670Gk had been observed. The typical S/N ratios
achieved for all spectra lie in the range 60-80.

5.4 Analysis

5.4.1 Methodology

In an ideal world, we could have used the stellar and wind parameterdaraitbby Mok07 from
H/He lines, and simply derived the nitrogen abundances from atmosphediglsnweith these param-
eters. Unfortunately, there are reasons to reanalyze all prograsn §liast, the preserfrASTWIND
version (see Sect. 2.3.1) is somewhat different from the version ysktbk07, and the parameters
need certain (mostly small) alterations to reach a similar fit quality to the H/He linesn8gewe used
a somewhat different fitting strategy with respect to the ‘free’ parametérish changes the optimum
fit. In contrast to Mok07, we derived and fixed the projected rotatioakloity, v sini, independently
from the actual fitting procedure (Sect. 5.4.3), whereas Mok07 includiali as a free parameter
in their fitting algorithm. Moreover, during our fit procedure we allowedtfoe presence of extra
line-broadening (‘macro-turbulence/nad, not considered by Mok07. Differencesvrsini andvmac
can lead to certain differences in the outcome of the fit, since the profilesimght change (e.g.,
Fig. 4 in Puls 2008). Third, and most important, is that we now aim at a consigtéor the H/He
andnitrogen lines. Thus, and in the sense of a compromise solution (minimization différences
between observed and synthetic spectraalbtines), different stellar parameters which result in a
modest change of the fit quality of H/He alSr@an lead to a significant improvement with respect to
the complete set of lines.

This is why we opted for an entire reanalysis, performed mostly by a simpleyfiye’ method
where we aimed to accomplish the best fit to the strategic lines by visual ingpécti@ discussion,
see Mokiem et al. 2005). Because we started from the parameter sevvaed by Mok07 (highest
fitness™0 with respect to their assumptions), our new solution should be located &iser o the
global maximum of the corresponding merit function as well and not only at a laoal dlote that

8 We performed additional renormalizations for different wavelengtiges.

9 In particular at earliest spectral types the sensitivity of H/He on chaingas atmospheric parameters is quite weak.

1O0which quantifies the quality of the solutions resulting from a genetic algorithimigation, see Mokiem et al. (2005)
and references therein.
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our derivation of nitrogen abundance and micro-turbulence for masieofooler sample stars relies
on a more objective method (Sect. 5.4.4).

Mok07 themselves used an automated fitting method (developed by Mokien2@d3).based on
a genetic algorithm optimization routine to obtain the stellar/wind parameters byrayalpopulation
of FASTWIND models over a course of generations, until the best fit to H/He is foundenSece
parameters were considered to obtain the highest ‘fithess’: effecinmetaturees, surface gravity,
logg, helium contentYye, projected rotational velocity sini (see above), micro-turbulent velocity,
Vmic, mass-loss ratéyl, and velocity-field exponenf.

5.4.2 Model calculations and grids

All models used within this analysis were calculated Witts TWIND, augmented by a fe@WMFGEN
models for comparison purposes (Sect. 5.5). For these calculationsg,Hgnd N were treated as
explicit elements. A description of our H/He model atoms can be found in Pals(@005), and our
nitrogen model atom is described in Chapter 3.

To allow us to study the combined reaction of all diagnostic H/He/N lines on varsab the
stellar/wind parameters and nitrogen abundances, and also for undiéngtthe Niv A 4058 emission
line process (Sect 5.2), we generated a grid of motlel$he grid was constructed using various
nitrogen abundances centered at the solar value [N] = 7.78 (from [B\P& to 8.58 with step size
0.2 dex and including the LMC nitrogen baseline abundance, {Nle= 6.9), and a background
metallicity, Z = 0.5Z,, corresponding roughly to thglobal metallic abundance of the LMC (cf.
Mokiem et al. 2007b). The individual abundances of the backgralechents (in terms of mass
fractions) are scaled by the same factor with respect to the solar almenpattern (see Massey et al.
2004).

For a givenZ the grid is three-dimensional with respectTig, logg, and logQ, whereQ is the
so-called wind-strength parameter (or optical depth invariat= M /(VoR,)1®. This parameter
allows us to condense the dependenceévprterminal velocity,v.,, and stellar radiusi,, into one
representative quantity. The grids cover the temperature range from 25 to 55 kK (with increments
of 1 kK), and a gravity range between 3.0 and 4.5 (with increments of 0.2 dear logQ, the
different wind strengths are denoted by a letter (from ‘A to ‘E’), with @g —14.0,—13.5,—13.15,
—12.8,—12.45, respectively, i is calculated ifM.yr 2, v, in kms ™, andR, in R.. Models with
guantifier ‘A" correspond to thin winds, resulting in lines that are (almos#ffested by the wind,
whereas ‘E’-models correspond to a significant wind-strength typiaraDftype supergiants. Other
parameters were adopted as follows: a solar helium abundgnce, 0.10; v, as a function of the
photospheric escape velocitigs: (see Kudritzki & Puls 2000); the stellar radil,, as a function of
spectral type and luminosity class, corresponding to prototypical valueselocity field exponent,
B, from empirical values (Kudritzki & Puls 2000), wif = 0.8 for O-stars, and higher values toward
later types; and the micro-turbuleneg,c = 10 km st

Following the basic philosophy described by Puls et al. (2005).
12Relying on the fact that the wind-emission from recombination dominategd?-) processes remains unaffected as long
as the wind-strength parameter does not vary (see Puls et al. 19%5), 20



Table 5.2: Fundamental parameters for the LMC sample, assuming unclumgsdass For stars with two entries, see text. Brackets
aroundv,,: derived from scaling videse Asterisks followingvmic: value obtained in parallel with nitrogen abundance.

Star ST Secondary Tef logg loggiue R. 10gL. YHe  Vmic vsini Vimac M B Voo
Tett diag. (kK) (cgs) (cgs) Ro) (Lo) (kms™) (kms™) (kms?!) (10°°Moyr™) (kms™)
N11-026 O21(f) Nm/Niv/INv 49.0 400 4.00 11.3 582 0.10 10.0 72 60 1.56 1.08 [3120]
NI1v/N v 520 410 4.10 11.0 5.89 1.49
N11-031 ON2 1I(f) N1 /N1v 478 395 395 134 592 0.11 10.0 71 60 2.02 1.08 3200
NIV/NvV 56.0 4.00 4.00 122 6.12 2.20
N11-038 O51I(f)  Nu/Niv 405 3.70 3.71 140 5.67 0.08 10.0 100 50 1.21 0.98 [2600]
Sk—66 100 06 II(f) NI /N v 39.0 3.70 3.71 13.7 559 0.19 10.0 59 60 0.83 1.27 2075
N11-032 O7 lI(f) NI /N v 36.0 350 351 136 544 0.09 10.0 60 70 0.97 0.80 [1920]
N11-045 O9 1l - 323 3.32 3.33 12.0 515 0.07 10.0 64 80 0.69 0.80 [1550]
BI253 02 V((f)) NIv/INvV 548 4.18 420 10.7 5.97 0.08 10.0 230 - 1.53 1.21 3180
BI237 02 V((F)) NIV/NV 53.2 411 412 9.7 583 009 100 140 - 0.62 1.26 3400
N11-060 O3 V((f)) NI/NIvINv 48.0 3.97 3.97 95 563 0.12 10.0 68 40 0.51 1.26 [2740]
N1v/N v 51.0 4.10 4.10 9.2 571 0.48
Sk=70 69 O5V((f)) Nil/NIv 42.3 3.93 3.94 9.1 538 0.14 10.0 131 - 0.43 0.80 2750
N11-051 O5Vn((f) Ni/Niv 414 3.70 3.83 8.6 542 0.08 100 350 - 0.41 0.80 [2110]
N11-058 O5.5V((f)) NiI/N1v 40.8 3.75 3.76 84 524 010 6.0 62 60 0.01 1.00 [2470]
Sk—-66 18 06 V((f)) Ni/Niv 39.7 3.76 3.76 12.2 552 0.14 10.0 75 40 1.08 0.94 2200
N11-065 06.5V({f) Ni/Niv 410 3.85 3.85 7.4 514 013 100 60 50 0.05 1.00 [2320]
N11-066  O7 V((f) Ni/Niv 37.0 3.70 371 7.9 502 0.10 10.0 59 50 0.14 0.80 [2315]
N11-068 o7 V((H) Nu/Niv 37.0 3.70 3.71 7.5 498 0.10 10.0 30 50 0.13 1.12 [3030]
N11-061 o9V - 340 355 355 115 520 0.09 5.0 54 80 0.52 0.80 [1900]
N11-123 095V - 34.3 4.20 4.21 54 456 0.09 10.0 115 - 0.08 0.80 [2890]
N11-087 09.5Vn - 32.7 4.04 4.08 8.8 490 0.10 10.0 260 - 0.11 0.80 [3030]
N11-029 09.71b NI/N 11 29.0 3.20 3.21 158 5.20 0.08 10.0 46 60 0.28 1.23 [1580]
N11-036 BO.51b NI/N 111 258 3.11 3.11 155 498 0.08 121 39 40 0.11 0.80 [1710]
N11-008 B0.7 la NI/N 11 26.3 3.00 3.00 295 557 0.10 47 46 60 0.62 1.30 [2390]
N11-042 BO I Nit/N 1 29.2 359 359 119 497 0.08 5.0 21 25 0.19 1.19 [2310]
N11-033 BO IlIn - 26.7 3.20 3.34 15.7 5.05 0.10 5.0 256 - 0.25 1.03 [1540]
N11-072 BO.2 I Nit/N 1 29.8 3.70 3.70 8.1 467 010 2.7 14 10 0.25 1.30 [2100]

SISATVNY 'v'G
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5.4.3 Determination of stellar and wind parameters

The different steps performed in our analysis can be summarized asd$pbmd are detailed in the
next sections.

First, we determined sini for each object. Then we used the results from Mok07 in combination
with our model grid to roughly constrain the stelldkd, logg, [N]) and wind-strength parameters
(logQ), by inspecting the synthetic and observed H/He and nitrogen line profiles andvpm;c al-
ready specified within the grid.) During this step, we determined the extratoadbning parameter,
Vmac DY reproducing the profile shape of the weaker lines.

Subsequently, the stellar/wind parameters, now includiipgand 3, were fine-tuned by calculat-
ing a grid of much higher resolution around the initial guess and adogptifiggm MokQO7. After the
fundamental parameters were fixed and, in cagg, was adjusted, we fitted the nitrogen abundance
using two different methods (for cooler and hotter objects, respectjaetd also updated,;c, which
Mok07 solely derived from H/He lines. In certain cases, we needed-adapt the stellar/wind pa-
rameters to obtain the (almost) final solution. Now, we were able to calculat¢etta sadius from
My and the synthetic fluxes, and to update the mass-loss rate to its final valcalibg svith the new
radius. A final consistency check with the névandR, values was performed to ensure the stability
of our results.

Tables 5.2 and 5.4 list all quantities derived in this way, and Table 5.3 yieldnadiredifferences
between our and the Mok07 results. Note that these quantities refer tanpeiuwinds, whilst in
Sect. 5.4.5 we discuss the impact of wind clumping.

Projected rotational velocities and macro-turbulence. Before we were able to perform the actual
(fine-)analysis, we needed to constrain the line broadening parametegrssini andviac (Vmic was -
when possible - inferred in parallel with the nitrogen abundances, sg&3e4). As outlined above,
MokQ7 derivedv sini directly from their automated fitting method from the H/He lines. It is more
suitable to use metal lines, because these are not affected by Stadedirga Only in case of high
rotational velocities or high temperatures, where metallic lines are blende® eeey weak, He
lines might be used. Therefore, we deriwegini from scratch, employing the Fourier method (Gray,
1976), as implemented and tested in the OB-star range b§Bbaz et al. (2006) and Siom-Diaz &
Herrero (2007). This method has the advantage to easily discriminate ttiemataontribution from
other broadening mechanisms that affect the line shapes. In deperaféamperature and rotational
velocity of the star, we used lines fromiQ N1, Cii, and Sin for B- and late O-type stars. For
earlier O-types, higher ionization states are predominant, and mostl¥NNv and Siv lines were
considered, together with Hdines for the earliest types.

To finally reproduce the actual profile shape, some extra line-broaglevas needed in most
cases, conventionally called macro-turbulence. Though the physigah of this broadening still
remains to be proven, there are some strong indications that it is associttgthigh order, non-
radial) stellar pulsations (Aerts et al. 2009; $imDiaz et al. 2010). To account for this effect, we used
a radial-tangential description &f,,c to fit the profileshapesof nitrogen (and partly helium) lines,
using our first estimates on the stellar and wind parameters (see abovhgaraiw sini values. For
the fastest rotators of our sample, however, corresponding valuésmot been constrained, because
highvsini produce either too weak nitrogen lines, or these lines, together withihts, loose their
sensitivity to distinct changes Wnac

As expected, most of owrsini values turn out to be systematically lower than those provided by
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MokO7 (Table 5.3), by typically 30-40%. The derived range/@ic values is consistent with results
from similar investigations, e.g., Dufton et al. (2006); $mrDiaz et al. (2006); Lefever et al. (2007);
Markova & Puls (2008); Sidn-Diaz et al. (2010). The uncertainty of our estimates is typically on
the order of£10 kms 1, being larger for stars with relatively low rotational speeds.

Effective temperatures. This parameter is mostly constrained by thelHHe11 ionization equilib-
rium. For this purpose, we primarily used H&A 4471, 4713, 4387 and HeAA 4200, 4541. In
most cases, we did not meet the so-called klaglet problem (Najarro et al., 2006). As a consistency
check onTg and especially for the hotter stars, where the hiees can no longer serve as an effi-
cient temperature indicator, we made additional use of the nitrogen ionizafiolibéum by means

of the lines listed in Table 3.5. For B- and late O-stars, we investigatetNNI, for mid O-stars

N 1i/N v, and for early O-stars N//N v or even - in a few cases AN/NIV/NV (see Table 5.2 for
the specific diagnostics applied to a particular object). To this end, we eikdraur coarse grid or
our specific ‘fine-grid’ models, with a similar gridding of nitrogen abundengN] = 6.9 ... 8.58).
By exploiting this additional information, i.e., roughly ‘fitting’ the nitrogen linedifferent ions at a
unique abundance, we were able to fine-tlige(and also some of the other parameters, see below).
For objects where only lines from one ionization stage are present(Q®2,1045, 061, 087, 123), this
consistency check only allows for fairly weak constraints, if at all.

We estimate a typical uncertainty fog; according to the grid resolutiod, Teg &~ 1 kK. For N11-
066 and N11-068 we are only able to provide rough estimates on the stellangtars, consistent with
the nitrogen ionization equilibrium, and we adopt a larger eddg; ~ 2 kK. For some problematic
stars, N11-026, N11-031, and N11-060, we consider an everr large, about 4 kK, in agreement
with Mok07 (see Sect. 5.5).

Surface gravities. We derived log using the classical approach from the Stark-broadened wings
of the Balmer lines, basically j-and Hs, which should be uncontaminated by wind-emission. As for
Tett, We used nitrogen lines as a final consistency check. These surtagtes need to be corrected
for stellar rotation, applying a centrifugal correction (see Repoludt 2084 and references therein).
The estimated error for lagis 0.1 dex.

Helium abundances. To ensure the reliability of the final parameters, especilfyand and log,
and for our discussion on the abundance enrichment, we needed totheviselium line fits, because
inconsistent helium abundances can influence these parameters. A shugldsvas constructed
around the stellar parameters derived in previous steps, for difféggntom 0.08 (corresponding to
the approximate LMC baseline abundance, see Sect. 5.6) to 0.14, in s2f2.0A rough estimate
on the error is half this stepsize.

Terminal velocities cannot be reliably derived from the optical, and were adopted fromOviokor
the field stars, values have been inferred from UV P Cygni profiles agdd et al. (2003) and Massey
et al. (2005). The terminal velocity of Sk—668 was measured by Mok07 using UMOIlines. For
the FLAMES N11 stars, only N11-031 could be analyzed with respect tgéremmeter by Walborn
et al. (2004). For all other stang, has been estimated frowas, following Kudritzki & Puls (2000).
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Table 5.3: Differences between the fundamental parameters as deereednd by MokO7. Positive
values indicate higher values from this study. Dashes: no differermpa@d to the Mok07 analysis.
The comparison for N11-031 is made with respect to the cooler solutiorbésee5.5).

Star AT Alogg AYye Avsini AlogM AB
(kK)  (cgs) (kms?) (10°Moyr™)

N11-026 —4.3 - —0.01 -37 —0.06 -
N11-031 28 0.10 0.01 -45 —-0.28 0.19
N11-038 —-0.5 —-0.02 —0.02 —45 —0.10 -
Sk—66 100 - - - -25 —0.03 -
N11-032 0.8 0.05 - —-36 0.08 —0.23
N11-045 - - - —41 0.10 -
BI253 1.0 - —-0.01 39 —-0.10 -
BI237 - - —0.01 14 —0.10 -
N11-060 23 0.05 - 38 —0.01 -
Sk-7069 —-0.9 0.06 —0.03 - —0.38 0.02
N11-051 —-1.0 —0.05 - 17 —-0.39 0.20
N11-058 -0.5 -0.14 - -23 —1.18 —-0.42
Sk-66 18 —0.5 - - -7 - -
N11-065 -0.7 —0.04 —0.04 -23 —-0.86 0.20
N11-066 —2.3 —-0.17 —0.01 -12 —0.47 -
N11-068 —2.9 —0.43 - —24 —0.42 -
N11-061 0.4 0.04 - =33 0.39 —1.00
N11-123 —-0.5 -0.02 - 5 - -
N11-087 - - - —16 —0.10 -
N11-029 -0.4 -0.03 0.01 -31 0.22 —0.40
N11-036 —-0.5 -0.20 - -15 - -
N11-008 0.3 0.02 - =35 0.09 -0.57
N11-042 —-1.0 —0.10 —0.02 -21 —0.02 -
N11-033 -0.5 -0.01 0.02 - 0.02 -
N11-072 —-1.0 —0.08 —0.02 - 0.02 0.46

Velocity field exponentB. The sample used in this study does not contain any star whose wind is
so dense that flis in emission, therefore an accurate determination of this parameter is difficult
for optical spectroscopy. We applied the following philosophy. If the doation M-S provided

by Mok07 resulted in reasonable,Hits, we keptf. Otherwise, we seB to prototypical values,

B = 0.8...1.30, depending on spectral type and results from earlier analysesmped in our group.
Moreover, for some of the sample stars, N11-008, N-029, N11-088,Nd1-061, the automated
fitting method used by Mok07 resulted in quite high valuesfde.g., N11-061:3=1.8), whilst for
N11-051 a rather low valug = 0.6, was inferred. We consider these values as either unphysical or
indicating a substantial amount of wind clumping. In all these cases, we mofiéisadutlined above
(see also Sect. 5.5).

13If not impossible, because of thé- B degeneracy (e.g., Markova et al. 2004) and effects from wind gilgn(e.g., Puls
et al. 2006).
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Mass-loss rates were derived from fitting the syntheticgHrofiles to the observations, givgn(see
above). Usually HaA4686 was used as a consistency check. It turned out that for manyesamp
stars we were unable to successfully fit both lines at the $dnteecause HeA 4686 showed more
absorption than consistent with the observations whgmids fitting. This might indicate a certain
problem regarding HeA 4686 in the newASTWIND version, or some impact of wind clumping. The
problem needs to be investigated in the future, but has no impact on tlempsasdy.

Another consistency check fodl is provided by the nitrogen lines, particularly by theiNand
N I1v emission lines (and sometimes also by thg MHoublet), which are strongly affected by the
wind strength. In the case of two stars, N11-058 and N11-065, whiolesth quite good line fits to
H, He and N, the synthetic N'A4058 profile displayed weak emission, whereas the observed one
was clearly in weak absorption. Consistency could be achieved by laygrinntil this line could
be acceptably fitted, leaving the remaining nitrogen lines agalrost unaltered. In both cases it
turned out that | was already almost insensitive to reductionMinOther stars that showed a similar
problem, N11-051, Sk—6618, and Sk—66100, could not be ‘cured’ by this approach because there
a reduced value d¥l was no longer consistent with (unclumped!, see Sect. 5.4,5) H

Because H is in absorption in all our objects, which leads to the well-kndvaB degeneracy,
we estimated quite a large error &h namely plus/minus a factor of two, which is typical in this
situation (e.g., Markova et al. 2004). The impact of the errdRiris negligible here, as outlined in
the next paragraph.

Stellar radii. Because the effective temperatures derived within this work are différ@m those
of Mok07 (overall, these differences are modest, except for NB1H021-031, and N11-068, see Ta-
ble 5.3), this leads to different theoretical fluxes and thus to differettdstadii. Similar to Mok07,
we followed Kudritzki (1980) and Herrero et al. (1992), and calcdlalte ‘new’ radii from the theo-
retical Eddington fluxes and the (de-reddened) absolute magnituceSéiole 5.1.

Once the radii were redetermined, needed to be modified as well to preserve the fit quality of
Hq, which depends on the optical depth invarigh{see above). Contrasted to the case of Galactic
objects, where the error &y (because of unknown distances) dominates the error buddyt ibfis
plays a secondary role in our sample, owing to sufficiently well-known distand the fairly large
error introduced by th#-f degeneracy.

5.4.4 Nitrogen abundances and micro-turbulences

After determining the stellar and wind parameters and their uncertainties (swertifing may still
be necessary), we are now in a position to derive the nitrogen abwsland the corresponding
micro-turbulent velocitiesynic. Because the latter parameter significantly affects the strength of both
He and metal lines and thus the implied abundances, it is useful to determirgibatities in parallel.

To carry out this analysis, we calculated a fine grid of typically 25 model®bining different
abundances centered at the rough estimates derived in Sect. 5.4.3 wiifféikent values fovm,ic =
0,5,10,15,20 kms'.

When possible (see below), we used a ‘curve of growth’ method basétecequivalent widths
of the lines, which has been applied in the past years to different setsstar8to obtain various
metallic abundances (e.g., Urbaneja 2004; @irdiaz et al. 2006; Markova & Puls 2008). In brief,
this method uses synthetic and observed equivalent widths includingaintiess fromall considered
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Table 5.4: Helium and nitrogen abundances for the LMC sample with stellamgders from Ta-
ble 5.2. [N] is our best-fitting value)[N] the corresponding uncertainty, asfJN]¢ the change in
[N] (always positive) if clumping withf,, = 0.1 is included in the models (Sect. 5.4.5). Values dis-
played in italics were derived by the ‘curve-of-growth’ method. Literatwlues are from Walborn
et al. (2004) for N11-031 and from Hunter et al. (2009b) for thet@@ssand N11-029. When two
entries are provided, the first one corresponds to our preferhetiosg except for N11-031 where we
consider both solutions to be possible.

Star vsini Yqe [N]  A[N]  A[N]Y Literature
N11-026 72 0.10 7.80 +0.40 0.25-0.30 -
7.7% +0.40
N11-031 71 0.11 7.83 +0.15 - 8.03:0.18
8.3¢¢ +0.15
N11-038 100 0.08 7.85 +0.15 0.05-0.10 -
Sk—66 100 59 0.19 8.48 +0.15 - -
N11-032 60 0.09 7.87 +0.15 0.05-0.10 -
N11-045 64 0.07 6.98 +0.20 - -
BI253 230 0.08 7.90 +0.15 0.15-0.20 -
BI237 140 0.09 7.38 +0.15 0.05-0.10 -
N11-060 68 0.12 8.70 +0.30 0.05-0.10 -
8.1% +0.30
Sk—-70 69 131 0.14 8.05 +0.15 0.15-0.20 -
N11-051 350 0.08 7.58 +0.20 - -
N11-058 62 0.108.09 +0.15 - -
Sk—66 18 75 0.14 8.48 +0.15 - -
N11-065 60 0.13 8.1%7 +0.15 0.05-0.10 -
N11-066 59 0.10 8.17 +0.20 0.05-0.10 -
N11-068 30 0.10 7.85 +0.20 0.05-0.10 -
N11-061 54 0.09 7.18 +0.15 - -
N11-123 115 0.09 7.00 +0.15 - -
N11-087 260 0.10 7.38 —0.2¢0¢ - -
N11-029 46 0.08 7.43 +0.15 - 7.18:0.35
N11-036 39 0.087.85 +0.17 - 7.76+0.11
N11-008 46 0.108.08 +0.11 - 7.84+0.11
N11-042 21 0.08 7.00 +0.15 - 6.92£0.24
N11-033 256 0.10 7.28 —0.2¢* - -
N11-072 14 0.107.68 +0.15 - 7.38+0.06

IFrom NI /N v, uncertainty from N/.
2From NIV/N v, uncertainty from Nii.
3Improvement of Nv A 4058 fit with weak clumping.

4Uncertainty of upper limit.
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lines to derive a unique pair of abundance apg (incl. errors). Results from these analyses are
indicated by an asterisk in thagic-column of Table 5.2.

Unfortunately, this procedure was not applicable to the bulk of the sampébsteause of various
reasons, e.g., blending and diluted lines owing to fast rotation, almost invisibk owing to low
nitrogen content, and peculiarities in the observed lines from some of tisevatarhighly ionized
nitrogen. All these problems will be commented on in Sect. 5.5, and we optaddietermination of
the nitrogen abundance/micro-turbulence pair by means of a visual trpetthe fit quality, using
the same fine grid as described above.

We estimated the errors Wi to be 3-5 kms?, both for the equivalent width and the visual
method. To provide an impression of the impact of these errors on theederitrogen abundances,
we note that a decrease Vpic by 5 kms ! leads to an increase of [N] by 0.05-0.07 dex. For the
error associated to [N] when derived by ‘visual’ fitting, we decided taybite conservative. Even
though we are able to obtain quite good fits for the bulk of the stars implying eertamty of 0.1
dex, we instead adopt a higher value of 0.15 dex to roughly accoutiid@dditional dependence on
the stellar and wind parameters. For two stars, N11-033 and N11-08¥amenly provide an upper
limit on the abundance, with an estimated uncertainty of 0.20 dex. This value isdogted for N11-
066, N11-068, and N11-045, N11-051. We were able to obtain onlghr@stimates for the stellar
parameters of the first two stars and could only use one nitrogen multipl#iddatter two. Even
larger uncertainties were derived for two ‘problematic’ stars, N11&#6N11-060, see Sect. 5.5.

Table 5.4 lists the obtained nitrogen abundances together with their estimatied @hen avail-
able, corresponding literature values were added.

5.4.5 Additional considerations
Wind clumping

So far, we neglected wind clumping in our analysis. Because most of thgeritlnes are formed
in the intermediate or outer photosphéfat least for not too extreme winds as considered here, they
should remain quite unaffected kyrect clumping effects, though indirect effects could be important
(see Chapter 4). Clumped winds have lower mass-loss rates comparaeduotheanped counterparts
by a factor of ¥/f if the clumping factorfy is radially constant, which could influence both the
N 111 and the Nv emission lines, because of their sensitivityMn Given the multitude of evidence
for wind-clumping (e.g., Puls 2008 and references therein), it is necess examine the impact of
clumping on our abundance determinations.

We adopted the parametrization as used by Hillier & Miller (1999) and Hillier ¢2aD3),

f(r) = fo-+ (1— fo) exp(—V(r) /ver) (5.1)

where f (r) is the volume filling factot?® f., its asymptotic value (if. > v¢i) andvg the velocity
where the volume filling factor reaches values closetg & f,, < 1. To allow for maximum effects,
we setvg = 30 kms?, close to the sonic speed for O-stars, and concentrated on model§qwith
0.1, corresponding t™ reductions by a factor of roughly 0.3 (consistent with recent investigation
allowing for macro-clumping, see Sundqvist et al. 2011).

14Note that this might no longer be true for thevNloublet, e.g., N11-031.
15Which is, within the standard assumption of micro-clumping and a void itit'ee medium, the inverse of the clumping
factor fg.
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Because most of our sample stars display thin winds, no major reaction diueripireg is to be
expected. Indeed, a value & = 0.1 did not induce any noticeable change in the spectrum for the
bulk of the stars.

For stars N11-038, 032, BI237, N11-060, 065, 066, and 068, mttI\Iii triplet is affected
(for BI237, also Nv), requiring 0.05 to 0.1 dex more nitrogen to preserve pheiousfit quality
of these lines. Because on the other hand the other nitrogen lines remaiditiachdhe inclusion
of clumping did not change our [N]-values for these stars, but only ingut@r deteriorated the
particular representation of the triplet lines.

For BI253 and Sk—7069, clumping of the considered amount has a stronger effect, particularly
on the Nl triplet, NivA4058 and the N doublet. Here, a clumping factor é§ = 0.1 requires [N]
to be increased by 0.15...0.20 dex.

Finally, for N11-026 and N11-031, the inclusion of clumping affects th#astparameters as
well. Owing to the loweiM, a hotter temperature (by 1 to 2 kK) is needed to preserve thefitle
For N11-026, [N] needs to be considerably increased, by 0.25 to 8.3Ttis is the only case where
we encountered a significant effect. For N11-031, on the other lzamekst the ‘cool solution’ (see
Sect. 5.5) remained at the previous nitrogen abundance.

In addition to these general effects, for a few stars, Sk-1&®, Sk—70 69, N11-051, Sk—66
18 and N11-065, the inclusion of clumping (of a lesser degree than 0.1) favors a better fit to
N1vA4058, see Sect 5.5.

Background abundances

One of the central results of Chapter 4 was that the Miplet emission increases with decreasing
background metallicityZ, due to reduced line-blocking. In this investigation we assume, following
Mokiem et al. (2007b), global Z of the LMC, Z = 0.5 Z,,. Because this value is somewhat contro-
versial, and & = 0.4 Z., might be appropriate as well (e.g., Dufour 1984), we need to test the impact
of this difference on the derived nitrogen abundances.

Overall, the lower background does not produce any extreme changes. As expected, the triplet
emission increases, requiring a roughly 0.05 dex lower abundanceaergbe previous fits. Inter-
estingly, we also found that NA4058 and the NI quartet lines tend to more emission and weaker
absorption, respectively, but to a lesser extent. The effect on themegaitrogen lines is marginal.
Note that a lower [N] value owing to lower background abundances woaitly cancel the corre-
sponding increase in the derived [N] because of moderately clumped wind

5.5 Comments on the individual objects

In the following, we give specific comments on the individual objects, diggrpeculiarities and
problems found during our analysis. We distinguish between B-/late Oastdréhotter) O-stars, and
sort by luminosity class and spectral type, starting at the hotter side. Algeitrbne fits (including
corresponding limits according to Table 5.4) are displayed in Appendix &ckpe for the objects
N11-072, N11-032, and BI237 which were included in the main text, kscthey are exemplary for
objects with different features. All spectra were corrected for radiklcity shifts.
We selected those lines that were clearly visible, at least in most casesrticufar, for T

< 35 kK, we used NIAA 3995, 4447, 4601, 4607, 4621, 4630 andiNA 4003, 4097, 4195,
4379,AA4634-4640-4642, andA4510-4514-4518. Fofe > 35 kK, we analyzed the lines from
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N1 /NiIvINv: N1l as before, NvAA 4058, 6380, and NAA4603— 4619 (see Table 3.5). Addi-
tionally, the Niv multiplets around 348@ and 7103-7129A were used for the field stars observed
with UVES (except for Sk—7069 where only Nv A 3480 is available).

5.5.1 Late O- and B-supergiants/giants
Supergiants

N11-029 — 09.7 Ib. This is the only O-supergiant within our sample. Because of its late nature, we
discuss it here together with the B-supergiants. No major problem wasieteced, and the largest
difference with respect to Mok07 concerns the hityh 1.63 derived in their analysis. We opted for a
lower value 8 = 1.23, still at the limit of prototypical values. To compensate for this modificatibn
needs to be somewhat increased.

Figure C.1 shows the best fit for the nitrogen lines. An abundance of N}3+-0.15 was inferred
mainly from N11A3995 and the NiI quartet lines. The bulk of the N lines are not helpful because
they are blended by O (Table 3.5). This is also the case for most of theiNines.

The most interesting feature, however, is the discrepancy foAM 63416 which shows an almost
completely refilled profile but is predicted to be in absorption. To synthesprefde with E.W. ~
0 would require a highefgs or a lower log, inconsistent with the He ionization equilibrium. This
seems to be the first observational evidence for one of the problemsskstin Chapter 4. For a
certain temperature range (around 30 to 35 KK)STWIND spectra predict too little emission in the
N 111 triplet compared to results fro@MFGEN, because of the (still) missing overlap effects between
the Nl and Ol resonance lines around 374 (which are treated consistently iItMFGEN; for
details, see Chapter 4).

For additional tests, we calculatedcamFGEN model at the same stellar/wind parameters and
abundances as derived in the present analysis. As expected, thspoording synthetic profiles are
closer to the observations (though still not as refilled as observed).hdckovhether the oxygen
abundance plays a significant role, two different abundances weagdered, [O] = 8.66 and 8.30
dex (solar and factor two lower). In agreement with our theoreticalragguiation from Chapter 4,
this difference did not affect the predictediNtriplet emission strength.

N11-036 —BO0.5 Ib. The largest difference to MokQ7 is that we derive a lower value fog gy 0.2
dex) as well as a lowel¢ (by 500 K), by exploiting He/He11 in parallel with the N1/N 111 ionization
equilibrium.

The nitrogen lines are well fitted, both foriNand Niii (Fig. C.2). The only discrepancy found re-
lates to an underprediction of absorption strength iMM607, whereas the discrepancy at N4601
is caused by an © blend. Quite a large enrichment is found, [N] = 748517.

N11-008 — B0O.7 la. Again, we adapted the fairly high velocity field exponent derived by MQkO
B = 1.87, to a more typical value ¢ = 1.30. We derived sini = 46 kms™%, which is approximately
half the value obtained by Mok07, and compensated by invokingse= 60 kms™.

The best fitting abundance, [N] = 848.11 (Fig. C.3), was obtained by the ‘curve of growth
method’, and yielded reasonable fits except forA\ 4447, 4621, and NI A4003, which are slightly
overpredicted.

16Similar to Ni11 A 4640, which is strongly blended byi0
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Giants

N11-042 — BO lll. We derive a lower projected velocity than Mok07sini = 21 kms?, as well
as a lowerTg, together with a corresponding decrease ofglofpr consistency with the N/N i1
ionization equilibrium. For this cooler solution, the helium abundance needs lmaered as well,
Yye= 0.08, close to the LMC He baseline abundance (see Sect. 5.6).

Owing to the low rotational speed, we were able to clearly inspectalaNd Niii lines (Fig. C.4)
which are fitted almost perfectly. The only discrepancy occursiat?097, caused by a coincident
O line. We were able to see two strongiiCGabsorption lines at both sides ofilNA 4640, and to
the left of N111A4379 (where the former cannot be used for the diagnostics of similavgtarsapid
rotation, N11-008, N11-029, N11-036, and N11-045).

A low nitrogen content was derived, [N] = 7.80.15, consistent with the low helium abundance.

N11-033 — BO llin. We find a slightly cooleiTe compared to Mok07, and our helium line fits
suggestye= 0.10.

Owing to its rapid rotation, all nitrogen lines are severely diluted and almostskafrom the
spectrum (Fig. C.5), implying an upper limit of [N] = 7.28 from theaiNines.

N11-072 — BO.2 Ill. This object shows a very sharp-lined spectrum, with the lowssgti value
within our sample. A consistent solution for nitrogen and helium suggeststdlglopoler Tes; (by
1 kK) and lower logy (by 0.1 dex). Our best fit indicatése =0.10.

As for the similar object N11-042, we were able to obtain a good fit fromdheve of growth’
method, with [N] = 7.68-0.15, and a rather lowmic = 2.7 kms* (Fig. 5.5). Thus, and in contrast
to N11-042, this object is clearly enriched. Note that N11-072 and NR1Helong to different
associations, LH-10 and LH-9, respectively.

5.5.2 O-stars
Giants

N11-026 — O2 lli(f*). This star is one of the four O2 stars in our sample, together with N11-031,
BI237, and BI253, comprising the hottest objects. Unlike Mok07, werfavapoler solutionTes = 49
kK (Mok07: 53 kK), and a somewhat lowst. This comparably large difference fég; relies both on
the better reproduction of H24471 and on the fit to the nitrogen lines, with three ionization stages
visible (Fig. C.6). Mokiem et al. (2007a) considered this cooler solutioneds(almost included in
their error bars), which would have improved their fit to IAd471, but argued in favor of the hotter
one, accounting for the global fit quality. By considering nitrogen noefiwd support for a lower
Tetr, Since forTeg > 50 kK the Niii lines vanish from the spectrum (cf. BI237 and BI1253).

The derived nitrogen abundance results from a compromise solutior, TNJO, where this value
is also the lower limit. Moreover, we estimate quite a large uncertainty (upper linfithafex, arising
from our difficulties to fit all three ionization stages in parallel. We favor latsmn that provides a
good fit for the Nl quartet and the N/ lines, whereas a larger abundance, [N] = 8.20, is needed
to fit the Nv doublet. From Fig. C.6 it is clear that this large abundance (red) disagritie the
remaining nitrogen lines. Of course, we also tried a fit at hotter temperatirdss = 52 kK (close
to the result by Mok07), log = 4.1 (which is still consistent with the Balmer line wings) avid=
1.510 5M.yr1, it is possible to fit both Nv and Nv, for quite a similar abundance, [N] = 7.75. At
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Figure 5.5: N11-072 - B0.2 lll. Observed (green) and best-fitting aptigrogen spectrum (black).
Blue and red spectra correspond to synthetic line profiles with [N] at therlawd upper limit, re-
spectively.

this temperature, however, alliN lines have vanished. To recover them we would need to increase
the abundance again, also by 0.4 dex. Because of the poorer predidtiemi 4471 we opted for the
cooler solution. Since in both cases the implied nitrogen abundances are,ghsldioes not lead to
severe problems for our subsequent analysis, but requires largebars than typical.

N11-031 — ON2 IlI(f*). This star raised the most severe difficulties in our sample when trying to
fit the nitrogen lines (Fig. C.7). Already its ‘ON’ designation indicates stnoitrggen features in its
spectra, in this case NAA4058 3480 (for the latter, see Walborn et al. 2004), and the dbublet
lines. We were unable to consistently fit these strong features together witkrtaining nitrogen
lines. In contrast, Nv A 6380 has almost the same strength as in N11-026.

When we tried to reproduce the (rather weak, but clearly visibleZ4d71 in parallel with Nii
and NivA 6380, we obtained.y = 47.8 kK, slightly cooler than N11-026, whilst MokQ7 derived
Test = 45 KK, excludingTes values higher than 47 kK based on the helium ionization analysis.

When, on the other hand, we tried to fit the problematic lines, we needed a mglodr Tes.

A consistent fit for all Nv lines (including NlIvA6380) together with those from W requires
Tet = 56 kK, logg = 4.00, andM = 2.210 M yr 1, together with a very high abundance, [N] = 8.30.
Clearly, this set of stellar parameters neither reproduces thdiNes nor the weak HA4471. N11-
031 has been previously analyzed by Walborn et al. (2004) and Bofamowther (2011) using the
N 1V/N vV lines (without discussion of Heand Niit). The former authors obtained quite similar pa-
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rameters Terr = 55 kK, logg = 4.00, and a somewhat lowdt = 1.0-10 ®M.yr 1, presumably
because of a clumped wind (though clumping has not been mentioned). &t plaeameters, they
derived [N] = 8.0@:0.18, which for our models would be still too low. Doran & Crowther (2011)
only providedTes within their analysis, derivindes = 54.7 KK for this object.

Because of the similarities with N11-026 (except for the two strong fegtutks fact that
N1vA638037 behaves ‘normally’ and that H&24471 is clearly visible, the cooler solution with
[N] = 7.83+0.15 cannot be discarded so far. We checked our synthetic spectradyyeindentm-
FGEN calculations. The results are quite similar, in particularly the predicted émission lines are
even slightly weaker than those produceddag TWIND, again pointing to a cooler solution.

We also tried to attribute the problematic feature to the presence of X-raysdnysmé&MFGEN
calculations including typical X-ray strengths and distribution, but almosffieet on these lines was
found (basically because the line forming region is still inside or close to tbpphere).

Of course, it would be helpful to considen™A 3480 as well, which unfortunately is not included
in our dataset. A by-eye comparison with the corresponding profile displiam\alborn et al. (2004,
their Fig. 1) showed that both our cooler and hotter solutions are compaitblé¢hig spectrunt®

Consequently, the nature of the strongvX 4058 and N/ doublet features remains open. Of
course, binarity could be a plausible solution, where a cooler compopeid be responsible for
Hel and Niii, and a hotter one for the intense\Nand Nv lines. We note that this is the brightest
(My=-5.78) object of the O-star sample and that other, previously thought sagle O-stars, dis-
playing both strong N lines as well as the presence of Ha their optical spectra such as CygOB2-
22 and HD 93129A, were subsequently resolved as binaries (Walbatn2902, Nelan et al. 2004).
Therefore, the binarity scenario for N11-031 needs to be clarifiedtimdunvestigations.

Note, however, that the other ON-stars discussed by Walborn et @, PBB4-16 and NGC 346-
3, seem to display very similar features, though the presence pisH®t as clearly visible as in our
spectrum for N11-031. Similar, but less dramatic, problems are also flmurtiose other sample
stars where we were able to analyzelMN 1v/N v in parallel, namely N11-026 and N11-060 (see
below). While the presence of these discrepancies in all these objectsainayopvard a less likely
binary scenario for N11-031, we note that the differencéggtior the two alternative solutions reach
8,000 K in N11-031, and remain at moderate 3,000 K for the other two objeatgzzd here.

We will reconsider N11-031 and other ON-stars in future investigation tdclzow it is possible
to have weak He and Nl in parallel with strong Nv and Nv. For the remainder of this work,
however, we discuss the results for N11-031 in terms of both the codhenkot solution, without
preferring either of them.

N11-038 — O5 II(f"). The parameter set derived for this star is quite similar to that of Mok07, with
only slightly lower Yqe = 0.08 andvsini = 100 kms!. This star displays a peculiar H&4471
profile of triangular shape that could not be reproduced, even if ingakacro-turbulent broadening
(as speculated by Mok07).

We obtained [N] = 7.8%0.15, similar to the case of N11-032, by means of quite a good fit to
all lines from three ionization stages (Fig. C.8). Besides the peculiah #&71 profile, NvA 6380
shows contamination by the DIBs A\ 6376.08, 6379.32, and the\W 4603 absorption is much
stronger than predicted, contrasted to the other component.

7which turned out to be quite ‘reliable’ in the remaining objects, even for dieest ones.
18|nterestingly, our cooler solution predicts somewhat stronger absoribm the hotter one, even though the correspond-
ing nitrogen abundance is significantly lower.
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Figure 5.6: N11-032 - O7 II(f). Same color coding as Fig. 5.5. For this Ktal A 4003 has not been
observed.

Sk—66 100 — O6 lI(f) is one of the field stars within our sample. The inspection of the H/He fits
suggests no major revision of the values provided by Mok07.

Figure C.9 shows the best fit to the nitrogen lines. An abundance of [N}&8.15 was needed
to obtain a consistent fit. This high value agrees well with the high He cordandffor this object,
Yye = 0.19. However, we also found some problems regarding thefitis, except for the multiplet
around 34804, where the fit is perfect. Interestingly, we were able to ‘cure’ thesiblpms by
invoking a clumped wind withf., = 0.2, with no significant changes in the remaining nitrogen lines.

N11-032 - O7 lI(f). No major problems were found for this star. Our solution is slightly hotter than
in Mok07, and we preferred a typicBlvalue for O-starsf3 = 0.80.

An excellent fit is obtained for this star of the (f) category (Fig. 5.6)yltésy in [N] = 7.87+0.15
for both the NI triplet and the quartet lines. The fit quality ofiNA 4097 is remarkable as well. Note
that for this star Nit A4003 has not been observed. Since theg Nnes are weak and quite noisy, we
can only state that our simulations are consistent with the observations.

N11-045 — 09 lll. Our analysis agrees well with that of Mok07. We confirm that a low He abun
dance (lower than the estimated LMC He baseline abundance) matchesdheatibas.

The only clear N-abundance indicators are the luartet lines, since most other lines are weak
and the spectrum is noisy (Fig. C.10). INA4097 is also weakly visible, and consistent with the
quartet lines. Around thi%s, the N1l triplet turns from absorption to emission, and thus this object
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does not belong to the ‘f' category. The absence of lines, the facthkastar does not display a
fast (projected) rotation, and the very low helium content is consistentthéhvery low nitrogen
abundance, [N] = 6.980.20. These findings suggest that this object is of unevolved nature.

Dwarfs

BI253 — 02 V((f)). This was one of the stars that were used by Walborn et al. (2002) teedbén
02 spectral type. A slightly hotter solution (by 1 ke = 54.8 kK) than in MokO7 was obtained
by using the Nv/N v ionization equilibrium. This star was also analyzed by Massey et al. (2005)
and Doran & Crowther (2011). The former authors provide only a ldiwetron T and a consistently
lower logg (Test > 48 kK and logy = 3.9), both in agreement with the error bars by Mok07, whilst
Doran & Crowther (2011) derive a somewhat cooler solution (by 2 ldheared to our findings.

Figure C.11 shows that NA6380, NivA 3480, the Nv multiplet around 7120&(where we
reproduce the observed emission), and thelies are nicely fitted, with [N] = 7.980.15. At this
Tett andM, no Niii is visible in the spectrum (see also our discussion on N11-031). Theddatated
around NI A4634 corresponds to @WA4632. On the other hand, we were unable to reproduce the
fairly broad emission of MvA 4058 (a highew sini is inconsistent with the remaining lines). For this
star, we compared again withcasiFGEN model at similar parameters, in particular with the same [N].
Contrasted to our solution, the width of the\Nemission line could be fitted, whilst the other lines
indicated either a hotter temperature or a higher abundance.

BI237 — O2 V((f*)). As for BI253, the nitrogen ionization equilibrium favours the hotter solution
proposed by MokO07Te = 53.2 kK) rather than the cooler limit derived by Massey et al. (2005). Ou
result is also consistent with the work by Doran & Crowther (2011). Thjea is quite similar to
B1253 with a somewhat thinner wind.

Figure 5.7 displays a good fit for the nitrogen lineslvil 4058 does not show a broad profile as
in BI253, and we are able to perform an excellent fit to this line. We deriesser enrichment than
for BI253, with [N] = 7.38+0.15.

N11-060 — O3 V((f)). With Tex = 48 kK, which is about 2 kK hotter than in Mok07, we found a
consistent description of H/He and nitrogen. As argued by MokO7AH471 is similar to N11-031,
and they derived a similals around 45 kK for both stars. Our findings indicate a higher value for
both stars, indicating the internal consistency.
Again, we encountered the problem already met for N11-026 and IS11k@., it is quite difficult
to fit the lines from three different nitrogen ionization stages in parallel FsgeC.12. We opted
for a compromise solution with [N] = 8.200.30, which is quite high but in line with the helium
enrichment. Note that we also estimate quite a high upper limit, motivated by the fajjogasoning.
As for N11-026, we considered the impact of a hotter solution. Wigh= 51 kK and logy = 4.1,
we are able to fit both N/ and Nv at a similar abundance, [N] = 8.15. To recover theiNriplet
lines at these hot temperatures, however, requires an increase by [idlighly 0.3 dex. Thus, we
are able to derive a quite similar nitrogen abundance for difféefgnteither using the MI/N v or
N 1V/N v ionization equilibrium. The upper limit results from the condition to match eithgray
N 111, respectively.
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Figure 5.7: BI237 - O2 V((f)).

Sk—=70 69 — O5 V((f)). For this field star, we had some problems to reconcile H/He and N at the
parameters provided by Mok07. Our final solution is cooler by 1 kK, aad@rivedyye = 0.14 which
is lower than thérye = 0.17 estimated by Mok07.

Figure C.13 presents the best fit for all nitrogen lines, for [N] = 8035. There are only
two disagreements: the ‘right’ wing of NA4634 is predicted a bit too narrow, and\W\ 4058 is
predicted to be in very weak emission, contrasted to the observations.nakeleothe fit acceptable,
particularly since in a clumped wind this weak emission becomes almost sugghress

N11-051 - 05 Vn((f)). This star is the fastest rotator in our sample, and we derived a slightly higher
vsini and coolefTe¢. We also used a prototypical value = 0.8 instead of the rather lof@ = 0.6
derived by MokO07, implying also a lowé.

Unlike N11-033, where the fast rotation removes almost all information, tiécbshows the Ni
triplet in emission, which is quite well reproduced by our model, with [N] = #6820 (Fig. C.14).
At such highv sini, these lines are blended withiCA A 4647— 4650— 4652. Since carbon is not
included in our calculations, it is not possible to predict the right wing of taeded profile. That the
carbon triplet has the same strength as the Nne indicates that this star could belong to the newly
defined Ofc category (Walborn et al., 2010; Sota et al., 2011), whiemséo be strongly peaked at
spectral type O5 for all luminosity classes.

The only problem of our fitting procedure is found fon\WA 4058, predicted to be in slight emis-
sion and actually not present in the observed spectra. In contrastlit®@B8land N11-065, it was not
possible to circumvent this discrepancy by lowerigsince the fit to l§ becomes inacceptable then.
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By means of a clumped wind with low#t, on the other hand, we can fit bothy tdnd obtain a better
result for NIvA 4058, whilst not compromising the remaining nitrogen lines.

N11-058 — 05.5 V((f)). To find a consistent solution for all H, He, and N lines, a very low
M = 0.01:10 M.yr 1 is required (similar to the case of N11-065), and also a lowgl(@14 dex
lower than MokQ7), which is still consistent with the Balmer line wings but apptabe fairly low
for a dwatrf.

This was the only O-star that could be analyzed by the ‘curve growth mathithdrespect to [N]
andvmic. The derived value o¥yic = 643 kms lis lower than for the other O-stars, though such a
difference does not drastically affect the derived abundancergaed in Sect.5.4.4. Quite a large
abundance, [N] = 8.020.15, was determined which fits all the lines (Fig. C.15).

Sk—66 18 — 06 V((f)). Our estimates agree well with those from Mok07. As for SK-8680, we
found a very large nitrogen abundance, [N] = 8B15 (Fig. C.16). Note that the N'A4058 line is
predicted in weak emission but appears in absorption. Again, lowdtimgs not sufficient to cure
this problem. A somewhat better fit to the this line was obtained for a weakly cllimvjpel with fg

= 2.3, included in the figure.

N11-065— 06.5 V((f)). Our bestfit to the He lines indicat¥se = 0.13, lower than the value derived
by Mok07,Yye = 0.17. As already discussed in Sect. 5.4.3, a satisfactory reproduttiorvd 4058
requires a very louM = 0.0510 ®M.yr—1. Since this line clearly appears in absorption, whereas
our model withM from MokO07 predicts much too less absorption, we lowevkdout were able to
preserve the fit to K and the remaining nitrogen lines. By the inclusion of clumping we obtained an
even better fit quality, with [N] = 8.1F#0.15 from Niii and Niv (Fig. C.17).

N11-066 — O7 V((f)). Tesr and logy as derived by MokO7 turned out to be inconsistent with the
N 111/N 1v ionization equilibrium. We had considerable problems to fit both ldnd Niv lines at the
same abundance, and particularly to reproduce the absorption withih4058 and the NiI quartet
lines. To this end, a lowefs was mandatory, but only rough estimates using our coarse grid could
be obtained, resulting i = 37 kK and logy = 3.7 dex, which are 2.3 kK and 0.17 dex lower than
the values provided by MokQ7, respectively. The gravity is somewhafdoa dwarf but still inside

the error bars assigned by Mok07. With these values, we determinedgN]J7=0.20, see Fig. C.18,
which seems rather large f¥e = 0.1.

N11-068 — O7 V((f)). As for N11-066, we were only able to fit the H/He and N lines by means of
the coarse grid. The differences to the results by Mok07 are significanstill consistent with the
observations and identical to those of N11-066 which has the same $pgutra

In contrast to N11-066, however, particularly thelNtriplet shows weaker emission, and thus a
lower [N] = 7.85+0.20 has been found, see Fig. C.19.

N11-061-09 V. Incontrastto Mok07, we chose a prototypical value for the velocity figdaent,
B = 0.8, together with a higher value fot. All H/He lines could be reproduced without difficulties.

The nitrogen analysis is quite similar to the case of N11-045, and we dgN\ed 7.18+0.15
from N1 alone (Fig. C.20).
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N11-123 — 09.5 V((f)). Our parameters are very similar to Mok07, and Fig. C.21 shows our so-
lution for N1I/N 111. Even though the rotation is not extreme, almost no nitrogen is visible, and the
features overlapping with the ‘non-existent 1™ 4630 and Ni1 A4640 are blends by @ and Silli,
respectively. Thus, we infer a very low nitrogen content, [N] = 0.5, roughly corresponding to

the LMC baseline abundance.

N11-087 — 09.5 Vn. For this rapid rotator we also found good agreement with Mok07. Beaafuse
rotation, all nitrogen lines are diluted into the continuum (Fig. C.22), and anlypper limit for [N]
could be estimated, [N] = 7.38.

5.6 Discussion

5.6.1 Comparison with results from MokQ07

In our discussion of the derived results we first concentrate on adwiaparison with the findings
by Mok07 (see Table 5.3). Except for a few cases, we derive soatevdolerTes. To a certain
extent, this might be attributed to the improved temperature structure in theaswwIND version,
and also to the possibility to exploit the nitrogen ionization equilibrium. The mostantial changes
concern N11-026 (4.3 kK cooler), and N11-031 (already the cooletien is 2.8 kK hotter). For the
earliest stars in our sample (two O2 dwarfs and two O2 giants), we deternt@mepeerature range
of 47.8 < Te < 54.8, quite similar to Mok07, but now including N11-031, since we infer hotter
solutions for this object. Massey et al. (2005) found a similar range, tsimgwarfs and two giants.
Gravities changed in parallel for most of the cases, with 0.10-ahd3 dex as largest positive and
negative difference, respectively. Stellar radii agree very welln éoethe two stars with the most
extreme changes ifyi; (less than 5% difference iR,).

We deriveM values that are typically lower by less than a factor of tdidogM ~ —0.1... —0.4
dex), with a maximum change ef1.2 dex for N11-058 based on our analysis of the nitrogen lines.
The resultingvye values agree well, except for two stars with differences consideraigigrithan the
adopted errors. For both stars (Sk=B@ and N11-065) we find a lower helium content.

The largest differences relate ¥aini andvyc. Differences around 30-40% wnsini stress the
importance of obtaining this parameter in a separate step, when using an tatdittiag method.
The substantial differences i, on the other hand, should not be taken too seriously. To a major
part, Vmic has not been literally derived during this work, but was only adopteti{as 10 kms1),
where the resulting fit quality did not indicate any problems with this value, withinkms™. Only
for four mostly cooler stars we were indeed able to infer more robust esipiatiécating quite a low
Vmic = 5 kms™. Note, however, that the latter value refers to nitrogen lines only, andgistencies
in Vmic from H/He (used by Mok07) and metal lines have been found alreadyiougastudies.

Because the topic of a potential relation betwegp and stellar type (log!) is of recent inter-
est? because it might indicate (together with other evidence) the presencb-sfisiace convection
(Cantiello et al., 2009), a more thorough investigation is certainly requiretri&ation from light el-
ements will become difficult for the hotter O-stars though, because of stricted number of visible
lines and the complex formation mechanism of the ubiquitous (photospherigiemiimes. Here, it

19g g., Mok07 found a weak correlation for objects with ¢pg 3.6; see also Kilian et al. (1991), Gies & Lambert (1992),
Daflon et al. (2004) for similar results for Galactic B-stars and Huntat.¢2007) for LMC B-stars.
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Table 5.5: Comparison between nitrogen abundances derived by nfeaxstoviND and by Hunter
et al. (2009b), using their stellar parameters anddiagnostics alone.

Star Sp. Type [N]tw. [N]Hunter
N11-029 09.71b 7.20 7.10
N11-036 BO0.51b 7.86 7.76
N11-008 BO.7 b 7.89 7.84
N11-042 BOIll 6.99 6.92
N11-072 BO.21ll 7.43 7.38

will become advantageous to exploit the information contained in the numendizland Ni lines
(e.g., Haser et al. 1998).

5.6.2 Overlap with B-star nitrogen analyses

To ensure the consistency between O-star nitrogen abundances fsofartth upcoming) work and
previous results from B-stars (using different codes, model atomsanalysis methods), a more
thorough inspection of the cooler objects is certainly required. Indeedra able to compare with
alternative nitrogen abundances from some overlapping objects (confyyiletdinter et al. 2009b,
see Table 5.4), which are based on stellar parameters obtained by meanssof and using the
Sin/Siv ionization equilibrium (Hunter et al., 2007).

Hunter et al. (2007) already realized that thRi-values were somewhat lower than correspond-
ing results from MokQ7 (who used exclusively H and He), but also pdioi# thatTe; estimates
based on HaA4541 would agree much closer. This is even more true regarding our Viadues,
which lie in between the Hunter et al. estimates from Si and those from Mdk@&e differences in
Ter derived either from metals or from H/He are somewhat disturbing bea#ubeir influence on
the metallic abundances when using lines from one ionization stage only.

Still, Hunter et al. (2007) decided to keep their cooler solution to preseaviati&rnal consistency
of their analysis. Consequently, the nitrogen abundances derived prekent study are systemati-
cally higher because of our high& (leading to intrinsically weaker N lines), withATes ~ 1kK
for N11-008 and N11-072, arnd 2kK for N11-036. For N11-042, th& is quite similar, and for
this object the derived [N]-values indeed overlap by better than 0.1FiexXN11-029 oufles is quite
similar as well, but we derive a 0.1 dex lower pgvhich leads to weaker N lines.

To check our model atom and our diagnostic approach, we performadditional analysis by
reproducing the conditions adopted by Hunter et al. (2007), i.e., weths&dtellar parameters (with
negligibleM to mimic TLUSTY models) and Ni lines only, within the ‘curve of growth’ method and
adopting their NI equivalent widths and uncertainties. For N11-029 and N11-042, wkl anly
perform a ‘by eye’ estimate because Hunter et al. considered onéiré alone. Corresponding
results are compared in Table 5.5, and the agreement is almost excellent.

Therefore we conclude that the consistency of nitrogen abundandhe mverlapping B- and
O-star regime is satisfactory, and that the different codes and methastsnedbly agree. However,
thereis a slight offset on the order of 0.1 to 0.2 dex, which we attribute mostly to diftexrffective
temperatures. Because our analysis is based on bothard Niii lines (in contrast to Hunter et al.),
and was performed in parallel with the analysis of H/He, we prefer ouesgalu
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Figure 5.8: Nitrogen abundances derived for our LMC sample. LefepaAs a function of O-star
spectral type (‘10-12’ correspond to BO-B2; iy, see Table 5.2). Right panel: As a function of
helium content, 12 + log(He/H) = 12 + log{e). Red: luminosity class I-II; blue: IlI-V. Arrows
indicate upper or lower limits. Alternative solutions for N11-031 (see SeB}).d&e indicated by a
triangle and an asterisk for the cooler and hotter solution, respectivietyeStimated (Ir) error for
log(Yue) is 0.05 dex. The dotted lines indicate the LMC nitrogen (Hunter et al., 20@V)re average
helium (see text) baseline abundances. Some objects were slightly shifieahitally for clarity.

5.6.3 Nitrogen abundances

Figure 5.8 summarizes the basic outcome of our analysis by displaying tivedleitrogen abun-
dances as a function of spectral type and helium content together witivieblaseline abundance
from Hunter et al. (2007). Evidently, there are only few cooler objeatatkd close to the baseline,
whereas the majority of the objects (independent of luminaosity class!) isghyrenriched, with [N]
in between 7.5 and 8%, Five objects display extreme enrichment, with [N] from 8.17 to 8.5, which
is close to the maximum nitrogen content given by the CNO equilibrium valuatfogen, [N}, ax ~
8.5. However, this is well above the enrichment reached for M4Gstar with an initial rotational
velocity of 275 kms(Brott et al., 2011a).

The right panel of Fig. 5.8 is more promising. There seems to be a strorgatmm between
the nitrogen and the helium enrichment, here displayed logarithmically. The h#&i@m abun-
dance should be located, in terms of number fraction, ard@d= 0.08-0.094 corresponding to
[He] = 10.90-10.97 (Russell & Dopita 1990; Maeder & Meynet 2001ernveij & van der Hulst
2002; Peimbert 2003; Tsamis et al. 2003), and agrees quite well with oimuorinvalues for the
derived helium abundance. We found only five stars with considerabigted nitrogen close to this
value, three (super-)giants and two dwarfs, but note also the attribntedtainty in helium content.
Except for these objects, the correlation is almost perfect, and thereitaincclustering around the
pair [He]=11.0/[N]=8.0.

A somewhat different view is provided in Fig. 5.9, which displays the dled¢aHunter-plot’,
nitrogen-abundance vs. projected rotational speed, for all our satgrkewithTez > 29 kK. N-11
stars are indicated in black, field stars in blue. Circles, diamonds, andesqu@respond to objects

20Note that most stars have ‘normal’ or only moderately enriched heliumdgnces (see below) so that the high [N] cannot
be an effect of decreasing H content.
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Figure 5.9: ‘Hunter-plot’ displaying the nitrogen abundance vs. prajeciational speed. Population
synthesis from Brott et al. (2011b), fdgs > 29kK and a magnitude limi < 15.29, shown as a
density plot in the background. The color coding corresponds to the ewdailtstars per bin, with
binsize 5 kmsx 0.04 dex. Overplotted are data from this study. Black: N11 stars; blukt fie
stars. Circles, diamonds and squares correspond to objects with lounéatiate and strong helium
enrichment, respectively (see text). Alternative solutions for N11-08&r(nediate He enrichment)
as in Fig. 5.8.

with low (Yqe < 0.1), intermediateYye = 0.1), and strongttye > 0.1) helium enrichment, respectively.

The background of this figure consists of results from the recentlatipo synthesis by Brott
et al. (2011b), for all objects witfis > 29 kK, and a magnitude limit (corresponding to our sample)
of V <1529, shown as a density plot. The underlying simulation assumes a fairly Qraaskian
rotational velocity distribution as derived for LMC early-type stars, pegat 100 kmslwith a
standard deviation af = 140 kms* (Hunter et al., 2008b, 2009B,and random inclinations.

Such diagrams ([N] vs.wvsini, compared with evolutionary calculations) have been presented
the first time by Hunter et al. (2008a), to summarize the outcome of the B-sibrsas within the
FLAMES-I survey, and to investigate the predicted effects of rotationainmixOne of their major
findings was the unexpected presence of a significant number of objietslow rotation and high
enrichment, not predicted by (single-star) theory, so-called ‘growub&cts.

In the O-star case now this problem becomes even more severe. We hefra from a detailed
statistical analysis, because there are too few investigated objects, stpdrmothis until the results
from the FLAMES Tarantula survey (with more than 200 ‘useful’ O-sthes)e become available.

Nevertheless, the trend is obvious. Roughly one third of the objects atetbat positions where
they should be expected (those at the baseline and the ‘diagonal’) eaooitthird is located at the
predicted upper limit, and the last one-third (beyond [N] = 8.0) extendsryp hgh values where

21supergiants and stars aboveN5 were discarded from their analysis to avoid effects from mass-loss@tbspin-down.
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the predicted population density is almost zero. We note that the two objects withighest [N]
enrichment & 8.5 dex, which is (incidentally?) just the maximum nitrogen content given by the
CNO equilibrium value) are two field stars, Sk=680 and Sk—-6618, one O6 giant and another O6
dwarf. Both stars did not present any difficulties in the nitrogen analigh indicates a reasonable
quality.

In terms of the original Hunter et al. sample, roughly two-thirds of our dbjeould be denoted
by ‘group 2’22 The corresponding number of objects is so large that inclination effects wsini
should be irrelevant. Interestingly, however, the correspondingbdadances are in line with our
findings. The first group has a low abundance (Fig. 5.9, circles),ebensl group mostly consists
of enriched objects (diamonds), and the third one comprises objects wildeasble He enrichment
(squares). Accordingly, in parallel with the derived correlation betvadeserveditrogen and helium
content, the discrepancy between observations and theory becomésotigeisthe larger the He-
abundance is.

In evolutionary models the amount of He transported to the surface is Btromggrolled by the
parameteif,, which describes the inhibiting effect of mean molecular weight gradientbi@rcase,
the H-He gradient) on the transport of elements (see Heger & Lang®).20bie models of Brott
et al. (2011a) have adoptdg = 0.1, from an earlier calibration of Yoon et al. (2006). Lowering the
sensitivity to the mean molecular weight barrier would increase mixing of nitrage helium to the
surface, but would also reduce the minimum mass and velocity requiretiéanical homogeneous
evolution in the models (see also the discussion in Heger & Langer 20083n @ie present values
of [N] and Yie, it might be possible to derive tighter constraintsfgrin future work.

5.7 Summary

We investigated the N/ A 4058 emission line formation, determined the nitrogen abundance of a sam-
ple of 25 LMC O- and early B-stars, and performed a first comparisonaeittesponding predictions
from stellar evolution including rotational mixing. The results of this work carsbmmarized as
follows.

i) The dominating process responsible for thevNine emission in O-stars is the strong depop-
ulation of the lower level by the ‘two-electron’ transitions 3p 2, of (mostly) photospheric
origin. This drain increases as a functionMfbecause of increasing ionizing fluxes (which
are coupled to the He continuum), which leads to more depopulation of the ground and the
coupled 2P states. Resonance lines (as for theiNemission triplet) do not play a role for
typical O-star mass-loss rates and below.

Because in addition to nitrogen there are many other elements that display lopiesmission
in the hot star regime (C, O, Si), it might be suspected that similar processksbrigvoked
because of similar electronic configurations/transitions.

i) To infer the nitrogen abundances, we redetermined the stellar and wiachpters by means of
‘by eye’ fits, starting with the values provided by Mok07, but exploiting irgfial the nitrogen
ionization equilibrium and deriving sini in a first, separate step. Moreover, we accounted for
extra line-broadening expressed in termsef. In addition to systematically lowersini, we

22n contrast to the B-star ‘group 2’ objects, however, the deviationsémtpredictions and ‘observations’ for some of the
objects are much more extreme.
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also derived mostly loweTgs (partly because of using an improvedsTwIND version) and
thus logy, but differences to MokQ7 are generally small, except for few objects.

iii) Based on these parameters, we derived nitrogen abundances mostyyinyg the abundance
and comparing with all nitrogen lines present in the spectrum. In a few,casesere able to
estimate [N] and/mc in parallel, by means of a curve-of-growth method.

iv) Again in most cases, we found no problems in fitting the nitrogen lines repibduced the
‘f” features quite well. Only for some of the (hotter) objects where linemfall three stages,
N1, Niv and Nv, are visible, we needed to aim at a compromise solution. Considerable
problems were encountered for one star, N11-031 (ON2))l(fvhere only either He N1
and NivA 6380 (at cooleferr) or NIV and Nv (at higherTes) could be fitted in parallel. The
difference in the derivede amounts to 8,000 K, which is far from satisfactory, and requires
future effort to resolve the problem. A solution in terms of binarity, thougheehat unlikely,
cannot be ruled out so far.

v) For some cooler objects already analyzed by Hunter et al. (2007) Bpsr@#TLUSTY using
N 11 lines alone, we found differences in [N] on the order of 0.1 to 0.3 dex, Wgher values
from our analysis. These differences could be exclusively attributddfesent stellar param-
eters, mostlyle;. Overall, however, the nitrogen abundances in the overlapping B- astdrO
domain are consistent within a reasonable error.

vi) Within our sample, we found only three cooler objects close to the LMC remdgaseline
abundance, [NLseline= 6.9. The majority of the analyzed O-stars (independent of luminosity
class) seems to be strongly enriched, with [N] = 7.5 to 8.1. Five objects teditaextreme
enrichment, with [N] = 8.17 to 8.5.

vii) There is a fairly good correlation between the derived nitrogen afidrhesurface abundances.

viii) Comparing the nitrogen abundances as a functiom sifii with tailored evolutionary calcula-
tions, we found a significant number of highly enriched, losini (‘group 2’) objects. Interest-
ingly, the correlation between He and N becomes also visible in this compakigoiist most
objects with unenriched He are located just in the region where the pregmpediation density
is highest (accounting for selection effects), objects with enriched éléoaated at the upper
limit of this distribution and above, and particularly those with the highest Hietement lie
well above this limit.

Owing to the low initial (baseline) nitrogen abundance, the detection of stiitragen enrichment in
the bulk of O-stars might indicate that efficient mixing takes place alreadygltire very early phases
of stellar evolution of LMC O-stars. Nevertheless, it would be prematureaw dirm conclusions
from our results, because the sample size is still small. Upcoming results feoMLIRFLAMES
Tarantula survey (which will be derived in a similar way as presented beaeing from our experi-
ence) will enable a more complete view. In particular, the determination ofi®igtagen abundances
in the LMC will place very tight constraints on the early evolutionary pha$&3-stars and thus on
the theory of massive star evolution.



Chapter 6

The earliest O-stars

This chapter is a copy of Rivero Gonzalez, Puls, Massey, & NajafdaR accepted for publication
in Astronomy & Astrophysics. The original Appendix A corresponds t@épdix B.2 of this thesis,
whilst the content of the original Appendix B is covered by Sect. 6.6.4 gjkAdix C.2.

Abstract. The classification scheme proposed by Walborn et al. (2002, AJ, ¥33) 2based pri-
marily on the relative strengths of theiWA 4058 and Ni1A4640 emission lines, has been used in
a variety of studies to spectroscopically classify early O-type stars. Otwirtige lack of a solid
theoretical basis, this scheme has not yet been universally accepteghtho

We provide first theoretical predictions for thet\NA 4058/Nii1 A 4640 emission line ratio in de-
pendence of various parameters, and confront these predictionsesithisrfrom the analysis of a
sample of early-type LMC/SMC O-stars.

Stellar and wind parameters of our sample stars are determined by line ptfitedf hydrogen,
helium and nitrogen lines, exploiting the helium and nitrogen ionization bal&@wmeesponding syn-
thetic spectra are calculated by means of the NLTE atmosphere/spectrimessgrcodeEASTWIND.

Though there is a monotonic relationship between the/N 111 emission line ratio and the effec-
tive temperature, all other parameters being equal, theoretical predicittinate additional depen-
dencies on surface gravity, mass-loss, metallicity, and, particutdtlggen abundancefFor a given
line ratio (i.e., spectral type), more enriched objects should be typically hdtiese basic predictions
are confirmed by results from the alternative model atmospherecedeEN.

The effective temperatures for the earliest O-stars, inferred mostly fhe nitrogen ionization
balance, are partly considerably hotter than indicated by previous st@hesistent with earlier re-
sults, effective temperatures increase with luminosity class for all spggiesd. The relation between
observed\ 1vA4058/Niit A 4640 emission line ratio and effective temperature, for a given luminosity
class, turned out to be quite monotonic for our sample stars, and to be faidistent with our model
predictions. The scatter within a spectral sub-type is mainly producedumdahce effects.

Our findings suggest that the Walborn et al. (2002) classification scieatde to provide a
meaningful relation between spectral type and effective temperatulen@ss it is possible to dis-
criminate for the luminosity class. In terms of spectral morphology, this mighiffieudt to achieve
in low-Z environments such as the SMC, owing to rather low wind-strengths. Aicgptol our pre-
dictions, the major bias of the classification scheme is due to nitrogen conténiiegnverall spectral
type-Tes relation for low-metallicity (e.g., SMC) O-stars might be non-monotonic aroun&/03.
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6.1 Introduction

Though important for the evolution of the early Universe and the pressmhos, massive stars are not
as thoroughly understood as desirable to safely infer or predict theiaatien with their surround-
ings, e.g., their input of (ionizing) radiation, wind-energy and momentum, rarotear processed
material.

Particularly uncertain is the situation for the earliest O-stars (earlier thars€®ibelow), both
with respect to their physical parameters, and the relation between theiragm®pic definition and
these parameters. Since the earliest O-type stars include the most messive the Universe, i.e.,
the top end of the stellar initial mass function, such a lack of knowledge is intiéer As pointed
out by Massey et al. (2005), already a 10% uncertainty in the effetgivgerature]es (which is
still possible for the hottest stars to present date), results in a factor obrtwwore uncertainty in
the Lyman flux, affecting our understanding of the ionization balance ofréfjions and, e.g., the
porosity of the interstellar medium (e.g., Oey & Kennicutt 1997; Oey 2006).

This large uncertainty is produced because the standard approactiv® Tg, exploiting the
Hel/Hell ionization equilibrium, fails in the earliest O-star regime. This is the result oératisen-
sitive Hell lines to changes iflesr, and quite weak strategic Héines, with their equivalent widths
falling below 200 A\, about the limit achievable with normal photographic emulsions in the 1970s.
The apparent absence of Heas used by Walborn (1971a) to extend the criteria defined by Conti &
Alschuler (1971) for discriminating O-stars to the O3 spectral type, whieh tlisplayed a degener-
acy with respect to effective temperature. This degeneracy was pabtiakgn by Kudritzki (1980)
and Simon et al. (1983) who used better photographic data to detedhttee spectra of some O3
stars, but even today with modern CCDs and high S/N the detection pfsHeot always achiev-
able. To circumvent this problem Walborn et al. (2002) suggested to ade¢ithA 4058/Niii A 4640
(hereafter Nv/N 111) emission line ratio as the primary classification criterion for the earliest spectr
types, instead of the H&He1l absorption line ratio. By means of this criterion, the former O3 class
was split into three different types 02, O3, and 03.5, being O2 the degjerane instead.

This scheme has been used in a variety of studies during the past yelassityspectra of early
O-stars in the Large and Small Magellanic Clouds (LMC and SMC) (e.g., Wattal. 2004, Massey
et al. 2004, 2005, 2009, Evans et al. 2006) and in the Milky-Way, eaja & al. (2011). However,
these additional sub-types are not (yet) universally accepted. ticydar Massey et al. (2004, 2005)
criticized that relying on the relative strengths of the optical nitrogen emidsien lacks a solid
theoretical basis, since the (photospheric) line emission is the result of@oMPTE processes.

To provide more insight into this and related matter, we started a series of gtidoie dealing
with nitrogen spectroscopy in O-type stars. In the first paper of thissséReero Gonalez et al.
2011, hereafter Chapter 4), we concentrated on the formation of thei@maNi11 A A 4634-4640-
4642. In the follow-up paper (Rivero Gaalez et al. 2012, hereafter Chapter 5), we investigated
the NIvA 4058 emission line formation, and applied our accumulated knowledge tedetiegen
abundances for an LMC O-star sample.

The primary goal of the present Chapter is a quantitative study of the ateidsgarameters
of the earliest O-stars, by means of nitrogen line spectroscopy and lguddithe results from our
previous work within this series. Particularly, we concentrate on testing @ibdw et al. (2002)
classification scheme on its capability of providing a reasonable relation éetspectral types and

1 The individual components NWIIA4640.64-4641.85 become blended for a projected rotational velocityi >
40 kmsL.
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effective temperatures. To this end, we investigate the theoretical\NI1I emission line ratio, and
the impact of different parameters on this ratio. Subsequently, our fimdicare confronted with
corresponding observational results, derived from an analysisedidy O-type sample of LMC/SMC
stars.

This Chapter is organized as follows. In Sect. 6.2, we describe the taasaithin this work, the
atmospheric codeAsTWIND and a suitable model grid. Open questions from our previous studies
regarding the formation of the N and Niv emission lines are addressed in Sect. 6.3. Section 6.4
presents first theoretical predictions on theviWN 111 emission line ratio. In Sect. 6.5, we compare
our results and predictions with corresponding ones from the alterrativespheric codeMFGEN
(Hillier & Miller 1998). The stellar sample and the observations used within thdystis well as the
procedure to determine stellar/wind parameters together with nitrogen atlm@sdare presented in
Sect. 6.6. Finally, we provide a discussion of our results in Sect. 6.7 wmuaharize our findings and
conclusions in Sect. 6.8.

6.2 Code and model grid

All calculations within this work were performed by means of the NLTE atmosglpectrum synthe-
sis codeFASTWIND (Santolaya-Rey et al. 1997; Puls et al. 2005), using the recently updatsion
v10.1 (see Sect. 2.3.1). Most results presented here (except fon#htufied fits in Sect. 6.6) are
based on a model-grid, with H, He, and N as ‘explicit’ elements. Correspgmdodel atoms have
been described in Puls et al. (2005) (H/He) and Chapter 3 (N), arnd Babprovides the coverage
of important grid parameters. Details of the basic grid were already pwud€hapter 5, and only
its ‘hot’ range Ty > 35kK) was used for our current analysis. This subgrid has beendaedeto
cover a broader range in background metallicltys 1, 0.5, 0.2Z,, associated with the Milky Way
(MW), Large Magellanic Cloud (LMC), and Small Magellanic Cloud (SM@gpectively. Moreover,
we increased the sampling with respect todognd also the coverage of the wind-strength parameter
(or optical depth invariant), Q #/(v..R,)%5, towards larger values, resulting in 6 model series of
different wind-strength (from series A with &= -14.00 to series F with loQ = -12.10, for details
see Table 6.1). Finally, the sampling in helium cont&nt, = Nne/Nw, and nitrogen abundance, [N]
=100;0(Nn/NH) 412, has been improved, for studying the reaction of important nitrogendimes:-
treme changes in [N] (Sects. 6.3.3 and 6.4.2), and for better constraimimgl@nces in our analysis
of LMC/SMC stars (Sect. 6.6). The current grid accounts for a totaDdfd00 models.

The major potential of such a model-grid (besides theoretical investigat®iisg possibility
of obtaining rather precise estimates of stellar parameters within a reasematlet of time (few
minutes). With the advent of large stellar surveys, such as the VLT-FL8Ntantula survey (VTFS,
Evans et al. 2011) or the IACOB project (SimDiaz et al. 2011), this will turn out to become a very
useful tool. As an example for the present quality of our models, we sh@igiré.1 the comparison
of a high resolution (resolving powdt = 48,000), high S/IN% 150) spectrum of the Galactic O3
V((f*)) star HD 64568 (for details, see Markova et al. 2011) with the best fiiymghetic spectrum
from our grid models. Obviously, the grid resolution is sufficient to achigute a fair representation
of the observed spectrum, both with respect to H/He and N (note that lio@sNiii, N1v, and Nv
are present in parallel). Further analyzes of Galactic objects will benqmeeld in a forthcoming paper.
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Table 6.1: Model-grid used within this work: coverage of fundamentairpaters. Folles and logg
coverage, see also asterisks in Fig. 6.6. Other model parameters adsgtdidws: wind terminal
velocity, Vo, as a function of the photospheric escape veloaity; (see Kudritzki & Puls 2000);
stellar radiusR,, as a function of spectral type and luminosity class, corresponding totypaal
values; velocity field exponeng = 0.8; and micro-turbulencei,. = 10 kms . Nitrogen baselines
abundances (first entry in [N] range) have been drawn from Httzl (2007).

Parameter Range Typical step size

Terr (KK) 35.0-55.0 1.0

logg (cgs) 3.2,35-4.2,45 0.1

logQ¥series —14.00/A,—13.50/B,—13.15/C 0.35

—12.80/D,—12.45/E,—12.10/F
Yhe 0.08,0.10-0.20 0.05
Galactic

z Z, -

IN] 7.64,7.78 - 8.98 0.2
LMC

z 0.5z, -

IN] 6.90, 6.98 - 8.58 0.2
SMC

z 0.2Z; -

[N] 6.50, 6.78 - 8.38 0.2

8in units of Mo yr—Y/(kms 1R.)%®.

6.3 NIl /N1v emission lines — parameter-dependence

Our previous studies on the formation ofiNA A 4634-4640-4642 and N A 4058 prompted a number
of questions, which are investigated in the following. First we concentratieeoNi11 triplet emission
in low-Z environments, to discriminate the counteracting effects of line blocking (leskibg —
more emission) and mass-loss (less mass-loss — less emission) under thisenso Subsequently,
we study the impact o and [N] on NivA 40582

6.3.1 Nt emission line formation: EUV line-blocking vs. wind-strengh

In Chapter 4 we argued that, for Galactic conditions, the canonical etanfor the presence

of emission at NIl AA4634-4640-4642 (related to dielectronic recombination, Mihalas & Hummer
1973) no longer or only partly applies if one accounts for the presehlieesblocking/blanketing
and winds. The key role is now played by the stellar wind, as long as the stiadgth is large
enough to enable a significantly accelerating velocity field already in the gptweoic formation re-
gion of the resonance line(s) connected to the upper level of the invtiaadition. Furthermore,
our study implied that particularly the efficiency of the ‘two electron’ draiep@jpulating the lower

2 For a detailed description of the formation process ofi lnd Niv emission lines, we refer to Chapter 4 and Chapter 5,
respectively.



6.3. NIII/NIV EMISSION LINES - PARAMETER-DEPENDENCE

113

H_eps H_delta H_gamma H_beta
1.1 1.1 1.1 1.1
® ® v 1.0 ]
—?- 1.0 —?- 1.0 EE- % 1.0
0.9
a 09 a 09 a a 09
2 2 i 08 K]
%08 %08 & o8
o o o 0.7 o
E 0.7 E 0.7 E 0.8 E 0.7
0.6 0.6 0.5 0.6
3960.0 3966.7 3973.3 3980.0 4090.0 4096.7 4103.3 4110.0 4330.0 4336.7 4343.3 4350.0 4850.0 4856.7 4863.3 4870.0
wavelength (R wavelength (A wavelength (& wavelength (&)
H_alpha Hel+Hell4026 Hel4387 Hel4471
14 1.05 102 1.01¢
) ] ) @ 1.00
Sz € 100 g o s
2 2 2 2 098
a a & 1.00—————— T v ——— a
é 1.0 ‘é 0.95 é é 0.98 i
£ 5' g oo £ oer
£ o £ om0 £ oon £ oo
0.6 0.85 0.97 0.95
6543 6556 6570 6583 4016.0 4022.7 4029.3 4036.0 4377.0 4383.7 4390.3 4397.0 4461.0 4467.7 4474.3 44810
wavelength (R wavelength (A wavelength ( wavelength (&)
Hel4713 Hell4200 Hell4541 Hell46868
1.02 1.06 1.056 1.0
£ 1.01 2 1.00 2 1.00 o 100}
= = = = 0.95
2 2 2 0es [
£ 1.00 m' £ 005 & & 590
= ] 2 090 s
& 0.99 % 0.90 ) & 085
B & = 0.85 =
E E g g 0.80
© 0.98 G 0.85 S 0.80 ® o5
0.97 0.80 0.75 0.70
4703.0 4709.7 4716.3 4723.0 4190.0 4196.7 4203.3 4210.0 4531.0 4537.7 4544.3 4551.0 4676.0 4682.7 4689.3 4696.0
wavelength (8 wavelength (B wavelength (& wavelength (&)
Hell8406 Hell8527 He16678+He116683 NIII4003
1.02 1.02 1.0 1.02
1.00
u ('] [ o
g 100 £ osa| i - g
& & o908 &0 & 1.00 fr—mra | e
< 098 - - -
£ £ o0 £ 006 £ 000
g % 0s2 ? £
£ o £ 050 § 0ss £ oo
0.94 0.88 0.92 0.97
6396.0 6402.7 6409.3 6416.0 6517.0 6523.7 6530.3 6537.0 6673.0 6679.7 6686.3 6693.0 4000 4002 4004 40086
wavelength ( wavelength (A wavelength (&) wavelength (&)
NII4097 NIII4195 NI14379 NI114834-4640-4642
1.1 1.05 1.02 1.08
[ ('] [ (]
% 1.0 % 1.00 % 1.01 % 1.08
& o9 & 005 & _/_L & 1.04
- - = 1.00 -
H H H H
g [0 X:] g 0.90 g g 1.02
£ o £ oss £ os9f £ 100
0.6 0.80 0.98 0.98
4095.3 4096.6 4098.0 4099.3 4193 4195 4197 4199 4376 4378 4380 4382 4628 4634 4640 4646
wavelength (&) wavelength (A wavelength (&) wavelength (&)
NIIl4510-14-18 NIV4058 NIV6380 NV4803-4619
1.03 1.08 1.02 1.02
[ ) o 1.00 o
E‘; 1.02 % 1.08 %‘ %‘ 1.00
& 101 & o4 g %% &
B g g 098 g 098
E 1.00 g 1.02 g 084 g
G 099 -‘1 § 100 i § oz § 098
0.98 0.98 0.90 0.94

4508 4512 4518 4520
wavelength (&)

4051.0 4055.7 4080.3 4065.0
wavelength (A

6373.0 6378.3 6383.7 6389.0
wavelength (&)

4608 4618 4825
wavelength (&)

4597

Figure 6.1: High resolution optical spectrum of the Galactic O3*Y)dtar HD 64568 (green), com-
pared with the best-fitting synthetic H/He/N spectrum from our grid (blacky@eed withv sini =
100 kms'i, see Markova et al. 2011). INA 6380 and N/A4603 not observed. Grid parameteTs;

= 48 kK, logg = 4.0, logQ = —12.8 (series D)Y4e=0.1, [N] = 8.38. Fine tuning of the parameters
can improve the fit.
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Figure 6.2: Equivalent width of NI A4640 as a function ofes, for MW and SMC models at logr

4.0 and mass-loss rates scaled according (see text). Solid/black and dashed(-dotted)/red curves
refer to MW series ‘E’ and SMC series ‘D’ models, respectivebdgQ = —0.35 dex). Upper
panel: [N] = 7.78 for both Galactic and SMC models. Middle panel: compar&aounting for
the theoretically expected maximum [N] enrichment, drawn from tailored evoltyocalculations

by Brott et al. (2011a): MW models with [N] = 8.18 and SMC models with [N] =87.bower panel:
SMC series ‘D’ models, with [N] = 7.58 (dashed-dotted) and [N] = 7.7&ea). The line emission
increases with increasing [N].

level, see Chapter 4) is strongly dependent on the degree of EUV lickinp i.e., onZ. For a
given wind-strength and nitrogen abundance, the emission should bet@meer in lowZ environ-
ments, because of less blocking (see Fig 4.16). Nevertheless, this ¢sonpaiight be unrealistic,
since less blocking goes hand in hand with a lower wind-strength, which rfogét-) compensate
the discussed effect. Moreover, one might need to consider a lowegeriteontent, owing to a lower
baseline abundance.

Here we investigate the combined effect. At first, we compare the behdwioe &1l emission
lines for two differentZ environments (MW and SMC), applying a consistent scaling ofjogia
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M 0 (Z/Z.,)%7 (clumping corrected, Mokiem et al. 2007b) and 0 (Z/Z.)%*3 (Leitherer et al.,
1992). For the SMC witlz/Z., = 0.2, this yields a reduction of loQ by —0.37 dex compared to
the Galactic case, and corresponds well to the step sizdéagfQ = 0.35 used within our model grid.
Thus, Galactic models from, e.g., series E need to be compared with SMC nrodelsefries D.

In Fig. 6.2 (upper panel), we compare the equivalent widths of N\ 4640.64, 4641.8%5 in
the following abbreviated by NiA4640, as a function ofes, for MW series E (black/solid) and
SMC series D models (red/dashed). All models have the same gravity,4ag0, and the same
nitrogen content, [N] = 7.78 dex (almost solar, Asplund et al. 2005, R0@& usual, we define
equivalent widths (hereafter EWSs) to be positive for absorption and teebative for emission lines.
The result of this comparison is similar to our findings from Chapter 4. Evegnwve account for
consistently scaled mass-loss rates, the Zomeodels result in more emission. Thus, lower mass-loss
rates associated with lo&-environments do not compensate the increase in emission strength due to
a lower degree of line-blocking.

So far, we neglected the fact that a lovieailso implies a difference in the [N] baseline abundance,
which needs to be considered in a final comparison. In the middle pane&.d.E, we compare the
same series of models as in the upper one, accounting now for more cohalste@dances (MW:
black/solid, SMC: red/dashed). Here we used [N] values in agreemtmnthe theoretically expected
maximum enrichment as provided by Brott et al. (2011a), for MW and SM@atisoof 40M., and
initial rotation velocities of 270 knst. This roughly corresponds to models with [N] = 8.2 and 7.6
for the MW and SMC, respectively.

It turns out that with the inclusion of more realistic abundance conditiongthease of emission
strength due to less blocking becomes strongly suppressed, and nowMmaddels display stronger
emission that the SMC ones. This might explain the relatively low number oftjgais among the
SMC O-stars (see Sect. 6.7.6).

For convenience, the lower panel of Fig. 6.2 displays a direct compaoisBMC models with
expected maximum enrichment ([N] = 7.58, dashed-dotted) and a solagamtomntent ([N] = 7.78,
dashed). Obviously, the emission strength afiN4640 increases with increasing nitrogen content
(see also Fig. 4.15).

6.3.2 NivA4058 — dependence on background abundance

Though we studied the response of tha@iNriplet on different background abundances already in
Chapter 4, a similar analysis foriIMA 4058 is still missing. This is now done in Fig. 6.3, by means of
our model-grid. We display models with thin winds (series A, solid) and with vgimengths typical
for Galactic supergiants (series E; dashed), and compare the impadvaibhck) and SMC (red)
background abundances. All models have the same gravitg=ldd), and the same [N] = 7.78. To
enable a better comparison, we show the effects for bathAidM640 (upper panel) and NA4058
(lower panel). We clearly see thatiNA 4640 is much more influenced &than NivA4058, irre-
spective of wind-strength antis. For LMC background abundances,= 0.5 (not displayed), the

3 The blue component of the triplet shows a similar behavior.

4 Unfortunately, there are only few abundances studies in the O-staredgimonfirm these assumptions, and most of
them are biased towards late O-types (reviewed by, e.g. Herrerg Bed&ro & Lennon 2004; Morel 2009). Heap et al.
(2006), following previous work by Bouret et al. (2003), found maitheir 18 SMC sample stars to be enriched, and
more than half of the sample displayed [N]7.5. Regarding Galactic objects, Martins et al. (2011b) (see also Martins
et al. 2011a) recently found a typical enrichment by 0.4-0.6 dexaatiee Galactic baseline abundance, corresponding to
[N] ~ 8.0-8.2.
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Figure 6.3: Equivalent width of NIA4640 (upper panel) and NA4058 (lower panel) as a function
of Tesr, for MW (black) and SMC (red) models, at Igg4.0 and [N]=7.78 dex. Solid lines: series A
(thin winds), dashed lines: series E (prototypical for Galactic supdg)ian

effect on NivA 4058 becomes almost negligible.

With respect to the formation of this line, all ‘A’ and also the ‘cooler’ ‘E’ mtaléwith T <
45 kK) behave as discussed in Chapter 5. A lower backgra@uinduces a more depopulated ground
state, owing to somewhat higher ionizing fluxes around the Bdge atA = 160A. Consequently,
the drain of the lower level of tha4058 transition, 3p, via the ‘two electron’ transitions becomes
enhanced, and more emission is produced at I@&vétor ‘E’ models withTe > 45 kK the situation
changes, and now the high2{MW) models produce slightly more emission: At highies andM,
the resonance line towards 3p fat 247,&) leaves detailed balance and 3p becomes pumped, stronger
at low Z because of higher EUV fluxes. Thus, less emission iatANI058 is produced, compared to
a Galactic environment.

Overall, however, background abundances have a weak efféd¢t\wh4058, much weaker than
wind-strength effects (e.g., red solid vs. red dashed). This is related taubh higher sensitivity of
the NiIv continuum on mass-loss rate. Accordingly, also the helium content hatasndenpact on
the NIv emission strength, since this parameter controls the overall flux level ofeéhecBntinuum
including the NIV edge. In particular, an increase\f: decreases the N emission strength.

As already discussed above and in Chapter A N4640 reacts much stronger on different back-
ground abundances (e.g., upper panel of Fig. 6.3, black vs. rad Jpa similar way for all mass-loss
rates. Because of this different behavior, the (theoretical) NFO58/Nii1 A 4640 emission line ratio,
studied in Sect. 6.4, is affected by metallicity.

Interestingly, the reaction of N A4640 onM becomes negligible for models withy > 46 kK.

At these temperatures, IN has become a real trace ion, and the (weak) line emission is formed in

5 A similar behavior is found for the Ni triplet emission, foieg < 40 kK.
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Figure 6.4: Equivalent width of N/A4058 as a function ofg for models with [N] = 7.78 (black)
and [N] = 9.0 (red). All models correspond to Igeg.0 andZ = Z.,, with mass-loss rates according
to series ‘A (solid) and ‘E’ (dashed). See text.

quite deep layers, hardly affected by mass loss and velocity field (se&igls4.10). In this case,
the relative overpopulation is caused by recombination cascades aoplution of the lower level
by ‘two electron’ drain (particularly for lowZ conditions), whilst dielectronic recombination remains
unimportant.

6.3.3 NivA4058 — dependence on nitrogen abundance

Figure 6.4 displays the reaction ofiXNA4058 on variations of [N] and loQ for MW models. As
in Fig. 6.3, solid and dashed lines correspond to model series ‘A andaegpectively. We compare
models with [N] = 7.78 (black) and highly enhanced nitrogen, [N] = 9.0 (reelpcted to demonstrate
extreme effects.

At first, we concentrate on the influence of [N] for model series ‘Epfygiant mass-loss rates,
dashed). These models behave as expected. As for thdriplet (e.g., Fig. 6.2, lower panel), we
obtain more emission when we increase the nitrogen content. This is mostlysbdbauformation
zone, due to the increased number of absorbers/emitters, is shifted dsitntarthe transition region
photosphere/wind where the relative overpopulation becomes verydaegen inverted (cf. Fig. 5.4).
Small inaccuracies in the population ratio (e.g., due to inappropriate griddamg)ead to sizeable
effects in line-strength when close to inversion, and this is the reasorefooti-monotonicity in EW
encountered for the high [N] ‘E’-models.

Somewhat unexpectedly, however, we found the opposite reactionsfevilonodels (solid). For
large nitrogen content (red), we either obtain more absorption or lessiemilkan solar-[N] models
(black), for almost the whole temperature range. Furthermore, the tupoing from absorption to
emission occurs at hottdeg (by 5 kK) than for the solar-[N] models, whilst for the ‘E’ series this
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Figure 6.5: Radiation temperatures and NLTE departure coefficients toMW-models atTe=

45 KK, logg= 4.0,and a low density windseries ‘A), with solar (black) and strongly enhanced nitro-
gen ([N] = 9.0, red). Left panel: Enhanced nitrogen leads to lower (&nd Niit) continuum-fluxes,
here expressed as radiation temperatures. Corresponding ed@és&a&ﬂd 261A indicated by ver-
tical lines. Right panel: The lower fluxes give rise to less depopulatedddound- (solid) and 2p
(dotted) states, where the latter are the lower levels of the important twoegldécansitions drain-
ing N1v 3p. Consequently, there is more absorption/less emission\ai 8058 when [N] becomes
increased. Formation region ofiNA 4058 indicated by dashed lines.

turning point remains rather unaffected by nitrogen content. The undgripechanism is again
related to a diminished drain of the lower level when [N] becomes incredserk, a higher [N] is
responsible for a lower N/ continuum-flux (Fig. 6.5, left), leading to less depopulated ground- and
217 states (Fig. 6.5, right), and thus to a higher population of 3p, i.e., to morepiosdless emission

at NIvA4058. Note that this process is similar to the effect produced by a hifyff&ect. 6.3.2).

These findings imply am important consequence. According to our prakctio a certaings
range NivA4058 might switch, for growing [N], from emission to absorption, providee wind-
strength is not too high! The other way round (and exploiting the resulis fre complete grid):

If N 1vA4058 is observed in absorption at 44 kKTe < 50 kK (for Galactic stars), this would be
an indication of strong nitrogen enrichment (and mass-loss rates belovofEsponding to l0Q <
—12.8). The lower limit inTe corresponds to the absorption/emission turning point for ‘D’ models
(at higherTe and similar or higheM, only emission lines are predicted, independent of [N]), whilst
the upper one refers to the same point for model series ‘A.

6.4 Predictions on the NVv/N 111 emission line ratio

6.4.1 Overview

The complete Walborn et al. (2002) classification scheme proposeddionat’ O-stars’ which also
covers the O4 type, is summarized in Table 6.2. Walborn et al. suggestee theufNiv/N i1

6 Crowther & Walborn (2011) have updated the classification schemeZe8.®If*/WN5-7 stars using the morphology of
Hg.
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Table 6.2: Classification scheme for spectral types 02-04 using the enlisgigatio NivA 4058/

N 111A4640 and the strength of H&4471, as defined by Walborn et al. (2002). Luminosity classes
defined as follows. Supergiants (I): HA4686 in emission; giants (Ill);: HeA4686 in weak
absorption/P-Cygni profile; dwarfs (V): HeA4686 in strong absorption. Note that the f+ desig-
nation recently became obsolete since ther @mission a A 4089— 4116 has been established as a
common feature in normal O-type spectra (Sota et al., 2011).

Spectral type Criteria
Supergiants
o2 If* N v > N1, no or very weak HeA4471
O3 If* N 1v > N, very weak or no He
03.5If* NIv ~ N1, very weak He
o4 If+ N1v < N1, weak Hea
Giants

O2 IlI(f*) N 1v > N1, no or very weak He
O3 I(f¥) N v > N1, very weak or no He
O3.51I(f*) N 1v ~ NI, very weak He
O4 111(f+) N 1v < N1, weak Ha

Dwarfs
02 V((f*) N v > NI, no Hel
O3V((f*)) Ni1v>or~ NI, very weak He
03.5V((f+)) Niv < N1, very weak He
04 V((f+)) no Niv, weak He

emission line ratio as the primary classification criterion for the earliest spggqies, instead of the
Hel/Hell absorption line ratio. This scheme has been used in a variety of studieg theipast years
to classify spectra of early O-stars (e.g., Walborn et al. 2004, Massdy2004, 2005, 2009, Evans
et al. 2006, Sota et al. 2011), though there are still some controvesiglsis (i) The classification
criteria are not quantitative and involve secondary statements regardiaggéhgth of HeA 4471, see
Table 6.2. (ii) Massey et al. (2005, hereafter Mas05) have criticizaddhang on the strength of the
nitrogen emission lines lacks a theoretical basis, i.e., it is not clear whkgherthe only parameter
that differentiates the newly defined spectral types. Indeed, ouropieand present work implies
that the emission strength of INA4058 (and also that of NiA4640, at least untileg ~ 46 kK)
crucially depends oM. Based on their analysis of early LMC and SMC stars, Mas05 pointed out
that for stars with similaffe and logg the Niv/N 111 ratio could vary by the full range defined for
the scheme (but see Sect. 6.6.5). Furthermore, they suggested thaeatrpscopic classification
should be able to constraify« without knowledge of other important parameters such ag lmg
M. (iii) Already Walborn et al. (2002) pointed out that even though thenewe indications of any
correlation between the newly defined spectral types and the cordingdmost galaxy, effects of
Z on the emission line ratio might need to be considered, accounting for tHesrigem Crowther
(2000) for WR-stars. Using synthetic WN models, Crowther had fountdetfudier spectral types are
predicted at lower metallicity, following the Smith et al. (1996) classification mehtor WN stars.
Since both nitrogen emission lines seem to react differently on variatichg$®dct. 6.3.2), it is clear
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that such a dependence cannot be ruled out.
In the following, we will address these and other problems, at first by snefaieoretical predic-
tions for the NIvV/N 111 emission line ratio, and later on by a comparison with observed spectra.

6.4.2 Basic considerations

We took advantage of the large model-grid described in Sect. 6.2, andaddhe influence of various
parameters4, logQ, [N]) by studying the iso-contours of specific emission line ratios inftgeogg
plane (Figs. 6.6 to 6.8). Here and in the following, we always used modelsrydth 0.1.

To discriminate the specific spectral types by nitrogen lines alone, oneasasally to account
for five different, qualitatively defined ranges with respect to the linengties of NivA4058 vs.

N 11114640 (see Table 6.2). Note that the ranges for luminosity classes I/bbanewhat shifted rel-
ative to class V. To allow for a quantitative description, we investigated thavier of three extreme
values, namely Nv/N 111 = 0.1 (lower limit for O4 I/lll and O3.5 V), Nv/N 111 =1 (03.5 I/lll and
O3 V) and NIv/N 111 = 10 (representative for O2 I/111/V).

Before going into the details of our analysis, we compare in Fig. 6.6 thdN§Niil emission line
ratios expressed in terms of EW (left) and line-strength (right, quantifiediinstef emission peak
height), to ensure that different definitidnsould not lead to different conclusions. Except for small
subtleties, there is no significant change in the run of the iso-contogesdtess whether EWSs or line-
strengths are used to derive the line ratio. The encountered subtleddésrare mostly caused by the
considerable wind-strength (model series ‘E’) used in Fig. 6.6: Partigidta N 1vA 4058, enhanced
EWSs owing to extended wings are produced, whilst the peak heights remaifecied. We have
also convinced ourselves that a convolution of the theoretical spectraypitial rotational speeds,
vsini = 100 kms!, and/or a degrading to a resolving power of 6000 have a rather low infipatct
see Markova et al. 2011): Generally, the iso-contours are shiftediewgbat lowerTes, by roughly
500 to 1000 K in extreme cases of high wind-strength and high [N]. In thexfimg we concentrate
on the ratio of line-strengths alone, as originally defined by Walborn e2@02).

The inspection of the different iso-contours displayed infgelogg plane, Figs. 6.6 to 6.8, allows
us to infer an important characteristics for the emission line ratio. As it is truéhéoHel/Hell
line ratio (e.g., Mas05), also theIM/N 111 line ratio is a sensitive function of surface gravity. The
hotter the temperature, the larger the degalue necessary to preserve a specific ratio (ionization vs.
recombination). This trend seems to have vanished for the cooler magels @0 kK) at high logy
in Fig. 6.6, but here the influence of gravity is counteracted by the ratttogrgswind (see below).

Impact of background metallicity

Figure 6.6 shows the dependence of the line ratidgrand logg for a fixed wind-strength, 10Q =
—12.45, and [N] = 7.78, for iso-contours corresponding toviN 111 = 0.1, 1 and 10. To study the
influence ofZ, we display the predicted behavior for MW (red), LMC (green), andCS{idlue) O-
stars.

Even a first inspection indicates the potential of this line ratio as a temperaagmodtics. For
a fixed surface gravity, e.g., lgg= 4.0, we find difference on the order of 3 kK (for MW models)
to 8 kK (for SMC models) between iso-contours atiN 111 = 0.1 and 1, roughly corresponding to
04 (lower limit) vs. O3.5 I/lll or O3 V. For lowM models this spread becomes somewhat smaller,

7 Note that line ratios for HEHell are partly defined using EWs.
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Figure 6.6: NvA4058/NiiA4640 for Galactic (red), LMC (green) and SMC (blue) O-stars. Dis-
played are iso-contours of the emission line ratio inThelogg plane (model series ‘E’, [N] = 7.78),
for values of NVv/N 111 = 0.1 (dashed), 1 (solid) and 10 (long-dashed). The asterisks indfeate
position of the grid-models used. Left panel: emission line ratio calculated &Ms; right panel:
emission line ratio calculated using line-strengths.

6 kK for SMC stars, whilst for Galactic objects the\WN 111 = 0.1 iso-contour is no longer present
since NIv turns into weak absorption (Fig. 6.3). The difference between theMiin =1 and 10
iso-contours (03.5 I/lll or O3 V vs. O2) is on the order of 4-5 kK formlktallicities, decreasing to
2.5-3 kK for lowM.

The specific differences of the emission line ratios as a functiah @dn be easily explained in
terms of our conclusions from Sect. 6.3.2 and by remembering the basitfedisplayed in Fig. 6.3.
First, N111A4640 is strongly affected bg (more emission at loweZ, irrespective of temperature),
in contrast to NvA4058. The latter line is increasing in strength over almost the complete range
in Tefr, Whilst the former is increasing until a certain maximum locatee: &0 kK, and decreasing
thereafter. Taken together, this implies thater Ty are required to produce similar line ratios for
low-metallicity objects at cooler temperatures, compared to Galactic objectsr (lagweneans less
N 111 emission, to compensate for the basically larger emission due to KjwBeyond 40 kK, on the
other handhigher & are required instead to reduce the increased mission. This explains why
the SMC/LMC iso-contours at NV/N 111 = 0.1 are located at cool@gs than their Galactic counterpart,
whilst the corresponding N'/N 111 =1 and 10 iso-contours are on the hotter side. Becauséeffect
is largest for SMC objects, also thgy differences between theiM/N 111 = 0.1 and 1 levels are largest
in this situation.

Finally, let us mention that the influence associated &iflaround 2-3 kK for a given line ratio)
is comparable with the typical spread present in early spectral typeshasih agreement with the
non-detection of any correlation between the new spectral types andshgdiaxy (see above).

Impact of wind-strength

To test the influence of 1oQ on the emission line ratio, in Fig. 6.7 we compare the iso-contours
corresponding to Nv/N 111 =1 (O3.5 I/lll or O3 V) for different wind-strengths, from thin (seriéy
to dense winds (series ‘F’). Allmodels have LMC background abuceland [N] = 7.78. Since lower
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Figure 6.7: Dependence of IMA4058/Niii A4640 on wind-strength (series A-F), for LMC models
with [N] = 7.78. The iso-contours correspond to a nitrogen emission line ehtiaity.

metallicities counteract the impact of wind-strength, corresponding ismemifor SMC conditions
vary to a lesser degree, whilst the variations are larger for Galactidtmorg] in both cases by few
hundreds of Kelvin.

Generally, the impact of wind-density on the'\NN 111 emission line ratio is quite strong, par-
ticularly for larger surface gravities. From Fig. 6.7 it is evident that féixed logg, coolerTes are
required to produce similar line ratios at higher wind densities. Basicallyaneombine the reac-
tion into three groups, namely ‘A to ‘C’ models, ‘D’ models, and models with wgistronger than
‘D’. The first group consists of lowd models with line ratios which are almost insensitive to wind-
strength. Models belonging to the ‘D’ series display a slight reaction, sircevind begins to affect
the line emission (either from both lines or, for hotter stars, only frora N4058, see Fig. 6.3), and
in a different way, so that the line ratio becomes modified. From the ‘E’ sere we found larger
differences, e.g., at lag= 4.0, of roughly 2 and 4.5 kK for ‘E’ and ‘F’ models compared to |tv-
ones.

In conclusion, objects with the sanigy and logg but substantially different wind-strengths are
predicted to display significantly different line ratios. Consequently, thigaed spectral types would
be no longer monotonic ifg if there would be a large scatter in wind-strength. One has to note,
however, that a certaifii-logg pair also implies a certain luminosity class, and that the wind densities
per luminosity class are only mildly varying. Insofar, the monotonicity of aspktype-Te relation
might still be warranted for apecifieduminosity class, as long as the corresponding luminosity class
indicators (for the earliest O-stars, H&4686) allow for a reliable classification (but see Sect. 6.8).



6.4. PREDICTIONS ON THE N IV/N I1l EMISSION LINE RATIO 123

MW—NIV4058 /NIll4640(strength): series E, log Q = —12.45 LMC—NIV4058 /NIlI4640(strength): series E, log Q = —12.45
T T T T T T T T T T

45— X K K K K K K K X X

* X X K K X ¥ o 45— X K K K K K K

X K X X
\><
X K X
* X X ¥
X X XK X
* X X ¥

*

F *
4.0 *
F *

*

* K K K X
* K ¥ K

X X K XK

X K X K
ER
EE
* K ¥

X XK X X X X

log g
XK K K X K XK X
XK K K X K XK X
XK K K X K XK X
XK K K X K XK X
XK K K X K XK X
* K K K K X X X
E
*
*
log g
X K X X X X X X
XK K K X K XK X
XK K K X K XK X
XK K K X K XK X

[ N] = 6.90 dex ———
351 B 351 % x % N] = 6.98 dex T
F N] = 7.64 dex N] = 7.18 dex ———

NJ = 7.78 dex NJ = 7.38 dex

N] = 7.98 dex 4 N] = 7.58 dex

* ¥ N] = 8.18 dex * N] = 7.78 dex

r N] = 8.38 dex 1 r N] = 798 dex
30+ N] = 8.58 dex — 30— N] = 8.18 dex ———— —
L N] = 8.78 dex L N] = 8.38 dex ——— |
N] = 898 dex N] = 858 dex ——— |

3.5x10* 4.0x10* 4.5x10* 5.0x10* 5.5x10* 3.5%10* 4.0x10* 4.5x10* 5.0x10* 5.5x10*
Teff (K) SMC—NIVA058/NIl4640(strength): series E, log Q = —12.45 1M (9
T T T T T
X X K X X X -

4.5 X XK X X K XK X X

XK KK
X K K R\
*

X K X X
X X X X
1

log g
XK K K K X K X

i\\
TEEEEEE S
L [ T I

XK K K K X K X
XK K K K X K X

0 dex
8 dex 1

35+

@
aa
R
LRy

8 dex

@
a
@
2

8 dex

3
o
@
2

PMONNNNNOOO
wooNDL=OND

3.0+
L 8 dex
8 dex

I I I
3.5x10* 4.0x10* 4.5x10* 5.0x10* 5.5%10*
Teft (K)

Figure 6.8: Dependence ofINMA4058/Nii1A4640 on nitrogen abundance, for three different back-
ground metallicities: Galactic (upper panel, left), LMC (upper panel, rigimd, SMC (lower panel).

All models have lo@ = —12.45 (series ‘E’). The iso-contours correspond to a nitrogen emission line
ratio of unity.

Impact of nitrogen abundance

After investigating the impact of background metallicity and wind-strength, we cancentrate on
the influence of nitrogen content. At first glance, this is somewhat surgridbundance should have
a marginal or only small effect on lin@tios, since it should cancel out as long as the lines are not
too strong and the ionization equilibrium is not disturbed. This statement, leoyiswnly true if the
lines form in a ‘typical’ way, i.e., are simple absorption lines (e.g. | AH&471/HeiA4541 used for
the classification of not too early O-stars). In the case consideredhimvever, the lines are formed
by complex andlifferentNLTE processes, and different abundances might have a diffienpatct on
the formation of both lines (see Sect. 6.3.3), so that the ratio might beconatedifévioreover, the
variation of [N] in early type stars can be much larger than, e.g., the variatigq, which amplifies
the effect. Thus, it is mandatory to test for the impact of nitrogen contettie@MIv/N 11l emission
line ratio.

For this purpose, we display in Fig. 6.8 the response of the line ratio omatiffaitrogen abun-
dances as present in our model-grid, for eadGalactic, LMC, and SMC background abundances).
To allow for a fair comparison, all models belong to series ‘E’. Again, weldisonly contours with
N1v/N 1l = 1, as a representative value. Note that for eadiine range of nitrogen content is differ-
ent, from the corresponding baseline abundance to enrichments d¢flydug, 1.6, and 1.9 dex for
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MW, LMC, and SMC objects, respectively (see legend and Table 6.1).

Generally, an enhancement of [N] at fixed tpghifts the iso-contours towards higher temper-
atures. We checked that this shift indeed is related to the different¢Négiudencies of the specific
formation mechanisms of VA 4058 and Ni1 A 4640 rather than to a modified ionization equilibrium,
which remains quite unaffected from variations in [N]. Moreover, thet si§uite similar for allZ,
producing an increase of roughly 1 kK for a change of +0.2 dex in remabundance (at lagr 4.0;
lower AT are found at lower log). This is an interesting result because objects with considerable
differences in [N] would display, for the same line ratio, i.e., spectral tigrge differences ifes.

If we, e.g., consider LMC models at lgg= 4.0, a line ratio of unity (corresponding to an O3 dwarf)
would be obtained at temperatures differing by 6 kK if either [N] is at thelir@es abundance (red,
Tesr = 42.5 kK) or if [N] = 8.18 (dark greenTes =~ 48.5 kK), corresponding to a typical enrichment
of LMC stars (Chapter 5)! Such a difference is much larger than the typicaad of temperature
per spectral type, and we conclude that the present classificatiomsdbethe earliest O-stars might
be strongly biased by nitrogen abundance. Only if the nitrogen contentiereit would be rather
similar for a given position in th&g-logg plane? this bias would not contaminate a spectral-tylpg-
relation, similar to our argumentation regarding the bias by wind-strengthdimwe.

6.5 Comparison with results fromCMFGEN

In Chapter 4 we compared our results foriNlines with those from the alternative cod®FGEN,
for a grid of models comprising dwarfs and supergiants inThgerange between 30 and 45 kK,
and with ‘old’ solar abundances according to Grevesse & SauvaBj199 the following, we check
the consistency also with respect to\Nand Nv, concentrating on the hotter modetsi{/, d2v,
s4a, sZ2a, see Table 6.3), but allowing for different nitrogen abundances tokctie predictions
from the previous sections.

CMFGEN models were computed with the a modified photospheric structure following the ap
proach from Santolaya-Rey et al. (1997), smoothly connected to a &letzty law. In our approach,
the Rosseland mean from the original formulation was replaced by the nneapaiate flux-weighted
mean. Several comparisons using ‘exact’ photospheric structunesTticosTy (Hubeny & Lanz,
1995) showed excellent agreement with our method (see also Najarko26tLd). A turbulent ve-
locity of 10 kms* was assumed when computing both the level populations and line profiles. Our
models account for the presence of H, He, C, N, O, Si, P, S, Fe, anat&ling 3965 full levels (1319
super-levels) and: 70,000 lines.

At first, we examine the potential switch ofiMA 4058 from emission to absorption when increas-
ing the abundance. From Fig. 6.4, this effect should occur at lower-gtiethgths and not too high
Test, i.€., potentially for modedl4v. Indeed, the predicted effect is clearly present in the corresponding
CMFGEN models, where\ 4058 is in emission for [N] = 7.78 and 7.98, and in absorption for [N] =
8.38 and 8.78 (filled circles in Fig. 6.9). The total variation in equivalent wédtla function of [N]
compares very well to results fromnsTWIND, which appear at somewhat highkg= 42.5 kK, as
shown by the solid lines (based on awsTwIND grid for logg= 4.0 and model series ‘D’). Thus we
conclude that the predicted effect is more or less code independent.

In Fig. 6.10 we compare the influence of the nitrogen abundance on thei@miise ratio
N1v/N 111 (calculated from EWSs), by means of modilv. Again, cMFGEN (filled circles) predicts

8 If, e.g., nitrogen would be enriched by rotational mixing alone and the linittational speeds were similar.
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Table 6.3: Stellar and wind parameters of models used to compare synthetieniliree profiles from
FASTWIND andCMFGEN. The grid is a subset of the grid presented by Lenorzer et al. (20a3t).
details, see Chapter 4. Even entries provide those parameters framnowIND grid models which
reproduce best the H/He spectra framrGEN. All models were calculated witl,ic= 10 kms?,
and with four different nitrogen abundances, [N] = 7.78, 7.98, 8.383.8Wind strength parameter,
Q, calculated in units o, yr—1, R, and kms™.

Model code Teft R. logg logQ
(K)  (Rs) (cgs)
d2v CMFGEN 46100 11.4 4.01 -12.43

E4740 FASTWIND 47000 4.00 -12.45
dav CMFGEN 41010 10.0 4.01 -12.75
D4140 FASTWIND 41000 4.00 -12.80
s2a CMFGEN 44700 19.6 3.79 -11.99
F4540 FASTWIND 45000 3.80 -12.15
sda CMFGEN 38700 21.8 3.57 -12.15
F3935 FASTWIND 39000 3,50 -12.15

a similar effect aFASTWIND, i.e., the EW ratio increases with [N]. The actual values of these ratios,
however, are quite different from those calculatedFagTwIND. Similar ratios are only reached at
higher Te, because, as discussed belewsTwIND predicts stronger NI and weaker Nv emis-

sion lines for hot objects. Nevertheless, the ‘[N]-effect’ is clearly Vesih thecMFGEN models, not
only for modeld2v but also for the others. Thus, the position of a certain emission line ratio in the
Tei-logg plane depends on the actual nitrogen abundance. As already dictiBsean lead to an
ambiguity of the spectral-typ&ss; relation. We come back to this problem in Sect. 6.7.

In Appendix B.2 we provide a detailed comparison of strategic H/He/N linedigissl bycm-
FGEN andFASTWIND, for all models from Table 6.3, and for different [NJASTWIND spectra have
been taken from our grid, to show that the provided resolution in parasegee is sufficient in most
cases.

Let us first concentrate on the H/He spectra (upper panels of Figs, B.18, B.19 and B.22),
which turn out to remain unaffected by typical variations in [N]. In mosesashere is an excellent
agreement between the H/He spectra fomFGEN and the closest or almost closessTWIND grid-
model, even for the Hesinglet lines (but see Najarro et al. 2006). The Stark-wings of the Balmer
lines are well reproduced at a similar gravity. The largest discrepaoc@s for moded2v where
HelAA4471,4713 result in a better fit & = 47 kK instead at the nominal value of 46 kK, and for
models4a where logy = 3.5 produces better consistency than a model ag l@.6 which would
lie closer to the nominal value of lag= 3.57. Finally, H, (FASTWIND) shows less emission for
models2a, mostly because the closest grid model has a lower wind-strength Qffog.2.15 than
the nominal value, lo@ = -11.99. Figure B.15 illustrates how the H/He spectrum changes when
Ter is modified by+1000 K. In the considered temperature range, the major reaction occues,in H
predominantly in the singlet lined f 4387, 6678).

The lower panels of Figs. B.15, B.18, B.19 and B.22 display important nitrbiges for the four
investigated models, at [N] = 8.78 (ten times solar), whilst Figs. B.16, B.1Q &n2l B.21 display
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NIV4058 model series D, Galactic abundances
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Figure 6.9: NVvA4058, switching from emission to absorption with increasing abundanceleMo
series ‘D’ (logQ = —1238), logg = 4.0, compared to results fromMFGEN, modeld4v (at Teg ~
41 KK, filled circles).
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Figure 6.10: Equivalent width ratio N'A4058/Nii1 A4640, as a function of nitrogen abundance.
Model series ‘E’ (logQ = —12.45), logg = 4.0, compared to results fromMFGEN, modeld2v (at
Test &~ 46 KK, filled circles).
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these lines for [N] = 7.78 (solar).

N1l lines have been already compared in Chapter 4, for [N] = 7.92 Yard 15 kms 1), and
these findings remain valid also at higher nitrogen abundance.

For the dwarf modelgl4v andd2v, the emission lines atA4634-4640-4642 are stronger than
predicted bycMFGEN, and indeed stronger than displayed in Chapter 4, where the disagitegazen
less obvious. This discrepancy could be tracked down to a differdunt @ vy, used in the present
models. A lower value (10 vs. 15 km¥ results in narrower resonance zones, and can lead to higher
emission peak3 Moreover, differences in the occupation numbers - when close to iowdrscertain
regions - become more pronounced, due to less averaging. For nsd@etnds2a we note similar
discrepancies, though at a tolerable level.

As discussed in Chapter 4, theliN absorption line aA 4097 is slightly stronger iFASTWIND
models at hot temperatures. Note thatd@v the profiles become identical when comparing with a
model that reproduces tlsmFGEN Hel lines, i.e., forTes = 47 kKK instead of 46 kK.

The quartet line'¥ at A A 4510-4514-4518 behave quite interestingly. Among the low [N] models,
these lines are in absorption onlydstv, whilst for the other models (high@ks and/or higheM) they
appear in emission. In a certain parameter range (mad@¥sands4a) and in analogy to Mv A 4058,
these lines switch, for increasing [N], from emission to absorption. Ri@gathese major trends,
CMFGEN andFASTWIND behave similarly, and the lines agree quite well for the dwarf models. For
the supergiant models, on the other hardsTwIND predicts more emission/less absorption than
CMFGEN, in particular fors2a. Thus, and due to their complex behavior, the quartet lines need to be
treated with care when analyziegrly O-stars.

N 11114003 andA 4195 (in the blue wing of He A 4200 and additionally blended by i8i at hotter
temperatures) show a mostly reasonable agreememtA AlL95 matches almost perfectly when pre-
dicted to be in emission, and [N] is low. The biggest discrepancy\ #f303 is found in the low [N]
model ofs4a, whereCMFGEN predicts much more absorption.

N1v and Nv lines have not been compared so farlvi4058 fromFASTWIND shows always
less emission than produced byFGEN, though for models 2a and for the low [N] modets4a the
agreement becomes satisfactory.

In combination with more emission from theil triplet at hotter temperatures, this leads to
a lower NIv/N i EW/line-strength ratio irFASTWIND (see Fig. 6.10), i.e., effective temperatures
deduced from this line-ratialonewould be higher compared toMmFGEN results. This general trend
is independent of abundance.

N 1vA 3480 is in good agreement for most models, excepdflar whereFASTWIND predicts more
absorption. In contrast, NA 6380 shows considerable differences, and for almost all modelspexce
for the high [N] model ofd4v) our grid predicts much more absorption. Since this line provided no
difficulties when comparing with observations (neither in Chapter 5 nor inrtagept investigation),
we suggest that it might suffer from certain problem&mrFGEN. We are currently working on this
problem, which we think is connected to the desaturation of the lésonance line around 24vat
the base of the wind.

Finally, the Nv doubletA A 4603-4619 compares very well in most cases, and only for the low [N]
models ofs2a ands4a we find more absorption byASTWIND.

9 Asimilar influence ofiy,, has been seen, e.g., in synthetic spectra gfildnen in emission due tphotospheriprocesses
(Najarro et al., 2011).

1Opreferentially used by Martins et al. (2011a) to derive nitrogen amoedain magnetic O-stars of late and intermediate
spectral type.
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Summarizing the major discrepancies, we note that in the early O-type dewsitnwIND pro-
duces more emission in theIN triplet, less emission at NA4058, and mostly much more ab-
sorption at NvA 6380, compared taMFGEN. We now ask how such discrepancies might affect an
abundancéLs analysis, and how one might proceed to diminish the impact of correspondosy-
tainties.

Since the H/He lines are in very good agreement, the stellar parameters bkotstrained
quite well, as long as Heremains visible. For the hottest stars with no or negligible ,Hee situ-
ation might become more difficult, sindgs needs to be constrained mostly from the nitrogen lines,
and we would deduce lowéggi from CMFGEN if concentrating on the NI triplet and NivA 4058
alone (see above). In turn, this would lead to rather different abwedafortunately, however, there
is also Nv which is very sensitive offes (see below and Figs. B.15, B.17 and B.18), and seems
to be quite code-independéht In conclusion T for ‘cooler’ objects should be mostly determined
from the He/Hell ionization balance. Potential discrepancies regarding™ 4634-4640-4642 and
N 1v A 4058 because of ‘erroneous’ predictions can be easily identified Boerthe hottest objects, on
the other hand, N should obtain a strong weight when determinigg. As long as either MvA 6380
or N1vA 3480 are observed, these lines might be used as abundance indiadiitstsany inconsis-
tency of NivA 4058 will tell about the quality of that line.

In Fig. 6.11 we now ‘analyze’ synthetic spectra framrFGEN by means of OUFASTWIND grid,
to check the overall consistency when accountingalbimportant lines. This is done for the high
[N] model of d4v, which is a prototypical case, and by means of EW iso-contours imdféN]
plane (for the appropriate model series ‘D’ with Qg -12.8, and a gravity of log= 4.0). Equivalent
width for all analyzed lines have been measured frontiieGEN spectra. These EWSs are displayed
as iso-contours with respect to oeksTWIND grid and should cross, in the ideal case of a perfect
consistency between both codes, at one point corresponding to thd pavdeeters, i.e. e =
41 kK and [N] = 8.78. Because of the various discrepancies discadgne, this is not the case, but
at least almost all iso-contours are close to each other in quite a condigied y roughly centered at
the actual parameter set and marked by a black box. In particular, five eight lines cross around
the pointTes = 41.5 KK/[N] = 8.55. At the original §MFGEN) values,Tes = 41 KK and [N] = 8.78,
on the other hand, there is onlyvM 4603 and Ni1A4003. Thus, &ASTWIND analysis of this model
spectrum would yield lower nitrogen abundances, by roughly 0.2 dexe(omothis below).

The figure displays a number of interesting aspects. Most iso-contauesahparabola-like shape
with a minimum at low [N], where the ‘left’ branch with negative slope relatese¢ogasing ionization
fractions (the same EW at high&s implies a lower abundance), and the ‘right’ branch with positive
slope to decreasing fractions. Because the right branch applies feffiloma lower ionization stages
(N1, and the left branch for lines from higher onesif\ N v), these different slopes allow to con-
strain the actual parameter region quite well, even though both codescprditierent line-strengths
when compared at the same location in parameter space.

The only feature which is quite outside the enclosed region is tietfiplet, which issignificantly
different in both codes (and strongerAasTWIND, thus formed at lowele when compared to the
CMFGENEWS).

At the comparatively ‘cool’ temperature of modidv, NVvAA4603-4619 becomes almost inde-
pendent of abundance (almost vertical left branch), and thus asesisitive temperature indicator.
Indeed, it perfectly fits at the actudl¢ (which is also true for the HeHell lines, see Fig. B.15). In-

1 And not affected by X-rays from wind embedded shocks under typaaditions, see Chapter 5.
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Model series D, Galactic abundances
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Figure 6.11: Nitrogen abundance ‘analysiscoiFGENmModeld4v with [N] = 8.78. EW iso-contours
for important nitrogen lines are displayed in thg-[N] plane of ourFASTWIND model grid (series
‘D", log Q= —128, logg=4.0). The displayed iso-contours refer to EWs measured frorontresEN
spectra of modedl4v. In the ideal case, i.e., EMFGEN andFASTWIND produce identical results, all
iso-contours would cross at a single point locate@.gt 41kK and [N] = 8.78. The black box marks
the smallest region in parameter space where almost all lines (exceptifard640) are predicted at
the measured value. In particular, five out of eight lines cross aroenddimt Ters = 41.5 kK/[N] =
8.55, i.e., at a lower abundance (by roughly 0.2 dex) than present imitfiead CMFGEN model.

terestingly as well, the iso-contours fonA 6380 and Nv A 3480 occupy an almost identical region,
i.e., give very similar results, though being members of different spin sysfeimglet and triplet
system, respectively). Insofar, the information provided by both linegm#as, and the observa-
tion/analysis of either of these lines should be sufficient, which is fortuivate the 35008 region is
scarcely observed.

Overall, when ‘analyzing’ [N] from the MFGEN spectrum and accounting for the rather fixiggl
and logg values from H/He and N, we would derive a lower or roughly similar nitrogen abundance
from most lines, compared to the actual value usedkiFGEN, except for the NIl quartet lines
which would imply a somewhat higher abundance. These results are #tbdovdahe other models
from Table 6.3. We thus conclude that in those cases whgrean be additionally constrained,
FASTWIND analyzes of early O-type stars will yield mostly lower nitrogen abundanegsahalyzes
performed by means afMFGEN.1?

12t the present stage of knowledge, we do not know which code ddestt’ job in reproducing reality.
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6.6 Analysis of a sample of LMC/SMC early-type O-stars

So far, we mainly provided theoretical predictions on th& NN 111 emission line ratio as used by Wal-
born et al. (2002) to classify the earliest O-stars, and concentratibe anpact of various parameters.
For testing our predictions, we need to confront these results with thesaafya significant stellar
sample. The LMC sample analyzed in Chapter 5 contained only a few eadystyjects (BI237,
BI253, N11-026, N11-031, and N11-060). These stars, biasearttsnD2, did not cover all spectral
types and luminosity classes within the classification scheme. To allow for a tagwle, we added
the earliest stars from the analyzes of LMC/SMC objects by Massey 20842005, 2009, hereafter
Mas04, Mas05, and Mas09).

6.6.1 The stellar sample

In particular, we selected objects with spectral types earlier than O5. ®ablgives a complete
list of all early O-type stars considered in the following, along with their spétype and galaxy
membership. The final sample consists of seventeen stars, fourteethdiC and three from the
SMC. Thirteen objects have been drawn from Mas04 and Mas05, piistgact from Mas09 (the
only early-type star of that sample). Two of the objects analyzed in ChaBi237 and BI253) were
also studied by Mas05. For these objects, as well as for the remaining sarapibers (N11-026,
N11-031, and N11-060), we refer to our analysis from Chapter 5.

From the original subsample of early-type stars studied by Mas04 and3yiag selected repre-
sentative objects. Owing to various reasons, eight stars have beardédc(i) Three dwarfs (R136-
033, R136-040 and R136-055) did not show any trace of eithe AN 4634-4640-4642 or N/ A 4058
in their spectra, and Massey and co-workers could not classify theording to the Walborn et al.
(2002) scheme. Therefore, we analyzed only one prototypical exdmptaese stars, R136-040.
(i) From the four early giants compiled in Mas05, we discarded two of therB6RM7 (02 II(f))
and LH 64-16 (O2N lli(f)). The FOS data used for the R136 stars, see Sect. 6.6.2, sufferad fr
an intermittent behavior of some of the FOS diodes (Massey & Hunter, 1888)h could result in
the appearance of spurious features contaminating the spectra. Owimgtteeabad quality of the
spectra, we were not able to obtain a satisfactory fit for R136-04 7wardecided to discard it from
the analysis. This problem was not met for the remaining R136 stars usex thitwork (R136-018
and R136-040). The other giant discarded, LH 64-16, shows simiVareeliscrepancies as we had
found in Chapter 5 for another star of this class, N11-031. Owing to retifficulties to fit either
Ni/Niv or NIv/NvV lines, we excluded it from the present analysis. (iii) Regarding supgsgia
we selected three out of seven stars. For typical conditidhs (10 "M yr 2, v~ 3000 kms?,
andR,~ 15R.), the corresponding wind-strength, IQg> —12, is well outside of our model-grid
(Table 6.1), and we concentrated on representative objects sinceiaga®l of them would have
been extremely time-consuming, even with a fast code sueASBNIND.

In summary, our sample comprises 9 dwarfs, 5 giants, and 3 supergiahéssolirce of the
corresponding spectral types for each object is listed in Table 6.4.

6.6.2 Observational data

Spectra for the 12 early O-stars from Massey et al. were taken in tanges, the UV, the blue and
the red visual band. Only optical data were used within this work.
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Table 6.4: Sample stars used within this study, along with galaxy membership ecitasiype.

The horizontal line separates stars analyzed within this work (drawn fas04/05/09) from stars
previously analyzed in Chapter 5. Identifications are as follows: "AiirAzzopardi & Vigneau
(1982); "BAT” from Breysacher et al. (1999); "Bl"from Brunet al. (1975); "LH” from Lucke (1972)
except "LH10-3058" that is from Walborn et al. (2002, 2004); "Rirbm Evans et al. (2006); "NGC”
from Massey et al. (1989); "P” from Parker et al. (1992); "R1365m Massey & Hunter (1998);
"R136a” from Malumuth & Heap (1994); "Sk” from Sanduleak (1970).

Star Cross-IDs Galaxy Spectral Type
AV 177 - SMC 04 V((HY
AV 435 - SMC 03 V((f))?
NGC 346-355 NGC 346 W3 SMC  ON2 lIi{°
LH81:w28-5 - LMC  O4 V((f+)}
LH 81:w28-23 - LMC  03.5 V((f+)}
LH 90:ST 2-22 - LMC  O3.5llI(f+}
LH 101:W3-24 ST 5-27 LMC  03.5V((f+})
LH 101:W3-19 ST5-31 LMC  O2If
R136-018 - LMC O3 1lI(f)?
R136-040 R136a-535 LMC  02-3.5V
Sk—65 47 LH 43-18 LMC  O4If
Sk—67 22 BAT 99-12 LMC 02 If/WN5°
BI237 - LMC 02 V((f))
BI253 - LMC 02 V((f))
N11-026 - LMC 02 lli(f)d
N11-031 P3061/LH10-3061 LMC  ONZ2 lIi(d
N11-060 P3058/LH10-3058 LMC O3 V((p¢

aMas05

bWalborn et al. (2004)

®Crowther & Walborn (2011)

dMokiem et al. (2007a) and references therein

() For the bulk of the stars, these data were obtained at the Cerro TotelesAmerican Obser-
vatory (CTIO) 4m Blanco telescope with the RC spectrograph, duringalgri999 (P.l. P. Massey).
The blue and red spectra cover the ranges 3750-4980d 5400-780@, respectively. The spectral
resolution was 1.4\ for the blue and 2.8 for the red band, with a S/N between 200 to 560 per
resolution element, corresponding to about 4 pixels, in the blue (measi#&60GA), and a typical
S/N of about 150 per resolution element in the red.

For LH 101:W3-24, additional spectra for the, Hegion were taken by means of the Hubble
Space Telescope (HST) using STIS/CCD (as part of programme GB-B41P. Massey), to amend
the ground-based observations which were heavily contaminated by stediulosity. These data
cover 6300-685@, with a spectral resolution of 0.8% and S/N of 50.

(i) For the R136 stars, we used two different data sets obtained with the GI$3 was taken
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with the G400 FOS/RD configuration under GO-6417 (P.l. P. Massey), aviisulting wavelength
coverage from 3250 to 482 3 A resolution and a S/N of 60 at 4430 Additional observations were
taken with STIS/CCD under GO-7739 (P.l. P. Massey). Blue obsensmtiovered the wavelength
range 4310-4598,, at a S/N of 100 for a spectral resolution of @40bservations centered around
Hy were made with the same setup as for LH 101:W3-24 described above. tBn&41S spectra
have better S/N and resolution, we used them preferentially for our amaBecause of their limited
wavelength coverage, excluding the spectral region that comprises gtémpmrtant nitrogen lines,
we nevertheless had to consider the FOS data, see Figs. C.23 and C.27.

(iif) Spectra for NGC 346-355 were collected with the Clay 6.5m (Magellatel§scope at the
Las Campanas Observatory, using the Boller & Chivens SpectrogPdpP.(Massey). The coverage
was 3410-504Q with a S/N of 600 at 450Q in the blue, and from 5315 to 6958 in the red,
achieving a S/N of 400 at 6508. For both ranges, the spectral resolution was#.4

All spectra were reduced with IRAR and we performed additional re-normalizations for differ-
ent wavelength ranges within this work.

As outlined in Sect. 6.6.1, our present sample includes two objects (BI2BB1263) which have
been studied both in Chapter 5 and by Mas05. The UVES spectra usedforrtier analysis have
a considerably higher resolving power, 40,000, compared to a resgieingr of 3,000 as provided
by the RC spectrograph used by Mas05. After comparing both data setgsineach other and with
our fits from Chapter 5, it turned out that the nitrogen lines are quite simildtstithe cores of the
hydrogen (except for F) and Hell lines are somewhat deeper in the UVES data, more than expected
from the higher resolution. Because of the high quality of the UVES dat&kepethe parameters
as derived in Chapter 5, though a re-analysis based on the Mas05 aath lvave provided rather
similar values.

6.6.3 Analysis

Stellar and wind parameters were derived following the methodology outlin€thapter 5, and are
listed in Table 6.5. Comments on individual objects and corresponding H/HegNiténare provided
in Sect. 6.6.4 and Appendix C.2, respectively.

In brief, we proceeded as follows. In accordance with Chapter 5 anduthalyzes by Massey
and collaborators, we assumed unclumped mass-loss throughout theistfiaijrst, we determined
v sini for each object using the Fourier method (Gray, 19?@ubsequently, we roughly constrained
the stellar/wind parameters as well as the helium and nitrogen abundanoesabg of our model-
grids for LMC and SMC background metallicities. For deriviig, we used both the helium and
nitrogen ionization balance when possible, i.e., when nitrogen lines frorasttigo ionization stages
were visible (see Table 6.5 for the particular diagnostics applied). Footilermbjects of our sample
(Tesr < 44 kK), we mainly relied on the helium ionization balance, and used nitrogarctassistency
check. For hotter objects, where H24541 begins to loose its sensitivity Tag¢, we gave larger
weight to the nitrogen balance, as long as a reasonable fit to thélele lines could be maintained.
Note that anyTe«/[N] degeneracy (as present, e.g., for the line-strenafilo of N 1v/N 111) is broken
by the absolute strengths of the lines, and the fact that we have usuallytimaoréwo lines at our

13|RAF is distributed by the National Optical Astronomy Observatories, whiehoperated by the Association of Univer-
sities for Research in Astronomy, Inc., under cooperative agneewith the National Science Foundation.

14Regarding the impact of clumping on the synthetic nitrogen spectra, sgee2!b.

15As implemented and tested in the OB-star range byo&imbiaz et al. (2006) and Siom-Diaz & Herrero (2007).



Table 6.5: Fundamental parameters for the early O-star sample, assurslnghped mass-loss. For each star, the additional (or even
primary) Te diagnostics used in parallel with the HElell ionization equilibrium is indicated. For four stars, two parameter sets are

provided, see text.

Star Spectral type Nitrogen Tet  logg loggrue R« logL. MS logQ Voo vsini Yhe [N]
Teit diag. (kK) (cgs) (cgs) Ro)  (Lo) (kms ™) (kms™h) (kms™)
Dwarfs
BI253? 02 V((f)) NiIvINv 54.8 418 4.20 10.7 5.97 153 -12.61 1.21 3180 230 - 0.08 7.
BI2372 02 V((f)) NIv/INv 53.2 411 412 9.7 583 0.62 -12.98 1.26 3400 140 - 0.09 7.1
R136-040 02-35V - >51.0 401 4.02 103 581 1.93 -12.53 0.80 3400 120 - 0.08 6.
N11-06G O3V((f)) Num/Niv/INv 48.0 397 397 95 563 0.51 -12.92 1.26 2740 68 40 0.12 8.1
NIV/NvV 51.0 410 4.10 9.2 571 0.48 -12.92 8.15
AV 435P O3 V((f)) Nu/Niv 46.0 3.90 391 138 5.88 0.21 -13.15 0.80 1500 110 - 0.10 7.
LH 81:W28-23 03.5 V((f+)) Niu/Niv/INv 47.0 3.80 3.82 10.0 5.65 157 -12.53 1.00 3050 146 - 0.25 8.
LH 101:W3-24 03.5 V((f+)) - 47.0 400 4.01 8.1 546 0.27 -13.00 0.80 2400 20 1 0.10 7.78
LH81:W28-5 04 V((f+)) Nmu/Niv/Nv 440 3.80 381 9.8 551 1.08 -12.60 0.80 2700 120 80 0.15 8.
AV 177° o4Vv((f) - 44,0 3.80 3.85 8.8 542 0.23 -13.19 0.80 2650 220 - 0.15 7.
Giants
N11-03F ON2 I(f*) Nu/Niv 47.8 3.95 395 134 592 2.02 -12.64 1.08 3200 71 60 0.11 7.
NIV/NvV 56.0 4.00 4.00 122 6.12 2.20 -12.54 8.3(
NGC 346-358 ON2 llI(f*) Niv/Nv 55.0 4.00 4.01 120 6.08 2.50 -12.39 0.80 2800 140 - 0.10 8.
N1 /N v 51.0 4.00 125 5.98 2.00 -12.51 7.98
N11-026 O211(f*)  Nm/NIv/INv 49.0 400 4.00 11.3 582 156 -12.63 1.08 3120 72 60 0.10 7.
N IvV/N v 52.0 410 4.10 11.0 5.89 1.49 -12.63 7.75
R136-018 O31() Nm/Niv/Nv 47.0 3.90 392 142 595 1.68 -12.76 0.80 3200 180 - 0.10 8.
LH 90:ST 2-22 O3.51lI(f+) Nu/Niv/Nv 44.0 3.70 3.71 18.8 6.08 456 -12.36 0.80 2560 120 80 0.15 8.
Supergiants
Sk—-67 22 O2If/WN5 Nm/Niv/INv 46.0 3.70 3.74 124 580 15.00 -11.60 0.80 2650 200 - 0.30 8.
LH 101:W3-19 O2 If Ni/NivINv 440 390 391 253 6.34 20.86 -11.97 0.80 2850 180 - 0.10 8.
Sk—65 47 o4 If NI /N v 405 3.60 3.62 198 5.98 11.00 -11.89 0.80 2100 160 - 0.12 7.

aStellar/wind parameters derived in ChaptePSMC star;Cin units of 10°M_yr—*
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disposal, which react quite differently on change3dnand [N] (cf. Fig. 6.11). Thus, as long as lines
from at least two nitrogen ionization stages are availalg¢and [N] can be determined in parallel
from fitting these lines (as long as the other stellar/wind parameters can bedfiom independent
diagnostics). If nitrogen lines were not available (too weak), we eithiedren Hel/He1 alone (LH
101:W3-24 and AV 177), or, when even Heas no longer visible, we settled for a lower limit &gy
(R136-040). We refer to Sect. 6.6.4 for a detailed discussion on théispkagnostics used (see also
Table 6.5), and on particular problems for individual stars.

Gravities were inferred from the wings of the Balmer lines, andQadgom fitting H, and
HellA4686, with nitrogen lines serving as a consistency check for both quantiBesause of
the rather low resolution and the mostly higlini values, we were able to constrain the ‘macro-
turbulence’ Vmae for only two objects (LH 81:W28-5 and LH 90:ST 2-22). For the remainingsy
our fits were acceptable without any need for extra-broadening.

At this point, we adopted terminal velocities as derived by Massey et ah ¥ lines, updating
M to preserve if necessary. For the bulk of the stars, we kept the velocity field expamsen within
our model-grid,3 = 0.8, because of reasons of consistency, since also Massey etalthissvalue.
Only for LH 81:W28-23 we adoptefd = 1.0, to better reproduce HieA 4686 (see Fig. C.24). For
those objects with K and HellA4686 in emission (LH 101:W3-19, Sk-622, and Sk—-6547), it
would have been also possible to deri/&om the profile shape. Because of the quite good fit-quality
for both lines already witl8 = 0.8 (see Figs. C.29, C.30, and C.31), we had no real reason to change
this value though.

Final parameters were derived from a grid of much higher resolutiamarthe initial constraints.
Stellar radii were calculated frody as provided by Mas04/05/09 and synthetic fluxes, with a cor-
responding final update &fi. Following our experience for the earliest O-stars from Chapter 5, we
used a micro-turbulent velocitymic = 10 kmst, for all objects considered here.

Errors on stellar/wind parameters are adopted following Chapter 5. If) timéeestimate an un-
certainty of+1 kK in Tef (for those objects with a unique solution, see Table 6:8).,1 dex in logy,
and+0.05 dex in lodR,, adopting a typical error 0£0.25 mag inMy (see Eqg. 8 in Repolust et al.
2004). Together with the errors fG@gg, this adds up to an uncertainty 6f0.11 dex for lod-/Lc.
Larger errors, plus/minus a factor of two, are presentMowhen H; is in absorptiort8. For ob-
jects with mass-loss indicators in emission, the error is somewhat lower. sEmok, are on the
order of 100 kms?, taken from Massey et al., and we estimate the errorg sini and Vmac as
+10 to 20 kms?. A rough estimate on the error ¥, is +£0.01 to 0.02. Regarding [N], we adopt a
conservative value of0.15 to 0.20 dex to account for the dependence on stellar and wind paramete

6.6.4 Comments on the individual objects

In the following, we give specific comments on the individual objects, diggrpeculiarities and
problems found during our analysis. We separate between galaxy meipbenstt sort by lumi-
nosity class and spectral type. Line fits are displayed in Figs. C.23 to GB#mportant H/He/N
lines: Hy, Hg, Hy, Hs, He, HelAA 4387, 4471, 4713, He(+Hel)A 4026, Ha1A A 4200, 4541, 4686,
6406, 6527, 6683, NIAA 4003, 4097, 4195, 437X 4634-4640-4642, and A4510-4514-4518,
NIVAA 4058, 6380, and NAA4603/4619. All spectra were corrected for radial velocity shifts. If
not explicitly stated, any comparison made in the following text refers to theétsdsom Mas05.

18|n this case, one is unable to derigefrom line-fitting, and the uncertainty iff reflects in quite a large error fovl
(Markova et al. 2004)
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LMC stars

R136-040 — 02-3.5 V (Fig. C.23). This star could not been classified by Mas05 using the scheme
by Walborn et al. (2002), because neitheniX A 4634-4640-4642 nor N/A4058 were visible in
the spectra. As outlined in Sect. 6.6.2, for the R136 stars we have specirddth STIS and FOS
available. Taking advantage of the better quality of the STIS data and ugingtHand HellA 4541,
we derived a similar lower limit (no Heand no nitrogen lines)! ofie as Mas04, but a substantially
larger (by 0.2 dex) gravity, which agrees better with its dwarf designa@um.analysis also resulted
in a low helium contentyye = 0.08 (Mas04Yye = 0.1). Note the discrepancy in the cores gf, Hi.,
and HellAA4026, 4200 when comparing with the FOS data. Such a discrepancy wdsatsl for
the remaining H/He& lines in the FOS data, when used instead of the STIS spectra.

The missing nitrogen lines imply an upper limit for the nitrogen content corresipg to the
LMC baseline abundance [N] = 6.90, which also agrees quite well with thédewontent.

LH 81:W28-23 — 03.5 V((f+)) (Fig. C.24). The modeling of this star was straightforward, and
we obtained similar results as Mas05. However, we considered a |arget.0 to better reproduce
the marginal P-Cygni profile at HeA4686, which might indicate a luminosity class Il object (see
Walborn et al. 2002). To preserve the fit of,Hwe needed to redudd. All nitrogen lines are
consistent with the temperature derived from the helium ionization equilibriuime quite large
nitrogen abundance ([N] = 8.40) agrees well with the helium abundggce 0.25, indicating an
evolved nature of this object.

LH 101:W3-24 — 03.5 V((f+)) (Fig. C.25). We derived a somewhat coolgf (by 1 kK) together
with a lower helium contentyye = 0.10, which was consistent for all helium lines. Nitrogen lines
are barely visible, because the spectrum of this star displays more naisthéhlaulk of our sample
stars, caused by the use of a narrow extraction aperture to redecesdfom nebular emission for
the ground-based observations (cf. Sect 6.6.2). Due to the noisywpeave were only able to infer
an upper limit for the nitrogen abundance, [N]7.78.

LH 81:W28-5 - 04 V((f+)) (Fig. C.26). This is one of the standards used by Walborn et al. (2002)
for defining the O4 V((f+)) class. A consistent analysis of the helium @trdgen ionization equi-
librium yielded a cooler temperatur&s = 44 kK, which required a helium abundanceYgt = 0.15

to reproduce Hel4471. An excellent fit to most nitrogen lines from all three ionization stages w
achieved for this star, indicating a significant enrichment, [N] = 8.38.

R136-018 — O3 llI(f) (Fig. C.27). Also for this O3 giant we have used data from both STIS
and FOS. A consistent analysis of the H/He lines from STIS and nitroges (imestly from FOS)
suggested a hott@kg, by 2 kK, as well as a higher surface gravity, 8.1 dex. Again, we found
discrepancies in the cores of the H/idines from the FOS spectra, except for iH&4686. An
acceptable fit for Nii/N 1v/N v using [N] = 8.18 was possible, where onlyiwW 4058 was slightly
underpredicted. Even though the nitrogen lines contained in the STISetaths A A4510-4514-
4518 and Nv A 6380, are diluted in the continuum, they support our analysis.
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LH 90:ST 2-22 — 03.5 lli(f+) (Fig. C.28). An unproblematic analysis provided the same results
as obtained by Mas05, except that we opted for a lower helium abuadgpc= 0.15. Again, a
remarkable fit to the nitrogen lines was possible, at [N] = 8.58, indicatingtrarae enrichment.

Sk—67 22 — 02 Iff/WN5 (Fig. C.29). This star was re-classifiéds 02 If/\WN 5 by Crowther &
Walborn (2011) using their updated classification scheme, becauseldg theCygni profile. Using
lines from NIt /N 1v/N v, we inferredTe = 46 kK which is hotter than the lower limit (from very weak
HelA4471) quoted by Mas05. Our fit seems to slightly overpredict the emissiomid AD58 and to
underpredict the N doublet. An extreme nitrogen abundance, [N] = 8.78, was required, riipesia
one found in our sample. Such an abundance would be certainly too ldrgle @@mparing even
with strongly nitrogen-enhanced O-stars, and also with predictions fratuteonary calculations
tailored for the LMC (Brott et al. 2011b and Chapter 5), thus supportirgteer evolved nature of
this object and its ‘slash-star’ designation. This star was also analyzBdtayn & Crowther (2011)
using NIV/N v lines (without discussion of Heand Niii), only providing aTes = 49.3 kK for this
object. Such hotter temperature would improve our fits fov N4058 and the N doublet, but is
inconsistent with the observed strength ofiiN

LH 101:W3-19 — O2 If* (Fig. C.30). For this supergiant, a consistent He/N analysis allowed us
to deriveTes = 44 kK, hotter than the lower limit (marginal Hed471) assigned by Mas05. Using
N /N 1v/N v in parallel, we achieved an almost excellent fit for the nitrogen lines at [BI]L8.

Sk—65 47 — O4 If (Fig. C.31). The parameter set derived for this star using H/He/N linestis qu
similar to the results from Mas05, with somewhat larges=0.12, A potential discrepancy provides
N 1IvA 4058, where we might slightly overpredict the observed emission.

SMC stars

AV 435-03V((f)) (Fig.C.32). The only discrepancies found during our analysis qooresto an
overprediction of Hel A A 6406, 6527, 6683. Both the Hiell and the Nii/N 1v ionization equilib-
rium suggest a hotter temperature than quoted by Mag@5; 46 kK. This temperature seems to be
somewhat cool for its spectral type O3 V assigned by Mas05 becadbseaf4058< N 111 A 4640, but
quite consistent with our predictions for the derived wind-strength andgatr content, [N] = 7.58
(cf. Figs. 6.7 and 6.8).

AV 177 — O4 V((f)) (Fig. C.33). The H/He analysis of this star produced similar parameters as
found by Mas05. Owing to a high rotatiomsini = 220 kms!, nitrogen lines are barely visible

in the spectrum. Weak traces of emission atiNA4634-4640-4642 and N AA4510-4514-4518
together with weak absorption atiXA 6380 are fitted consistently at [N] = 7.78.

NGC 346-355 — ON2 Ili(f) (Fig. C.34). This star was considered as a standard for the O2) llI(f
category by Walborn et al. (2002), and later on updated to ON2)Ib§y Walborn et al. (2004). As
for N11-031 (same type!) analyzed in Chapter 5, we found problemsadt Ftiii /N 1v/N v lines in
parallel, but to a lesser extent. The basic difference is related ta 4E1, which is not as clearly

17Mas05: 02 If
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visible as for N11-031. During our analysis, we considered two pospénleameter sets: a cooler
solution withTe = 51 kK (red) and a hotter one withs = 55 kK (black), using either the Ni/N 1v

or the NIv/N v ionization equilibrium. By inspection of HA 4471, we note that both temperatures
might be consistent with the very weak observed feature. For a similar eitraigundance, [N] = 7.98,
we were able to fit either NIAA4634-4640-4642, N1AA4510-4514-4518 and N A 6380 for the
cooler solution, or NvA6380 and NVAA4603-4619 for the hotter one.

Mas09, restricted to HA 4471 as a primary temperature indicator, deriggd = 49.5 kK and
logg = 3.9, which would agree with our cool solution, but is insufficient for theyM v lines. The
hotter solution is in better agreement with results from Bouret et al. (20@BW\alborn et al. (2004),
who foundTes = 52.5 kK and logy = 4.0 fitting the NvV/N v lines by means ofMFGEN. In particular,
we achieved a similar fit quality as Bouret et al. (2003), for a similar nitragement. Bouret et al.
stated that afes ~ 55 kK (identical with our hotter solution) their fit for HeA 4686 would improve.
Such anincrease in temperature would also improve their fitnafidhich we are able to fit accurately.
The same stellar parameters as determined by Bouret et al. (2003) anorielkal. (2004) were
derived by Heap et al. (2006) usimgusTy, mostly based on lines from highly ionized species, in
particular Nv and Niv. Unfortunately, they did not comment on Hand Niii, but reassuringly they
derived a nitrogen abundance very similar to ours, [N] = 7.92.

6.6.5 Comparison with results from Massey et al.

In the following, we briefly discuss overall differences between the stwilad parameters derived
within this work and by Massey et al. for overlapping objects, also régaiBl237 and BI253 which
were already analyzed in Chapter 5. For details, see Sect. 6.6.4 anddbe2.

For the majority of objects, where we still could use theltHe11 balance as a primary tempera-
ture indicator (but also accounting for nitrogen, see Sect. 6.6.3), vireedeslightly coolefTes, on the
order of 0.5 to 1 kK. This is not too disturbing, however, as one oftersfaydtematic differences of
this order when different elements are used to defigefor hot stars, as, e.g., in the case of using Si
vs. He for early B-/late O-type stars (e.g., Hunter et al. 2007). The maxichifienence amounts to
ATe = —2 kK for LH 81:W28-23, on the margin of the adopted errors.

For a few objects (BI237, BI253, NGC 346-355, R136-018, and63k22) where we needed
to exploit the nitrogen ionization balance to break the helium degeneraanfeveed considerably
hotter temperatured\(Te ~ 2-7 kK). Admittedly, and owing to the restricted quality of the data for
some of the earliest objects with weakiiNtriplet emission and very weak H&4471, the effec-
tive temperatures derived might by affected by uncertainties due to noisecatinuum placement.
Nevertheless, the fact that also here the differences are systemajissithat the solution to this
problem may not be purely observational.

We also derived quite similar values for lggexcept for the five objects explicitly mentioned
above, which indicated higher gravities (mostly because of the hig¢r with a maximum dif-
ference of roughly 0.25 dex for BI253. OM values are systematically lower, mostly because
of the lowerTey. For those stars with increasdgy, the reduction is caused by low&. and/or
higher, where the latter effect is particularly strong for BI253 which displayddhgest difference,
AlogM = —0.51 dex. Helium abundances agree quite well except for those fewveithrs larger
change inTgs, where we had to adapte to preserve the fit quality of the helium lines. The largest
difference found amounts to about 0.05vif, for LH 90:ST 2-22. Finally, most of ow sini are in
good agreement with the Massey et al. values, and only three objectydi$plzbstantial differences,
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with the largest one of about 30 km'$or BI253.

One of the major implications of our re-analysis of the earliest O-stars agdevad by Massey et
al. can be stated already now: We do not find the pronounced deggroérdne Niv/N 111 emission
line ratio as claimed by Mas05 (for details, see Sect. 6.7.3). For instanse,abthors questioned the
monotonicity of the classification scheme with respecidg because, among other problems, they
inferred similarTeg for two dwarfs, LH 101:W3-24 (03.5) and BI237 (O2), which on the otiend
displayed considerable differences in thein®N 111 emission line ratios. Theskg were derived by
a pure H/He analysis. By exploiting the nitrogen ionization balance, we aveabte to break this
degeneracy, since, e.g., we find a considerably hotter temperatur2# &ee table 6.5), similar to
the temperature derived for BI253, the other O2 dwarf from the sample.

6.7 Discussion

6.7.1 Nitrogen abundances

Though not the major topic of our present work, let us briefly comment emitnogen abundances
derived within this analysis. Globally, these are consistent with our resoits€hapter 5. The bulk of
the LMC stars displays a considerable enrichment, stronger than exjextethilored evolutionary
calculations (Brott et al., 2011b), and supporting the idea of an effionxing during very early
phases of O-star evolution. We confirm the tight correlation between theeddnelium and nitrogen
content.

Only three dwarfs (note that only one prototypical case of nitrogerkwbgects, R136-040, has
been analyzed) seem to be unenriched, visible already in the abserite@én lines in their spectra.
The star with the highest enrichment within the sample is Sk2@7(02 Iff/WN5), and the derived
[N] lies roughly 1.9 dex above the LMC baseline abundance, larger tmaiofathe values found in
Chapter 5. In analogy, also its helium content is extreme, and both findipgs« the evolved nature
indicated by its ‘slash’ designation.

Although the nitrogen content (in absolute numbers) of the few SMC sample enstigs below
that of most of our LMC stars, all of them are strongly enriched, by mae time dex above the SMC
nitrogen baseline abundarie The largest enrichment (by1.6 dex) was found for NGC 346-355,
in agreement with its ‘ON’ designation. A very similar abundance, [N] = 7t8@ether with similar
stellar parameters, has been previously derived by both Bouret 208B)and Heap et al. (2006) for
this star, see Sect. 6.6.4.

6.7.2 Effective temperatures vs. spectral types

In Fig. 6.12, we display the derived effective temperatures as a furmftgpectral type for our present
stellar sample (Table 6.4), augmented by all (LMC-) stars later than O4 fiwept€r 5 to extend the
sampling toward cooler types analyzed in a uniform way.

Because it was not possible to assign a specific spectral type to RD3&&2l above), this star
is not contained in Fig. 6.12. We also discarded N11-031 (ON2))Iffom this diagram, owing to
severe problems in the determination of Ttg. In Chapter 5 we were not able to derive a unique
effective temperature from Hend all three nitrogen ionization stages in parallel, whilst using either
Hel/N /N 1v or NIv/N v resulted in a difference diTer= 8 kK, which is too large to allow for

18According to Hunter et al. (2007), [Mseline= 6.5
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Figure 6.12: Effective temperatures as a function of spectral typeM@ and SMC O-stars analyzed
within this work and Chapter 5 (N11-031 and R136-040 discarded, sgefer NGC 346-355 (ON2
[(f *), SMC), Tesr according to our ‘average’ solution, see text. Black symbols: LMC ohjédie
symbols: SMC objects; green symbol: Sk2&2 (02 Iff/WN5, LMC). Squares refer to supergiants,
triangles to (bright) giants, and circles to dwarfs. Filled symbols corrasfmabjects with [N]> 8.0,

and open ones to objects with [N] 8.0. The dashed-dotted (red) line displays a least square linear
and quadratic fit to all dwarfs, according to Eq. 6.1. Thecalibration from Martins et al. (2005a) for
Galactic O-dwarfs (dashed) and supergiants (dotted) is displaye@figparison. For clarity, some
objects have been slightly shifted horizontally.

further conclusions. Nevertheless, our sample contains another ONR ii@C 346-355 from the
SMC. Also for this object, we were only able to obtain a hotter (basedioMlv) and a cooler (based
on Nit/N1v) solution, but the difference is much smallées= 4 kK. In Fig. 6.12 we assigned a
mean valueTes= 53 kK (accounting for larger errors than typical, on the order of 3, k&yemain
unbiased from a somewhat subjective view, but note that both the hahandean temperature are
considerably higher than what we would have derived using just the/He! lines alone. Further
comments on the ON2 stars are given at the end of this section.

To check the impact of [N] on th&¢ estimates for a given spectral type, in Fig. 6.12 we denote
objects with nitrogen abundances above and below [N] = 8.0 by filled agad eyanbols, respectively.
This threshold has been chosen according to our findings from Chaptenghly separating LMC
objects with mild or typical enrichment from those with unexpectedly stroniglement. We note
that this value would be too high for SMC objects if one would be interested jitegisig the actual
enrichment?® but for our purpose of testing and comparing the impact of [N], only tisekaite value

BIndeed, all SMC objects in Fig. 6.12 appear with open symbols, despitestheng enrichment. Because of the lower
baseline abundance, a threshold of [N] = 8.0 corresponds to arhemaitt of 1.5 dex, which is very unlikely to occur
except for extreme objects such as NGC 346-355 located close to thés valu
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and not the enrichment is decisive (see Sect. 6.4.2).

The complete LMC sample considered in Fig. 6.12 covers 26 stars sprea¢atmost) the full
range of spectral subtypes, comprising 16 dwarfs, 7 (bright) giants3aupergiants. On the other
hand, only three early SMC objects (two dwarfs and one giant) havededyzed, preventing firm
conclusions.

Before we concentrate on the earliest types, we highlight some gersrastrFrom a first glance,
and even though the number of supergiants and (bright) giants within oypleas lower than the
number of dwarfs, it is obvious th@gs increases with luminosity class for all spectral types, similar to
Galactic conditions (e.g., Repolust et al. 2004; Martins et al. 2005a) ast fer types later than O3.5,
giants and supergiants are about 1 kK and 4 kK cooler than dwarfgatagely. The latter difference
is similar to what has been found in previous studies, e.g., by Mas05, Mokiexh (2007a), and
Mas09. For the earliest types, on the other hand, this difference begomh larger, about 10 kK at
02.

We can also clearly distinguish different behaviors of the spectral-Typeelation. For luminos-
ity classes V and II-1ll, later types follow a linear trend, whilst the incesiasTes is much steeper for
the earliest ones. On the other hand, the few early supergiants ofraptesaeem to follow a linear
trend with a slope similar to cooler objects.

At least for the dwarfs, we are able to providéyaical relation, when ignoring any differences
in Z and [N]. Using a linear and a quadratic least-square fit for the objectéhatading and earlier
than O4, respectively, we find

{ 51.64—1.94x ST if ST > 4
Teff =

7087—1029x ST+0.88x ST? if2 < ST< 4, (6.1)

where ST is the spectral type for O-dwarfs dig is expressed in kK. At the present state of knowl-
edge, this relation might be applied to LMC stars only, since the low numbeabfzed SMC-dwarfs
as well as other arguments (see Sect. 6.7.5) prohibit an application ffrstarthe SMC.

For comparison, we show in Fig.6.12 the observed spectral®ypeelation for Galactic dwarfs
(dashed) and supergiants (dotted) from Martins et al. (2005a). Ealvtarfs, there is a typical offset
of roughly 1 kK, whereas the (cooler) O2 and O4-supergiant seeniltmfthe Galactic calibration.

A similar comparison between their LMC sample and Galactic dwarfs was pibbig®lokiem
et al. (2007a), who found a somewhat larger offsetb® kK. This difference is caused by low&
as resulting from the updated versionFafsTWIND for later spectral types (see Chapter 5).

Reassuringly, the scatter in the spectral-tfipe-relation for objects later than O4 is small
(~1 kK), since the spectral types (as well as our primagy indicator) rely on the He&Hel line
strength (or EW) ratio, which is a rather monotonic functiofgf for a given luminosity class (con-
trolling gravity and wind-strength) and background abund&Ac&he only outlier is N11-065, an
06.5 dwarf. The analysis of this star was quite difficult, and for the detetiomaf Tes (and other
parameters) we used also thelMN v ionization balance, in parallel with H&Hell. Nevertheless,
we found considerable problems in fitting the emission at NA 4634-4640-4642 together with the
pronounced absorption atiIMA4058 and the remaining nitrogen lines. Even though this problem
became somewhat relaxed by allowing for wind-clumping, it seems that treréndeed a problem
in the analysis of this star, and that it might be cooler.

Our sample includes two O4 dwarfs, one from the LMC (LH 81:W28-5) aedother from the
SMC (AV 177). For these stars we derive similag and logg, see Table 6.5, though the SMC star

20All our cool objects are LMC stars.
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(because of loweZ and weaker winds) should be hotter (e.g., Bouret et al. 2003; Hedp2806H,
Mas04/05, Mokiem et al. 2006). Mas04/05, who came to the same gewacusion, found from
a pure H/He analysis the sanig; for AV177 (SMC), whilst they derived an even high@& for
LH 81:W28-5 (LMC). We note that the present spectrum of LH 81:W28d&s weak emission in
N 1vA4058 (Fig. C.26), so that the star might be alternatively classified as G8c¢e &so the derived
gravities are quite low for Ic V stars, the situation for both objects remains shatamclear, even
though the derived parameters are fully consistent with the observe@nd Niii lines.

We concentrate now on the impact of different parameters such aZ [Bij}dM, on the spectral-
type-Tess relation for the earliest O-types (02-03.5), for which the spectral ifleastion depends
majorly on the NVv/N 111 emission lines, whilst oullex diagnostics includes additional lines from
those ions as well as from Wwhen visible. To allow for an easy understanding of the following,
we summarize the results from our parameter study in Sect. 6.4: For a giissi@n line ratio (i.e.,
spectral type), the deriveti.; should increase with [N] and lag and decrease witA (at least for
higherTes, See Fig. 6.6) antil (more precisely, lo@).

Thus, the generdle;-difference between dwarfs, (bright) giants, and supergiants caasiéy
attributed to differences in lggand logQ, which increase and decrease for increasing luminosity
class, respectively. In this way, both effects add up, leadingg@c V) > Ter(Ic 1) > Teg(IC 1),
at least for comparable [N] andl Regarding this general trend, a classification in terms of nitrogen
(early O-types) and helium (late O-types) provides similar effects.

e For the two LMC 03.5 dwarfs (LH 81:W28-23 and LH 101:W3-24), we find #ameTeg,
though logg differs by 0.2 dex. The effect produced by the larger [N] of LH 818AZ3 (A[N]
~ 0.6 dex compared to LH 101:W3-24, implying a shift towards highg) is counteracted
by both its denser wind and a lower lIgg Anyway, it is not clear whether LH 81:W28-23
is correctly designated as a dwarf. Indications of a giant nature are itsudface gravity
(logg = 3.8), the wind-strength, and the trace of a P-Cygni profile at M4686 (Fig C.24).
If this would be the case, the inferr@di might be too high for this luminosity class when
compared to the ‘other’ O3.5 giant, LH 90:ST 2-22.

e The two O3 dwarfs, N11-060 from the LMC and AV 435 from the SMC,vgltlifferent Teg.
Astonishingly, the LMC star is hotter than the SMC one, by 3 kK, contrary tatwhight
be expected. Here, the [N] effect outweighs the corresponding sseciated taZ,?! whilst
differences in log) and wind-strength compensate each other. We will come back to this finding
and probable consequences in Sect. 6.7.5.

e The largesfle spread seen in our analysis occurs for the O2 stars, itlanging from 44
to 55 kK when accounting for all luminosity classes. Again, the more enriciiede two
dwarfs (BI253 vs. BI237) is the hotter one, since the [N] effect dotemaver the larger
wind-strength. For the two supergiants (Sk=@2 and LH 101:W3-19), we find a simildks
difference, consistent with our predictions for a combination of [N] argJo Interestingly,
the effect from a lower log (3.70 vs. 3.90), as seen for the O3 dwarfs, becomes inhibited by
the extreme mass-loss. In Fig. 6.7, we noted that the/N 111 emission line ratio begins to
loose its sensitivity on log at the ‘F’-series of our model-grid. The wind-densities of the two
supergiants are even higher (roughly corresponding to ‘G’), andignsituation the surface

21n cooler stars, the HéHell ionization balance used for classification is almost only affected by baskg abundance
(lessz, less EUV line-blocking), see Repolust et al. (2004).
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gravity does not play any role for determining the line ratio. Finally, the difiee between two
02 giants (N11-026 from the LMC and NGC 346-355 from the SMO) = 3 kK with respect

to the ‘average’ solution for NGC 346-355, is larger than expectede silother parameters
except forZ are quite similar, and the effect alone should amount to 1 kK (see Fig. 6.6). Note,
however, that the errors ifui for both objects are larger than typicat @ kK), related to the
problems we encountered for ON2 (lll) stars.

The ON2 (lll) stars. Let us point out already here that there seems to be a general, sevbre p
lem with the ON2 Il class, as indicated from our results for N11-031 a@CN846-355, and the
inspection of LH 64-16 (see Sect. 6.6.1). This problem must relate to soknewn physical process
allowing for the presence of strongiN, N1v and Nv lines in combination with weak, but still vis-
ible Hel. Having explored hundreds of models (both from our grid and additidingktuned ones),
varying the N abundances as well as other parameters, it turned ouhdsat lines could not be
synthesized in parallel. Moreover, we explored a variety of potentiatssialso from the MFGEN
side, manipulating the photosphere-wind transition zone, including wind-ahgnwath a variety of
clumping laws, and near-photospheric X-r&ystc., and found that none of these would solve the
problem. Insofar, we can be also sure that the problem is neither relatedstaviND nor to our
present nitrogen model atom.

Also the mass-discrepancy found for these objects underpins thelepratic nature. Using the
hotter solutions for N11-031 and NGC 346-355, we derived speapisenasses of 60 and 33-,
respectively. Evolutionary masses from non-rotating tracks by Chaddet al. (1993) and Schaerer
et al. (19933 yield 90-95M., for both stars. Note however that also for a cooler solution for NGC
346-355, affef = 49.5 kK, already Mas05 stated quite a mass discrepancy, in this caspéeafirgs
scopic) vs. 79Vl (evolutionary). For another LMC ON2 Ill star, LH 64-16, not analyziiring the
present work, Mas05 found an even larger discrepancy, 26 v#.76The authors suggested that
the latter star might be the result of binary evolution, since it shows highlyessed material at the
surface, and since this star appeared to be located to the left of the ZMESseems also to be the
case for N11-031 (at least for the hot solution), but not for NGG385. A similar problem was also
found for some of the close binaries in the R136 cluster (Massey et aR) X{pporting the idea that
these stars suffered from binary interactions. An alternative to binaritiitrbrg quasi-homogeneous
evolution, but the low sini values measured for our objects (on the order of 100 ¥ender this
possibility as unlikely.

6.7.3 Niv/N 11 emission line ratio

To further test the significance of the Walborn et al. (2002) classificattbeme, we investigated the
relation between the N//N 111 emission line ratio andls; for our 02-O4 sample stars in a quantitative
way, similar to previous work by Mas05, but using our updated parameesSect. 6.6.5). Unlike
Mas05 who used EW ratios, we employed the line-strength ratios to be comsistie the classifi-
cation scheme. Later on, we also consider an alternative line ratid,4603/NivA 6380 (hereafter
N V/N Iv), to check its potential for classification purposes, and to test whetheatlismight break
potential degeneracies inherent towN 111.

22\Which do not help because of the destruction ofiNind He, see Chapter 5
23For the hottest stars, the inclusion of rotation has only a modest effeatting in~10 % lower masses, e.g., Mas05, as
long as the initial rotation is not high enough to induce quasi-homogene&olgien.
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Figure 6.13: Effective temperatures as a function of log M 111, for O2-O4 sample stars. Spectral
types distinguished according to legend. Left panel: observed emissioratias, limits indicated
by arrows; right panel: emission line ratios predicted from the (globallg)-being models. Objects
numbered according to Table 6.6. Filling and symbols as in Fig. 6.12. DaghtdaV lines (at log
N1v/N 1 =-1, 0, 1) correspond to the limits used in Fig. 6.6. For object #9 (NGC3%5; Tesf and
theoretical line ratio according to our ‘average’ solution. Stars #4,#8#8 are SMC stars.

Table 6.6 lists the line ratios for our targets, as derived both from the \dig®rs and from the
synthetic models associated to our best-fitting solutions. Again, we disdsfide631 and R136-040
(see Sect. 6.7.2). Note that at the lower and upper end of the schemeattseosr the observed line
ratios can become significant, due to noise and/or absence\oi 4058 or NilitA4640. In those
cases, we provide corresponding lower or upper limits and their undéetimypical errors are on
the order of 0.1 to 0.2 dex.

Figure 6.13 displays the derived effective temperatures as a functite abserved (left panel)
and ‘model’ (right panel) Nv/N 111 line ratios, expressed logarithmically. Number designations for
each object refer to Table 6.6. Different colors are used for easttrgp type: O2 (black), O3 (red),
03.5 (blue), and 04 (purple). Symbols referring to luminosity classes Bind fieferring to [N] are
asin Fig. 6.12.

If we examine thedbservedemission line ratio, we find quite a monotonic behavior, confirming
its Tesr Sensitivity, and similar trends as in the previous section. On the one haadfsdand giants
behave rather similar (though the giants seem to be a little cooler), excapef@?2 types where the
spread is larger. On the other, the observed relation for supergianis pasallel to the relation for
dwarfs, but at considerably low@gs. As already pointed out, this is caused by the different gravities
and wind-strengths. E.g., from Table 6.5 we find@ugalues in the ranges-13.00, —12.53] for the
LMC dwarfs, around-13.2 for the SMC dwarfs|—12.76, —12.36] for the giants, partly overlapping
with the dwarfs, and—11.97,—11.60] for the supergiants.

The various spectral subtypes are located in quite different rangeteflmition, consistent with
the Walborn et al. 2002 scheme): All O2 stars are located at log/WNii1 > 0.4, and O3 dwarfs
and 03.5 giants around logIM/N 111 ~ 0 (N1v ~ N111). Finally, one of the O4 dwarfs is located at
log NIV/N 111 = —0.7, for the other one (#8) we are only able to provide an upper limit, log/N 111
< —0.3, whilst the O4 supergiant (#15) lies close to the O3.5 border.
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We see small [N] effecté on the line ratio, where a larger abundance tends to increase (but not
necessarily) the emission line ratio within a given spectral subtype, in partifar the following
pairs of stars: 03.5 dwarfs — LH 101:W3-24 (#6, upper limit) and LH 81:¥238#5); O3 dwarfs
— Av435 (#4, SMC) and N11-060 (#3); O2 dwarfs — BI237 (#2) arld® (#1); O2 supergiants —
LH 101:W3-19 (#14) and Sk—6722 (#13). This effect seems to be absent in the pair of O4 dwarfs —
AV177 (#8) and LH 81:W28-5 (#7), but note the quite large uncertaintyerttie observed line ratio
for the former object. Since, on the other hand, the emission line ratio sheatdake for enhanced
[N] when keeping all other parameters fixed, a consistent solution egjthiese objects to have a
higherTes. For the pair of O4 dwarfs — AV177 (#8, SMC) and LH 81:W28-5 (#7),va¢e that the
star with the higher abundance (#7) seems to have a lower emission lin€ratibthis is consistent
with thesimilar Tes Of these stars.

Indeed, there are not only [N] effects, but also mass-loss effectseoamission line ratio. For
all pairs considered above, the object with higher [N] has also a highet sirength, lo@) (cf.
Table 6.5), which potentially counteracts the [N] effect. Comparing therdifiges in [N] with the
differences in lo@), it turns out that the [N] effect should dominate in all cases though.

Taken together, our findings explain the almost monotonic increa3gzofith N 1v/N 111 also
within the individual spectral subtypes, and is consistent with the desgatler ofTe; per subtype.
Differences in background metallicity and wind-strength seem to play andacp role, compared
with the larger impact of [N].

If we now inspect the line ratiopredictedby our best-fitting models (right panel), we mostly
find quite similar values and trends. For the bulk of the stars there are onlyshifis due to minor
problems in properly fitting the lines (see Table 6.6 for particular commentsainstar). However,
more severe differences are present for BI237 (#1), BI253 é#2) NGC 346-355 (#9, SMC). For the
former O2 dwarfs, we predict too weakiM emission, thus overestimating the line ratio, but note that
theobservedemission is also rather weak for these stars. For NGC 346-355, the prabtéfferent
since we are not able to reproduce both lines using the ‘average’ so(sgenrFig.C.34) displayed
here.

We conclude that, for a given luminosity class, the effective temperatuees rather monotonic
function of log Niv/N 111, that the scatter within a spectral subtype is mostly due to abundance effects
and that our models are in fair agreement with the observed line-raticeptefer the hottest objects
where we underestimate the observed (low) mission strength.

6.7.4 Nv/NIV line ratio

Since both NvA6380 and N\VA4603 are absorption lines (i.e, less affected by complex formation
processes), since they turned out to be quite reliable during our asalyrmbsince NNA 4603 is very

Tetr Sensitive (Sect. 6.5), we checked the corresponding line ratio as dipbtksgnostic tool, which
might be even used for future classification purposes.

From Fig. 6.14, we see that the relatidg; vs. log NV/N 1V is remarkably monotonic. By
inspection of th@bservedine ratios (left panel), we find again two different trends, one for dswand
(bright) giants and another one for supergiants. The objects are bhagicaped together within three
regions: O2 stars with log (M/N 1V)qps > 0, O3/03.5 dwarfs and giants around logBN 1V)gps ~
—0.3...0, and the O4 stars with log (WN 1V)ops < —0.4. The only discrepant object seems to be the

24glightly contaminated by mass-loss effects, see below.
25But note also the quite large uncertainty for object #8.



Table 6.6: Observed and predicted line-strength ratios fiat/N 111 and Nv/N 1v, for the O2-04 stars analyzed within this work. Observed
ratios (or limits) inclusive errors. Numbers refer to Figs. 6.13 and 6.1#or&m brackets provide uncertainties of lower or upper limits.
Predicted line ratios (‘model’) drawn from best-fitting synthetic spectral-B31 and R136-040 discarded, see text.

Star # ST Tetf log(Rir) log(Rir) log(fv) log(qv) Comments

(kK) obs model obs model
BI253 1 0O2V((f) 54.8 0.67 +0.15 1.85 0.53+0.23 0.43 N11A4640 and Nv A4058 underpredictéd
BI237 2 02V((f) 532 0.59 +0.14 1.58 0.36 +0.14 0.21 NI1A4640 underpredictéd
N11-060 3 03V((f) 48.0 0.08 +£0.02 —-0.03 —0.07 +0.03  —0.30 NivA4058 and N/A4603 underpredictéd
AV 435 4 0O3V((f) 46.0 0.01 +0.18 —-0.03< —0.30 (¢-0.10) —0.46 NvA4603 diluted in noise
LH 81:W28-23 5 03.5V((f+)) 47.0 —0.16 +0.04 0.09 -0.01 +0.05 —0.18 NiiA4640 underpredicted
LH 101:W3-24 6 03.5V((f+)) 47.0< —0.20 (+0.12) —-0.12< —0.28 (+0.14) —0.38 NII1A4640 underpredicted
LH81:W28-5 7 04V((f+)) 440 -0.66 +0.10 —-0.55 -0.53 +0.13 —0.60 Satisfactory fits
AV 177 8 04V(f) 440<-0.26 +0.13) -0.34<—-0.36 (-0.09) —0.57 Only NiltA4640 and Nv A 6380 visible
NGC 346-355 9 ON2III(f) 53.0 0.91 +0.09 1.33 0.19+40.04 0.21 NI1A4640, NivA 4058, NvA 4603 underpreé.
N11-026 10 O2 lli(f) 49.0 0.54 +0.06 0.73 0.144+0.02  —0.08 N1 A4640, NivA4058, NvA4603 underpred®
R136-018 11 O31li(f)  47.0 > +0.22 (—-0.21) —0.18 > -0.20 (-0.13) —0.32 Ni1A4640 and NvA4058 underpredicted
LH 90:ST 2-22 12 O3.51li(f+) 44.0 —-0.18 +0.06 —-0.13 —-0.20 +0.04 —0.39 Satisfactory fits
Sk—67 22 13 O2 If/WN5 46.0 0.87 +0.14 1.04 0.35+0.03 0.31 N\vA4603 under, Nv A4058 overpredicted
LH 101:W3-19 14 O2 If 44.0 0.40 +0.07 0.41 0.05+0.14 0.00 N\vA4603 overpredicted
Sk—-65 47 15 04 If 405 -0.19 +0.12 0.23< —0.38 (+0.08) —0.52 NivA4058 overpredicted

3For fits, see Chapter 5 and Appendix C’Cpmpromise solution, see ChaptefByverage’ solution.
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Figure 6.14: As Fig. 6.13, but for the WA 4603/Niv A 6380 line ratio.

SMC O3-dwarf AV 435 (#4), which appears at the edge of the O4-neditowever, this ‘erroneous’
position could be tracked down to a considerable error in the measuredtioglrecause of very
weak Nv lines diluted in the continuum (Fig. C.32).

Compared to the N//N 111 emission line ratio, there seems to be a clearer separation between
the different subtypes, e.g., Sk=657 (#15) is located closer to the remaining O4 objects, whilst
regarding NV/N 111 it is closer to the O3 V/O3.5 Ill group. Moreover, there is a clear separatio
between the two O2 dwarfs (#1,2) and the ON2 giant (#9, SMC) becdussasier NivA6380.

Comparing now with theredictedline ratios (right panel), we see that predicted and observed
ones agree quite wetiver the complete rangé&itill, there are certain shifts because of a non-perfect
representation by our synthetic lines (Table 6.6), but interestingly we donger find the extreme
differences for B1237, BI253, and NGC 346-355 as present in theN111 diagram, which indicates
that we are able to obtain a satisfactory representation of tivdNNv ionization balance. So far,
we cannot comment on any [N] related bias, since we did not performesymonding theoretical
studies. In case the WN Iv line ratio might be used in future classification schemes, this will become
certainly necessary.

The monotonic behavior of the WN 1v line ratio illuminates its promising potential, particularly
for the hottest objects (02), simply because there is morahn Niil present at these temperatures.
We suggest to investigate this possibility when larger samples become available.

6.7.5 Caveats for low-metallicity stars

Summarizing our findings, we conclude that already the present Walbain(8002) classification
scheme allows for a reasonable relation between spectral type antivefteenperatureas long as
it possible to discriminate the luminosity clas¥he only significant bias in the scheme might be
produced by nitrogen abundance effectsgxiremevariations in wind strength). E.g., if the nitrogen
abundance is not the same in an O3 lll and an O3.5 Il star, then the @&ltlis not necessarily
hotter than the O3.5 lII.

However, there are also important caveats regarding low-metallicity (e.gC) Skars. As it is
well-known, effective temperatures increase with decreagifuy a given spectral type if the classifi-
cation is based on the helium ionization balance, i.e., theht®1 line-strength ratio (04-09.7 stars,
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e.g., Bouret et al. 2003, Mas04/05, Heap et al. 2006, Mokiem et a6, ZWD7b). According to our
predictions, this no longer needs to be true for the earliest O-stars dddsjfmeans of nitrogen.

(i) 02/03 stars.Though for similar [N] a lower metallicity implies a high&gs (at least for spec-
tral types O3(dwarfs)/O3.5(giants and supergiants) and earlierjge® ), this effect might be
counteracted by a different nitrogen content if we assume typical (maxiraonghments, of
roughly +0.6, +0.9, and +1.0 dex above the corresponding MW, LM@ SIMC baseline abun-
dance, as predicted by Brott et al. (2011a) for awOstar at an initial rotation of 270 knTs.
As visible from Fig. 6.8, for an O3 dwarf with lag= 4.0 dex, our predictions indicalg ~ 47-
48 kK for the Galaxy andef ~ 46 kK for the LMC/SMC?® Such cooler or at least simildg
for stars in a lowelZ environment should be present only for typical nitrogen abundances;
objects with a considerably different enrichment will contribute to enlartiegspread.

(i) 03.5/04 stars.In view of the results from Sect. 6.4.2, there might be an additional problem
around 03.5/04. From Fig. 6.6, SMC stars shouldcbelerthan corresponding LMC ones,
even at a similar [N], for a line ratio aroundIN/N 111 = 0.1 (which represents a lower limit
for 03.5 V and O4 I/1ll). Since the SpTes relation is rather monotonic for LMC stars ait
spectral types, derived either by helium or nitrogen (see Fig. 6.12pamesponding relation
for SMC stars might be not monotonically connected between these two regiraa:though
there seems to be a monotonic relation betwe@n/N I11 andTes on the hot side, the potential
‘jump’ would be caused by the fact that the SMC Spag-relation on the cooler side (based on
Hel/He) lies above the LMC relation.

To confirm or disprove these predictions and caveats, a thoroughsenafya large sample of SMC
stars is certainly required, given the few SMC objects investigated so far.

6.7.6 SMC Of-stars

The luminosity criteria for O-type stars are based primarily on their ‘Of abfaristics; i.e., the
strength of the NIl triplet and the HeiA 4686 emissior! As already emphasized by Mas04/05/09,
this can lead to significant problems with luminosity classification of O-stargfoulow metallicity
environments, such as the SMC.

The problem is that the emission strengths of the Of features are tied to rsassles (both
for Hen and Niir), which in turn scale with metallicity, and to (average) nitrogen abundarices (
N 111).28 One thus expects a star in the SMC to show weaker Of-characteristicefsarie physical
properties than would a similar star in the Milky Way. As demonstrated in Sect, @3particular
the NIl emission strength of the SMC star should be lower, unless the nitrogenaineasdof the
two objects were similar, which would mean the rare case @xaremeenrichment of the SMC star.

Throughout their studies of Magellanic Cloud O-type stars, and partigutaose in the SMC,
Mas04/05/09 found numerous examples where the Of-type propertiegingze weaker than would
be expected given the absolute magnitude of those?taie can demonstrate the weakness of Of-

263ee also Fig. 6.12, where the SMC O3 dwarf AV 435 indeed is cooler tleacpiiesponding LMC objects.

27These emission features were linked with luminosity for Galactic stars fiaeexample, Walborn 1972), a refinement
over the luminosity criteria proposed by Conti & Alschuler (1971) basedarily on the SivA 4089 to HaA 4143 ratio.

28Counteracting the increase ofilN emission because of less blocking in a IA&venvironment.

29The alternative explanation that all such discrepant stars were tod brighg to their being binaries was contradicted
by the excellent fits obtained to the spectral features; this would requinecbmponents of a binary to be of identical
spectral subtype and brightness.
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features statistically as follows. If we restrict ourselves to the SMC O-tigre with spectral subtypes
determined from slit spectroscopy (Table 6 of Massey 2002) we findafd,only 5 (7%) have ‘f’
type designations. Similarly, of the 83 O-type stars listed by Evans & Howaédg), only 7 (8%)
have any ‘f’ designation, and all of these are either ‘(f)’ or ‘((f))dicating that HeiA 4686 is weakly
in emission or in absorption. In contrast, Of-characteristics abound a@éwppge stars in the Milky
Way. Of the 378 Galactic O-type stars catalogued byzvipellaniz et al. (2004), 160 (42%) display
Of-characteristics. Since Of-type stars are brighter than non-Of(stidiesast in the Milky Way), this
may overestimate the true percentage. If we instead restrict ourselvés flastsample of 24 O-type
stars with well-established distances byEARCOS(Maiz-Apellaniz et al. 2004 Table 7) we find that
7 (29%) have Of-characteristics.

Thus we conclude that there are strong indications for a significantly jogreentage of SMC Of-
stars, compared to Galactic ones, which we attribute to the effects outlinedtir6S1. Remember,
however, that a lower wind-strength alone is not sufficient to explain thdinfy (Fig. 6.2, upper
panel), but that a lower average nitrogen content needs to be pessestl.

6.8 Summary and conclusions

We investigated open questions raised by our previous studies on theitormo&NI111A4640 and
N1vA4058. We provided first theoretical predictions for thevWN 111 emission line ratio, and con-
fronted these predictions with observational findings, concentratingsamale of early-type O-stars.
The results of this work can be summarized as follows.

1. The emission strength of theil triplet from objects with similaffe and logy depends on
their metallicity, associated mass-loss, and nitrogen content. Whilst evenSidzconditions
lower mass-loss rates alone are not able to compensate the increase inreforssexreasing
Z, a lower [N], coupled to a significantly lower base-line abundance, aaityeoutweigh the
Z effect and lead to overall lower emission strengths. This might explain tagvedy low
number of SMC 'Of’ stars.

2. Our models predict an only weakdependence of N/A4058 (contrasted to the IN triplet).
SMC-abundance models withs < 45 kK display slightly more emission than their Galactic
counterparts, and vice versa for hotter temperatures. Much stronges ismpact of wind-
strength though.

3. It turned out that Nv A 4058 behaves quite unexpectedly when [N] is increased irMomed-
els. For almost the whole temperature range, we either obtain more absanmdtss emission,
compared to models with a lower nitrogen content. For a specific temperatges Niw A 4058
can even switch from emission to absorption when increasing [N]. ForcGaktars at 44 kK
< Tet < 50 kK and comparatively low1, our models imply that if Nv A 4058 is observed in
absorption, this would indicate a strong nitrogen enrichment.

4. We provided first theoretical predictions on theVN 111 emission line ratio, as a function of
Z, logQ, and [N], by studying line-ratio iso-contours in tigs-logg plane. For an emission
line ratio of unity (i.e., a spectral type of O3.5 I/lll or O3 V), the corresgiog Tes increases
with [N] (~1 kK per increment of 0.2 dex in [N]) and lgg(~1 kK per increment of 0.1 dex
in logg). In addition, it should decrease wily at least for highefle (~2-3 kK difference
between SMC and MW objects), and 19d~2-4.5 kK between low- and hight models).
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5. We performed a comparison with results from the alternative model atmaspbdecMFGEN,
for a small grid of early O-type dwarfs and supergiants. Our basidgireds regarding the im-
pact of [N] on (i) NivA 4058 for lowM models (see item 3), and (i) on thetd/N 111 emission
line ratio (see item 4) were confirmed by correspondiMFGEN results.

Regarding specific line predictions, we found a mostly satisfactory agreaeexeept for some
systematic deviations: For early O-sta#sSTWIND produces more emission at theiNtriplet,

less emission at N/ A 4058, and mostly much more absorption at/X 6380. This would lead

to lowerTes and quite different [N] in analyses performed by meansmefGEN, if concentrat-

ing on the NI triplet and NivA 4058 alone. Fortunately, the remarkably good agreement of the
H/He lines in both codes enables an identification of potential problems regah# nitrogen
lines, as long as the helium ionization balance is used to con3izaiim the hot O-star domain,
the latter approach is no longer feasible because of vanishingNtvertheless, potential prob-
lems should become obvious also here when relying on thi@ N4603-4619 doublet, which
turned out to be very sensitive digs as well as code-independent.

6. We confronted our theoretical predictions with results from an analfaimmedium-size sample
of LMC/SMC O-stars, drawn from studies by Massey et al. (early ty@es) from Chapter 5.
The basic difference to the Massey et al. analyses is found in the prectd derivingTes,
where we used the nitrogen ionization balance in the hdtieregime instead of the helium
one, to avoid any degeneracy. For the cooler objects of our safte @4 kK) we mainly
relied, when possible, on helium, using nitrogen as a consistency checkhdse stars we
found similar or slightly cooleffe compared to Massey et al.. Considerably hofig, on
the other hand, were inferred for the earliest O-stars, by means ofittbgen diagnostics.
Nevertheless, in most cases the corresponding synthetigdHta lines were still consistent
with the observations, or indicated only slightly lower temperatures. Notabkpérns are the
ON2 Il stars (see below). The nitrogen abundances derived withiawalysis are consistent
with our results from Chapter 5: again, the bulk of the stars displays édayable enrichment.

7. By inspecting the inferred effective temperatures, we sawThaincreases with luminosity
class for all spectral types, consistent with earlier results. For speges later than 03.5
(down to 09.5), LMC giants are cooler byl kK, and supergiants are cooler by kK, com-
pared to dwarfs. For types earlier than O3.5, this difference (and adsectitter) becomes
larger, amounting te-10 kK at O2 when comparing supergiants and dwarfs. For LMC dwarfs
and giants later than O3.5, and for all LMC supergiants, we found linedioretebetwee ¢
and spectral type, again consistent with previous work. The earliestfshand giants, on the
other hand, display a much steeper increasi&#n The dominating effect responsible for the
scatter in the SpT relation at earliest types was attributed to difference in [N], where for a
given spectral type more enriched objects are typically hotter.

8. The relation between the observedN 111 emission line ratio andef turned out to be quite
monotonic, if discriminating for luminosity class. Because of the RAighderived for the earli-
est stars by means of the nitrogen ionization balance, we did not find theyproed degeneracy
of the NIv/N 111 emission line ratio as claimed by Mas05. The scatter found within a spectral
subtype is, again, primarily produced by abundance effects. Our moeldicpions are in fair
agreement with the observed line-ratios, except for the hottest objeete wie underestimate
the observed (low) NI emission-strength.
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9. We provided first insights into the relation betwélep and the N\vA A4603-4619/Nv A 6380
absorption line ratio, which is remarkably monotonic, particularly for the hiodtgects in our
sample, and we highlighted the promising potential of this line ratio for futuresitileestion
schemes.

Both our theoretical predictions and our observational analysis suthigéshe Walborn et al. (2002)
classification scheme is able to provide a meaningful relation between d$pgptaand effective
temperature. In particular, and as one might have expected, ithé\NiI emission line ratio changes
with effective temperature, all other factors being equal. However,dlisis also sensitive to surface
gravity, mass-loss rate, and to nitrogen abundance, which are expectady among a sample of
stars. Thus, the significance of the classification scheme (within the uintedaaused by nitrogen
abundance) might be only warranted as long as it is possible to fairly disatiertime luminosity class
(as a proxy to gravity), and as long as there is a strong correlation bespeetral type/luminosity
class and wind-strength. If, e.g., there would be weak-winded stanc@\izo et al. 2009; Najarro
et al. 2011 and references therein) also in the early O-type regime &ndlgat later spectral types,
the monotonicity with respect G might become severely disturbed.

A clear identification of early O-type luminosity classes from spectral mdogiyoalone be-
comes difficult in lowZ environments such as the SMC. We emphasize the same point as made by
Mas04/05/09, that the standard luminosity classification criterion, primarikycbais the morphology
of HellA4686, is significantly biased on mass-loss rates. Owing to lower wind-stiefg SMC
conditions, HalA4686 is typically in absorption not only for Ic V, but also for lower gravity- ob
jects which under Galactic conditions would correspond to Ic I/lll. Thuesglare O-type stars in the
SMC whose physical properties (visual luminosities and surface grgwvitigght be in accord with
them being giants or supergiants whereas their spectroscopically detérdonmaosity classes may
be dwarfs or giants, respectively. To circumvent this caveat, othemiafion, such as the absolute
visual magnitude of the system, may have to be appealed to. Without such malditformation, an
appropriate classification may rest on a more precise determination of theesgravity, e.g., using
a visual inspection of the wings of H Another possibility is to extend the classification scheme by
including the strength of K (which needs to be carefully calibrated, since also this wind-line remains
in absorption).

Our study also implies important consequences which need to be validategstigated in future
work:

(i) The SpTTes scale constrained from our LMC sample turned out to be, for a given lwnino
ity class, more or less monotonic. However, the majority of the analyzed ohjispiayed a
considerable nitrogen enrichment. To quantify the actual impact of nitragendance would
require the analysis of a significant number of un- or mildly enriched eaNi§g/LMC ob-
jects’® that according to our predictions should be cooler than the enriched ones

(iiy Typical SMC stars of earliest spectral types might have effective ezatpres below corre-
sponding LMC obijects, and the overall Spd relation for SMC stars might be non-monotonic
around 03.5/04.

30For SMC objects, the nitrogen baseline abundance is too low to allow for ealealassification and spectroscopic
analysis by nitrogen lines, at least in the optical. This was already a prdbtamenriched LMC stars, e.g., R136-040,
and the similar objects R136-033 and R136-055.
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(iii) Our predictions suggest that there should be (enriched) Galacticvi4fsl with emission at
N 111 A 4640 and absorption atINA 4058 (item 3 from above). So far, the Walborn et al. (2002)
classification scheme only states thatvi 4058 should be absent for such objects. A quick
inspection of the IACOB database of Galactic OB stars (BifDiaz et al., 2011) allowed us to
find a first indication of this effect, for HD 46223 (O4 V((f))), and weng able to reproduce
its strong emission at NI A4640 together with a pronounced absorption av N4058, for a
considerable nitrogen enrichment.

(iv) As became apparent throughout this work (first indications wkeady found in Chapter 5),
we encountered severe problems for ON2 Il stars. For these objexisere not able to find
a simultaneous fit of the pronouncedINN 1vV/N v lines and the weak, but still clearly present
HelA 4471, independent whether we usedsTWIND or CMFGEN. Though we were able to
derive a cooler (fitting NIl/N 1v and Hel) and a hotter solution (fitting N//N v), we were
not able to favor one of those. In some cases,Ttedifference between the hotter and the
cooler solution is extreme, e.g., for N11-031 analyzed in Chapter 5. Bedad#lthe restricted
quality of our present dataset, new observations with higher S/N andrhigé@lution would
be extremely valuable to verify our results using the nitrogen ionization bakmd/or the pure
Hell/Hel results from Massey et al. when Hénd Niit) become extremely weak.

Future work is certainly needed to address the aforementioned issusmnigig analyses of extensive
O-star samples, e.g., from the VLT-FLAMES Tarantula survey and theOBGata base, will be
fundamental for trying to explain these open questions.



Chapter 7

Summary and outlook

7.1 Summary

The main long-term goal of the project started with this thesis is aimed at improuvingnowledge
about O-stars, and, in particular, about their earliest spectral tyijés topic has received particular
interest during the past years from research focused on derivimmgrieal upper limits for stellar
masses. This has become clear from the variety of press releases tel#tedinvestigations by
Crowther et al. (2010), who claimed an ‘universal’ upper mass cuwfoffind 30(M,,, exceeding the
widely accepted 15, limit (e.g.,, Oey & Clarke 2005; Figer 2005).

In this respect, nitrogen is a key element. First, this element is the best tatesting the imple-
mentation and effects of rotational mixing in massive stellar models, allowing wstteef constrain
the stellar evolution of massive stars. Next, nitrogen presents a promisiegtipbfor deriving ef-
fective temperatures in the veearly O-star regime. Finally, emission lines of high-ionization stages
of nitrogen have been used for spectroscopically discriminating the ¢@lstars. To provide more
insight into this matter, we started a project with the objective to engimatitative nitrogen spec-
troscopyin O-type stars.

After developing an accurate nitrogen model atom, well-suited to perfornxtensve analysis
regarding the formation mechanism of emission in strategic nitrogen lines sixthi & A 4634-4640-
4642 and Nv A 4058, we were able to better constrain observed stellar properties inrthé&estar
regime, in particular the effective temperatures. In addition, we were abierase the so far scarce
number of nitrogen abundance determinations for O-stars. Finally, wirroed the potential of
nitrogen spectroscopy as a tool for constraining massive star evolutipaysticular with respect to
rotational mixing.

In the following, we summarize our most important results and conclusiorievachwithin this
study.

Implementation of a nitrogen model atom intoOFASTWIND

We developed a new nitrogen model atom (partly based on older wonkjprigsing the ionization
stages NI to N V. In order to synthesize the corresponding spectra, we implemented thi$ ataie
into the atmospheric codeasTwIND. Moreover, we incorporated the dielectronic recombination
mechanism intacFASTWIND, which was previously unable to deal with this process. Two different
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ways to treat dielectronic recombination were successfully tested, shawiaig agreement when
consistent atomic data were used.

Line formation mechanism of strategic nitrogen emission lines

An investigation regarding the line-formation process of strategic nitroga@ss@n lines such as
N 111AA4634-4640-4642 and N A 4058 was performed during this study.

o NIl AA4634-4640-4642

We suggested a (basic) mechanism for the formation of thedinission lines in O-star spec-
tra when a more realistic physical scenario is considered than presest sertinal work by
Mihalas & Hummer (1973), i.e., a complete treatment of line blocking/blanketingrendon-
sideration of the presence of a wind. Unlike the results from Mihalas & Humirterned out
that, under Galactic conditions, dielectronic recombination plays only a dagpnole, both
for O-stars with ‘compact’ and with ‘extended’ atmospheres. The kegasp now played by
the stellar wind (Swings mechanism), as long as the wind-strength is larggletmenable
a significantly accelerating velocity field already in the photospheric formaéigion of the
resonance line connected to the upper level of the involved transition. IActha strength of
the emission might be also affected by an additional @esonance line overlapping with the
N 111 resonance line.

Our study implied that the efficiency of the 'two electron’ drain - which depates the lower
level of the Nill triplet transition(s) - is strongly dependent on the EUV line-blocking, i.e., on
Z. Consequently, the emission might become enhanced in metal-poor envitsnchento less
EUV line-blocking. On the other hand, for log-environments also the wind-strengths and
the base-line nitrogen abundance become lower, counteractirfyefiect. It turned out that
under SMC conditions lower mass-loss rates alone are not able to cortgpdresacrease in
emission for decreasing. Instead, a lower nitrogen abundance can outweigtZtbffect and
lead to overall lower emission strengths. We suggested this effect asplamation for the
relatively low number of SMC "Of’ stars.

e NI1VvA4058

A rather similar mechanism has been suggested for the formation of emissibiv A%058.
The dominating process is the strong depopulation of the lower level by tleeel@ectron’
transitions, taking (mostly) place in photospheric regions. This drain iseseas a function of

M because of increasing ionizing fluxes, via the coupled ground stateraBted to the N
triplet emission, resonance lines do not usually play a role for typical Oastas-loss rates
and below. However, at high@gs andM, the resonance line connected with the lower level of
N 1vA 4058 leaves detailed balance and the level becomes pumped instead afdppglated.
This effect is stronger at low, owing to higher EUV-fluxes. Thus, less emission is produced
compared to Galactic conditions.

Comparison against the alternative atmospheric codeMFGEN

In order to check our new nitrogen model atom and the predictive powasTwIND, we performed
first comparisons with results from the atmospheric coseGEN, for a small grid of O-type dwarfs
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and supergiants. For this objective we used a set of important nitrogeridities blue part of the
visual spectrum. The overall agreement between both codes is mostlgcatigf

Within the range of 30,000 K Teg < 35,000 K, however, some major discrepancies have been
found regarding the behavior of INA A 4634-4640-4642 in both codesMFGEN triggers the emis-
sion at Nill AA4634-4640-4642 at cooler temperatures than (present) predictmmsFSTWIND.
This effect could be traced down to the overlap of thel Mesonance line with a resonance line from
O1n. Thus, not only the NiI resonance line itself is responsible for the triplet emission, but also an
overlapping Qil resonance line, at least at later O-types. We have shown that the infiplaetaxy-
gen abundance on the strength of the emissioniatiM 4634-4640-4642 remains rather unimportant.
Fortunately, the contamination of the other optical nitrogen lines by this goeswins weak, so that
these lines can be used already now, and the nitrogen abundance datiemidy FASTWIND is not
hindered.

In addition to this discrepanc¥ASTWIND produces more emission at theliNtriplet and less
emission at NvA4058 thancMFGEN in early O-star models. Therefor& MFGEN analyses using
these strategic nitrogen lines alone would lead to lowgrand quite different nitrogen abundances.
Fortunately, the remarkably good agreement of the H/He lines in both cadbtes an identification
of potential problems regarding the nitrogen lines, as long as the heliumftionizalance is used to
constrainTes. In the hot O-star domain, the latter approach is no longer feasible lBeoauanishing
Hel. Nevertheless, the MAA4603-4619 doublet, which turned out to be very sensitivelgnas
well as code-independent, might be helpful to spot potential problems withtbe Niil triplet and
N1vA4058.

Surface nitrogen abundances for O-stars in the Large Magellanic Clod

We determined the nitrogen abundances of a sample of 25 LMC O- and eatbr®8 which had
been previously analyzed by Mokiem et al. (2007b) by means of H/He&trgpeopy alone. In addi-
tion, we performed a first comparison with corresponding predictioms &tellar evolution including
rotational mixing.

o Nitrogen spectroscopy of a sample of LMC stars

We re-determined the stellar and wind parameters of the sample stars, exlutidg and the

N ionization balance in parallel, to avoid any possible degeneracy. Besidedso derived the
projected rotational velocities sini, in a first, separate step. In addition to systematically lower
vsini, we also infered mostly loweTes, but the differences to Mokiem et al. were generally
small except for few objects, provided that the fits tolHe 11 were still consistent. Overall,
we found no problems in fitting the nitrogen lines, reproducing the 'f’ fezgquite well. Only

for some of the hotter objects, where lines from all three stagas, Ni1v and Nv, are visible,

we needed to aim at a compromise solution. Only for one star, we foundleoaisle problems

to reproduce the nitrogen lines. We provide further comments on this and@M2 |11 stars

in Sect. 7.2.

The majority of the O-stars analyzed were found to be strongly enrictiegl oBjects indicated
an extreme enrichment, up to [N] = 8.5, whilst only three objects showed alm@strichment.

Moreover, we found a fairly good correlation between the derivedgginand helium surface
abundances.
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e Comparison with results from stellar population synthesis

We compared the derived nitrogen abundances as a functwsiof with results from stellar
population synthesis. We found a significant number of highly enrichedylsini objects,
which should not exist according to population synthesis. The detectistrarig nitrogen
enrichment in the bulk of O-stars might indicate that efficient mixing takes pliaeady during
the very early phases of stellar evolution of LMC O-stars.

The earliest O-stars

We provided first theoretical predictions on theMN i1 emission line ratio, which has been used
during the past years in a variety of studies to spectroscopically clasxify ©-type stars. We
confronted our theoretical predictions with results from an analysis ek of LMC/SMC O-
stars.

e Theoretical predictions on the Niv/N 111 emission line ratio

We presented first theoretical predictions on the/KN 111 emission line ratio, as a function
of different parameters, such as metallicity, wind-strength, and nitrogendance. Though
it turned out that there is indeed a monotonic relationship between h&\NII emission line
ratio and the effective temperature, all other parameters being equptedictions indicate ad-
ditional dependencies on other stellar parameters, most notably, the nitlogedance. There-
fore, our results suggest that the Walborn et al. (2002) classificatioense might be mainly
biased by nitrogen content, provided that there is an almost unique relaimedn spectral
type/luminosity class and wind-density. In addition, we found that for angivee ratio (i.e.,
spectral type), more enriched objects should typically have hdtterThese basic predictions
were confirmed by results from the atmospheric cosieGEN.

e Analysis of a sample of LMC/SMC early-type O-stars

We confronted our theoretical predictions with results from the analysiswddium-size sam-

ple of LMC/SMC O-stars, drawn from studies by Massey et al. (2008520009), and from

our previous analyses of a LMC sample. The basic difference to the akilyiassey et al.
analyses is rooted in our procedure for deriviiig, where we used the nitrogen ionization
balance in the hottefe; regime instead of the helium one, to avoid any degeneracy. In com-
parison to the results by Massey et al., the additional nitrogen diagnostiesdligs to infer
considerably hotteTe for the earliest O-stars. Nevertheless, in most cases the corresgondin
synthetic Hel/Hel lines were still consistent with the observations, or indicated only slightly
lower temperatures.

The nitrogen abundances derived within our analysis were consisitBnduy previous results,
displaying a considerable enrichment for the bulk of the analyzed stamsgsr than expected
from tailored evolutionary calculations.

Consistent with earlier results from H/He analyses, the derived eftetinperatures increase
from supergiants to dwarfs for all spectral types in the LMC. The reldt&ween th@bserved
N 1v/N 111 emission line ratio and the effective temperature, for a given luminosity ¢lassd
out to be quite monotonic for our stellar sample, and to be fairly consistent witimodel pre-
dictions. We found that the scatter within a spectral sub-type is mainly peadugabundance
effects.
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In addition, we provided first insights into the relation betwéem and the NvAA4603-
4619/Niv A6380 absorption line ratio, which turned out to be remarkably monotoniticpar
ularly for the hottest objects in our sample, and we highlighted the promisingttef this
line ratio for future classification schemes.

Following both our theoretical predictions and our observational analysisuggest that the Walborn
et al. (2002) classification scheme is indeed able to provide a meaninitibnebetween spectral
type and effective temperature. In particular, we have shown that thé\NiI emission line ratio
increases monotonically with effective temperature, all other parameterg égual. However, it
turned out that this ratio is also rather sensitive to other important stellamptges, such as the
surface gravity, mass-loss rate, aggpeciallyto nitrogen abundance. Thus, the significance of the
classification scheme might be only warranted as long as the classified stact ghow extreme
variations in [N] and it is possible to discriminate their luminosity class (as a fangravity and an
indicator of mass-loss). In terms of spectral morphology, this might be wliffic achieve in lowZ
environments such as the SMC.

7.2 Outlook

According to the results achieved within this thesis, nitrogen has shown itsigingy potential for
performing quantitative spectroscopy of O-type stars. Indeed, Heeteal. (2012) have used the
present version ofASTWIND together with the newly developed nitrogen model atom to analyze an
O-star located in the lovi-galaxy IC 1613. This analysis has (among other results) provided the firs
nitrogen abundance measurement for an O-star beyond the Milky Wathamdiagellanic Clouds.

The results accomplished during this thesis will probably turn out as a majortoméesegarding
the nitrogen spectroscopy in O-stars. However, future work is certagdyled to address different
open issues, both on the theoretical and the observational side.

For instance, we have shown that the observed emission atithériglet lines is of photospheric
origin and depends on the actual wind-strength, mostly via the f¢sonance line. However, the
strength of the emission is also strongly controlled by an @sonance line, at least in the range of
30,000 K< Tegr < 35,000 K. To cope with this additional effect, and if we aim at deriving nirog
abundances at cooler temperatures from the triplet lines alone, whiah arftethe only nitrogen
features in O-star spectra, we need to incorporate this processAgtwIND. So far,FASTWIND
does not incorporate a complete oxygen model afoamd future work into this direction is certainly
needed.

Another interesting topic where our results on theiNriplet line formation could be of major
impact regards the so-called ‘weak-winded’ stars. These objectsrather weak winds for their
luminosity, being a factor of up to 100 times thinner than predicted/observéugfavinds of ‘normal’
O-stars. Thus, it might be suspected that weak-winded stars shoulaydispch less triplet emission
than stars with ‘normal’ winds of similar type The comparison of a significant sample of 'normal’
and weak-winded O-stars will shed more light on the nature of these pechjects.

In addition to nitrogen, there are many other elements that display optical linsiemis the hot
star regime, most notably, carbon, oxygen, and silicon. We suspedithigdr formation processes

1 Corresponding ions suited for the spectroscopic studies of B-star€i.and Oll, are already available.
2 Provided that there are weak-winded stars also at intermediate O-8mpéar, most weak-winded stars have been found
only at later O-types where N AA4634-4640-4642 is already in absorption.
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might be invoked because of similar electronic configurations/transitionsarticular, modeling the
emission at QI AA4647-4650-4652 could be of major interest. Walborn et al. (2010) intred a

new category of O-stars, the "Ofc” stars. This category consists st@- with ‘normal’ spectra but
with C111AA4647-4650-4652 emission lines of comparable strength as thetfiplet lines. The

appearance of the former features is strongly peaked at spectraDgypat all luminosity classes.
Since optical lines from high ionization stages of carbon are scarcepeettoal investigation and
modeling of these emission features needs to be performed if in future stueliesn at deriving

carbon abundances.

Let us now comment on the most important caveats found during our analykissample stars.
As became apparentin Chapters 5 and 6, we encountered sevdese@dr ON2 Il stars. This prob-
lem must relate to some unknown physical process allowing for the preséstrong N11/N 1v/N v
lines and weak, but still clearly visible HeFor these objects, we were not able to find a simultaneous
fit to all of these features, independent from the atmospheric code [Riffdrent processes were
inspected (wind-clumping, near-photospheric X-rays, etc.), but nounkl solve the problem. More-
over, the extreme mass-discrepancies found for these peculiar ohjeletipinned their problematic
nature. Binary interactions have been invoked to explain these extremadivasespancies (Massey
et al. 2002), as well as quasi-homogenous evolution. We consideréattdrepossibility as unlikely,
owing to the lowv sini values measured for our analyzed objects. Further work on the nditinese
objects is certainly needed.

Another important consequence drawn from this work is related to thetabet® strong nitrogen
enrichment in the bulk of the analyzed LMC O-star. From an inspection cddtalled 'Hunter-plot’
(IN] vs. vsini), we found that two thirds of the objects display slow rotation and high emecit, a
fraction which is much too large in terms of (single-star!) population synthéssmilar group of
objects (though with a lower fraction) had been also found in the B-starleaanplyzed within the
FLAMES-I survey. Since the discrepancies in the O-star group arel{mmore severe, this might be
an indication that efficient mixing takes place already during very earlggshaf the O-star evolution.
Nevertheless, since the number of investigated objects is still low, resuttsardetailed statistical
analysis involving much larger samples are needed to draw firm conclusipaeming results from
the VLT-FLAMES Tarantula survey will help to unveil these problems.

Additional processes, such as binarity and/or magnetic fields, ratherdtaional mixing, have
been invoked for explaining these unpredicted nitrogen enrichmentE€{sgger 1). Recently, Mar-
tins et al. (2011a) have provided preliminary observational constragesding the role of magnetic
fields. These authors have investigated the surface nitrogen contbatsit magnetic O-stars known
to date, comparing these abundances to predictions of evolutionary modetkeirto isolate the ef-
fects of magnetic field on the transport of elements in the stellar interior. Tuggfthat the presence
of a magnetic field in O-stars appears to separate the stars analyzed irotyps:geither normally
rotating non-enriched stars (one object) or slowly rotating enriched @teeobjects). The star be-
longing to the former group, which is also the object with the weakest magreltcofi the sample,
displayed a surface nitrogen content lower than the predictions of evaduyionodels, implying that
the presence of a magnetic field probably extinguished the transporewiichl elements. They sug-
gested that solid body rotation might explain the properties of the non-edristar, but its rather
normalv sini, might exclude this assumption. On the other hand, regarding the N engtdrsdthey
displayed a nitrogen content that corresponded to that observed imagnetic O-stars with initial
vsini of 300 kms, while the initial rotational velocity of these stars were more likely of a few
tenths of kms? at most. The authors suggested that this extra-enrichment is most likelyabeidiny



158 CHAPTER 7. SUMMARY AND OUTLOOK

dipolar, fossil fields, which might tend to lead to extra mixing in the interior oft@ssin their early
evolution. Unfortunately, so far, evolutionary calculations including ifdedds are not available.
Future work is certainly needed in order to test the latter hypothesis.

Of course, observations may be also over-interpreted, in particular thieefull set of informa-
tion is not accounted for. In our case, our conclusions regardingrstetiéution rely on one indicator
alone, namely the nitrogen abundance. To confirm these conclusioreicufar regarding the ef-
ficiency of very early mixing in O-stars, the determination of both carbonaygen abundances
will be of major importance. Evolutionary models for massive stars predigt tight relations for
the changes in the surface N/C and N/O abundance ratios and for thaipwldhelium, as a conse-
guence of mixing with CNO-cycle processed material (see Chapter 1)ngtance, Przybilla et al.
(2010) have recently undertaken a large effort to investigate thesicia® relations in the B-star
regime. They compiled CNO abundances for Galactic stars from their piestodies, for B-types
up to 25M.. The behaviour of these abundances displayed a clear trend in thdé sdrople, con-
firming the predicted N/C and N/O abundance rafidsloreover, the authors showed that the tight
observational constraints that are required for a thorough test hitenwary models are within reach.
A similar study in the O-star regime for larger samples in the Milky Way and othlexiggs may
finally provide the empirical basis to further test stellar evolution also in this dorii&en, it might
become feasible to disentangle the effects of metallicity, rotation, magnetic fegldshinarity on
massive stellar evolution. As outlined above, this will be only possible whesistent model atoms
for oxygen and carbon, well-suited for analyzing O-stars, will becovadable, and will have been
carefully tested by quantitative spectroscopy of significant O-star sample

Also our study of theearliestO-stars implies consequences which need to be validated in future
work. First, the SpTky scale constrained from our LMC sample turned out to be, for a given lugnino
ity class, more or less monotonic. However, this result is somewhat prelimgiacg the majority of
the sample stars showed a considerable nitrogen enrichment, and thésavfadysignificant number
of un- or mildly enriched early-type O-stars will be required to quantify tttea bias due to nitrogen
abundance. Second, the earliest SMC O-stars might have effectiverzmmes below corresponding
LMC ones, implying that the overall Splk relation for SMC stars might be non-monotonic around
spectral types 03.5/04. Finally, our theoretical predictions indicated teeg ghould be enriched
Galactic O4 dwarfs with emission atiNA 4640 and absorption at MA4058. So far, the Walborn
et al. (2002) classification scheme only states that there should be ne tfabevA4058 in O4
dwarfs. First observational evidence for the presence of sucthsor@ion feature suggests that a
revision of the original Walborn et al. (2002) classification scheme mightleeed.

Upcoming results from larger stellar samples, most notably, the VLT-FLANI&S&ntula survey,
will enable a more complete view of the nature of O-stars. In particular, ttegrdmation of O-star
CNO abundances will place very tight constraints on the early evolutigui@ages of O-stars and,
finally, on the complete massive star evolution theory.

3 This does not explain the ‘peculiar’ B-stars from the FLAMES-I survey



Appendix A

Testing the NIl model ion

To test our somewhat simpleiINmodel ion! we compared synthetic line profiles with corresponding
ones fromrLUSTY andDETAIL/SURFACE(Giddings, 1981; Butler & Giddings, 1985), the latter based
on the newly developed N model by Przybilla et al.

A summary of the various tests is provided in Table A.1. We started by compaithdine
profiles from the BSTAR2006 model grid (Lanz & Hubeny, 2007). Thisl dnas been calculated
using the model atmosphere codassTy, a code that assumes plane-parallel geometry, hydrostatic
and radiative equilibrium, and calculates line-blanketed NLTE model atmosphad corresponding
synthetic profiles. Owing to its restrictions, only objects with negligible windsbheaanalyzed.

We used this grid of models as reference because it covers the parsangiat which Ni/N 111
are the dominant ionization stages, and the lhes are clearly visible in the synthetic spectra. In
addition, the BSTAR2006 grid has been used in numerous studies aiming @étérenination of
stellar abundances and parameters in B-stars (e.g., Lanz et al., 2008).

We calculated a grid cfAsTwWIND model, covering the temperature range 20kRgs < 30 kK,
using a typical step size of 2.5 kK, and gravities representative forfdveand giants. Because
TLUSTY does not account for the presence of a wind, we used negligible mesgtesM= 10 9. ..
10710 M. yr~1. BecauseAsTWIND allows for employing external photospheric structures, we cre-
ated a second grid using tlieusTy photospheric structure, smoothly connected to the wind structure
as calculated byasTwIND, with the usual3 velocity law. For consistency with thieLusTY grid,
all models were calculated with the ‘older’ solar nitrogen abundance, [NP2 (Grevesse & Sauval,
1998). Note that all tests were performed with the complete nitrogen modeliatoiding the ions
N 11 to Nv as described in Chapter 3.

We found substantial differences between the syntheticliNe profiles calculated byLusTy
(TL) and FASTWIND (FW), even though the hydrogen/helium lines agree very well (exaephé
forbidden component of Hewhich is stronger in FW-models). The latter code predicts stronger N
profiles, which is also true for theasTwIND results based on theLuSTY photospheric structure
(FW2, see Figs. A.2to A.7).

For dwarfs, there are almost no differences between the profilestfrerAW and FW2 models.
This is readily understood, since the photospheric stratification of eleietnoperatureTe, and elec-
tron density,ne, are essentially the same (see Fig. A.1, panel 1, 3, 5)FasTWIND and TLUSTY
predict the same structures.

1 Important, e.g., for our comparison with B-star nitrogen abundafnogsalternative analyses, see Sect. 5.6.2
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Table A.1: NIl test series.

Series Atomic model Photospheric NLTE/line formation

stratification
FW see Sect. 3.2 FASTWIND FASTWIND
FW2 see Sect. 3.2 TLUSTY FASTWIND
TL TLUSTY TLUSTY TLUSTY
Prz Przybillaetal. KRucz DETAIL/SURFACE

On the other hand, models for giants at highgr display (mostly) weak differences. Aty =
27.5 kK and logy = 3.0, e.g., there is a small disagreement of the electron densities in phatosphe
regions fross< 10°), even though the temperatures agree quite well (Fig. A.1, panel Garticylar,
the TLUSTY and thus the FW2 structure shows a lower electron density at optical depére the
photospheric lines are formed, because of a higher photospheritvadiize pressure in this model.

Because of the lower electron density, the lower recombination rat&sg:(@27.5 kK, Niii is the
dominant ion) lead to somewhat weakeri Nrofiles in the FW2 models compared to the FW ones,
see Fig. A.7. Nevertheless, differences to the profiles as predicted hig€lf are still considerable,
and we conclude that the photospheric structure is not the origin of thepéstwies.

As an independent check, we compared our results with spectra caidchiate. Przybilla (priv.
comm.) for two of our grid models, denoted by Prz in the following. Thesetspace based on the
NLTE/line formation codeETAIL/SURFACE and the NI model ion recently developed by Przybilla
et al.. We consider this atomic model as the superior one in the presenttctrgexuse the atomic
data were successfully improved and tested, and the correspondihgtsyspectra perfectly match
high-resolution/high-signal-to-noise observations from various Bs¢Ruzybilla et al., 2008).

Figures A.2 and A.4 show that the FW and Prz profiles agree excellentighudaves us with
the conclusion that there might be problems in the Btomic data used in the BSTAR2006 grid.
Important studies usingLUSTY have been carried out during the past years (e.g., Dufton et al. 2006;
Trundle et al. 2007; Hunter et al. 2009b), including the determination falundances in LMC
and SMC B-stars. These studies utilized a different model atom, develypatiende Prieto et al.
(2003), which has been tested by N. Przybilla at our request, with ay@osiiicome. Therefore these
analyses should be free from uncertainties related to a potentially insoiffat@mic model.
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Figure A.6: As Fig. A.3, but folfe = 27.5 kK and logy = 3.5.

NII3995

11
1.0
0.9
0.8
0.7
0.6
3994.0 39945 3995.0 3995.5 3996.0

wavelength (A)
Nil4621

1.1
1.0 N— 7

0.9
0.8
0.7
0.6

4620.04620.5 4621.04621.5 4622.0 4622.5
wavelength (A)
NII5005

1.1
1.0

0.9

0.8
0.7
0.6

5004.0 5004.5 5005.0 5005.5 5006.0
wavelength (A)

emergent profile emergent profile

emergent profile

NIl4447 NII14601
11 1.1
1.0 — — 2 10 <~— < —
o
0.9 S 09 /
=
o
0.8 2 08
£
0.7 < 07
0.6 0.6
4446.0 4446.5 4447.0 44475 4448.0 4600.5 4601.0 4601.5 4602.0 4602.5
wavelength (A) wavelength (A)
NII4630 NIl4643
1.1 1.1
1.0 2 10
s
0.9 S 09
€
o
0.8 2 08
g
0.7 o 07
0.6 0.6
4629.5 4630.0 4630.5 4631.0 4631.5 4642.0 46425 4643.0 4643.5 4644.0
wavelength (A) wavelength (A)
NII5679 NIlg482
11 1.1
1.0 2 10 —
o
0.9 8 o9
=
o
0.8 2 08
£
0.7 < 07
0.6 0.6

5678.5 5679.0 5679.5 5680.0 5680.5
wavelength (A)

6481.0 6481.5 6482.0 6482.5 6483.0
wavelength (A)

Figure A.7: As Fig. A.3, but fofle = 27.5 kK and logy = 3.0.



Appendix B

Comparison of line profiles with results

from CMFGEN

B.1 Comparison of Nii/N 111 line profiles

In this appendix, we display a comparison ofiN(and partly Nit) line profiles fromrFASTWIND
(black) andcMFGEN (green), for all models from the grid presented in Table 4.3. For a digmus

see Sect. 4.5.
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Figure B.2: As Fig. B.1, but for model8v.
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Figure B.10: As Fig. B.5, but for modsl10a.
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Figure B.11: As Fig. B.5, but for modei8a.
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Figure B.12: As Fig. B.5, but for modsi6a.
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Figure B.14: As Fig. B.5, but for modsRRa.

B.2 Comparison of H/He/N line profiles for models with different nitro-
gen abundances

Figures B.15 to B.22 provide a detailed comparison between H/He amtNNv/N v CMFGEN spec-
tra for modelsd2v, d4v, s2a, ands4a (see Table 6.3), and correspondirgsTWIND profiles
from closest or almost closest grid models, for a nitrogen abundaritg of8.78 and [N] = 7.78. If
not explicitly stated else, no convolution has been applied to the spectrdetails, see Sect. 6.5.
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Figure B.15: Modeld4v at [N] =8.78. Comparison of H/He/N spectra frooMFGEN (green) and
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Figure B.16: Moded4v at [N] =7.78 (solar). Comparison of N spectra framFGEN (green) and
FASTWIND, at the closest grid-model. (blackes = 41 kK, logg = 4.0, logQ = —12.8, [N] = 7.78).
The H/He spectra remain as in Fig. B.15. No convolution applied.
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Figure B.17: Moded2v at [N] =7.78 (solar). Comparison of N spectra framrFGEN (green) and
FASTWIND, at the closest grid-model (blacKes = 46 kK, logg = 4.0, logQ = —12.45, [N] = 7.78),
and at the neighboring grid model wilhg = 47 kK (red). The H/He spectra remain as in Fig. B.18.
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Figure B.18: Modeld2v at [N] =8.78. Comparison of H/He/N spectra fraoMFGEN (green) and
FASTWIND, at the closest grid-model (blacRKs = 46 kK, logg = 4.0, logQ = —12.45, [N] = 8.78)
and at neighboring grid model withy = 47 kK (red). No convolution has been applied.
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Figure B.20: Modek4a at [N] =7.78 (solar). Comparison of N spectra framFGEN (green) and

FASTWIND, at the closest grid-model (blackes = 39 kK, logg = 3.5, logQ = —12.10, [N] = 7.78).
The H/He spectra remain as in Fig. B.19.
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Figure B.21: Modek2a at [N] =7.78 (solar). Comparison of N spectra framrFGEN (green) and
FASTWIND, at the (almost) closest grid-model (bladks = 46 kK, logg = 3.8, logQ = —12.10, [N]
=7.78). The H/He spectra remain as in Fig. B.22.
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Figure B.22: Modek?2a at [N] =8.78. Comparison of H/He/N spectra fraoMFGEN (green) and
FASTWIND, at the (almost) closest grid-model (bladii = 46 kK, logg = 3.8, logQ = —12.10, [N]
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Appendix C

Line fits for individual objects

C.1 Line fits for the LMC sample

Figures. C.1 to C.22 display the observed (green) and best-fitting opiicaden spectra (black) for
all objects analyzed in Chapter 5, except for N11-072, N11-032B4R87, which are contained in
Sect. 5.5. Blue and red spectra show corresponding synthetic line pnofile [N] at the lower and
upper limit, respectively. For N11-031 (Fig. C.7), we show the fits cpording to the two alternative
solutions for this star (see Sect. 5.5). For details on the line fits, see Se@n8.r adopted stellar
parameters and derived nitrogen abundances inspect Table 5.2tdadFa respectively. All fits are
based on unclumped winds except when explicitly stated.
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Figure C.1: N11-029 — 09.7 Ib.
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Figure C.7: N11-031 — ON2 llif). Black: cooler solution, supported by He4471, Nin and
N1vA6380. Red: hotter solution, supported by theviN v lines (see Sect. 5.5).
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Figure C.8: N11-038 — O5 IIff).
NIII4003 NIll4097 NIII4195
& 102 811 2105
s 101 s 10 s 1.00
E 100 £ 00 £ oes \
M o 2 090
g omw g os £ oss
E 0.98 E 07 E 0.80
¢ 097 s 06 @ 0.7
4000 4002 4004 4008 4095.3 4096.6 4098.0 4099.3 4193 4195 4197 41
wavelength (&) wavelength (&) wavelength ()
NIII4379 NIll4634-4640-4642 NIll4510-14-18
& 1.02 & 1.20 & 1.04
g Lo $ s § 102
& 1.00 2110 2 1.00
g 080 E o £ 0!
£ 008 £ §o
] @ 1.00 & 096} E
E 097 £ E
© 0.96 ¢ 085 ¢ 094
4378 4378 4380 4382 4628 4634 4840 4648 4608 4611 4817 4523
wavelength (&) wavelength (B wavelength (R
NIV3478-3482-3484 NIV4068 NIVe380
813 8 102 s 104
5 1.2 S 1.00 V S 102 k
E 1 £ oes E £ oo
2 £ 006 { ¢ o0e E
!0 #0064 { ossf 3
g 08f g o2 E 2 osaf E
¢ 08 s 0.90 ¢ 092
475 3479 3483 3487 4051.0 4055.7 4060.3 4085.0 6373.0 6378.3 6382.7
wavelength () wavelength (&) wavelength (B
NIV7103-7109-7111 NIV7122-7127-7129 NV4603-4619
£ 1.08 & 110 & 1.04
iis i 3 g
1.04 L ] A
z 102 = 108 = 101
£ oonf | B % 0c0
E ogsf H I £ 098 l
£ ot 0.5 G 097
71020 71067 71113 71160 71160 71207 71263 71300 4607 4608 4618
wavelength (&) wavelength (B wavelength (R
Figure C.9: Sk—66100 — O6 II(f).
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Figure C.11: BI253 — O2 V({)).
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Figure C.10: N11-045 - Q9 lll.
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Figure C.12: N11-060 — O3 V({(}).
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Figure C.13: Sk—7069 — O5 V((f)). For this star, the N multiplet at 7103-7129 has not been
observed.
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Figure C.14: N11-051— O5 Vn((f)).
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Figure C.16: Sk—6618 — 06 V((f)). Magenta spectra correspond to a weakly clumped model. F
details, see Sect. 5.5.
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Figure C.17: N11-065 — 06.5 V((f)).
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Figure C.18: N11-066 — O7 V((f)).
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Figure C.19: N11-068 — O7 V((f)).
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Figure C.22: N11-087 — 09.5 Vn.

C.2 Line fits for the LMC/SMC early O-star sample

In the following, we display the observed (green) and best-fitting optiddeHN spectra (black) for
all objects analyzed in Chapter 6 (Figs. C.23 to C.34). For NGC 346-355(F34), we show the
fits corresponding to the two alternative solutions for this star and anadgeésolution as well (see
Sect. 6.6.4). For details on the line fits, see Sect. 6.6.4, and for adoptedstedimeters and derived
nitrogen abundances inspect Table 6.5.
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Figure C.23: R136-040 - 02-3.5 V. For the R136 O-stars, obsenettrspfor H, Hy, HelAA 4387,
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star.
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Figure C.24: LH 81:W28-23 - 03.5 V((f+)).
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